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CHAPTER1
ATMOSPHERIC NEUTRINOS

In the present chapter the theory behind the high energy atmospheric neutrino flux is
described. Section 1.1 describes the status of our present knowledge of cosmic rays,
the first ingredient for atmospheric neutrino production. The following three sections
emphasize the calculation of the atmospheric neutrino flux and the description of its two
components, namely the conventional flux due to pion and kaon decays and the prompt
flux due to charm hadron decays. We conclude with a brief discussion on neutrino
oscillations and their relevance to this work.

1.1 Cosmic rays

The planet we inhabit is constantly bombarded by charged particles called cosmic rays.
The majority of cosmic rays originate from outside the Solar System and their energies
span a range of many orders of magnitude, from a few MeV up to 1014 MeV. Cosmic rays
(CR) produced in the acceleration sources in the cosmos are referred to as primordial, in
contrast to the primary cosmic rays, which are particles of cosmic radiation that reach
the top of the Earth’s atmosphere. Cosmic rays consist predominantly of protons, a
fraction of ∼ 94%, followed by ∼ 5% Helium nuclei, while heavier elements account for
only ∼ 1% of the bulk of cosmic rays [Revi 11]. The chemical abundance of the cosmic
rays is very similar to the abundances of interstellar matter observed in our Solar System
through chemical analysis of meteorites or solar photosphere spectroscopy (fig. 1.1).
There are differences in the abundances observed for Lithium (Li), Beryllium (Be) and
Boron (B), as well as Scandium (Sc), Titanium (Ti), Vanadium (V), Chromium (Cr)
and Manganese (Mn). These differences are attributed to the spallation of heavier
elements such as Carbon (C), Oxygen (O) and Iron (Fe) on interstellar matter on their
way from their sources to the Earth.

The flux of cosmic rays is described by a steeply falling energy-dependent spectrum
(fig. 1.2). To appreciate the steepness of the spectrum one has to consider that while
at energies of a few GeV the influx of cosmic ray particles is around 103 s−1 m−2, for
particles of energies close to 1011 GeV, this number is 10−2 km−2 yr−1. It is evident that
the determination of such low rates pose a significant experimental challenge. Especially
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Figure 1.1: Elemental abundances in cosmic rays as a function of the atomic number,
normalized to Silicon (Si). The elemental abundances in the Solar System are shown
for comparison. Figure from [Blue 09].

for the highest energy cosmic rays, large detection areas are necessary in order to obtain
sufficient statistics. The energy spectrum follows a power law of the form:

dN

dE
∝ Eγ. (1.1.1)

The steepness of the spectrum depends on the energy. The spectral index γ is approxi-
mately -2.7 at energies up to several PeV, at which point the slope changes. This point
in the spectrum is called the knee, and the spectral index changes to γ ' −3.1 for higher
energies. A flattening (γ ' −.2.7) at the ankle of the spectrum is observed at higher
energies ∼ 4× 1018 eV. Above 4× 1019 eV the spectrum drops away steeply. Very little
is known about the origin of these extremely high energy cosmic rays. Cosmic rays
with energies of less than a few GeV are significantly affected by the solar wind, which
consists mainly of charged particles such as protons and electrons. Magnetic irregulari-
ties carried by the solar wind can significantly alter the direction and reduce the rate of
low energy particles that reach the Earth. Cosmic rays propagating in the galaxy are
deflected by magnetic fields in the galaxy of the order of B∼ 3µG, while extragalactic
cosmic rays are deflected also by intergalactic magnetic fields of the order of nG.

The majority of cosmic rays up to energies of ∼ 1018 eV is assumed to originate
from within the Milky Way. Estimates of the maximum attainable energy in supernova
remnant (SNR) acceleration give values in the range of 1015−1018 eV [Bere 96; Luce 00].
Various models have been proposed to explain the origin of the knee [Hoer 04]. The
steepening of the spectrum above the knee can be attributed to the fact that most
cosmic ray accelerators within the galaxy have already reached their maximum energy.
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Figure 1.2: Measurements of the CR energy spectrum, figure from [Revi 11]. Low energy
measurements can be performed directly by high-altitude ballon experiments. As the
flux decreases dramatically for higher energies, very large ground based experiments are
employed.

Another explanation is related to the leakage of particles from our galaxy, especially
for the highest energies where the effect of intergalactic magnetic fields is weaker. For
particles with higher Z, more energy is required to escape the galactic magnetic field.
Therefore, the position of the knee depends on the atomic number. The maximum
attainable energy in SNR’s is also dependent on the atomic number of the particle
accelerated. The iron knee would manifest itself at higher energies than the proton
knee, consequently affecting the chemical composition of cosmic rays above ∼ 1015 eV.

The flattening at the ankle is believed to be due to an extragalactic flux component,
dominating over the softer, i.e. steeper, galactic component. In addition, the dip struc-
ture at the area of the ankle is interpreted as being due to energy losses of extragalactic
protons through the:

p+ γCMB −→ p+ e+ + e− (1.1.2)

interaction with the photons of the cosmic microwave background (CMB) [Bere 06].
For energies above ∼ 6×1019 eV, cosmic ray particles will interact inelastically with the
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cosmic microwave radiation. Protons interacting with the 2.7 K CMB photons, produce
pions via the ∆ resonance:

p+ γCMB −→ ∆+ −→ p+ π0, (1.1.3)

p+ γCMB −→ ∆+ −→ n+ π+, (1.1.4)

thus introducing a sharp cutoff in the spectrum for higher energies. In addition, photo-
dissociation of heavy nuclei would have a similar effect on the spectrum. This was first
realized by Greisen, Zatsepin and Kuz’min (GZK) [Grei 66; Zats 66]. The Akeno Giant
Air Shower Array (AGASA) collaboration has reported events contradicting the GZK
suppression [Take 98]. However, this was not observed by High Resolution Fly’s Eye
(HiRes) [Abba 08], the Pierre Auger Observatory [Abra 08; Abra 10] and Telescope
Array [Tsun 11].

1.2 Origin and acceleration of cosmic rays

The origin of cosmic rays and their acceleration mechanisms are not identified or un-
derstood at present. It is assumed that cosmic rays produced in a certain source, are
accelerated inside or near the source itself. In addition, cosmic rays can be accelerated
in the intergalactic medium by interactions with gas clouds.

When a massive star of a certain mass range burns up all of its hydrogen fuel, the
gravitational pressure due to the star’s own mass dominates over the outward radiation
pressure from the nuclear reactions that take place in its core. The star begins a gravi-
tational collapse which increases the star’s density and therefore temperature. At high
enough temperatures, the process of helium burning begins in the star and equilibrium
is once again restored. At a certain point, the helium is also exhausted and this process
of equilibrium followed by gravitational collapse continues until the successive fusion
processes lead to the production of elements of the iron group. At this stage, external
energy is needed to create heavier elements. The fusion process stops and the star col-
lapses under its own gravitational pull. During this implosion, stellar matter is ejected
into interstellar space and a dense neutron star is created in the place of the once bright
star. The ejected matter from this explosion, called type-II supernova (SN), creates a
shock front at which particles can be accelerated. Another category of supernovae is the
type-Ia supernova. They originate from the explosion of white dwarfs, stars that have
completed their life cycle and are composed of carbon and oxygen. A white dwarf that
surpasses the Chandrasekhar limit of around 1.38 solar masses due to accretion of mass
from a companion object, cannot support gravitational pressure by electron degeneracy
pressure alone. This pressure is attributed to the Pauli exclusion principle, forbidding
electrons in a high density environment such as a white dwarf from occupying identical
quantum states. Carbon fusion begins leading to the eventual supernova explosion of
the star.

Particles gain energy by colliding and being reflected by the shock wave front, or by
being trapped between two shock waves and accelerated as they reflect back and forth
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between the two outward moving fronts. Particles accelerated in this way are provided
with a relative energy gain:

∆E

E
∝ us

c
, (1.2.1)

where us is the velocity of the shock. This type of acceleration mechanism is known
as Fermi’s first order acceleration and is linear in the shock velocity. The second order
Fermi mechanism describes the acceleration of particles during their interaction with
magnetic clouds. Particles scatter elastically in the magnetic cloud, eventually gaining
energy:

∆E

E
∝ u2

s

c2
. (1.2.2)

This mechanism is quadratic in the cloud velocity, hence its name. The timescales
involved with particle acceleration of this type are very long due to the very low cloud
velocities relative to the relativistic particle velocities.

During gravitational collapse, the radius of a star becomes significantly smaller. The
dense matter leads to neutron production via electron capture:

p+ e− −→ n+ νe. (1.2.3)

The Fermi energy of electrons in the neutron star is higher than the maximum energy
that electrons can acquire in neutron beta decay. Therefore, Pauli’s principle forbids
further neutron decay and the star turns into a spinning and dense neutron star. In
order to conserve angular momentum during the collapse, the rotational frequency of
the neutron star needs to increase. Additionally, the original magnetic field of the
star is enhanced during the contraction. This can be understood by considering the
conservation of magnetic flux Φ ≡

∫
BdA, leading to denser magnetic field lines as the

surface area decreases. The extraordinarily high magnetic fields are usually not aligned
with the rotational axis of the neutron star. The strong electric fields produced by the
off-axis rotation of the magnetic dipole field, are in principle sufficient to accelerate
charged particles up to the very high energies. Under crude energy considerations, the
energy density of cosmic rays (∼ 1 eV/cm3) can be supported by acceleration in shock
waves as well as highly magnetized neutron stars (pulsars) [Grup 05].

Another possible acceleration source is a black hole or pulsar binary system. Mat-
ter is pulled by the star’s companion, forming an accretion disk around the compact
object. Extremely strong electromagnetic fields produced during the accretion process
are capable of accelerating charged particles. Compact nuclei of active galaxies are also
capable of accelerating charged particles up to extremely high energies. The jets of
shock-accelerated electrons and protons in Active Galactic Nuclei (AGN) could initiate
electromagnetic and hadronic cascades. The product of the electromagnetic cascades
are high energy γ rays produced by inverse Compton scattering with electrons from the
jet. In all cases where high energy protons are created and matter is available for in-
teractions, pions and therefore high energy photons and neutrinos are produced. These
are the sought after cosmic neutrinos.
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1.3 Atmospheric neutrinos

In addition to galactic or extragalactic sources, neutrinos are produced in the Earth’s
atmosphere by collisions of primary cosmic rays with air nuclei. The fragments of the
collisions between cosmic rays and atomic nuclei include pions, kaons and other unstable
hadrons, that give rise to the atmospheric neutrino flux through their decay:

π± −→ µ± + νµ(ν̄µ), (1.3.1)

µ± −→ ν̄µ(νµ) + νe(ν̄e) + e± (1.3.2)

and similarly for kaons. Pions and kaons at high enough energies can interact before
they decay, as discussed later in this section, with nuclei in the atmosphere producing
secondary hadrons. The contribution to the neutrino flux from muon decay is sometimes
neglected since most muons of sufficient energy will reach the Earth before decaying.
Less than 15% of neutrinos with energies higher than 100 GeV come from muon decay.
The flux due to muon decay decreases even further with increasing muon energy. The
atmospheric muon neutrino flux is therefore predominantly associated with muon pro-
duction rather than muon decay. This also means that muon neutrinos are in general
produced at higher altitudes, since the muon lifetime is about two orders of magnitude
larger than the pion lifetime. Muon decay is however responsible for the majority of
electron neutrinos. The decay probabilities for pions, kaons and muons as a function of
distance is illustrated in figure 1.3. Pions and kaons give rise to the so-called conven-
tional atmospheric neutrino flux. The νµ/ν̄µ atmospheric flux ratio is close but higher
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Figure 1.3: Decay probability as a function of the travelled distance for 100 GeV and
1 TeV π, K and µ. The contribution of neutrinos from muon decay is negligible com-
pared to pion and kaon decay.
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Particle Content mc2 (MeV) cτ (m) lifetime τ (s) εcrit (GeV)

D+, D− cd̄, c̄d 1870 312× 10−6 1040× 10−15 3.8× 107

D0, D̄0 cū, c̄u 1865 123× 10−6 410× 10−15 9.6× 107

D+
s , D

−
s cs̄, c̄s 1969 149× 10−6 500× 10−15 8.5× 107

Λ+
c udc 2286 60× 10−6 200× 10−15 2.4× 108

µ+, µ− 106 659 2.2× 10−6 1.0
π+, π− ud̄, ūd 140 7.8 2.6× 10−8 115
K+, K− us̄, ūs 494 3.7 1.2× 10−8 855
Λ0 uds 1116 7.9× 10−2 2.6× 10−10 9× 104

Table 1.1: Table with critical energies for various particles giving rise to the conventional
and prompt atmospheric neutrino flux. The quark content, the mass, the decay length
cτ and the lifetime τ of the particles are also listed.

than one for energies around 100 GeV and increases with energy to a value close to 2.5
for energies around 100 TeV [Lipa 93]. This can be attributed to the fact that cosmic
rays consist mainly of protons that will produce larger numbers of π+ compared to π−.
This will in turn result in an increased µ+ and νµ content over µ− and ν̄µ. For the
highest energies, where kaons play the major role, the asymmetry is stronger, reflecting
the fact that K−[sū] receives no contribution from the valence quark content of the
incident nucleon.

Prompt leptons come from the charm-pair production in proton-nucleus collisions,
their subsequent fragmentation into charm hadrons and finally, the hadrons’ semi-
leptonic decays. Short-lived charm mesons decay fast, before they have the chance
to interact and lose energy, thus producing a harder spectrum than the conventional
component of the flux.

The critical energy εcrit of the parent hadron is defined as the energy for which the
decay and interaction lengths are equal. Above this critical energy, the hadron is more
likely to interact and lose energy before eventually decaying into a neutrino, therefore
producing a neutrino energy spectrum richer in low energies and depleted of higher
energy neutrinos. Table 1.1 shows the critical energies for various hadrons produced in
the particle cascades that take place in the atmosphere. Muon decays contribute to the
atmospheric lepton fluxes only up to a few GeV’s while charged pions and kaons have a
significant contribution up to ∼100 TeV. At higher energies, the semi-leptonic decay of
charmed hadrons, such as the short-lived D-mesons and Λ+

c -hyperons, is the dominant
source of high energy neutrinos in the atmosphere, despite their low production rate.
The contributions to the atmospheric lepton fluxes from various mesons are shown in
figure 1.4.

The prompt muon neutrino and electron neutrino fluxes are identical since charmed
hadrons produce equal numbers of electron and muon neutrinos. The Ds is more impor-
tant for τ and ντ . The flux of prompt tau neutrinos arises mainly from Ds → τντ and B
meson and Λb semileptonic decays, and is smaller than the prompt νµ flux by a factor of
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Figure 1.4: Atmospheric muon (µ−+µ+) and neutrino (ν+ ν̄) fluxes, weighted with E3

from decays of different parents. The top plots correspond to the conventional lepton
flux, while the bottom plots to the prompt contribution. Figure from [Thun 96].

10 [Mart 03]. Since there is very little time for neutrino mixing in the atmosphere the
contribution from tau neutrinos coming from conventional muon neutrinos is negligible.
Above ∼ 100 GeV, kaons are the dominant source of conventional neutrinos, due to the
larger critical energy compared to pions (see table 1.1).

In the most general sense, the flux of atmospheric neutrinos is a convolution of three
factors:

φνi = φp ⊗Rp ⊗ Yp→νi +
∑

A

{φA ⊗RA ⊗ YA→νi}. (1.3.3)

In this equation, φp and φA stand for the primary cosmic ray spectrum at the top of
the atmosphere, R represents the effect of the Earth’s geomagnetic field on the charged
cosmic ray particles and Y is the yield of neutrinos per primary particle. Protons p and
nuclei A, corresponding to the first and second term of equation (1.3.3) respectively,
are treated differently due to different magnetic rigidity and energy per nucleon. The
magnetic rigidity is defined as the total momentum divided by the total charge and
affects the propagation through the geomagnetic field. Furthermore, a proton of rigidity
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R has a total energy per nucleon Ep(GeV) =
√

R2 +m2
p, while a nucleus with mass and

atomic numbers A and Z respectively has EA(GeV) =
√

(Z/A)2 R2 +m2
p. Magnetic

rigidity is a measure of the effect of a magnetic field on a charged particle. For particles
with low energy and high charge the magnetic rigidity is small and the particle is
easily deflected by the magnetic field. On the other hand, the trajectories of low charge
particles with large momenta and therefore high rigidity are not affected by the magnetic
field.

1.3.1 Primary cosmic ray spectrum

The first ingredient in the calculation of the atmospheric neutrino flux is the primary
cosmic ray spectrum. It is parametrized from existing measurements. The data is fitted
to the primary spectrum in the conventional neutrino flux calculations by Gaiser et al.
using the empirical relation [Gais 01]:

φ(Ek) = K ×
(
Ek + b exp

[
−c
√
Ek

])−α
, (1.3.4)

where Ek is the kinetic energy per nucleon.
To calculate the prompt component, including energies below and above the knee,

many authors [Cost 01] use a broken power law parametrization for the cosmic ray
energy spectrum at the top of the atmosphere:

φN(EN , X = 0) = N1 (EN/1 GeV)−(γ1+1) , EN < Eknee (1.3.5)

φN(EN , X = 0) = N2 (EN/1 GeV)−(γ2+1) , EN > Eknee (1.3.6)

where the flux ΦN is given in units of GeV−1 cm−2 s−1 sr−1 and represents the differ-
ential flux of nucleons N with energy EN , in GeV. The slant depth penetrated, de-
fined as the integral of the atmospheric density along the path of the particle through
the atmosphere, is given by X [g/cm2]; X = 0 corresponds to the top of the at-
mosphere. The normalization is given by Ni in units of GeV−1 cm−2 s−1 sr−1 and
γi is the spectral index, representing the slope of the spectrum. Various normaliza-
tions, slope parameters as well as positions of the knee are used by different authors
[Lipa 93; Naga 84; Buga 89; Volk 87; Thun 96], leading to different predictions of the
atmospheric neutrino flux. The values for the various parameters used are shown in
table 1.2.

Factors that can affect the flux of primaries at the top of the atmosphere include
asymmetries due to the motion of the Earth and the effect of solar wind on the in-
coming flux. Anisotropies due to the motion of the Earth relative to the cosmic ray
wind [Comp 35] are less than 1% and they do not affect the neutrino flux significantly.
Before reaching the geomagnetic field of the Earth, the flux of primary cosmic rays is
affected by the solar wind. Low energy particles are highly suppressed, while higher
energy particles lose some energy before reaching the Earth. The effect of solar modu-
lation, i.e. the variation in the intensity of the cosmic ray flux due to changes in solar
activity as a function of time, is not important above 20 GeV.
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Figure 1.5: Measured flux of protons (top) and helium (bottom) as a function of kinetic
energy. The dashed lines correspond to equation (1.3.4) after fitting the data points.
Figure from [Gais 03].

1.3.2 Geomagnetic effect

The geomagnetic field of the Earth prohibits lower energy cosmic rays from entering the
atmosphere. In addition, the trajectories of the secondary particles from the primaries
that are energetic enough to enter the atmosphere are bent by the magnetic field. The
position, direction and rigidity of a particle determines whether it can penetrate the
magnetic field and reach the Earth. This effect for particles with a direction normal
to the surface of the Earth is stronger for geomagnetic latitudes close to zero, i.e.
near the equator, due to the vertical angle between the Earth’s magnetic field and the
direction of the particle (u × B). Low energy (∼ 1 GeV) particles do not reach the
atmosphere and do not produce secondaries. Intermediate energies (∼ 10 GeV) exhibit
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Author N1 γ1 N2 γ2 Eknee/GeV

Lipari 1.7 1.7 - - -
Nagano et al. 1.35 1.62 630 2.02 4.67× 106

Bugaev et al. (F) 1.02 1.62 323 2.02 1.9× 106

Bugaev et al. (D) 1.02 1.62 193 2.02 5.2× 105

Thunman et al. 1.7 1.7 174 2 5× 106

Table 1.2: Table with values used in the parametrization of the primary cosmic ray
flux.

a strong east-west asymmetry and high energy (∼ 100 GeV) particles are not affected
by the geomagnetic field [Gais 00]. The geomagnetic effect for the energies relevant
for the present analysis, i.e. higher than ∼ 100 GeV is negligible. Charged cosmic ray
particles’ trajectories are affected by the Earth’s magnetic field in a different way for
a certain detector location, depending on their incoming direction. The effect of the
magnetic field is an increased intensity of cosmic rays coming from the West, since the
geomagnetic cutoff for particles arriving from the East is higher. This is known as the
East-West effect illustrated in figure 1.6. The East-West asymmetry defined as:

A =
NE −NW

NE +NW

, (1.3.7)

where NE (NW ) is the number of events traveling toward East (West), was measured
by the Super-Kamiokande detector [Futa 99]. Its value for muon-like events is A =
0.08± 0.04.

1.3.3 Atmospheric model

One of the steps in the calculation of the atmospheric lepton flux is the propagation of
particles through the atmosphere, explained in detail in the following section, requiring
detailed modeling of the traversed atmosphere. The slant depth, i.e. the distance of
atmosphere traversed by the particle until a distance l0 from the ground along a direction
at an angle θ, is given by:

X(l0, θ) =

∫ ∞
l0

ρ (h(l, θ)) dl, (1.3.8)

where ρ is the atmospheric density and h is the altitude:

h(l, θ) =
√
R2
� + 2lR�cos θ + l2 −R�, (1.3.9)

where R� is the radius of the Earth, l is the distance from the ground and θ is the angle
between the zenith and the direction of the particle. An isothermal model is used for
the density:

ρ(h) = ρ0e
−h/h0 , (1.3.10)
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Figure 1.6: Illustration of the
East-West effect. The view
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where h0 = 6.4 km and ρ0h0 = 1300 g/cm2. This approximation describes sufficiently
well the atmospheric density, or equivalently temperature, profile especially for altitudes
in the range 10-40 km, where the majority of interactions take place [Thun 96]. A
slightly different parametrization is used by Lipari [Lipa 93], distinguishing between
lower and higher altitudes. A power law dependence of the form ρ(h) = α(β − h)γ is
assumed up to 11 km and an exponential one above that. The two parametrizations of
the atmospheric density are shown in figure 1.7.

1.3.4 Primary nucleon flux evolution

The nucleons constituting the primary cosmic ray flux are propagated in the atmo-
sphere, being absorbed and regenerated in nucleon-air inelastic collisions. Both simu-
lations and analytic approximations are used for the description of the flux evolution.
Primary cosmic ray nucleons collide with nuclei in the atmosphere, producing secondary
particles that either decay to give rise to the atmospheric lepton flux, or re-interact to
produce more particles until all energy is dissipated in the form of electromagnetic and
hadronic showers. The interaction length that governs the absorption is given by:

λN(E) =
ρ(h)∑

A σNA(E)nA(h)
, (1.3.11)

where σNA(E) is the inclusive inelastic cross section for collisions of nucleons with
nuclei of atomic number A and nA(h) is the number density of nuclei at altitude h.
The average atomic number for atmospheric nuclei 〈A〉 = 14.5 is frequently used. It is
based on the approximate atmospheric composition of 78.4% nitrogen, 21.1% oxygen
and 0.5% argon, describing the composition up to 100 km [Alle 99].
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Figure 1.7: Atmospheric air density as a function of the altitude h for two different
parametrizations, TIG [Thun 96] and Lipari [Lipa 93].

The incident cosmic ray flux is reduced by a term describing collisions that produce
mesons or other unstable baryons. A second term is considered to account for nuclei
fragments that are available for a second interaction. The development of the nucleon
flux is given by the cascade equation:

dφN
dX

= −φN
λN

+ S(NA→ NY ). (1.3.12)

The first term in this equation describes the absorption and the second the nucleon N
regeneration through collisions with nuclei A:

S(NA→ NY ) =

∫ ∞
E

dE ′
φk(E

′)

λk(E ′)

dn(NA→ NY ;E ′, E)

dE
. (1.3.13)

The energy distribution of secondary hadrons, dn/dE, representing the number of
hadrons with energy between E and E + dE is different for the case of production
and decay. In hadron production, as is the case of equation (1.3.13), it is given by:

dn(k → j;Ek, Ej)

dEj
=

1

σkA(Ek)

dσ(kA→ jY ;Ek, Ej)

dEj
, (1.3.14)

where σkA is the total inelastic cross section for kA collisions. In equation (1.3.14), k
corresponds to the incoming hadron with energy Ek and j to the produced hadron with
energy Ej. The flux of mesons and unstable baryons that was generated in nucleon-air
interactions, is in turn decreased due to either decay or further collisions. A regeneration
term due to hadron-air collisions is again considered. This meson and baryon flux is
described in analogy to equation (1.3.12) by:

dφM
dX

= S(NA→MY )− φM
λM
− φM
λdec
M

+ S(MA→MY ). (1.3.15)
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The first term describes the hadron M production due to NA collisions. The second and
third terms are responsible for the M absorption and decay respectively. Finally, the
term S(MA → MY ) describes the M regeneration in analogy to (1.3.13). The decay
length of particle j is given by:

λdec
j (E) = γβcτjρ(X), (1.3.16)

where τj is the proper lifetime of particle j and γ the Lorentz boost factor. The
atmospheric lepton flux originates from the mesons and baryons that decayed semilep-
tonically in the previous step. This lepton flux is governed by the equation:

dφl
dX

=
∑
M

S(M → lY ). (1.3.17)

The summation is performed over all hadrons that decay into a lepton, i.e. M =
π±, K±, K0, D±, D0, D±s ,Λ

±
c . The term S(M → lY ) that describes the lepton pro-

duction from hadron decay is written as:

S(M → lY ) =

∫ ∞
E

dEM
φM(EM)

λdec
M (EM)

dn(M → lY ;EM , E)

dE
. (1.3.18)

In analogy to (1.3.14), but for the case of decay, the energy distribution of the produced
leptons j is given by:

dn(k → j;Ek, Ej)

dEj
=

1

Γk

dΓ(k → jY ;Ej)

dEj
, (1.3.19)

where Γk is the decay rate of particle k.

1.3.5 Approximate analytic solution

The final lepton flux φl can be obtained by means of Monte Carlo simulations of the
particle cascade initiated by the primary nucleon. However, approximate analytic so-
lutions are frequently used. Detailed comparisons have shown that the two approaches
give results that agree within 20% [Thun 96]. These analytic solutions are based on
the approximate factorization of the primary particle fluxes into energy dependent and
depth dependent parts, i.e.

φi(E,X, θ) = E−βiφi(X, θ). (1.3.20)

The cascade equations described by (1.3.12) and (1.3.15) can be rewritten as:

dφN
dX

= −φN
λN

+ ZNN
φN
λN

, (1.3.21)

dφM
dX

= − φM
λdec
M

− φM
λM

+ ZMM
φM
λM

+ ZNM
φN
λN

. (1.3.22)
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The spectrum weighted moments Zkj are defined as:

Zkj ≡
∫ ∞
E

dE ′
φk(E

′, X, θ)

φk(E,X, θ)

λk(E)

λk(E ′)

dn(kA→ jY ;E ′, E)

dE
. (1.3.23)

Under the assumptions that the incoming spectrum falls as E−(γ+1) and that the flux
ratios are independent of the depthX since the fluxes develop rapidly in the atmosphere,
the moments Zkj can be expressed as:

Zkj =

∫ ∞
E

dE ′
(
E ′

E

)−γ−1
λk(E)

λk(E ′)

dn(kA→ jY ;E ′, E)

dE
. (1.3.24)

The nucleon flux φN , solution of (1.3.21), can now be written in the form:

φN(X,E) = φN(0, E)e
− X

ΛN , (1.3.25)

where φN(0, E) is the primary nucleon flux at the top of the atmosphere, and

ΛN =
λN(E)

1− ZNN(E)
(1.3.26)

is the nucleon attenuation length, with λN the interaction length of equation (1.3.11).
The meson fluxes (equation (1.3.22)) are approximated in the low and high energy
regime, i.e. for energies much lower or much higher than the critical energy, by neglecting
the interaction and regeneration term for the former, and the decay term for the latter.
The energy behavior for the two regimes is different, i.e.

φlow
M ∝ E−γ, (1.3.27)

φhigh
M ∝ E−(γ+1). (1.3.28)

The reason for the more flat energy spectrum at the low energy regime is the Lorentz
γ = E/m factor in the decay length (1.3.16), appearing in the denominator of the
flux (1.3.22). The lepton fluxes in the low and high energy regimes are finally written
as:

φlow
l = ZM→l,γ+1

ZNM
1− ZNN

φN(E), (1.3.29)

φhigh
l = ZM→l,γ+2

ZNM
1− ZNN

ln(ΛM/ΛN)

1− ΛN/ΛM

εM
E cos θ

φN(E), (1.3.30)

where

ZM→l,β+1 =

∫ ∞
E

dEM

(
EM
E

)−β
λdec
M (E)

λdec
M (EM)

dn(M → lY ;EM , E)

dE
. (1.3.31)

and

εM =
mMc

2h0

cτM
. (1.3.32)
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This is the critical energy, discussed at the beginning of this section, describing the in-
terplay between interaction and decay. The final lepton flux is obtained by interpolating
between the two energy regimes as:

φl =
∑
M

φlow
l φhigh

l

φlow
l + φhigh

l

(1.3.33)

=
φN(E)

1− ZNN
∑
M

ZNMZM→l,γ+1

1 + AM E cos θ/εM
, (1.3.34)

where

AM =
ZM→l,γ+1

ZM→l,γ+2

1− ΛN/ΛM

ln(ΛM/ΛN)
. (1.3.35)

The main uncertainties that enter the calculation are the normalization and slope
of the primary cosmic ray spectrum, the nucleonic attenuation and interaction lengths,
particle production in pA collisions, and for the prompt contribution, the charmed
hadron production details. The models of hadron production and decay, necessary
ingredients for the atmospheric neutrino flux calculation, are based on accelerator data
for scattering of protons on light nuclei. The differences arising from the different
treatments are responsible for ∼ 15% of uncertainty in the final conventional neutrino
fluxes.

1.4 Conventional atmospheric neutrino flux calcu-

lations

The two major conventional atmospheric neutrino calculations that we consider in the
present work are the ones performed by Barr et al. [Barr 04] and Honda et al. [Hond 04;
Hond 07], shown in figure 1.8. Barr et al. use the primary spectrum of Agrawal et
al. [Agra 96] and the MC generator TARGET 2.1 [Enge 01] to simulate the hadronic
interactions. Honda et al. use the modified DPMJET-III [Sanu 07; Roes 98; Enge 97]
for the hadronic interactions modeling and the primary spectrum parametrization in
equation (1.3.4), with the parameters taken from Gaisser et al. [Gais 02]. The small
difference between the results of the two calculations is due to compensation of opposite
effects originating from the different primary spectrum parametrization and hadron
production treatment.

One approximation made in early one-dimensional (1D) calculations is that the
neutrinos follow the direction of their parents. Three-dimensional (3D) calculations
however, reveal important effects for energies in the sub-GeV region. At low energies,
the transverse and longitudinal momenta of pions are comparable. In 1D calculations
the transverse momentum of secondaries is neglected and the bending of charged sec-
ondaries in the geomagnetic field is not taken into account [Batt 00].

The 3D calculations are performed as follows. Cosmic ray showers are generated
isotropically and uniformly over the Earth. The geomagnetic cutoff is calculated at each
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Figure 1.8: Conventional high energy atmospheric muon neutrino and antineutrino
fluxes. The vertical, horizontal and zenith angle-averaged results are shown. The
difference between the vertical (θ = 0◦) and horizontal (θ = 90◦) fluxes is driven by the
cosine in equation (1.3.34), reflecting the amount of atmosphere traversed and therefore
the available time for decay into neutrinos.

injection location for a given particle rigidity and the appropriate events are kept. A
backtracking technique is applied to determine if the particles can overcome the rigidity
cutoff. The history of the particle is examined by solving the equations of motion for
the particle at the top of the atmosphere in the negative time direction. If the particle
reaches a hypothetical sphere far away from the injection point it is kept. If the particle
stays in the vicinity of the Earth or hits the Earth it is rejected. The information that
this backtracking technique provides is whether a particle of a given rigidity can reach
the top of the atmosphere. The parametrization of NASA [NASAa] and the IGRF2005
model [NASAb] are used for the Earth’s magnetic field by Barr et al. and Honda et al.
respectively.

Interactions of protons with almost tangential trajectories at the top of the atmo-
sphere can produce secondary protons below the geomagnetic cutoff giving rise to the
so-called second spectrum. This is taken into account in the calculation, but the effect
is small due to the low intensity of the second spectrum itself. Honda et al. calculated
the contribution of these albedo particles to be much smaller than 1%.

Very few events will eventually cross the detector area A (∼ A/R2
� ∼ 10−10), while
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the rest will be discarded. In 1D calculations only cosmic rays that point to the detector
are sampled which makes the calculation extremely efficient. A brute force 3D calcula-
tion is very inefficient. Since most of the neutrinos in the 3D calculation do not cross
the detector, the detector size has to be taken many times larger in order to increase
the efficiency of the calculation, a frequently used approximation [Lipa 00; Hond 01].
The hypothetical detector is a circular disk centered at the real detector position. The
neutrino flux is averaged over this surface, leading to less than 0.5% error [Barr 04].
The difficulty that arises by the change in the cross sectional area of the detector de-
pending on the angle of incidence of the neutrino is addressed by assigning weights to
the events. The angular distribution is binned to avoid divergences in the horizontal
direction. Honda et al. have used different detector sizes and estimated the error to be
less than 5%.

One of the most important results of the 3D calculations is an enhancement of low
energy neutrino flux near the horizon compared to the 1D calculations and a decrease
near the zenith. This effect is present in lower energies and decreases as the energies
increase. The zenith distributions for 1D and 3D are identical for Eν > 5 GeV while
azimuthal differences are still present. The flavor ratio in the two calculations is the
same. The azimuthal differences are attributed to the bending of primary particles
as well as muons in the atmosphere. This effect is still present at neutrino energies
around 10 GeV but decreases with increasing energy. The bending of protons affects all
neutrino types in the same way, while for muons, since they bend in different directions
according to their charge, particle/antiparticle differences are introduced. There are
essentially no differences between the 1D and 3D calculations above 100 GeV.

The primary spectra below 100 GeV are parametrized with equation (1.3.4). This fit
is based mainly on AMS [Alca 00a; Alca 00b] and BESS [Hain 04; Sanu 00] data. The
errors above 100 GeV are attributed to uncertainties in the primary cosmic ray spectrum
and the treatment of hadronic interactions. The uncertainties in the primary spectrum
are at the level of 5% below 100 GeV, based on BESS [Sanu 00] and AMS [Alca 00a]
measurements, and up to 10% for 10 TeV per nucleon [Gais 01]. The primary cosmic ray
uncertainty is estimated by applying a power law extrapolation above 100 GeV. Using
all measurements the uncertainty is estimated at 20% below 100 GeV and 30% above
that. The different treatment of hadronic interactions gives a 20-25% uncertainty in
the neutrino flux. Honda et al. estimated the uncertainty on the atmospheric neutrino
flux below 10 GeV to be at the level of 7%, 14% at 100 GeV and 25% at 1 TeV, while
above this energy it becomes difficult to reliably estimate the errors.

1.5 Prompt atmospheric neutrino flux calculations

In this section we briefly outline the most recent prompt neutrino flux calculations
as well as some extreme case scenarios. The dominant partonic subprocess for charm
production in perturbative QCD is gg → cc̄ [Comb 79]. The leading order in the strong
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coupling constant αS differential cross section for cc̄ production is given by:

dσ

dxF
=

∫
dM2

cc̄

(x1 + x2)s
σgg→cc̄(s)g(x1, µ

2)g(x2, µ
2), (1.5.1)

where µ is the factorization scale, s is the center of mass energy, Mcc̄ is the cc̄ invariant
mass and g(x, µ2) the gluon distribution function. The fraction of the proton momentum
carried by the gluons is given by x, and xF = x1 − x2 is the Feynman variable. The
fractional momenta carried by the gluons can be expressed as:

x1,2 =
1

2

(√
x2
F +

4M2
cc̄

s
± xF

)
. (1.5.2)

At high center of mass energies relevant for cosmic rays collisions in the atmosphere,
the one gluon distribution function is at x1 ∼ xF and the other at very small x2 � 1.
It is evident that in the high energy regime, the gluon density at very small-x is needed
for the calculation of the cross section.

For small x, leading order (LO) or next-to-leading order (NLO) QCD does not work
well. The perturbative Dokshitzer-Gribov-Lipatov-Alterelli-Parisi (DGLAP) evolution
equations describe rising parton distributions with increasing momentum transfer Q2

at small x. This treatment is only appropriate when lnQ2 is much larger than ln(1/x).
In the limit of large Q2 and small x, the leading lnQ2 resummation within the DGLAP
framework is supplemented by an approximation where only large leading ln(1/x) terms
are kept. This is called the double leading logarithm approximation (DLL). For the
region of small x and Q2, the Balitsky-Fadin-Kuraev-Lipatov (BFKL) equation resums
the terms that are proportional to αS ln(1/x) to all orders, using the full Q2 dependence
without using only the leading lnQ2 terms. The BFKL equation leads to a power growth
of the gluon density in the small x regime.

The increase of the parton distributions at small x, predicted by both the DGLAP
and BFKL equations, cannot continue indefinitely since this growth leads to unitarity
violation. The parton number density becomes so large that partons cannot be con-
sidered free anymore. This is called saturation. Gluon recombination effects at this
saturation level should limit the increase of the gluon distributions. As parton densities
increase, these interactions and recombination effects among the constituents of the
proton start to play an important role. The prompt flux is expected to decrease for
very high energies due to saturation effects that take place in the charm production
phase.

Martin et al. [Mart 03] uses three approaches to calculate the prompt contribution
by employing different small x extrapolations for the gluon densities and including
parton saturation effects. The first approach is an extrapolation of gluon density for x <
10−5 by DLL re-summation of αS lnQ2 ln(1/x) terms within the DGLAP framework,
leading to:

xg(x,Q2) ' x0g(x0, Q
2
0)e

r
16NC
b

ln
αS(Q)

αS(Q0)
ln x
x0 (1.5.3)
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small x behavior, denoted as MRST in figure 1.10 [Mart 02b]. Here, NC = 3 is the
number of colors and b = 25/3. The scale Q2

0 = 1 GeV2 and x0 = 0.25 define the large
Q2 and small x regions respectively.

The second approach is an extrapolation obtained by solving a unified DGLAP/BFKL
equation denoted as KMS [Kwie 97] and using an xg(x,Q2) ∼ x−λ extrapolation for
x < 10−7. The BFKL equation is modified to include DGLAP leading lnQ2 contri-
butions, so the method incorporates both resummed leading ln(1/x) BFKL and lnQ2

DGLAP contributions. This approach includes the main NLO effect at small x. The
resulting gluon distribution can be applied to both small and large x. The third ap-
proach uses the phenomenological dipole model of Golec-Biernat and Wüstoff (GBW)
[Gole 98] to include saturation effects, that suppress the cross section at high energies.

In the deep inelastic scattering (DIS) case where a virtual photon probes the proton,
the effect of saturation takes place when the photon wavelength 1/Q is close to the size
of the proton in the γ∗p process, and is related to the transition from the high Q2 to the
low Q2 regime. The GBW saturation model considers the projectile virtual photon, in
the rest frame of the proton target, splitting into a quark-antiquark pair. This qq̄ dipole
then scatters on the proton. Under this phenomenological mechanism, the scattering
process can be factorized into the photon wave function, describing γ∗ → qq̄, convoluted
with the quark-antiquark cross section describing the qq̄ scattering off the target. The
second term is highly non perturbative and is modeled. In the DIS framework the cross
section for the γ∗N scattering is factorized as:

σ(x,Q2) =

∫
d2r

∫ 1

0

dz
∑
f

|Ψf (z, r, Q
2)|2σd(x, r), (1.5.4)

where z is the dipole momentum fraction carried by the quark, the summation is per-
formed over quark flavors, and r represents the transverse size of the qq̄ pair. The prob-
ability of finding a qq̄ pair with separation r and fractional momentum z is described
by the wavefunction Ψ. In heavy quark production in hadronic collisions the dipole is
produced by a gluon, and the cross section is given in the same form as eq. (1.5.4), with
σd replaced by σdG = 9

8
[σd(x, r)+σd(x, (1−z)r)]− 1

8
σd(x, r) [Niko 96]. The dipole cross

section for the scattering of the qq̄ color singlet pair on the proton, including saturation
effects, is parameterized as [Gole 98]:

σd(x, r) = σ0

(
1− e−

r2

4R2
s(x)

)
, (1.5.5)

where the saturation radius, i.e. the inverse of the saturation scale Qs(x) = Q0(x0/x)λ/2

with Q0 = 1 GeV, is given by:

Rs(x) =
1

Q0

(
x

x0

)λ/2
. (1.5.6)

The values of the parameters x0 and λ, characterizing the saturation radius, as well
as the overall cross section normalization σ0 are determined from fits to DIS data.
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The saturation scale defines the line on the (x,Q2) plane where saturation sets in,
illustrated in figure 1.9. It depends on x in such a way that one needs larger values of
Q2, or equivalently better resolving power, to probe the dense small x parton structure.
The asymptotic behavior of σd describes well the saturation (r →∞, σd → const) and
color transparency (r → 0, σd ∝ r2) effects.

In the GBW approach, only part of the absorptive effects are taken into account.
Recombination of gluons that decrease the rate of cc̄ production due to increased gluon
density, described by triple-Pomeron interactions, is not accounted for. At very high
energies, this absorptive effect is expected to become stronger and decrease the cc̄ pro-
duction. The dipole model was developed using a fixed impact parameter and a broad-
ening of the nucleon’s density distribution in position space with increasing collision
energy is not included in the GBW saturation model. This will result in an increased
cross section at higher energies. Martin et al. showed that these two effects combined
essentially cancel.

The prompt fluxes calculated under these three approaches are shown in figure 1.10.
The GBW cross section, and consequently the fluxes, becomes lower at high energies
compared to MRST due to absorption effects, while they agree for lower energies. The
x−λ extrapolation to small x of the KMS approach leads to a higher growth than the
double logarithmic DGLAP growth of MRST. For lower energies the KMS results fall
below the MRST and GBW. While for small x, ln(1/x) effects enhance the cross section,
as x increases LO DGLAP evolution dominates and the KMS result needs to be scaled
by a factor K ∼ 2, decreasing with increasing energy as the BFKL regime is being
approached. This is illustrated in figure 1.11. Since the primary cosmic ray flux for
energies above 106 GeV falls as E−(γ+1), with γ = 2.02, the moments of the Feynman x
distribution:

σZc ≡
∫
dσc

dx
x2.02dx, (1.5.7)

are plotted for the three different models.
Enberg et al. [Enbe 08] calculated the prompt flux component using an improved
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Figure 1.10: Prompt neutrino and antineutrino fluxes calculated by Martin et al. un-
der different approaches for the charm production cross section (see text). The fluxes
are plotted with the NeutrinoFlux [Mont] class in SeaTray [Kopp 09]. The difference
between calculations with (GBW) and without taking saturation into account becomes
apparent above 106 GeV.

dipole model parametrization (DM) [Ianc 04] with fit parameters from [Soye 07]. In
this model, the parametrization for the dipole cross section is obtained by interpolating
between two regions. The first region describes saturation and the second, where r �
Rs(x) = 1/Qs(x), describes color transparency using the result obtained in pQCD with
the BFKL equation.

In the work of Enberg et al. fragmentation functions are used to describe charm
fragmentation into hadrons. The general form of the cross section for hadron production
including fragmentation is:

dσ(pp→ hX)

dEh
=

∫ ∞
Eh

dEc
Ec

dσ(pp→ cX)

dEc
Dh
c (Eh/Ec). (1.5.8)

The charmed hadron cross section is calculated in LO QCD using the Kniehl and Kramer
(KK) parametrization for the fragmentation functions Dh

c (z = Eh/Ec) [Knie 06]. Frag-
mentation reduces the energy of the charmed hadron, resulting in a flux reduction of
60-70%. The results obtained using the KK fragmentation functions and the older Pe-
terson et al. [Pete 83] fragmentation functions differ by ∼ 10%. Martin et al. takes
fragmentation into account by assigning an average lower value to the hadron momen-
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Figure 1.11: Charm production Z-moment as a function of energy for the KMS, MRST
and GBW approaches. Figure from [Mart 03].

tum fraction.
The theoretical uncertainties estimated for DM indicate that the prompt flux using

this model can vary by up to a factor of 2. The calculation of Martin et al. (GBW)
is approximately a factor of 2-3 below DM due to the different parametrization of the
dipole cross section σd. Theoretical uncertainties arise from choices of gluon distribution
(small x behavior), charm quark mass and the choice of renormalization and factoriza-
tion scales. Martin estimates an uncertainty of about a factor of 3 in the prompt muon
neutrino fluxes.

1.5.1 Extreme prompt flux calculation combinations

Costa [Cost 01] performed the prompt neutrino flux calculation using various combi-
nations of ingredients that affect the final result. The prompt neutrino flux results
presented here correspond to calculations using three different charm production mod-
els (pQCD, RQPM, QGSM) as a basis and applying different combinations of other
ingredients in the calculation to obtain the maximum variability in the spectrum in
each case.

The first model used for describing charm production is the Quark Gluon String
Model (QGSM) [Kaid 86]. It is a non-perturbative QCD calculation describing hadron
collisions and multiparticle production at high energies, combining 1/N QCD expan-
sion with Regge theory and the partonic structure of hadrons. Regge theory describes
high energy soft processes where perturbative QCD cannot be applied due to small
momentum transfer. Proton interactions are described by the exchange of a colorless
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Figure 1.12: Prompt neutrino and antineutrino flux calculated by Enberg et al. with
the improved dipole model (DM). The upper and lower limit of the predicted flux are
shown. The PDF’s used to estimate the high and low limits of the DM prompt spectrum
are the MRST 2001 LO [Mart 02a] and CTEQ 6L [Pump 02a] gluon distributions.

and flavorless multiple gluon object, called the Pomeron. The scattering amplitudes are
parametrized by analytical functions α(t), called Regge trajectories, and they exhibit a
power law behavior ∼ sα(t). During the initial stage of the interaction producing charm,
strings are formed between the valence and sea quarks of the colliding hadrons and the
hadronization process is associated with the breaking of these quark strings. The dis-
tribution functions of the constituent quarks and their fragmentation functions into
hadrons, necessary to calculate the amplitudes, are approximated using Regge theory.

Another phenomenological non-perturbative approach is the Recombination Quark
Parton Model (RQPM) used by Bugaev et al. [Buga 89; Buga 98]. In the RQPM
model the projectile contains an intrinsic charm component and the total inclusive
cross-section depends strongly on the charm structure function of the incoming hadron.
Hadronization is described by recombination between charm quarks and the fragments
of the projectile that take place due to parton interactions in the final state. The cross
section is a convolution of parton distribution functions and recombination functions.

Finally, a pQCD approach has been employed. The LO calculation of Thunman et
al. [Thun 96] includes next-to-leading order (NLO) effects by a constant scaling, while
Gelmini et al. [Gelm 00a; Gelm 00b] explicitly calculate the NLO contribution. Charm
quark fragmentation is simulated using the Lund string model [Ande 83] in PYTHIA
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Figure 1.13: Extreme prompt neutrino and antineutrino fluxes calculated by Costa for
three different approaches to the hadronization process (see text for various combina-
tions).

and the small x parton density functions are power law extrapolated as x−λ. The
theoretical uncertainties in these perturbative calculations arise from different ranges of
quark masses, factorization and renormalization scales, as well as different assumptions
for the parton distribution functions at small x.

In order to obtain the highest prompt flux contribution the following ingredients
were used. The Akeno group parametrization [Naga 84] is used for the primary flux, a
power law dependence for λN(E) [Naga 84], scaling violation for ZNN(γ) [Thun 96] and
a constant λi(E) [Volk 85]. For the minimum configuration the Lipari [Lipa 93] pri-
mary flux parametrization below the knee and the Bugaev [Buga 89] above, a constant
λN(E) [Lipa 93], a constant ZNN(γ) with knee [Cost 95] and a log(E) dependence for
λi(E) [Buga 98] were used. The results for the three different charm production models
using the ingredients that provide the minimum and maximum configurations are shown
in figure 1.13. There is a variation of two orders of magnitude in the flux between the
highest and lowest predictions, with RQPM and QGSM behaving similarly, and pQCD
being significantly lower.

The nucleonic interaction length is governed by the σNA behavior (eq. 1.3.11). Differ-
ent parametrizations of the cross section do not affect the resulting fluxes significantly.
The same conclusion is true for the nucleonic Z-moments (see section 1.3.5). Therefore,



30 1. Atmospheric neutrinos

/GeV)(E
10

log
3 3.5 4 4.5 5 5.5 6 6.5 7 7.5 8

 ]
-1

 sr
-1  s

-2
 c

m
2

 ) 
 [ 

G
eV

)
(

  (
 E

+
3 E

-510

-410

-310

-210

-110

1

Bartol
Honda
RQPM high
QGSM high
RQPM low
QGSM low
Enberg et al.
Martin KMS
Martin MRS
Martin GBW
pQCD high
pQCD low

Figure 1.14: Conventional and prompt atmospheric neutrino fluxes. All predictions
described in the previous sections are summarized in this plot.

the major role is played by the parametrization of the primary CR spectrum and the
details of charm production. Below the critical energy, most high energy prompt neu-
trinos are produced early in the atmosphere. Above the critical energy though, when
interaction and decay lengths of charmed hadrons are comparable, the zenith angle
starts affecting the flux. For zenith angles that correspond to more horizontal direc-
tions, more atmosphere is encountered, and very high energy charm hadrons have more
time to decay before reaching the Earth. This allows for a higher prompt neutrino flux
at near horizontal directions for very high energies. The critical energy for charmed
hadrons is too high, above 107 GeV, to have an effect on the present analysis.

In figure 1.14 we summarize the conventional and prompt fluxes described in this
chapter. There is a large amount of uncertainty on the crossover energy, i.e. the energy
above which the prompt contribution will dominate the conventional one, spanning
around two orders of magnitude in the neutrino energy from ∼ 104.7 GeV to ∼ 107 GeV.
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1.6 Neutrino oscillations

Recent experimental research has shown that neutrinos oscillate and therefore mix and
posses a small but nonzero mass. The effect of neutrino oscillations was observed by
the Super-Kamiokande collaboration in Japan in 1998, observing atmospheric muon
neutrino disappearance [Fuku 98]. Oscillation of solar νe into νµ and ντ was observed
by the Sudbury Neutrino Observatory (SNO) [Ahma 02] in Canada. The Kamioka Liq-
uid Scintillator Anti-Neutrino Detector (KamLAND) [Eguc 03; Arak 05] also observed
disappearance of ν̄e by using electron antineutrinos from nuclear power plants. These
data can be explained by assuming three flavor neutrino mixing in vacuum.

The neutrino flavor states |νl〉 with l = e, µ, τ are expressed as a superposition of
mass eigenstates:

|νl〉 =
∑
i

U∗li |νi〉 , (1.6.1)

with i = 1, 2, 3. Flavor states are thus obtained from the mass eigenstates by a transfor-
mation using the 3 × 3 Pontecorvo-Maki-Nakagawa-Sakata (PMNS) unitary matrix U
[Maki 62]. The mixing matrix can be parametrized by three angles and by CP violating
phases, one in the case where the massive neutrinos νi are Dirac particles and three if
they are Majorana particles. The PMNS matrix is therefore parametrized as:

U =

 c12c13 s12c13 s13e
iδ

−s12c23 − c12s23s13e
iδ c12c23 − s12s23s13e

iδ s23c13

s12s23 − c12c23s13e
iδ −c12s23 − s12c23s13e

iδ c23c13

×
 eiα1/2 0 0

0 eiα2/2 0
0 0 1

 , (1.6.2)

where cij = cos θij and sij = sin θij represent the three mixing angles θij and δ and αk
are the Dirac and Majorana CP violation phases, respectively.

Taking the time evolution of a flavor state one can calculate the probability that
after a certain time t, or equivalently distance L from the neutrino production until its
detection, the neutrino remains in the same state P (νl → νl) or oscillates into a different
flavor P (νl → νx). The neutrino oscillation probabilities depend on the neutrino energy
E, the distance travelled L, the mixing angles θij and the squared mass differences
∆m2

ij ≡ m2
i −m2

j , with i 6= j. The flavor neutrino transition probability in vacuum is
given by:

P (να → νβ) = δαβ

−4
∑
i>j

<(U∗αiUβiUαjU
∗
βj)sin

2

[
1.27∆m2

ij

L/m

E/MeV

]
+2
∑
i>j

=(U∗αiUβiUαjU
∗
βj)sin

[
2.54∆m2

ij

L/m

E/MeV

]
. (1.6.3)
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∆m2
� ≡ ∆m2

21 7.58+0.22
−0.26 × 10−5 eV2

sin2θ12 0.306+0.018
−0.015

|∆m2
32| ≡ |∆m2

atm| 2.35+0.12
−0.09 × 10−3 eV2

sin2θ23 0.42+0.08
−0.03

sin22θ13 0.092± 0.021

Table 1.3: Values of mixing angle and mass differences.
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Figure 1.15: Muon neutrino survival probability as a function of the neutrino energy
for three different values of L.

Global fits to data from solar, atmospheric, reactor and accelerator experiments give
the values shown in table 1.3 [Fogl 11], including the recent measurement of θ13 by the
Daya Bay collaboration [An 12] with a 5.2σ significance.

For the case of ANTARES the contribution of the mass splitting ∆m2
21 can be

neglected and equation (1.6.3) simplifies significantly. Therefore, in the two neutrino
flavor mixing approximation, valid when one mass splitting is much larger than the
other, the probability that a produced muon neutrino is detected as a muon neutrino
after traveling distance L is:

Pνµ→νµ = Pν̄µ→ν̄µ = 1− sin2(2θ23)sin2

[
1.27∆m3

32

L/km

E/GeV

]
. (1.6.4)

This probability is shown in figure 1.15 as a function of the neutrino energy for three
different values of L. For the purposes of the present analysis, the effect of neutrino
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oscillations is negligible. The relevant energies are above a few hundred GeV, where a
longer baseline L is necessary to observe a reduction in the flux of νµ. Work is ongoing
within the ANTARES collaboration to study neutrino oscillation [Guil 11].




