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1
Introduction

For thousands of generations people have looked up to the night sky at the stars. But
only in the modern scientific age have we begun to understand what it is that we see
in the night sky, and what we can learn from it. Most importantly, we have learned
that the stars in the sky are glowing balls of gas powered by hydrogen fusion in their
cores. They are located so far away that even the dim light we receive from them at
night has taken years and sometimes even millenia to reach us. One thing that has
become clear is that we are not the center of the universe: the Earth is but one planet
among eight orbiting the Sun, the Sun is but one star among a hundred billion in the
Milky Way, and the Milky Way is but one galaxy among billions.

This raises intriguing questions: if the Sun is not special, then how special is the
Earth that we live on, and how special are we? Do all stars we see have planets, and
what do these look like? Are any of these planets able to support life, and is there
intelligent life out there? We are now starting to find answers to these questions.

It was only eighteen years ago that the first planet orbiting another star was dis-
covered by Mayor & Queloz (1995), and the number of exoplanets found has in-
creased ever since (Figure 1.1). The known population of exoplanets shows a large
diversity: giant planets can be found much closer to their host star than any in our
solar system, or much further out; a new class of super-Earths, with masses between
that of the Earth and Neptune, has been discovered that will be prime candidates in
the search for extraterrestrial life.

To explain this diversity of exoplanets, and to understand our own origins, we
have to look into the process of their formation. Planets form from the leftover ma-
terial of star formation that orbits newborn stars. This material takes the form of a
protoplanetary disk, and these disks are the main subject of this thesis. Our Sun once
possessed such a protoplanetary disk when it was just born, around 4.5 billion years
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Figure 1.1: Number of exoplanets discovered each year since 1995. Data taken from exoplanets.eu.
Candidates detected with the Kepler spacecraft are not included, only confirmed planets.

ago. The disk-shape of this material explains why all solar-system planets revolve in
the same direction and in the same plane around the Sun, and always cross the same
constellations in the night sky. The existence of such a disk was first postulated in
the 18th century by Kant (1755). Although the protoplanetary disk around the Sun
has long since been dispersed, part of its history can still be reconstructed through
studying the meteoritic record that traces the formation of our planetary system.

However, star and planet formation is not just something that took place only in
the past: the space between the stars is not empty, but filled with gas and dust that is
still forming stars today. The Sun is located near the Gould Belt, a large complex of
star-forming regions where we can find thousands of young stars still surrounded by
protoplanetary disks. It is here that we can catch planet formation in action. Orion
(Fig. 1.2) is perhaps the most well-known of these regions and its constellation is
easily identified in the night sky.

In this chapter I will give a brief overview of star formation, protoplanetary disks
and planet formation. I will then discuss in detail some of the observational and
modelling techniques commonly used to investigate what these disks look like and
how they may form planets.
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Figure 1.2: Orion, a well-recognizable constellation of the winter sky, and home to one of the most
nearby massive star-forming regions. This region, called Messier 42, can be seen with the naked eye as
the second ‘star’ of Orion’s sword. A blow-up of this region is shown in the top right inset. The bottom
right inset shows an edge-on protoplanetary disk in Orion, imaged as a dark silhouette against the bright
nebula by the Hubble Space Telescope. Its location is approximate. Image credit: NASA/ESA

1.1 Star and planet formation
Stars form from collapsing molecular clouds of dust and gas. Although some stars
form in isolation, most of them form in larger clusters such as the Orion Nebula or
Taurus-Aurigae. The clouds that spawn these clusters are held together by gravity,
while gas pressure, magnetic fields and turbulence may prevent them from collaps-
ing. They have a filamentary structure, probably originating from turbulent motions
within the cloud. Within these filaments, dense cores form. I will discuss the collapse
of these cores as if they were isolated from their environment. The trigger for col-
lapsing such a core, however, may well be external, for instance a nearby supernova.

1.1.1 The formation of a star-disk system

Once a core starts to collapse under its own gravity, it will form a star in the center
within a hundred thousand years. If the core had no rotation, all material would fall

3



1 Introduction

Figure 1.3: Artist’s impression of a protoplanetary disk. Depicted are the central star, the gas and dust
surrounding it, planetesimals (comets and asteroids) and three planets: two rocky planets close to the
star and a gas giant further away. c! David A. Hardy/www.astroart.org

directly onto the forming star in the center. In reality, cores will have some rotation
due to turbulent motions in the parental molecular cloud. This prevents the outer
layers from falling directly onto the star: as the material falls in, conservation of
angular momentum increases the angular velocity of the material, similar to how
figure skaters start to rotate faster if they pull in their arms. Some of the material
will rotate so fast it never reaches the star and ends up in orbit around it, forming a
circumstellar disk.

These disks are essentially angular-momentum transport machines, and allow
material to flow towards the central star while the disk also expands to conserve
its angular momentum. The star grows by accreting material from the disk, but also
starts to disperse the surrounding cloud. Young stars can drive powerful jets and
outflows perpendicular to the disk, creating a cavity in the surrounding material. Be-
cause the disk is also much denser than the cloud, it can remain in place long after
the cloud has dispersed, creating a star-disk system. This disk is the protoplanetary
disk that will later form planets (Fig. 1.3).

1.1.2 The appearance of protostars

From an observational point of view, the transition from core to star can be described
using the Lada sequence (Lada 1987; Adams et al. 1987; Andre et al. 1993). Figure
1.4 shows this sequence, which classifies protostars based on the amount of energy
emitted at di!erent wavelengths, the Spectral Energy Distribution or SED. This emis-
sion is mainly stellar light and released gravitational energy, absorbed and re-emitted
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1.1 Star and planet formation

Figure 1.4: Evolutionary phases of a forming star, classified according to the Lada Sequence (see
text). The left panels show the SED with the star in yellow and the envelope/disk material in red. The
right panels show a sketch of the corresponding geometry. The overall shape of the SED changes as
the protostar evolves from a dense core (Class 0), via an embedded star-disk system (Class I) and a
protoplanteray disk phase (Class II) to a star with a planetary system and a debris disk (Class III),
similar to our solar system. Figure adapted from the Encyclopedia of Astrobiology.
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1 Introduction

at a di!erent wavelength by the dust in the system. In general, the emission at short
wavelengths originates from warm regions close to the star, while emission at longer
wavelengths traces colder material further away. The shape of the SED – roughly
defined by the ratio of short to long wavelength emission – therefore holds important
information on the evolution from a cold cloud core to a hot star.

Class 0: Before the star has formed, only a cold core is present with a temperature
of around 10 Kelvin. This cold material radiates in the far-infrared at a wave-
length of around 300 micrometers, creating an SED that is very red in color.
When the star forms, this core will heat up, but the thick envelope around it
will hide this hot core from view in the SED.

Class I: Once a star-disk system forms, the (accretion) luminosity from the central
star heats up the inner regions. These will start to emit in the near-infrared,
at wavelengths of roughly a micron. The now thinner outer envelope still ab-
sorbs a significant fraction of this light, re-emitting it at longer wavelengths.
The SED of a class I source therefore still peaks in the far-infrared, but has a
significant contribution in the near-infrared.

Class II: When the envelope has completely fallen onto the star or has been blown
away, a star and its protoplanetary disk remain. The star accretes from the disk
at a moderate rate, and heating from the star will be the main source of energy
in the disk. The SED therefore peaks in the optical, where the star shines, but
a significant infrared excess from the disk remains.

Class III: After the disk has disappeared, a star and its planetary system remain.
Planets are too faint to be detected in the SED, but smaller bodies may collide
and generate a dusty debris disk that can reprocess a small portion of the star
light. The SED is dominated by the star, and there is only a very small infrared
excess.

The protoplanetary disks that are the subject of this thesis are Class II sources: the
naked star is visible without an obscuring envelope, but a significant infrared excess
coming from the disk is still present. A subclass of these disks are the transitional
disks (Muzerolle et al. 2004b; Calvet et al. 2005). They have less emission in the near-
infrared than typical Class II sources, but similar amounts in the far-infrared. This
indicates that they might be in transition from class II to III, and that this transition
starts in the inner disk. A possible reason for this is that they have formed planets,
which I will discuss in the next section.
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1.1 Star and planet formation

Figure 1.5: Approximate size range spanned in the planet formation process. Purple regions above
the scale bar indicate the size ranges currently observable outside the solar system. Indicated below
are objects found in the solar system, from left to right: an interplanetary dust particle, a meteorite,
asteroids, a terrestrial planet (Earth) and a gas giant planet (Jupiter). Figure based on Kees Dullemond’s
lectures. Figures above the scale bar c! David A. Hardy/www.astroart.org

1.1.3 The formation of planets
Unlike stars, most planets are not massive enough to form directly by a gravitational
collapse. Only the most massive planets that are located far away from their host stars
– such as those recently discovered in direct imaging surveys (Marois et al. 2008;
Carson et al. 2013) – may be an exception to this. However, the bulk of exoplanets
discovered have much lower masses and are found closer to their host stars. These
planets can form through the growth of microscopic dust grains all the way up to
the size of terrestrial planets (Weidenschilling 1980). If these rocky cores become
massive enough, they continue to grow further by pulling in gas from the surrounding
disk, forming giant planets in what is known as the core-accretion scenario (Pollack
et al. 1996). This whole process spans around 40 orders of magnitude in mass or 13
orders of magnitude in radius (Figure 1.5), and presents a formidable challenge to
both observers and theorists. This growth range is usually subdivided into a number
of stages, in which di!erent physics dominate the growth of dust (e.g. Chiang &
Youdin 2010; Morbidelli et al. 2012).

Growth by coagulation: The initial step of planet formation is the growth of mi-
croscopic dust grains through coagulation following mutual collisions. Due
to the high densities in protoplanetary disks, grains collide frequently and can
grow much larger than in the interstellar medium or molecular clouds. They
grow quickly from micron to millimeter sizes (Weidenschilling 1980). How-
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ever, as grains grow larger, the relative velocities keep increasing, until they
reach a size where the impact velocities are so high that collisions become de-
structive. This is called the fragmentation barrier and provides an upper limit
to the size grains can grow by coagulation, ranging from roughly a meter in
size in the inner disk to a millimeter in size in the outer disk. Coagulation
and fragmentation are described more extensively in section 1.2.3. There are
other barriers along the way as well, such as the bouncing barrier (Zsom et al.
2010) – related to decreased sticking e"ciency at larger sizes – and the elec-
trostatic barrier (Okuzumi 2009), which prevents collisions between charged
dust grains. Although these barriers may temporarily stall the planet formation
process, they are important because they keep a small fraction of micron-sized
dust in these disks, which is observed in protoplanetary disks of all ages.

The intermediate regime: Growth of dust grains is most di"cult to understand in
the regime where grains are too large to grow by coagulation (Blum & Wurm
2008), but too small to grow by gravitational interaction. In addition, should
particles reach one meter in size, they would feel a strong headwind from the
gas and drift inwards, quickly depleting the disk of solids to form planets (Wei-
denschilling 1977). This barrier is called the meter-sized or radial-drift barrier.
A promising mechanism to cross this regime and overcome these barriers is
the collective gravitational e!ect of an ensemble of particles. Two centimeter-
sized particles do not gravitationally attract each other, but a million might.
Long lived-structures in the gas such as pressure bumps and turbulent eddies
(vortices) can trap large numbers of particles, making them susceptible to grav-
itational collapse directly into much larger bodies (e.g. Johansen et al. 2006)
before they can drift or fragment. The size distribution of asteroids in the solar
system indicates that they indeed formed in this way, skipping the intermediate
sizes and coalescing directly from centimeter-sized dust grains to kilometer-
sized asteroids (Morbidelli et al. 2009).

Gravitational growth: Once kilometer-sized bodies, now called planetesimals, have
been formed, gravity takes over as the main driver of growth. At these sizes,
collisions do not lead to fragmentation, as their gravitational pull is strong
enough to retain most of the material of a collision in a single body. This
growth is usually subdivided into two phases. In the first phase, more mas-
sive planetesimals have a higher chance of colliding. They grow faster than
the smaller ones, and this phase is therefore called runaway growth (Green-
berg et al. 1978). In the second phase, the gravity of these largest bodies pre-
vents the growth of smaller planetesimals. They continue to grow themselves
by slowly capturing the less massive planetesimals. This phase is called oli-

8



1.2 Physics and observations of protoplanetary disks

garchic growth (Kokubo & Ida 1998), and creates planetary embryos of about
a thousand kilometers, the size of Pluto.

Final stages of assembly: In the final stages of planet formation, the protoplane-
tary disk is seeded with planetary embryos or protoplanets that have collected
most of the solid materials (‘dust’) in their direct vicinity. They are too tightly
packed to form stable planetary systems, and will continue to collide and grow
to do so. Whether these embryos will form terrestrial planets or gas giants de-
pends on a number of factors, most importantly their mass and the available
amount of gas. If a protoplanet reaches a mass of about ten Earth masses while
the disk still has plenty of gas, it can accrete significant amounts of this gas to
become a gas giant like Jupiter in our solar system (Pollack et al. 1996). If this
size is reached after most of the gas has been dispersed, an object with the mass
of Neptune or a super-Earth will remain. Cores that never reach the size will
form terrestrial planets, which slowly assemble in the years after all the gas
has been dispersed to form the exoplanetary systems that we observe today.
These core accretion models provide a good match to the observed population
of exoplanets (Mordasini et al. 2012).

1.2 Physics and observations of protoplanetary disks
In the last decades it has been firmly established by observations that most young
stars, once they have accreted or dispersed their natal envelope, are surrounded by
protoplanetary disks (e.g. Sargent & Beckwith 1987; Strom et al. 1989; O’Dell &
Wen 1994). Over the course of a few million years, the fraction of stars that have
disks steadily drops, until most disks are dispersed by the age of ten million years
(Haisch et al. 2001, Figure 1.6). Because this timescale is too long to be followed by
any human observer, we have to reconstruct the disk evolution from the disks that we
can observe today. In this section, I will describe the basic physics of protoplanetary
disks, and how they tie in with current observations.

1.2.1 Global disk evolution

Like the planets in our solar system, the gas and dust in protoplanetary disks is in
orbit around its host star. To first order, these orbits are stable, and the typical disk
persists over thousands to millions of orbits. However, there are additional processes
acting on the dust and gas in these disks that make the disk evolve and eventually
form planets.

Most importantly, these disks are observed to accrete gas onto the central star, at a
rate of approximately 10"8M#/yr (Solar masses per year) for classical T Tauri stars,

9



1 Introduction

Figure 1.6: Fraction of disk-bearing stars at a certain age, from Mamajek (2009). The protoplanetary
disk fraction for each cluster is determined by measuring either the presence of a near-infrared excess
(at 3.6 micron), indicative of dust close to the star, or the presence of H! line in emission, an indicator of
gas close to the star, or an identification as a transitional disk. This plot illustrates two important points:
most stars ($80%) are born with disks, and the typical lifetime of a protoplanetary disk is several million
years, setting the timescale for planet formation.

the precursors of Sun-like stars (Hartmann et al. 1998). This means that during the
disk’s few-million year lifetime, they accrete about one hundredth of a solar mass of
gas, a significant amount of the total disk mass. Because most of this mass resides in
the outer disk, this requires an e"cient mass transport mechanism throughout the en-
tire disk. What drives this accretion and mass transport within protoplanetary disks?

If the gas is on Keplerian orbits, material close to the star will rotate faster than
gas further out, a process known as di!erential rotation. If there is some sort of
friction between orbits, or the gas at di!erent radii is otherwise coupled, the inner gas
will slow down while the outer gas will speed up. To conserve angular momentum,
the inner gas that was slowed down will end up in a lower orbit, while the outer gas
that was sped up will move to a higher orbit. The net e!ect of this coupling is that
gas will spread radially in both directions, a phenomenon called viscous spreading.
The question as to why disks accrete is therefore equivalent to asking what provides
the coupling of gas at di!erent radii, i.e. what is the viscosity of the gas.

10



1.2 Physics and observations of protoplanetary disks

Because disks are geometrically thin (see next section), the equations describing
the radial structure can be decoupled from those describing the vertical structure. For
an axisymmetric disk, the evolution can be described in terms of the surface density
! – which is the amount of material in a column perpendicular to the disk, at a certain
distance from the star, r. The time-dependent evolution of this gas was first derived
by Lynden-Bell & Pringle (1974), who show that the bulk of the gas in a viscous
disk accretes onto the star, while a small amount of gas at larger radii carries away
the angular momentum. The evolution of the surface density under the influence of a
viscosity " at a time t is given by Pringle (1981):

#

#t
!(r, t) =

3
r
#

#r

!

r1/2 #

#r
"

"!(r, t)r1/2
#

$

. (1.1)

If the initial and boundary conditions for the surface density are known, the disk
evolution is determined solely by the viscosity.

However, the magnitude of the viscosity, and how it varies with the location in
the disk, remains one of the largest uncertainties in understanding disk evolution
(see Armitage (2011) for an excellent review of this topic). Direct measurements
of the turbulent velocity in protoplanetary disks have only recently become possible
(Hughes et al. 2011), and to date have not been able to characterize the viscosity in
the entire disk. From a theoretical point of view, the molecular viscosity of the gas
is insu"cient to explain the observed accretion rates and disk lifetimes, and hence
another mechanism is needed.

Pending the identification and characterization of such a mechanism, the viscosity
is often parametrized using either a power law in radius, or following the ideas of
Shakura & Sunyaev (1973). In the latter case, the scaling of the viscosity is based
on subsonic turbulent motions and dimensional arguments: the viscosity " has units
[m2/s], i.e. a length scale [m] times a velocity [m/s]. Taking the pressure scale
height of the disk Hp as the maximum size of turbulent eddies and the sound speed
cs as their maximum velocity, the viscosity is given – again in the form of Pringle
(1981) – by:

" = !Hpcs, (1.2)

where ! < 1 is a dimensionless parameter that describes the overall strength of the
viscosity.

We can get a good estimate of the surface density profile by looking at the steady
state solution for an infinite disk – i.e. ignoring boundary conditions. Assuming
the scale height and sound speed can be described by power-laws, eq. 1.1 has an
analytic solution. A steady-state disk ( ##t!(r, t) = 0), with an irradiated (cs % r"0.25),
flaring surface (Hp % r1.25, see section 1.2.2), yields !(r) % r"1. Relaxing the
boundary condition at the outer edge adds an exponential taper, but retains the power-
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1 Introduction

Figure 1.7: Surface density profiles inferred from resolved millimeter observations, from Williams &
Cieza (2011). Most of these profiles are consistent with an irradiated accretion disk with an !-type
viscosity (!(r) % r"1, thick black line), with an exponential taper at the outer edge. The dark grey
boxes indicate the surface densities required to form the outermost three planets of the solar system.
The light gray area shows the current resolution limits where (part of) the surface density has been
extrapolated.

law behaviour away from the outer edge (e.g. Hartmann et al. 1998; Hughes et al.
2011).

These ! disk models are reasonably successful in explaining disk observations.
Looking at accretion rates, and comparing disk lifetimes to sizes and radii, yields a
typical value of ! = 0.01 (Hartmann et al. 1998). In addition the observed surface
density profiles in the outer regions of protoplanetary disks match those predicted by
!-type models reasonably well (Andrews & Williams 2007, figure 1.7). However,
some disks possess surface density profiles that are not well matched by !-type mod-
els (Hueso & Guillot 2005; Isella et al. 2009), or alternatively formulated, require an
! that varies with radius.

1.2.2 The vertical structure

Because protoplanetary disks are heated by the central star, their vertical structure
determines to a large extent the amount of radiation they can absorb and re-emit.
After the launch of the Infrared Astronomy Satellite (IRAS) in the eighties, it became
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1.2 Physics and observations of protoplanetary disks
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Figure 1.8: Spectral energy distribution and corresponding geometrical model of a flaring disk. The
surface layers of the disk, displayed in light gray, are directly exposed to the stellar radiation and radiate
in the near to mid-infrared. The material in the midplane of the disk, displayed in darker gray, is well
shielded from stellar radiation and therefore colder, radiating at longer wavelengths. Figure adapted
from the review by Dullemond et al. (2007).

clear that protoplanetary disks produce more far-infrared emission than was predicted
by a flat disk geometry (Adams et al. 1987). Kenyon & Hartmann (1987) suggested
that the required thickness of the disk follows naturally when the gas is in vertical
hydrostatic equilibrium. The authors show that such a disk has a flaring geometry, in
which the upward curvature of the disk surface increases with distance from the star
(Figure 1.8). This allows a flared disk to intercept and reprocess a significant fraction
of starlight at large radii where the disk is cold, thus boosting far-infrared emission.

Flared disk models have been further improved both analytically and numerically
(e.g. Chiang & Goldreich 1997; D’Alessio et al. 1998), and still form the basis of disk
models used today and in this thesis. The degree of flaring of the disk surface – and
therefore the observational appearance of the disk – depends on the vertical structure
of both gas and dust. The latter is discussed in the next section, while the former
follows from vertical hydrostatic equilibrium discussed below.

Let’s consider gas in the disk at a radius r from the star and at a height z above the
midplane of the disk. Assuming the radial pressure gradient is negligible and the gas
is on a Keplerian orbit, the gas only feels the vertical component of the gravitational
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field of the star, given by:

gz =
GM
r2

z
r
= "

2
k z, (1.3)

where gz is the gravitational acceleration in the z-direction, G is the gravitational
constant, M is the mass of the star and "k = GM/r3 is the Keplerian frequency. To
achieve equilibrium, this acceleration must be balanced by the pressure from the gas
below it minus the pressure from the gas above it, i.e. the pressure gradient

dp
dz

= "$gz, (1.4)

where p is the pressure and $ is the gas density. Combined with the equation of state
that relates the pressure to the density for an ideal gas (p = $c2s ) and reordering
variables, we find

dp
p

= "
"2
k

c2s
z dz, (1.5)

which can be directly integrated to find the vertical pressure and corresponding den-
sity structure of the gas. Assuming the sound speed is independent of z, i.e. there is
no vertical temperature gradient, this equation has the analytic solution

$ = $0e"z
2/(2H2p), (1.6)

where $0 is a normalisation constant that can be scaled to the surface density and
Hp = cs/"k is the pressure scale height. This isothermal vertical structure with
a constant vertical scale height is commonly used in radiative transfer models (e.g.
Robitaille et al. 2006).

The radial dependence of this pressure scale height determines the flaring of the
gas, and is often parametrized as Hp % r%, where % is referred to as the flaring index.
The main uncertainty in calculating this index comes from the radial dependence
of the temperature. Taking the temperature profile for an optically thin (T % r"0.5)
and flat (T % r"0.75) disk as extremes, Kenyon & Hartmann (1987) found that disks
are indeed flaring, with the scale height varying between Hp % r1.25 and Hp % r1.125,
respectively. However, the temperature structure of the disk itself depends on the disk
flaring, and the derived solutions need not be self-consistent. This issue is addressed
in the seminal paper by Chiang & Goldreich (1997), who take the feedback of the
scale height profile on the temperature structure into account. The authors find a
slightly more flaring scale height profile Hp % r9/7, corresponding to a shallower
temperature profile T % r"3/7.

In reality, disks are not vertically isothermal due to high optical depth, and the real
vertical structure will deviate from the Gaussian distribution of equation 1.6. Chiang
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1.2 Physics and observations of protoplanetary disks

Figure 1.9: Interplanetary dust particle, from Jessberger et al. (2001). Its aggregate shape is consistent
with being formed by coagulation of smaller dust particles in the protoplanetary disk around the Sun.

& Goldreich (1997) divided the disk in two zones: a radially optically thick, but ver-
tically optically thin surface layer and an optically thick midplane (see figure 1.8).
This surface layer absorbs the impinging stellar radiation and heats up. It radiates
equal amounts of energy away into space and into the optically thick interior, where
it is absorbed. The interior will therefore be colder than the surface layer, giving
rise to a silicate feature in emission (see also Calvet et al. (1992) and section 1.2.4).
Abandoning the two-layer approach altogether and solving for the detailed temper-
ature structure using radiative transfer, a similar behaviour is found with a smooth
temperature gradient from a cold midplane to a warm surface layer (e.g. D’Alessio
et al. 1998). The vertical structure of the gas then follows from integrating equation
1.5. More details on vertical structure calculations in radiative transfer models can
be found in section 1.3.3

1.2.3 Grain growth and dust settling

Although the vertical structure of the gas is set by hydrostatic equilibrium, the vertical
structure of the dust can deviate significantly from it. From comparing observations
that probe the thickness of the dust disk to hydrostatic radiative transfer models, we
know that the dust disk is usually thinner than the gas disk (D’Alessio et al. 1999).
These observations include not only the amount of infrared excess in the SED, but
also the thickness of the dust lane in edge-on disks and the number ratio of face-on
and edge-on disks. This indicates that the surface of these disks are depleted of small
dust grains, due to the combined e!ects of dust settling and grain growth (D’Alessio
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et al. 2001, 2006).
Grains grow by coagulation. When they collide, they stick together to form larger

dust grains (Fig 1.9, Weidenschilling 1980). When grains grow larger, they feel less
friction from the gas and their collision velocity increases. Grains keep growing until
these velocities are so high that they start fragmenting upon colliding, replenishing
the supply of small dust grains (Dullemond & Dominik 2005). This leads to a grain
size distribution where both the smallest (< µm) and largest (>mm) grains are present
(Fig. 1.10).

Such a size distribution is required to explain disk observations. Smaller grains
need to be present at the disk surface to explain the presence of a silicate feature in
emission (Cohen &Witteborn 1985), which is only produced by grains less than a few
micron in size (van Boekel et al. 2003). Large millimeter-sized grains are required
to explain the fluxes and the slope of the SED at millimeter wavelengths (Weintraub
et al. 1989; Andrews & Williams 2007). The details of the size distribution depend
on the microphysics of the dust and the global disk properties (e.g. Brauer et al. 2008;
Birnstiel et al. 2010a). In practice, grain size distributions are often approximated by
a power law in size, similar to that of the interstellar medium (Mathis et al. 1977),
but extended to millimeter sizes (e.g. D’Alessio et al. 2001). Because intermediate-
sized1 grains have no direct observational signature, two-component models with
only a small and large grain population are also commonly used (e.g. Dullemond &
Dominik 2004a).

The dynamical decoupling of dust and gas also a!ect the vertical structure of the
dust disk in a process called dust settling. The coupling of the dust and gas is given
by the Stokes number

St =
agr
4
$s"k
$gascs

, (1.7)

where agr is the grain size, $s is the density of a dust grain and $gas is the local gas
density. A Stokes number smaller than one means the dust is dynamically coupled
to the gas, a number larger than one means they are decoupled. If dust grains grow
beyond a Stokes number of one, the pressure gradient of the gas can no longer support
the gravitational pull of the star (see eq 1.4). The dust will settle towards the midplane
of the disk where the gas densities are higher (eq 1.6), decreasing the Stokes number
until the dust re-couples to the gas. For each grain size, there will be a typical height
above which the dust is severely depleted (Dullemond & Dominik 2004b). This size-
sorting process, called stratification, has been observed in the disk of GG Tau (Pinte
et al. 2007).

The timescale for both dust settling and grain growth is shorter than the disk life-

1Grains much larger than the micron-sized dust observed in the surface layers, but much smaller
than the millimeter-sized dust grains observed in the radio.
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1.2 Physics and observations of protoplanetary disks

Figure 1.10: Grain size distribution from a numerical simulation including growth and fragmentation,
from Dullemond & Dominik (2005). Darker lines correspond to later times (0, 102, 103, 104, 105, and
106 years, respectively). In this particular model, at 1 AU in the midplane of the disk, the fragmentation
barrier occurs around 1 to 10 cm (104...105 µm). A quasi steady-state is reached before 105 years for
grain sizes below this barrier.

time (Dullemond & Dominik 2004b, 2005). Because we do not see flat disks with
only large grains, this implies an additional mechanism is necessary to replenish the
supply of small grains and move them back to the disk surface. These mechanisms
are fragmentation and turbulence. The turbulence of the gas provides random veloc-
ities to the dust particles, which tend to di!use the smallest dust grains produced by
fragmentation back up to the disk surface. The consequence of these processes is
that dust settling and grain growth reach an equilibrium or steady-state. Therefore,
the grain sizes and degree of settling we observe now are not a proxy of disk evo-
lution, but rather reflect the internal physics in the disk (Mulders & Dominik 2012,
Chapter 3).

1.2.4 Dust opacities and mineralogy

Dust carries the bulk of the opacity in protoplanetary disks. Together with the geom-
etry it is an important factor in determining the temperature structure of the disk, and
therefore also the observational appearance in the SED and other disk observations.
The opacity depends on the mineralogy (chemical composition and lattice structure),
size and structure of the dust. Mid-infrared spectroscopy has revealed a set of solid-
state features that can serve as a diagnostic of these properties, and they can serve as
a tracer of the evolution of dust in protoplanetary disks.
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Mid-infrared observations of the dust in protoplanetary disks, especially with the
Infrared Space Observatory and later with the Spitzer Space Telescope, have provided
strong constraints on the dust properties in protoplanetary disks (e.g. Watson 2009).
The ubiquitous presence of broad solid state features at 10 and 20 µm indicates the
presence of (sub)micron-sized amorphous silicate grains in the upper layers of pro-
toplanetary disks (see figures 1.8 and 1.11). They are mostly olivines ([MgFe]2SiO4)
and pyroxenes ([MgFe]SiO3), and tend to be magnesium-rich and iron-poor (Juhász
et al. 2010). The shape of these features is sensitive to a limited size range, roughly
between 0.1 and 5µm, and di!erent grain sizes are observed in protoplanetary disks
(van Boekel et al. 2003).

A set of narrower features, belonging to crystalline silicates, is observed in a sub-
set of these disks (e.g. Waelkens et al. 1996; Malfait et al. 1998; van Boekel et al.
2005). They are mainly enstatite and forsterite, with the same chemical composi-
tion as the amorphous silicates, but with their atoms ordered in a lattice, producing
stronger and narrower features. These features are more sensitive to the iron con-
tent, and are observed to be iron-poor (Sturm et al. 2010; Mulders et al. 2011). Why
some disks possess dust crystals and others do not remains unclear. The dust in the
interstellar medium is mostly amorphous (Kemper et al. 2004), so the dust must have
crystallized during the disk lifetime. Crystals are formed by heating them close to
their sublimation temperature, but at their current observed location, temperatures
are too low ($ 100 K) to do this. Either e"cient radial mixing from warmer regions
in the inner disk, or a local process such as shocks or parent body processing must be
responsible. Unfortunately, there are few observed correlations with stellar and disk
parameters that could guide the way to identifying these mechanisms (Bouwman
et al. 2001; van Boekel et al. 2005; Oliveira et al. 2013), though local production of
crystals in an outburst has been observed (Ábrahám et al. 2009).

Although the identification of silicates has narrowed down the range of possi-
ble dust compositions, not all types of dust have observable features. Especially
iron (outside of silicates) and carbon (apart from Polycyclic Aromatic Hydrocarbons)
have no strong features, but can contribute significantly to the continuum opacity in
the optical and near-infrared (see Fig. 1.11). They are found in solar system me-
teorites, and are probably present in some form in the dust of protoplanetary disks.
Their presence or absence provides one of the largest uncertainties in modelling the
dust in protoplanetary disks, which may lead to degeneracies with the derived disk
structure.

Besides chemical composition, grain size is an important factor in determining
the dust opacity. For a given refractive index (which depends on composition and is
measured in the lab), the absorption and extinction opacities can be calculated for a
given grain size. A common approach is to use Mie Theory, a series of analytical

18



1.2 Physics and observations of protoplanetary disks

Figure 1.11: Dust opacities of small and large compact spheres, with and without a continuum opacity
source. The solid line shows a 1 µm pyroxene grain with 20% amorphous carbon, the dotted line shows
the same particle without carbon. The dashed line shows a 100 µm particle. The gray dotted and dashed
lines show the approximate location of the resonance regime (& $ 2'agr) for the small and large particle,
respectively.

solutions to the Maxwell equations for light interacting with the electric field of a
compact spherical particle (Mie 1908). It is also possible to use other particle shapes,
such as a distribution of hollow spheres (Min et al. 2005a). Their opacities mimic
those of particles with an irregular shape, and provide a better fit to the observed
spectral features. Dust is likely present in the form of aggregates, but computing their
optical properties is computationally expensive. If they are present in the surface
layers of the disk, it is possible that grain sizes are systematically underestimated
because we measure the size of the monomers, rather than the whole aggregate (Min
et al. 2006).

A few examples of dust opacities illustrating their general behaviour as a function
of wavelength are shown in figure 1.11. The figure shows three di!erent regimes, de-
termined by the particle size in comparison to the wavelength: the Rayleigh regime
(2'agr < &), the resonance regime (2'agr $ &) and the geometrical optics regime
(2'agr > &). In general, the opacities are flat in the geometrical optics regime, and
drop o! with 1/&2 in the Rayleigh regime. Because the opacity in the geometrical
optics regime scales with the surface to mass ratio as 1/agr, the opacity in the optical
and near-infrared is dominated by the smallest grains (< 1 µm). The larger grains
are only visible at the wavelength where they are in the resonance regime, and domi-
nate the opacity over grains of other sizes. At (sub)millimeter wavelengths, the shape
of the opacity is dominated by such large grains (0.1...10 mm, Draine 2006), and

19



1 Introduction

Figure 1.12: Surface density profile of a protoplanetary disk under the combined action of viscous evo-
lution and photo-evaporation. Figure from the review by Dullemond et al. (2007), based on Alexander
et al. (2006).

measuring the slope of the SED at these wavelengths has revealed that most proto-
planetary disks indeed contain grains of these sizes (Weintraub et al. 1989; Andrews
& Williams 2007).

Aside from the absorption e"ciency, the scattering e"ciency can also be used
as a diagnostic of the dust content in disks. Direct observations of scattered light
have become possible through spatially resolved imaging using the Hubble Space
Telescope in the optical and using ground-based telescopes with adaptive optics in the
near-infrared. Because real grains scatter light in an anisotropic way, the brightness
asymmetry of an inclined disk can serve as a proxy for the grain size (Pantin et al.
2000; Pinte et al. 2008b). The scattering color and brightness can provide additional
constraints on the grain size (Mulders et al. 2013, Chapter 4).

1.2.5 Transitional disks
A small fraction of protoplanetary disks has a smaller excess in the near-infrared, but
still significant excess at longer wavelengths (Strom et al. 1989; Najita et al. 2007).
This may indicate that the inner regions are depleted of material, while the outer
disk remains. These depleted inner regions are also seen as (partly) empty gaps or
inner holes in resolved images (e.g. Andrews et al. 2011). These disks are believed
to be in transition from class II to III (see section 1.1.2), and are therefore called
transition disks or transitional disks (Muzerolle et al. 2004a; Calvet et al. 2005). The
mechanism that creates a transitional disk remains unclear, but is likely connected to
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1.2 Physics and observations of protoplanetary disks

Figure 1.13: Hydrodynamical simulation of a giant planet embedded in a protoplanetary disk. The disk
(in purple) is seen from above, with the star (not shown) in the middle and the planet to its top right.
The planet launches an inner and outer spiral wave into the disk (yellow), which opens an annular gap
(black). Figure adapted from Armitage & Rice (2005).

planet formation and disk evolution. Several mechanisms have been proposed, the
most important ones being photo-evaporation and dynamical interaction with giant
planets. The recent detection of a planetary candidate inside the gap of the transitional
disk LkCa 15 lends support to this last hypothesis (Kraus & Ireland 2012).

Photo-evaporation is driven by UV photons and X-rays. These photons heat up
the gas in the upper layers of the disk, and when the gas thermal velocity approaches
the local escape velocity, start driving a disk wind. The strength of the wind depends
on the photon energy. Extreme-UV photons can drive mass loss rates of the order
10"9...10M#/yr (e.g. Hollenbach et al. 1994), which is much lower than the typical
accretion rate. Far-UV photons and X-rays penerate deeper into the disk, and can
drive more substantial outflow rates, on the order of 10"7...8M#/yr (Gorti & Hollen-
bach 2009; Owen et al. 2010). Because UV and X-rays are strongest close to the
star, while the escape velocity is lower further away, photo-evaporation mainly acts
to open gaps at intermediate radii of 1 to 10 AU (Gorti et al. 2009; Owen et al. 2010).
When the accretion rate in the disk drops below the photo-evaporative mass-loss rate,
a gap is carved out. The inner disk can no longer be refilled and quickly drains onto
the star, creating a transitional disk geometry (figure 1.12). This mechanism can ex-
plain transitional disks with low accretion rates and small holes, but not the strongest
accretors with the largest holes (Owen et al. 2012).

A forming planet in a protoplanetary disk exerts a gravitational torque on the disk.
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A su"ciently massive planet can open an annular gap if this torque is larger than the
viscous and pressure torques in the disk (e.g. Lin & Papaloizou 1979, 1986, Fig.
1.13). However, these gaps span a relatively small radial range, and may be visible
in imaging, but hardly in the SED (Steinacker & Henning 2003; Varnière et al. 2006;
Wolf et al. 2007). To explain the low near-infrared excess, an additional mechanism
is needed. This mechanism also needs to meet three additional observational criteria
to explain transitional disks:

• They have large inner holes in their population of millimeter-sized grains, as
traced by resolved millimeter imaging (Andrews et al. 2011).

• Most of them have no apparent holes when imaged in near-infrared scattered
light (Dong et al. 2012), indicating that these gaps or holes are not devoid of
micron-sized grains.

• Most transitional disks accrete at a ten times lower, but still substantial rate
of around 10"9M#/yr (Najita et al. 2007), with individual disks as high as
10"8M#/yr (See figure 17 of Owen et al. 2012 and references therein).

Multiple giant planets are necessary to explain the radial extent of these holes, but
also block the accretion flow onto the star (Zhu et al. 2011). A single planet may let
some of the gas through, but needs an additional mechanism to explain the depletion
of the disk inside the planet’s orbit. The most promising mechanism is dust filtration:
a planet in the gap also creates a pressure bump in the disk that may block large
millimeter-sized grains, but allows passage of some of the small grains (Zhu et al.
2012; Pinilla et al. 2012). Observations of the dust and gas with the Atacama Large
Millimeter Array will probably shed new light on the origins of transitional disks, by
imaging them at much higher spatial resolution and with better sensitivity than was
previously possible.

1.3 Radiative transfer
There are no analytic solutions to the equations of radiative transfer in an arbitrary
geometry. Therefore, numerical radiative transfer codes are necessary to map the
dust geometry and composition of protoplanetary disks to observable quantities such
as the SED. There are di!erent types of radiative transfer codes, ranging from the
2-layer models from Chiang & Goldreich (1997) that were discussed before, 1+1D
models that split the radial and vertical transport of energy (D’Alessio et al. 1998),
2D models that perform 3D radiative transfer in a 2D geometry (Dullemond & Do-
minik 2004a; Pinte et al. 2006; Woitke et al. 2009) and even 3D codes for non-
axissymmetric disks (Wolf et al. 1999; Robitaille 2011). Over the last decades,
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Figure 1.14: Journey of a photon package through the disk. The R and z coordinates refer to the
distance from the star and height above the midplane, respectively. The photon package (solid red line)
is emitted by the star at (0,0), and changes direction and frequency after each absorption/re-emission
event, until it eventually escapes the disk. The dotted line denotes the radial ( = 1 surface in the optical.
The colors indicate dust density, where darker colors mean higher densities.

increase in computational power and improvements in radiative transfer algorithms
have led to an increased use of 2D radiative transfer codes.

For this thesis, I have used the radiative transfer code MCMax, written byMichiel
Min (Min et al. 2009). It performs 3DMonte Carlo radiative transfer in a 2D axisym-
metric geometry, and hence I will refer to it as 2D radiative transfer. In addition to
determining the dust temperature, MCMax also solves for the vertical structure it-
eratively, and includes di!erent disk physics such as dust settling (Chapter 4), dust
sublimation (Kama et al. 2009), viscous heating (Min et al. 2011) and temperature-
dependent opacities (Chapter 3). In this section, I will briefly describe this code. For
a comparison with other 2D radiative transfer codes, see Pinte et al. (2009).

1.3.1 Monte Carlo radiative transfer: MCMax
A Monte Carlo code takes a probabilistic approach in order to solve the equation
of radiative transfer. The radiation field from the central star is subdivided into a
number of chromatic photon packages, which are propagated through the disk to set
its temperature (figure 1.14). First, the code draws a random number to decide into
which direction the photon is emitted. As it travels along its path, it has a certain
probability to be absorbed, scattered or not interact in every grid cell it encounters.
The code draws another random number to decide in which grid cell the photon
package will interact according to this probability.
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Figure 1.15: Emission spectrum of a grid cell before and after the absorption of a photon package,
from Bjorkman & Wood (2001). The sum of all previously emitted photons is given by the white area
under the curve. A new photon is emitted using the di!erence spectrum, given by the grey area between
the two curves, such that the combined spectrum of all emitted photons is consistent with the final cell
temperature.

If the photon package is absorbed, its energy is added to the cell, increasing
the cell temperature. If this is the first photon to be absorbed in this cell, a new
photon will be emitted with a spectrum corresponding to this temperature and the
local dust opacity. If the cell has absorbed and emitted photon packages before, it
will emit a photon with the di!erence spectrum between the temperature before and
after absorption (figure 1.15). This way, the total emitted spectrum of all photons
remains consistent with the final cell temperature. This procedure was introduced
by Bjorkman & Wood (2001) and is called immediate temperature correction (or
sometimes immediate re-emission).

After re-emission (or scattering), new random numbers are drawn to decide into
which direction the photon package will propagate and where its next interaction will
take place. This whole procedure is repeated until the photon package leaves the disk.
Once all photon packages have been propagated through the disk, the temperature
structure of the disk has been calculated. For an infinite number of photon packages,
all possible photon paths are covered and the temperature structure is exact. For a
realistic number of photons package (on the order of a million), not all paths are
covered and there is a stochastic error on the temperature in each cell. This is the
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random noise inherent to all Monte Carlo approaches. This error is well characterized
by the number of photon interactions in each grid cell, and can be reduced by simply
increasing the number of photons, at a computational cost.

1.3.2 Gaining speed: regions of high optical depth

The largest computational challenge for Monte Carlo radiative transfer codes is formed
by regions of high optical depth (, as run time scales roughly with (2. A large number
of photon packages is necessary to ensure that enough of them reach these regions
to get a low statistical error on the temperature. MCMax includes two approxima-
tions to reduce the overall run time and improve the temperature structure in these
regions. These are a partial di!usion approximation and a modified random walk
approximation (Min et al. 2009).

The modified random walk approximation reduces the run time for a given num-
ber of photon packages. In regions of high optical depth, photon packages e!ectively
start a random walk with many interactions in the same regions, which takes a dis-
proportionate amount of computation time. This time can be significantly reduced
by treating interactions in the same region with a single computational step using the
modified random walk approximation from Fleck & Canfield (1984).

The partial di!usion approximation improves the accuracy of the temperature
structure in regions of high optical depth where photon statistics are low. In these
regions, energy transport takes place mainly by radiative di!usion. MCMax recalcu-
lates the temperature in these regions by applying the di!usion equation fromWehrse
et al. (2000), with the Monte Carlo temperature just outside these regions (i.e. with
good photon statistics), as a boundary condition. This reduces the required number of
photon packages to get an accurate midplane temperature, typically by a factor 100.

1.3.3 Calculating the vertical structure

MCMax calculates the vertical structure of the disk in an iterative manner, assuming
the gas is in vertical hydrostatic equilibrium, and the gas temperature equals the dust
temperature. The initial vertical structure is calculated according to equation 1.6,
where the sound speed is calculated from the optically thin temperature. The vertical
structure of the dust is then calculated under the influence of dust settling and tur-
bulent mixing as discussed in section 1.2.3, and described in more detail in Chapter
4. Alternatively, dust settling can be mimicked by scaling the dust scale height with
respect to the gas scale height, or the dust distribution is assumed to be equal to that
of the gas for a well-mixed model. After the calculation of the dust temperature as
outlined above, MCMax re-calculates the vertical structure of the gas by directly in-
tegrating equation 1.5. This calculation carries the implicit assumption that the dust
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Figure 1.16: Schematic representation of the vertical structure iterations in MCMax. Starting from the
optically thin dust temperature, MCMax calculates the vertical structure of the gas, vertical structure of
the dust and the dust temperature iteratively. Once the density and temperature structure have converged,
the SED and other observables are calculated by ray-tracing.

temperature is equal to the gas temperature, which is true below the disk surface2
(Jonkheid et al. 2004; Kamp & Dullemond 2004). This recalculated vertical structure
will deviate from the initial guess for the vertical structure, and hence the solution is
not yet self-consistent. Therefore the dust temperature and vertical structure calcula-
tions of dust and gas are iterated until the density and temperature structure converge
to a self-consistent solution, typically after five iterations. A schematic representation
of this iteration process is shown in figure 1.16.

There are two ways of comparing this density and temperature structure to ob-
servations. By keeping track of the energy and directions of photon packages that
leave the disk, the spectrum at every inclination can be reconstructed. Although
these Monte Carlo spectra are inherently noisy due to the stochastic nature of the
simulation, MCMax includes a multi-wavelength approach that takes into account
the full energy spectrum of photon packages that leave the disk, producing smoother
spectra compared to when only the energy at a single wavelength is used. Another
method is to use the formal solution to the equation of radiative transfer along the line
of sight through the disk. This produces an image of the disk at every wavelength,
and can therefore be used to compare the model with spatially resolved images and

2Above the disk surface – defined as the location where the bulk of the stellar photons is absorbed
– the gas temperature may be significantly higher than the dust temperature through UV and X-ray
heating. Although this a!ects the structure of gas and emission lines coming from these regions, it does
not a!ect the structure of the dust disk below, and has no significant impact on the SED.
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interferometric data, as well as the SED.

1.4 Summary: thesis outline

In this thesis, we use the radiative transfer code MCMax (section 1.3) to connect the
physics of protoplanetary disks to observations (section 1.2).

In Chapter 2, we explore the e!ects of the vertical structure of the inner disk on
the overall disk geometry in the transitional disk LkCa 15. This disk has a small
amount of material close to the star, separated by a wide annular gap from the outer
disk. Based on SED fitting, we constrain the vertical structure of this inner material
to be either in an optically thick disk, or an optically thin halo. The illumination of
the outer disk di!ers between both scenarios, a!ecting the entire disk geometry.

In Chapter 3, we constrain the location and abundance of dust crystals in the disk
of HD 100546 by modelling medium resolution spectroscopic observations from the
Spitzer and Herschel Space Telescopes. Crystalline forsterite has a solid-state feature
at 69 µm, which has the unique property that its shape is temperature-dependent,
and can therefore function like a dust thermometer. However, previous models had
di"culty constraining the exact location due to a degeneracy in feature shape between
dust temperature and iron content. Using 2D radiative transfer with temperature-
dependent opacities and modelling both the 69 µm and shorter wavelength features
simultaneously, we can break this degeneracy and locate the dust crystals. We find
that they are located at the far end of the disk gap present in this system, with high
local abundance. This is highly suggestive of an origin connected to the formation of
the gap and the planet that may have carved it out.

In Chapter 4, we improve upon previous vertical structure calculations in radia-
tive transfer codes and compare these models to observations to constrain the under-
lying physics. One of the main processes that a!ects the infrared excess of the disk is
turbulent mixing, which is also an important driver of disk evolution and planet for-
mation. By fitting this excess of disks around stars of di!erent masses, we find that
the turbulent mixing strength is constant along the stellar mass range. In addition,
we find that the first steps of planet formation – the growth of small dust grains – are
also independent of stellar mass.

In Chapter 5, we explore the role of grain size and anisotropic scattering on the
brightness and color of scattered light images of circumstellar disks. We find that
particles larger than the wavelength of light become extremely forward-scattering,
reducing the amount of light scattered towards the observer. The strength of this e!ect
is wavelength-dependent, and produces red scattering colors that cannot be produced
by smaller particles. We apply this method to scattered light images of HD 100546,
both archival and new observations from the Hubble Space Telescope. We find that
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the color and intensity of these images are best fitted by grains at least an order of
magnitude larger in size than previously estimated. Combining this grain size with
the vertical structure calculations from Chapter 4, we find that these grains are most
likely present in the form of aggregates. We speculate that the faintness in scattered
light of all circumstellar disks can be explained by extreme forward scattering on
large dust aggregates.

In Chapter 6, we study planet-disk interactions in the transitional disk of HD
100546, in which a giant planet is believed to be responsible for carving out the
gap. By combining hydrodynamical simulations with radiative transfer, we investi-
gate how planet and disk properties influence the gap structure. In particular, we find
that the shape of the disk wall at the far end of the gap depends on the degree of
turbulence in the disk and the planet mass. We measure this shape using mid-infrared
interferometry, and find the disk wall to be rounded-o!, corresponds to a very tur-
bulent disk with a heavy planet. Its estimated mass is above the deuterium burning
limit, making this companion most likely a brown dwarf.
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Abstract

context. With the legacy of Spitzer and current advances in (sub)mm astronomy,
a considerable number of so-called ’transitional’ disks has been identified which are
believed to contain gaps or have developped large inner holes, some filled with dust.
This may indicate that complex geometries may be a key feature in disk evolution
that has to be understood and modelled correctly. The disk around LkCa 15 is such
a disk, with a large gap ranging from $5 - 46 AU, as identified by Espaillat et al.
(2007) using 1+1D radiative transfer modelling. To fit the spectral energy distribution
(SED), they propose two possible scenarios for the inner (<5 AU) disk – optically
thick or optically thin – and one scenario for the outer disk.

aims. We use the gapped disk of LkCa 15 as a case in point to illustrate the
importance of 2D radiative transfer in transitional disks by showing how the vertical
dust distribution in dust-filled inner holes determines not only the radial optical depth
but also the outer disk geometry.

methods. We use MCMax, a 2D radiative transfer code with a self-consistent
vertical density and temperature structure, to model the SED of LkCa 15.

results. We identify two possible geometries for the inner and outer disk that
are both di!erent from those in Espaillat et al. (2007). An inner disk in hydrostatic
equilibrium reprocesses enough starlight to fit the near infrared flux, but also casts a
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2 Geometry of the transitional disk LkCa 15

shadow on the inner rim of the outer disk. This requires the outer disk scale height to
be high enough to rise out of the shadow. An optically thin inner disk does not cast
such a shadow, and the SED can be fitted with a smaller outer disk scale height. For
the dust in the inner regions to become optically thin however, the scale height would
have to be so much higher than its hydrostatic equilibrium value that it e!ectively
becomes a dust shell. It is currently unclear if a physical mechanism exists which
could provide for such a configuration.

conlusions. We find that the radial optical depth of dust within the inner hole
of LkCa 15 is controlled by its vertical distribution. If it turns optically thick, the
outer disk scale height must be increased to raise the outer disk out of the inner disk’s
shadow.
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2.1 Introduction

Protoplanetary disks are the main sites of planet formation. Within them, small dust
grains grow from micron to millimeter sizes and settle to the midplane where they
are believed to eventually form planetary systems. Su"ciently massive planets lo-
cally deplete the disk of gas and dust and may open a gap or enlarge the inner hole.
Recently, considerable numbers of so-called transitional disks have been identified
on the basis of their low near infrared excess (Najita et al. 2007), indicating that their
inner regions may be (partially) depleted of dust.

LkCa 15 is such a transitional disk, but with a more complex geometry: It has
an inner disk, a gap and an outer disk. The outer disk, seen at an inclination of 51&,
extends from 46 to 800 AU (Piétu et al. 2006). The Spitzer data show that the inner
hole is not devoid of dust between 0.1 and 5 AU (Espaillat et al. 2007, hereafter
Esp07). On the basis of 1+1D RT modelling, Esp07 identify two possible scenarios
for the inner regions: one where the dust is optically thick and one where it is optically
thin. Additional observations show that this dust is most likely present in the form of
a small optically thick inner disk at the dust evaporating radius (Espaillat et al. 2008,
hereafter Esp08). The gap inbetween is mostly empty.

In this paper we will model both geometries proposed by Esp07 using a full
2D radiative transfer code and focus on the vertical structure of the inner and outer
disk. Our modelling approach di!ers from that of Esp07 in one important point: We
combine the several disk components in one model before we perform the radiative
transfer and create the spectral energy distribution (SED), whereas they create the
SED after performing the radiative transfer on each seperate component. Although
their approach is valid if the seperate components do not influence each other, we
will show that at least for LkCa 15 this is not the case.

2.2 Disk model

The disk model we use here is MCMax (Min et al. 2009), a 2D Monte Carlo radia-
tive transfer code with a selfconsistent vertical structure. The Monte Carlo radiative
transfer simulation is based on that of Bjorkman & Wood (2001) and calculates the
dust temperature for a given density structure. It also calculates the vertical structure
by directly integrating the equation of hydrostatic equilibrium using the Monte Carlo
temperature. Because the vertical structure calculation requires the temperature in the
midplane to be accurately determined, MCMax treats those regions with an analytical
di!usion approximation (see Min et al. (2009) for details). By iterating between the
Monte Carlo simulation and the hydrostatic equilibrium calculation a self-consistent
solution is found. This typically takes four or five iterations. MCMax also includes a
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2 Geometry of the transitional disk LkCa 15

modified random-walk approximation that speeds up the calculations in regions with
extreme optical depths by making multiple interaction steps in a single computation
(Min et al. (2009), see also Fleck & Canfield (1984)). The typical run time is less
than three minutes on a single core CPU for a model with a radial optical depth in the
midplane of (1µm = 106 using six iterations with 105 photon packages each.

Because models with well-mixed dust and gas in vertical hydrostatic equilibrium
tend to overpredict the disk’s surface height and far infrared flux, dust settling and
grain growth are necessary ingredients to fit SEDs (e.g. D’Alessio et al. 2006). For
the present study we will describe them with two parameters that lower the disk
surface: The mass fraction of large grains fmm and a sedimentation parameter #all.
The sedimentation parameter #all describes the settling of small dust particles and
is implemented by reducing the dust scale height with respect to the selfconsistent
gas scale height: Hdust(z) = #allHgas(z). A similar global sedimentation parameter
has also been used by Ratzka et al. (2007). Both parameters have a di!erent e!ect
on the surface shape and SED and are not degenerate. The sedimentation parameter
is global and reduces the scale height in both the inner and outer disk and therefore
scales the SED accordingly. The fraction of large, mm-sized grains only a!ects the
surface height in the outer disk: Increasing fmm reduces the flaring angle of the outer
disk and mostly a!ects the far infrared flux.

We will use a bimodial size distribution here, consisting of small (0.1 µm) and
big (2 mm) grains. For the dust opacity of the small particles we use that of 0.1 µm
grains, consisting of 80% silicate (Dorschner et al. 1995) and 20% amorphous carbon
(Preibisch et al. 1993). We do not model them as compact spheres, but as irregular
shaped particles (Min et al. 2005a). The opacity of the big particles is modelled using
2 mm sized irregular shaped silicate particles. The total opacity is determined by the
fitting parameter fmm, the fraction of mass in big particles. To settle the big grains
to the midplane, we introduce a stratification parameter #big that reduces the scale
height of large grains with respect to that of small grains: Hbig(z) = #bigHdust(z).

For the stellar photosphere we use a main-sequence Kurucz model with the stellar
mass, luminosity and e!ective temperature from Kenyon & Hartmann (1995) (Table
2.1). This photosphere is fitted to the de-reddened photometry between 0.5 µm and 2
µm by scaling the distance.

2.3 Results

For each of the geometries (Fig. 2.1) we follow a di!erent approach. In the optically
thick case, we model the inner disk first to constrain the size of the shadow cast on
the outer disk and proceed by modelling the outer disk. Note that although we change
the fit parameters for one component at a time, we always perform the radiative trans-
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a) Optically thick inner disk

b) Optically thin dust shell

c) Esp07

Figure 2.1: Sketches (not to scale) of the two possible geometries for LkCa 15 from this paper (top
panel) and – for comparison – that from Esp07 (bottom panel). Depicted are: a) A model with a 1
AU optically thick inner disk and an outer disk that rises out of its shadow. b) A model with a 5 AU
optically thin spherical dust shell and a flatter outer disk with a fully illuminated inner rim. c) The
model proposed by Esp07, a combination of the inner disk from (a) with the fully illuminated outer
disk of (b).

fer including all components. In the optically thin case, the inner disk produces no
shadow and we can model the outer disk first. We then proceed by including an inner
disk so we can explore the e!ect of the vertical dust distibution on the radial optical
depth.

2.3.1 Optically thick inner disk

In the optically thick case, the dust mass in the inner disk is hard to constrain from the
SED. Therefore we use the same surface density powerlaw (p = 1) as for the outer
disk, which yields !(1AU) = 560 g/cm2, assuming a dust-to-gas ratio of 1:100. We
fix the inner radius at the dust evaporating radius at 0.1 AU and fit an outer radius for
the inner disk of 1.0 AU, yielding a dust mass for the inner disk of 4 ' 10"6 M#.
Our best fit (Fig. 2.2) does not require any sedimentation, and does not constrain
stratification or big particle fraction, for which we will use the fit values from the
outer disk.
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2 Geometry of the transitional disk LkCa 15

Figure 2.2: Spectral Energy Distribution of LkCa 15 (diamonds) with 1) errorbars. Overplotted in
grey is the stellar photosphere. The left panel shows our best-fit disk model with an optically thick
inner disk (Fig. 2.1 a)
The solid line in the right panel shows our best fit with an optically thin dust shell of 1 ' 10"11 M#
(Fig. 2.1 b). The dotted line shows the same outer disk combined with an inner disk in hydrostatic
equilibrium of 2 ' 10"10 M# that is optically thin in the vertical direction (Fig 2.1 c). It reproduces
the near and mid infrared flux, but is not radially optically thin. It casts a shadow on the outer disk and
underpredicts the far infrared flux by almost a factor of ten. The dashed line shows the same model with
a very flat (z/r $ 0.01) inner disk. This minimizes the size of the shadow, but such an inner disk does
not reprocess enough of the stellar radiation to fit the flux shortwards of 20 µm. References – (UBVRI)
Kenyon & Hartmann (1995); (JHK) Skrutskie et al. (2006); (Spitzer IRAC) Robitaille et al. (2007);
(IRAS) Weaver & Jones (1992); (submm) Andrews & Williams (2005); (mm) Piétu et al. (2006);

Figure 2.3: Radial ( = 1 surfaces for our best-fit disk models of LkCa 15. The solid line shows the
disk model with an optically thick inner disk. The inner disk casts a shadow on the outer disk, and only
the disk surface is directly illuminated. The dotted line shows the disk model with an optically thin dust
shell. The inner rim of the outer disk is fully illuminated, and the outer disk is much flatter. In this plot,
photons from the central star travel on horizontal lines (constant z/r).
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This choice of inner disk parameters is not unique, but the size of the shadow
cast on the outer disk is. The height at the outer edge of the inner disk (z/r $ 0.1,
Fig. 2.3) sets the total amount of energy reprocessed by the inner disk, which is
constrained by the SED. The size of the shadow is therefore approximately equal for
all solutions and independent of the exact inner disk geometry.

With the size of the shadow cast by the inner disk constrained, we proceed by
fitting the outer disk. We find a disk mass of 0.3 M# using p = 1. This disk mass is
much higher than previously reported, for instance by Andrews & Williams (2005).
This can be attributed to the millimeter opacity of our big particles, which is a factor
of five lower at 1.3 mm. Corrected for this, the disk mass for LkCa 15 does not di!er
with from that of Andrews & Williams (2005).

We lower the outer disk surface by using a sedimentation parameter of #all =
0.35 and a big particle fraction of 94%. We also settle the big grains to the midplane
(#big = 0.5) to fit the relatively low flux at 350 µm. A model without stratification
(#big = 1) overpredicts this flux a little, but is still consistent with the large errors
at that wavelength. The inner rim of the outer disk is almost completely shadowed
by the inner disk, and only the disk surface is illuminated (Fig. 2.3). The reduc-
tion in surface height compared to a well-mixed model without big particles is four,
comparable to that of other T-Tauri stars (D’Alessio et al. 2006).

2.3.2 Optically thin inner disk

To investigate the e!ects of the optical depth of the inner disk on the outer disk
structure, we first construct a disk model without an inner disk. In this model, the
inner rim of the outer disk is fully illuminated, and its contribution to the SED from
25 µm to 100 µm will be much larger compared to a shadowed outer disk. To fit the
far infrared flux, we need stronger sedimentation (#all = 0.25) and more big particles
( fmm = 99%), so the outer disk becomes twice as flat (Fig. 2.3, dotted line). We find
a total reduction in the surface height of a factor of eight, significantly higher than in
other T-Tauri stars, which was also reported by Esp07.

To fit the complete SED, we follow Esp07 and add an inner disk between 0.1
and 5 AU. If we assume this disk is in vertical hydrostatic equilibrium, we fit a dust
mass in small grains of 2 ' 10"10 M# as constrained by the flux in the near and mid
infrared. This inner disk however is not optically thin to starlight. Its radial ( = 1
surface reaches the same height (z/r $ 0.1) as the outer disk, casting a shadow over
the entire outer disk which results in a far infrared flux drop by a factor of ten (dotted
line in the lower panel of Fig. 2.2).

One way to minimize the e!ect of this shadow is to make the inner disk extremely
flat (z/r $ 0.01) (dashed line in the lower panel of Fig. 2.2). Although this model
fits the far infrared flux reasonably well, the inner disk does not reprocess enough of
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Parameter Value Range
Te! [K] 43501
L( [L#] 0.741
M( [M#] 0.972
d [pc] 126 110-140
Rin,outer [AU] 46
Rout,outer [AU] 800
Mdisk,outer [M#] 0.3 0.01-1.0
p 1.0
Rin,inner [AU] 0.1

Optically thick Optically thin
inner disk dust shell

Rout,inner [AU] 1 5 0.2-5
Mdust,inner [M#] 4 ' 10"6 1 ' 10"11 10"14-10"5
#all,inner 1.00 ... 0.01 - 1.00
#all 0.35 0.25 0.15-1.0
fmm [%] 94 99 0-99.99
#big 0.5 1.0 0.01-1.0
Av [mag] 1.2 0.95 0.0-2

Table 2.1: Stellar and best-fit parameters for the two di!erent geometries. References – (1) Kenyon &
Hartmann (1995); (2) Simon et al. (2000)

the stellar radiation to reproduce the near infrared excess. Another way to avoid the
shadow is to increase the disk scale height much beyond its hydrostatic equilibrium
value. By spreading the same amount of dust over a larger solid angle, its radial
optical depth decreases. For the material to become optically thin, the scale height
has to be so high that we will model it as a spherical shell around the star (solid line
in the lower panel of Fig. 2.2), but the exact geometry is hard to constrain as long as
the material remains optically thin. We need only 1 ' 10"11 M# of dust in this shell
because it does not shield itself and is therefore hotter. It is also in our line of sight
and reddens the starlight by an additional Av = 0.25.

2.4 Discussion and conclusions
We have studied the radiative transfer e!ects in the gapped disk of LkCa 15 using
MCMax, a self-consistent 2D radiative transfer code. We show that only an optically
thin dust shell or an optically thick inner disk can explain the SED in the near and
mid infrared. The outer disk geometry di!ers significantly depending on the inner

36



2.4 Discussion and conclusions

Figure 2.4: 20 micron images of our best-fit disk models of LkCa 15. The left panel shows a model
with an optically thick inner disk of 1 AU that casts a shadow on the rim of the outer disk. The right
panel shows a 5 AU optically thin dust shell and a fully illuminated outer rim. Note that if the rim of
the outer disk is shadowed, much more radiation emerges from the disk surface.

disk properties. With an optically thick inner disk, the outer disk must rise out of the
shadow cast by the inner disk. With an optically thin dust shell, there is no shadow
and the outer disk becomes twice as flat.

These models are similar to but not the same as those proposed in Esp07. The
latter do not take into account the shadow cast by an optically thick inner disk on the
outer disk. They find the same z/r for the inner disk rim (0.01 AU/0.12 AU = 0.08)
as for the outer disk rim (4AU/46 AU = 0.08). This means that the outer disk
wall cannot be illuminated, as it lies in the shadow of the inner disk (see Fig. 2.2,
dotted line). The model with an optically thin inner disk can be reproduced, with the
exception that to become optically thin, its scale height needs to be so high that it
e!ectively becomes a dust shell.

Esp08 find the near infrared excess to be a blackbody and conclude that the inner
disk has to be optically thick. On the other hand, Vinković et al. (2006) concluded
that compact dust halos can explain the near infrared bumps in Herbig Ae/Be stars
and that their existence agrees well with interferometric data.

An open question remains as to why the inner disk would have so high a scale
height that it becomes an optically thin dust shell. Such a high scale height for small
dust grains could be due to a halo of unknown origin, maybe residual infall, but
such an infall would not lead to a dust cloud confined to < 5 AU. Another possibility
could be violent scattering and disruption of planetesimals that could create a cloud of
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2 Geometry of the transitional disk LkCa 15

dust with a scale height determined by dynamic processes rather than the hydrostatic
equilibrium of gas. However, there is currently no additional evidence supporting
this scenario for LkCa 15. Furthermore an optically thick inner disk leads to a model
with outer disk settling requirements similar to what is seen in other T Tauri stars.
Therefore we select the model with the optically thick inner disk as the preferred
one.

To distinguish between geometries with a dust disk or a dust shell – or anything
inbetween – a near-infrared interferometer can be used to directly probe the inner
regions. But because a shadow from the inner disk connects the inner and outer disk
geometry, imaging of the outer disk can also reveal the nature of the inner disk (Fig.
2.4). If the inner disk is optically thick, radiation from the outer disk will be more
extended because the contribution from the shadowed inner rim of the outer disk is
small, while the disk surface has a larger flaring angle and contributes to the 20 µm
flux as well. For an optically thin inner dust shell, the emission will be more centrally
peaked because the outer disk is flatter and its rim fully illuminated.

We can draw one general conclusion about transitional objects: the radial optical
depth – and therefore the vertical structure – of dust within an inner hole determines
the illumination of the outer disk and ergo its geometry. This is especially important
in the light of observations with the Spitzer space telescope, where large numbers of
disks with dust-filled inner holes have been identified (Najita et al. 2007).
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Abstract

context. Forsterite is one of the crystalline dust species that is often observed in pro-
toplanetary disks and solar system comets. Being absent in the interstellar medium,
it must be produced during the disk lifetime. It can therefore serve as a tracer of
dust processing and disk evolution, which can lead to a better understanding of the
physical processes occurring in the disk, and possibly planet formation. However,
the connection of these processes with the overall disk crystallinity remains unclear.

aims. We aim to characterize the forsterite abundance and spatial distribution in
the disk of the Herbig Be star HD 100546, to investigate if a connection exists with
the large disk gap.

methods. We use a 2D radiative transfer code, MCMax, to model the circumstel-
lar dust around HD 100546. We use VISIR Q-band imaging to probe the outer disk
geometry and mid-infrared features to model the spatial distribution of forsterite. The
temperature-dependent shape of the 69 µm feature observed with Herschel1 PACS is
used as a critical tool to constrain this distribution.

1Herschel is an ESA space observatory with science instruments provided by European-led Principal
Investigator consortia and with important participation from NASA.
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3 Location of dust crystals in the disk of HD 100546

results. We find a crystalline mass fraction of 40 - 60 %, located close to the
disk wall between 13 and 20 AU, and possibly farther out at the disk surface. The
forsterite is in thermal contact with the other dust species. We put an upper limit on
the iron content of forsterite of 0.3 %.

conlusions. Optical depth e!ects play a key role in explaining the observed
forsterite features, hiding warm forsterite from view at short wavelengths. The disk
wall acts as a showcase: it displays a localized high abundance of forsterite, which
gives rise to a high observed crystallinity, while the overall mass fraction of forsterite
is a factor of ten lower.
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3.1 Introduction

Herbig Ae/Be stars are intermediate-mass pre-main-sequence stars first described as
a group by Herbig (1960). They are characterized by the presence of a circumstellar
gas and dust disk (e.g. Waters & Waelkens 1998), which is the remnant of the star
formation process. There is by now a wealth of observational evidence suggesting
that these disks are the site of planet formation. For instance, imaging at optical,
infrared and millimeter wavelengths shows the presence of disk gaps and/or inner
holes (e.g. Grady et al. 2005; Verhoe! et al. 2011), pointing to clearing of substantial
parts of the disk. The composition of the dust in the disk strongly di!ers from that
of dust in the interstellar medium. Large, millimeter sized dust grains have grown in
the disk and settled to the mid-plane, depleting the disk of small, sub-micron sized
particles. In addition, crystalline silicates are detected in the mid-infrared spectra of
many disks, pointing to substantial grain processing (e.g. Bouwman et al. 2001; van
Boekel et al. 2005). The recent discovery by direct imaging of exo-planets orbiting
intermediate-mass stars (e.g. Marois et al. 2008; Kalas et al. 2008; Lagrange et al.
2010) provides strong support for the interpretation that disks surrounding Herbig
Ae/Be stars are in the process of planet formation.

However, many basic questions related to planet formation need still to be clar-
ified. For example: what is the main channel for planet formation as a function
of stellar mass? How does planet formation a!ect the composition of the gas and
dust and its spatial distribution? Which observed properties of disks can be used
as a signpost of planet formation, and can we derive an empirical evolutionary se-
quence towards mature planetary systems? In order to answer these questions, multi-
wavelength observations of the spatial structure and of the gas and dust composition
of proto-planetary disks are needed. In this study, we focus on the spatial distribution
of crystalline silicates in the Herbig Be star HD 100546. This star has been observed
with Herschel PACS as part of the DIGIT2 open time key programme that aims to
address these questions (Sturm et al. 2010).

Crystalline silicates are not found in interstellar space (Kemper et al. 2004) but
are abundant in a significant fraction of proto-planetary disks (e.g., Olofsson et al.
2009; Juhász et al. 2010). They must therefore have been formed in situ, and trace
the thermal and chemical history of the grains in the disk. They can form by thermal
annealing of amorphous silicates (Fabian et al. 2000), or by direct condensation from
the gas phase. Both processes require high temperatures, respectively above the glass
temperature ($1000 K) or near the dust evaporation temperature ($1500 K). These
temperatures are typically found close to the star.

Crystals are also observed much farther away from the star than expected based

2Dust, Ice and Gas In Time

41



3 Location of dust crystals in the disk of HD 100546

on their temperature (e.g., Olofsson et al. 2010) and are abundant in solar system
comets, requiring e"cient radial mixing or local production in shocks (Harker &
Desch 2002), collisions (Morlok et al. 2010), parent-body processing (Huss et al.
2001) or stellar outbursts (Ábrahám et al. 2009). Additionally, crystals can also be
destroyed by stellar winds (Glauser et al. 2009). However, the correlation of crys-
tallinity with other stellar parameters such as age and luminosity in a large sample
remains unclear (e.g. Watson 2009; Oliveira et al. 2010; Juhász et al. 2010). Detailed
studies of individual disks are therefore needed in which spatially resolved infor-
mation and spectroscopy are combined in order to establish the spatial distribution,
abundance and chemical composition of crystalline silicates in relation to the overall
disk geometry.

In this paper we focus on HD 100546, a Herbig Be star of spectral type B9.5Vne
with one of the strongest observed crystalline dust features (Malfait et al. 1998).
Apart from the unusual mineralogy, the Spectral Energy Distribution (SED) of HD
100546 is characterized by a large mid-infrared excess and a modest near-infrared
excess. This SED is explained by a disk gap, which creates a frontally illuminated
wall at the far edge of the gap with a temperature of $ 200 K (Bouwman et al. 2003).
The existence of the gap has been confirmed by spatially revolved spectroscopy of
the gas as well, placing the wall at 13 AU (e.g. Grady et al. 2005). The small near-
infrared excess is caused by a tenuous inner disk (Benisty et al. 2010b).

The mid-infrared spectrum of HD 100546 has been observed with ISO (Malfait
et al. 1998), TIMMI2 (van Boekel et al. 2005) and Spitzer (Juhász et al. 2010). The
ISO observations revealed very pronounced crystalline silicate features, similar to
those of comet Hale-Bopp (Crovisier et al. 1997). Comparison to laboratory spectra
indicated that the features between 11 and 30 µm can be described by a dust popu-
lation with a single temperature of 210 K (Malfait et al. 1998), coinciding with the
disk wall. The longer wavelength features (33 and 69 µm) require an additional cold
component ($50-70 K) to explain the feature strength.

The ISO spectrum was analysed in more depth by Bouwman et al. (2003), who
study the forsterite abundance and spatial distribution with a radiative transfer model
that assumes the dust is optically thin. They find a crystalline mass fraction that
increases from 2% in the inner disk to 19% in the outer disk – which is inconsistent
with radial mixing models that predict a decreasing fraction with radius.

The TIMMI2 spectrum was analysed using a similar optically thin model, but
without taking into account the geometry, by van Boekel et al. (2005), who find a
forsterite mass fraction of 5.0% in the 10 µm range. The forsterite features have been
observed more recently with Spitzer by Juhász et al. (2010). They find a forsterite
mass fraction of 5.6% from the 10 µm spectral range and 5.1% from the 20 µm
spectral range.
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In addition to the strength, the shape and central wavelength of the features also
contain information on the temperature of the emitting dust, as these are temperature-
dependent (Koike et al. 2006). This is especially true for the 69 µm feature where
the feature broadens and shifts to longer wavelengths at higher temperatures (Bowey
et al. 2002; Suto et al. 2006, Fig. 3.14).

The 69 µm feature of HD 100546 has been observed in great detail with Herschel
PACS as part of the DIGIT open time key programme, and analysed by Sturm et al.
(2010) using an optically thin approach. The observed central wavelength of the
feature is 69.2 µm, whereas cold (50 K), iron-free forsterite3 has a peak at 69.0 µm.
Sturm et al. (2010) propose two di!erent scenarios for the required wavelength shift
of 0.2 µm:

In the first scenario, warm iron-free forsterite creates the observed shape. Using
a weighted sum of the opacities, they find that pure forsterite with a temperature
of 200-150 K has a peak at 69.2 µm and matches the feature shape. This scenario is
consistent with the inferred temperature of the disk wall, but strongly overpredicts the
features at shorter wavelengths. It is therefore inconsistent with the ISO and Spitzer
data, unless optical depth e!ects play a significant role.

In the second scenario, Sturm et al. (2010) proposed an alternative explanation:
colder forsterite, with a temperature around 50-70 K creates the 69 µm feature, and an
admixture of a few percent iron shifts the peak longwards to 69.2 µm. Such a model
does not overpredict the short wavelength features, consistent with the earliest model
from Malfait et al. (1998). Optical constants for forsterite with a few percent iron
have not (yet) been measured in the lab, and a compositional fit could not be made.
The inferred wavelength shift follows from interpolation of measurements with 0%
and 10% iron content (see Sturm et al. 2010).

These two scenarios lead not only to a di!erent chemical composition of the
forsterite, but also to a di!erent location of emission within the disk. Iron-free
forsterite originates from the disk wall, whereas iron-containing forsterite comes
from colder material farther out – possibly near the disk midplane. Because forsterite
has a large number of features over a broad wavelength range, regions with di!erent
optical depths are probed at di!erent wavelengths, providing extra diagnostic power.
To shed more light on the chemical composition and spatial distribution of forsterite
in the disk, we need to explore how feature strengths and shapes over the entire wave-
length range are influenced by these optical depth e!ects.

3Crystalline silicates with olivine stoichiometry are called forsterite in the case they contain only
magnesium (Mg2SiO4), and fayalite if they contain only iron (Fe2SiO4). In the case they contain
both iron and magnesium (FexMg2"xSiO4), they are called olivine. Because of the extremely low iron
content of the crystalline olivine (x ! 0.02) used in this paper, and to avoid confusion with amorphous
olivines, we will refer to them as forsterite as well. We will use the denomination iron-free / iron-
containing when it is necessary to discriminate between both species.
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3 Location of dust crystals in the disk of HD 100546

Figure 3.1: SED of HD 100546 (diamonds). The grey line is the ISO spectrum. Overplotted is the
best-fit disk model with forsterite (R20, solid line) and without forsterite (dotted line), both without
PAHs.

To do this, we need to use a 2D radiative transfer code, described in Section 3.3,
to construct a physical and mineralogical model of the dust surrounding HD 100546.
We construct a structural hydrostatic model in section 3.4, which is consistent with a
new VISIR mid-infrared image (appendix 3.A). In section 3.5 we use this structural
model to study the spatial distribution of crystalline forsterite, by fitting the forsterite
feature strengths over a broad wavelength range and in particular the shape of the 69
µm feature.

We will discuss our results in the context of previous work in section 3.6, as well
as address the question of the origin of the forsterite and correlation with the disk
gap. We will summarize our conclusions in section 3.7.

3.2 Observations

To construct the observed SED of HD100546 (see Figure 3.1), we use the photo-
metric data from van den Ancker et al. (1997) combined with the ISO spectrum from
Malfait et al. (1998). We do not use the Spitzer (Juhász et al. 2010) and PACS spectra
(Sturm et al. 2010) for constructing the SED because the ISO spectra encompasses
the wavelength range of both, and the flux calibration of the PACS spectrum is not

44
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yet4 better than that of ISO. There is no significant o!set between the ISO and Spitzer
spectra that could influence our analysis. We do make use of the increased sensitivity
of PACS and Spitzer for calculating the integrated strength of the forsterite features.

3.3 Radiative transfer and dust model

3.3.1 Radiative transfer model

The dust radiative transfer code used in this paper is MCMax (Min et al. 2009), a 2D
Monte Carlo code. It is based on the immediate re-emission procedure from Bjork-
man & Wood (2001), combined with the method of continuous absorption by Lucy
(1999). The code has been benchmarked against other radiative transfer codes for
modelling protoplanetary disks (Pinte et al. 2009) and has been successfully applied
for modelling spatially and spectrally resolved observations (e.g. Verhoe! et al.
2010). The radial grid around the inner radius and disk wall is refined to sample the
optical depth logarithmically. The SED, images and flux contributions (see section
3.5.3) are calculated by integrating the formal solution to the equation of radiative
transfer by ray-tracing.

In addition to radiative transfer, the code explicitly solves for the hydrostatic
vertical structure of the disk, with the implicit assumption that the gas temperature is
set by the dust temperature5. Therefore it only needs the radial distribution of dust to
construct the structural model. For the radiative transfer that sets the dust temperature
– and therefore its vertical structure – also the stellar and dust properties are required.

The radial distribution of the dust in the disk is defined by the following param-
eters: the inner and outer radius (Rin and Rout) as well as the gap location Rgap,in and
Rgap,out; the total dust mass (Mdust) and its distribution across the disk, the surface
density profile (SDP); and finally an additional dust depletion factor for the inner
disk finner. The stellar spectrum is described by a Kurucz model with e!ective tem-
perature Te! , luminosity L(6and mass, and is set at a distance d. These parameters
are summarized in Table 3.1.

Although the stellar parameters have recently been updated by Tatulli et al. (2011),
our fit parameters provide an equally good fit to the stellar photosphere. Adopting the
lower luminosity of 26 L# would have only a small impact on the model, as it requires
a higher continuum opacity in the optical to achieve the same dust temperatures and
fit the SED.

4At the time of the original publication of this paper.
5The gas scale height is therefore not a free parameter in our model.
6The value derived by van den Ancker et al. (1997) is L( = 33L#, but L( = 36L#, which is within

the 1) error, better fits the available photometry.
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3 Location of dust crystals in the disk of HD 100546

Parameter Value reference
Te! [K] 10500 [1]
L( [L#] 36† [1]
M( [M#] 2.4 [1]
d [pc] 103 [1]
Rin [AU] 0.25 [2]
Rexp [AU] 350 [3]
Rout [AU] 1000 [4]
Rgap,in [AU] 4 [2]
Rgap,out [AU] 13 [5]
Mdust[M#] 1 ' 10"4 †
!(r) r"1 †
finner 200†
amin[µm] 0.1 [6]
amax[µm] 1.5 [6]
carbon fraction [%] 5 †
Shape irregular (DHS) [6]
i[&] 42 [7]
PA 145 [7]

Table 3.1: Model parameters. All parameters with a dagger (†) are (re)fitted. References: [1] van den
Ancker et al. (1997); [2] Benisty et al. (2010b); [3] Panić et al. (2010); [4] Ardila et al. (2007); [5]
Grady et al. (2005); [6] Juhász et al. (2010); [7] Pantin et al. (2000)

3.3.2 Dust model

We compute the optical properties of our grains using a distribution of hollow spheres
(DHS, Min et al. 2005a), which has been shown to represent mid-infrared feature
shapes very well (Juhász et al. 2010).

We will restrict ourselves to a model with three dust components that domi-
nate the opacity from the optical to the far-infrared: amorphous silicates, crystalline
forsterite and carbon. Amorphous silicates produce the 10 and 20 µm emission fea-
tures which are very prominent in HD 100546. We will use the composition and
optical constants of interstellar silicates towards the galactic center as derived by Min
et al. (2007), which are summarized in table 3.2. Crystalline forsterite dominates the
mid infrared opacity only at wavelengths where it has strong features, most notably at
11.3, 23.5, 33.5 and 69 µm. We will use the optical constants from Suto et al. (2006),
as these have been measured at di!erent temperatures. At optical and near-infrared
wavelengths, the opacity is dominated by continuum sources without spectral fea-
tures in the mid and far-infrared. For this component we use carbon, with optical
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Dust species reference
13.8% MgFeSiO4 [1]

Amorphous 38.3% Mg2SiO4 [2]
silicates 42.9% MgSiO3 [1]

1.8% NaAlSi2O6 [3]
Carbon C [4]
Forsterite Mg2SiO4 [5]

Table 3.2: Dust composition used in this paper. Opacities are calculated from the optical constants
using a size distribution from 0.1 to 1.5 µm proportional to a"3.5. The shape of the particles is DHS,
with fmax = 0.7 except for crystalline forsterite, which has fmax = 1.0. References to the optical
constants: [1] Dorschner et al. (1995); [2] Henning & Stognienko (1996); [3] Mutschke et al. (1998);
[4] Preibisch et al. (1993); [5] Suto et al. (2006)

constants from Preibisch et al. (1993). Note that probably not all of the continuum-
opacity sources are amorphous carbon, and that also di!erent materials with similar
optical properties could contribute, for example metallic iron.

Dust grains in protoplanetary disks are most likely in the form of mixed aggre-
gates. Lacking a good e!ective medium theory for DHS, we calculate the opacities
for every dust species from the optical constants as if they were separate particles,
and then force them to be in thermal contact. Although this approach does not have
as good a physical basis as an e!ective medium theory, it does allow an accurate
representation of feature shapes. In addition, opacities do not have to be recalculated
when the composition changes, making it easier to conduct large parameter studies
and make models with spatially varying dust compositions, including temperature
dependent opacities. The implications of the dust grains being in thermal contact
will be discussed in section 3.6.6.

Other dust properties – grain size range and composition – have to be constrained
from the observations and are discussed in section 3.4.1.

3.3.3 Observational constraints

3.4 Disk structure
Before we can model the spatial distribution of forsterite, we need to construct a
structural model for the disk that fits the available observations. The disk of HD
100546 has been well-studied, and the disk geometry is already well-constrained. In
the next section we will describe these observational constraints. In section 3.4.2
we fit the SED to fill in most of the remaining parameters of our disk model. The
only parameter important for this study that can not be well constrained from the

47



3 Location of dust crystals in the disk of HD 100546

Figure 3.2: 18.7 µm model image using our final model of the inner regions of HD 100546. Note that
the inner disk casts a clear shadow on the outer disk wall. The field of view of the image is 0.5)) by
0.5)), or 51.5 AU at a distance of 103 pc. North is up and East is left.

SED is the surface density profile (SDP). We will assume the same SDP as previous
modeling attempts, which is consistent with VISIR imaging (see appendix 3.A.3).
Fig 3.2 shows a Q band image of the final disk model, illustrating its geometry with
an outer disk (Section 3.4), gap (Section 3.4) and inner disk (Section 3.4).

Outer disk

The (outer) disk of HD 100546 was first resolved in scattered light by Augereau
et al. (2001), and has since then been imaged at di!erent wavelengths (e.g. Liu et al.
2003, Ardila et al. 2007). Its position angle and inclination have been measured using
di!erent techniques, indicating an inclination between 40 and 50 degrees from face-
on, and a position angle east of north between 130 and 145 degrees (e.g. Pantin et al.
2000; Ardila et al. 2007). We adopt the inclination of 42 degrees and a position angle
of 145 degrees.

The outer radius of the dust disk is di"cult to determine. Scattered light is ob-
served up to at least ten arcseconds (1000 AU at a distance of 103 pc, Ardila et al.
2007), yet it is not clear whether this belongs to the disk or to a remnant envelope,
and the dust disk could be significantly smaller (e.g. Ardila et al. 2007). Modelling
of rotational CO lines are consistent with a gas-rich disk with an outer radius of 400
AU (Panić et al. 2010). We therefore adopt an outer radius of 1000 AU, but with an
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3.4 Disk structure

exponential cuto! that sets in at Rexp = 350AU (Hughes et al. 2008).
The total dust mass of the outer disk is 7.2 ' 10"4 M#, as has been determined

by Henning et al. (1998) from 1.3 mm measurements, which probe mostly big grains
in the disk midplane. The mass distribution in the outer disk is not well constrained.
Various authors have adopted an SDP of !(r) = r"p with p = 1 (e.g. Panić et al.
2010, Benisty et al. 2010b), a value commonly used for protoplanetary disks. We will
also adopt this value, which is consistent with our VISIR image in appendix 3.A.3

Gap size

The SED of HD 100546 (Fig. 3.1) is dominated by a relatively small near-infrared
excess between 2 and 8 µm, followed by a steep rise towards the mid-infrared at 10
µm. This SED has been attributed to a disk gap around 10 AU – possibly cleared out
by a proto-planet – which creates a frontally illuminated wall at the far edge of the
gap (Bouwman et al. 2003). This wall has a temperature of 200 K, and is responsible
for the huge mid-infrared excess compared to other Herbig Ae/Be stars. The gap
manifests itself in mid-infrared imaging, where the source is much larger than other
Herbig Ae/Be stars, and its size is independent of wavelength (Liu et al. 2003).

The gap is also seen in the distribution of the circumstellar gas in this disk (e.g.
Acke & van den Ancker 2006; Brittain et al. 2009; Van Der Plas et al. 2009), and
tight constraints have been put on the size of the disk gap using spatially resolved
spectroscopy by Grady et al. (2005). We adopt their value for the gap outer radius of
Rgap,out = 13 AU, which is the location of the disk wall.

Inner disk

The inner disk of HD 100546 causes a near-infrared excess that is relatively small
compared to other Herbig Ae/Be stars (Bouwman et al. 2003), indicating that the dust
is depleted (Dominik et al. 2003) or settled. Benisty et al. (2010b) have resolved the
disk using near-infrared interferometry, constraining the inner radius to Rin = 0.25
AU. The authors also find that the inner disk is very tenuous, and has a low dust mass
of only 3 ' 10"10 M#. The AMBER observations cannot resolve the outer radius,
but they put it at Rgap,in = 4 AU. We adopt these values for the inner and outer radius.

3.4.1 Mineralogy
Before determining the remaining model parameters using SED fitting we need to
specify our dust composition. Although the peculiar forsterite mineralogy of HD
100546 is the main focus of this paper, forsterite itself plays only a minor role in de-
termining the disk structure and fitting the SED. The main reason for this is that it has
a very low opacity in the optical compared to other dust species such as amorphous
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3 Location of dust crystals in the disk of HD 100546

silicates and carbon. The latter species therefore determine the heating/cooling bal-
ance of the dust, and set the disk’s temperature and vertical density structure. Leaving
out the forsterite does not a!ect the shape of the modeled Q band radial profile, and
changes to the overall SED are small (Figure 3.1). The shape of the 10 micron fea-
ture is better fitted with forsterite included, but this does not a!ect the overall SED
shape (see Figure 3.1). We will therefore constrain the disk geometry in this section
using only the other two components, amorphous silicates and carbon. By doing so,
the derived geometry is independent of the forsterite mineralogy, and we can study
the abundance and spatial distribution of forsterite in section 3.5 without refitting the
SED.

The dust composition is determined by the mass fraction of carbon, and follows
from our SED fit in section 3.4.2. Both Bouwman et al. (2003) and Juhász et al.
(2010) show that the small grains responsible for the mid-infrared dust emission fea-
tures in HD 100546 cannot be larger than a few µm, though larger grains could be
present at higher optical depths not probed by Spitzer. The small grains are most
important for setting the disk density and temperature structure because of their high
opacities (Meijer et al. 2008), and we adopt a grain size distribution between 0.1 and
1.5 µm for all grains. We do not fit the SED in the (sub)mm because it probes a sepa-
rate population of large, millimeter-sized grains (Benisty et al. 2010b), which do not
influence the strength of mid-infrared features. A summary of the mineralogy can be
found in table 3.2.

3.4.2 SED fitting

With the disks radii (Rin, Rgap,in, Rgap,out, Rout) and opacities constrained, the next step
is to constrain the dust mass (Mdisk), inner disk depletion ( finner) and carbon fraction
by SED fitting. The SED is relatively insensitive to the SDP, but some limits can be
placed on it using spatially resolved VISIR imaging (See appendix 3.A). For now,
we will adopt p = 1. The total dust mass for HD 100546 has been measured at
millimeter wavelengths (Henning et al. 1998). However this mass probes mostly the
big, millimeter sized grains in the midplane, while we are interested in the dust mass
in small micron-sized grains responsible for mid-infrared and far-infrared features.
We therefore have to refit the dust mass to the optically thin part of the SED at $
60-200 µm. We find a dust mass of 10"4 M#, consistent with the dust mass in small
grains from Dominik et al. (2003) and Benisty et al. (2010b).

We proceed by fitting the inner disk (0.25-4 AU), which has been done before
with a similar 2D radiative transfer code by Benisty et al. (2010b). They use a
parametrized vertical structure with a fixed scale height and flaring exponent. In
our model, the vertical structure is computed under the assumption of vertical hydro-
static equilibrium. Therefore we can not freely adjust these parameters, so instead
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we fit the inner disk SED by varying its dust mass. We do this by assuming the mass
distribution in the inner disk follows the same power law as the outer disk (p = 1)
– as would be the case for a disk without a gap – and reduce the surface density7
to lower the optical depth and fit the near-infrared flux in the same way as Benisty
et al. (2010b). We fit a dust mass of 6 ' 10"9 M#, consistent with the value found
by Benisty et al. (2010b). This corresponds to a surface density normalization of
!1AU = 2.3 ' 10"3 g/cm2. This is a reduction of a factor finner = 200 with respect
to an extrapolation inward of the SDP of the outer disk, which has !1AU = 0.45
g/cm2 .

The modelled inner disk is not completely optically thin in the radial direction
at optical wavelengths, as can be inferred from the shadow seen on the disk wall in
figure 3.2. Even when we take into account that the star is not a point source (Espaillat
et al. 2010), the shadow reaches up to a height above the midplane of around $ 1 AU
at the disk wall. The shadow only disappears when the inner disk has an increased
scale height such that it e!ectively becomes a halo (Mulders et al. 2010; Verhoe!
et al. 2011), as has been suggested for HD 100546 by Vinković et al. (2006).

Even though the wall at 13 AU is partly shadowed, the illuminated part still in-
tercepts a significant fraction of the stellar light. It is frontally illuminated by the
star, and has a temperature of 200 K. Such a structure fits the mid-infrared part of
the SED without any increase in scale height beyond hydrostatic equilibrium – which
is often needed to account for extreme near-infrared excesses in Herbig Ae/Be stars
(Acke et al. 2009). The steep rise in the SED between 8 and 10 µm is caused by this
wall, but it also contains information on the dust composition. At 8 µm the opacity
is dominated by carbon, at 10 µm by amorphous silicates. From the 10/8 µm flux
ratio, we estimate a carbon/silicate mass ratio of 5%. Increasing the carbon fraction
‘fills’ the gap in the SED at 8 µm: with 10% carbon the flux at this wavelength is
already significantly overpredicted. Because carbon combusts (see, e.g., Lee et al.
2010) at the same temperatures needed to anneal silicates (Gail 2001), the relatively
low carbon abundance could be linked to the high crystallinity.

3.4.3 Final model
Model parameters of the final disk model used for the analysis of the forsterite fea-
tures can be found in table 3.1. Note that this model is in hydrostatic equilibrium,
and therefore does not have a predefined scale height. The calculated scale height
increases with height above the midplane due to the temperature gradient, but can be
fitted with a power law in radius (H = H100AU ( (r/100AU)%) at both the surface
and midplane for comparison. The outer disk is well described by a flaring exponent

7Reducing the surface density has a similar e!ect on the near-infrared flux as reducing the scale
height or increasing the flaring exponent.
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3 Location of dust crystals in the disk of HD 100546

Figure 3.3: The temperature structure of the outer disk of HD 100546. Overplotted are the radial (=1
surface in the optical (solid thick line) as well the vertical ( = 1 surfaces of the continuum at 24, 33
and 69 µm (dotted, dashed, dot-dashed). Note that the vertical ( = 1 surface is calculated from above,
meaning that regions with higher optical depth lie below it. The 69 µm surface lies below the disk
midplane, meaning that the disk is close to getting optically thin at these wavelengths.

of % = 1.4 and a scale height that increases from H100AU = 13 AU in the midplane to
H100AU = 21 AU at the disk surface and in the disk wall. The inner disk is fitted with
% = 1.3 and H100AU = 13 AU in the midplane to H100AU = 25 AU in the disk rim.
The midplane temperature follows T = $ 150 ( (r/AU)"0.25 for the outer disk, and
is a factor of 2 higher in the inner disk.

3.5 Disk mineralogical model: Forsterite
In this section we will study the abundance and spatial distribution of forsterite in the
disk of HD 100546, using the disk structural model described in the previous section.
The aim is to distinguish between the two scenarios for the forsterite composition
described by Sturm et al. (2010) (warm iron-free forsterite or cold iron-containing
forsterite), which have also been discussed in the introduction.

3.5.1 Optical depth e!ects

We explore in detail the e!ects of optical depth and the gapped disk geometry of
HD 100546 on the observed feature strengths of forsterite. Throughout the paper, we
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Figure 3.4: Continuum subtracted spectra comparing the optically thick (solid black) and optically
thin (light grey area) approach using only warm forsterite (model RW30). Models are fitted to the 69
µm feature shape. Overplotted are the Spitzer spectrum between 7 and 35 µm and the PACS spectrum
between 65 and 73 µm (dark grey lines). A more detailed version comparing the optically thick model
and observations can also be found in figure 3.5, panel RW30.

will assume that the forsterite is in thermal contact with the other dust species (see
section 3.4.1). Fig 3.3 shows the temperature structure in the outer disk from the
model derived in section 3.4.3. Fig 3.3 also shows the vertical ( = 1 surfaces – as
seen from the observer to the emission point – of the continuum at 24, 33 and 69 µm.
These surfaces mark the boundaries below which the dust can no longer contribute
substantially to the feature at that particular wavelength.

At 69 µm, the vertical ( = 1 surface lies below the disk midplane (i.e., the disk
becomes optically thin), allowing most of the disk to contribute to the 69 µm feature.
At shorter wavelengths, these surfaces lie above the disk midplane out to radii of 50-
100 AU. For the 150 and 200 K components, a significant part lies below the ( = 1
surface, especially when taking into account that the density increases towards the
midplane. Most of the warm forsterite that can contribute to the 69 µm feature is
therefore hidden from view at shorter wavelengths.

To illustrate the influence of these optical depth e!ects on the measured feature
strengths of forsterite, we compare the continuum subtracted spectra (see appendix
3.B) of our model (described in section 3.5.2) with the optically thin model from
Sturm et al. (2010) in Figure 3.4. Both models are fitted to the feature shape and
strength at 69 µm, and contain only 150 K and 200 K forsterite. The optically thin
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approach clearly overpredicts the strength of the short wavelength features in the 10
to 40 µm range, while the 2D radiative transfer does not overpredict these because
the bulk of the warm forsterite is hidden at such short wavelengths.

The gapped geometry of HD 100546 plays a key role here: because part of the
wall at 13 AU is directly illuminated by the central star, it heats regions close to the
midplane to temperatures of 150 to 200 K. In a disk without a gap, these regions
would be much colder and these high temperature regions would only be found in the
midplane at much smaller radii ($4 AU). There, the surface density would be high
enough also for the ( = 1 surface at 69 µm to be above the midplane. Without a gap,
the optical depth e!ects would not be so pronounced as the hot forsterite would be
hidden from view at 69 µm as well.

This first analysis shows that while optically thin models with iron-free forsterite
overpredict feature strengths at shorter wavelengths, a 2D radiative transfer model
that takes optical depth e!ects into account does not. Additionally, none of the longer
wavelength features (33, 69 µm) require an additional cold (<150 K) component
to fit the feature strengths. This indicates that the shape of the 69 µm feature can
be fitted with only warm forsterite, suggesting an iron-free composition (the first
scenario from Sturm et al. 2010). We will therefore first pursue a disk model that
explains all feature strengths and shapes with iron-free forsterite. Afterwards, we
will discuss models that include a fraction of iron. We describe how we implement
the temperature-dependent opacities of iron-free forsterite into our radiative transfer
code in Appendix 3.C.

3.5.2 Forsterite spatial distribution

To determine the spatial distribution of the forsterite in the outer disk, we use the
disk structural model from section 3.4.3. We replace a small fraction of the amor-
phous silicates by forsterite, and compare continuum subtracted model spectra with
the data. All discussed models can be found in Fig. 3.5. These models are fitted to
the integrated flux at 69 µm, which is $9 Jy µm.

We will show that models with constant abundance throughout the outer disk
severely underpredict short wavelength features due to optical depth e!ects (model
G0). We therefore run an extensive parameter study where the radial distribution of
forsterite peaks towards the disk wall. We consider two parametrizations: an abun-
dance gradient (model series G), predicted by radial mixing models (Gail 2001), and
a (narrow) ring of constant abundance (model series R), which makes it easier to
control the minimum temperature of the forsterite. In addition, we also ran a series
of models where the forsterite is only located in the disk wall and at the disk surface
(model RW), and not in the midplane. Below we discuss the di!erent models.
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Figure 3.5: Continuum subtracted spectra comparing the models (solid black) and Spitzer and PACS
observations (grey). Presented models have integrated feature strength between 67.5 and 71.0 µm of
8.5 ± 1.5 Jy. O!sets between models are 50 and 15 Jy for the left and right panel respectively. The
cartoons on the right show the location of the forsterite in the outer disk, not to scale. A higher intensity
represents a higher abundance. Roman symbols present models with:
G0 – 2% forsterite throughout the entire disk (gradient with r"0);
G1 – gradient with 10% forsterite at 13 AU and r"1;
G2 – gradient with 30% forsterite at 13 AU and r"2;
G3 – gradient with 40% forsterite at 13 AU and r"3;
R14 – ring with 60% forsterite between 13 and 14 AU;
R20 – ring with 40% forsterite between 13 and 20 AU;
R25 – ring with 30% forsterite between 13 and 25 AU;
R60 – ring with 10% forsterite between 13 and 60 AU;
RW30 – only 150 and 200 K forsterite, 60% between 13 and 30 AU;
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Constant abundance throughout the disk

In contrast with the result from Bouwman et al. (2003), models with a constant
forsterite abundance throughout the outer disk consistently fail to reproduce all ob-
served feature strengths. This failure is due to optical depth e!ects, which suppress
short wavelength features (Section 3.5.1). A very low abundance of 2 % fits the
integrated 69 µm flux (Fig. 3.5, model G0), but underpredicts shorter wavelength
features, most notably shortwards of 33 µm. An abundance increase of at least a
factor of 10 is necessary in the disk wall to fit the flux at 11 µm. To achieve this
without overpredicting the 69 µm feature by the same factor, we need to concentrate
the forsterite towards the disk wall.

Abundance gradient

First, we concentrate the forsterite towards the disk wall by introducing an abundance
gradient that gradually decreases outward. Radial mixing models predict that if ra-
dial mixing transports crystalline material from the inner to the outer disk, it follows
a smooth distribution (Gail 2001), which is well described by a power law (Stevenson
1990). We parametrize the forsterite abundance as f (r) = f13AU (r[AU]/13AU)"*,
where free fitting parameters are the abundance in the disk wall ( f13AU) and the steep-
ness of the gradient (*). The grid scanned for these parameters is summarized in table
3.3. We start by assuming the forsterite is well-mixed in the vertical direction, i.e.
there is no vertical abundance gradient.

With a gradient of * = 1, we can increase the forsterite abundance in the wall to
10% without overpredicting the 69 µm flux. This is still not high enough to explain
the short wavelength features, which originate mainly in the disk wall (G1). Steeper
gradients of * = 2 or 3 concentrate the forsterite closer to the disk wall, and can reach
higher abundances for the same 69 µm flux. They reach abundances of respectively
30% (G2) and 40% (G3), which is su"cient to fit the feature strengths at shorter
wavelengths. With even steeper gradients, the abundance drops o! so rapidly even in
the wall that short wavelength features are again underpredicted (not plotted).

Although models G2 and G3 can explain all feature strengths, the shape of the 69
µm feature does not fit the observations well. The peak is located at 69.0 µm, indicat-
ing that cold, 100 K forsterite dominates the peak location. Although an increasing
contribution at 69.2 µm is seen with steeper gradients, it never dominates the feature
shape. These solutions therefore require some iron to shift the feature towards longer
wavelengths. However, even then the feature shapes do not match very well (Figure
3.5).

The reason why the cold forsterite is so prominent at 69 µm is that even with
a steep gradient a few percent forsterite remains far out in the disk. Such a low
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Parameter Best-fit Range explored
abundance [%] 40 {2, 5, 10, 20, 30, 40, 50, 60, 70, 80, 90}
rring [AU] 20 {14, 15, 16, 17, 18, 19, 20, 25,

30, 35, 40, 60, 80, 100, 400, 1000}
* 2 {0, 0.5, 1.0, 2.0, 3.0, 4.0}

Table 3.3: Forsterite abundances in the disk. Best-fit and ranges explored. Abundance refers to abun-
dance at 13 AU; outwards the abundance is either constant up to rring, beyond which it is zero, or it
drops o! gradually as

% r[AU]
13AU

&"*

abundance provides a significant contribution at 69 µm, while it does not add a lot of
flux to the short wavelength features (see also model G0). We will therefore focus
on a series of models with a forsterite abundance that is non-zero only near the disk
wall.

Abundance ring

To prevent a low percentage of cold forsterite in the outer disk from dominating the
shape at 69 µm, we choose a second parametrization where the forsterite is located in
a narrow ring starting at the disk wall. The abundance of forsterite is constant within
the ring, between 13 and rring AU, and is zero outside this ring. Both the abundance in
the ring and its outer radius rring are free fitting parameters. The explored parameter
space is summarized in Table 3.3, a selection of models is displayed in Figure 3.5.

Because the midplane is close to optically thin at 69 µm, avoiding a strong con-
tribution from cold (50-100 K) forsterite requires a narrow ring of only a few AU.
A ring with outer radius of 14 AU (R14) requires a high abundance of 60% to fit
the integrated feature strength at 69 µm. At such high abundances, features become
optically thick and flatten o!, producing a 69 µm feature that is much too broad. Ad-
ditionally, the short wavelength features flatten o!, and become too weak compared
to the observations.

Lower abundances require broader rings to produce enough emission at all wave-
lengths. Rings with abundances of 40 and 30% require outer radii of 20 (R20) and
25 AU (R25) respectively. At these radii, midplane temperatures are down to 100 K
(Fig. 3.5), and the 69 µm feature is dominated by this component with a peak at 69
µm. In contrast to the gradient models G1 and G2, these rings do not contain a 50
K component, since these temperatures occur farther out in the disk. Therefore the
feature shape matches much better than models with a gradient, although still some
iron is required to shift the feature towards longer wavelength. At even lower abun-
dances (R60, 10 % and 60 AU), the feature strengths at shorter wavelengths cannot
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3 Location of dust crystals in the disk of HD 100546

be reproduced.

Only warm forsterite

In order to reproduce the 69 µm feature with iron-free forsterite, we need to exclude
contributions from 100 K forsterite. However, ring models that do so (R14) do not
produce enough flux at all wavelengths because the emitting region is too small.
Larger rings include warm forsterite from the disk surface, but also colder forsterite
from the midplane (R20 and R25). We therefore run the same series of ring models,
but now with forsterite only in regions that are 150 and 200 K, disabling the contribu-
tion from colder forsterite. This model is easily compared to the optically thin fit of
Sturm et al. (2010) (Fig. 3.4), which also has only these components. We implement
this by replacing the opacities for 50, 100 and 295 K forsterite with that of amorphous
silicates. A ring with an outer radius of 30 AU and abundance of 60 % provides a
good fit to the short wavelength features (RW30). The shape of the 69 µm feature
matches the observed one well.

Looking at figure 3.3, it becomes clear that such amodel with only warm forsterite
has an abundance that varies with height above the midplane. Outside of the disk wall
(> 15 AU), a vertical temperature gradient is present from a warm surface to a cold
midplane. The forsterite in this region must therefore be located only at the disk sur-
face, with an abundance that decreases to zero near the disks midplane. The forsterite
is present in the disk wall and near the disk surface farther out, but not in the mid-
plane. This scenario agrees well with the geometry proposed by Bouwman et al.
(2003), where forsterite is produced in the disk gap and transported into the disk wall
and outer disk surface.

Best fit to 69 µm feature

The parameter study from the previous section yields a number of good fits to the
integrated feature strengths, but only 2 models fit the shape of the 69 µm feature
well: model R20, with 40% forsterite between 13 and 20 AU and model RW30,
with 60% forsterite between 13 and 30 AU, but only in the ’warm’ regions with a
temperature of 150 and 200 K. Fig. 3.6 shows the modeled feature shape, as well as
the contribution of the individual temperature components.

Model R20 peaks at 69.10 µm, and the model has been shifted by 0.1 µm to obtain
a good fit. We interpret this shift as an increase in the iron fraction from 0 to 0.3 %,
following the interpolation for low iron content by Sturm et al. (2010), which gives
a peak shift of 3.13 %/µm. The peak shows dominant contributions from both 200,
150 and 100 K, and is therefore slightly broader than the optically thin fit from Sturm
et al. (2010), but well within the error bars. The higher temperature components
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3.5 Disk mineralogical model: Forsterite

Figure 3.6: Modelled 69 µm feature shape (solid lines) compare to the PACS observations (grey error
bars) for models R20 with a 0.1 µm shift towards longer wavelengths (left) and model RW30 with a
0.05 µm shift (right). Overplotted are the optically thin fit from Sturm et al. (2010)(grey solid line),
and contributions from the individual temperature components. The bottom panels show the di!erence
between the PACS observations and the modelled spectra.

dominate the feature by integrated emission, but the 100 K component is narrower
and is equally important for the peak position.

Model RW30 peaks at 69.15 µm, and provides a good by-eye fit without a wave-
length shift. Fit quality increases with an additional shift of 0.05 µm, corresponding
to an iron fraction of less than 0.2 %. The relative contribution of the 200 and 150
K components are 57 and 42% in contrast with 62 and 27 % for the optically thin
model (B. Sturm, private communication). This also explains the small wavelength
shift required, as the 150 K component has its peak at 69.10 µm.

The feature of model RW30 is also a little bit too broad, especially at the blue
side of the feature. The reason for this broad feature is the high forsterite abundance
of 60%, at which the feature itself starts to become optically thick. A lower abun-
dance would require a larger region with a temperature of 200 K, which is di"cult to
achieve in the current model.

3.5.3 Location of forsterite emission

To visualize where the di!erent forsterite features originate in the disk, we calculate
the contribution to the features at every location in the disk. Although the tempera-
ture and optical depth also give some information about where the features originate
(Fig. 3.3), it does not take into account that the density decreases with disk height
and radius, as well as the increase in opacity in the wavelength of the feature and
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inclination e!ects.
To calculate these contributions, the ray tracer stores the individual contributions

to the total spectrum in every grid cell. We then fit a 3rd order polynomial to the con-
tinuum, subtract it, and calculate the integrated feature strength. The contributions
of the individual temperature components to the 69 µm feature are calculated in a
similar fashion.

Because we view the disk at a 42& angle, the upper half of the disk (z/r > 0) is
in our direct line of sight, while the bottom half (z/r < 0) is mostly obscured from
view. This results in an asymmetric profile around the midplane (z/r = 0) in Figures
3.7 and 3.8, while the forsterite abundance itself is symmetric around the midplane
in all our models.

Short wavelength features

The contributions to the integrated flux of the features at 11.3, 23.5, 33.5 and 69 µm
are plotted in figure 3.7 for best-fit models R20 and RW30. All features have a strong
contribution from the disk wall, approximately half of the total integrated feature
strength at all wavelengths. The remaining emission originates at larger radii at or
near the disk surface. Features at longer wavelength can be produced by colder ma-
terial, and have stronger contributions from larger radii. Due to the lower continuum
opacity at longer wavelengths, features also originate from deeper within the disk,
especially at larger radii where surface densities become lower.

The shortest wavelength feature at 11.3 µm originates in the warmest regions of
the outer disk, mostly in the disk wall. Its surface component extends up to only a
few AU outwards of the disk wall, and is located at the disk optical surface for both
models. At 24 and 33 µm, the emission from the disk surface extends farther out, and
its contribution to the total features increases up to more than 50%. As the optical
depth of the continuum decreases at these wavelengths, features start originating from
deeper in the disk. Both models look similar at 24 µm but start to deviate from each
other at 33 µm, as here the cold 100 K forsterite component is not present, truncating
most of the emission after 17-18 AU.

At 69 µm, the optical depth of the continuum is so low that features originate
from regions all the way down to the midplane, even in regions just behind the disk
wall (14 AU). The total contribution from outside the disk wall is more than 50% (see
also Fig. 3.9), and peaks towards the midplane with only a very small contribution
from the disk optical surface. The model with only warm forsterite doesn’t extend as
far out because the cold forsterite component in the midplane is not present.

The detailed analysis of the feature location confirms the simple analysis from the
beginning of this section: towards longer wavelengths, the optical depth decreases
and features originate from regions deeper in the disk which are hidden from view at
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R20 RW30

Figure 3.7: Location of emission of the forsterite features at 11, 24, 33 and 69 µm (top to bottom) for
models R20 (left) and RW30 (right). Overplotted is the radial ( = 1 surface in the optical. Contours
are given as a fraction of the maximum emission, and are between 1 and 100 %. The emission has
been integrated over the azimuthal direction. The emission locations are asymmetric around midplane,
because the disk is seen from above, and therefore we do not see the bottom half of the disk. Contours
are drawn as fraction of the peak intensity at 100%, 10% and 1%, and color coded with dark grey
between 10% and 100% and light grey between 1% and 10%
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3 Location of dust crystals in the disk of HD 100546

R20 RW30

Figure 3.8: Location of emission of the forsterite 69 µm features, split into its di!erent temperature
components for models R20 (left) and RW30 (right). Overplotted is the radial ( = 1 surface in the
optical. Contours are given as a fraction of the maximum emission of the total feature, between 1 and
10 % (light grey) and 10 and 100 % (dark grey). The emission has been integrated over the azimuthal
direction.
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3.5 Disk mineralogical model: Forsterite

Figure 3.9: Cumulative radial contribution of emission of the forsterite 69 µm feature for model R20.
The total flux is scaled to one. The solid line marks the total integrated flux, the dashed and dotted lines
mark the contributions of the di!erent temperature components to the integrated flux.

shorter wavelengths. Compared to figure 3.3, regions of emission don’t reach down
as far as the vertical ( = 1 surface. The main reason is that disk’s inclination is (by
definition) not taken into account in calculating the vertical ( = 1 surface. When
viewing the disk at an inclination angle i, the ( = 1 surface of an inclined disk is
raised by approximately a factor $ 1/ cos(i) with respect to a face-on disk.

The 69 µm feature

The location of emission of the di!erent temperature components of the 69 µm fea-
ture are displayed in Fig. 3.8 for model R20 and RW30. These are calculated simi-
larly to the shorter wavelength features – continuum subtracting the spectrum in ev-
ery grid cell – but for each of the five temperature components separately. For model
R20, the cumulative radial contribution to the 69 µm feature is plotted in figure 3.9.

For model R20, the 295 K component originates from the disk wall (between 13
and 14 AU), except from near the midplane. This is because the temperature in the
midplane is slightly lower than at the surface, an e!ect of the shadow of the inner
disk (see Fig. 3.2). The 200 K component originates only for a small part in the disk
wall. Most of the emission comes from the upper half of the disk between 13 and 15
AU, and peaks below the disk surface. At 150 K, a fraction of the emission comes
from the shadowed part of the disk wall, and the bulk from near the midplane below
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3 Location of dust crystals in the disk of HD 100546

the surface out to 17 AU. The 100 K component does not originate in the disk wall,
but from the midplane outwards of 14 AU. The coldest, 50 K component originates
from even larger radii(> 18AU) in the midplane.

For Model RW30, the 200 K and 150 K components originate in more or less the
same regions as for model R20, while the 50 K, 100 K and 295 K components are
not present.

3.6 Discussion

3.6.1 Forsterite abundance in comparison with previous work

The silicate mineralogy of HD 100546 has been addressed in a number of studies
(e.g. Bouwman et al. 2003, Juhász et al. 2010), with the underlying assumption that
emission features arise in an optically thin surface layer in the disk. Assuming a
homogeneous composition for the emitting region, the mass fraction of forsterite in
small dust grains is found to be around 5-6% (van Boekel et al. 2005, Juhász et al.
2010). Because this number can be derived from the mid-infrared spectrum directly
by measuring crystalline and amorphous feature strengths, we will refer to this as the
apparent crystallinity. It is clear that this number is not neccessarily representative
for the mass ratio in the entire disk, but an extrapolation is of course tempting. Taking
a separate dust composition for the inner and outer disk, Bouwman et al. (2003) find
a forsterite abundance in the depleted inner disk of 2%, compared to 19% in the outer
disk. Since the latter dominates the total mass, the total mass fraction is also 19%, a
factor of 4 higher than the apparent crystallinity.

Our analysis shows that the crystalline forsterite is concentrated towards the
disk wall, with locally very high abundances (40-60%). Although uncertainties in
the grain properties and model assumptions can lead to small errors in the derived
abundance, the abundances we find are significantly higher than those quoted above.
These high abundances are confined to a very narrow region (from 13 AU up to 20-30
AU). Outside of this region – where the bulk of the mass is located – the forsterite
abundance is consistent with zero. Therefore, the overall forsterite mass fraction –
the mass in crystalline forsterite grains compared to the total disk mass in small dust
grains – is around 0.5-0.8% (See Table 3.4). This is a factor of 10 lower than quoted
above.

The reason why such a small amount of forsterite shows up so prominently in
the SED is a typical case of window-dressing: The wall reprocesses approximately
a third of the total stellar energy captured by the disk, but represents only a few
percent of the total disk mass. The wall therefore acts as a display case, showing a
strong apparent crystallinity from only a small amount of forsterite with a high local
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Model Forsterite mass [M*] Fraction [%]
R20 0.27 0.8
RW30 0.17 0.5
G2 0.33 1.0
5% 1.7 5.0

Table 3.4: Forsterite mass of our best fit disk models, plus a gradient and constant abundance model
for comparison.

abundance. This may also explain the lack of correlations found in larger samples
between apparent crystallinity and other disk parameters.

3.6.2 Forsterite abundance in comparison with Solar System comets

It has been noted before that the mid-infrared spectrum of comet Hale-Bopp shows
a striking resemblance to that of HD 100546 (e.g. Malfait et al. 1998). The derived
crystallinities are in the range of 25% to 50% (Brucato et al. 1999; Wooden et al.
1999; Harker et al. 2002). It should be noted that the degree of crystallinity depends
on the assumed dust model, see e.g., Hanner & Zolensky (2010). With the inclusion
of larger grains (>µm), crystallinities tend to be lower, around 7% for Hale-Bopp
(e.g. Min et al. 2005b; Bouwman et al. 2003). Because we measure the crystallinity
of small dust grains in HD 100546, we can compare the local abundance in the disk
wall of 40-60% with the crystallinity of small grains in comets.

Also other longer period comets with high crystallinities have been observed,
for example COMET C/2001 Q4 has a crystallinity of $30% (Wooden et al. 2004).
The surface of shorter period comets might be subject to amorphization by solar
irradiation, but ejecta from the inside comet 9P/Tempel released during the Deep
Impact experiment show that these comets can also have a high crystallinity of 20-
40% (Harker et al. 2007).

Such high crystallinities at these large radii are not expected from radial mixing
models (Gail 2004), and not observed in typical protoplanetary disks. Because the
proposed formation region of comets is beyond the snowline, it coincides with the
location of increased crystallinity in the disk wall of HD 100546, making it an ideal
place for comet formation.

3.6.3 Crystallinity-gap correlation

Both the high abundance and spatial distribution indicate a correlation between the
disk geometry and the strong crystalline silicate features in the disk of HD 100546.
If the disk gap were filled with amorphous material – so that an illuminated wall is
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no longer present – the spectral features of forsterite would be weaker by roughly a
factor of 3. This might indicate that the strength of crystalline features – the apparent
crystallinity – does not reflect the overall crystal abundance, but rather its spatial
distribution and the presence of a disk gap.

Another star which shows a similar geometry and apparent crystallinity is RECX
5 (Bouwman et al. 2010). This opens up the possibility that a disk gap-crystallinity
correlation also exists for other protoplanetary disks. However, not all disks with
gaps show crystalline dust features (Brown et al. 2007). A reason for this might be
that the crystalline features only show up if the gap is located in the right tempera-
ture range. A good census of crystallinity and gaps in the right radius/temperature
range is needed to establish the presence of such a correlation. The strength of crys-
talline emission features can be well determined from mid-infrared spectroscopy (e.g.
Juhász et al. 2010). But the characterization of disk gaps from the SED is less trivial,
and requires spatially resolved observations (Varnière et al. 2006).

Aside from the apparent crystallinity of HD 100546 – which is one of the high-
est among Herbig Ae stars (e.g. Juhász et al. 2010) – also the local abundance of
forsterite at tens of AU is unusually high (40-60% at 13-20 AU). Other Herbig Ae/Be
stars show lower forsterite abundances in the outer (2-20 AU) disk, around 10-15%
derived with an optically thin approach (van Boekel et al. 2004), with the exception
of HD142527, which also has a prominent disk gap (Verhoe! et al. 2011). If all
Herbig Ae/Be stars would have the same crystallinity as HD 100546 in the 13-20
AU range – and an equal or higher abundance farther in – they would produce much
stronger spectral features than observed. Only if the abundance would increase out-
wards would it be possible to produce the observed crystallinities in the 0-5% range
with the same high local abundance at 13 AU. However, this is in sharp contrast
with observations (van Boekel et al. 2004) and radial mixing models (Gail 2001,Gail
2004), that show a crystallinity that is constant or decreases outwards.

Whether the spatial distribution of forsterite around HD 100546 is truly unique
among Herbig Ae/Be stars requires an analysis of disks with lower crystallinity as
well. The Herschel Open Time Key Program DIGIT will observe the 69 µm feature
in a number of Herbig Ae/Be stars, allowing for a characterization of the spatial
distribution of forsterite in these disks in a similar fashion. If there is a mechanism
that produces a high crystallinity at 13-20 AU independent of a disk gap, it will be
identified in this sample.

3.6.4 Forsterite origin

How can such a high abundance of forsterite originate in the disk wall, and is it re-
lated to the formation or presence of the disk gap? There are two chemical pathways
of producing forsterite: by condensation from the gas phase or by annealing from
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amorphous olivines. Both require high temperatures above the dust evaporation tem-
perature ($ 1500 K) or the glass temperature ($ 1000 K) respectively. These high
dust temperatures exist only in the inner regions of protoplanetary disks, but not at
13AU. We can think of two main scenarios, radial transport or in-situ production:

In the first scenario, forsterite is produced in the inner disk, and transported out-
wards to 13 AU. The current dust mass in the inner disk is much lower than the
total amount of forsterite in the disk wall between 13 and 20 AU. It therefore seems
unlikely that radial mixing from the current inner disk can produce such a high crys-
tallinity in the disk wall. As discussed before, it is unlikely that radial mixing has
produced a locally high abundance before the opening of the disk gap, as it would
have shown up in the mid-infrared spectra. This means that radial transport must
have taken place during the formation of the disk gap and depletion of the inner disk.
Radiation pressure on the crystalline grains can transport them across the gap and
blow them into the disk wall, depleting the inner disk. Also a di!erent mechanism,
photophoresis, can transport grains outwards e"ciently when the inner disk depletes
(Petit et al. 2006). The depleted dust mass from the inner disk (200 times the current
inner disk mass, section 3.4.2) is large enough to explain the crystalline silicates in
the disk wall, but it requires extremely e"cient radial transport and almost a 100%
crystallinity in the inner 4 AU before the opening of the gap.

In the second scenario, forsterite is produced locally in the disk wall. Because
the equilibrium temperature of the dust in the wall (200 K) is far below the dust
evaporation or glass temperature, another mechanism must then be responsible for
heating the amorphous dust grains so they can crystallize:

• Flash heating of grains in a stellar outburst (Ábrahám et al. 2009). However,
HD 100546 shows currently no signs of such outbursts. Such crystals are
observed to disappear quickly after formation, which is not the case for HD
100546, where crystals persist over more than a decade of observations.

• Shocks in the disk midplane can locally heat the grains above the glass tem-
perature (Harker & Desch 2002). From scattered light images, HD 100546 is
known to possess two spiral arms in the outer disk (Grady et al. 2001), which
might be related to shocks in the disk midplane that could create forsterite
(Harker & Desch 2002). If a companion is responsible for clearing the disk
gap, it likely induces a similar spiral wave at the location of the disk wall (e.g.
Nelson & Papaloizou 2003), producing forsterite locally.

• Amorphous silicates can be crystallized in parent bodies large enough to retain
the heat from decay of radioactive elements or accretion (e.g. Huss et al. 2001).
Micron-size forsterite grains can be created in a collisional cascade of such
objects, that can take place in the disk gap or wall (see Bouwman et al. 2003
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for a discussion on this topic.) The amount of forsterite found in the disk
wall of HD 100546 requires the destruction of an Earth-like planet or several
hundred Pluto-sized objects.

All plausible scenarios for forsterite formation (shock waves, parent body pro-
cessing and radial transport during gap formation) are connected to the presence or
formation of the disk gap. Therefore we conclude that the anomalously high forsterite
abundance in the disk wall of HD 100546 is – one way or the other – connected to
the presence of the gap.

3.6.5 Forsterite in the inner disk

The mass fraction of forsterite in the inner disk is hard to constrain from our models.
The contribution to mid-infrared features in the model is low, and shows a significant
contribution only at 11 µm. Regions near the inner rim that are above a temperature
of 1000 K should be fully crystalline, but even if the silicates in the entire inner disk
are fully crystalline, the contribution is only a few Jy µm at 11 µm. The contribution
to longer wavelengths is negligible because the inner disk is too warm, and optical
depth e!ects do not play a role because it is also (vertically) optically thin (Benisty
et al. 2010b). Therefore we cannot put any limits on the crystallinity of the inner disk
with the current model and observations.

3.6.6 Thermal contact

We assume that the di!erent dust species in our model (amorphous silicates, forsterite,
carbon) are in thermal contact. However, Bouwman et al. (2003) found with an op-
tically thin approximation that the bulk of the forsterite is at a temperature of $ 70
K while the other dust species are much warmer, leading them to the conclusion that
forsterite cannot be in thermal contact with the other dust species. Because the 2D
radiative transfer does not need this cold component due to optical depth e!ects (see
section 3.5.1), the forsterite has the same temperature as the other dust species in the
disk wall, which means they can be in thermal contact.

If the forsterite in the outer disk is forced to be out of thermal contact with the
other dust species, it does not reach temperatures high enough to explain the short-
est wavelength features of forsterite. The reason for this is the very low opacity of
forsterite at optical wavelengths compared to the other dust species, especially car-
bon. Therefore the forsterite is not heated directly by the central star, but only by
mid-infrared radiation from the disk surface. It will therefore have a temperature
similar to dust species in the midplane (50-100 K), which is too cold to explain any
short-wavelength features. Even if the forsterite is moved in to the inner disk, where
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it would normally be hotter, it falls short of explaining the strength of the short wave-
length features (see also section 3.6.5).

We can therefore exclude that the di!erent dust species are not in thermal contact.
Bouwman et al. (2003) argue that the dust in HD100546 is more primitive than in
comet Hale-Bopp because it is out of thermal contact, and that we see the creation
of such comets rather than their destruction. Since we exclude that the dust species
are not in thermal contact, this implies that the dust in HD 100546 is more similar
to comet Hale-Bopp than thought before, and not necessarily more primitive. This
opens up again the possibility that we are witnessing the destruction of forsterite-rich
comets like Hale-Bopp in HD 100546, rather than their formation.

3.6.7 Iron content

Finally, we use the shift in wavelength required to fit the shape of the 69 µm feature
to estimate the iron content of the silicates. For large changes in the iron fraction,
the central wavelength shifts linearly with iron content (Koike et al. 2003). The
wavelength shifts between 0 and 10% have not been measured, but relies on the
interpolation by Sturm et al. (2010), which assumes the shift in this regime is also
linear.

We also assume that the shape of the 69 µm feature does not change with a small
change in iron content. Although this has not been measured in the lab for forsterite
with low iron fractions, small changes in iron fraction at higher iron content have
been measured (Koike et al. 2003). For example, between 9.3 and 8.6%, the shape
does not change significantly. The feature broadens a little bit between 0 and 8% iron
content, but this change is much smaller than the broadening due to a temperature
change (see Fig. 3.14).

Therefore we expect the shape of the feature not to change significantly for the
small changes in iron content (<0.3%) found in this paper. Laboratory measurements
of forsterite with low iron content are necessary to confirm this.

3.7 Conclusion
We have studied the spatial distribution of crystalline silicate dust (forsterite) in the
gapped disk of Herbig Be star HD 100546. We have used a 2D radiative transfer code
to model the dust geometry, and study the e!ects of optical depth on the forsterite
feature strengths in the mid and far-infrared, as well as the shape of the temperature-
dependent 69 µm feature observed with Herschel PACS. Our conclusions are:

1. 2D radiative transfer e!ects need to be taken into account when interpreting
spectral features over a broad wavelength range. In the case of HD 100546,
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the bulk of the warm (200-150 K) forsterite that contributes to the 69 µm fea-
ture is hidden from view at shorter wavelengths (10-40 µm). An additional
cold forsterite component ($50-70 K) is therefore not necessary to explain the
strength of the 69 µm feature.

2. The forsterite of HD 100546 is located in the disk wall at 13 AU, with ex-
tremely high local abundance. Based on mid-infrared features strengths and
the shape of the 69 µm feature, we arrive at two best-fit models:
a) a model with 40% forsterite between 13 and 20 AU.
b) a model with 60% forsterite between 13 and 30 AU but restricted to regions
where the temperatures are around 150 and 200 K. This excludes the cold mid-
plane outside of the disk wall.

3. All forsterite features show a strong contribution from the disk wall, but also
probe a region farther out. The 69 µm feature from this region originates from
below the disk surface. The shorter wavelength features from this region orig-
inate at the disk surface.

4. The mass fraction of forsterite compared to the total disk mass is low – around
0.5-0.8% – a factor of 10 lower than the apparent crystallinity derived from and
optically thin analysis of relative feature strengths in the mid-infrared. The wall
at 13 AU acts as a display case for showing a high local forsterite abundance.

5. The crystalline forsterite in the disk of HD 100546 is in thermal contact with
the other dust species.

6. We cannot rule out forsterite that is completely iron free. Our best fits indicate
an iron content of <0.3 % of the crystalline olivines.

7. Due to a degeneracy in the modelling between iron content and dust tempera-
ture, it is not straightforward to use the 69 µm feature as an independent tem-
perature indicator.

8. A disk model in hydrostatic equilibrium (with Tgas = Tdust) can self-consistently
explain the SED and mid-infrared imaging. Our best fit has a surface density
power law % r"1 and an inner disk depletion factor of 200. Additionally, con-
tinuum opacity sources – such as carbon – must have a low abundance to fit the
low flux at 8 µm.

9. The apparent crystallinity of dust as measured from the ratio of crystalline
and amorphous components of the mid-infrared features is not necessarily a
good measure of the real crystallinity, the mass fraction of small dust grains
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in the disk that is crystalline. Both disk geometry and spatial distribution of
the crystals can significantly distort the picture, and a one-to-one correlation
between crystal feature strength and disk state is not to be expected. However,
in our case, the detailed analysis shows a highly localized region with high
abundance, which may very well inform us about special processing in this
region, possibly linked to planet formation.
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3.A VISIR imaging

Figure 3.10: VISIR Q band image at 18.7 µm. North is up and East is left, with a 3x3 )) field of view.
The scale is logarithmic in intensity.

3.A VISIR imaging

3.A.1 VISIR observations

During the night of March 26 2005, Q-band imaging was performed using the VLT
Imager and Spectrometer for the mid-IR (VISIR, Lagage et al. 2004). For photomet-
ric calibration and PSF determination, the standard stars HD50310 and HD150798
were observed before and after the science observation respectively. Standard chop-
ping and nodding was employed to remove the atmospheric background emission.
The imaging was performed with the Q2 filter (&c = 18.72 µm) in the small field
mode (pixel field of view = 0.075))). The observing conditions were fair, airmass
$1.4, and the optical seeing $0.8)). The achieved sensitivity was 80 before and
$100mJy/10)1h after the science observation. The full width at half maximum
(FWHM) of the point spread function (PSF) was $0.5)). The data reduction was
performed with a dedicated pipeline, which corrects for various instrumental signa-
tures (see Pantin et al. 2008, 2009; Pantin 2010). The reduced image is presented in
figure 3.10

3.A.2 Image analysis

The VISIR image (fig 3.10) shows a resolved disk that is almost completely spherical,
consistent with previous imaging at this wavelength (Liu et al. 2003). Deviations
from spherical symmetry are down to the 10 % level, which means that inclination
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must be small. Due to the relatively large size of the PSF at this wavelengths, it is
di"cult to get a direct constraint on the inclination out of the image. Comparison
with a set of inclined, PSF-convolved model images show that it is consistent with
an inclination less than $40 degrees and a position angle along the South-East to
North-West.

Due to the increased sensitivity with respect to previous observations, the image
shows resolved emission up to $1.4)), corresponding to a physical radius of 145 AU
at 103 pc. To characterize this emission, we construct a surface brightness profile.
Because the disk is not seen face-on, we construct the surface brightness profile from
the image by averaging the surface brightness over an elliptical annulus – rather than
a circular one. The shape of the annuli correspond to a disk inclination of 42& and a
position angle of 145&. The semi-major axis of this ellipse corresponds to the distance
from the star at which the radiation is emitted (radius). Annuli are 0.075)) wide, the
size of one pixel on the VISIR chip. They are thus much smaller than the width of
the VISIR PSF.

Comparing the measured radial intensity profiles to that of the VISIR PSF8 (Fig
3.11), we see that the disk is clearly resolved. The profile itself is not easily charac-
terized by simple power-laws as is often the case for scattered light images, due to the
di!erent emission mechanism (thermal versus scattered light) as well the relatively
large size of the PSF.

Instead, we recognize two components. The profile up to 0.5)) is well described
by a Gaussian with a FWHM of 0.73)). After quadratic subtraction of the PSF, we
derive a spatial scale of 0.33)) for this central component, corresponding to a physical
scale of FWHM = 34 AU at a distance of 103 pc. This number agrees well with the
value of 34 ± 2 found by Liu et al. (2003) with direct imaging at the same wavelength.
This component therefore originates in a region just behind the disk wall, which has
a spatial scale of $ 26 AU.

The second component – outside of 0.5))– comes from farther out in the disk, and
has not been analysed before at this wavelength. Extended emission is seen up to
1.4)), corresponding to a physical radius of 145 AU at 103 pc. This emission probes
the thermal continuum emission from the outer disk surface. The bump around 1.0))
corresponds to the first di!raction ring in the VISIR PSF, and does not represent a
real structure in the disk. Because the radial profile traces the disk surface over almost
an order of magnitude in radius, we can use it to put limits on the surface density of
small grains, which we will do in the next section.

8To be consistent, the plotted surface brightness profile of the PSF is also calculated using an ellip-
tical annulus even though it is spherical, and its FWHM in the plot is larger than the 0.5)) previously
quoted.
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3.B Continuum subtraction

Figure 3.11: Radial emission profiles in the Q band at 18.7 µm, calculated assuming elliptic annuli (see
text for details). Displayed are: VISIR image (diamonds) and reference PSF (grey line). The errors
on the PSF are displayed as horizontal error bars, those on the noise as vertical ones. Overplotted are
PSF-convolved disk models with a varying surface density power law of p =0.0, 1.0 and 2.0 (dotted,
solid and dashed respectively). NOTE: radius refers to the semi-major axis of the ellipse, which reflects
the physical radius where the radiation is emitted.

3.A.3 Limits on the surface density distribution of small grains
To test if the assumed power law index of p = 1 for the surface density profile
matches our VISIR image, we compare model images of varying SDP with the ob-
served image, keeping the dust mass and outer radius fixed, as well as the inner disk
surface density. Because the pixel size is much smaller than the VISIR PSF, we con-
volve it with our model images before constructing the radial intensity profiles, and
take into account the errors on the width of PSF (FWHM = 0.509±0.008))) in the
fitting procedure.

Because we solve for the hydrostatic disk structure, the shape of the radial profile
depends only on the surface density distribution (Figure 3.11). The model is best fit
for a surface density power law with index p = 1.1+0.4

"0.5 .

3.B Continuum subtraction
To measure feature strengths and compare continuum subtracted spectra, we have
to fit and subtract the continuum from both our model spectra and data. An exam-
ple for model R20 is shown in figure 3.12, for the Spitzer spectrum in figure 3.13.
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Figure 3.12: Example of continuum subtraction, for model R20. The top panel shows the model spectra
(black line) and calculated continuum (grey line). The bottom panel shows the continuum subtracted
spectra, with the same color-coding.

We are interested in the narrow emission features of forsterite (a crystalline silicate)
which are superimposed on much broader features from amorphous silicates, that oc-
cupy the same wavelength region – except for the 69 µm feature. The continuum –
that includes these broad features – is therefore not easily described by a low-order
polynomial.

The continuum is better fit using a spline function, which is essentially a piece-
wise polynomial between (arbitrary) continuum points – or knots. At every knot, the
polynomials are connected such that they have a continuus derivative. The best result
is obtained when knots are placed just outside the features, and the knots (’continuum
points’) between features are spaced by a distance roughly equal to the feature width.

The fitted spline follows the shape of the continuum outside the features very
well. Inside the features, the continuum is smooth, but has more structure than to
be expected from the opacities of amorphous silicates only. Especially the bumps
at 12, 27 and 32 µm are artifacts from the continuum subtraction, and not from the
underlying amorphous silicate features. They arise because the opacity of forsterite
between features is not always zero, especially between the big features and the lit-
tle ‘wings’ at 11, 24/28 and 33 µm. These wings are much weaker or not seen in
the Spitzer observations (Fig. 3.4), and do appear much weaker in other forsterite
opacities (Servoin & Piriou 1973).

When comparing the model to the data, we therefore want to exclude these wings,
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3.C Implementation of temperature-dependent opacities

Figure 3.13: Continuum subtraction for the Spitzer spectrum. The top panel shows the model spectra
(black line) and calculated continuum (grey line). The bottom panel shows the continuum subtracted
spectra, with the same color-coding.

and choose our knots between feature and wings. Although the resulting continuum
is not completely smooth – which systematically underestimates the integrated flux
– we apply the same continuum subtraction to the observations. This cancels out
the systematic error, allowing for a comparison of the shape of the feature, without
a systematic error from the wings – which is not in the data. For the 33 µm feature,
there is the additional complication that the Spitzer spectrum runs only up to 36.9 µm,
and it is not possible to choose a continuum point outside the little wing. We therefore
force the tangent at this point to zero to get a reasonable continuum, although this
makes the 33 µm flux appear a little stronger than it really is.

3.C Implementation of temperature-dependent opacities
When we implement temperature-dependent opacities into the radiative transfer code,
we have to take into account that the opacities that set the temperature depend on that
same temperature9. We therefore recalculate the opacities at every iteration of the
hydrostatic vertical structure loop, to keep the solution selfconsistent.

Optical constants for forsterite have been measured at temperatures of Ti= 50,

9Although in the case of forsterite, the changes in the opacities are too small to have a major influ-
ence on the disk structure
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Figure 3.14: Temperature dependence of the forsterite opacity around 69 µm, calculated for the dust
grains used in this paper.

100, 150, 200 and 295 K (Suto et al. 2006) for iron free forsterite (Mg2SiO4), but no
published measurements exist for crystalline olivines with small iron contaminations
(FexMg2"xSiO4). For temperatures between 50 and 295 K, we calculate the opacity
from the optical constants for every temperature component separately, and combine
them using a linear interpolation. The opacity at temperature T is calculated as:

+(T ) =
!

Ti+1 " T
Ti+1 " Ti

$

+i +

!

T " Ti
Ti+1 " Ti

$

+i+1 (3.1)

where +i is the opacity at temperature Ti, and T is between Ti and Ti+1. Below
T = 50 K, we use the opacities of 50 K forsterite, and we use the 295 K opacity
above a temperature of 295 K. This approach does not take into account the shift in
wavelength that might occur outside the 50-295 K range. However the peak shift
becomes smaller at lower temperatures (Suto et al. 2006) and is not so important
below 50 K. Temperatures above 295 K are not present in the SED due to the disk
gap, except in the inner disk which is does not contribute significantly at 69 µm
because it is much hotter.
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Abstract

context. Dust settling and grain growth are the first steps in the planet-formation
process in protoplanetary disks. These disks are observed around stars with di!erent
spectral types, and there are indications that the disks around lower mass stars are
significantly flatter, which could indicate that they settle and evolve faster, or in a
di!erent way.

aims. We aim to test this hypothesis by modeling the median spectral energy
distributions (SEDs) of three samples of protoplanetary disks: around Herbig stars,
T Tauri stars and brown dwarfs. We focus on the turbulent mixing strength to avoid a
strong observational bias from disk and stellar properties that depend on stellar mass.

methods. We generated SEDs with the radiative transfer code MCMax, using
a hydrostatic disk structure and settling the dust in a self-consistent way with the
!-prescription to probe the turbulent mixing strength.

results. We are able to fit all three samples with a disk with the same input
parameters, scaling the inner edge to the dust evaporation radius and disk mass to
millimeter photometry. The Herbig stars require a special treatment for the inner rim
regions, while the T-Tauri stars require viscous heating, and the brown dwarfs lack a
good estimate of the disk mass because only few millimeter detections exist.
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4 Probing the turbulent mixing across the stellar mass range

conlusions. We find that the turbulent mixing strength does not vary across the
stellar mass range for a fixed grain size distribution and gas-to-dust ratio. Regions
with the same temperature have a self-similar vertical structure independent of stellar
mass, but regions at the same distance from the central star appear more settled in
disks around lower mass stars. We find a relatively low turbulent mixing strength of
! = 10"4 for a standard grain size distribution, but our results are also consistent with
! = 10"2 for a grain size distribution with fewer small grains or a lower gas-to-dust
ratio.
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4.1 Introduction

4.1 Introduction
Protoplanetary disks are the main sites of planet formation. Within them, the small
sub-micron sized dust grains grow to millimeter and centimeter sizes and settle to
the midplane, where they eventually form kilometer-sized planetesimals and proto-
planets that are the building blocks of planetary systems. How the dust grows and
settles depends not only on the grain size and gas density, but also on the turbulent
mixing strength of the gas that mixes small grains back up into the disk atmosphere
and makes them collide in the midplane. Without turbulent mixing, all disks would
be flat and dust would grow slower. Additionally, turbulent mixing is an important
driver for the viscous evolution of the disk, for radial mixing of dust, and it may also
play an important role in the later stages of planet formation.

Although turbulent mixing is fundamental for our understanding of disk evolu-
tion and planet formation, the cause of disk turbulence is not completely understood
(e.g. Balbus & Hawley 1998; Armitage 2011). Turbulent mixing in disks is often
implemented using the ! prescription from Shakura & Sunyaev (1973) and Pringle
(1981), but the value of the turbulent mixing strength !turb is hard to predict from
theory. Although it could be empirically derived from line-broadening with future
observatories such as ALMA, this is challenging with current facilities (Hughes et al.
2011). The value typically used and inferred from disk models trying to match accre-
tion rates is !viscous = 0.01 (e.g. Hartmann et al. 1998). Comparison of steady-state
accretion disk models to millimeter images yields !viscous = 0.5...10"4 (Isella et al.
2009).

The turbulent mixing strength manifests itself in the degree of dust settling. When
dust grains grow to larger sizes, they decouple from the gas and start settling toward
the midplane. At what size and height they decouple depends not only on the gas
density and temperature but also on the turbulent mixing strength: a lower turbulent
mixing strength leads to flatter disks (e.g. Dullemond & Dominik 2004b). As dust
decouples, its relative velocity also increases, which leads to fragmentation, provid-
ing a natural stop to grain growth and replenishing the small dust grain population
that is then mixed up into the disk surface (Dullemond & Dominik 2005).

There is by now a wealth of observational evidence supporting grain growth and
dust settling in protoplanetary disks. Most notably, mid-infrared spectroscopic ob-
servations have shown that grains in the warm surface layers have grown beyond the
size of a micron (e.g. Henning & Meeus 2009). In addition, the spectral index at
(sub)millimeter and centimeter wavelengths shows that grains grow up to centimeter
sizes in the cold disk midplane (e.g. Beckwith & Sargent 1991; Mannings & Emer-
son 1994). This picture has been confirmed with hydrostatic radiative transfer models
by D’Alessio et al. (2006) and Furlan et al. (2005) for T Tauri stars, who require a
depletion of small dust grains at the disk surface and a population of big grains in
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4 Probing the turbulent mixing across the stellar mass range

the disk midplane. Without grain growth and dust settling, hydrostatic disk models
overpredict observed far-infrared fluxes.

Interestingly enough, this seems not to be the case for Herbig Ae and Be stars, the
intermediate-mass counterparts of T Tauri stars. Hydrostatic disk models do well in
explaining far-infrared fluxes without the need to deplete the upper layers of the disk
(Dominik et al. 2003; Dullemond & Dominik 2004a; Acke et al. 2009), especially
in Meeus group I sources1. However, the (sub) millimeter slopes show that a popu-
lation of millimeter-sized grains exist in these disks as well (e.g. Acke et al. 2004),
indicating that the grain-size population is not that di!erent from T Tauri stars. This
opens up the possibility that these disks are less settled, and that disk properties - in
particular the turbulent mixing strength - could vary strongly as a function of stellar
mass. The recent discovery that disks around brown dwarfs appear to be more settled
than T Tauri stars fits well into this picture (e.g. Lada et al. 2006; Szűcs et al. 2010),
although this is not always found (Furlan et al. 2011), and indicates that the observed
degree of settling could be inversely proportional to stellar mass.

However, the degree of settling does not directly reflect the turbulent mixing
strength. Disks around T Tauri stars, Herbig stars and brown dwarfs vary in disk
mass (e.g. Beckwith et al. 1990; Scholz et al. 2006; Vorobyov 2009) and stellar
mass, and observations at the same wavelength probe di!erent radial regions in the
disk because of the changing stellar luminosity. Comparing the degree of settling
using a fixed height or a lower scale height for bigger grains (e.g. D’Alessio et al.
2006; Sauter & Wolf 2011) is therefore less suitable for comparison along the stel-
lar mass range. Radiative transfer models that describe dust settling using turbulent
mixing exist (Dullemond & Dominik 2004b; Hasegawa & Pudritz 2010), but have
not been used to compare to observations directly.

To constrain the turbulent mixing strength across the stellar mass range, we fo-
cused primarily on median spectral energy distributions (SEDs). We did this because
measuring the degree of settling in individual disks is not straightforward because of a
number of degeneracies in disk modeling (Sauter &Wolf 2011), and requires detailed
multiwavelength modeling, including scattered-light images (Pinte et al. 2008b), but
conclusions can be drawn from larger samples (Furlan et al. 2005, 2006). They are
available for both T Tauri stars (e.g. Furlan et al. 2005; D’Alessio et al. 2006), and
brown dwarfs (Szűcs et al. 2010), and a substantial sample is available to construct
them for Herbig stars as well (e.g. Acke et al. 2009; Juhász et al. 2010).

We will describe how dust settling is implemented in our radiative transfer code
in section 4.2, and compare the available approaches that use the turbulent mixing
strength. In section 4.3, we will use this model to constrain the turbulent mixing

1We note that for group II sources, some settling may be required to settle the outer disk into the
inner disk shadow.
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Figure 4.1: Artist impression of vertical structure iterations in MCMax to determine the vertical struc-
ture. Model parameters are displayed in black on white, parts of the code as blue blocks. T refers to the
temperature, rho to the density.

strength from the median SEDs of T Tauri stars, Herbig stars and brown dwarfs,
which were constructed in appendix 4.A and 4.B. We will discuss what the median
disk model looks like in section 4.4, and whether disks around lower mass stars are
flatter or more settled than their high-mass counterparts. We summarize our findings
in section 4.5.

4.2 Model

4.2.1 Disk model
The disk model used in this paper is MCMax (Min et al. 2009), a 2D Monte Carlo
radiative transfer code. It is based on the immediate re-emission procedure from
Bjorkman & Wood (2001), combined with the method of continuous absorption by
Lucy (1999). The code has been benchmarked against other radiative transfer codes
for modeling protoplanetary disks (Pinte et al. 2009). The radial grid around the
inner radius and disk wall is refined to sample the optical depth logarithmically. The
SED and images are calculated by integrating the formal solution to the equation of
radiative transfer by ray-tracing.

In addition to radiative transfer, the code can explicitly solve for the vertical struc-
ture of the disk. With the implicit assumption that the gas temperature is set by the
dust temperature, the vertical structure of the gas can be calculated by solving the
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4 Probing the turbulent mixing across the stellar mass range

equation of hydrostatic equilibrium. On top of that, the dust can be settled with re-
spect to the gas, which we will describe in section 4.2.2. After calculating the new
structure for the dust, the radiative transfer code can be run to obtain a new dust
temperature, and the whole procedure (radiative transfer, gas structure, dust settling)
can be iterated until convergence is reached (Figure 4.1). The temperature structure
usually converges within five iterations. The exact number of iterations depends on
disks parameters. In general, very settled or ’flat’ disks take longer to converge be-
cause they deviate more from the initial guess.

4.2.2 Dust settling
To settle the dust with respect to the gas, we used the formalism by Dullemond & Do-
minik (2004b). We will briefly describe the basic assumptions, and refer to the previ-
ously mentioned paper for details. We compare our approach to that of Hasegawa &
Pudritz (2010) in section 4.2.2, who used the midplane formalism by Dubrulle et al.
(1995) in combination with radiative transfer models.

Theory

The vertical motion of dust particles within the disk is a balance of the downward
motion caused by the gravity of the star versus the mainly upward motion caused by
turbulent mixing. Comparing the timescales for both processes (the friction time tfric
versus the eddy turn-over time tedd) results in an expression for the Stokes number St,
which describes how well the dust is coupled to the gas at every location in the disk:

St = tfric
tedd

=
3
4
m
)

"k
$gascs

, (4.1)

where m/) is the mass-to-surface ratio of the dust grain, "k =
'

GM(/r3 the
Keplerian frequency, $gas is the local gas density and cs = kT/µmproton the local
sound speed for the mean molecular weight µ. A Stokes number smaller than one
means the dust is well coupled to the gas, whereas particles decouple from the gas at
larger Stokes numbers. Using this expression for the dust-gas coupling and the stan-
dard ! prescription from Shakura & Sunyaev (1973) in the form of Pringle (1981)
(" = !csHp), the di!usion coe"cient for a dust particle at every location in the disk
can be written as2

D = !turb
csHp

1+ St2
, (4.2)

2We used a Schmidt number of 1+St2 following Youdin & Lithwick (2007), rather than 1+St from
Dullemond & Dominik (2004b). Because this does not change the point where particles decouple at
St= 1, it has a very limited influence on our model.
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4.2 Model

where Hp = cs/"k is the local pressure scale height and !turb is the turbulent mixing
strength.

Taking the gas density and temperature structure from the radiative transfer and
hydrostatic structure calculation, we can now solve for the vertical structure of a dust
grain of certain size $a at every location in the disk by solving a vertical di!usion
equation:

#$a(z)
#t

=
#

#z

!

Da(z)$gas
#

#z

!

$a(z)
$gas

$$

"
#

#z
($avsett,a(z)) , (4.3)

where vsett,a(z) is the local settling speed for that dust grain in the absence of turbulent
mixing. This equation is then solved in a time-dependent way using implicit integra-
tion. Because the timescales on which the disk settles toward equilibrium are shorter
than one million years (Dullemond & Dominik 2004b), we jump toward equilibrium
in ten relatively large time steps.

We assumed that the turbulent mixing strength is constant throughout the disk.
There is no a priori reason to do so, nor a computational one, and there are indications
for variations in both the vertical (Fromang & Nelson 2009; Simon et al. 2011) and
radial (Isella et al. 2009) direction. However, because we cannot constrain these
variations from the data used in this paper, we kept !turb constant.

Impact on disk structure

The main di!erence between this approach and that by Dubrulle et al. (1995) is that
we used the local sound speed and gas density to calculate the dust-gas coupling.
Their approach is an analytical solution for modeling the dust distribution in the
isothermal midplane, and uses only the midplane density and temperature. Hence,
we will refer to the latter as midplane settling, though it is sometimes applied outside
this regime (Hasegawa & Pudritz 2010). To compare the di!erent approaches, we
have displayed the vertical structure at the first iteration in a vertical slab centered at
10 AU in Figure 4.2. Because this model has not been iterated, the vertical structure
of the gas is calculated from the optically thin dust temperature, and corresponds to
a Gaussian.

The well-mixed model has a uniform dust-to-gas ratio of 0.01, whereas the settled
models show a clear trend from an increased dust-to-gas ratio near the midplane to
a decreased ratio near and above the surface, which is located around z/r $ 0.18
(radial ( = 1 surface in the optical). This is caused by stratification, the settling of
di!erent dust species to di!erent heights in the disk. In the midplane, the midplane
settling approach agrees very well with the self-consistent settling, which is also the
region that the former has been constructed for (Dubrulle et al. 1995).
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4 Probing the turbulent mixing across the stellar mass range

Figure 4.2: Dust-to-gas ratio versus relative height (z/r) in the mid-infrared emitting region of the T
Tauri star at 10 AU using the self-consistent settling (top) and the midplane settling approach (bottom)
with the same gas density distribution. The black solid line represents the total dust-to-gas ratio, the
gray lines denote the individual contributions of grains of di!erent sizes, from 0.02 micron (dotted) to
6 mm (solid). The dotted line represents a fully mixed disk, with a dust-to-gas ratio of 0.01. The radial
( = 1 surface in the optical is located at a relative height of approximately 0.16 and 0.2.

Closer to the disk surface, the two settled models start to deviate. With increasing
height above the midplane, the gas density decreases. For the self-consistent settling,
this means that smaller particles will decouple from the gas. For each particle size,
there is a characteristic height above the midplane where the coupling is so weak that
they are almost fully depleted (Dullemond & Dominik 2004b). For particles down
to a size of roughly 1 micron, this decoupling takes place below the disk surface, but
smaller grains can still be found above the disk surface.

The midplane settling approach shows a di!erent behavior, because the dust-gas
coupling is calculated in the midplane only. Particles do not decouple from the gas at
a specific height, but keep following a Gaussian distribution all the way through the
disk surface. This gives an almost constant dust-to-gas ratio for the smallest particles
(< 1 µm), and a much weaker depletion for the intermediate sizes.

Settling the dust also impacts the temperature structure of the disk (Fig. 4.3),
and therefore its density structure. Non-settled disk models have a more or less con-
stant temperature distribution below the disk surface (Fig. 4.3, dashed line). Big
grains, however, are e"cient coolers, and settling them leads to a colder midplane
and warmer surface. The stratification in dust sizes also leads to a gradual increase
in temperature from the midplane to the disk surface (see also Hasegawa & Pudritz
2010). Because the temperature in and above the midplane is no longer isothermal,
it becomes important to solve for the vertical structure of the disk using the local
scale height, which increases with height. Using only the midplane temperature to
calculate the vertical structure of the disk underestimates the scale height within the
midplane by up to a factor of two (Fig. 4.3). This leads to flatter disks with - in turn
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4.2 Model

Figure 4.3: Dust temperatures versus relative height in a vertical slab centered at 10 AU for a T Tauri
star, showing that stratification in dust size leads to a stratification in dust temperature. Shown are
the self-consistent model (solid line), the settling recipe from Dubrulle (dotted line) and a well-mixed
model without settling for comparison (dashed line).

- even lower midplane temperatures (Fig. 4.3, dotted line).

4.2.3 Dust grain properties
Dust grains in our model are characterized by three di!erent parameters: composi-
tion, size and shape. Di!erent grain sizes settle to di!erent heights in the disk (See
Fig. 4.2), and their opacities are displayed in figure 4.4.

Composition and shape

Our dust grains consist mainly of amorphous silicates, measured for the composition
of interstellar dust toward the Galactic center by Min et al. (2007), co-added with
with a continuum opacity source, for which we used amorphous carbon. The ratio
of amorphous carbon / amorphous silicates influences the peak strength of the 10-
micron silicate feature. We used a mass fraction of 15 % carbon, a value found from
modeling this ratio in Herbig Ae/Be stars (Meijer et al. 2005, 2009). The final compo-
sition, with reference to the optical constants, is 11.73 %MgFeSiO4 (Dorschner et al.
1995), 32.6 % Mg2SiO4 (Henning & Stognienko 1996), 36.5% MgSiO3 (Dorschner
et al. 1995), 1.5 % NaAlSi2O6 (Mutschke et al. 1998), 15% C (Preibisch et al. 1993).
The shape of our particles is irregular, and approximated using a distribution of hol-
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4 Probing the turbulent mixing across the stellar mass range

Figure 4.4: Dust opacities for the di!erent grain sizes used in this paper.

low spheres (DHS, Min et al. 2005a). We used a vacuum fraction of 0.7, though
this choice does not influence our results because we do not focus on detailed feature
shapes.

Size

Observations of protoplanetary disks show evidence for (sub)micron and millimeter-
sized or larger grains. Intermediate sized grains are not observed, but are predicted
by dust coagulation models (e.g. Weidenschilling 1984; Birnstiel et al. 2010a). We
therefore used a grain size distribution ranging from sub-micron to millimeter sizes
that follows a power law, f (a) = a"q, and used a default index of q = 3.5 similar to
the Mathis, Rumpl and Nordsieck (MRN) distribution (Mathis et al. 1977). To allow
settling of di!erent grain size to a di!erent height in the disk, we divided our size
distribution into two bins per order of magnitude. We define the grain radius for the
settling calculation with the logarithmic mean of the minimum and maximum grain
sizes to (i.e. a = 1.78 micron for a grain size bin between 1.00 and 3.16 micron).
The opacities of these grains were calculated using 10 sizes per bin to avoid strong
resonant features that could result from using a single grain size.
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4.3 Fits to median SEDs

Parameter Value Range
p 1.0 0...2.0
Mdisk 0.01 Mstar 0.001...0.1
dust-to-gas 0.01 0.01...1
Tevap 1500 1000...2500
Rout [AU] 300 50...1000
amin [µm] 0.01 0.01...10
amax [µm] 1000 10 ... 105
q -3.5 -2.5 ... -4.5
!turb 0.01 10"6 ... 1.0

Table 4.1: Parameters of our disk model, and ranges explored.

4.2.4 Disk parameters
Because our disks are in vertical hydrostatic equilibrium, the only free fitting parame-
ter to control the vertical structure for a given mass is the turbulent mixing strength !.
The radial distribution of dust and gas is parametrized by a power-law as !(r) = r"p
with the commonly used p = 1 for a steady-state accretion disk. The inner radius is
placed at a dust evaporation temperature of 1500 K, whereas the outer radius is fixed
to 300 AU in accordance with D’Alessio et al. (2006). The total disk mass is a fixed
fraction of 1 percent of the stellar mass (e.g. Scholz et al. 2006; Williams & Cieza
2011), assuming a dust-to-gas ratio of 1:100.

4.3 Fits to median SEDs
To compare our disk model to the three di!erent data sets, we used median SEDs.
Instead of fitting all individual sources or comparing them to a model grid, we only
fitted our model to one median SED to extract ‘typical’ fit parameters. Furlan et al.
(2005, 2006) have shown that this approach works well, taking into account the ob-
served spread in mid-infrared colors.

When fitting the data, we tried to keep as many parameters fixed as possible, see
Table 4.1. Parameters that could not be fixed because of the di!erent stellar properties
are given in Table 4.2. These are the inner radius, which we kept at 1500 Kelvin and
the dust mass, which is a fixed fraction of the stellar mass of 10"4 M(.

4.3.1 T Tauri stars
The Taurus median SED has been fitted using a hydrostatic disk model by D’Alessio
et al. (2006), which demonstrated the need for grain growth and dust settling. Our
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4 Probing the turbulent mixing across the stellar mass range

Parameter Brown Dwarf T Tauri Herbig Ae
Te! [K] 3000 4000 8500
L( [L#] 0.025 0.9 21
M( [M#] 0.08 0.5 2.0
Rin [AU] 0.011 0.07 0.30
Mdust [M#] 8 · 10"6 5 · 10"5 2 · 10"4
distance [pc] 165 140 140
Maccr [M#/yr] 0 3 · 10"8 0
(halo 0 0 0.14

Table 4.2: Stellar-dependent model parameters.

goal is to reproduce these results, but now in the context of a more self-consistent set-
tling approach to constrain the turbulent mixing strength, and not an arbitrary height
for the midplane layer of big grains. We have extended the existing data set from
Furlan et al. (2006) with sub-millimeter fluxes at 850 µm using the catalog from
Andrews & Williams (2005). The data from D’Alessio et al. (1999) include some
non-detections and upper limits (see appendix 4.A). The updated millimeter median
is well fitted by a dust mass of 5 · 10"5 M#, consistent with the result from Andrews
& Williams (2005).

To fit the median SED in the near-infrared, we needed to include viscous heating
(Fig. 4.5). We did not self-consistently solve the radial structure of the disk, but
calculated the viscous heating with a mass accretion rate of 3 · 10"8 M#/yr, the same
as Furlan et al. (2006). To fit the mid-infrared flux, we flattened the disk by settling
the dust. A turbulent mixing strength of ! = 10"2 - a value commonly used for
viscous accretion disks - overpredicts the mid-infrared fluxes longward of 20 micron,
which arises from the region around $10 AU. We need to lower the turbulent mixing
strength to achieve a good fit, which results in ! = 10"4.

Because the 20 micron flux mainly probes the height of the disk surface, there
are also other ways to lower it, see also section 4.4.5. We can reduce the number of
small grains, which will lower the optical depth in the upper layers and decrease the
visible disk surface. Decreasing the total disk mass would be inconsistent with the
millimeter flux, but we can modify the grain size distribution because it is dominated
by big grains. Decreasing the power-law index of the grain size distribution removes
small grains from the disk surface, but does not significantly a!ect the mass in big
grains near the disk midplane. Changing the power-law index to 3.25 is su"cient to
fit the median SED with a turbulent mixing strength of ! = 10"2.
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4.3 Fits to median SEDs

Figure 4.5: Observed median SED of T Tauri stars in Taurus (diamonds) with quartiles (gray area).
Overplotted is our best-fit disk model with a turbulent mixing strength of ! = 10"4 and an accretion
rate of 3 · 10"8 M#/yr (solid line). Also plotted are a model with ! = 10"2 (dotted line) and without
accretion (dashed line). The gray line denotes the stellar photosphere. The inset shows the millimeter
regime.

4.3.2 Herbig stars
Spectral energy distributions for a large number of Herbig stars are available, but
a median SED has not been constructed before. We constructed one in appendix
4.B, which we present in figure 4.6. To test the hypothesis that more massive stars
have less settled disks, we retained as many disks parameters from the T Tauri stars as
possible. We changed (see also table 4.2) the disk mass - which scales with the stellar
mass and is increased with a factor 5 with respect to the T Tauri star, consistent with
the submillimeter data - and the inner radius - which also increases to be consistent
with dust evaporation.

Although accretion does not play a role in the SEDs of Herbig stars because of
the increased stellar luminosity and larger inner radius, the near-infrared fluxes (2-
8 micron) of hydrostatic disk models underpredict the observations (Vinković et al.
2006, see also Fig. 4.6). Di!erent mechanisms have been proposed to explain the dif-
ference, from an increased rim scale height (Verhoe! et al. 2010; Acke et al. 2009) to
halos (Vinković et al. 2006; Verhoe! et al. 2011) to material within the dust evapora-
tion radius (e.g. Kraus et al. 2008; Tannirkulam et al. 2008a). Although an artificially
increased scale height works well for the mid-infrared SED (Acke et al. 2009), it
does not work well when fitting simultaneously the near-infrared region of the Her-
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4 Probing the turbulent mixing across the stellar mass range

Figure 4.6: Observed median SED of Herbig stars (diamonds) with quartiles (gray area). Overplotted is
our best-fit disk model with a turbulent mixing strength of ! = 10"4 and a dust shell with optical depth
( = 0.14 (solid line). Also plotted are a model with ! = 10"2 (dotted line) and without a dust shell
(dashed line). The gray line denotes the stellar photosphere. The inset shows the millimeter regime.

big median SED (see appendix 4.C). Because an inner gaseous disk is beyond the
current capabilities of our code, we modeled the near-infrared flux deficit of the hy-
drostatic model with an optically thin spherical halo. We emphasize that this halo is
a parametrization of optically thin emission from the inner regions, including dust or
gas within the inner rim, and refer the interested reader to the appendix.

The optically thin halo plays the role of accretion in T Tauri stars: it provides
near-infrared flux without a!ecting the flux longward of 20 micron, in contrast to the
pu!ed-up inner rim. We used a small halo of 0.3...1 micron grains between 0.14 and
0.3 AU3 that has an optical depth of 0.14 in the visual and a dust mass of 4 · 10"12
M#(Figure 4.6). As a result of the fitting procedure, we found the same turbulent
mixing strength for the disk of ! = 10"4 as for the T Tauri stars. A higher mixing
strength of ! = 10"2 overpredicts the Spitzer IRS fluxes from 20 to 40 micron and
the IRAS flux at 60 micron.

3Because the halo spans a very narrow temperature range, its near-infrared spectrum is virtually
indistinguishable from that of a pu!ed-up inner rim (see Fig. 4.16).
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4.3 Fits to median SEDs

Figure 4.7: Observed median SED of brown dwarfs in Chamaeleon I (diamonds), where the 24 micron
and millimeter point should be treated as upper limits. Overplotted is our best-fit disk model with
a turbulent mixing strength of ! = 10"4 (solid line). Also plotted for comparison is a model with
! = 10"2 (dotted line). The dashed line denotes the stellar photosphere. The inset shows the millimeter
regime.

4.3.3 Brown dwarfs
Disks around brown dwarfs are more di"cult to detect owing to their low luminosity.
Complete samples down to photospheric values only exist up to 8 micron, and are in-
complete at 24 micron (e.g. Lada et al. 2006; Scholz et al. 2007; Luhman et al. 2008).
Furthermore, very few millimeter detections exist (Klein et al. 2003; Scholz et al.
2006). We used the median SED constructed by Szűcs et al. (2010) for Chameleon
I, where the median 24 micron flux should be treated as an upper limit. For conve-
nience, we also plot the millimeter upper limit from Klein et al. (2003), scaled to the
distance of the Chameleon I star-forming region.

Unlike the Herbig and T Tauri stars, hydrostatic disk models of brown dwarfs do
not show a flux deficit in the near-infrared compared to the observed median. We
scaled the disk mass and inner radius to the brown dwarf regime (see Table 4.2).
The stellar photosphere was fitted by a NextGen stellar atmosphere (Hauschildt et al.
1999), and we adjusted the luminosity down to 0.025 L#. We fitted the median short-
ward of 8 micron without any additional adjustments (see figure 4.7). The assumed
dust mass of 8 · 10"6M# is consistent with the upper limit from Klein et al. (2003),
and amounts to only 2-3 earth masses of solid material.

We found that a turbulent mixing strength of ! = 10"4 is consistent with the 24
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4 Probing the turbulent mixing across the stellar mass range

micron upper limit, whereas a mixing strength of ! = 10"2 clearly overpredicts this
upper limit. We found the same turbulent mixing strength as for the earlier spectral
types.

4.4 Discussion
Although we found the same turbulent mixing strength for the three di!erent sam-
ples, this does not necessarily mean that these disks are equally flat. The vertical
structure is a product of more than just the turbulent mixing strength, most notably
the local density, temperature and Keplerian frequency. In the following section we
will describe the disk properties, and show that disks around lower mass stars ap-
pear more settled at a specific radius, consistent with Szűcs et al. (2010), but that the
structure in the mid-infrared emitting region is remarkably self-similar.

We will also discuss why our choice of grain size distribution does not a!ect our
conclusion that the turbulent mixing strength does not vary along the stellar mass
range in section 4.4.3 and its implication for the planet-forming potential of the disk
in section 4.4.4. The dependence of the fitted turbulent mixing strength on other disk
parameters is discussed in section 4.4.5.

4.4.1 Disk properties at fixed radius

To compare the dust and gas distribution in our best-fit models, we display their
pressure scale height and the radial ( = 1 surfaces in figure 4.8. The pressure scale
height is highest in the brown dwarf disk and lowest in the Herbig star, reflecting the
di!erences in stellar mass. Although temperatures are also lower for less massive
stars, this is not enough to compensate the lower gravitational potential in which the
disk resides, and the gas remains more flaring.

The dust, on the other hand, follows a di!erent path: the ( = 1 surface in the outer
disk reaches a relative height (z/r) of 0.17, 0.15 and 0.14 for the Herbig star4, T Tauri
star and brown dwarf, respectively. This indicates that disks around less massive stars
are a little flatter, though the di!erence remains within 20%. Compared to the much
higher pressure scale height at the same radius, the disk of lower mass stars therefore
appears more settled, because the disk surface reaches down to one pressure scale
height for the Herbig star, but to less than half a pressure scale height in the brown
dwarf. This can be explained by lower (surface) densities and temperatures (see
figure 4.10a, 4.11a and Table 4.3) that make the dust decouple closer to the midplane,
as well as a lower optical depth.

The shape of the disk surface can also be viewed in scattered-light images. We

4It has to be noted that the halo increases the calculated ( = 1 surface for the Herbig star.
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4.4 Discussion

Figure 4.8: Location of the dust and gas in the disk of the best-fit model of a T Tauri star (middle),
Herbig star (top) and a brown dwarf (bottom). Displayed in gray is the gas located within one (dark)
and two (light) pressure scale heights. The solid lines marks the location of the radial ( = 1 surface in
the visual.
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4 Probing the turbulent mixing across the stellar mass range

Parameter Brown T Tauri Herbig Self-
dwarf Ae/Be similar

T1AU [K] 36 86 185 90
q 0.45 0.44† 0.43 0.44
!1AU [gr/cm2] 0.04 0.24 0.95 0.25
I100AU [mJy/AU2] 1.1 · 10"9 1.3 · 10"6 4.2 · 10"4 2.9 · 10"5
o 3.1 2.9 2.6 2.9

Table 4.3: Disk properties for our best-fit models. The midplane temperature is fitted by Tmp(r) =
T1AU r"q. The intensity in scattered light by I(r) = I100AU r"o outwards of 70 AU. † The midplane
temperature in T Tauri stars shows a clear break at 2 AU caused by viscous heating (fig 4.10a), and at
smaller radii it is best described as T (r) = 125 r"0.93.

display the radial profiles of synthetic scattered-light images in the visual in figure
4.12a. The radial profiles are scaled to the photospheric flux at the same wavelength,
such that it traces only the shape of the disk surface, and not the properties of the
central star. A clear trend is visible at all radii, with higher fluxes and shallower
slopes for Herbig stars and lower fluxes and steeper slopes for brown dwarfs (see also
Table 4.3). This indicates that the disk surface at a specific location is less flaring.

4.4.2 Self-similar solutions in the MIR emitting region
Because the mid-infrared emission probes a di!erent region in all three samples, it
is also interesting to compare regions with similar temperatures, which are located
at di!erent radii for di!erent stars. These regions can be identified by using that the
distance r, at which a specific flux from the star is received, scales with the square
root of the stellar luminosity L(. By scaling the radius to the value of the stellar flux,
rT = r/

'

L(/L#, we can construct dimensionless equivalents of our disk properties
(denoted by a ^), and check if they are self-similar across the stellar mass range.

For example, the optically thin dust temperature for the T Tauri star can be de-
scribed as (see Fig. 4.9a)

Tdust(r) = 307 K ( (r/AU)"0.5. (4.4)

By scaling the radius to the intensity of the radiation field, we can retrieve a self-
similar solution for the optically thin dust temperature profile

Tdust(r) = 307 K (
%

rT/AU (
'

L(/L#
&"0.5

= 315 K ( (rT/AU)"0.5 = T̂dust(rT ),
(4.5)

where the temperature at 1 AU for the T Tauri star is close to the selfconsistent solu-
tion because its luminosity is close to 1 L#. As can be seen in figure 4.9b, these scaled
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4.4 Discussion

a) b)

Figure 4.9: Radial temperature profile of the optically thin dust for the best-fit model of a T Tauri star
(solid line), Herbig stars (dotted line) and a brown dwarf (dashed line). The left panel shows the real
temperature, the right panel shows the self-similar solutions.

a) b)

Figure 4.10: Radial temperature profile in the midplane for the best-fit model of a T Tauri star (solid
line), Herbig stars (dotted line) and a brown dwarf (dashed line). The left panel shows the real temper-
ature, the right panel shows the self-similar solutions.

solutions agree to within 20% for the T Tauri star, Herbig star and brown dwarf.

Self-similar temperature and surface density

With the same procedure, we can also compare di!erent quantities to see if they are
also self-similar in all three samples. We find that also the midplane temperatures for
all three samples (see Fig. 4.10b) can be described with a self-similar function:

T̂mid(rT ) = 90 K ( (rT/AU)"0.44, (4.6)

which is a strong indication that this must be a consequence of a self-similar vertical
structure across the stellar mass range, which will we explore below in more detail.
Interestingly, this scaling law also works for the surface density (Fig. 4.11), such that
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4 Probing the turbulent mixing across the stellar mass range

a) b)

Figure 4.11: Radial surface density profile for the best-fit model of a T Tauri

a) b)

Figure 4.12: Radial intensity profile in scattered light at 0.5 micron for the

regions with similar temperatures also have similar surface densities:

!̂(rT ) = 0.25 g/cm2 ( (rT/AU)"1. (4.7)

This is because across the three samples, the luminosity scales roughly with stel-
lar mass squared5. Since the disk mass is a fixed fraction of the stellar mass, the
surface density scales as

!̂1AU =

!

M#
M(

$

!1AU =

(

L#
L(

!1AU. (4.8)

However, the region corresponding to the same temperature lies farther away from

5Although the main-sequence mass luminosity relation for solar mass stars follows L % M3.5...4, the
T Tauri stars in our sample are pre-main sequence and do not follow this relation, whereas the brown
dwarfs are in a di!erent scaling regime altogether.
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the star, compensating for the change in disk mass:
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= !1AU r"1 = !(r).

(4.9)

Thus the self-similar solutions for the surface density agree to within 20 %.

Self-similar scale height

If we now look at a vertical slab in the disk located at rT = r/
'

L(/L#, we find
that two of the main parameters for the settling calculation in equations (4.1) and
(4.2) - the gas surface density (4.7) and temperature (4.6) - are self-similar. The
third important parameter, the Keplerian frequency, is not the same, but scales with
'

L(/L#

"̂k(rT ) =
/

GM(
r3T

=

0

1

G
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'
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(4.10)

which is equivalent to r/rT . The gas pressure scale height at this location is therefore
not self-similar, but the relative scale height Hp/r is:

Ĥp(rT )
rT

=
ĉs(rT )

rT "̂k(rT )
=

cs(r)
rT ("k(r) r/rT )

=
cs(r)
r"k(r)

=
Hp(r)
r

. (4.11)

This means that if we express the height above the midplane (z) in terms of the relative
height (z/r), the local scale height, and therefore the vertical structure of the gas, is
self-similar:

Ĥp(rT , zT/rT ) = Hp(r, z/r). (4.12)

Self-similar dust settling

The vertical structure of the dust in the mid-infrared emitting region at rT = 10 AU
is shown in figure 4.13. Like that of the gas, the vertical structure of the dust also ap-
pears self-similar when expressed in terms of its relative height z/r. This is because
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4 Probing the turbulent mixing across the stellar mass range

Figure 4.13: Dust-to-gas ratio at rT = 10 AU for the best-fit model of a T Tauri star (solid line),
Herbig star (dotted line) and brown dwarf (dashed line). The gray line denotes a well-mixed model
with a dust-to-gas ratio of 0.01. The surface temperature at this location corresponds to roughly 100 K,
and therefore emits mainly in the mid-infrared.

also the Stokes number (Eq. (4.1))

Ŝt(rT , zT/rT ) =
3
4
m
)

"̂k(rT )
$̂gas(rT , zT/rT ) cs(rT , zT/rT )

=
3
4
m
)

"k(r)/
'

L(/L#
$gas(r, z/r)/

'

L(/L# cs(r, z/r)
= St(r, z/r)

(4.13)

is self-similar because the gas density scales with 1/Hp. The same is true for the
di!usion coe"cient (4.2)

D̂(rT , zT/rT ) = !turb
ĉs(rT , zT/rT )Ĥp(rT , zT/rT )

1+ Ŝt2(rT , zT/rT )

= !turb
cs(r, z/r)Hp(r, z/r)
1+ St2(r, z/r)

= D(r, z/r)

(4.14)

because it is only a product of self-similar quantities when expressed in units of rT
and zT/rT . Consequently, the vertical structure of both gas and dust in the mid-
infrared emitting regions of protoplanetary disks are self-similar.
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4.4 Discussion

Figure 4.14: Best-fit model SEDs for the Taurus median (solid line), Herbig median (dotted line) and
brown dwarf median (dashed line), scaled to a luminosity of 1 L# and a distance of 140 pc.

This result is consistent with that of Furlan et al. (2011), who also founnd no
variation in the degree of settling between brown dwarfs and T Tauri stars, but partly
contradicts Szűcs et al. (2010). These authors also found the same relative scale
height (H/r) for the dust in the mid-infrared emitting region. However, the required
reduction in dust scale height compared to their fully flared models implies a di!er-
ence in gas scale height between brown dwarfs and T Tauri stars, which we do not
find.

The self-similarity of vertical structure is further illustrated by synthetic scattered-
light images that trace the shape of the dust disk surface (Fig. 4.12). If we plot the
radial intensity profile as a function of the scaled radius rT , corrected for the rela-
tive height6 (Fscat/F( ( L(/L#), we see that the radial profiles for the three di!erent
stars line up nicely (Figure 4.12b), and that the shape of the disk surface is indeed
self-similar.

Since the amount of radiation reprocessed at every radius is set by the covering
fraction (z/r) - which is the same for all stars - even the SED in the mid-infrared
becomes self-similar (figure 4.14). The scaled model SEDs line up to within 20% in
the mid-infrared at 20-30 micron where we fitted the SEDs. The similarity extends
into the far-infrared (within 40%) and even the near-infrared up to 3 micron (within

6The relative height z/r scales with rT/r = 1/
'

L(/L#, while the intensity in scattered light scales
with (rT/r)2 = 1/(L(/L#).
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4 Probing the turbulent mixing across the stellar mass range

a factor of 2). The latter is surprising and probably coincidental, given the di!erent
nature of the emission mechanism at that wavelength: viscous heating for the T Tauri
star, optically thin emission for the Herbig star and mostly photospheric flux for the
brown dwarf.

4.4.3 Grain size distributions

Throughout this article, we have assumed that there are no radial gradients in the
grain size distribution. Models of grain growth predict that grain sizes decrease with
radius (e.g. Birnstiel et al. 2010b), which has also been observed by Guilloteau
et al. (2011) and Banzatti et al. (2011). Additionally, disks around later type stars
are colder and less massive, leading to smaller grain sizes. Modeling the grain size
distribution is beyond the scope of this paper, though a recipe for doing so is available
(Birnstiel et al. 2011). For now, we will only discuss if we expect to see di!erences
in the grain size distribution in the mid-infrared emitting region between the three
di!erent samples.

Because the vertical structure in the mid-infrared region is self-similar, we in-
vestigated if this is also true for the grain-size distribution and its planet-forming
potential. Grains in protoplanetary disks are in a coagulation-fragmentation equi-
librium (Weidenschilling 1984), driven by turbulence. According to Birnstiel et al.
(2011), the most important parameters that define the size distribution are the turbu-
lent mixing strength, the gas surface density, the temperature, and three parameters
that refer to the microphysics of dust: the fragmentation velocity uf , the solid density
of dust $s and the size distribution of fragments *. We assumed the last three to be
the same across the three samples.

We find no variations in the turbulent mixing strength (section 4.3). Regions with
similar temperature also have a similar surface density (section 4.4.2). The grain
size distribution should then also be self-similar. We can see why this is the case by
looking at the expression for the maximum grain size for turbulence-driven growth7
- as given by equation (12) of Birnstiel et al. (2009):

âmax(rT ) =
!̂(rT )u2f

'!turb$sĉ2s(rT )
=

!(r)u2f
'!turb$sc2s(r)

= amax(r), (4.15)

which is also self-similar when looking at regions with similar temperature (rT =
r/
'

L(/L#). This means that also the grain size distribution in the mid-infrared
emitting region is not expected to vary across the stellar mass range.

7which is the relevant regime for particle sizes smaller than a millimeter
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4.4.4 Planet-forming potential
If the same disk properties are found at a di!erent location in the disk around heavier
stars, does this mean that the resulting planetary systems are simply scaled versions
of each other?

To compare the later stages of planet formation, we looked at the Hill sphere and
feeding zone of a forming planet, to see how much mass is available for its formation,
in a way similar to Raymond et al. (2007). The Hill sphere is given by

RH(r) = r 3

(

mP
3M(

, (4.16)

where mP is the mass of the planet. Expressed in the same units that result in self-
similar solutions for the vertical structure (rT = r/

'

L(/L#) it becomes

R̂H(rT ) = r/
'

L(/L# 3

/

mP

3M(/
'

L(/L#
=

RH(r)
3
'

L(/L#
. (4.17)

So the size of the Hill sphere is not self-similar, though its dependence on luminosity
is weak. It decreases in size for less luminous stars, despite the lower gravity of the
central star. The total mass available in the feeding zone deviates more because it
scales with an extra factor 2'rT :

M̂feed(rT ) = 2'rT !̂(rT ) ( 2R̂H(rT )

= 2'!(r)r/
'

L(/L# ( 2
RH(r)
3
'

L(/L#
= L(/L"5/6

# Mfeed(r).

(4.18)

The size of the feeding zone therefore scales almost linearly with luminosity. This
means that although the initial conditions for planet formation are the same across
the steller mass range, this is not true for the later stages of planet formation, in
agreement with Raymond et al. (2007).

4.4.5 Dependence on disk parameters
The method we present here is useful for constraining variations in the turbulent
mixing strength, but it is more di"cult to constrain its absolute value. The mid-
infrared flux with which we fitted our models traces the height of the disk surface,
which can also be influenced by other factors than the turbulent mixing strength.
However, because our solutions for the mid-infrared emitting region are self-similar,
these uncertainties will a!ect our estimate of the turbulent mixing strength in the
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4 Probing the turbulent mixing across the stellar mass range

same way for all stars, and do not influence our conclusion that it does not vary
across the stellar mass range.

In this section we will explore how other parameters can a!ect our estimate of
the turbulent mixing strenght. In particular, we will explore how to keep the turbulent
mixing strength fixed at !turb = 0.01 and fit the three median SEDs by varying these
other parameters. As already mentioned in section 4.3.1, small changes in the grain
size distribution also a!ect the height of the disk surface. Using a flatter slope for this
distribution removes small grains from the disk surface, and we can fit the median
SEDs with a power-law index of 3.25. Another parameter that directly influences
the SED in the mid infrared is the gas-to-dust ratio. A lower ratio leads to a weaker
coupling of the dust and hence to flatter disks. We fitted a gas-to-dust ratio of 1 for
!turb = 0.01.

One parameter that we cannot change is the dust mass, because this would be
inconsistent with the millimeter photometry. As a consequence, all parameters that
influence the millimeter opacity require a refitting of the dust mass. For example,
we can reduce the opacity in the upper layers by reducing the carbon content of our
dust grains, but this also reduces the opacity at millimeter wavelengths. If we then
increase the dust mass to fit the flux at 850 µm, we again increase the opacity in
the upper layers. The two e!ects cancel out, and there is no net decrease in the mid-
infrared flux. In a similar fashion, the maximum grain size amax does not influence the
estimate of !turb because it decreases the opacity in the upper layers and at millimeter
wavelengths simultaneously.

The same is true for parameters that influence the distribution of mass in the outer
disk: the outer radius and surface density powerlaw. Although a smaller disk has a
smaller covering fraction for the same surface density, a fit to the millimeter data
requires a higher surface density, compensating the decrease in covering fraction.
The same is true for steeper surface density powerlaws.

4.4.6 Spread in disk parameters

Furlan et al. (2005) have shown that the spread in observed disk colors in the mid
infrared is well reproduced by a spread in inclination, accretion and surface layer
depletion. However, millimeter observations show that there is also a considerable
spread in disk mass (Andrews & Williams 2005), which will a!ect the amount of
mid-infrared emission through changing dust surface densities and stronger or weaker
dust-gas coupling. We investigated if this is su"cient to explain the observed spread
in disk colors, without the need for a spread in surface layer depletion.

We ran a series of disk models based on the best fit to the Taurus median SEDwith
!turb = 10"4, varying only the disk mass over two orders of magnitude. The result
can be found in figure 4.15. Although the spread of this grid reproduces the region
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4.5 Conclusions

Figure 4.15: Observed median SED of T Tauri stars in Taurus (diamonds) with quartiles (gray area).
Overplotted is a series of disk models with varying disk mass, centered around the best fit to the median
SED. The dust mass ranges from Mdust = 5 · 10"4 M# at the top to Mdust = 5 · 10"6 M# at the
bottom, with fixed gas-to-dust ratio. The gray line denotes the stellar photosphere. The inset shows the
millimeter regime.

between the lower and upper quartile at 20-40 micron well, it is much too large for
the quartiles in the millimeter. This means that the real spread in disk mass must be
smaller, and therefore cannot be solely responsible for the spread in observed colors.
Albeit slightly smaller than previously estimated, a spread in surface layer depletion
must still be present8.

This result also serves to validate one of the key assumptions of this paper: that
a model with median fit parameters is a good representation of the median SED.
Because the model SEDs do not overlap (which is also the case when varying most
other disk parameters) the median SED is exactly equal to the SED with the median
fit parameters.

4.5 Conclusions
We have investigated the turbulent mixing strength in protoplanetary disks across
the stellar mass range by comparing radiative transfer models with dust settling to
median SEDs of three samples of T Tauri stars, Herbig stars and brown dwarfs. Our

8Which would in our model translate into a spread in turbulent mixing strength or grain size distri-
bution.
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4 Probing the turbulent mixing across the stellar mass range

conclusions are:

• We find no significant variations of the turbulent mixing strength across the
stellar mass range from Herbig stars down to brown dwarfs.

• We find a relatively low turbulent mixing strength of !turb = 10"4 for an MRN-
like grain size distribution up to a millimeter and a gas-to-dust ratio of 100,
whereas a size distribution with fewer small grains or a gas-to-dust ratio of 1 is
required for a higher mixing strength of !turb = 10"2.

• The mid-infrared emitting regions of protoplanetary disks are remarkably self-
similar, with a similar surface density, vertical structure of gas and dust, and
even grain size distribution. This provides comparable environments for the
first stages of planet formation, though the later phases dominated by the planet’s
Hill sphere are likely di!erent.

• When viewed at the same distance from the central star, disks around later type
stars appear more settled. They have a flatter disk surface as traced in scattered
light. However, their gas scale height is much higher.

• We have constructed a median SED for Herbig stars, analogous to its Taurus
and Chameleon I counterparts. This median SED points to high inner-rim tem-
peratures of $1700 K, and is only poorly fitted with a pu!ed-up inner rim, but
is more consistent with emission from optically thin material from above the
rim or from within it.
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4.A Taurus median

4.A Taurus median

As mentioned in section 4.3.1, we have added the 850 micron flux point to the exist-
ing Taurus median from Furlan et al. (2006). Although the original Taurus median
from D’Alessio et al. (1999) is based on the same sources and includes millimeter
photometry, its coverage is incomplete. It is strongly biased toward brighter - and
thus heavier - disks and was ’meant to be indicative rather than definitive’. Andrews
& Williams (2005) have created a nearly complete census of the Taurus star-forming
region at millimeter wavelengths, allowing us to complete the median fluxes at 850
micron. The median flux we derive is log("F"[erg/s/cm2]) = "12.70, with the up-
per and lower quartiles at "13.05 and "12.13, respectively. These fluxes are roughly
an order of magnitude lower than those included in the original median, but are con-
sistent with the average disk mass in Taurus found by Andrews & Williams (2005).

4.B Herbig median

The Herbig median SED is based on the samples of Acke et al. (2009) and Juhász
et al. (2010). Because knowing the dust mass is crucial in measuring the degree of
settling in the outer disk, we selected only those sources with a millimeter detection.
Following Acke et al. (2009), we also excluded transitional disks, since their mid-
infrared SEDs should be explained in the context of gaps and inner holes, rather than
dust settling.

The sample consists of 32 sources, and has a complete wavelength coverage in
bands, B, V, J, H, K, L, Spitzer IRS longward of 10 micron, IRAS 12, 25 and 60
and millimeter wavelengths. U- and M-band photometry were also included because
they lacked only one and two measurements, respectively. The Spitzer spectra were
reduced to narrow-band photometry following the same method as in Furlan et al.
(2006). At the shortest wavelengths (5.7, 7.1, 8.0, 9.2 µm) the coverage is sometimes
incomplete (lacking 5, 5, 3 and 3 measurements resectively), and was supplemented
with ISO data where available. We only included the IRAS 60 micron fluxes, because
the 12 and 25 micron regions is covered by Spitzer, and results in the same median
fluxes. Although all sources have millimeter detections, not all are measured at the
same wavelength. We therefore constructed one photometric point at 850 µm, and
interpolated fluxes according to "F"(mm) = "F"(obs) · (&obs/850µm)"4, averaging
if more than one measurement was available.

The median star in our sample is a Herbig A6 star, with a median e!ective tem-
perature of 8500 K, luminosity of 21 L# and mass of 2 M#. Because these stars are
not in a single star-forming region, we scaled their SEDs to a distance of 140 parsec
and their luminosity to the median luminosity before constructing the median. The
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band wavelength median "F" lower quartile upper quartile
[µm] [erg/s/cm2] [erg/s/cm2] [erg/s/cm2]

U 0.36 -7.73 -7.79 -7.70
B 0.44 -7.46 -7.49 -7.43
V 0.55 -7.58 -7.61 -7.54
J 1.23 -8.03 -8.13 -7.87
H 1.65 -8.11 -8.27 -7.94
K 2.22 -8.15 -8.36 -8.04
L 3.77 -8.32 -8.58 -8.16
M 4.78 -8.47 -8.89 -8.17
IRS 5.70 -8.62 -9.10 -8.43
IRS 7.10 -8.73 -9.19 -8.55
IRS 8.00 -8.63 -8.92 -8.47
IRS 9.20 -8.52 -8.76 -8.24
IRS 9.80 -8.36 -8.67 -8.17
IRS 11.30 -8.50 -8.78 -8.30
IRS 12.30 -8.64 -8.93 -8.41
IRS 13.25 -8.73 -8.93 -8.50
IRS 16.25 -8.64 -8.92 -8.37
IRS 18.00 -8.59 -8.87 -8.29
IRS 21.00 -8.58 -8.91 -8.28
IRS 25.00 -8.64 -9.03 -8.35
IRS 30.00 -8.73 -9.09 -8.44
IRS 34.00 -8.81 -9.18 -8.51
IRAS 58.61 -9.00 -9.22 -8.51
mm 850.0 -11.79 -12.23 -11.26

Table 4.4: Median SED for Herbig stars, normalized to a distance of 140 parsec and a luminosity of 21
L#.

median including quartiles are given in table 4.4, and are displayed in Figs 4.6 and
4.16. This approach results in an SED that has a small spread in photometry at stellar
wavelengths, and a similar spread as the Taurus median SED at disk wavelengths.
Typical features like the 2 micron bump and silicate features are clearly visible.

4.C The inner regions of Herbig stars
As mentioned in section 4.3.2, the inner regions of Herbig stars deserve special at-
tention in disk modeling. The strong 2 micron bump is a prominent feature in most
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4.C The inner regions of Herbig stars

Figure 4.16: Observed median SED of Herbig stars (diamonds) with quartiles (gray area). Overplotted
is a disk model with a pu!ed-up inner rim with a scale height 2.5 times the pressure scale height and
turbulent mixing strength of ! = 10"2 (solid line). Also plotted are a model with the same inner rim
and a modified grain size distribution with a power-law index of 4.0 (dotted line) and a model without
a pu!ed up inner rim, but with millimeter sized grains within the dust evaporation radius (dashed line).
The gray line denotes the stellar photosphere. The inset shows the millimeter regime.

Herbig Ae and Be stars (Meeus et al. 2001), and has been explained as the fully illu-
minated surface of a disk truncated at the dust evaporation radius by Dullemond et al.
(2001). Because of the large fraction of reprocessed light in the near-infrared, this
would require the rim to be ’pu!ed up’, a natural cause of its high temperature down
to the midplane (Natta et al. 2001).

However, Vinković et al. (2006) showed that a rim in hydrostatic equilibrium
does not pu! up far enough to explain the near-infrared fluxes. To fit the SED, the
inner rim has to be pu!ed up beyond hydrostatic equilibrium by a factor 2-3 (Verhoe!
et al. 2010; Acke et al. 2009). Other explanations have also been proposed, ranging
from dust halos (Vinković et al. 2006; Verhoe! et al. 2011) to optically thin gas
or dust within the inner rim (Kraus et al. 2008; Tannirkulam et al. 2008a), as well
as theoretical motivations for an increased scale height in the inner rim (Thi et al.
2011b) or the presence of such a halo (Krijt & Dominik 2011). For the context of this
paper, it is important whether or not the added emission in the inner disk influences
the geometry and emission of the outer disk, and could a!ect our estimate of the
turbulent mixing strength. A pu!ed-up inner rim casts a shadow on the outer disk,
decreasing the flux at longer wavelengths (Acke et al. 2009), whereas material within
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the inner rim or a halo does not cast a shadow (Mulders et al. 2010).
Figure 4.16 shows the SEDs of these alternative inner disk geometries. When we

increased the scale height in the inner rim by a factor 2.5 to fit the near infrared part
of the SED (Fig 4.16, solid line), it cast a shadow over almost the entire outer disk,
and we were unable to fit the far-infrared flux even with a turbulent mixing strength
of ! = 10"2 or higher. We were able fit the far infrared flux by increasing the amount
of small grains, which we did by increasing the slope of the grain size distribution to
q = 4.0 (dotted line). However, the strong e!ect of the inner rim shadow remains,
supressing the mid-infrared flux. We tried several prescriptions to modify the inner
rim structure, such as rounding it o!, but they did not provide enough mid infrared
flux. The reason why the pu"ng up the inner rim does not work well in our model
- in contrast to e.g. Acke et al. (2009) and Thi et al. (2011b) - is that the median
SED requires additional flux at 2 micron - whereas previous work focused mainly on
the 8 micron region. This requires a hot inner rim, 1500-1700 K, which is consistent
with observations and dust evaporation, but which does not produce enough MIR
emission.

Alternatively, dust or gas within the inner rim can also contribute to the near-
infrared flux. Additional components originating in that region have been observed
for a number of Herbig stars, such as MWC 147 (Kraus et al. 2008; Bagnoli et al.
2010), HD 163296 and ABAurigae (Tannirkulam et al. 2008a,b; Benisty et al. 2010a)
and HR599 (Benisty et al. 2011). Material within the inner rim can increase the near-
infrared flux if it generates extra luminosity from accretion (Kraus et al. 2008) or if it
captures additional radiation that would otherwise not reach the disk.

For the second option, the material needs to extend su"ciently close to the star,
such that starlight is captured that crosses the midplane and would normally not be
reprocessed by the disk. We modeled this by extending the largest grain component
in our model down to two stellar radii, or 0.02 AU (Fig 4.16, dashed line). Because
even the largest grains in our model at this location become extremely hot, we were
unable to fit the shape of the near-infrared SED this way, but it does capture roughly
su"cient energy at shorter wavelengths. Because this solution to the near-infrared
flux problem is similar to a halo in the sense that it captures additional energy, we
did not explore it in more detail. We limited ourselves to modeling a halo, where we
note that this could also represent a solution with material within the inner disk.
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Abstract

context. Scattered light images of circumstellar disks play an important role in
characterizing the planet forming environments around young stars. The character-
istic size of the scattering dust grains can be estimated from the observed brightness
asymmetry between the near and far side of the disk, for example using standard Mie
theory. Such models, however, often overpredict the brightness of the disk by one or
two orders of magnitude, and have di"culty explaining very red disk colors.

aims. We aim to develop a dust model that simultaneously explains the observed
disk surface brightness, colors, and asymmetry in scattered light, focusing on con-
straining grain sizes.

methods. We use the 2D radiative transfer code MCMax with anisotropic scatter-
ing to explore the e!ects of grain size on synthetic scattered light images of circum-
stellar disks. We compare the results with surface brightness profiles of the proto-
planetary disk HD 100546 in scattered light at wavelengths from 0.4 to 2.2 microns.

results. We find that extreme forward scattering by micron-sized particles lowers
the e!ective dust albedo and creates a faint, red disk that appears only slightly for-
ward scattering. For the outer ("100 AU) disk of HD 100546 we derive a minimum
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5 Why circumstellar disks are so faint in scattered light

grain size of 2.5 microns, likely present in the form of aggregates. Intermediate-sized
grains are too bright, whereas smaller grains are faint and scatter more isotropically,
but also produce disk colors that are too blue.

conclusions. Observed surface brightness asymmetries alone are not su"cient to
constrain the grain size in circumstellar disks. Additional information, such as the
brightness and colors of the disk, are needed to provide additional constraints.
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5.1 Introduction

5.1 Introduction
Protoplanetary disks are thought to be the main sites of planet formation, and spatially
resolved scattered light images play an important role in revealing what happens be-
fore and during the birth of planetary systems. With superior di!raction-limited reso-
lution compared to thermal emission at longer wavelengths, scattered light images in
general, and those from the Hubble Space Telescope in particular, have provided us
with some of the most detailed images of protoplanetary disks so far (e.g. Grady et al.
2001). Recent advances in adaptive optics and data reduction techniques have greatly
improved the e"cacy of ground-based data (e.g. Thalmann et al. 2010; Hashimoto
et al. 2011; Quanz et al. 2011), while future observatories such as ALMAwill achieve
similar spatial resolution at (sub)millimeter wavelengths.

Scattered light images o!er important information on the overall geometry of
protoplanetary disks and contain possible signposts of planets. Large scale spiral
structures have been observed, some triggered by a close encounter from outside
(Clampin et al. 2003; Quillen et al. 2005), others more likely by a (planetary) per-
turber from within (e.g. Grady et al. 2001). Annular gaps and inner holes are also
observed, and are likely carved out by orbiting protoplanets (Grady et al. 2007; Thal-
mann et al. 2010; Hashimoto et al. 2011).

Apart from the macroscopic signposts at the end of the (giant) planet formation
process, scattered light imaging can also shed light on the earliest stages of planet
formation: the growth of dust grains. The main diagnostics for this are:

1. Brightness asymmetries between the near and far side of the disk. In an in-
clined disk, the near and far side of the disk surface are seen under a di!erent
angle with respect to the star. If the dust scatters anisotropically, a brightness
asymmetry is observed. Larger dust grains are more forward scattering, and
will show a stronger brightness asymmetry. The observed values for the asym-
metry parameter g in di!erent disks are between $0.15 (Ardila et al. 2007)
and $0.8 (Pinte et al. 2008b), ranging from nearly isotropic to slightly forward
scattering.

2. Disk surface brightness or dust albedo. The fraction of scattered light at a
specific wavelength. In general, disks are observed to be much fainter than
predicted on the basis of their grain size. A sample of Herbig stars imaged
by Fukagawa et al. (2010) shows fractional luminosities in scattered light of a
few percent or less. This is much too low for non-Rayleigh scattering particles,
which typically have an albedo of $0.5 or higher. In debris disks, which are
optically thin, albedos on the order of 0.05 to 0.1 are derived from observations
(Kalas et al. 2005; Krist et al. 2010; Golimowski et al. 2011), while an albedo
of 0.5 is predicted on the basis of the grain radius of $1 µm derived from
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5 Why circumstellar disks are so faint in scattered light

Figure 5.1: Visualization of anisotropic scattering properties of di!erent dust species. Displayed are: a
small particle in the Rayleigh limit (2'a < &) in blue, an intermediate-sized particle (2'a $ &) in gray,
and a large particle (2'a > &) in red. The angle between the disk surface and incident stellar light is
3 degrees, equal to the flaring angle minus aspect ratio of the surface at 200 AU. The phase functions
at 0.6 µm are plotted in polar coordinates, and normalized such that surfaces are equal (square root of
intensity). The arrows indicate the direction and magnitude of light scattered towards the observer.

asymmetries in the disk images.

3. Disk color, caused by the wavelength dependence of the albedo. Dust grains in
the interstellar medium have a gray scattering color at optical to near-infrared
wavelengths (e.g. Whitney 1995), whereas more evolved objects such as debris
disks (e.g. Golimowski et al. 2006; Debes et al. 2008), comets (Jewitt &Meech
1986), and Kuiper Belt objects (e.g. Luu & Jewitt 1996) can have redder colors,
indicating that larger than ISM grains are present (e.g. Wolf et al. 2012). Most
protoplanetary disks have gray colors (e.g. Fukagawa et al. 2010), though some
disks exhibit redder colors: HD 141569 (Clampin et al. 2003), GG Tau (Krist
et al. 2005), and HD 100546 (Ardila et al. 2007).

To extract the grain size from scattered light images, these three aspects (moder-
ate brightness asymmetries, low albedos, neutral to red colors) have to be modeled
simultaneously. This is challenging because small dust grains have low albedos but
very blue colors, while large grains have neutral to red colors but also high albedos.
We call this “the color and brightness problem of scattered light images”.

To solve this problem, we have studied the e!ects of anisotropic scattering on
the observed brightness and colors. Particles that are large enough become extremely
forward scattering. The bulk of the scattered light is concentrated in the forward peak,
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5.2 Scattering by protoplanetary dust

which is outside the range of observed angles for a disk that is not observed edge-on
(Fig. 5.1). The resulting few percent are scattered towards the observer, resulting
in a low ‘e!ective’ albedo (Dullemond & Natta 2003). Because the observer of an
inclined disk sees only a part of the phase function outside of the forward scattering
peak, the disk image does not appear to have a strong brightness asymmetry, and can
even appear backward scattering (Min et al. 2010). We describe this e!ect in more
detail in section 5.2.

We applied this strong forward-scattering dust model to the well-studied proto-
planetary disk of HD 100546, for which scattered light images are available from 0.4
to 1.6 µm (Augereau et al. 2001; Ardila et al. 2007), and we present a new image
at 2.22 µm in section 5.3.1. After constructing a geometric model of the disk (Sect.
5.3.3), we derive the grain size from the observations (Sects. 5.3.4 and 5.3.5). We
also discuss how the derived grain size compares to those of other size indicators
(Sect. 5.4).

5.2 Scattering by protoplanetary dust

In this section we briefly discuss the basis of the scattering properties of protoplane-
tary dust (Mie 1908; Van der Hulst 1957; Bohren & Hu!man 1983) and its influence
on the observed brightness and color of scattered light images.

5.2.1 Single scattering albedo

The fraction of light that is scattered by a dust grain in all directions is given by
the single scattering albedo, ,. For particles much smaller than the wavelength of
incident radiation, the albedo is very low since most light is absorbed by the particle.
When the size of the particle increases, the single scattering albedo also increases.
For particles much larger than this wavelength, the total extinction cross section of
the particle includes three components: absorption (Cabs), reflection/refraction (Cref),
and di!raction (Cdi!).

The absorption and reflection/refraction cross sections come directly from ge-
ometrical optics and are equal to to the geometrical shadow of the particle. The
di!raction cross section comes from the distortion of the wavefront caused by the
particle and is also equal to the geometrical shadow of the particle. It is then directly
derived that the single scattering albedo of large particles is

, =
Cscat
Cext

=
Cref +Cdi!

Cabs +Cref +Cdi!
" 0.5. (5.1)
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5 Why circumstellar disks are so faint in scattered light

Figure 5.2: Phase function of a large dust grain (2.5 µm, red line), an intermediate dust grain (0.25
µm, gray line), and a small dust grain (0.08 µm, blue line) at 0.6 µm. The green area marks the range
of observed angles for HD 100546, between 34& and 126&. - = 0& refers to forward scattering, and
- = 180& to backward scattering.

Figure 5.3: Real versus e!ective albedo of particles of di!erent sizes. The e!ective albedo (solid line)
is defined here as the fraction of light scattered outside the forward ten degrees times the real albedo,
see text (dotted line). The green area denotes the range of wavelengths covered by the Hubble scattered
light images. The small, medium, and large panels correspond to a particle size of 0.08 µm, 0.25 µm,
and 2.5 µm.
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5.3 Application to HD 100546

5.2.2 The e!ective albedo and the color of scattered light
The single scattering albedo is an angle-integrated quantity, and care should be taken
when scattering becomes increasingly anisotropic. In the limit of Rayleigh scatter-
ing – where particles are much smaller than the observed wavelength – the phase
function (I(-)) of scattering is close to isotropic (Fig 5.2). For particles larger than
the wavelength, the scattering becomes anisotropic and heavily peaked towards the
forward direction when the particle size increases.

Light which is scattered in the forward direction by a particle in the surface layer
of the disk is scattered into the disk, and will not be detected in scattered light im-
ages (see Fig. 5.1, large particle). Therefore, it is clear that for particles that scatter
predominantly in the forward direction the e!ective scattering cross section, i.e., the
amount of light that is actually scattered into our line of sight, is much smaller than
would be expected from the angle integrated single scattering albedo. We define an
e!ective albedo which only considers the part of the phase function that can actually
be observed between angles -1 and -2

,e! =
2,
2 -2
-1
I(-) sin -d-

(cos -1 " cos -2)
2 '

0 I(-) sin -d-
. (5.2)

For large particles this e!ective albedo can be less than 0.5 when the phase function
is su"ciently peaked towards the forward scattering direction.

In Fig. 5.3 we plot the e!ective and total albedo for three di!erent grain sizes and
for arbitrarily1 -1 = 10&, -2 = 180&. For the small grains, the phase function is close
to isotropic (see Fig. 5.2) and the e!ective and total albedo are almost the same. The
color of scattered light for these grains is always gray to slightly blue.

The phase function of larger particles is more anisotropic, making the e!ective
albedo quite low, even below the limit for the single scattering albedo (Eq. 5.1).
When going to longer wavelengths the phase function becomes more isotropic and
the e!ective albedo increases. This increase of e!ective albedo with wavelength is
reflected in the observed color of the scattered light images, producing reddish colors.

5.3 Application to HD 100546
To test if extreme forward scattering can explain the observed faintness of proto-
planetary disks relative to their host stars (Fukagawa et al. 2010), and also explain
their color indices and observed brightness asymmetries, we have compared our dust
model to scattered light images of a well-studied Herbig star, HD 100546. Its disk

1Cutting out the forward ten degrees is su"cient to illustrate the main e!ect of not observing the
forward scattering peak.
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5 Why circumstellar disks are so faint in scattered light

has been imaged by the Hubble Space Telescope in scattered light over a broad wave-
length range of 0.4 µm to 1.6 µm (Augereau et al. 2001; Ardila et al. 2007). We ex-
tend this wavelength range using a new NICMOS image at 2.2 µm. This wide range
of wavelengths allows us to compare both brightness and colors. We describe these
observations in the next section.

5.3.1 Observations

We took HST/NICMOS coronagraphic images (0.3" radius image plane obscuration,
camera 2 image scale 75.8 mas/pixel) of HD 100546 and the PSF reference star,
HD 109200 with the F222M filters (central & = 2.22 µm, &/$& $ 10) on 16 March
2005 as part of Program GO 10167 (PI:Weinberger). The observations included long
exposures with the stars underneath the coronagraphic spot for high contrast imag-
ing at two di!erent spacecraft orientations and direct images of both stars outside the
coronagraphic hole with short exposures for point source photometry. The instrumen-
tally calibrated and reduced images discussed in this paper were created from the raw
NICMOSmultiaccum exposures following the processing methodology described by
§3 of Schneider et al. (2005) and the references therein.

For photometric analysis, each calibrated direct image was used to independently
determine the total photometry of the star and empirically determine the uncertainties
in each filter band. The three images for each star and in each filter were located at
di!erent positions on the detector.

We used a median combination of the three dither points to create a final image
of each star to derive a ratio for scaling and for photometry of HD 100546. We used
a 20 pixel radius circular aperture to determine the photometry. The background in
the images is zero, so no background annulus was used. The individual dither points
were used to get a rough estimate of the uncertainty in the ratios and photometry. At
F222M we measured a total F"=5.4±0.1 Jy, and a scaling with the PSF reference of
0.89±0.04.

To determine the best subtraction we minimized a chi-squared metric on a region
of the target image dominated by the star’s di!raction spikes. We assumed that good
subtraction of the di!raction spikes in a region uncontaminated by the disk corre-
sponded to the best subtraction of the PSF within the region of interest (Schneider
et al. 2001). We iteratively created subtractions for combinations of scaling and pixel
o!sets until we found an image that produced the lowest chi-squared measure. We
searched within ±1 pixel to find the best x and y pixel o!sets.

To quantify the systematic e!ects on the photometry, we repeated the subtractions
varying the PSF scalings and o!sets by ±1 ) from the minimum chi-square solution
found above. Using an elliptical photometric aperture matched to the estimated incli-
nation of the disk and that extended from between 0.))5 to 4)), we found the standard
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Figure 5.4: PSF subtracted NICMOS images at 1.6 and 2.22 µm. The black region in the F160W image
is masked out owing to a strong di!raction spike.

deviation in the disk flux densities from this suite of subtractions. In F160W and
F222M, the total measured flux of the disk at both spacecraft orientations matched to
within the uncertainties. We then propagated this systematic uncertainty into the total
uncertainty in the flux density of the disk per pixel. Subtracted images were then ge-
ometrically corrected for the slight optical distortion of the NICMOS camera 2 at the
coronagraphic focus. We used the x-direction pixel scale of 0.))07595/pixel and the
y-direction pixel scale of 0.))07542/pixel to create an image with pixels that have the
y-direction plate scale in both directions. The geometrically corrected images were
rotated about the position of the occulted star to a common celestial orientation using
the rotation centers given by the flight software in the raw data file headers. The final
result is show in figure 5.4.

Additional observations of HD 100546 with NICMOS were performed as a part
of the GO program 9295 (Augereau et al. 2001). Observations with NICMOS in
the F160W filter were recovered from the archive, reduced in the same manner as
the medium bandwidth images, and median combined. Archival PSF reference stars
for the images were subtracted from the target observations. The F160W reference
was HD 106797 as used in Augereau et al. (2001), but we followed the above pro-
cedure for subtraction as with the F222M filter. Figure 5.4 shows the resulting PSF
subtracted NICMOS images of the HD 100546 disk used in this work.

HD 100546 was also observed with the HRC coronagraph on ACS in the F435W
and F814W filters (Ardila et al. 2007). The final reduced images were kindly pro-
vided to us by D. Ardila. For the ACS observations, no independent estimate on the
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5 Why circumstellar disks are so faint in scattered light

Figure 5.5: Radial surface brightness profiles of scattered light images of HD 100546 (diamonds, gray
area indicates systematic and measurement errors) and disk models with: a large dust grain (2.5 µm,
red line), intermediate dust grain (0.25 µm, gray line), and small dust grain (0.075 µm, blue line).

uncertainties in flux scaling for the disks was performed. We assumed that for both
instruments this e!ect was $5%, comparable to what we calculated for our medium
bandwidth filter observations.

5.3.2 Surface brightness profile and disk albedo

The surface brightness profiles at 0.4, 0.8, 1.6, and 2.2 µm are shown in figure 5.5.
They were constructed by taking the median surface brightness over an elliptical an-
nulus whose shape corresponds2 to a disk at a position angle of 145& and inclined at
46&, the average inclination inferred by Pantin et al. (2000) and Ardila et al. (2007).
To compare the surface brightness profiles of images taken at di!erent spatial resolu-
tion, the width of the annuli is taken to be 0.15)), which is the di!raction limit of the
longest wavelength filter. For the uncertainties, we used local estimates at the major
and minor axes of the standard deviation of counts within smaller apertures. Missing
data were treated as NAN values and were not included in the median.

2Although the flux coming from a certain distance from the star deviates from an ellipse if the disk
is flared, we do not expect this to influence our analysis as long as we compare observed and model
images in the same way.
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5.3 Application to HD 100546

Figure 5.6: Geometric albedo ,disk of HD 100546 in the di!erent filters. The geometric albedo is a
measure of the fraction of light scattered by the disk (see Eq. 5.3) and text for definition). Displayed are
both observations (diamonds with systematic and measurement errors) and the same models as figure
5.5: A large, intermediate and small grain (red, gray, and blue solid line respectively). A model with
intermediate-sized grains with an albedo close to one is also displayed (gray dotted line).

To measure the reflectivity of the disk observed in each filter, we define a geo-
metric albedo ,disk for the disk, which is the fraction of (star)light scattered towards
the observer at a specific radius r. It is defined as

,disk(r) =
SB(r)

(F( + Finner)/4'r2
, (5.3)

where SB(r) is the surface brightness of the disk in scattered light, F( the flux den-
sity from the star, and Finner is the flux density from the inner (#1 AU) disk3, both
measured from the unresolved spectral energy distribution (SED). Note that this ‘disk
albedo’ ,disk depends on both the dust albedo and the geometry of the disk (i.e., its
flaring angle).

3Note that at near-infrared wavelengths, the thermal emission from the inner disk is much brighter
than that of the star. The light we observe in the longest filters is therefore dominated by scattered inner
disk light, rather than scattered starlight.
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5 Why circumstellar disks are so faint in scattered light

grains Filter
F435W F814W F160W F222M

large 0.0059 [1.1] 0.011 [1.3] 0.020 [1.1] 0.037 [1.0]
medium 0.075 [2.0] 0.084 [1.0] 0.079 [0.7] 0.048 [0.6]
small 0.052 [0.8] 0.025 [0.5] 0.0067 [0.7] 0.0024 [0.5]
observed 0.0062 [1.0] 0.009 [0.7] 0.024 [1.2] 0.033 [1.3]

Table 5.1: Fitting parameters to the geometric albedo of the disk, used to derive the disk albedo (Fig.
5.6). Displayed is ,filt[q], calculated by fitting a power law of the form ,filt · (r)"q to ,disk(r) (Eq.
5.3). The values given are for models with the same grain sizes and wavelengths as in figure 5.5, and
for the observed images.

To quickly compare disk albedos at di!erent wavelengths for both the data and
the models, we define a geometric albedo per filter ,filt at a typical radius of 2)). We
obtain ,filt by fitting a power law of the form ,filt · (r)"q to ,disk(r) between 1.0)) and
3.5)). When plotting this disk albedo versus the wavelength of the filter (Fig. 5.6),
we obtain a diagnostic tool that describes the disk’s geometric albedo and colors.
Throughout this paper, we apply this same procedure to the synthetic model images
as well. These fitting parameters are displayed in Table 5.1.

As can be seen in figure 5.6, the disk is relatively faint compared to the star and
has red colors over the entire wavelength range. Even though HD 100546 is one
of the brightest disks to be observed in terms of absolute flux, it reflects only about
one percent of the incoming light in the near infrared, and a factor of four less in
the bluest filter. Any dust model invoked to explain scattered light images must be
able to explain both this relative faintness and the red colors; however, as mentioned
before, the geometric albedo is a product of both dust properties and disk geometry.
This makes a geometric model of the disk necessary to isolate the e!ect of the dust
albedo.

5.3.3 Disk model
To interpret the scattered light images of HD 100546, we use the 2D radiative transfer
code4 MCMax (Min et al. 2009) with anisotropic scattering for the dust as described
in section 5.2. This code has been successfully applied for modeling several ob-
servables of protoplanetary disks (e.g. Verhoe! et al. 2011) and includes anisotropic
scattering (Min et al. 2012).

We do not have to start from scratch when constructing the disk model, as the
disk geometry for HD 100546 is already well constrained by previous observations

4Since both scattering and absorption take place in 3D, this model can also be referred to as an
axisymmetric 3D radiative transfer code.
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5.3 Application to HD 100546

Parameter Value
Mdisk 0.0001 M#
p 1.0
inclination [& ] 46
Rin [AU] 0.25
Rgap,in [AU] 0.3
Rgap,out [AU] 13
Rout [AU] 350
finner 0.05
H1AU 0.04
% 1.3

Table 5.2: Disk parameters for the geometrical model. The surface density profile is defined as !(r) %
r"p and scaled to the total disk mass. The scale height is defined as Hp(r) = H1AUr%. The gap ranges
from Rgap,in to Rgap,out

and models. We use the SED fit presented by Mulders et al. (2011) as a starting point
for our model. The model features a depleted inner disk starting at 0.25 AU (Benisty
et al. 2010b; Tatulli et al. 2011) which is fairly small (<1 AU, Panić et al. 2012), has
a large empty gap (Bouwman et al. 2003) and a massive outer disk starting from 13
AU to 400 AU (Grady et al. 2007; Panić et al. 2010).

The vertical density structure of the disk is described by a Gaussian ($ % e"z2/2H2p ),
where the fitted scale height is parametrized as Hp = 0.04 AU (r/AU)1.3, consistent
with Mulders et al. (2011). We did not solve for the vertical hydrostatic structure be-
cause we want to study the e!ect of the dust properties in a fixed geometry, whereas
in a hydrostatic disk the geometry changes with dust properties through the temper-
ature. For this purpose it is therefore easier to use the prescribed vertical structure
based on the hydrostatic model, which provides an equally good fit to the SED (Fig.
5.8).

The inner disk (#1 AU) is not directly probed by our images, but its thermal
emission is a few times brighter than the star in the near-infrared. Light scattered
o! the outer disk surface in the longest filters is therefore dominated by scattered
inner disk light, rather than scattered starlight (Pinte et al. 2008a). We take the dust
composition from Mulders et al. (2011) for the inner disk (Table 5.3), and keep this
composition fixed if we vary the composition of the outer disk, such that the light
illuminating the outer disk remains constant. A first comparison with the observed
scattered light images shows that using the same composition for the outer disk does
not work well. It overpredicts the scattered light flux by a factor of 10 to 30 (see Fig.
5.6 gray dotted line).
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5 Why circumstellar disks are so faint in scattered light

Grain size [µm ] composition
large 2.5 Solar†
intermediate 0.25 Solar†
small 0.08 Solar†
inner disk and wall (<20 AU) 0.4 ISM†

Table 5.3: Dust properties of our best-fit model. Opacities are calculated assuming a grain size dis-
tribution f (a) % a"3.5 with typical size a with a width of 0.25 dex. † Composition of ISM: 13.8%
MgFeSiO4, 42.9% MgSiO3, 38.3% Mg2SiO4, 1.8% NaAlSi2O6, 5% C, Solar: 12 % MgFeSiO4, 12 %
MgFeSi2O6, 12 % Mg2SiO4, 12 % MgSi2O6, 15 % FeS, 40 % C. Optical constants are from: Silicates
(Dorschner et al. 1995; Henning & Stognienko 1996; Mutschke et al. 1998), Carbon (Preibisch et al.
1993), Troilite (Begemann et al. 1994).

However, the albedo of this dust is very high, close to one. We first explore the
e!ects of lowering the albedo through the dust composition to reach a lower surface
brightness. We switch to a di!erent composition which has a particularly low albedo
of $0.5. This is also the theoretical limit in the geometrical optics regime (see section
5.2) and in practice, a lower real albedo can only be achieved by changing particle
size (see Fig. 5.3), which we do in the next section. For an albedo of 0.5 we use a
dust composition derived from a condensation sequence, as described in Min et al.
(2011). This lower albedo reduces the amount of scattered light significantly, but still
overpredicts the observations by an order of magnitude (Fig. 5.6, dotted line). The
final parameter we have to tune to obtain the low observed surface brightness is the
grain size, which we discuss in the next two sections.

5.3.4 Brightness asymmetry

To constrain the characteristic grain size in HD 100546 we look first at the observed
brightness asymmetry of the disk. As already explained in section 5.2, particles
smaller than the wavelength of light (2'av < &) scatter isotropically, whereas large
particles become increasingly anisotropic. This anisotropy can be described by the
asymmetry parameter g, which is the expectation value of the cosine of the scattering
angle (g + ,cos--), a parameter between 0 and 1 that increases with grain size (Fig
5.7).

In reality, we can sample only a limited part of the phase function (34 to 126
degrees in HD100546, for a disk with a 46& inclination and a 10& opening angle), and
g cannot be calculated directly. The phase function is, therefore, often approximated
by a Henyey-Greenstein function IHG(gHG, -) (Henyey & Greenstein 1941), which is
parametrized in such a way that the expectation value of the cosine of the scattering
angle is equal to gHG. In this way the asymmetry parameter can be derived with only
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5.3 Application to HD 100546

Figure 5.7: Asymmetry parameter g as a function of particle size at 0.6 µm, calculated in two di!erent
ways. The solid line uses the formal definition g + ,cos --, the dotted line is a Henyey-Greenstein
function fitted to the phase function in the observed range of scattering angles. The observed range of
values of the asymmetry parameter is indicated by the gray area.

partial knowledge of the phase function.
Care must be taken, however, by deriving grain sizes in this way. When grains

become extremely forward scattering (g" 0.5), the forward peak of the phase function
caused by di!raction moves out of the observed range of angles (see section 5.2, Min
et al. 2010). The observed range caused by reflection/refraction is not necessarily
forward peaked (Fig. 5.2), and the derived value of the asymmetry parameter gHG
can become much smaller than the real asymmetry parameter g (see figure 5.7).

The disk of HD 100546 shows only a small brightness asymmetry of gHG =
0.15 between 0.4 and 0.8 µm, with maxima up to gHG = 0.23 (Ardila et al. 2007).
Comparing this number to the real brightness asymmetry g yields a grain size of
a $ 0.08 µm, similar to a = 0.1 µm derived by Pantin et al. (2000) based on gHG =
0.2. By taking into account the limited part of the phase function observed, however,
yields a second set of solutions with grain sizes larger than one micron which come
close to the observed asymmetry (see Fig. 5.7).

5.3.5 Disk color and brightness

Although small particles (a = 0.08 µm) provide a good fit to the observed bright-
ness asymmetries, they can not explain the disk color. They scatter in the Rayleigh
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5 Why circumstellar disks are so faint in scattered light

limit (2'a < &), and hence the scattering e"ciency drops o! as &"4. Such an albedo,
that decreases with wavelength (Fig. 5.3), will give rise to very blue disk colors, and
it becomes clear that these small particles might explain a low albedo at one wave-
length, but never the observed disk colors (Fig. 5.6, blue line). As discussed before,
intermediate-sized particles (2'a $ &) have a high albedo " 0.5 and overpredict the
disk brightness (Fig. 5.6, gray line) and also appear too forward scattering (Fig 5.7).

Larger particles (2'av > &), on the other hand, do a much better job of explaining
the disk colors and brightness. As described in section 5.2 and shown in figure 5.3,
forward scattering decreases the e!ective albedo towards shorter wavelengths, though
the real albedo stays above the theoretical minimum of 0.5 (Eq 5.1). A particle of 2.5
µm fits both the colors and brightness of the disk (Figs. 5.5 and 5.6, red lines), though
its brightness asymmetry is a little too high. We discuss this further in section 5.4.3.
A particle with a di!erent composition that has a higher real albedo would need to
be larger to reduce its e!ective albedo to the same level. For example, a particle of
di!erent composition that has a real albedo of 1.0 needs to have a size of 10 µm to
explain the observed brightness.

5.4 Discussion
We have shown that particles larger than 2.5 microns can explain the red colors and
low brightness in the disk of HD 100546. The question arises whether such large
grains are consistent with other grain size indicators in the SED, and why we over-
predict the brightness asymmetry, which we discuss in the next sections.

5.4.1 The ten-micron silicate feature
One grain size indicator in the SED is the silicate feature at 10 µm, which indicates
the presence of micron-sized grains or smaller. At a wavelength of 10 µm, however,
particles larger than 2.5 µm scatter extremely e"ciently because they are in the res-
onance regime (2'a $ 10 µm). In addition, for particles this large compared to the
wavelength of 10 µm, the absorption and scattering coe"cients add up to the geo-
metrical shadow of the particle, as is the case for particles in the limit of geometrical
optics (Section 5.2). Hence the silicate feature is imprinted inversely on the scatter-
ing e"ciency at this wavelength (Min et al. 2004). The combination of both e!ects
suppresses the silicate feature (Fig. 5.8).

It should be noted that the silicate feature arises mainly in the disk wall (Bouw-
man et al. 2003), whereas the scattered light images trace a region outwards of 0.5))
($50 AU at a distance of 103 pc). Radial variations in the dust properties have been
observed in scattered light (e.g. Quanz et al. 2011, Debes et al. in prep), and the
mineralogy and chemistry in the disk wall are also di!erent from the outer disk (Thi
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Figure 5.8: Observed SED of HD 100546 plus photosphere (gray lines). The solid lines are two model
SEDs with our best-fit aggregate in the entire outer disk (left) and with aggregates outside of 20 AU
(right). The dotted and dashed lines denote the contributions to the SED of scattered light and thermal
emission, respectively .

et al. 2011a; Mulders et al. 2011). A model where the region < 20 AU is dominated
by small grains (> 50%), and the outer disk by large grains (> 99.9%) provides a
good fit to both scattered light images and SED (Fig. 5.8).

It is interesting to see that this model agrees qualitatively well with the model
presented in Benisty et al. (2010b) and Tatulli et al. (2011): a disk wall dominated
by small grains that produce the silicate feature, and larger grains farther out. This
result appears not to be in agreement with the polarimetry results from Quanz et al.
(2011), who do find a change in dust grain properties around 50 to 100 AU, but with
small grains farther out and bigger grains inwards. However, it should be noted that
this conclusion is based mainly on brightness asymmetry, which, as we have shown,
might be ambiguous in deriving grain sizes.

5.4.2 Dust settling

Apart from the presence of millimeter-sized grains (Bouwman et al. 2003; Benisty
et al. 2010b), which are most likely located near the disk midplane, the SED of HD
100546 with its strong mid- and far-infrared excess does not show strong signs of
dust settling. A population of small grains in a hydrostatic disk can explain the SED
(Dominik et al. 2003; Mulders et al. 2011), showing that dust and gas must be well-
mixed. In this section we discuss how such large grains can be present at the disk
surface.

To find the maximum grain size that can be present at the disk surface, we ran a
series of models that use self-consistent settling as described in Mulders & Dominik
(2012). The dust-gas coupling in this model depends on the dust-to-gas ratio (dtg),
turbulent mixing strength !turb, and dust grain surface-to-mass ratio ()/m). For
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5 Why circumstellar disks are so faint in scattered light

Figure 5.9: Observed SED of HD 100546 plus photosphere (gray lines). Also displayed are a series of
models with self-consistent dust settling with a turbulent mixing strength of ! = 0.01, for grains with
surface-to-mass ratios of )/m= 105 cm2/g (solid line) and 4 · 103 cm2/g (dotted line), corresponding
to compact grains of 0.1 and 2.5 µm, respectively.

plausible values of these parameters (dtg = 0.01, !turb = 0.01), we find that in a disk
that has 0.005M# of gas, a minimum surface-to-mass ratio of 105 cm2/g is required
to keep particles present at the disk surface (Fig. 5.9). This corresponds to a 0.1 µm
compact particle.

To keep particles larger than 2.5 µm present at the disk surface would require a
stronger coupling of dust and gas. We can think of three ways to achieve this:

1. A turbulent mixing strength higher than !turb = 0.2. Although such a high !
could be present in the upper layers of the disk (e.g. Fromang & Nelson 2009),
it would make HD 100546 a special case among Herbig stars which have on
average a much lower mixing strength (Mulders & Dominik 2012), and it is
beyond the scope of this paper to explore this further.

2. A gas mass higher than 0.1M#. Although such a mass is not unreasonable for a
2.4 M# Herbig star (e.g. Williams & Cieza 2011), observations of gas emission
lines point towards a lower rather than a higher gas mass, with a total mass in
the range between 0.0005 and 0.01M# (Panić et al. 2010; Thi et al. 2011a).

3. Porous grains. A more porous grain has a higher surface-to-mass ratio than a
compact particle, resulting in a stronger dust-gas coupling. Keeping the dust
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mass fixed, the surface-to-mass ratio of an aggregate scales with filling factor
! as

)

m
=
4'a2

m
% !"2/3 (5.4)

because the radius scales as a = !"1/3. For an increase of a factor of "25 in
the surface-to-mass ratio, this gives a filling factor of !# 0.01, a very flu!y
aggregate.

Aggregates can explain the presence of large particles at the disk surface, and
potentially the observed strength of the silicate feature as well (Min et al. 2006).
In addition, they are predicted by dust growth experiments (Wurm & Blum 1998;
Dominik et al. 2007) and simulations (e.g. Ormel et al. 2007; Zsom & Dullemond
2008).

5.4.3 Phase function at intermediate scattering angles

The scattering properties of complex aggregates are less well known than those of
compact spheres. The general scattering behavior is expected to be similar for di!er-
ent particle structure – i.e., a strong forward scattering peak due to di!raction and a
red color of the e!ective albedo – while the detailed behavior of light scattering at in-
termediate angles is less well established: the phase function for reflection/refraction
is less well known and can be forward or backward scattering depending on the shape
and structure of the particles (Min et al. 2010). Since the phase function can only be
derived from observations at intermediate angles, fitting the brightness asymmetry
requires including the aggregate structure.

Full discrete dipole approximation calculations are required to determine aggre-
gate scattering properties. These calculations are computationally expensive, which
makes them impractical to use directly in radiative transfer codes. The beginnings
of a di!erent theory based on e!ective medium theory are there (Min et al. 2006),
reducing computing time for aggregate opacities; however, e!ective medium the-
ory has a big limitation. The main assumption is that the constituents are much
smaller than the wavelength of incident radiation. This implies that the scattering
e"ciency of the constituents in this approximation is zero. We believe that in reality
the constituents of the aggregates are approximately a micron in size, which makes
the scattering properties of individual monomers an important aspect for computing
the phase function of the aggregate at intermediate scattering angles. Therefore their
scattering properties need to be tested before they can be applied directly to scattered
light images in the way we have done in this paper.
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5.5 Conclusion
We studied the e!ects of grain size on the colors, surface brightness and brightness
asymmetry of scattered light images of circumstellar disks. We used a 2D radiative
transfer code that includes anisotropic scattering to model the disk of HD 100546
over a broad wavelength range (0.4 to 2.2 µm). Our conclusions are:

• The low observed albedos of circumstellar dust can be explained by extreme
forward scattering on grains larger than the observing wavelength. This re-
duces the e!ective albedo below the practical lower limit of 0.5 for the real
albedo, and produces gray to red disk colors. Small grains also have low albe-
dos, but with very blue colors.

• The brightness asymmetry between the near and far side of a circumstellar disk
is not a unique indicator of grain size. For large grains, the forward scattering
peak in the phase function is not observed, while the phase function in the ob-
served range of angles can appear more isotropic. This mimics the brightness
asymmetry of small grains, but with a lower albedo.

• The red colors, low albedo, and small brightness asymmetry of the protoplan-
etary disk around HD 100546 can be explained by a grain size larger than 2.5
to 10 microns, depending on composition and particle structure. The presence
of such large particles at the outer disk surface indicates they must be present
in the form of porous aggregates, rather than compact particles.

While we believe that large aggregates, rather than compact particles, are respon-
sible for the observed emission, further research in characterizing the phase function
of extremely forward scattering porous aggregates is necessary to explain their prop-
erties on the basis of scattered light images.
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Abstract

context. Giant planets form in protoplanetary disks while these disks are still
gas-rich, and can reveal their presence through the annular gaps they carve out. HD
100546 is a gas-rich disk with a wide gap between a radius of $1 and 13 AU, possibly
cleared out by a planetary companion.

aims. We want to identify the nature of this unseen companion from the shape
of the gap.

methods. We use mid-infrared interferometry at multiple baselines to constrain
the curvature of the disk wall at the far end of the gap. We use 2D hydrodynam-
ical simulations of disks with embedded planets and brown dwarfs to estimate the
companion’s mass and the disk viscosity.

results. We find that the disk wall at the far end of the gap is not vertical, but
rounded-o! by a gradient in the surface density. Such a gradient can be produced by
a heavy companion ("30...80 MJup) in a viscous (! " 5 · 10"3) disk.

conclusions. The disk viscosity is an important factor in estimating planetary
masses from disk morphologies: more viscous disks need heavier planets to open an
equally deep gap. The object perturbing the disk of HD 100546 is most likely a 60
Jupiter mass brown dwarf.
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6.1 Introduction

Giant planets need to form before the gas in protoplanetary disks is dispersed, thus
making some of these disks not only planet-forming, but most likely also planet-
hosting. Current planet-finding techniques have di"culties in detecting planets around
these young stars: transits are blocked from view by the disk, whereas radial velocity
measurements are disturbed by variability of the stellar photosphere (Setiawan et al.
2008; Huelamo et al. 2008), though (interferometric) imaging has identified a few
possible companions (Eisner et al. 2009; Huelamo et al. 2011; Kraus & Ireland 2012;
Arnold et al. 2012; Biller et al. 2012).

However, planets can also reveal themselves in an indirect way, through their dy-
namical impact on the protoplanetary disk (e.g. Lin & Papaloizou 1979, 1986). A gap
carved by a single planet has a minimal impact on the SED, but could be identified
by imaging of the disk (Steinacker & Henning 2003; Varnière et al. 2006; Wolf et al.
2007). Nonetheless, a class of so-called transitional disks have been identified on the
basis of their low near-infrared excess, apparently caused by depleted inner regions
(Strom et al. 1989; Muzerolle et al. 2004a; Calvet et al. 2005). Long-wavelength
imaging has confirmed that most of these indeed have enlarged inner holes or annu-
lar gaps (Brown et al. 2009; Andrews et al. 2011), their size suggestive that multiple
planets must be responsible (Dodson-Robinson & Salyk 2011; Zhu et al. 2011) or an
additional clearing mechanism is at work, such as dust filtration or grain growth (Zhu
et al. 2012; Birnstiel et al. 2012). However, how these transitional disks manage to
sustain a substantial accretion rate with a depleted inner region remains a mystery, as
well as the underlying architecture of their planetary systems.

If present, the properties of an underlying planetary system may be inferred from
the disk geometry. Giant planets will carve out deep and wide gaps in the gas and
dust, and a whole suite of codes exists to study disk-planet interactions (see de Val-
Borro et al. 2006, for a comparison of such codes). Comparing these results to
observational constraints on the surface density profile allows to estimate the mass
and location of a planet (e.g. Tatulli et al. 2011).

In this work, we will study the disk-planet interaction in the disk of HD 100546.
It was identified by Bouwman et al. (2003) as a transitional disk on basis of its SED
even before the term existed, with an estimated companion mass of $ 10MJup. The
gap was later confirmed using mid-infrared nulling interferometry (Liu et al. 2003),
UV spectroscopy (Grady et al. 2005), CO spectroscopy (Brittain et al. 2009; Van
Der Plas et al. 2009) and mid-infrared interferometry (Panić et al. 2012), all1 consis-
tent with a gap outer radius in the range of 10 to 15 AU. The inner disk is depleted in

1At time of writing, there are no published observations that constrain the gap size at (sub)millimeter
wavelengths.
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dust by a few orders of magnitude (Benisty et al. 2010b; Mulders et al. 2011), and is
less than 0.7 AU in size (Panić et al. 2012). Hydrodynamical modelling of the surface
density profile inferred from the SED by Tatulli et al. (2011) yields a planet of at least
one Jupiter mass at 8 AU.

However, the surface density profile around the gap can also be studied using
mid-infrared interferometric data, providing additional constraints on the nature of a
(planetary) companion. Using inclined ring models, Panić et al. (2012) have shown
that the mid-infrared visibilities could not be reproduced by a sudden jump in inten-
sity at the location of the disk wall at 13 AU, but that the emission from the edge
increases smoothly over a few AU. This may indicate that the surface density does
not show a sharp increase at 13 AU leading to a vertical wall, but gradually increases
with radius. In this case the optical depth - which determines the height of the disk
surface - also increases smoothly with radius, producing a more rounded-o! wall. In
this paper, we will explore the hydrodynamical origins and observational appearance
of the shape of the disk wall.

Such rounded-o! walls are a natural outcome of hydrodynamical models of disk-
planet interaction, where the detailed shape of the radial surface density profile de-
pends on planet mass, disk thickness and viscosity (Crida et al. 2006; Lubow &
D’Angelo 2006). The mass of the planet will therefore be reflected in the shape of
the disk wall, that can be constrained with MIDI, the mid-infrared interferometer on
the Very Large Telescope. We will explain this in more detail in Section 6.2. Besides
the planets mass, the viscosity in the disk wall is a critical parameter in determining
the gap shape.

We will use a 2D radiative transfer code to model both SED and mid-infrared
visibilities to determine the shape of the surface density profile in the disk wall at the
far end of the gap (Section 6.3). We then try to reproduce this surface density profile
with a hydrodynamical code to constrain the planet mass and disk viscosity (Section
6.4). We will discuss the companion mass and robustness of our result in Section 6.5
and summarize our results in the conclusion.

6.2 Interferometric signature of a disk wall

The visibility versus baseline curve is a Fourier transform of the surface brightness
profile. Therefore, the visibility curve of a continuous disk2 decreases monotonously
with baseline (gray dotted line in figure 6.1), as contributions from di!erent radii add
up to a smooth curve. In this case, the visibility is a direct measure of the spatial
extent of a source.

2Assuming the inner and outer radius of the disk lie outside the emitting region, so there is no
discontinuity in surface brightness at any radius.
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6 HD 100546 b or B?

Figure 6.1: Visibilities versus baseline length for HD100546 at 10 micron, along a position angle of
30 degree (the same as the 41 meter baselines). The colored lines shown: a very round wall in blue, a
steeper wall in dotted red, a vertical wall in solid red, and a model without a gap in dotted gray. Note
that in the model without a gap the emission is coming from much closer to the star, and visibilities are
much higher. Indicated in green are the spatial frequency ranges probed by the MIDI spectra used in
this paper (& = 8...13 micron), displayed as e!ective baseline at ten micron (Baseline/& · 10µm).

However, in a disk with a gap, the situation is much more complex. The material
at the far end of the gap (‘disk wall’) intercepts a much larger fraction of the stel-
lar light than in a continuous disk, creating a peak in the surface brightness at that
location, (red line in figure 6.2 and 6.3). The flux contribution from this radius will
then dominate over that of the other radii, both in the SED and visibilities. Its Bessel
function will contribute more to the visibilities than those from other radii, resulting
in the characteristic gap signature in the visibility curve, showing multiple minima
(‘bounces’ or ‘nulls’) and maxima (‘sidelobes’) (Figure 6.1, red line).

The detailed shape of the visibility curve of a gapped disk depends on the struc-
ture of the disk wall: A vertical wall will create a narrow peak in the surface bright-
ness profile with a typical width of a few AU, having much more power in the side-
lobes, making the gap structure visible at very long baselines (red lines in figure
6.1,6.2 and 6.3). If the surface density increases gradually over a few AU (Fig. 6.2,
blue line), the optical depth will also increase slowly, giving a surface height in the
disk wall that slowly increases with radius, rounding o! the wall. Such a round wall
will create a broader peak in the surface brightness profile (Fig. 6.3, blue line). As
shown in Panić et al. (2012), this puts less power in the sidelobes, as overlapping
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6.2 Interferometric signature of a disk wall

Figure 6.2: Surface density profile of the disk for the same models as in figure 6.1.

Figure 6.3: Radial brightness profile of the disk at 12.5 µm for the same models as in figure 6.1. The
model without a gap has no brightness peak in this range and is not shown.
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Bessel functions cancel each other out, resulting in a smoother curve where the gap
signature is not visible at longer baselines (Fig. 6.1, blue line).

The shape of the disk wall at the far end of the gap can therefore be directly
derived from the amount of structure in the visibility curve at long baselines. This
method has been applied in the near-infrared to study the shape of inner rims at
the dust sublimation radius (e.g. Tannirkulam et al. 2008a; Dullemond & Monnier
2010, their figure 5). Indications for a round wall are also found with mid-infrared
interferometry in the disk of TW Hya (Ratzka et al. 2007).

In this work, we will use this method to derive the shape of the surface density
profile in the disk wall from the MIDI observations presented in Panić et al. (2012)
and Leinert et al. (2004). The surface density profile directly a!ects the surface
brightness profile and visibility curves (figures 6.1,6.2 and 6.3). Even though the
MIDI observations used in this paper have a limited sampling of possible baselines,
they still cover a considerable range in spatial frequency (B/&) – shown by the green
areas in figure 6.1 – and we can still perform such an analysis.

6.3 Deriving the wall shape

In this section we will constrain the shape of the surface density profile in the disk
wall from the visibilities presented by Panić et al. (2012) and Leinert et al. (2004). To
do so, we need to first calculate the density and temperature structure in the disk wall
for a given surface density profile. Because the structure of a rounded disk wall can
strongly deviate from that of a geometrically thin disk, this is a job especially well
suited for 2D radiative transfer codes - also because the disk wall near the midplane
is completely shadowed by the inner disk, while the upper part is fully illuminated.
In addition, we need to calculate the vertical structure in the disk wall, which strongly
deviates from that of a continuous disk due to radial and vertical temperature gradi-
ents.

We use MCMax (Min et al. 2009), a 2D radiative transfer code that self-consistently
calculates the temperature and vertical density structure for a given surface density
profile in an axisymmetric geometry. We assume the gas is in vertical hydrostatic
equilibrium, and because the SED shows no sign of dust settling of small grains
(Mulders et al. 2013), we assume the dust and gas distributions to be equal. The SED
and visibilities are calculated using ray-tracing to compare them to the observations.
We will use the SED fit with a vertical wall presented in Mulders et al. (2011) as a
starting point, refine it using the constraints from Panić et al. (2012), and fit the SED
and visibilities simultaneously to constrain the surface density in the disk wall.

To generate visibilities from the observed correlated fluxes, we need to divide
them by an observed total flux. Because the total flux measured with MIDI is a!ected
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6.3 Deriving the wall shape

Figure 6.4: Spectral Energy Distribution of HD 100546. Plotted in gray are the ISO spectrum (Malfait
et al. 1998) and the stellar photosphere (van den Ancker et al. 1998). Plotted in black is the ’inner disk
spectrum’ (the correlated spectrum of the 41.4 m baseline), as well as a 1700 K blackbody scaled to the
K band flux (dashed line). The colored lines show the same models as figure 6.1. The model without a
gap is not shown.

by flux losses (see Panić et al. 2012), we use the flux measured with ISO to generate
visibilities. These visibilities, together with those presented by Leinert et al. (2004),
are shown in Figure 6.5. We will use the position angle of 145& and inclination of
53& derived by Panić et al. (2012) to compute visibilities from our disk models.

6.3.1 Inner disk
As shown by Panić et al. (2012), the inner disk is very compact, < 0.7 AU. This is
perhaps best illustrated by plotting the correlated flux on the 41 meter baseline into
the SED of figure 6.4. This baseline probes scales of order $2...3 AU, and there-
fore filters out most of the emission from the outer disk. The correlated flux seems
consistent with the 1700 K blackbody emission from the inner rim, with only little
additional flux from colder material. We place the inner rim at 0.25 AU, consis-
tent with the interferometric constrains from Benisty et al. (2010b) and Tatulli et al.
(2011). Because the temperature behind the inner rim drops o! very rapidly with
radius, we find that the inner disk can not be larger than 0.3 AU, unless the surface
density power law is steeper than r"1.

In addition, there is a weak feature apparent at 10 micron, though it is not clear
whether this is a mineralogical feature in the inner disk, or due to the structure of
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Figure 6.5: Observed visibilities for HD 100546 on di!erent projected baseline lengths and orientations
(diamonds). We use the total flux from ISO to calculate visibilities from the correlated fluxes. The
colored lines show the same models as figure 6.1. The model without a gap is not shown.
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6.3 Deriving the wall shape

the outer disk. The outer disk wall also contributes to the correlated flux and creates
similar features – which we will discuss extensively in the next section. If we treat the
observed feature strength as an upper limit to the real feature strength, the feature is
too weak to be consistent with a rim made out of the same small amorphous silicate
grains as the outer disk wall. Because the temperature of the inner rim is above
the crystallisation temperature of silicates – and possibly also above its sublimation
temperature – we use a composition of pure iron, which also fits the SED (Figure
6.4). We can mix in a few percent of silicates or corundum (FeAl2O3, which has a
higher sublimation temperature) to fit the weak 10 micron feature in the correlated
spectrum, but this is not necessary and has no e!ect on the results presented in this
paper.

6.3.2 A vertical wall

As explained in section 6.2, the presence of a disk wall creates structures in the
visibility as function of baseline, which will be reflected in the spectrally resolved
visibilities as well (Fig. 6.5). This is most clearly seen in the 14.9 m baseline, where
a bounce is present at 10.5 µm. Bounces are also present around 8.5 µm in the 15.8
and 16.0 m baselines. The longer baselines do not show such pronounced structures.

A disk model with a vertical wall at 14 AU can reproduce the location of these
bounces at the shortest baselines (Fig. 6.5, red lines). However, this model overesti-
mates the visibilities at these baselines. In addition, the vertical wall model predicts
structures at the 41 and 74 meter baselines that are not observed. To fit the visibil-
ities at all baselines, we have to round o! the disk wall as described in section 6.2.
This reduces the power in the sidelobes, thus reducing the visibilities at the shortest
baselines and smoothing out structures at the longer baselines.

6.3.3 A rounded-o! wall

We round o! the disk wall by modifying its surface density power law, using the
following function:

!wall(r < rexp) = !0 r"1 exp
)
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!disk(r . rexp) = !0 r"1
(6.1)

where !0 is a normalisation constant, rexp is the radius where the drop-o! of the sur-
face density sets in, and w is a measure of how round the disk wall is. This function
is essentially a Gaussian similar to the vertical scale height, but with a di!erent ex-
ponent of 3 as in Lubow & D’Angelo (2006), eq. 5, that provides good fits to the
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results from the hydrodynamical calculations. Both w and rexp are free fitting pa-
rameters. Examples of the resulting surface density distributions are shown in figure
6.2. Although di!erent parameterizations than the one introduced here are possible,
this particular one is chosen because it also accurately describes the outcome of our
hydrodynamical simulations in the next section.

We first round o! the disk wall using w = 0.20 and rexp = 19 AU (Fig. 6.2, red
dotted line), consistent with the shape of the disk wall as modelled by Tatulli et al.
(2011). Although this produces a smoother surface brightness profile than a vertical
wall (Fig. 6.3) with less power in its sidelobes (Fig. 6.1), it still produces too much
structure on the 41 and 74 meter baselines and overpredicts the shortest baselines. To
completely remove all structure on the longer baselines, we have to round o! the disk
wall even further. Our best fit model has w = 0.36 and rexp = 29 AU, shown by the
blue lines in figures 6.1, 6.2, 6.3, and 6.5. There is a small range of solutions with
almost equally good fits, ranging from w = 0.33 and rexp = 26 AU to w = 0.40 and
rexp = 35 AU.

We note that due to disk asymmetries and variability as discussed by Panić et al.
(2012), it is impossible to find a perfect fit to all data with a single axisymmetric
model. Especially the 8...9 µm region dominated by the inner disk is a!ected by this,
as observations taken at the same projected baseline length and position angle but at
a di!erent date have a di!erent shape. However, the structures arising from vertical
walls are not seen in any of the observations, so we are confident that our results for
the wall shape are robust. Fitting each baseline separately does provide better fits,
but does not change our fit parameters by more than $w = 0.02 and $rexp = 2 AU.

6.4 Deriving planet mass and disk viscosity
In this section, we will show how a planet can explain the observed shape of the disk
wall. The micron sized-dust grains observed with MIDI are a good tracer of the gas:
they are well-coupled to the gas (Mulders et al. 2013), unlike millimeter sized grains
that tend to pile up near pressure bumps in the midplane (Paardekooper & Mellema
2004; Pinilla et al. 2012). Therefore, the inferred surface density of the dust is equal
to that of the gas, which we will reproduce using planet-disk interactions.

6.4.1 Gap opening
A planet embedded in a disk opens a gap by exerting a torque on the disk, pushing
material outside of its orbit outwards and material inside of it inwards. However,
gas flows back into the gap due to pressure gradients and viscous spreading, which
tends to close the gap. Therefore, the shape of the surface density around a planet
depends on its mass, the disk viscosity and scale height (Crida et al. 2006; Lubow &
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D’Angelo 2006). In general, a heavier planet can carve out a deeper and wider gap,
while a more viscous or thicker disk (higher pressure scale height) will reduce the
gap width and depth.

6.4.2 Hydrodynamical model

We use the freely-available 2D hydrodynamical code Fargo (Masset 2000) to model
the surface density of the gas around an embedded planet. Because we focus on the
wall shape, it is not necessary to follow the global evolution of the whole disk as
Tatulli et al. (2011) have done. Instead, we focus on the surface density profile in
the vicinity of the planet. We model the disk within a factor 5 in radius of the planet
(i.e., 2 to 50 AU for a planet at 10 AU) on a logarithmic grid. We use a non-reflective
boundary condition to suppress wave-reflection at the inner boundary and prevent
mass from leaking out at the inner edge of the grid.

The model set-up is based on our best-fit radiative transfer model. We use a sur-
face density power law of r"1 for the initial surface density, which is also consistent
with a constant ! viscosity in the absence of a planet. We use a pressure scale height
Hp(r) = 0.025 r1.39, consistent with the scale height profile of our radiative transfer
simulation from within the disk gap. We will discuss the influence of the chosen scale
height profile in the discussion (Section 6.5.3).

To describe the viscous evolution of the disk, we use a viscosity of the ! type
(Shakura & Sunyaev 1973; Pringle 1981). For the long integration times required to
reach a steady state, such a viscosity agrees well with simulations of magnetohydro-
dynamical turbulence (Papaloizou et al. 2004). We explore the range from ! = 10"4
to ! = 5 ' 10"2, above which the time step calculation of Fargo may no longer be
correct.

We consider a wide range of planets from 1 Jupiter mass to the hydrogen burning
limit at 80 Jupiter masses. The reason for considering such high planet masses is that
higher viscosities tend to close the gap, requiring much heavier planets to keep the
gap open. We follow the disk evolution for 104 orbits of the planet around a 2.4 solar
mass star (2 ' 105 yr at 10 AU), after which all models have reached a steady-state.
The planet is assumed to be on a circular orbit, and to neither migrate nor accrete.

6.4.3 Gap shape

To compare the surface density profiles produced by Fargowith our radiative transfer
models, we use the analytical fit function of equation 6.1. This function is fitted to
the surface density profile between rmin and rmax, where rmin is the location of the
minimum gap depth outside the planets orbit (rmin > rpl) , and rmax is taken near the
edge of the grid at 4.5rpl, to avoid e!ects of the outer boundary condition.
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Figure 6.6: Surface density around a 60 Jupiter mass planet in a viscous (! = 2 ' 10"2) disk after 104
orbits, with and without accretion onto the planet (solid and dotted gray line, respectively). The solid
black line is the analytical fit using equation 6.1 with parameters that also fit the MIDI data (w = 0.36).
The dashed line denotes rexp, the radius where the surface density starts to deviate from a power law.

This function fits the surface density profiles to an accuracy of about 10%. An
example is shown in figure 6.6. The main deviations come from transient features at
small scales, while the overall shape is generally well produced.

In addition, we measure the depth of the gap by taking the minimum value of
the density with respect to the unperturbed density (!0 r"1). Note that this is only
a lower limit to the real depth of the gap: material that is corotating with the planet
or orbiting around it creates a surface density spike at the location of the planet. If
planetary accretion is turned on, the spike disappears and the gap becomes deeper,
typically by a factor of 2, though the shape of the disk wall at the far end of the gap
does not change significanlty, as shown by the dotted line in figure 6.6.

6.4.4 Results

The results of our parameter study are presented in figure 6.7, showing the width over
which the surface density in the disk wall is rounded o! (w from equation 6.1) as a
function of planet mass and disk viscosity. A global trend is visible, where lower
planet masses and disk viscosities produce more vertical walls (w $ 0.2), whereas
rounder walls are found at higher values (w $ 0.35). This trend can be understood
from a balance between viscous spreading and planetary torques: a high viscosity
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Figure 6.7: Shape of the disk wall as function of planet mass and disk viscosity. Solid contours and
colors denote fitting parameter w from equation 6.1, which is w $0.33...0.40 for our best-fit radiative
transfer models. The dashed line denotes a gap depth of 10"3. In the region below, the gap is deep
enough to be consistent with the observed visibilities. Blue colors indicate rounder walls, red colors
more vertical walls. The triangles indicate the models used for iterating on the pressure profile (See
section 6.5.3).

makes material flow inward smoothing the surface density profile, while a heavier
planet mass allows the torques to act over a wider range, allowing for a shallower
profile. However, for intermediate shapes there is no linear trend (w $ 0.25...0.3).

There is an additional observational constraint on the surface density profile,
namely the depth of the gap (Tatulli et al. 2011). If the gap is not deep enough,
its emission will fill the gap in the SED around 8 micron and will overpredict all vis-
ibilities. Because the inner disk is already depleted by a factor of a hundred, the gap
needs to be depleted by about a factor of about ten more (See figure 6.2), depending
on the dust opacities. This minimum gap depth is shown with the dashed line in figure
6.7, and only models below this line have gaps that are deep enough. It shows that
the disk viscosity is a crucial parameter in opening a disk gap: a Jupiter mass planet
may open a deep gap in an inviscid disk, but for the most viscous disks it requires a
80 Jupiter mass planet to keep them open. In general, we find that the planet mass
needs to be scaled with the square root of viscosity to achieve a given gap depth.

There are two regions in this diagram which have a wall shape consistent with our
observations, w $ 0.33...0.40. One region lies at low planetary masses (< 5MJup) and
high viscosities (! > 2 ' 10"2). Although consistent with the planet mass estimate
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of Tatulli et al. (2011), the higher viscosity acts against gap opening, and these gaps
are nowhere near deep enough to be consistent with observations, even if the planet
would be allowed to accrete. Another region lies at very high masses (> 30MJup)
and moderately high viscosities (! > 5 ' 10"3), which seems consistent with the
observed gap depth, and puts the planet between 8 and 10 AU. Our best fit-model has
a planet of 60 MJup at 10 AU and a viscosity of ! = 2 ' 10"2, and is shown in figure
6.6. The dependence of these results on the assumed temperature profile is discussed
in Section 6.5.3.

These estimates of ! are consistent with that of Mulders et al. (2013), who also
find a high turbulent mixing strength of !turb > 0.01 by looking at the degree of dust
settling in the disk wall.

6.5 Discussion

6.5.1 Planet or brown dwarf?

The shape of the disk wall points to a companion about thirty Jupiter masses or heav-
ier, with a best fit around 60 Jupiter masses. According to the IAU definition, this
object would be a brown dwarf, rather than a planet, making HD 100546 a misin-
terpreted binary system with a disk like CoKu Tau/4 (Ireland & Kraus 2008), rather
than a transitional disk.

Binaries are common around main sequence A stars and Herbig Ae/Be stars, with
fractions over 70% (e.g. Baines et al. 2006; Kouwenhoven et al. 2007). The inferred
period of around 20 years is consistent with the peak in the period distribution of bi-
naries around sun like stars (e.g. Zinnecker 1984; Raghavan et al. 2010). Whether a
mass ratio of q $ 0.02 is uncommon for binaries is not clear, as detection limits typi-
cally go to q $ 0.1, but Wheelwright et al. (2010) note that the companion distribution
of Herbig Ae/Be companions is skewed towards higher masses than the interstellar
mass function. However, we note that the companion recently discovered around HD
142527 by Biller et al. (2012) has a very similar mass and orbital properties. In ad-
dition, there seems to be a trend from direct imaging that A type stars posses heavier
planets than less massive stars (Marois et al. 2008; Lagrange et al. 2010; Carson et al.
2013), a trend also seen in radial velocity surveys (Lovis & Mayor 2007).

Whether to call a companion a planet or a brown dwarf should depend on how it
forms, not on its mass. Young stars are found with masses below the deuterium burn-
ing limit (e.g. Luhman et al. 2005), while core-accretion models predict that planets
can also form above it (Mordasini et al. 2009). A better definition would involve
the formation process of the companion, in a disk or like a single star. The current
gas mass of the disk is uncertain due to lack of resolved millimeter observations, but
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estimated to be in the range 0.0005...0.01M# (Panić et al. 2010; Thi et al. 2011a)
and therefore much lighter than the planet, making it unlikely that the planet recently
formed out of the disk.

Observational limits exist on the mass and location of a possible binary compan-
ions of HD 100546. Baines et al. (2006) report no detection in a spectroastrometric
survey for binary companions, with a contrast limit of 6 magnitudes and and mini-
mum separation of 0.1 )), excluding a companion with spectral type earlier than M63)
outside of 10 AU. Limits also exist on a companion in the gap: Grady et al. (2005)
used UV spectroscopy to put an upper limit to the spectral type later than M5, ex-
cluding a stellar companion, but not a brown dwarf.

The projected location of the planet (0.05..0.1))) is just inside the region that
can be surveyed with current direct imaging instruments (Quanz et al. 2011), and
also falls within the region blocked by coronagraphs of upcoming planet-hunting
instruments such as VLT/SPHERE and the Gemini Planet Imager. However, it is
within the reach of techniques such as Sparse Aperture Masking (e.g. Kraus & Ireland
2012; Biller et al. 2012). We have estimated the contrast ratio using the Bara!e et al.
(2002) evolutionary tracks. A 20 to 75 Jupiter mass brown dwarf with an age of less
than 10 Myr has a luminosity between 0.03 and 0.3 L# and a temperature between
2500 and 3000 K. In the H, K and L band, this results in a contrast ratio between
5 ' 10"4 to 1 ' 10"2, or 5 to 8 magnitudes, within the detectable range.

6.5.2 Gap Width

The width of the gap from the hydrodynamical simulations, about 6 AU, is inconsis-
tent with the derived size for the inner disk of less than an AU. The planet itself is
heavier than the disk and should not migrate, allowing it to act as a barrier for material
from the outer disk to reach the inner disk. We have neglected the global evolution of
the disk, so it is possible that in reality, the inner disk drains onto the central star as in
Tatulli et al. (2011). The near-infrared interferometric data used by the authors, how-
ever, does not directly constrain the outer radius of the inner disk, which they place
at 4 AU. The MIDI data do require the inner disk to be much smaller than the 4 AU
previously assumed (see also Panić et al. 2012). Therefore, an additional mechanism
might be necessary for clearing the inner regions.

Additional planets closer to the star could explain the extent of the gap, depleting
the inner regions (Dodson-Robinson & Salyk 2011; Zhu et al. 2011). Another mech-
anism could be dust filtration at the outer edge, blocking dust particles from crossing
the gap together with the gas and reducing the dust to gas ratio of the inner disk (Zhu
et al. 2012). However, the high viscosities we infer are less favorable for trapping

3Calculated at 5 Myr using the evolutionary tracks from Siess et al. (2000).
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Figure 6.8: Scale height profile for our best fit radiative transfer model (solid line) in the range modelled
with Fargo. Also plotted are the best fit profile in the gap (Hp(r) = 0.025 r1.39, dotted line) and that
of a disk without a gap (Hp(r) = 0.02 r1.32, dashed line). Because the radiative transfer model is not
vertically isothermal, the scale height is defined as the height where the pressure drops o! with a factor
e1/2 with respect to the midplane.

dust in the outer disk wall (Pinilla et al. 2012). In addition, grain growth could con-
tribute to depleting the inner disk of small grains Birnstiel et al. (2012). Resolved
millimeter observations of the gap, such as can be delivered with the Atacama Large
Millimeter Array, would be crucial to investigate this.

6.5.3 Pressure scale height
Asmentioned in section 6.4.1, the disk thickness – set by the pressure scale height and
thus by temperature – is an important factor in determining the wall shape because it
controls how much material flows back into the gap. The pressure scale height is an
input parameter of Fargo, and remains fixed during the simulation. This is a highly
idealized situation, and in reality, the scale height will change during gap opening
when the disk wall heats up (Turner et al. 2012). This will, in turn, influence the
gap structure, but coupling the hydrodynamical simulations to radiative transfer is far
from trivial. In this section we will describe how this coupling may a!ect our results
and suggest directions for future work.

Because we are looking for a steady state solution of the wall shape after many
orbits, we can derive the scale height profile corresponding to this wall shape from
our best-fit radiative transfer model. This profile is shown in figure 6.8. In the region
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model before iteration RT after iteration
Mpl ! w rexp [rpl] rexp [AU] rpl [AU] w
2 10"4 0.17 1.6 17 10.6 0.21
5 5 · 10"4 0.20 1.8 18 10.2 0.27
10 10"3 0.23 2.0 19 9.6 0.28
20 2 · 10"3 0.26 2.3 21 9.2 0.33
40 10"2 0.35 2.9 28 9.8 0.36
60 2 · 10"2 0.36 3.0 29 9.7 0.37

Table 6.1: Wall shape and location, before and after iterating on the temperature structure. The wall
shape w and its location rexp are defined in equation 6.1. The location of the planet rpl follows from
comparing the fitted wall location in the radiative transfer code (rexp in column RT) to that of the
hydrodynamical simulation. This subset of models is highlighted by triangles in the parameter study of
figure 6.7.

up to $12 AU, the optical depth is so low that the midplane is not shielded, increasing
the temperature by a factor of two and the pressure scale height by about 50% with
respect to a disk without a gap (dashed line, see also Turner et al. 2012). Between
$12 and 30 AU, the gradual increase in optical depth starts shielding the midplane,
leading to lower temperatures and scale height. Outside 30 AU, the scale height
profile is close to that of a continuous disk.

In the parameter study, we have used a parameterized scale height of the form
Hp(r) = 0.025 r1.39 (Fig. 6.8, dotted line). This parameterization describes the
profile accurately up to $12 AU, i.e. in most of the region modelled with Fargo. In
addition, in the region where the intensity profile peaks (see Fig. 6.3) and where our
observations are most sensitive to, it is closer to the real scale height than that of a
continuous disk is. However, the slope of the scale height profile after the peak in
intensity at $12 AU is very di!erent. In a steady-state viscous disk without a gap, it
is this slope that sets the surface density distribution (e.g. Andrews et al. 2009). To
see how this assumption a!ects our results, we designed the following test.

We perform one iteration on the hydrodynamical structure of the disk, to take
into account the change in temperature structure of the disk after gap opening. We
start with a subset of the hydrodynamical models presented in the previous section,
shown in Table 6.1 and indicated by triangles in figure 6.7. These models span the
entire range of wall shapes, from steep to rounded-o!, and were calculated using the
parameterized scale height profile. For each wall shape w, we calculate the tempera-
ture structure using our radiative transfer code, as described in section 6.3. The radial
location of the wall depends – apart from on the planets location – also on the planet
mass, because more massive planets carve out wider gaps. Therefore we adjust the
location of the planet rpl – and hence that of the disk wall (rexp, Eq. 6.1) – to make
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Figure 6.9: Surface density around a 20 Jupiter mass planet in a viscous (! = 2 ' 10"3) disk for
two di!erent temperature profiles. The dotted line has a power-law scale height profile resulting in a
steep wall (w = 0.26), the solid line uses the scale height profile from the radiative transfer calculation,
resulting in a rounder wall (w = 0.32).

sure that the radial intensity profile peaks at 12-13 AU for each wall shape, as in fig-
ure 6.3. From these temperature structures we can calculate the scale height profiles,
similar to figure 6.8. We use these (non-parameterized) scale height profiles to rerun
the hydrodynamical simulations, and measure the wall shapes of these iterated mod-
els using equation 6.1. If the resulting radial location of the wall di!ers from that of
the radiative transfer simulation, we rerun the hydrodynamical simulation with the
planet at a di!erent radius, to make sure that the wall location between both simu-
lations is self-consistent. The wall shapes and location before and after iteration are
shown in Table 6.1.

For walls that were already quite round before iterating on the scale height profile
(M > 30MJup and ! > 5 ' 10"3), using the calculated scale height from the radiative
transfer model does not a!ect the wall shape significantly. For lower planet masses
and disk viscosities, corresponding to steep walls before iteration, the wall shape
does change. Iterating on the pressure profile makes these walls rounder by $w =
0.04...0.07. An example of this is shown in figure 6.9, for a 20 Jupiter mass planet
in a moderately viscous disk (! = 2 ' 10"3). By looking at figure 6.7, this moves
down the lower limit on the possible range of planet masses and disk viscosities from
30 to 20 Jupiter masses and from ! = 5 ' 10"3 to 2 ' 10"3, respectively.

We show that iterating on the scale height profile in hydrodynamical simulations
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does a!ect the resulting wall shapes. However, we have not taken the feedback of
the disk structure on the pressure profile during gap opening into account. To do this,
one would need to recalculate the scale height profile during the hydrodynamical cal-
culation, such that the wall shape and scale height profile are always self-consistent.
However, such an approach is clearly beyond the scope of this paper. We leave it for
future work, but we do note that the temperature structure in the wall may contribute
to its roundness, and could play a role in other processes relevant to transitional disks
such as the accretion flow across the gap. Ideally, one would also take into account
the 3D structure of the wall, though this might take a considerable computational
e!ort due to the long integration times necessary to reach a steady state.

6.6 Conclusion

We have studied the gap shape in the disk of HD 100546. By comparing 2D radia-
tive transfer models to the mid-infrared interferometric data presented in Panić et al.
(2012), we find that:

• The disk wall at the far end of the gap is not vertical, but rounded o! over a
significant radial range. This shape can be explained by a gradual increase in
the surface density over a range of $10 to $25 AU, creating a broad peak in
the surface brightness profile around 12 AU that was also seen by Panić et al.
(2012).

• The inner dust disk is extremely small. We confirm the upper limit on its size
of 0.7 AU found by Panić et al. (2012), and using our 2D radiative transfer
model to constrain it even further, with no measurable contribution outside of
0.3 AU.

• The roundness or spatial extent of a disk wall can be inferred from spectrally
resolved visibilities beyond the first null.

By comparing these results to hydrodynamical simulations of planet-disk interac-
tions, we find that:

• The shape of the surface density profile in the disk wall of HD 100546 can be
explained by a massive planet ("30...80 MJup) in a viscous (! " 5 · 10"3) disk
between 8 and 10 AU.

• The roundness of a disk wall in hydrodynamical simulations depends on the
temperature structure in the disk wall.
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• The disk viscosity is a crucial parameter in estimating planet masses from a
derived surface density profile, acting against gap opening by the planet. For
a given depth, the gap-opening mass of a planet increases with the square root
of the disks viscosity.

• The e!ect of a single planet is not enough to explain the full width of the disk
gap in HD 100546. Either an additional clearing mechanism, or a multi-planet
system is required to explain its extent.

• The object perturbing the disk is most likely a brown dwarf, suggesting HD
100546 might be a binary system rather than a transitional disk object.
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Protoplanetaire schijven zijn een bijproduct van stervorming, en ook de kraamkamers
van planetenstelsels. We tre!en deze schijven aan rond jonge sterren in de directe
omgeving van de zon, en kunnen die in groot detail bestuderen met telescopen vanaf
de aarde en met satellieten vanuit de ruimte. In dit proefschrift heb ik me vooral
gericht op het koppelen van deze waarnemingen aan theoriën over planeetvorming
en andere fysische processen in protoplanetaire schijven. Daarbij maak ik gebruik
van computermodellen, voornamelijk van een zogenaamde stralingstransportcode. In
deze samenvatting zal ik in begrijpelijk Nederlands een korte introductie geven van
ster- en planeetvorming, de fysica van protoplanetaire schijven, de werking van een
stralingstransportcode en tenslotte de resultaten van vier jaar onderzoek samenvatten
die worden gepresenteerd in dit proefschrift.

Ster- en planeetvorming
De ruimte tussen de sterren is niet leeg, maar gevuld met een ijl gas. Sommige plaat-
sten bevatten meer van dit materiaal dan andere, en de plaatsen waar zich het meeste
van dit materiaal bevind noemen we moleculaire wolken. Sterren ontstaan wanneer
delen van deze wolken instorten onder hun eigen zwaartekracht. Een deel van dit in-
vallende materiaal zal direct op de zich vormende ster belanden. Echter, het materiaal
heeft een zekere hoeveelheid draaiing, ook wel impulsmoment genoemd. Doordat dit
impulsmoment is behouden, gaat dit materiaal steeds sneller om de ster draaien hoe
dichter het de ster nadert. Dit principe is vergelijkbaar met een kunstschaatser in
een pirouette die zijn/haar armen intrekt om steeds sneller om zijn/haar as te draaien.
Een deel van dit materiaal heeft zo veel impulsmoment dat het in een baan om de ster
beland, en zo een protoplanetaire schijf vormt om de ster heen (zie figuur A).

Deze schijf blijft typisch enkele miljoenen jaren bestaan, terwijl de sterren zelf
miljarden jaren oud kunnen worden. Een deel van het materiaal in de schijf zal als-
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Figuur A: Artistieke voorstelling van een protoplanetaire schijf. Te zien zijn de centrale ster, het gas en
stof dat er omheen draait, planetesimalen (kometen en asteroïden) en drie planeten: twee aardachtige
planeten dichtbij de ster en een gasreus op grotere afstand. c! David A. Hardy/www.astroart.org

nog op de ster vallen, zogenaamde accretie, een deel wordt uit het systeem geblazen
in een straalstroom of schijfwind, en een deel blijft achter in de vorm van planeten,
asteroïden en kometen. De precieze details van deze planeetvorming zijn nog niet
opgehelderd, maar duidelijk is wel dat deze voornamelijk plaatsvinden in protopla-
netaire schijven. Door deze schijven te bestuderen kunnen we dus meer leren over
het ontstaan van planeten.

Protoplanetaire schijven bestaan voornamelijk uit gasvormig materiaal, met een
paar procent vaste stof (silicaten, koolstof- en ijzerhoudend materiaal, waterijs,) door
astronomen simpelweg ‘stof’ genoemd. Dit stof zet ook de planeetvorming in gang
(zie figuur B): botsende stofdeeltjes plakken erg goed aan elkaar vast, en deeltjes
worden groter en groter naarmate ze botsen en samenklonteren. Microscopisch kleine
stofdeeltjes groeien binnen korte tijd uit tot millimeter of meter grote ‘aggregaten’.
Hoe deze aggregaten vervolgens verder groeien naar kilometer grote ‘planetesimalen’
(denk hierbij aan objecten ter grootte van asteroïden) is nog een raadsel. Mogelijk
speelt het turbulente gas een rol in het concentreren van grote hoeveelheden van deze
aggregaten om zo in een keer een planetesimaal te vormen. Deze kilometer grote
objecten trekken elkaar aan met behulp van de zwaartekracht, en groeien zo uitein-
delijk verder tot duizend kilometer grote protoplaneten. Deze protoplaneten kunnen
vervolgens grote hoeveelheden gas invangen om uit te groeien tot gasreuzen zoals
Jupiter, of langzaam doorgroeien om rotsachtige planeten zoals de aarde te vormen.
Een schematische voorstelling van dit hele proces is afgebeeld in figuur B.

174



Figuur B:De groei van stofdeeltjes tot planeten, weergegeven door een meetlat op logaritmische schaal.
Elk streepje stelt een factor tien in grootte voor. Het totale vormingsproces beslaat grofweg 13 ordes van
grootte in straal (1013, een 1 met 13 nullen, of 10 miljoen miljoen). Ter vergelijking, de groei van een
eicel (een tiende van een millimeter) tot een volwassen mens (iets meer dan een meter) beslaat ‘slechts’
vier ordes van grootte (een factor tienduizend). Aan de onderkant van de meetlat staan objecten die
we nu nog in het zonnestelsel aantre!en, en waarschijnlijk overblijfselen zijn van het planeetvormings-
proces. Van links naar rechts: een interplanetair stofdeeltje, een meteoriet, asteroïden, een aardachtige
planeet (de Aarde) en tenslotte uiterst rechts een gasreus (Jupiter). Boven de meetlat staat wat we kun-
nen waarnemen rond andere sterren dan de zon: het stof in protoplanetaire schijven, en exoplaneten.
Figuren boven de meetlat c! David A. Hardy/www.astroart.org

De fysica van protoplanetaire schijven
Protoplanetaire schijven bestaan dus uit stof en gas, die zich verschillend gedragen
en ook op verschillende manieren waar te nemen zijn. Het gas is grotendeels door-
zichtig, maar bevat spectrale emissie- en absorptielijnen die waar te nemen zijn met
een spectrograaf. Het bevat de bulk van de massa, en bepaalt voornamelijk de dy-
namica, de beweging van het materiaal in de schijf. Het stof is ondoorzichtig, en
absorbeert daardoor de meeste straling van de ster die op de schijf valt. Die warmt
daarbij op, en gaat zelf stralen, voornamelijk in het infrarood. Het stof bepaalt dus de
energiehuishouding van de schijf, en is daarom ook het makkelijkst waar te nemen.

De hoeveelheid energie die we op elke golflengte van de schijf (en ster) ontvan-
gen noemen de spectrale energieverdeling of SED1 (zie figuur C). De ster zelf straalt
voornamelijk zichtbaar licht uit, met een golflengte rond een halve micrometer (0.5
µm). De SED van de schijf is opgebouwd uit straling van verschillende golflengten,
afkomstig van verschillende delen van de schijf. Het stof dat zich het meest dicht bij

1Naar het Engelse Spectral Energy Distribution.
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Figuur C: Spectrale energieverdeling (SED, boven) en bijbehorend geometrisch model (onder) van
een protoplanetaire schijf. Op de verticale as staat de energie, op de horizontale as de golflengte in
micrometer. Door de SEDs van dit soort modellen met waarnemingen te vergelijken kunnen we de
schijfgeometrie achterhalen. Het oppervlak van de schijf, in lichtgrijs, is direct blootgesteld aan het
licht van de ster, en straalt in het nabij-infrarood (zie pijlen). Het materiaal in het midden van de schijf,
in donkergrijs, ontvangt slecht indirect licht en is daarom kouder, waardoor het op langere golflengte
straalt. Figuur afkomstig uit Dullemond et al. (2007).

de ster bevind is zo’n 1200 tot 1800 graden Celsius, en straalt in het nabij-infrarood
rond 2 tot 3 micrometer. Hoe verder van de ster af, hoe lager de temperatuur, hoe
langer de golflengte van de uitgezonden straling. Hoewel het oppervlak direct bloot-
gesteld is aan de straling van de ster, blijft het midden van de schijf hiervan afge-
schermd, en is dus kouder. De koudste delen van de schijf zijn zo’n 10 graden boven
het absolute nulpunt, en stralen op een golflengte rond de 300 micrometer. Deze
spectrale energieverdeling bevat daarmee informatie over de vorm van de schijf.

Hoewel we in de SED alleen het stof waarnemen, wordt de vorm van de schijf
bepaald door zowel stof als gas. Het gas is in hydrostatisch evenwicht: de zwaarte-
kracht van de ster probeert de schijf plat te drukken, maar de gasdruk voorkomt dit.
Dit geeft een uitwaaierende vorm voor de gasschijf (zie nogmaals figuur C), waarbij
elk punt op het oppervlak direct door de ster beschenen wordt. Het stof is echter niet
volledig gemixt met het gas. Hoe groter een stofkorreltje is, hoe minder het de gas-
druk voelt, en hoe verder het naar beneden kan dwarrelen. Hierdoor is de stofschijf
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Figuur D: Hydrodynamische simulatie van een Jupiter-achtige planeet in een protoplanetaire schijf.
De schijf (paars) is van boven af gezien, met de ster (niet afgebeeld) in het midden en de planeet
rechtsboven het midden. De planeet lanceert een spiraalarm naar binnen en naar buiten (geel) die een
ringvormig gat opent in de baan van de planeet (zwart). Figuur afkomstig uit Armitage & Rice (2005).

altijd platter dan de gasschijf, en bevinden grote deeltjes zich alleen in het middelste
vlak van de schijf, terwijl aan het oppervlak alleen kleine deeltjes voorkomen.

Deze kleine deeltjes aan het oppervlak van de schijf zijn herkenbaar aan hun
spectrale features2. Het meest in het oog springend zijn de tien en twintig micron
features (zie wederom figuur C), afkomstig van amorfe (niet kristalvormige) silicaten
kleiner dan een paar micrometer. De vorm, sterkte en plaats in het spectrum van deze
features worden niet alleen bepaald door de chemische samenstelling van het stof,
maar ook door de grootte, vorm en kristalstructuur. Bovendien is de sterkte van de
features op verschillende golflengten afhankelijk van de temperatuur, en dus van de
ruimtelijke verdeling van het stof in de schijf.

Een subgroep van de protoplanetaire schijven die recent in de belangstelling staat
zijn de transitieschijven. Dit zijn schijven die minder energie uitstralen op korte golf-
lengten dan normale protoplanetaire schijven, maar evenveel op langere golflengten.
Dit duidt erop dat dichtbij de ster materiaal ontbreekt, en dat de schijf van binnenuit
aan het verdwijnen is. Inderdaad worden er op ruimtelijk opgeloste waarnemingen
(“foto’s”) van dit soort schijven vaak enorme (ringvormige) gaten aangetro!en. Dit
alles duidt erop dat deze schijven een transitie ondergaan van een protoplanetaire

2Spectrale features zijn vergelijkbaar met emissielijnen, maar zijn veel breder en worden veroor-
zaakt door een vaste stof, in plaats van door een gas.
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Figuur E:De reis van een fotonenpakketje door de schijf. R is de afstand tot de schijf, z is de hoogte bo-
ven het middenvlak van de schijf, uitgedrukt in astronomische eenheden (AE). Het pakketje (rode lijn)
wordt uitgestraald door de ster, die zich bevind op (0,0). De schijf is weergegeven met een kleurcode-
ring, waarbij donkerdere kleuren corresponderen met hogere dichtheden. Het oppervlak van de schijf
wordt voorgesteld door de gestippelde lijn. Het pakketje wordt in de schijf net zolang geabsorbeerd,
opnieuw uitgezonden en van richting veranderd tot het de schijf verlaat.

schijf naar een planetenstelsel.
Verschillende theoriën zijn in omloop om deze transitieschijven te verklaren. De

belangrijkste twee gaan uit van foto-evaporatie en planeetvorming. In het eerste sce-
nario blaast een schijfwind, aangedreven door UV en röntgenstraling van de ster, de
binnendelen schoon. Een groot deel van de transitieschijven zijn op deze manier te
verklaren. Het resterende deel is beter te verklaren met behulp van vormende plane-
ten. Een planeet die groot genoeg is (denk hierbij aan het formaat van Jupiter) oefent
via zijn zwaartekracht een sterke wisselwerking op de schijf uit. Dit beïnvloed de
banen van het gas en stof in de schijf, en duwt dit materiaal als het ware weg. Hier-
door ontstaat een ringvormig gat: de planeet veegt als het ware zijn baan schoon (zie
figuur D). De waargenomen gaten in transitieschijven zijn echter vaak nog groter, en
waarschijnlijk zijn meerdere planeten of extra fysische mechanismen nodig om deze
schijven volledig te verklaren.

Stralingstransport
Niet alle hierboven omschreven schijfeigenschappen en fysische processen zijn di-
rect of uniek uit waarnemingen af te leiden. Daarom wordt vaak gebruik gemaakt
van zogenaamde stralingstransportcodes om meer informatie uit waarnemingen af
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te leiden. Een stralingstransportcode berekent de stoftemperatuur voor een bepaalde
schijfgeometrie, stofsoort en type ster. Hiermee kunnen synthetische SEDs en afbeel-
dingen van schijven gemaakt worden om met waarnemingen te vergelijken, en zo de
schijfeigenschappen te achterhalen.

De stralingstransportcode die in dit proefschrift gebruikt wordt is MCMax, ge-
schreven door dr. Michiel Min. MCMax is een zogenaamde Monte-Carlo code. Een
Monte-Carlo code voor stralingstransport deelt het sterlicht op in een aantal pakket-
jes, die vervolgens richting schijf gezonden worden. Ze worden in de schijf door het
stof geabsorbeerd, opnieuw uitgezonden en ook van richting veranderd, net zolang
tot ze de schijf weer verlaten en de temperatuur berekend is (figuur E). Hoe vaak en
waar deze interacties plaatsvinden word bepaald door willekeurige getallen, net zo-
als de uitkomsten in het casino – vandaar de naam Monte Carlo. Het sterke punt van
Monte-Carlo stralingstransportcodes is dat ze beter dan traditionele stralingstrans-
portcodes overweg kunnen met gebieden in de schijf waar de dichtheid erg hoog is,
en die veel rekentijd in beslag nemen.

Het sterke punt van MCMax is dat deze ook nog twee zogenaamde di!usiebe-
nadering voor gebieden met hoge stofdichtheid bevat. Hierdoor kan de temperatuur
overal nauwkeurig bepaald worden, zelfs in de delen van de schijf die normaal wei-
nig licht ontvangen. Dit maakt het mogelijk3 om ook de verticale structuur van het
gas te berekenen – die via de gasdruk immers afhankelijk is van de temperatuur –
en die van het stof – die weer afhangt van de verdeling van het gas, maar ook van
het neerdwarrelen van stof. MCMax bevat ook nog andere fysische processen zoals
stofverdamping, en is daarom meer dan alleen een stralingstransportcode.

Dit proefschrift
In dit proefschrift heb ik de stralingstransportcode MCMax gebruikt om de fysische
processen die plaatsvinden in protoplanetaire schijven te koppelen aan waarnemingen
van diezelfde schijven.

In hoofdstuk 2 onderzoeken we de geometrie van de transitieschijf LkCa 15.
Deze schijf bestaat uit een binnen en een buiten-deel, gescheiden door een wijd,
ringvormig gat dat vermoedelijk een of meerdere planeten bevat. De geometrie van
de binnenschijf bepaalt in grote mate ook de geometrie van de buitenschijf: is de
binnenschijf gedeeltelijk doorzichtig (optisch dun), dan wordt de buitenschijf volle-
dig verlicht door de ster. Is de binnenschijf geheel ondoorzichtig (optisch dik), dan
werpt deze een schaduw op de buitenschijf. In dat laatste geval moet de buitenschijf
dikker zijn om boven de schaduw uit te komen en waarneembaar te zijn. Door ons
tweedimensionaal stralingstransportmodel met de waargenomen spectrale energie-

3Onder de aanname dat de stof en gastemperatuur gelijk zijn.
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verdeling te vergelijken laten we zien dat beide scenario’s mogelijk zijn, maar dat het
binnendeel de vorm van een halo rond de ster moet hebben als het doorzichtig is.

In hoofdstuk 3 bepalen we de locatie en hoeveelheid stofkristallen in de protop-
lanetaire schijf HD 100546. Kristallen van het mineraal forsteriet hebben een serie
features in het infrarode deel van hun spectrum, die kunnen worden waargenomen
met ruimtetelescopen zoals Spitzer en Herschel. Het feature op een golflengte van
69 micrometer heeft de unieke eigenschap dat het vervormt als de temperatuur ver-
andert, en kan dus fungeren als een thermometer voor het stof. Eerdere modellen, die
uitgingen van optisch dun stof, hadden moeite de temperatuur van het stof op die ma-
nier te bepalen omdat de feature ook van vorm kan veranderen door het ijzergehalte
van het stof te variëren. Door gebruik te maken van tweedimensionaal stralingstrans-
port kunnen wij de temperatuur van het forsteriet, en dus ook de locatie in de schijf,
wel exact bepalen. Het blijkt dat deze kristallen niet gelijkmatig over de schijf ver-
deeld zijn, maar zich bevinden aan de rand van het gat in deze schijf, waar bijna de
helft van het stof in kristalvorm aanwezig is. Het lijkt daarom aannemelijk dat de
productie van deze kristallen verbonden is met dezelfde planeet die verantwoordelijk
is voor het ontstaan van het gat in deze schijf.

In hoofdstuk 4 bestuderen we de verticale verdeling van stofdeeltjes in de schijf.
Planeten worden gevormd in het middelste vlak van de schijf, en de beweging van
stofdeeltjes naar het midden van de schijf is een van de eerste stappen in het vormen
van een planeet. Stof dwarrelt langzaam naar het midden van de schijf toe, hoe groter
de deeltjes zijn hoe sneller. Ze worden daarbij tegengewerkt door de turbulentie van
het gas, dat het stof weer terugblaast naar het oppervlak. Hoe zwakker de turbulentie,
hoe verder het stof kan neerdalen, hoe dunner de stofschijf kan worden. De dikte van
de stofschijf is op zijn beurt af te leiden uit de waargenomen spectrale energieverde-
ling. Door de verticale verdeling van het stof te berekenen en te vergelijken met de
waargenomen spectrale energieverdeling, hebben we kunnen aantonen dat verschil-
lende typen sterren, elk met andere massa’s, even turbulente schijven hebben. Ook
blijken de eerste stappen van het planeetvormingsproces, het groeien en neerdwarre-
len van kleine stofdeeltjes, niet beïnvloed te worden door het type ster.

In hoofdstuk 5 onderzoeken we hoe verstrooid licht van protoplanetaire schijven
beïnvloed wordt door stofgrootte, en de rol van hoekafhankelijke verstrooiing daarin.
Een deel van het sterlicht dat de oppervlakte van de ster bereikt wordt niet geab-
sorbeerd maar verstrooid (van richting veranderd). De kleur en helderheid van dit
verstrooide licht bevatten belangrijke informatie over het stof in het oppervlak van
de schijf. Grote deeltjes zijn zeer voorwaarts verstrooiend, en kleine deeltjes zeer
isotroop (in alle richtingen evenveel). Als we de schijf onder een bepaalde hoek zien
ontvangen we daarom minder verstrooid licht van een groot dan van een klein deeltje.
Omdat dit e!ect ook nog golflengte-afhankelijk is, verandert ook nog de kleur van het
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verstrooide licht, dat roder wordt als deeltjes groter zijn. Wij hebben modellen met
verschillende stofgroottes vergeleken met nieuwe en oude waarnemingen van HD
100546, gedaan met de Hubble ruimtetelescoop. De rode kleur en lichtzwakheid van
deze afbeeldingen zijn te verklaren met deeltjes die groter zijn dan 2.5 micrometer,
meer dan tien keer zo groot als eerder is geschat. Door van deze deeltjes de verticale
structuur te bereken, net zoals in hoofdstuk 4, laten we zien dat dit waarschijnlijk
geen compacte deeltjes zijn, maar luchtige aggregaten die niet snel naar het midden
van de schijf kunnen dwarrelen. We speculeren ook dat de lichtzwakheid van al het
stof dat we in verstrooid licht rond sterren waarnemen verklaard kan worden door
voorwaartse verstrooiing op dit soort grote stof-aggregaten.

In hoofdstuk 6 onderzoeken we de interactie tussen een protoplanetaire schijf
en een planeet die zich daarin bevind. De zwaartekracht van de planeet beïnvloed
de omloopbanen van stof en gas rond de ster, en veroorzaakt een ringvormig gat in
de schijf. Hydrodynamische modellen laten zien dat de buitenrand van dit gat niet
messcherp is, maar iets afgerond. De exacte vorm hangt af van de massa van de
planeet, en de turbulentie van het gas in de schijf. Door stralingstransportmodellen
te vergelijken met infrarode interferometrische waarnemingen, gedaan met de Very
Large Telescope in Chili, kunnen we de vorm van de rand bepalen. Voor de ster HD
100546 blijkt deze rand extreem rond te zijn, wat duidt op een hoge planeetmassa en
sterke turbulentie van het gas. De planeet is zelfs zo zwaar dat we vermoeden dat het
om een bruine dwerg gaat, een ster die te licht is om kernfusie te ondergaan.
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Embrace me
For one last time take me there
Something’s out there
And it won’t lead me astray

– Soilwork, Spectrum of Infinity
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