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Introduction

1.1 Neutron stars

Neutron stars (NSs) are born in the aftermath of the core collapse supernova
of a progenitor with 8M⊙ . M . 30M⊙ (although higher masses have been
suggested, see Smartt, 2009), or from collapsing white dwarves. Despite the
fact that our understanding has being continuously increasing, neutron stars
excite so much interest because many questions concerning the details of their
origin and structure are still open at present time. There is a long-standing
debate over the process and different stages of the collapse (Janka et al., 2007).
When it comes down to what is left, i.e. the neutron star itself, the mystery
is even deeper. What is the structure of NSs? What are they made of? And
how can we best study them?

The generally accepted picture (see e.g. Shapiro & Teukolsky, 1986; Haensel
et al., 2007) is that neutron stars are compact objects of mass M ∼ 1.4 M⊙

and radius R ∼ 10 km, the high M/R ratio being what makes them compact.
Such high compactness also makes them general relativistic objects. Space-
time is highly curved around them and effects such as gravitational redshift,
beaming and light bending are all expected to affect the radiation field around
the star. Another important aspect, maybe the most important, is the high
densities expected inside these stars, far exceeding neutron drip. This is the
density at which it is equally favourable for the neutrons to be outside the
nuclei or inside. At higher densities, the behaviour of matter is not yet well
understood.
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1 Introduction

Figure 1.1: Neutron star internal structure. Notice the main division into
core and crust and the difference in radial extension. The proper internal
structure is calculated combining the Tolman-Oppenheimer-Volkoff equations
with a suitable equation of state (see text).

The outermost layers of a NS (few cm to ∼ 100 m) are variously called
the atmosphere or the ocean. They are where the final emergent spectrum
of the NS is formed and there the electrons and nuclei can be found in a
fluid state. The distinction between atmosphere and ocean is made where the
nuclei become a Coulomb liquid. Further in, the surface becomes solid and
the internal structure of NSs is divided into outer and inner crust (∼ 1 − 2
km) and outer and inner core (∼ 9 − 12 km). The simple schematic internal
structure is depicted in Figure 1.1.

The behaviour of matter is usually summarized in the equation of state

(EOS), the relation between pressure, energy and the other thermodynami-
cal variables, which takes into account the microphysics of the dense matter.
This depends on the composition of the matter: particles other than elec-
trons, muons, protons and neutrons might begin to appear, with possible
phase changes to condensates or quark matter (see Lattimer & Prakash, 2007
or Haensel et al., 2007 for reviews). Understanding the EOS means under-
standing the physics of matter at very high density, and NSs can be used as
probes to explore these still unknown regimes.

Combining the EOS with the relativistic equations of stellar structure
(the Tolman-Oppenheimer-Volkoff equations, Tolman, 1939; Oppenheimer &
Volkoff, 1939) we can build various models of NSs, for example calculating
sequences of stable configurations to predict the relation between mass and
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1.1 Neutron stars

radius1. In consequence, we can obtain strong constraints on the nature of the
EOS by measuring mass and radius of NSs.

In general, the outer crust is thought to be made of a lattice of ions and
(increasingly) relativistic, degenerate electrons. Where the density reaches the
threshold of neutron drip (ρdrip ≈ 4.3 × 1011 g cm−3), there begins the inner

crust. At these high densities the Fermi energy of the electrons is so high,
that electrons start being captured onto nuclei, while β decay is prohibited.
Therefore in the inner crust the lattice is thought to be made of neutron-rich
nuclei, surrounded by free electrons and neutrons, the latter being most likely
superfluid. As density increases, the nuclei are increasingly squeezed and the
dimensionality of the lattice can evolve, passing from a lattice of nuclei with
voids, to a lattice of voids with nuclei: the so called “pasta” phases. The
beginning of the core is defined as the radius where nuclei finally disappear
(at ρ0 ≈ 2.8 × 1014 g cm−3, the nuclear density) and the outer–inner core

interface is set around ρ ≈ 2ρ0, but the composition of the core itself is where
the different nuclear physics theories about dense matter diverge, and divi-
sions between inner and outer core are somewhat arbitrary. Superfluidity and
superconductivity are also predicted to be in existence in the core.

Concerning NS evolution, three aspects are very key: their magnetic

fields, their rotation rates and accretion. Accretion will be discussed in
more detail from Section 1.3; here we will talk about the former. NSs are
supposed to inherit their magnetic field during the collapse. The field of the
progenitor may be enhanced by simple compression, and the supernova may
also lead to the growth of new components via dynamo processes (Spruit, 2008,
and references therein). Most measured NS magnetic fields lie in the range
1011 − 1013 G, but there are cases up to ∼ 1015 G. One big mystery is the
fact that accreting NSs in binary systems (see Section 1.3) can have very low
magnetic fields: 108 − 1010 G. The effect of magnetic fields on accreting NSs
will be discussed further when addressing NSs in binary systems and accretion
powered pulsars in Section 1.3.

Closely tied to magnetic field evolution is the spin rate. NSs are observed
to be spinning up to 716 Hz (Hessels et al., 2006; Chakrabarty, 2008, and
references therein). Rotation can interact with the magnetic field in different
ways: for instance, isolated NSs are supposed to radiate and at the same time
slow down via the pulsar mechanism, while accreting NSs may be spun up by
the angular momentum of the accreted matter (see Section 1.3). This explains,
in the recycling scenario (Alpar et al., 1982; Radhakrishnan & Srinivasan,

1If the objects are spinning, the effects of rotation on gravity must also be taken into
account.
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1 Introduction

1982), the existence of old, but still rapidly rotating, NSs. Rotation rate and
magnetic field strength also set limits on accretion itself (Section 1.3). The
most rapid spin rates observed will have major effects on the structure of the
star, reducing the effective gravity at the equator. An interesting question is
how close NSs get to the mass shedding limit (∼ 1 − 2 kHz). Given a mass
and an EOS, this is the spin at which the velocity of matter at the equator
equals the Keplerian velocity set by gravity: above it matter is not bound to
the star anymore and would be shed. Fast rotation is, as we will discuss in
Section 1.5, critical to burst oscillations.

1.2 Measuring neutron star parameters

The problem with NSs is that they are mainly dead stars (unless they are
revived by accretion, see Section 1.3), and after ∼ 106 yr their temperature
should drop below ∼ 105 K, rendering their thermal emission barely detectable
(Haensel et al., 2007). Optical observations of such objects are therefore diffi-
cult. Fortunately there are many more possibilities, of which the following is
by no means an exhaustive list (for a general discussion see e.g. Lattimer &
Prakash, 2007).

One of the most commonly-pursued approaches is the direct measure-

ment of mass and radius of the stars, to be compared with stellar structure
predictions. This approach has proved optimal for white dwarves and the ex-
tension to NSs is natural. The best sources for mass measurements are neutron
stars in binary systems: Kepler’s third law or its relativistic equivalents allow
us to measure, in some cases, the mass of the stars. If the NS is a radio pul-
sar2, high timing precision allows for very accurate measurements of spin and
orbital parameters. The famous Hulse-Taylor system (Hulse & Taylor, 1975)
with two NS, one of which is a pulsar, has yielded the very precise masses
of 1.3867 and 1.4414 M⊙ for the two objects (Weisberg & Taylor, 2005). In
addition there is the recent result of Demorest et al. (2010), who measured
a 1.97 M⊙ NS (the highest ever measured precisely, imposing serious con-
straints on the EOS!). Measuring radius via radio pulsar timing, however, is
more challenging.

Radio pulsar glitches are another means of probing the composition of
NSs. Glitches, sudden jumps in the spin frequency, are thought to be linked

2Radio pulsars are thought to be NSs emitting a very beamed beacon in radio frequencies.
Needless to say, the emission mechanism for the radiation is not well understood, but it
should involve the conversion into radiation of the (rotational) kinetic energy of the star, the
process being mediated by the magnetic dipolar field.
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1.2 Measuring neutron star parameters

to the presence of a superfluid component (as suggested by Anderson & Itoh,
1975 and Alpar, 1977) or to the properties of the crust (as suggested by Ru-
derman, 1976): again comparison of prediction to observations can shed light
on uncertainties in composition. Also, recent observations of the cooling trend
in the young NS Cas A has enabled the detection of what is thought to be
the transition to neutron superfluidity (Heinke & Ho, 2010; Page et al., 2011;
Shternin et al., 2011). Other attempts to explore directly the internal struc-
ture of NSs include the observation of crust cooling curves. Emission from
the atmosphere is modelled in order to obtain the surface temperature of the
star, and this is followed as a function of time. This can be compared to
the theoretical predictions which depend on neutrino emission from internal
processes, and the conductivity of the crust. These in turn depend on the com-
position and EOS (see Rutledge et al., 2002; Brown & Cumming, 2009, for a
theoretical discussion, and Wijnands et al., 2012 for observational references).
If the distance is known, it may even be possible to infer the radius of the star.
Another technique under investigation is asteroseismology. This is a fairly
new approach in NSs and is still at its very early stages. However, in princi-
ple, analyzing different frequencies found during the bursts of magnetars (NSs
with magnetic fields above ∼ 1014 G, Watts, 2011), or the signals encoded in
gravitational waves, one can reconstruct the density profiles of the interior of
the star, as is done for normal stars. Depending mode identification, it may
be possible to measure both mass and radius (see Kokkotas & Schmidt, 1999
for a review of NS oscillatory modes). Eventually information about the EOS
may also come in the shape of gravitational waves during NS–NS mergers
(see Faber & Rasio, 2012).

This thesis focuses in particular on accreting neutron stars, and some tech-
niques are specific to such systems (see Bhattacharyya, 2010, for a review).
Measurement of redshifted lines from the inner regions of the accretion disc
(Bhattacharyya, 2011), or even from the bursting surface (see later), may be
used to put constraints on the M/R ratio. Later in this thesis we will explore
the use of pulse profile fitting and the analysis of Type I X-ray bursts

and burst oscillations. While the previous list was meant to provide a mo-
tivation for, and an idea of, the enormous and diverse efforts dedicated to
collecting information about such stars, these three latter techniques will be
described at the end of each of the following sections, since we want to provide
more detailed descriptions of the systems and the physics they involve.
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1 Introduction

1.3 (Low mass) X–ray binaries

X–ray binaries are, as the name implies, binary systems that are visible in
X–rays. They are thought to be systems where at least one of the star is a
neutron star or a black hole (see Tauris & van den Heuvel, 2006 for a review).
We will be interested only in the ones hosting NSs, even if the classification
according to the mass of the companion is general. In these systems, the
NSs are brought back to life by the presence of a companion from which they
are accreting material. These systems are classified according to the mass
of the companion. In low mass systems the companion has Mc < 1 M⊙, in
the high mass ones Mc > 10 M⊙ and in intermediate mass X–ray binaries
1 M⊙ < Mc < 10 M⊙.

High mass X–ray binaries are characterized by a massive O or B com-
panion that will evolve over a timescale of ∼ 107 yr. In these systems it is
actually the NS that orbits the normal star and accretion is mainly due to the
strong wind of the companion or, in the case of a Be star, by the fact that the
NS crosses the disc around the massive star.

Intermediate mass systems are rare, since accretion via Roche Lobe
overflow is unstable and would lead to a very quick (∼ 103 yr) evolution of
the system, while in the case of wind accretion, mass transfer is very low and
the system would be very dim and hardly detectable (van den Heuvel, 1975).

Low mass X-ray binaries are the systems with which this thesis is con-
cerned. Accretion occurs via stable Roche Lobe overflow from a very light
companion. Their lifetime can be as long as 1010 yr. The NS have magnetic
fields usually estimated to be around 108−1010 G, some show X-ray pulsations
and some show Type I X–ray bursts (high mass X–ray binaries have never, to
our present knowledge, shown Type I bursts).

Once matter from the companion becomes gravitationally bound to the
NS, conservation of angular momentum leads to the formation of a ring. Then
some viscosity mechanism3 starts smearing the ring: angular momentum is
mainly transported outwards, while matter goes both outwards and inwards
towards the NS. This leads to the creation of a disc and eventually to accretion
onto the compact object (for a classical treatment of accretion discs see
Frank et al., 2002).

The process of accretion can release in the disc up to half the gravitational
potential energy of the matter GM/Ri, where G is the universal constant of
gravitation, M the mass of the NS and Ri the internal radius of the disc.

3The mechanism responsible for the angular momentum transport is not yet well under-
stood.
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1.3 (Low mass) X–ray binaries

The inner regions of the disc can heat up to a temperature of ∼ 107 K, thus
explaining the emission in the X-ray band, and the gravitational energy release
can be up to 1038 erg s−1.

However, even more is still left to be released: indeed, much more of the
potential energy can be emitted during the final stages of accretion onto the
stellar surface, and there the matter can also burn via nuclear processes similar
to those active in stellar interiors or in similar systems like accreting white
dwarves. There are two ways in which matter eventually reaches the NS from
the disc. It may pass directly from the disc’s innermost surface onto the NS via
some kind of boundary layer (see for example Inogamov & Sunyaev, 1999) or,
if the magnetic field is strong enough, it may be channelled onto the magnetic
polar caps (see e.g. Ghosh & Lamb, 1979, Ghosh, 2007).

If accretion is channelled, this will lead to the presence of a hot-spot (∼
107 K) at the magnetic pole: matter is abruptly decelerated from the free
fall velocity by the impact with the surface, and a shock ensues where the
temperature is very high. In principle this emission should be detectable
as a modulation of the X–rays and should track the spin frequency of the
NS, leading to an accretion powered X–ray pulsar. In 15 low mass X–
ray binaries such pulsations have indeed been detected. This has been used,
reversing the line of reasoning, to prove the existence of a strong enough
magnetic field to cause channeling and to put constraints on the magnetic
field strength.

Two important radii are involved in the determination of the constraints
on the magnetic field (Frank et al., 2002). The first is the radius at which
the Keplerian rotation rate of the disc is the same as the NS spin, i.e. the
corotation radius (modified by radiation pressure as in Andersson et al., 2005):

rco = 3.6 × 102 km A2/3 M
1/3
1.4 ν

−2/3
10

where ν10 is the spin frequency of the star in units of 10 Hz, M1.4 the mass of
the star in units of 1.4 M⊙, A = (1− Ṁ/ṀEdd)1/2 and ṀEdd is the Eddington
mass accretion rate4.

The second radius is where the magnetic pressure is equal to the pressure
inside the disc: the magnetospheric radius, inside which the magnetic field

4The Eddington luminosity is the luminosity at which the net force exerted by radiation
on the accreting particles equals gravity. Above it, radiation is actually pushing matter away

from the star. LEdd ≈ 4πGMmpc/σ, where σ is the cross section, usually the Thompson
cross section for electron scattering and mp is the mass of the proton. The equivalent
Eddington mass accretion rate can be derived assuming LEdd ≈ ηṀEddc2, where η is the
efficiency of energy conversion (η ∼ 0.01 − 0.1) (Frank et al., 2002).
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will start dominating the dynamics of matter, (Bildsten et al., 1997, again
modified by radiation pressure as in Andersson et al., 2005):

rm = 23.5 km ξ A−2/7 Ṁ
−2/7
−10 M

−1/7
1.4 R

12/7
10 B

4/7
8

where Ṁ−10 is the average accretion rate in units of 10−10 M⊙ yr−1, R10

the stellar radius in units of 10 km, B8 the value of the field at magnetic
poles on the NS in units of 108 G and ξ a parameter which incorporates our
uncertainties in calculating the magnetic torque and the effects of possible
instabilities at the disc-edge magnetic-field interface.

One can constrain the strength of the magnetic field based on the require-
ment that accretion be channelled (see Psaltis & Chakrabarty, 1999). Two
conditions must be met: that the magnetospheric radius be outside the star,
otherwise the accretion would happen via a boundary layer, and that the same
radius be smaller than the corotation radius to avoid the propeller state (a
condition at which the actual angular momentum transfer would go from the
star to the matter, which may then be expelled from the system). Setting the
radius of the star to the standard value of 10 km, the mass to 1.4 M⊙ and
knowing the frequency ν from detected pulsations leads to constraints on the
strength of the magnetic field. This approach is behind the field strengths
derived in Section 3.5 of Chapter 3.

Accretion-powered pulsations can be used to constrain the EOS using the
technique of pulse profile fitting. The light curve of a pulsar can be thought
of as being made up of two components: the constant contribution of the
star and the disc, and the modulated contribution of the hot-spot. Once the
constant contribution has been subtracted, what is left is the pulse profile,
which can be decomposed into harmonics

f(t) = A0 +
∞
∑

l=1

Al cos [2πlνt− ϕk]

of the fundamental frequency ν.
The pulse profile encodes information about the star. Its shape depends

on the position, shape and number of the spot(s) and on the position of the
observer. Bigger spots, closer to the line of sight of the observer, for example,
tend to produce flatter profiles, since they are visible for longer, while more
than one spot would lead to a higher fundamental frequency. Relativistic

effects and the strong gravitational field around the star contribute to
shaping the pulses as well: relativistic beaming of the surface emission makes
them sharper and changes their phase, but at the same time light bending

8



1.4 Type I X–ray bursts

induced by the NS gravitational field makes them broader. Since the gravita-
tional effects are intimately linked to the compactness M/R, we can go as far
as to say that the EOS, too, plays a role in shaping the pulse profile. Harmonic
content and their relative amplitudes encode all this information.

The idea of using pulse profile fitting to model the EOS dates back to 1983,
with the work of Pechenick et al.. Since then, many authors have addressed
the problem, applying refinements and devising useful approximations to speed
up the process of generating synthetic profiles (Strohmayer, 1992; Weinberg
et al., 2001; Beloborodov, 2002; Cadeau et al., 2007; Lamb et al., 2009). We
exploit and discuss in more detail this aspect of accretion powered pulsars in
Chapter 2. As we will see in Section 1.5, accretion powered X-ray pulsations
have also proved very important in the understanding of burst oscillations.

1.4 Type I X–ray bursts

Once matter reaches the NS, it begins spreading over the surface and piling
up, layer after layer. As we have hinted previously, matter accumulated and
compressed in this way will begin to burn via nuclear fusion. Depending
on the conditions of such burning, the magnificent Type I bursts may be
observed. These are a widespread phenomenon. They are seen in more than
ninety sources (see http://www.sron.nl/∼jeanz/bursterlist.html for an up-to-
date catalogue with references), all of which are, as we said, low mass X–ray
binaries.

Observationally, X-ray bursts manifest as a bright peak of emission on top
of the persistent emission powered by accretion: some examples are shown in
Figure 1.2. Type I bursts are generally characterized by a sharp increase in
luminosity (called the rise), which lasts 1 − 10 s, followed by the peak and
a slow decrease (the tail), which can last from ∼ 10s of seconds to 100s of
seconds.

First reported in 1976 independently by Grindlay et al. and Belian et al.,
Type I bursts are powered by thermonuclear runaways which take place in the
ocean, where the accreted fuel, mainly H and He, burns unstably through
nuclear reactions5 (see Lewin et al., 1993 and Strohmayer & Bildsten, 2006
for reviews). The ratio of the mean energy emitted during the bursts to the
mean energy emitted in an equal time interval during the persistent luminosity
(e.g. before and after them), the so called α-value, turns out to be ∼ 10−2,
which is very close to the ratio between the reaction yield (5 MeV) and the

5Type II X–ray bursts look similar to Type I bursts, but they are thought to be triggered
by accretion instabilities.
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Figure 1.2: A collection of burst examples from Galloway et al. (2008).

gravitational energy release (200 MeV), thus supporting the nuclear origin for
the bursts. Moreover, spectral black body fits (Swank et al., 1977, Hoffman
et al., 1977) demonstrate an initial increase of temperature and emitting area,
followed by a cooling during the tail: all these details confirm the burning
picture and actually indicate some propagation of the flame.

The fact that the burning is not stable is what really makes Type I bursts
so bright. In fact, the energy release from nuclear reaction per unit mass is
much smaller then the potential gravitational energy, but when the burning
is unstable it proceeds very rapidly, and all of the available energy is released
in a short time, rendering the bursts clearly detectable. The conditions for

unstable burning turn out to depend mainly on the balance between the
heating from the reaction energy and the cooling of the fluid (as first showed
by Fujimoto et al., 1981).

Considering the rate of energy per unit mass, for example for He burning
via the triple-α reaction:

Qn = 5.3 × 1018ρ2
5

(

Y

T9

)3

e−4.4/T9 erg g−1 s−1,
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1.4 Type I X–ray bursts

where Y is the He mass fraction, ρ5 is the density in units of 105 g cm−3 and
T9 the temperature in units of 109 K, and the cooling rate approximated by

Qcool =
4σBT

4

3κcρ2H2

where H is the scale height and κc the opacity, we can construct the dif-
ference ∆Q = Qn − Qcool. That is the net energy production rate per unit
mass. Where ∆Q > 0 the burning is necessarily unstable, since the cooling
is not compensating for the heating, and the temperature keeps increasing,
enhancing even more the strongly temperature dependent reaction rate.

Setting ∆Q = 0 identifies the equilibria where the burning does not in-
crease the temperature. The sign of its derivative with respect to temperature
defines whether an equilibrium point in the phase space of temperature and
density is stable (negative sign) or unstable (positive sign) against small per-
turbations in temperature. The actual depth in the NS atmosphere where the
burning will take place is set by the (local) accretion rate ṁ, which determines
the density and temperature profiles of the accreted fuel: to achieve steady
states, the accretion rate should be equal to the rate of consumption of the
fuel. In conclusion: the position of the equilibria, their nature and the (local)
accretion rate can be used to identify burning regimes, and the possibility
of unstable flashes in the accreted ocean of NSs.

We can illustrate this using estimates taken from Bildsten (2000). Note
that these are model-dependent, and that observations indicate stable burning
occurring from much lower accretion rates (Cornelisse et al., 2003). Comput-
ing stability boundaries as described above, we see that for 88% ṁEdd < ṁ
all burning is stable. When 3% ṁEdd < ṁ < 88% ṁEdd He will ignite un-
stably in a H rich environment (since H will be burning stably), leading to
long tail bursts because of the rp-processes that keep consuming the H. For
0.6% ṁEdd < ṁ < 3% ṁEdd, H will burn stably and fully, leaving behind only
He, which will burst into a pure He flash. Finally, in the case ṁ < 0.6% ṁEdd,
H itself will burn unstably. This may trigger a He flash. Alternatively, a large
amount of He may build up, which could explain the intermediate dura-

tion bursts recently observed which are thought to consume a thick layer of
matter (Peng et al., 2007; Cooper & Narayan, 2007b). A final kind of Type
I bursts are the superbursts (see Strohmayer & Bildsten, 2006). These last
for several hours and have a recurrence time of years (unlike the other bursts,
which can recur within minutes) and are thought to be due to C burning at
deeper layers, in the ashes left by previous bursts.

One final important piece of phenomenology related to bursts is the sub-
class of photospheric radius expansion (PRE) bursts (see Strohmayer &
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Bildsten, 2006). They look like normal bursts, except for the fact that at
the peak the emission seems to drop, increasing again at a later time. The
explanation is as brilliant as it is simple: these bursts reach the Eddington
luminosity LEdd ∼ 1038 erg s−1 for the NS and lift up the atmosphere. The gas
temperature decreases because of the expansion and the (blackbody) emission
drops out of the X-ray detector band. Subsequently, the luminosity decreases
and the atmosphere falls back, compressing and therefore heating. The spec-
trum comes back into the X-ray band and the burst reappears in the detector.
A bolometric fit does not show the double-peaked structure, thus confirming
this hypothesis (see Galloway et al., 2008 and references therein) which is now
accepted without reserve.

Despite the great efforts invested in Type I burst theory, there are still
many uncertainties. For example, doubts are present as to how to model the
atmospheric reprocessing of the radiation from the surface. In addition, we do
not know some details of the reaction chains, especially some cross-sections,
and therefore the products of reaction and the fluences and peak emissions of
the different bursts. When modelling a single burst, detailed studies in nuclear
reaction physics are therefore needed, whilst differential segregation of heavier
elements and the effects of continued accretion can be ignored because the
time scales are too long compared to the burst duration itself. However, the
latter may be important when considering a longer series of bursts, especially
for their recurrence time and the type of bursts that occur.

Another big question pertaining to Type I bursts is where ignition takes
place. This has to be addressed primarily by accretion theories, analyzing
the way matter spreads and its final temperature and density profiles. It is
unlikely that all the surface would ignite at the same moment (Shara, 1982),
so the common opinion is that the burst should start at definite sites.

We also do not yet have a detailed understanding of how the flame spreads
across the surface (and to what extent). How much of the surface burns might
affect, for example, the recurrence time of bursts and also the estimates of
the peak flux. This is important for the conclusions that are drawn from
observations (such as the emitting area, which is then related to the radius
of the star). Bursts have also been observed which show double peaks: if
the flame stalls during its propagation, that could explain the double peaks
(Bhattacharyya & Strohmayer, 2006). Another question regards the flame
propagation speed: how much is it? What sets its value? What is actually

driving the propagation of the flame? Is it conduction, or some turbulent
or chaotic motion at the burnt–unburnt fuel interface, and does the Coriolis
force play an important role? (Fryxell & Woosley, 1982b; Bildsten, 1995;
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1.4 Type I X–ray bursts

Spitkovsky et al., 2002). If any kind of advection mechanism operates at
the flame front, this may have effects on the mixing of the species produced
during the burning with the upper layers, with observational consequences
(like spectroscopic lines, see Weinberg et al., 2006) that future missions might
detect. And finally, can flame propagation excite waves in the ocean beneath
the burning layer? That is one explanation proposed for burst oscillations
(see next section). The role of magnetic fields in flame spread, another key
question, has only been subject to very cursory study.

Given the complexity of the task, researchers must employ numerical codes.
Different groups have studied the vertical structure of the atmosphere with
one, two or multizone methods (Paczynski, 1983; Narayan & Heyl, 2003;
Woosley et al., 2004; Weinberg et al., 2006; Cooper & Narayan, 2006; Malone
et al., 2011) or tried to approach horizontal propagation (Fryxell & Woosley,
1982a; Zingale et al., 2001; Spitkovsky et al., 2002; Simonenko et al., 2012a,b).
All these attempts have had to resort to simplifications, or to limit the sim-
ulations to the very first microseconds of the bursts due to wall-clock time
limitations (highly resolved simulations can take months to run). In Chapter

4 we describe a new code we have developed to simulate burst flame prop-
agation which resolves both the vertical and the horizontal directions (even
though the aspect ratio of the grid cells is strongly elongated in the horizon-
tal direction), and does not suffer from great limitations on the timestep. In
Chapter 5 we report our first results.

Research into Type I bursts is so active not only because they pose a
challenging mystery by themselves, but also because they provide an invaluable
window on NS properties. First of all, they are a good indicator of the fact
that the compact object in the system must be a NS and not a black hole,
since the latter does not have a solid surface on which the burst could take
place: they have been used to definitively rule out black hole candidates.

In addition, spectral fitting can return as a by-product the radius of the
emitting area. This can be related directly to the radius of the NS. Spectral
fitting is complicated by the need for a good model for the atmospheric radia-
tive transfer, which is synthesized in the color correction, f . It is defined
as the ratio between the real temperature of the atmosphere and the one that
is inferred by the fitting, the latter being different due to the fact that the
spectrum is shifted by the reprocessing in the atmosphere (see Suleimanov &
Poutanen, 2006; Özel et al., 2009; Steiner et al., 2010). If we were also able
to detect and identify spectral lines, the gravitational redshift of the star,
related to M/R, could also be measured. At present, only lines from the disc
have been detected, but future missions may be sensitive enough to detect
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atmospheric lines. PRE bursts bring additional information. If the distance
to the system is known (for example if the binary is in a globular cluster), then
the flux can be estimated and the value related to the gravity of the NS and
this in turn to M/R (Damen et al., 1990). The touchdown radius, when the
temperature reaches its maximum, should also, in principle, give the stellar
radius.

1.5 Burst oscillations

Although it may seem that we have now mentioned every possible facet of Type
I bursts, they still have something additional to tell us. In 1996, detailed
Fourier analysis of the lightcurves of 4U 1728–34 revealed the presence of
intensity fluctuations well above the Poisson noise level (Strohmayer et al.,
1996). We now call those modulations burst oscillations (BOs) and they have
attracted as much attention as the bursts themselves.

That the frequency of the BOs could be interpreted as the spin of the
NS was suggested in the original discovery paper. Strohmayer et al. ascer-
tained that the measured frequency of 363 Hz, which was in agreement with
predictions for spin rates for accreting NSs, was also constant across various
bursts and highly coherent during the tail: all these facts pointed towards a
very stable mechanisms behind the BOs such as the rotation of the star (see
Strohmayer et al., 1996). Later, in 1998, Wijnands & van der Klis discovered
the first accretion powered X–ray pulsar: SAX J1808.4–3658. The same source
became the first X–ray pulsar to show BOs (Chakrabarty et al., 2003). Since
then, 7 more cases have been found where we both know the spin frequency of
the neutron star (from accretion powered pulsations) and detect BOs. Direct
comparisons of the frequencies of the persistent oscillations to BOs show that
BOs track the spin frequency of the NS very closely indeed, thus confirming
the original idea of Strohmayer et al.

As always when NS are involved, the actual phenomenology is not simple.
The degree to which BOs follow the spin frequency of the NSs can be very
different from case to case: see some examples in Figure 1.3. In some cases,
mainly persistent6X–ray pulsars, where the magnetic field probably plays
an important role, BOs have almost constant frequency during the tail
(see case b in Figure 1.3 and Chapter 3). A subclass of these show a fast

chirp in the rise before adjusting to the asymptotic value (case a). Finally, in
intermittent pulsars and non pulsars, where the magnetic field probably

6“Persistent” means that accretion powered pulsations are detected almost always when
the source is in outburst. “Intermittent” means that the detection is rare.
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1.5 Burst oscillations

Figure 1.3: Some of the different phenomenology of burst oscillations. Image
from Watts (2012). The green lines are the lightcurves of the bursts, whose
scale is on the right of each panel. The blue superimposed contours are the
projection of the dynamical Fourier power spectra of the lightcurve as a func-
tion of time and frequency: their frequency scale is on the left side of each
panel. The horizontal dashed lines indicate the spin frequency of the star when
it is known from accretion powered pulsations.

plays a much lesser role, BOs are not always present during the rise of the
bursts, showing an asymptotically increasing frequency in the tail, the
limit of which is within few Hertz of the spin frequency (cases c - f).

Some kind of asymmetry must lie behind BOs, but what causes such an
asymmetry? And why does this asymmetry have such different behaviour in
different sources? Strohmayer et al. (1996) proposed that a hot-spot could
be responsible for the asymmetry, and that the motion of the burning front
could explain the change in frequency, but how to confine the hot-spot is not
clear (but see Chapter 3). Spitkovsky et al. (2002) realized that in many
systems the Coriolis force might provide the necessary confinement. They
envisaged expanding thermonuclear hurricanes, which could explain the pres-
ence of BOs in the rise of Type I bursts. They also proposed some tentative
ideas for a similar effect in the tail. Finally, Heyl (2004) explored the possi-
bility that the propagating flame could excite global oscillatory modes in
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the ocean. Such oscillations would compress and decompress the fluid. If the
consequent change in temperature is high enough, modes could explain the
asymmetry in the tail. The motion of the wave pattern on the star, whose ve-
locity should depend also on the gravity, would explain the difference between
the frequency of the BOs and the spin. The change in the pattern speed,
due to the overall cooling during the tail, would justify the frequency drift
of the BOs. Although very promising, mode predictions show discrepancies
with observations: in particular, the predicted drifts of the BO frequencies are
too big (Heyl, 2004). Many corrections and objections have been proposed
ever since. Piro & Bildsten (2005, 2006) proposed that coupling of the ocean
waves with the crust might explain smaller and stable differences between the
two frequencies, however Berkhout & Levin (2008) showed that the coupling
would not be a viable mechanism. Magnetic fields may also have an effect on
mode structure (Heng & Spitkovsky, 2009).

In order for us to understand properly how to relate the frequency of BOs
to the spin, we require precise modelling of the burst flame propagation. This
thesis aims to give a basis for such modelling. It may also be possible to use
BOs to put constraints on the EOS. Fitting their pulse profiles could be used
to derive information for example on the compactness M/R of the star, in the
same way as for accretion powered pulsations (see e.g. Nath et al., 2002 and
Chapter 2). If the mode model proves correct, with possible amendments,
then an estimate of gravity, and therefore of M/R again, could be derived
from the measured differences between the spin and the BO frequency.

1.6 This thesis

The chapters of this thesis are based on articles written during the PhD period,
published, accepted for publication or in the final stages of preparation before
journal submission. Parts of the text have been edited to adapt it to the thesis
format: for example, an entire appendix has been added to the second chapter,
explaining the code used in that work.

In the second chapter we start with the discovery of an eclipsing binary,
Swift J1749.4–2807, where accretion powered pulsations have been detected.
The great peculiarity of this source was the presence of eclipses. That sets
constraints on the inclination of the orbital plane of the system. Inclination is
one important parameter in pulse profile fitting, whose unknown value usually
introduces degeneracies in the predicted profiles. Having this additional piece
of information, we show how we can derive constraints on M and R of the
NS present in this system, and illustrate the difficulties inherent in lightcurve
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modelling (Altamirano et al., 2011).
In the third chapter we move on to another newly discovered pulsar,

IGR J17480–2446, which rotates very slowly, at only 11 Hz (Cavecchi et al.,
2011). The importance of this pulsar is that it is the first, and so far the
only one, where we can rule out most of the proposed mechanisms for BOs.
The slow spin excludes the Coriolis force from playing any major dynamical
role. The extremely high precision with which the BO frequency tracks the
spin frequency allows us to exclude oceanic modes. The only mechanism that
remains is the presence of a confined hot-spot. Using simple models we show
that the magnetic field required for dynamical confinement is consistent with
the observational constraints.

In the fourth chapter we introduce the code that has been developed dur-
ing this PhD work to simulate Type I bursts and flame propagation (Braith-
waite & Cavecchi, 2012). It is based on the assumption of hydrostatic equilib-
rium (which is reasonable even during bursts, given the extremely high sound
speed in the atmosphere). This allows us to use the σ-coordinate system, a
pressure coordinate system used in atmospheric science; it also allows us to
cut out sound waves and the limit they pose on the timestep. The code is well
suited for the study of problems with extremely small aspect ratios (the ratio
between the vertical and the horizontal length scales), and is hence tailored
to the study of Type I bursts.

In the fifth chapter we present the results of our first simulations using
this code, and report our conclusions about the flame propagation mechanism
(Cavecchi et al., in preparation). We show how flame front propagation and its
speed depend on the spin rate and the opacity of the fluid, which determines
the thermal conduction. We discuss the fact that the flame front is highly
baroclinic, despite the fact that the main driver of the propagation is still
conduction.

At the end of the thesis a summary is presented for quick reference: in
Dutch (Samenvatting), in English (Summary) and in Italian (Riassunto). Last,
but not least, a concluding chapter for the acknowledgements closes the thesis.
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