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Gamma-ray bursts (GRBs) are the most energetic explosions in the uni-

verse. Long-duration GRBs are thought to be caused by the final col-

lapse of a massive star (ten to possibly a few hundred times the Sun). 

Massive stars, though they are much less numerous than lower-mass 

stars, greatly influence the structure and evolution of galaxies. Via their 

radiation, strong stellar winds and supernova explosions, massive stars 

dominate the energetic and chemical feedback to the interstellar me-

dium. Metallicity, or the fraction of elements heavier than hydrogen 

and helium, is a central theme in this thesis. Although massive stars 

produce most of these metals, their evolution and fate also strongly 

depend on metallicity, as well as the production of GRBs. With state-

of-the-art instrumentation, we study massive stars and their environ-

ments just beyond our Local Group of galaxies. Thanks to bright GRB 

afterglows, we can probe massive-star environments at cosmological 

distances and earliest times. The GRB afterglow acts as a backlight 

shining through its host galaxy; the spectrum of the host provides key 

information on, for example, its distance and the metallicity. Recently, 

we have been able to obtain high quality spectra of very distant GRBs, 

with redshifts between four and six. We used the powerful X-shooter 

spectrograph on the ESO Very Large Telescope, dedicated to study 

these faint and redshifted sources. This PhD thesis is a collection of spec-

troscopic studies of GRB afterglows and their massive-star progenitors. 
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CHAPTER1
Introduction

Gamma-ray bursts (GRBs) are brief flashes of gamma rays in the sky, produced by
the most energetic phenomena we know of occurring in the distant universe. The
events are associated with the formation of the most extreme objects: black holes and
highly magnetised neutron stars known as magnetars. With an occurrence of about
one per galaxy every 105−6 years, GRBs are rare events, but thanks to their enormous
luminosity, we can detect and study them essentially throughout the visible universe.
With current gamma-ray instrumentation, a few GRBs are detected every week.

The gamma-ray radiation we observe is the result of a relativistic outflow of
material and radiation in the form of a confined jet that is pointing towards us.
When the high-velocity outflow shocks the surrounding material (the circumstellar
medium), a so-called afterglow is formed, which emits synchrotron radiation over a
wide wavelength range: from X-rays to radio waves. The study of afterglows turned
out to be crucial to constrain very basic properties such as the distance scale at which
the events occur. The afterglow can be extremely bright, but it fades in time according
to a power law: after a couple of days, in particular the useful optical afterglow will
not be detectable anymore. This, combined with the complete unpredictability of
GRBs in space and time, hindered the observation of afterglows for 30 years after the
discovery of the prompt high-energy radiation of GRBs in the late 1960s. Nowadays,
with help of dedicated satellites, powerful instruments on the largest telescopes, and
coordination between them, we are able to study afterglows systematically in great
detail. From the spectral-energy distributions (SEDs, flux as a function of wavelength)
as well light curves (flux as a function of time), we have learned a lot about the physics
and energetics of the explosion and the interaction with the surrounding material,
especially when this can be done in broad-band (over the full range from X-ray to
radio wavelengths). Furthermore, the GRB afterglows can be used as bright beacons
to study their host galaxies, as well as intervening galaxies in the line of sight, in
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1 Introduction

absorption up to very high redshift, aided by the simple synchrotron nature of the
afterglow continuum spectrum which makes absorption spectroscopy relatively easy.

The progenitors of long GRBs are massive stars. We know that massive stars,
although they are much less numerous than lower-mass stars, greatly influence the
structure and evolution of galaxies through energetic and chemical feedback, during
their lives with their strong stellar winds and at the end of their lives with supernovae
(SNe). Metallicity, which is the fraction of elements heavier than hydrogen and
helium, is a central theme here. Massive stars produce most of the metals, but their
evolution and fate are also strongly dependent on metallicity, as is the production of
GRBs in many progenitor scenarios.

Studying potential GRB progenitors, their environments and the host galaxies of
GRBs will contribute to the understanding of how galaxies have formed and evolved,
and what the role of the massive stars is over cosmic time. In this thesis, different
sides of the same intertwined story are highlighted, to which we come back in detail
at the end of the introduction.

1.1 The discovery of GRBs and their origin

In the 1960s, during the Cold War, the Unites States Air Force used the Vela satellites
to monitor the sky in order to verify that no other country would perform nuclear
tests in the upper atmosphere or in space. A nuclear explosion would produce a brief
flash of high-energy radiation, but the satellites detected flashes that did not come
from anything human-made. A solar or terrestrial origin could be ruled out based
on directional information from detections by different satellites. It took a couple of
years before this discovery reached the scientific community (Klebesadel et al. 1973).
In the years that followed, many different models were developed in order to explain
the origin of the mysterious gamma-ray flashes, ranging from neutron stars colliding
with comets to enigmatic events happening at ‘cosmological’ (Gpc) distances (see
e.g., Nemiroff 1994). The determining factor to decide between the different models
is the distance at which the events occur; therefore, establishing the distance scale
would be a crucial step in understanding their nature. Although the behaviour of
the bursts in gamma radiation could be studied, observations of counterparts at other
wavelengths seemed to be required to make progress. This was very challenging due
the fact that the bursts come from random directions and at random times, the detected
gamma-radiation is hard to localise accurately, and, as we learned later, the afterglows
fade very quickly.

2



1.1 The discovery of GRBs and their origin

1.1.1 Clues from BATSE

Even before counterparts at longer wavelengths were identified, important clues
regarding the origin of GRBs came from the observations of the Burst And Transient
Source Experiment (BATSE) onboard NASA’s Compton Gamma Ray Observatory
(CGRO, launched in 1991). The observationally complete sample of GRBs that
was being built up led to a number of very important insights. Firstly, the angular
distribution of the events on the sky turned out to be completely isotropic (Meegan
et al. 1992). This result ruled out the majority of theoretical explanations for their
origin, because if these models placed the events in nearby galaxies, our own Galaxy
or in the solar system, the distribution on the sky would be different. Still, GRBs could
either occur in an extended halo around our galaxy (Lamb 1995; Podsiadlowski et al.
1995) or have a cosmological origin (Paczyński 1995). Another result from BATSE
was the lack of relatively faint bursts (Meegan et al. 1992), which implied that we
see the ‘edge’ of a distribution in Euclidean space. This can be due to redshift, but a
source population in an extended halo around the Galaxy would show the same effect.
However, the observed isotropy of the sources challenged the halo model, because we
are not in the centre of the Galaxy. Still, the conclusion of this debate had to wait until
the detection of GRB counterparts at lower energies (Section 1.1.2).

Furthermore, from the BATSE data one could conclude that there are at least
two distinct types of GRBs: a diagram of spectral hardness against duration clearly
shows two, partially overlapping, populations (Figure 1.1, Kouveliotou et al. 1993).
The bursts with a duration1 shorter than 2 s have slightly harder spectra and are re-
ferred to as short-hard bursts. The other, larger population, contains the bursts with
longer duration (in the BATSE sample reaching to about 700 s), and softer spectra:
the long-soft bursts. Nowadays they are simply referred to as short and long GRBs.
This finding strongly suggests that the two populations have a different origin. The
following paradigm is currently generally accepted: the short bursts likely have their
origin in the merging of compact objects, while long GRBs are the result of a massive
star core collapse (see Section 1.2.3). The progenitor scenario of short GRBs predicts
that, due to a merging timescale of 106 − 1010 yr (e.g., Faber & Rasio 2012), their host
galaxies can be of any type and that they are often found to be at large distance from
the host galaxy because of the kick a binary gets during a SN. These predictions are in
agreement with observations (e.g., Hjorth et al. 2006; Fong et al. 2010; Berger 2010).
In the remainder of this introduction, we will focus mainly on long GRBs.

1The duration is expressed here as T90, the interval in which 90% of the detected gamma-ray photons
are collected.
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1 Introduction

Figure 1.1: The hardness-duration diagram of BATSE GRBs, which reveals two populations divided at
T90 ∼ 2 s, that probably partly overlap (Kouveliotou et al. 1993). The hardness ratio (HR) is defined as
the fluence ratio in two BATSE energy bands (100 − 300 and 50 − 100 keV) and it is shown versus the
T90 duration in seconds on a log scale. Figure adapted from Ohno et al. (2008).

1.1.2 The afterglow revolution

The ultimate solution to the distance problem was initiated a bit unexpectedly with an
Italian-Dutch satellite, BeppoSAX, which was not even primarily designed for GRB
research. This satellite, launched in 1996 after a delay of 10 years, was equipped
with Wide Field Cameras (WFCs) that used a coded-mask technique to combine
arcminute accuracy with a large field of view in X-rays. This instrument worked in
tandem with on-board gamma-ray detectors, but was also able to detect GRBs on
its own, which could be confirmed with e.g. BATSE. A WFC detection of a burst
could provide a position with an error area small enough, and also within a short time
(∼hrs), to search for counterparts at longer wavelengths with ground-based telescopes.

4



1.1 The discovery of GRBs and their origin

GRB 9702282 was the first burst for which an optical (van Paradijs et al. 1997) and
a soft X-ray (Costa et al. 1997) transient counterpart was found: the afterglow. The
steep power-law decay of the light explained why many earlier attempts had failed
to detect the counterparts. After the afterglow had faded, the region of GRB 970228
was examined with the Hubble Space Telescope (HST), and a faint distant galaxy
was detected at the location of the afterglow. It was very likely that this was the host
galaxy of the gamma-ray burst, which strongly supported the cosmological scenario.
The next burst that could be localised was GRB 970508, only a couple of months
later and again with WFC on BeppoSAX. Apart from showing the first radio afterglow
(Frail et al. 1997), this was also the first afterglow that was successfully observed with
a spectrograph. The optical spectrum obtained with one of the Keck telescopes on
Hawaii, showed metal absorption lines redshifted to z = 0.8349, which provided a
lower limit to the distance of the GRB. This discovery unambiguously put the GRBs
at cosmological distances (Metzger et al. 1997).

1.1.3 Relativistic fireballs

It already became clear from BATSE light curves that some GRBs show millisecond-
timescale variability in the gamma radiation, which constrains the size of the source to
no more than about 1000 km (see e.g., Ruderman 1975; Sari & Piran 1997). The total
energy in gamma radiation implied isotropic energy equivalents of 1053 − 1054 erg.
Even if the source had a Galactic origin, which would lower the intrinsic energy
significantly, this amount of energy in such a small volume would be optically thick
to pair creation3 and emit a thermal spectrum, which is different from what was
observed. This paradox, known as the ‘compactness problem’, can be overcome
when the source is moving ultra-relativistically towards the observer (Ruderman
1975). In a relativistically expanding source there are several effects that reduce the
compactness problem, such as beaming, time dilation and length contraction. To make
the source optically thin, typically a bulk Lorentz factor Γ > 100 is needed for the
different relativistic effects combined (Lithwick & Sari 2001). The interstellar radio
scintillation behaviour, that was already seen in the first successful observations of
radio afterglows, confirmed that the source starts small, but is relativistically expanding
(Frail et al. 1997; Goodman 1997).

2The nomenclature of bursts is GRB YYMMDD, with YY the year, MM the month and DD the day.
When multiple bursts are detected on one day, the first would be A, the second B et cetera. It was decided
that from 2010 on the first burst would always be denoted with an A, even if it was the only one detected
that day (Barthelmy et al. 2009).

3The creation of an electron-positron pair requires two photons with a total energy ≥ 1.02 MeV, the
total rest mass of the created particles.
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The idea that GRBs must be relativistic phenomena led to the establishment of the
relativistic fireball model (Cavallo & Rees 1978; Goodman 1986; Rees & Mészáros
1992; Paczyński & Rhoads 1993; Mészáros & Rees 1993), which is still the most
popular model for describing the physics of the GRB and the afterglow. The model,
depicted in Figure 1.2, describes a relativistic outflow that is produced by a central
engine (e.g., an accreting black hole that is the result of a collapsed star or a merged
neutron star binary). Jet-like outflows are not required by the model, but were proposed
as a likely physical situation (Mészáros & Rees 1992; Rees & Mészáros 1992; Rhoads
1997), not in the least because outflows in narrow jets would make the uncomfortably
high gamma-ray luminosity several orders of magnitude lower. Observational evidence
for the presence of jets was later found by jet breaks and polarization in afterglows
(Harrison et al. 1999; Covino et al. 1999; Wijers et al. 1999; Rol et al. 2000; Wiersema
et al. 2014). While the central engine is active, outflows of different bulk velocity
are produced. Due to relativistic and supersonic motion, the outflows form shells.
The collisions between shells with different velocities, known as internal shocks,
produce the GRB itself (Figure 1.2). When the outflow sweeps up a significant
amount of surrounding material, an external shock is formed and the afterglow is
produced. Swept up and accelerated electrons start emitting synchrotron radiation due
to magnetic fields in the shock, resulting in a broad-band SED consisting of multiple
connected power laws, joined by a set of characteristic synchrotron spectral break
frequencies, the cooling-, peak- and self-absorption frequencies. The bulk Lorentz
factor of the ploughing shock decreases as a power law in time, which causes the peak
emission frequency to do the same. This results in an observed SED that evolves in
time, determining the light curve at every frequency (see e.g., van der Horst 2007).

1.1.4 Indications towards a connection with massive stars
Modelling the evolving SED reveals the physics of the afterglow (e.g., Sari et al. 1998;
Wijers & Galama 1999), but also the structure of the ambient medium. Chevalier & Li
(1999) calculated how the afterglow SED would be affected by the density structure
in the surrounding medium and found that a stellar wind profile, where the particle
number density depends on the distance to the central engine as n ∝ r−2, is a better
representation for some bursts than a constant ambient density. This turned out to be
the case for GRB 980425 (Li & Chevalier 1999), for which they could also constrain
the mass-loss rate of the star that was responsible for the wind-like density profile.
Their calculated mass-loss rate and final mass of a possible stellar progenitor were
in the regime of Wolf-Rayet (WR) stars, the final evolutionary state of (a class of)
massive stars (see Section 1.2.2). Earlier, in the error box of this GRB, a SN was
detected (Galama et al. 1998), making a strong case for the association of at least
some long GRBs with the explosive deaths of massive stars. More evidence for this
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Figure 1.2: Schematic figure of the GRB and the afterglow according to the fireball model, showing the
central source as an accreting black hole that is created in a stellar core collapse. Figure adapted from
Thomson (2013).

association came with the identification and study of GRB host galaxies (Bloom et al.
1998). The confirmation of optical counterparts of GRBs provided positions accurate
enough to search deeply for the emission of the hosts and they turned out to be blue and
actively star-forming (Fruchter et al. 1999, see also Section 1.3). Although the chances
to have a GRB and an unrelated SN at the same time and place would be extremely
small, GRB 980425 was a peculiar burst with a very low gamma-ray luminosity and
an extremely low redshift and the association did not convince the entire community
of a general connection of long GRBs with the deaths of massive stars. However,
more associations were found by so-called SN bumps in several afterglow light curves,
including GRB 970228 (Galama et al. 2000), occurring in time intervals compatible
with the rise time towards the SN peak luminosity, suggesting that the SN and the
GRB took place around the same time (Bloom et al. 1999, 2002b; Greiner et al. 2003).
Finally, with the ‘hypernova’ (an extremely luminous SN, in this case of Type Ic, see
Section 1.2.2) associated with GRB 030329 (Hjorth et al. 2003; Stanek et al. 2003;
Mazzali et al. 2003), not much doubt was left about the connection between long
GRBs and massive stars.
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1.2 Massive stars: their evolution and final fate
Stars on the main sequence of the Hertzsprung-Russell Diagram (HRD, see Figure 1.3)
fuse hydrogen in their cores. The pressure gradient produced by the internal nuclear
reactions is in hydrostatic equilibrium with the inward gravitational force of the star. In
stars with an initial mass Minit � 1.3 M⊙, with M⊙ the solar mass, the hydrogen fuses
through the efficient CNO cycle, where carbon, nitrogen and oxygen act as catalysts
(e.g., Salaris & Cassisi 2005). The steep temperature dependency of this mechanism
results in a convective core. Massive stars (Minit � 8 − 10 M⊙) are expected to end
their life in a core-collapse SN (ccSN, see Section 1.2.2). There is a direct relation
between the mass and the luminosity of a star: the gravity of a higher mass star results
in a hotter and denser core with faster reaction rates through the CNO cycle and thus
a higher luminosity. Therefore, despite their larger fuel reservoir, massive stars live
shorter than less massive stars. While the expected lifetime of the Sun is of the order
of ten billion years, a 20 M⊙ star will only live for about ten million years (Maeder &
Meynet 1989). Regardless of the details and exact shape of the initial mass function
(IMF), a giant molecular cloud (GMC) will always form a much larger number of
low- and intermediate-mass stars than massive stars4. This, combined with their short
lifetimes, makes massive stars rare. But despite their low numbers, the massive stars
have a strong influence on the evolution of the galaxy they live in, by their chemical
and energetic feedback. Already during their lives they enrich their environments with
material and energy by their strong stellar winds and radiation. In the ccSN at the end
of their life (Section 1.2.2), a major fraction of their initial mass is returned to the
interstellar medium (ISM). This material is enriched with products of nuclear fusion
in the star, and by elements heavier than iron that are formed during the SN event.
The winds, radiation and SNe of massive stars can clear a GMC of its gas, and/or heat
the gas, quenching the star formation (e.g., Kaviraj et al. 2007). On the other hand,
the shock waves initiated by a SN can trigger star formation elsewhere (e.g., Preibisch
& Zinnecker 2001; Melioli et al. 2006).

1.2.1 Environments of massive stars
Throughout most of their lives, massive stars have high surface temperatures (Teff �
20 000 K), resulting in a thermal spectrum peaking in the ultraviolet (UV). Combined
with their high luminosity, this results in copious numbers of photons with energy
Eph > 13.6 eV that ionise the surrounding hydrogen creating H ii regions. H ii regions

4The first stars formed from the pristine hydrogen and helium gas resulting from the Big Bang
nucleosynthesis (Population III, see also Section 1.5.1). It has been argued that under these conditions
predominantly (very) massive stars were formed (see e.g., Bromm & Larson 2004).
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Figure 1.3: The Hertzsprung-Russell Diagram showing evolutionary tracks from Georgy et al. (2013)
for massive stars of different initial masses starting on the zero age main sequence (ZAMS). The tracks
assume a metallicity of Z = 0.002 (1/7 Z⊙), and stellar rotation speeds of zero (solid lines) and 40%
of the critical rotation speed (dashed). Regions for different types of massive stars are indicated: the
Wolf-Rayet stars of the carbon (WC), nitrogen (WN) and oxygen (WO) sequence; WN with hydrogen in
the spectrum (WNh), a type of extremely massive and luminous main-sequence stars; luminous blue
variable (LBV) stars; blue (BSG) and red supergiants (RSG) and O and B-type main-sequence (dwarf)
stars. With HD we indicate the Humphrey-Davidson limit above which we observe very few stars. Figure
courtesy of F. Tramper.

are characterised by emission in hydrogen recombination lines (such as the Balmer
and Paschen lines), and ‘forbidden’ lines (e.g., the strong [O iii] λ5007 line). In
order to form a forbidden line, an electron in an ion has to be excited to the upper
level of a forbidden transition. The electron would practically always collisionally
de-excite because spontaneous de-excitation has a very low probability (i.e., it is
quantummechanically forbidden). However, if the density is too low for regular
collisions, such as in H ii regions or planetary nebulae, de-excitation by emission of
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a photon becomes the dominant process anyway and produces a forbidden emission
line (see e.g., Osterbrock & Ferland 2006).

On a larger scale, massive stars are predominantly found in spiral arms of late-type
galaxies and in small blue irregular galaxies that are actively star-forming. This is to
be expected because of their relatively short lifetimes. Despite that we know that a
fraction of them are ‘runaway’ stars (Blaauw 1961, 1993), massive stars are usually
not very far from sites of active star formation (but see e.g., Bestenlehner et al. 2011).

1.2.2 Post-main-sequence evolution
When the hydrogen in the core is exhausted, the star shrinks and the internal tem-
perature rises, until hydrogen starts to fuse in a shell around the core. This causes
the outer layers to expand. The core continues to contract, enabling it to fuse helium
to carbon. The additional energy input makes the outer layers of the star expand
even more and the star becomes redder and cooler. In the HRD it leaves the main
sequence; see the evolutionary tracks in Figure 1.3. Massive stars can undergo several
different stages of evolution, depending on their initial mass, see Figure 1.4. Many
massive stars eventually become Wolf-Rayet (WR) stars, usually toward the end of the
helium-core-burning phase (upper part Figure 1.4), but the most massive stars already
show WR features on the main sequence (e.g., de Koter et al. 1997). WR stars are
characterised by very high luminosity (L � 104.5 L⊙, with L⊙ the solar luminosity),
high temperatures (T � 25 000 K), and very strong emission lines in their (optical)
spectra, indicating an at least partly optically thick stellar wind (e.g., Langer 2012).
They are expelling their outer layers at a high rate Ṁ ∼ 10−5 M⊙ yr−1, exposing
originally deeper, and thus hotter layers. WR stars are spectroscopically classified
based on the presence of nitrogen (WN), carbon (WC) and oxygen (WO) emission
lines, with several subtypes (see e.g., Crowther 2007). As can be seen in Figures 1.3
and 1.4, these different classes represent different evolutionary phases.

When the core runs out of helium, it again contracts leading to carbon fusion. The
process of fusing heavier elements continues until an iron core is made, surrounded by
shells of lower-mass elements. Fusion of iron costs energy rather than producing it, so
when this stage is reached, the core starts to collapse. When the density of the core
increases to about twice the density of an atomic nucleus, a shock wave is launched,
but that loses its energy due to neutrino losses and photodesintegration of nuclei. In
this situation, shortly after the start of the collapse, a proto-neutron star with a radius
of about ∼ 30 km and a mass of ∼ 1.4 M⊙ is formed and there is a standing accretion
shock at about five times the proto-neutron star radius. Through this shock, material
is accreted at a very high rate. The proto-neutron star emits a large fraction of its
binding energy as neutrinos, with a luminosity of Lν ∼ 1053 erg s−1. If within tenths
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Figure 1.4: Schematic representation of the evolution of massive stars, on the main sequence (lower
part) and post-main-sequence (upper part). A star with a given zero-age main-sequence mass (MZAMS,
horizontal axis) moves upward trough this diagram over time. The vertical axis is a measure of the
fraction of the hydrogen or helium core that is burned. Shown are different subtypes of WR stars: the
oxygen (WO), carbon (WC), and nitrogen (WN) sequence, of which there are early (WNE) and late
(WNL) subtypes. LBV stand for luminous blue variable and represent a brief, unstable evolutionary
phase dominated by high mass loss in stellar winds and giant eruptive events (see e.g., Crowther 2007).
Figure from Langer (2012).
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of a second about 1051 erg of that neutrino energy can be captured by the nucleons
between the proto-neutron star and the shock, the accretion is turned off. The neutrinos
continue to deposit energy into the material in front of and in the shock, which inflates
and drives a SN (Woosley & Bloom 2006). The SN plows through the circumstellar
medium and encounters different (evolutionary) phases of the stellar wind, that link to
the evolutionary history of the star (e.g., van Marle 2006). The expanding material is
expected to cool adiabatically very rapidly, which should result in a short flash, but
due to radioactive decay of 56Ni, which is formed in the SN explosion, the SN stays
very bright for an extended period and reaches its peak luminosity usually after a few
days to weeks.

CcSNe are divided into three main types: II, Ib and Ic. This phenomenological
classification is based on their observed spectra (Filippenko 1997), which links to the
composition of the outer layers of the progenitor. A Type II SN has hydrogen lines
in the spectrum, which are absent in Type Ib. Type Ic SNe show neither hydrogen
lines nor helium lines. All SNe that were associated with a GRB were of Type Ib/c5,
with the broad line (BL) subclassification indicating (isotropically) emitted material
that is moving at high velocities (in some cases over 0.1c, e.g., Bufano et al. 2012).
SNe of Type Ia are not the result of a massive star core collapse, but can be produced
when white dwarfs become more massive than their Chandrasekhar mass (e.g. Yoon
& Langer 2004; Mazzali et al. 2007). Due to an even higher amount of 56Ni produced
in these events, Type Ia SNe are more luminous than most ccSNe.

1.2.3 Long GRBs vs SNe
Even after taking into account jet opening angles, long GRBs are a factor 102 − 104

more rare than Type Ib/c ccSNe (intrinsic rate, e.g. Podsiadlowski et al. 2004; Bissaldi
et al. 2007; Grieco et al. 2012), which can have two reasons in general. Either the
progenitor of a GRB must possess very special and rare properties, or the process of
making a GRB is very delicate and requires ‘lucky’ circumstances. It is likely that
in reality a combination of these two related effects is at play. While the diversity in
gamma-ray energies of GRBs is very broad (1048 − 1053 erg), the total kinetic energies
of Type Ic-BL SNe (with or without a GRB) are more concentrated around 1052 erg
(Kaneko et al. 2007). This implies that while the fraction of energy going into the
relativistic outflow can differ dramatically between events, the total energy budget
of GRB-SNe and Type Ic-BL ccSNe is of the same order of magnitude. In order to
make a GRB, a significant part of the energy needs to end up in material in a confined
space, leading to a strongly asymmetric, ultra-relativistic outflow. A popular model

5In GRB-SNe spectra it is often difficult to measure helium lines, as the strongest spectral transition
is in the infrared and the SN lines are very broad, therefore many of them are classified as Type Ib/c, i.e.
either Ib or Ic.
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to create such an asymmetric configuration is the collapsar (collapsed star) model
by Woosley (1993). According to this model, if the core of a massive star collapses
to a black hole and it has sufficient angular momentum to form an accretion disc, a
long GRB can be produced. The collapsar model was originally presented as a ‘failed
SN’: the neutrino energy is insufficient to halt the accretion, and the proto-neutron
star collapses into a black hole. Whether a jetted outflow is produced depends on the
angular momentum in the stellar core. According to early versions of this model, no
optical SN effect is expected, since no 56Ni is formed. However, a more advanced
version of the collapsar model by MacFadyen & Woosley (1999) predicts that an
accretion disc of sufficient viscosity can produce an energetic nucleon ‘wind’ with
enough mass and energy to form an amount of 56Ni comparable to that of ordinary
ccSNe. The accompanying SN can also be produced in an intermediate neutron star
phase, after which the neutron star collapses to a black hole due to fall-back of material
that stayed gravitationally bound. This explains why we can see both a GRB and a SN
coming from the same event. The model predicts that most long GRBs make a SN
like that of SN 1998bw, which was associated with GRB 980425 (Galama et al. 1998;
Sadler et al. 1998). There are also long GRBs for which no SN is detected, despite
very deep imaging (Gehrels et al. 2006; Della Valle et al. 2006; Gal-Yam et al. 2006;
Fynbo et al. 2006b). This is, however, a small fraction of all low-z long GRBs, which
is currently not a very well understood population anyway. MacFadyen & Woosley
(1999) also expect that ccSNe, or any subclass of them, like SNe Type Ic-BL, are more
common than collapsars, because the required angular momentum will not always be
present. Indeed, we know that there are Type Ic-BL SNe without an associated GRB
(e.g, Soderberg et al. 2010) for which sometimes the explanation that the GRB jets
are just pointing in a different direction can be ruled out (Pignata et al. 2011).

Another branch of central engine models for long GRBs that is gaining popularity
is that of a highly magnetised neutron star with a rotation near breakup (‘millisecond
protomagnetar’, e.g., Bucciantini et al. 2009; Metzger et al. 2011). The idea of
a magnetar central engine was already described by Usov (1992). In this model,
the massive star core collapse does not produce a black hole but a magnetar, that
powers relativistic outflows with its magnetic field. Due to the centrifugal force, the
magnetar can be more massive than an ordinary neutron star6, and it is possible that
it collapses to a black hole if it slows down. The magnetar (phase) provides also a
natural explanation for the canonically observed plateaus in long GRB light curves
(Nousek et al. 2006). The accompanying SN can be produced in the same ways as in
the collapsar model. The magnetar channel has also been suggested as the powering

6The maximum mass of a neutron star is determined by the equation of state. Current models (and
observations) indicate a maximum mass of about 2 M⊙ (e.g., Antoniadis et al. 2013). The “theoretical”
maximum mass is ∼ 3.2 M⊙ (Rhoades & Ruffini 1974).
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mechanism for ccSNe without a GRB (e.g., Chomiuk et al. 2011).
The two central engine models are very hard to distinguish from one another

observationally. What we observe in GRBs is mainly radiation from the jets and their
interaction with the ambient medium, far from the central engine, which is expected to
be identical in both scenarios. Furthermore, both scenarios require similar progenitors,
see Section 1.2.4. However, in the future it might be possible to distinguish between
the two central engine models by analysing the gravitational wave signal of relatively
nearby GRBs (see e.g., Bartos et al. 2013).

1.2.4 Long GRB progenitors
What almost all central engine models have in common is that the progenitor star
needs to have a rapidly rotating iron core and possibly a strong, large-scale magnetic
field (� 1015 G; e.g., McKinney 2006), depending on the mechanism that drives the
jet. Furthermore, the progenitor needs to be small in order for the jet to break out of
the star while the central engine is active. This implies that the outer layers of the
star should have been removed at the time the core collapses. This would also be in
agreement with the SN type to which the GRBs are associated: the hydrogen- and
helium-poor Type Ic-BL. The WR stars, especially those of the carbon (WC) and
oxygen (WO) sequence, are natural candidates for this, because they already lost their
envelope (Georgy et al. 2009). The mass loss should have been sufficient to reach
the WC or WO phase, but along with the mass, the star lost angular momentum as
well, causing the core to spin down. In general, single WC and WO stars are thus not
expected to rotate rapidly, and will not have the angular momentum required to power
the jets. Different hypotheses have been proposed to overcome this mass-loss paradox.

The first hypothesis focuses on the connection between the angular momentum in
the core and that in the envelope. If this connection is weak, it is possible that the core
remains rapidly rotating while the envelope is stripped. There are recent single-star
stellar evolution models that produce GRB progenitors through this channel (e.g.,
Georgy et al. 2012; Ekström et al. 2012; Groh et al. 2013). However, the physics of the
connection between core and envelope is not very well understood, and whether these
models represent the physical situation is under debate. A second hypothesis is that a
GRB progenitor can result from a single star with a quasi-chemically homogenous
evolution (Yoon & Langer 2005; Woosley & Heger 2006). The star has an initial
rotation so high that the material is mixed throughout the star. The star remains
homogeneous and compact, and evolves directly from the main sequence to the WR
stage. In this scenario, instead of having to expel the hydrogen envelope with the
consequence of spinning down, the star can fuse a significant faction of it. Furthermore,
since more material can be fused, the star mimics having a higher (core) mass. A
third possibility is to consider that the progenitor is in a close binary system, like the
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majority of O-type stars (Sana et al. 2012, 2013). In a close binary, mass transfer
from a companion star can cause spin-up, or even lead to a complete merger during a
common-envelope spiral-in phase, which may produce a rapidly-rotating and possibly
highly magnetised GRB progenitor (e.g., Fryer & Heger 2005; van den Heuvel &
Yoon 2007; Podsiadlowski et al. 2010; Tout et al. 2011). It has been proposed that, in
order to explain that we see LGRBs in particular kinds of galaxies (see Section 1.3),
the type of binary that may produce such an event should be created through the
dynamics in a dense stellar cluster (van den Heuvel & Portegies Zwart 2013). It is
possible that the supposedly single-star channel of the homogeneously evolving star is
the result of a binary after all, since high rotation rate early on in the life of a star is
likely reached through binary interaction (e.g., Packet 1981; Cantiello et al. 2007; de
Mink et al. 2013).

In single-star progenitor scenarios, the production of long GRBs likely occurs
primarily at low metallicity for the following reasons (e.g., Woosley & Bloom 2006).
The stellar-wind mass-loss rates should be low to be able to keep the star rotating fast.
Mass loss rates by line-driven winds in massive stars are dependent on metallicity:
lower metallicity results in a lower mass-loss rate (Kudritzki et al. 1987; Vink et al.
2001; Vink & de Koter 2005; Mokiem et al. 2007), so low metallicity progenitors
are expected7. But as explained earlier, the outer layers should still be removed.
Furthermore, because of slower meridional currents in low-metallicity stars, the
transport of angular momentum between the core and the envelope is less efficient
than in high-metallicity stars (e.g., Georgy et al. 2009). A low-metallicity progenitor
could therefore slow down the rotation in its envelope by mass loss, while possibly
conserving a larger fraction of the rotation in the core. Also, rotation-induced chemical
mixing is likely more efficient at low metallicity (Woosley & Heger 2006; Yoon &
Langer 2005). Finally, the distribution of initial rotation velocities might show more
fast rotators at low metallicity (e.g., Martayan et al. 2007). The production of a GRB
progenitor though the binary channel is probably much less dependent on metallicity.
Progenitor scenarios might be constrained by studying the host galaxies of GRBs,
which will be discussed in the next section.

7One has to keep in mind that the metallicity of a (high-redshift) region is usually inferred from the
oxygen emission lines from H ii regions (Section 1.3.2), while the line-driven stellar winds are governed
by the iron abundance in the stellar atmosphere.
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1.3 Long GRB host galaxies

1.3.1 Types of galaxies

As soon as accurate positions of long GRBs were obtained through their afterglows,
the host galaxies could be imaged. At low redshift, the host galaxies are blue, sub-
luminous and under-massive (e.g., Mao & Mo 1998; Hogg & Fruchter 1999; Le
Floc’h et al. 2003). Morphologically, most of them are classified as dwarf irregulars
(Fruchter et al. 2006), although sporadically a spiral galaxy is seen (e.g. GRB 990705,
Le Floc’h et al. 2002). However, Conselice et al. (2005) report that, based on HST
imaging of a large sample of 37 hosts at 0 < z < 3.5, GRBs occur in galaxies of a
wide variety of morphological types. At z < 1 their results are in agreement with
the earlier findings. Sub-millimetre observations reveal that GRB host galaxies are
strongly star-forming (Berger et al. 2001; Frail et al. 2002; Tanvir et al. 2004) and their
optical-to-near-infrared SEDs resemble those of starburst galaxies (Christensen et al.
2004). Therefore, Conselice et al. (2005) suggest that the GRB host galaxy population
changes with redshift into the galaxy population that dominates the star formation,
which at low redshift are indeed the blue dwarf irregulars. We caution that, since
host-morphology studies are often based on observations at optical wavelengths, the
found morphologies are dominated by the young stellar population and emission-line
gas. Infrared observations of the same galaxies might lead to different conclusions.

1.3.2 Metallicity

At low redshift, GRB host galaxies have lower metallicities than field galaxies of
the same stellar mass based on their oxygen emission lines (Stanek et al. 2006;
Savaglio et al. 2009; Han et al. 2010; Levesque et al. 2010; Wang & Dai 2014, see also
Figure 8.2). At slightly higher redshift, there are also indications based on emission
lines of a low metallicity preference (e.g., Fynbo et al. 2003; Gorosabel et al. 2005).
Fruchter et al. (2006) discuss that if GRBs indeed are predominantly produced in low-
metallicity environments, it is not surprising that at higher redshift, where metallicities
are generally lower than in most local galaxies, a wider variety of host galaxy types
is found (Conselice et al. 2005). Mannucci et al. (2011) proposed that the apparent
preference of GRBs for low-metallicity environments is a result of the requirement of
a high star formation rate (SFR), through a fundamental relation between metallicity,
SFR and stellar mass (Mannucci et al. 2010). However, Kocevski & West (2011)
find that the effect of the proposed fundamental relation would be too small to fully
explain the low-metallicity trend in GRB host galaxies. Furthermore, based on a
comparison between metallicities of host galaxies of GRBs and ccSNe, and the
metallicity distribution of star-forming galaxies, Graham & Fruchter (2013) conclude
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that the low metallicity must be a fundamental property of GRB host galaxies, rather
than only the artifact of an anti-correlation between SFR and metallicity.

A word of caution should be given with respect to a selection effect. The host
galaxies in the samples described above were identified by bright afterglows. Some
bursts have a very weak or absent optical afterglow, while they do have an X-ray
afterglow: dark bursts (e.g, Jakobsson et al. 2004). Recent work focusing on the nature
of their host galaxies shows that they are systematically redder and more luminous
than hosts of bright GRBs (Perley et al. 2009; Krühler et al. 2011; Svensson et al.
2012; but see also Hjorth et al. 2012). According to mass-metallicity relationships that
hold for different kinds of galaxies (e.g., Tremonti et al. 2004; Møller et al. 2013), this
could imply that the dark-burst hosts are also more metal rich. The optical darkness of
the afterglow might then be due to dust extinction. In any case, it is clear that these
environments also produce GRBs and that they need to be taken into account for the
full picture.

At z � 2.5, emission lines that are used as metallicity diagnostics are redshifted
outside atmospheric transmission bands and out of the range of most ground-based
spectrographs. Furthermore, the larger distances make it challenging to detect emission
of these host galaxies. For these cases, the metallicity can sometimes be derived
from absorption spectroscopy (see Section 1.4). We caution that one cannot directly
compare metallicities obtained from absorption lines to those derived from emission
lines. The emission line techniques reflect the oxygen abundance of the H ii regions
in the galaxy (see Sections 1.2.1 and 1.3.3), while absorption line techniques show
the sulphur, silicon or zinc abundance in the cold and neutral or lowly ionised gas
in a pencil beam towards the GRB, weighed by column density (see Section 1.4 for
details). Barring the effects of these different tracers and techniques, at high redshift
we still see low metallicities (0.01 − 0.5 Z⊙), though maybe not as low as one would
expect given the overall decline of metallicity with redshift. Here again we caution
the selection effect due to the requirement of a bright afterglow. Over the range
z ∼ 2 − 6, a large spread in GRB host metallicities from absorption is seen, but there
is no clear evolution with redshift (see Figure 8.1). We will discuss this in more detail
in Chapter 8.

1.3.3 Host galaxy-progenitor connection
GRB host galaxies are characterised by strong emission by hydrogen recombination
lines and forbidden lines, indicative of the presence of H ii regions (Section 1.2.1).
Sometimes a so-called WR bump is detected in the integrated light of the host (Hammer
et al. 2006; Christensen et al. 2008; Michałowski et al. 2014). This is a complex
of high ionisation lines at λ0 ∼ 4650 − 4700, among which He ii λ4686, which is
indicative for the presence of WR stars. The He ii λ4686 line can be formed as a
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nebular line in a He ii region, which can only be produced by stars as hot and luminous
as WR stars, or it can be a (diluted) spectral feature of the winds of WR stars, or both
(see also Chapters 2 and 3).

Although the situation is not that clear at high redshift, we recognise the low-
redshift GRB host galaxies as typical environments of a very young stellar population
containing the most massive stars. The strong emission lines are from the H ii regions
in the host galaxy. The morphological type of low-redshift host galaxies is the same as
star-forming irregular dwarf galaxies in the Local Group such as the Small and Large
Magellanic Clouds (SMC, LMC) and IC 1613, which are known to have a significant
O-star population and contain WR stars. Furthermore, these galaxies also have a low
metallicity. This is perfectly in line with the hypothesis of the massive star origin of
long GRBs. However, the host galaxy population of long GRBs is significantly distinct
from that of Type Ic ccSNe and ccSNe in general (Fruchter et al. 2006). Long GRB
hosts are more often irregularly shaped, and GRBs are significantly more concentrated
towards the brightest regions within their hosts as compared to ccSNe (e.g., Bloom
et al. 2002a). This strengthens the hypothesis that special circumstances and properties
of the progenitor are required in order to produce a GRB in the collapse of a massive
star (see Section 1.2.4).

1.4 Afterglow spectroscopy

Deep imaging of GRB locations is a very useful way to study the host galaxies of
GRBs, but the afterglow itself can also be used as a probe, to study the host galaxy
in absorption. This is particularly relevant for very distant GRBs, where imaging
techniques are limited. With the spectroscopic study of the afterglow of GRB 971214
at the impressive z = 3.4 (Kulkarni et al. 1998), it became clear that a GRB afterglow
could not only be used to determine the redshift of the event, but also to study galaxies
in the early universe in great detail, regardless of their own luminosity. Bearing in
mind that, at least at low redshift, GRB host galaxies are small and under-luminous,
this would open up a window to a very complementary sample of galaxies compared to
UV-selected galaxies, which can be extended up to very high redshifts. The methods
used in GRB afterglow spectroscopy are very similar to the study of quasi stellar
object (QSO or quasar) line-of-sight absorbers, a field that was naturally much more
mature at the time the first GRB afterglows were detected (see e.g., Wolfe et al.
2005, for a review). However, GRB host galaxies are of course selected in a way
different from how QSO line-of-sight objects are selected, and there are differences
between the populations. The line-of-sight towards a GRB afterglow likely points
to the star-forming heart of a galaxy, while a QSO absorber is selected by its cross
section, which depends on the size of the absorber, and thus the luminosity function
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Figure 1.5: H i column density distribution for ∼ 12 000 QSO-DLAs (left vertical axis, Noterdaeme
et al. 2009) and for 52 GRB (right vertical axis) hosts; the dotted line shows the QSO-DLAs on the
same scale as the GRB-DLAs. The hatched region represents measurements from the Very Large
Telescope/X-shooter sample (Section 1.6.2). On average, GRBs probe column densities much higher
than QSOs. Figure courtesy of J. P. U. Fynbo.

(Schechter 1976; Wolfe et al. 1986; Zwaan et al. 2005). Because of this geometric
argument, GRB host galaxies seen in absorption have on average much higher column
densities and higher metallicities than QSO absorbers (Savaglio 2006; Prochaska et al.
2007b; Fynbo et al. 2009, see also Figure 1.5). Furthermore, requirements for the
GRB progenitor and for producing a successful GRB (Section 1.2.3 and 1.2.4) might
bias the sample to galaxies with properties different for the average field population
(see Section 1.3). Many GRB afterglow spectra show, apart from the host galaxy, a
number of intervening absorbers, which are more comparable to QSO absorbers.

Using an afterglow as a background source instead of a QSO has several advan-
tages. Firstly, the intrinsic spectrum of the afterglow is a featureless synchrotron
power-law spectrum (see Section 1.1.3). Even at low spectral resolution and low
signal-to-noise (S/N), absorption features, as well as host emission lines, are easily
recognised. A QSO spectrum on the other hand shows broad emission lines, and
sometimes broad absorption lines as well. Secondly, although we have knowledge of
a similar low number of bright GRBs and QSOs currently at z � 5, the expectation
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Figure 1.6: Upper panel: excerpt of the flux calibrated Very Large Telescope/X-shooter spectrum of
the ‘showcase’ afterglow of GRB 121024A at z = 2.30, showing the DLA and ionic and molecular
absorption lines (Friis et al. 2014). The red line is a model including Lyα, Lyβ and absorption features of
molecular hydrogen (H2). The slope of the afterglow is affected by extinction. Lower panels: parts of
the two-dimensional spectrum where prominent emission lines of the host galaxy are located. Within
the X-shooter sample, this is the highest redshift at which we detect host emission lines. All of these
are in the near-IR and required the wide spectral coverage of X-shooter for detection. In order to detect
the H2 features in the Lyα forest, and to distinguish the many components in the metal lines a spectral
resolution of at least that of X-shooter is required. Figure courtesy of M. Friis and J. P. U Fynbo.

is that more GRBs beyond this epoch will be found. QSOs, being accreting super-
massive black holes in large galaxies, might need more time to evolve, and are thus
not expected to be seen as far back as GRBs. Thirdly, a QSO absorber that is close in
redshift to the background source might be influenced by the radiation of the QSO
to which it has been exposed for a long time: the proximity effect. The GRB, being
transient and non-recurring, will only have had time to affect its direct surroundings
(see also Section 1.4.3). The optical brightness of a GRB afterglow can be similar
to a QSO, or even much higher, for a short period of time after which it will fade
following a power law F ∝ t−α, with temporal index α = 1 − 2. This requires rapid
follow-up, and offers only a single chance; an advantage of the transient nature is that
it allows us to study the absorbing system in emission once the afterglow has faded.
Detecting emitting counterparts of QSO absorbing systems will always be hampered
by the bright glare of the background source itself (but see Chapter 4).

In GRB afterglow spectra, the host galaxy usually gives rise to a Damped Lyman-α
(DLA) system (see Figure 1.6): an absorber with a neutral hydrogen column density
log NH i/cm−2 ≥ 20.3; these systems are referred to as GRB-DLAs, while towards
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QSOs, we speak of QSO-DLAs8. As mentioned before, the method to study these two
classes with intrinsically different natures is very similar to one another. At z � 1.6, the
characteristic neutral hydrogen Lyα line at 1216 Å cannot be detected from the ground
as it is blueward of the atmospheric cutoff (so there is no DLA), and we only detect
the associated metal lines, mostly in the rest-frame UV to optical. The absorption
spectrum is used to accurately determine the redshift, but with sufficient S/N and
resolution it can also provide insight into the properties of the absorbing gas. The
strength of the absorption lines is a function of the abundance of the elements in the
gas phase, which is determined by the metallicity, the dust depletion and the intrinsic
abundance pattern that depends on the chemical enrichment history of the region.
Furthermore, the kinematic structure of the absorber is reflected in line width and
the presence of multiple components. Absorption features from molecular hydrogen
(H2) and CO are also sporadically detected in GRB host galaxies (e.g., Prochaska
et al. 2009; Krühler et al. 2013; Friis et al. 2014). Spectroscopic observations of the
afterglow sometimes show the emission from the host galaxy on top of it, in continuum
or in emission lines (see Section 1.3 and Figure 1.6).

1.4.1 Absorption lines
Apart from properties specific to the transition, such as the rest wavelength λ0 and
the oscillator strength f , the strength of an absorption line is determined by the gas
column (number) density N of the ion species that gives rise to the line, and the level
of saturation, which is determined by both N and the broadening. In the ISM two
line broadening mechanisms are at play: natural broadening and Doppler broadening.
The two effects result in a line shape described by a Voigt profile: the convolution of
a Lorentzian and a Gaussian profile. Due to instrumental limitations, the observed
line profile is always a convolution between the instrumental profile and the Voigt
profile. When spectral resolution is low (resolving power R = λ/∆λ � 1000), the
instrumental profile is dominant for common ISM parameters, and the real profile is
unresolved for most lines; at higher resolution, more details of the real line profile
are revealed. However, the equivalent width (EW), which is the width in wavelength
units of a rectangle with a surface equal to that of the line, is conserved irrespective
of the convolution with an instrumental profile, so even with low-resolution spec-
troscopy, equivalent widths can be obtained. The relationship between the optical
depth at the line centre τ0, which is proportional to N fλ0, and EW is given by the
Curve of Growth (COG, Minnaert 1934, see Figure 1.7). On the COG, three regimes
are distinguished: the linear part where EW ∝ N, the flat or logarithmic part where
EW ∝ b

�
ln(N/b) with b the effective Doppler parameter, and the square root or

8To add to the confusion, afterglows sometimes show a DLA that is not due to the host galaxy, for
example in GRB 111008A (see Section 6.5).
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Figure 1.7: The Curve of Growth (COG) for the Lyα line of H i showing the relationship between
equivalent width EW and the optical depth at the line centre τ0 which is proportional to the column
density N. Figure from Pettini (2010).

damping part where EW ∝
√

N. On the linear part of the curve, the line depth in-
creases until all photons with an energy matching the transition are removed from the
line-of-sight towards a background source. At this point the line becomes saturated,
which marks the transition to the logarithmic part. When this happens depends on
the Doppler broadening of the line (b). Saturation is not always obvious from the
observed line profile, as the line can be significantly broadened by the instrumental
profile and need not go down to zero flux (hidden saturation). When the COG is used
to determine N from EWs, it is recommended to only use lines that are intrinsically
weak and lie on the linear part for a realistic range of b parameters. An assumption
that is often made is that the different ion species have the same b. An additional
uncertainty when recovering column densities at low resolution is that the line might
look single, while in reality there are multiple narrow components. Not only do we
lose information on the kinematical structure, the N recovered with a single compo-
nent COG might be significantly underestimated (Prochaska 2006, see also Figure 1.8).

When the spectral resolution is higher (R � 4000), the line profile can be fitted
with a multi-component Voigt profile that is convolved with the instrumental profile.
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Figure 1.8: Illustrative case showing how a single component line profile can underestimate the real
column density. Left are best-fit single-component line profiles of Fe ii transitions in GRB 020813; right
a toy model comprised of two narrow components and a series of weak features, which would look the
same at low spectral resolution. The equivalent widths are comparable, yet the column density in the
model on the right is twice as high. Figure from Prochaska (2006).

Again, the assumption of equal b for different ion species often needs to be made per
velocity component. Including weak lines as well as strong saturated ones can help
to constrain b, since this parameter determines when the saturation starts. There are
still systematic and possibly significant uncertainties introduced by these methods
and assumptions, but high-resolution spectroscopy (R � 10 000) has been possible for
only a handful GRB afterglows yet. These were either at modest redshift or relatively
bright, or were observed very shortly after the trigger thanks to automated observations
(e.g., Fiore et al. 2005; Hill et al. 2005; Vreeswijk et al. 2007; D’Elia et al. 2007;
Ledoux et al. 2009; D’Elia et al. 2009a,b, 2011; De Cia et al. 2012).
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1.4.2 Metallicity and dust depletion
The absorption spectrum provides column densities of ion species. The DLA is
a large reservoir of neutral hydrogen (H i), therefore it is opaque to photons with
Eph ≥ 13.6 eV. As a result, the metals associated with the DLA will be in stages
with an ionisation potential below 13.6 eV; mostly the singly ionised stage (e.g. Si ii,
Fe ii), and for some elements the neutral stage (N i, O i). With help of modelling it
has been shown that this assumption (i.e. NSi ii/NH i = NSi/NH) is valid for DLAs
and that ionisation corrections are negligible (e.g., Viegas 1995; Izotov et al. 2001;
Vladilo et al. 2001). For absorbers with lower hydrogen column densities such as
sub-DLAs (19 ≥ log NH i/cm−2 ≥ 20.3), the corrections may become significant
(Dessauges-Zavadsky et al. 2003; Milutinovic et al. 2010, see also Chapter 7).

The obtained column densities represent only the gas component. To retrieve the
total abundance of a metal, dust depletion needs to be considered. The fraction of
an element that is depleted onto dust depends on the element, the nature of the dust
and the dust-to-metals ratio κ or DTM, which is the dust-to-gas ratio divided by the
metallicity and is usually expressed as a fraction of the DTM in the Local Group.
Non-refractory elements such as sulphur (S) and zinc (Zn) do not deplete onto dust,
which makes them reliable tracers of the metallicity. When S and Zn are not available,
silicon (Si) can be used because of its expected minor depletion in typical sight lines
towards GRBs and QSOs (see, e.g., Savaglio & Fall 2004). Abundance ratios in the
gas phase of the ISM are expressed with the following notation:

[X/Y] ≡ log
�

N (X)

N (Y)

�
− log

�
n (X)

n (Y)

�

⊙
, (1.1)

with N (X) the column density of element X, and n (X) the number density of element
X in a solar environment. Because iron (Fe) is a very refractory element, the ratio
[Fe/Zn] is a sensitive measure of the overall level of dust depletion. The more negative
[Fe/Zn] is, the more Fe is missing from the gas phase and is (possibly) locked up in
dust. In GRB host galaxies, [Fe/Zn] has been measured as low as −2 (Savaglio et al.
2003) and is on average around −1. For both GRB-DLAs and QSO-DLAs, [Fe/Zn]
anti-correlates with the metal column density (e.g., Prochaska & Wolfe 2002; Savaglio
2006, see also Figure 5.3) and metallicity (e.g., Noterdaeme et al. 2008; Rafelski et al.
2012).

A more sophisticated method to study the dust depletion is to take into account
all fractional abundances and compare the depletion pattern with observed Galactic
patterns along sight lines in regions of different nature (Savaglio & Fall 2004; Vladilo
2004; De Cia et al. 2013, see also Figure 5.4). The observed Galactic depletion
patterns through different regions (Savage & Sembach 1996) can be used as models
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to fit to the observed depletion pattern by changing the DTM and the metallicity.
We caution, however, against drawing too strong conclusions on the results of the
comparisons with Galactic sight lines.

Understanding the amount and nature of the dust in high-redshift galaxies is not
only useful for retrieving the total (gas and dust) abundances, but also in context of the
dust formation through asymptotic giant branch (AGB) stars, SNe and grain growth in
the ISM (e.g., De Cia et al. 2013, see also Section 6.7). The production and recycling
of dust and metals and their interplay are strongly connected to star formation (Gall
et al. 2011; Cortese et al. 2012). GRB host galaxies together with QSO-DLAs offer a
broad range of different test environments.

1.4.3 Excitation and ionisation by the GRB afterglow
GRB host galaxies often do not only show resonance metal lines, i.e. line transitions
coming from the ground state of an ion, but also lines from excited states. In QSO-
DLAs only C ii∗ is common, and very sporadically lines from excited Si ii are detected
(e.g., Kulkarni et al. 2012). In GRB spectra, however, we usually detect these and
also lines from O i, Fe ii, and Ni ii fine-structure and metastable levels, if the redshift
allows them to fall in observable windows. Multi-epoch spectroscopy on these GRB
afterglows reveals that the strengths of the absorption lines from these levels vary in
time, which implies that the levels are temporarily populated. Careful analysis showed
that this is caused by the UV-afterglow radiation of the GRB (Prochaska et al. 2006;
Vreeswijk et al. 2007). UV photons in the afterglow excite the ground state ions to
highly excited states, after which they fall back to either the ground state directly
or stay in a lowly excited fine-structure or metastable state for a finite time. This is
called indirect UV-pumping. The resulting temporal behaviour of a fine-structure level
column density depends on the paths an electron can take while it falls back and the
Einstein coefficients of the levels. Some metastable levels therefore peak later than
others, which is what rules out other mechanisms than UV-pumping for the observed
behaviour (Vreeswijk et al. 2007). Assuming that the UV-pumping mechanism is
at play, the presence of fine-structure lines confirms that the absorbing system is
close to the GRB (within a few kpc) and thus part of the host galaxy. Furthermore,
the temporal behaviour of the fine-structure and metastable level population can be
modelled in order to constrain the distribution of the material in the line of sight.
When the rest-frame UV light curve is known or can be estimated, these models
constrain the distance between the burst and the absorbing material. This was possible
for a handful of bursts (e.g., Vreeswijk et al. 2007; Dessauges-Zavadsky et al. 2006a;
D’Elia et al. 2009a; Ledoux et al. 2009; de Ugarte Postigo et al. 2011; De Cia et al.
2012; Vreeswijk et al. 2013, see also Table 5.6), and we apply it for the first time
at low spectral resolution in Chapter 5. The derived distances are between 50 and
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5000 pc, implying that the material in the direct environment of the GRB is either
swept up or completely ionised, by the GRB or by the strong stellar wind and radiation
of its progenitor. Some bursts do not only excite ions in the line of sight, but also
ionise a fraction of them: in GRB 080310, variability is seen in Fe iii lines which can
be explained by the presence of the afterglow (De Cia et al. 2012). In addition to
the abundances and time-variability of excited or ionised species, we can use the line
profiles (e.g. the presence of blueshifted wings, Fox et al. 2008), the relative velocities
of distinct absorption line components (e.g., Thöne et al. 2008) and the individual
ionisation and excitation states of these components (Thöne et al. 2008) to complete
our picture of the absorption complexes along the line of sight.

1.5 Probing the early universe with high-redshift GRBs
Long GRBs and their afterglows are detected up to very high redshifts (z = 8 − 9,
e.g., Tanvir et al. 2009; Cucchiara et al. 2011). They are unique probes of the early
universe because of the following reasons. Firstly, GRBs indicate locations of star
formation. Secondly, the afterglows reveal the abundance patterns of high-redshift
host galaxies, that give insight to the nucleosynthetic enrichment history. Thirdly,
they offer the opportunity to probe the high-redshift intergalactic medium (IGM), in
principle out into the epoch of reionisation.

1.5.1 Nucleosynthetic history of galaxies
Effects of ionisation and in particular of dust depletion (Section 1.4.2) are degenerate
with effects on the total (gas and dust) underlying abundance pattern, which is subject
to the enrichment history of the ISM. The α-elements (C, N, O, Ne, Mg, S, Si, Ar,
Ca, Ti) are produced in ccSNe, and are thus the result of stars with Minit > 8 − 10 M⊙.
Iron-peak elements (V, Cr, Mn, Fe, Co, Ni) are mainly produced in SNe of Type Ia,
and thus a product of stars with lower initial mass and longer lifetimes. For these
elements it takes more time to enrich the ISM after a single starburst. At early cosmic
times, there is expected to be a point where the universe is simply not old enough to
contain iron peak elements, or at least one does not expect their ratio to α-elements to
be the same as in a low-redshift environment. In the ISM of high-redshift GRB host
galaxies, α-element overabundance has not been confirmed unambiguously, mainly
due to the uncertain effects of dust depletion and ionisation, a small subset of measured
metal abundances, and overall large uncertainties due to limited spectral resolution
and S/N. At some point we expect to see an imprint of primordial (metal-free) gas,
which helps us to understand how the first stars (Population III) formed and what they
looked like (e.g., Bromm 2013). The Population III stars themselves are proposed to
be viable candidates for long GRBs as well (Bromm & Loeb 2002, 2006).
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1.5.2 The end of the epoch of reionisation

The epoch of reionisation is the second phase change in the universe since the Big
Bang. According to cosmological models (e.g., Gnedin & Ostriker 1997; Gnedin
2000; Ciardi et al. 2001; Somerville et al. 2003), this gradual process started between
z ∼ 10 − 20 and ended around z ∼ 6. Baryonic matter in the universe condensed
into UV-radiating objects (stars and active galactic nuclei) that started to ionise the
neutral hydrogen in the IGM. Exactly how and when this happened is one of the key
questions in modern cosmology (see e.g., Loeb & Barkana 2001; Barkana & Loeb
2001, for reviews). A direct observational method to study the end of this epoch
is by the Gunn-Peterson (GP) troughs (Gunn & Peterson 1965) seen in spectra of
distant (z � 6) QSOs (Becker et al. 2001; Fan et al. 2006). The Lyman transitions
have large scattering cross-sections, implying that even a low abundance of neutral
hydrogen leads to the absorption of a significant number of photons. The cosmological
expansion smears out the Lyman absorption line in the IGM into an absorption band:
a GP trough. The trough can also be interpreted as a very dense Lyα forest, where
the absorbing H i is not located discretely in intervening galaxies, but continuously
spread in the IGM. Sometimes it is difficult to distinguish the GP trough from just the
gradual thickening of the Lyα forest (e.g., Songaila 2004), since both situations lead
to an increase in average Lyα optical depth with redshift z > 6. The observation of
the lack of complete GP absorption at z < 6 is an indication that the IGM was mostly
ionised by that time, while at higher redshift completely black troughs indicate that
we are probing the epoch of reionisation while it was not completely finished (Fan
et al. 2000, 2001; Becker et al. 2001; White et al. 2003). The detection of neutral
hydrogen before reionisation is important in order to understand how the first stars
and black holes formed and in which environment (e.g., Barkana & Loeb 2007).

Optical GRB afterglows are at least as bright as QSOs and they also occur at these
redshifts, so they have proven to be of use for this analysis (Totani et al. 2006; Greiner
et al. 2009; Chornock et al. 2013, 2014; Totani et al. 2014). An advantage of their use
over QSOs is that afterglow spectra are intrinsically much simpler than those of QSOs,
easing the analysis of the troughs. Furthermore, the IGM in the vicinity of the GRB
does not suffer from the proximity effect (see Section 1.4), and GRBs probe more
average regions in the universe than QSOs, which tend to live in massive haloes. For
high-redshift (GRB)-DLAs, it is also possible to put constraints on the ionised fraction
of the IGM by fitting the red wing of the DLA (e.g., Miralda-Escudé 1998). With
sufficient S/N, the situation of a confined cloud of neutral hydrogen (the DLA-galaxy)
within a completely ionised IGM can be distinguished from a DLA embedded in a
piece of IGM with a low neutral fraction (Totani et al. 2006, 2014; Chornock et al.
2013, 2014). In Chapter 7 we apply both the GP method and the red damping wing
analysis to the spectrum of GRB 130606A.

27



1 Introduction

1.6 Recent developments
Starting in the 90s and driven by the findings of BATSE and the afterglow revolution,
the field of GRBs has evolved from its explorative phase into a mature scientific field
of research. BeppoSAX was operational until 2002, and in 2004, NASA’s Swift satellite
was launched (Gehrels et al. 2004). The Swift mission is fully dedicated to gamma-
ray burst research and revolutionised the field once more. As its name suggests, the
spacecraft can, after a detection of gamma rays with the onboard Burst Alert Telescope
(BAT), swiftly slew to point an X-ray and UV camera towards the source. In this
way, accurate (< 5��) positions are obtained and distributed within seconds to minutes,
which enables ground-based observations. But Swift’s quick reaction ability also
provides insight in the behaviour of the burst in the tail of the prompt emission and the
start of the afterglow. During the Swift era, the first afterglow of a short burst was found,
indicating that this population is also at cosmological distances (Gehrels et al. 2005).
Other highlights are redshift record holders GRB 090423 (spectroscopic z = 8.2,
Tanvir et al. 2009; Salvaterra et al. 2009) and GRB 090429B (photometric z ∼ 9.4,
Cucchiara et al. 2011). From 2008 on, the Fermi Gamma-ray Space Telescope started
to contribute to the understanding of the high-energy behaviour of GRBs, thanks to
the broad coverage of photon energies of the combined on-board instruments. This
led to a better understanding of the prompt emission.

In 2014, Swift and Fermi are still operational. With an annual average of ∼ 90
BAT detections (Gehrels & Razzaque 2013), Swift detects a few bursts per week9, of
which the coordinates are rapidly distributed with the GRB Coordinates Network10

(GCN), which was set up at the end of the BATSE era for rapid communication within
the GRB community. Several groups of GRB researchers have Target of Opportunity
(ToO) override programmes on in total over 50 ground-based telescopes operating
in the near-UV, optical, near-IR (NIR) and radio, to be able to rapidly follow-up
when a new burst is detected (Gehrels & Razzaque 2013). Results may be of use
for further planned observations, therefore these are usually immediately circulated
within the community using the GCN network. Several robotic photometers are
successfully sampling light curves, while the 8 − 10 m class telescopes obtain spectra
of the afterglows with advanced spectrographs. A particularly successful one is X-
shooter on the European Southern Observatory’s (ESO) Very Large Telescope (VLT)
at Cerro Paranal, Chile.

9Swift provides the most new GRB triggers. Occasionally triggers are received from Fermi, the
INTErnational Gamma-Ray Astrophysics Laboratory (INTEGRAL) of the European Space Agency
(ESA), and the Monitor of All-sky X-ray Image (MAXI) onboard the International Space Station (ISS).
INTEGRAL predominantly observes the galactic plane, and though it detected about a hundred GRBs,
these are generally not very well suited for optical follow-up due to high Galactic extinction (Gotz 2013).

10
http://gcn.gsfc.nasa.gov/
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1.6.1 X-shooter, the ‘redshift machine’

The rapid follow-up of GRBs and their afterglows at optical and near-infrared wave-
lengths requires a world-wide organisation. The late Jan van Paradijs (1946 − 1999)
of the University of Amsterdam set up the international GRACE consortium (Gamma-
Ray burst Afterglow Collaboration at ESO) that was awarded an ESO Large Pro-
gramme etitled ‘The physics of GRBs and the nature of their host galaxies on the
Very Large Telescope’ running from 2000 until 2002. The GRACE consortium was
awarded the European Union Descartes prize for outstanding scientific achievements
in 2002 (Kaper et al. 2002). Inspired by the GRB science case, and partly supported
by the Descartes prize money, a Danish-Dutch consortium (Principal Investigators
P. Kjærgaard Rasmussen and L. Kaper) took the initiative to propose a very efficient,
wide-band optical/near-IR spectrograph as one of the second-generation instruments
for the VLT. With the addition of partners from Italy and France (and ESO), this
initiative evolved into the development of X-shooter (Vernet et al. 2011), that was
commissioned as the first second generation instrument on the VLT in 2009.

X-shooter is an échelle spectrograph consisting of three separate ‘arms’ (UV-Blue,
VISual and Near-IR) which together cover a wavelength range of 3000 − 24 800 Å.
This, together with very good sensitivity (limiting AB magnitudes ∼ 21 for S/N ∼ 10
in 1 hr exposure time) and intermediate spectral resolution (R = 3300 − 17 400),
makes the instrument ideal for spectroscopic follow-up of optical GRB afterglows, a
key topic in the science case. Especially when the redshift of a source is not known in
advance, as is often the case for GRBs, the large spectral coverage will always include
at least some features to determine it. The great sensitivity allows to study even
very faint and/or very distant bursts. The resolution is very important to distinguish
host-galaxy absorption lines from lines from Earth’s atmosphere (telluric lines), which
is especially important in the NIR. Additionally, the intermediate resolution is required
to identify H2 features which are located in the Lyα forest. Furthermore, as described
in Section 1.4.1, the analysis of absorption lines is generally more reliable at higher
spectral resolution.

The Guaranteed Time Observations (GTO) VLT programme entitled ‘The X-
shooter/Swift GRB afterglow legacy survey’ (PI J. P. U. Fynbo), has been carried out
over a period of three years, using a total observing time of 24 nights. After the GTO
period, the observation programme was continued in Open Time. At the start, the
collaboration consisted primarily of members affiliated to institutes in the countries
who contributed to the GTO time (Denmark, France, Italy, the Netherlands), but with
every semester this has been expanded with experts and manpower in the United
Kingdom, Iceland, Spain and other countries. In semester P94 (autumn 2014), the
collaboration consists of 45 members. The aim of the programme is to build a well-
defined statistically useful sample of ∼ 100 GRB afterglows with measured redshifts,
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Figure 1.9: Magnitude against spectroscopic follow-up time for Very Large Telescope/X-shooter bursts.
Colours indicate the redshift. Figure courtesy of J. P. U. Fynbo.

metallicities, molecular content, and extinction curves, to be studied individually, and
as a sample with the aim to investigate the redshift distribution, luminosity function,
energetics and the link with the star-formation history of the Universe.

The strategy is to follow-up bursts selected on criteria that favour the ease and
quality of the observations, while not being biased on physical properties of bursts,
host galaxies or sight lines. Firstly, the burst must be triggered by Swift, and a
well-constrained Swift/X-Ray Telescope (XRT) position must be obtained within 10
minutes after the BAT trigger. Secondly, the foreground extinction due to the Galaxy
must be AV < 0.5 mag; this can be estimated based on the coordinates of the burst
and a Galactic extinction map by Schlegel et al. (1998). Thirdly, the target must be
at least 30◦ above the horizon for at least 60 min, with the Sun below −12◦. Finally,
there should be no bright stars close by11. For the automatic Rapid Response Mode
(RRM, Vreeswijk et al. 2010), which is activated when a new afterglow is directly
visible from ESO Paranal, the criteria are a bit loosened. For the majority of triggers,
a spectrum is obtained within 12 hours (see Figure 1.9), after which usually a redshift

11We use the criterion that is formally defined for The Optically Unbiased GRB Host (TOUGH)
survey (Hjorth et al. 2012): in the R band, a star with USNO-B (Monet et al. 2003) magnitude mR affects
a region r ≈ 1.8 + 0.4 × exp [(20 −mR)/2.05] arcsec.
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1.7 Outline of this thesis

can be distributed by a GCN circular. For about 50% of the bursts that fulfilled the
sample criteria, we have successfully obtained a spectrum with a S/N sufficient to
determine the redshift. Since our programme is active, of the total number of sample
bursts for which a redshift is found, for about 80% of them it was discovered (or
confirmed) with X-shooter (D. Malesani, priv. comm.).

1.6.2 Results of the X-shooter GRB sample

Within the X-shooter GRB campaign, many interesting results are obtained. For
example, the sample of GRB host galaxies with detected H2 is, with only one secure
detection before the campaign (Prochaska et al. 2009), expanded with at least three
(Krühler et al. 2013; D’Elia et al. 2014; Friis et al. 2014; see Figure 1.6). We obtained
for the first time a short GRB afterglow spectrum (de Ugarte Postigo et al. 2014), and
several good quality high-redshift long GRB afterglow spectra (Thöne et al. 2013,
Chapter 6, Chapter 7). Several GRB-SN connections are identified and studied with
help of X-shooter spectra (e.g., Starling et al. 2011; Sparre et al. 2011; Xu et al.
2013a; Schulze et al. 2014). Several more papers are in preparation about interesting
individual cases; see also Table 1.1. In the meantime, the sample has also been built
up. A total of about 70 spectra have been secured (Table 1.1). There are 20 at sufficient
redshift (z � 1.6) to have a measured N(H i) (see also Figure 1.5), of which a subset of
15 allowed robust metallicity measurements. Many more spectra are at lower redshifts
and have well detected metal lines that allow studies of the abundance pattern and,
sometimes, of fine-structure lines. At least 15 bursts show emission lines of the host
galaxy in their spectrum. At the time of writing this thesis, the collaboration has
initiated statistical studies of this unique sample.

1.7 Outline of this thesis
In this thesis I present a sequence of (mainly spectroscopic) observation-based studies
starting from massive stars in low-metallicity environments up to the afterglows of the
highest-redshift GRBs. The ordering of the Chapters is motivated by the evolution
of a massive star towards its death, but also from our Local Group to the highest
redshifts and from mechanisms we feel we have a basic understanding, to the situation
in the early universe of which we know very little. A recurring theme is metallicity:
where does it come from, what is its effect and how do we measure it? Furthermore,
GRBs as well as their progenitors, the massive stars, are seen to have strong effects
on their environment. I exploit this information with help of models in order to learn
more about the environments and the objects that are affecting it. All of the studies
presented are results of collaborative efforts. In those studies where I was not the
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principal author, I have indicated which parts are my work.

In Chapter 2 the observations of a massive star candidate in NGC 55 (distance
∼2.0 Mpc) are presented. The X-shooter spectrum, which was obtained as part of the
Science Verification process of this instrument in 2009, shows a composite stellar
atmosphere and wind spectrum as well as narrow emission lines from the surrounding
H ii region. The high electron temperature of this region, the presence of a diluted
He ii λ4686 WR wind feature combined with a late O-type stellar spectrum, and the
high luminosity of the source, show that it is a cluster of stars rather than a single
object, and that there is a hot WN star present. It is likely that many stellar sources
that appear single at these distances are in fact multiple systems. In order to spa-
tially resolve the clusters and truly study individual stellar objects outside the Local
Group, we will have to wait for the 40 m class telescopes such as the European Ex-
tremely Large Telescope (E-ELT) of ESO, which is expected to be operational in 2024.

Chapter 3 focuses on the nature of the rare oxygen sequence WR (WO) stars,
which are viable progenitor candidates for long GRBs. We analyse the X-shooter
spectrum of WO star DR1 in low-metallicity Local Group galaxy IC 1613 at ∼ 0.7
Mpc, with help of non-LTE stellar atmosphere code cmfgen. The theoretical link
between WO and WC stars is not well understood. The WO stars, characterised by
high-ionisation oxygen (O vi) lines, can either be just a hotter version of the WC
type, or represent a more advanced evolutionary state. If the properties of DR1 are
representative for the WO type, this type is rather a hot equivalent of the WC stars,
since no enhanced surface oxygen abundance is found. My main contribution to
this project is the analysis and modelling of the ionised region that surrounds DR1
(Section 3.4.2): S3, the hottest He ii region known. With help of Cloudy modelling,
we conclude that the region can be so hot because of the low metallicity and the
presence of DR1, which is confirmed to be the main ionising source of S3.

In Chapter 4 we search for the emitting counterparts of DLAs at z = 2.2 − 2.5
towards bright QSOs. The samples of emission and absorption selected galaxies
hardly overlap due to very different selection biases. However, the properties inferred
from absorption are very complementary to those obtained from emission. In order
to get a completer view of the full range of galaxies in the non-local universe, it is
useful to explore where these samples connect and overlap. Metal-rich DLAs are
expected to arise from more massive and more luminous galaxies; therefore, the
probability to detect their associated emission should be higher. For a low-metallicity,
‘ordinary’ DLA, the associated emission is not found. For one relatively metal-rich
DLA we do detect Lyα emission, but for another even more metal-rich one, we do
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not. Although the chances to miss the emission with our observational method are still
about 10%, the picture might in reality be more complicated than the one we sketch.
For GRB-DLAs, the problem of connecting absorption and emission is smaller than
for ‘classic’ QSO-DLAs, because the transient nature of the afterglow allows deep
observations of the host galaxy afterwards, without contamination of the background
source. Still, at high redshift this is very challenging.

In Chapter 5 we present multi-epoch optical absorption spectra of the afterglow
of GRB 100901A (z = 1.41), that span a week in time. Not only the metal resonance
lines are detected, but also lines from excited states (fine-structure and metastable
levels), and they vary in strength over time. From the temporal behaviour of the
population of the levels, and with help of the rest-frame UV-afterglow light curve, we
estimate the distance between the GRB and the bulk of the absorbing material to be a
few hundred pc. This is the first time that this is successfully done with low-resolution
spectra, and because of the time span we also cover the peak in the population of the
Ni ii 4F9/2 metastable level for the first time. The absorber distance we find is very
similar to that of other GRBs for which this analysis was possible. Apparently, a GRB
can have a noticeable influence on material up to several kpcs away, and the absorption
lines in GRB afterglows do not come from the direct (< 50 pc) environment, which
we expect to be completely ionised or swept up by the effects of the GRB and/or its
progenitor.

Chapter 6 is the analysis of the spectrum of GRB 111008A, from which we can
measure metallicity, chemical abundance patterns, dust-to-metals ratio and extinc-
tion at z = 4.99. This is one of the few highest-redshift GRBs for which such a
detailed analysis can be done and the spectrum is therefore one of the highlights of
the X-shooter GRB sample. My contribution to this project is the analysis of the
excited lines in the host galaxy of GRB 111008A (Section 6.3.2) and the analysis of
the serendipitously discovered second DLA at z = 4.61 (Section 6.5). Intervening
absorbers are common but they seldom show a DLA. This intervening system is
possibly relatively metal-rich for its redshift, and the emitting counterpart might have
been detected in later photometry of the field, long after the fading of the afterglow of
GRB 111008A. If the system is truly relatively metal-rich, the chances to detect the
emission should be increased, linking back to Chapter 4. The host of the GRB is not
detected in emission.

In Chapter 7 we present another high-redshift source of the X-shooter sample:
GRB 130606A at z = 5.91. Being at such a high redshift, it is possible to study the
ionised fraction of IGM between z = 5.02 − 5.84, in order to catch a glimpse of the
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end of the epoch of reionisation. For the afterglow of GRB 130606A this is done by
both analysing the red wing of the Lyα absorption line and by measuring the Lyα,
β and γ Gunn-Peterson optical depth in the IGM. We conclude that the universe is
already predominantly ionised at this epoch, but we confirm that the IGM was more
neutral at z > 5.6, consistent with the results of similar analyses on high redshift
QSO spectra. My contribution to this project is the analysis of the metal absorption
spectrum of the GRB host. Although the abundances can only be well constrained for
a few ion species, the pattern is very puzzling and hampers strong conclusions on the
metallicity, dust depletion and α-element enhancement. Still, the metallicity can be
constrained to 3% − 8% of solar, taking into account estimates for the ionisation and
dust-depletion effects.

Chapter 8 sketches the scope of a project inspired by metallicity measurements of
high-redshift (z ∼ 4 − 6) GRB host galaxies, where X-shooter results, including those
from Chapters 6 and 7, provide the most well-constrained values. When the redshift
evolution of the metallicity of QSO-DLAs is compared to that of GRB-DLAs, the
latter is much shallower. In order to investigate this behaviour, it is very useful to try
to predict what this trend looks like when no special circumstances for producing a
GRB are assumed, except for the requirement of active star formation. This kind of
predictions can be done with the results of the new EAGLE (Evolution and Assembly
of GaLaxies and their Environments) cosmological simulations, that provide a realistic,
high-resolution model universe of a representative size. To stay close to observables,
one would like to compute column densities in sight lines towards locations we select
as GRB sites in the model universe, with a weighing (GRB rate) proportional to the
SFR at these sites. The column-density based metallicities should then be inspected as
a function of redshift, which in the evolving simulation is the natural unit of time. The
questions that could be addressed with this are the following. Does the production
of a GRB require a special range of metallicities or other local circumstances, or
is what we observe just an effect of the SFR of the host galaxy? What is the effect
of observational biases in metallicity measurements of GRB-DLAs? We know that
spectroscopy of distant sources requires bright afterglows in relatively dust-free (and
thus low-metallicity) environments. Does the metallicity we infer from absorption
line spectroscopy accurately reflect the metallicity of the star forming gas at the GRB
site and thus the material of the progenitor? How does this metallicity compare to a
metallicity that would be derived from forbidden oxygen lines emitted by the bright
H ii regions of the host galaxy? Are GRB host galaxies at low redshift similar to those
at high redshift, where we cannot directly study their emission?

Unfortunately, at the time of writing this thesis, this project has not progressed
far enough to have reliable modelling results to be interpreted and compared with
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observations, but I present the outlook of the project anyway in the last Chapter. My
opinion is that there is a world of understanding to win when GRB observations are
carefully compared with results from cosmological simulations, and a lot of synergy
can be created between these still distinct fields of astronomy.
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1.A List of GRBs observed in X-shooter GRB afterglow
legacy survey

Table 1.1: List of GRBs that are observed in the VLT/X-shooter GRB afterglow legacy survey as of
summer 2014. (1) Name of the GRB, (2) part of the sample (see text), (3) long (L) or short (S) burst, (4)
the overall quality of the X-shooter data, (5) Refereed publication (no GCN).

GRB Sample L/S z Quality Publication
GRB 090313 n L 3.3736 low [1]
GRB 090530 n L 1.266 very low
GRB 090809 n L 2.737 low [2]
GRB 090926 n L 2.1071 good [3]
GRB 091018 y L 0.971 good [4]
GRB 091127 y L 0.49 low [5]
GRB 100205A y L – no trace
GRB 100219A y L 4.667 ok [6]
GRB 100316B y L 1.18 high
GRB 100316D y L 0.059 low; bright em. lines [7,8]
GRB 100418A y L 0.624 high [9]
GRB 100424A y L 2.465 low
GRB 100425A y L 1.755 low [2]
GRB 100615A y L 1.39 low, higher in em. lines
GRB 100621A y L 0.542 low, higher in em. lines
GRB 100625A y S 0.452 low
GRB 100724A n L 1.288 low
GRB 100728B y L 2.106 low
GRB 100814A y L 1.44 high
GRB 100816A y S 0.806 low, higher in em. lines
GRB 100901A y L 1.408 ok, lower in NIR [10]
GRB 101219A n L 0.718
GRB 101219B n L 0.552 good [11]
GRB 110128A y L 2.339 low
GRB 110407A y L – low
GRB 110709B y L – low
GRB 110715A n L 0.82 good
GRB 110721A n L 0.382 faint/no trace
GRB 110808A y L 1.349
GRB 110818A y L 3.36
GRB 111005A n L 0.013a

GRB 111008A y L 4.99 good; low S/N 2nd epoch [12]
GRB 111107A y L 2.893 faint
GRB 111117A y S ∼ 1.3 faint
GRB 111123A y L 3.152 no trace; em. lines in 2nd epoch

Continued on next page
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Table 1.1 – Continued from previous page
GRB Sample L/S z Quality publication
GRB 111129A y L – no trace
GRB 111209A y L 0.677 good [13]
GRB 111211A n L 0.478 good
GRB 111228A y L 0.716 good
GRB 120118B y L 2.943 low, higher in em. lines
GRB 120119A y L 1.728 good [14]
GRB 120211A y L – low
GRB 120224A y L – low
GRB 120311A n L < 3 low
GRB 120327A n L 2.815 good, low S/N 2nd epoch [15]
GRB 120404A y L 2.876 low
GRB 120422A y L 0.283 ok [16]
GRB 120712A y L 4.175 low
GRB 120714B y L 0.398 low [17]
GRB 120716A y L 2.486 low
GRB 120722A y L 0.959 low in cont., high in em. lines
GRB 120805A y L ∼ 2.8b low
GRB 120815A n L 2.3586 good [18]
GRB 120909A y L 3.93 good
GRB 120923A y L > 8c low [19]
GRB 121024A y L 2.30 high [20]
GRB 121027A y L 1.773 low
GRB 121201A y L 3.385 low
GRB 121229A y L 2.707 low
GRB 130131B y L 2.539 low
GRB 130408A n L 3.758 high
GRB 130418A y L 1.218 high
GRB 130427A y L 0.34 high [21]
GRB 130427B y L 2.78 low
GRB 130603B y S 0.356 ok [22]
GRB 130606A y L 5.91 high [23]
GRB 130612A y L 2.006 low
GRB 130615A y L ∼ 3? very low
GRB 130701A y L 1.155 low
GRB 131030A y L 1.295 high
GRB 131103A y L 0.596 low in cont., high in em. lines
GRB 131105A y L 1.686 low
GRB 131117A y L 4.042 low
GRB 131231A n L 0.642 high
GRB 140114A y L ∼ 2.8 very low
GRB 140213A y L 1.2076 good
GRB 140301A y L 1.416 good

Continued on next page
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Table 1.1 – Continued from previous page
GRB Sample L/S z Quality publication
GRB 140430A y L 1.601 fairly good
GRB 140506A y L 0.889 fairly good [24]
GRB 140515A y L ∼ 6.32 low S/N
GRB 140614A y L 4.233
GRB 140614B y L – no trace
GRB 140622A y S 0.959 em. lines

Notes.
aSpectrum of possible nearby, extended host (∼ 2�) which fills the slit.
bPossibly spectral break in host galaxy spectrum.
cA weak trace in the NIR could indicate a very high redshift.

References. [1] de Ugarte Postigo et al. (2010), [2] Skúladóttir (2010), [3] D’Elia et al.
(2010b), [4] Wiersema et al. (2012), [5] Vergani et al. (2011), [6] Thöne et al. (2013), [7]
Starling et al. (2011), [8] Bufano et al. (2012), [9] de Ugarte Postigo et al., in prep., [10]
Chapter 5, [11] Sparre et al. (2011). [12] Chapter 6 [13] Levan et al. (2014), [14] Vreeswijk et
al., in prep., [15] D’Elia et al. (2014), [16] Schulze et al. (2014) [17] Klose et al., in prep., [18]
Krühler et al. (2013) [19] Tanvir et al., in prep., [20] Friis et al. (2014), [21] Xu et al. (2013a),
[22] de Ugarte Postigo et al. (2014), [23] Chapter 7, [24] Fynbo et al. (2014)
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CHAPTER2
First Very Large Telescope/X-shooter spectroscopy of

early-type stars outside the Local Group

O. E. Hartoog, H. Sana, A. de Koter, L. Kaper

Monthly Notices of the Royal Astronomical Society, 2013, 422, 367

Abstract

As part of the VLT/X-shooter science verification, we obtained the first optical
medium-resolution spectrum of a previously identified bright O-type object in NGC 55,
an LMC-like galaxy at a distance of ∼2.0 Mpc. Based on the stellar and nebular
spectrum, we investigate the nature and evolutionary status of the central object(s) and
its influence on the surrounding interstellar medium. We conclude that the source,
NGC 55 C1_31, is a composite object, likely a stellar cluster, which contains one or
several hot (Teff � 50 000 K) WN stars with a high mass-loss rate (∼3× 10−5 M⊙ yr−1)
and a helium-rich composition (NHe/NH = 0.8). The visual flux is dominated by OB-
type (super)giant stars with Teff � 35 000 K, solar helium abundance (NHe/NH = 0.1),
and mass-loss rate ∼2 × 10−6 M⊙ yr−1. The surrounding H ii region has an electron
density ne ≤ 102 cm−3 and an electron temperature T (O iii) � 11 500 ± 600 K. The
oxygen abundance of this region is [O/H] = 8.18 ± 0.03 which corresponds to
Z = 0.31 ± 0.04 Z⊙. We observed no significant gradients in T (O iii), ne or [O/H] on
a scale of 73 pc extending in four directions from the ionising source. The properties
of the H ii region can be reproduced by a Cloudy model which uses the central cluster
as ionising source, thus providing a self-consistent interpretation of the data. We also
report on the serendipitous discovery of He ii nebular emission associated with the
nearby source NGC 55 C2_35, a feature usually associated with strong X-ray sources.
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2.1 Introduction
The most luminous stars in low-metallicity galaxies are of special interest. These
may have masses exceeding 200 M⊙, defining the upper mass limit of stars. Until
recently, such massive objects were only found in the cores of young massive clusters
(Crowther et al. 2010), but the first such object has now been found in apparent isola-
tion (Bestenlehner et al. 2011). This motivates a search for very massive stars in Local
Group dwarf galaxies, or even more distant systems, where current instrumentation
does not yet allow stellar clusters to be spatially resolved. Depending on mass and
metallicity, the mass-loss rates of the brightest stars may be so high that their winds
become optically thick, resulting in hydrogen-rich WN spectra (de Koter et al. 1997).
Such targets provide important tests for the theory of line-driven winds (Gräfener et al.
2011; Vink et al. 2011). Massive stars up to about 80 M⊙ in metal poor environments
receive special attention as well, as those that have a rapidly rotating core at the end
of their lives may produce broad line Type Ic supernovae or hypernovae, which are
perhaps connected to long duration gamma-ray bursts (Moriya et al. 2010).

In this context, massive stars in the Magellanic Clouds have been extensively
studied (see e.g. Evans et al. 2004, 2011). Extending such studies to more distant
galaxies requires sensitive spectrographs mounted at the largest telescopes and, so far,
has only be attempted at low resolution (Bresolin et al. 2006, 2007; Castro et al. 2008).
Such low resolution studies can be hampered by the presence of nebular emission, as
due to their strong UV flux, massive stars ionise the ambient environment creating
H ii regions. Through observations at higher spectral resolution, nebular emission may
help to further constrain physical properties of the ionising source (see e.g. Kudritzki
& Hummer 1990).

In this Chapter we take the first step towards quantitative spectroscopy of massive
stars outside the Local Group. We present the first medium-resolution spectrum of
a luminous early-type source in NGC 55 (d ∼ 2.0 Mpc) and its surrounding region,
obtained with the new X-shooter spectrograph at the ESO Very Large Telescope
(VLT). The medium spectral resolution (R ∼ 6000) and unique spectral coverage of
X-shooter allow for a detailed analysis of the stellar spectrum, and, importantly, for an
improved correction of the nebular emission lines that can be distinguished from the
underlying stellar spectrum.

2.1.1 NGC 55
NGC 55 (see Figure 2.1) is located in the foreground of the Sculptor Group, at a
distance of approximately 2.0 Mpc (Gieren et al. 2008, and refererences therein).
Though it is difficult to determine its morphological type due to its high inclination of
∼80◦ (Hummel et al. 1986), the galaxy is likely of type SB(s)m: a barred spiral with an
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Figure 2.1: B − V − Hα image of the host galaxy NGC 55 (MPG/ESO, Wide Field Imager) with a
zoomed-in region (FORS Hα image) that indicates the location of our source. The rectangles show the
projections of the VIS entrance slit (0.9�� × 11��) at the different observing epochs: (1) is 13/08/09, (2)
is 27/09/09 and (3) is 30/09/09. C1_31 is located where the slit projections cross. C2_35 is another
massive-star candidate, of which we see the surrounding nebular emission in our slit (see Section 2.4.2).
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Table 2.1: Overview of the observations. Date and mid-exposure time of the observations; Seeing
measured from R-band acquisition images; Angular distance from the source to the Moon and fraction
of lunar illumination (FLI); Exposure time per arm; Position angle (north to east) of the slit on the sky
(along the parallactic angle at the time of the observations).

Date Seeing Moon dist. Exp. T. Pos. Ang.
Time (UT) (R-band) FLI (s)

1 13/08/09 0.69 − 0.88�� 69◦ 2 × 900 53.4◦

08:51:45 56%
2 27/09/09 0.87 − 0.93�� 66◦ 4 × 900 −52.3◦

03:43:18 60%
3 30/09/09 0.96 − 1.50�� 45◦ 4 × 900 −56.4◦

03:25:41 85%

irregular appearance, very similar to the Large Magellanic Cloud (de Vaucouleurs &
Freeman 1972). Metallicity measurements of NGC 55 show a range of values between
0.23 and 0.7 Z⊙, all determined by analysis of forbidden oxygen line emission (see
e.g. Webster & Smith 1983; Stasińska et al. 1986; Zaritsky et al. 1994; Tüllmann et al.
2003).

The blue massive star population of NGC 55 has been studied in the context of the
Araucaria project (Gieren et al. 2005). As part of this project, Castro et al. (2008) have
presented low resolution (R = 780) optical (3900 − 4900 Å) VLT/FORS2 spectra of
approximately 200 blue massive stars in NGC 55. In search for the most massive star
in this galaxy, we selected NGC 55 C1_31 (for the remainder of this Chapter C1_31,
RA (J2000) = 00h15m00.01s, Dec = −39◦12�41.39��, indicated in Figure 2.1) because
of its brightness and its classification as an early O-type supergiant.

In the following Section we describe the observations and data reduction for both
the stellar spectrum (§2.2.1) and the nebular spectra as a function of location along the
slit (§2.2.2). In Section 2.3, we constrain the overall properties of the central source by
comparing the observed hydrogen and helium line profiles of C1_31 with simulated
profiles. In Section 2.4 we analyse the nebular spectra. In Section 2.5 we explore
the effect of luminosity and temperature of the ionising source on the properties of
the surrounding nebula, resulting in a consistent picture on both the properties of the
central ionising source and the surrounding nebula (§2.6). We summarise the main
conclusions in Section 2.7.

2.2 Observations and Data Reduction
The observations of C1_31 were obtained as part of X-shooter Science Verification
(SV) Runs 1 and 2. Spread over three nights, the total exposure time is 2.5 h. The
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Table 2.2: Overview of the X-shooter instrument properties. Instrument arm; Wavelength range;
Projected slit size; Measured resolving power R = λ/∆λ; Resolving power according to the X-Shooter
User Manual.

Arm Range (Å) Slit dimensions R Rth
UVB 3000 − 5600 0.8�� × 11�� 6268 ± 179 6200
VIS 5500 − 10200 0.9�� × 11�� 7778 ± 264 8800
NIR 10200 − 24800 0.6�� × 11�� 7650 ± 258 8100

observations were carried out in nodding mode using a nod throw of 5��. We refer to
Table 2.1 for the details of the observations and the observing conditions.

Light that enters X-shooter is split in three arms using dichroics: UV-Blue
(UVB), VISual (VIS) and Near-IR (NIR). Each instrument arm is a fixed-format
cross-dispersed échelle spectrograph (D’Odorico et al. 2006; Vernet et al. 2011).
Table 2.2 gives for each arm the wavelength range, the projected dimensions of the
slit and the resolving power. The data are reduced with the X-shooter pipeline version
1.2.2 (Modigliani et al. 2010; Goldoni 2011). Although our source is observed in
nodding mode, we have reduced the UVB and VIS science frames separately, using
the staring mode reduction recipe. We follow the full cascade of X-shooter pipeline
steps (‘physical model mode’), up to obtaining two-dimensional (2D) straightened
spectra, without sky subtraction. See Section 2.2.1 for the steps through which we
obtain the stellar spectrum of C1_31, and Section 2.2.2 for the extraction procedure of
the nebular spectra along the spatial direction of the slit.

2.2.1 The sky-corrected stellar spectrum

UVB and VIS arms

One-dimensional object and sky spectra are extracted from the 2D spectra. The
sky spectrum is extracted from regions with the lowest continuum and nebular line
emission. In the nights with four consecutive exposures, cosmic rays have been
removed by taking the median value of each pixel in the four exposures. The sky
spectra are subtracted from the object spectra, thereby correcting for the contamination
by moonlight as well. After applying the barycentric correction, the sky-corrected
object spectra of the three nights have been combined. Table 2.3 gives the signal-to-
noise ratio (S/N) per resolution element of the result of each night and of the combined
spectrum. For the stellar line analysis we normalised the spectrum. Independently, we
also calibrated the flux of the UVB and VIS spectra with standard star BD17-4708
(sdF8 D) taken on 27/09/09, since there were no appropriate flux standard observations
for each individual night. We did not correct the spectrum for slit losses.
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Table 2.3: Signal-to-noise ratio (S/N) per resolution element of different parts of the UVB and VIS
spectra per night, and of the final combined spectra.

UVB arm
S/N [range (Å)]

Night [4240:4280] [4600:4650] [5050:5100]
13/08/09 16.9 21.3 21.4
27/09/09 14.0 21.2 13.7
30/09/09 7.2 9.8 9.8
combined 21.2 29.3 27.4

VIS arm
S/N [range (Å)]

Night [6040:6090] [6750:6800] [8110:8160] [9750:9780]
13/08/09 12.1 15.5 22.0 6.3
27/09/09 10.3 12.0 19.8 5.2
30/09/09 6.2 9.8 13.3 4.8
combined 16.2 20.9 30.0 8.7

NIR arm

We reduced the NIR spectra following the pipeline cascade for nodding mode up
to extracted 1D spectra, and we combined the three nights. A telluric standard star
(HD 4670, B9 V) is used to correct for the telluric absorption features in the combined
NIR spectrum, and to calibrate the relative flux. The NIR spectrum is scaled to match
the absolutely calibrated VIS spectrum. The S/N of the combined NIR spectrum of
all three nights is ∼3 in the J band, and < 1 in the H and K bands. This is too low to
detect stellar or nebular features in the spectrum; however, the level of the continuum
can be retrieved by binning the flux in the atmospheric bands. The result is shown in
Figure 2.2.

2.2.2 The nebular emission spectra
The 2D spectra of each night are combined using the median value. We flux calibrate
the combined 2D spectra with the same photometric standard star as we used for the
object spectrum. Following the trace of C1_31, we extract 20 sub-apertures from
each night’s combined 2D spectrum, resulting in a set of 1D nebular spectra that
are spatially separated by 0.75�� each1. Independently, we apply this combining and

1The sub-aperture size of 0.75�� is just below the average FWHM of the seeing.
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sub-aperture extraction procedure as well to the non-flat-fielded 2D spectra, now
using the sum. This allows us to determine the number of photons N, and thus the
photon noise error

√
N for every emission line in the nebular spectra. These errors are

propagated in the values of the nebular properties described in Section 2.4.

2.3 Analysis: The C1 31 stellar spectrum
Figure 2.2 shows the combined flux-calibrated stellar spectrum of C1_31. The extinc-
tion corrected flux should show a Rayleigh-Jeans wavelength dependence (Fλ ∝ λ−4),
because we expect an early-type star based on the classification in Castro et al. (2008).
To lift the observed spectrum to the slope of the scaled Kurucz model of a B0 star,
we need to de-redden our spectrum with AV ,star = 2.3 ± 0.1, adopting RV = 3.24
(Gieren et al. 2008). We apply the parametrised extinction law by Cardelli et al.
(1989). As a check, we do the same exercise by varying both RV and AV ,star. With
3.0 � RV � 3.5, the spectrum can be de-reddened to the intrinsic Fλ ∝ λ−4 slope with
an AV ,star = 2.3 ± 0.1. With RV outside this range, the de-reddened spectrum does not
match the models for any value of AV ,star.

Castro et al. (2008) report magnitudes V = 18.523 and I = 19.239 for NGC55
C1_31, obtained as part of the Araucaria Cepheid search project (Pietrzyński et al.
2006). The I magnitude is in good agreement with our flux-calibrated spectrum; V is
not. The reported color V − I = −0.716 is even bluer than a theoretical Rayleigh-Jeans
tail, suggesting a problem with the photometry2. From our flux-calibrated spectrum
we obtain V � 20.1 ± 0.1. Using AV ,star = 2.3, and d = 2.0 Mpc, we derive an
absolute magnitude of MV = −8.7 ± 0.4 for the source.

Figure 2.3 compares the observed UVB spectrum of C1_31 between 3800 and
4900 Å with that of spectral standard stars (Walborn & Fitzpatrick 1990). In the
C1_31 spectrum the Balmer and He i lines show artifacts of the nebular emission
correction. However, most of the line wings are left unaffected thanks to the relatively
high spectral resolution of X-shooter. Based on the non-detection of He ii λ4541 and
the presence of He i λ4471 in the C1_31 spectrum one can not classify this source as
an early O-star. By adding artificial noise to the standard star spectra, matching the
S/N of our observations in this range, we estimate that the He ii λ4541 line of a star
with spectral type later than O7.5 will not be detectable, thus suggesting a late spectral
subtype. In Section 2.3.1.1 we will use stellar atmosphere models to constrain the
effective temperature more quantitatively. Supergiants may have strong emission in
He ii λ4686 due to their stellar wind, but none of the standard stars show a feature as
broad as that in our observations. Broad He ii λ4686 emission lines are the strongest

2This has been confirmed by the authors. Corrected photometric values are V = 19.87 ± 0.05,
I = 19.25 ± 0.05 (priv. comm. Pietrzyński), in agreement with our findings.
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Figure 2.3: The normalised sky-corrected object spectrum (top) between 3800 and 4900 Å compared
with the spectra of standard O supergiants from O3 to O8.5 (Walborn & Fitzpatrick 1990). Note the very
broad He ii λ4686 emission.

features in Wolf-Rayet stars of type WN. This line profile will be analysed in more
detail in Section 2.3.1.4.

When we compare the X-shooter spectrum to the FORS2 spectrum of C1_31 in
Castro et al. (2008), we conclude that the general appearance is similar, including the
shape of He ii λ4686. Castro et al. observed He ii λ4200 weakly in emission as well;
this we can not confirm. The FORS2 observations will have suffered from similar
nebular contamination in the Balmer lines as well as in some He i lines, which may
have hampered earlier classification, but correcting for this is even more difficult at
lower spectral resolution.

2.3.1 Stellar line profile modelling
Although we are going to make clear in this Chapter that C1_31 is very likely a
composition of several stars, we first approach the spectrum as if it is produced by a
single star. On the one hand this will allow us to investigate the effect of individual
physical parameters. On the other hand, the integrated light from clusters is often
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Ṁ
,butdifferentT

eff
causing

the
rem

aining
param

eters
to

be
m

odified.The
nextthree

m
odels

are
variations

on
M

O
D

31,butw
ith

differentvalues
for

Ṁ
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2.3 Analysis: The C1 31 stellar spectrum

dominated by their most massive components.
The profiles of spectral lines are responsive to various stellar parameters such

as effective temperature, mass-loss rate, surface gravity, chemical abundances and
rotation speed. We have used Fastwind (Puls et al. 2005) to model stellar atmospheres
and to compute profiles of spectral lines. Fastwind calculates non-LTE line blanketed
stellar atmospheres and is suited to model stars with strong winds. We first tried to
apply a genetic fitting algorithm with Fastwind models (see Mokiem et al. 2005) to
the observed spectrum, in order to fit a large number of parameters at the same time.
This did not result in well constrained parameters, because the shape and width of
He ii λ4686 could not be fitted at the same time as the other lines.

Instead we constructed a grid of Fastwind models, and constrained the parameters
by comparing the observed profiles with the models. The main grid varies effective
temperature Teff = 27 500−35 000 K with steps of 2 500 K; mass-loss rate Ṁ = 1, 3, 6
and 10 × 10−6 M⊙ yr−1 and luminosity log(L∗/L⊙) = 5.4, 5.6 and 5.8. All models
have a mass M = 40 M⊙, wind acceleration parameter β = 1.0, and helium to
hydrogen number density NHe/NH = 0.1. Radius R∗ and surface gravity g are fixed
by the other parameters. The terminal wind velocity v∞ is assumed to be 2.6 times
the surface escape velocity (see Lamers et al. 1995). In Table 2.4 we show the
parameter values of a subset of the grid, i.e. the models discussed in more detail
in this Chapter. Unless stated otherwise, the synthesised line profiles are produced
using a microturbulent velocity vturb = 10 km s−1 and projected rotational velocity
vrot sin(i) = 150 km s−1, with i the inclination of the stellar rotation axis relative to
the plane of the sky. An instrumental profile matching the resolution of X-shooter is
applied as well.

We first investigate the overall impact of the effective temperature (§2.3.1.1),
rotational velocity (§2.3.1.2), and mass-loss rate (§2.3.1.3) by comparing with models
involving a single star. In §2.3.1.4 we show that the observed profile of He ii λ4686
can not be reproduced with a single star. In §2.3.1.5 we will discuss the luminosity
constraint that follows from MV .

2.3.1.1 Effective temperature

The He i and He ii lines can be used to determine the overall effective temperature
of the source. Figure 2.4 shows the observed profiles of He i λ4387, He i λ4471,
He ii λ4200 and He ii λ4541 along with profiles from atmosphere models that only
differ in effective temperature. A visual comparison of the profiles shows that the
models with Teff < 35 000 K best reproduce the spectrum as otherwise He ii would
have been detected, and He i λ4387 would not have been this deep.
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Figure 2.4: Observed line profiles compared with model line profiles computed for various effective
surface temperatures (see text).

2.3.1.2 Rotational velocity

Since the observed profile of He i λ4387 is not affected by nebular emission, we can
use it to constrain the overall rotational broadening. Figure 2.5 shows the He i λ4387
profile of MOD31 (Teff = 30 000 K) convolved with rotational profiles to simulate
three different rotational velocities: vrot sin(i) = 50, 150 and 250 km s−1. The line
with vrot sin(i) = 50 km s−1 is clearly not broad enough to fit the observed profile,
while the line with vrot sin(i) = 250 km s−1 appears to be too broad. We conclude that
the width of the lines is best reproduced by models with vrot sin(i) = 150± 50 km s−1.

50



2.3 Analysis: The C1 31 stellar spectrum

2.3.1.3 Mass-loss rate

In the nebular spectrum Hα (λ0 = 6562.8 Å) is very strongly in emission. This
is mostly due to the surrounding H ii region. In the sky-corrected object spectrum
(Figure 2.6), the Hα line wings are clearly visible, and reveal that Hα is in emission in
the spectrum of C1_31 as well.

The profile of Hα is very sensitive to the mass-loss flux Ṁ/4πR2
∗. In Figure 2.6

we plot the observed spectrum together with the line profiles from single-star models
with Teff = 30 000 K and R∗ = 23.4 R⊙, and four different mass-loss rates: 1 ×
10−5, 6 × 10−6, 3 × 10−6, and 1 × 10−6 M⊙ yr−1. Depending on the mass-loss rate,
the line is either in emission or in absorption. The computed profile for MOD31
reproduces the observed profile best, and corresponds to a mass-loss flux close to
∼9 × 10−10 M⊙ yr−1 R−2

⊙ (i. e. Ṁ = 6 × 10−6 M⊙ yr−1 for R∗ = 23.4 R⊙).

2.3.1.4 He ii λ4686

In the spectrum of C1_31, He ii λ4686 is in emission, which is a common feature in
spectra of O-type supergiants (see Figure 2.3). However, in none of the comparison
spectra this line is as broad as in our spectrum (∼3000 km s−1). The equivalent width
is only −3.6 ± 0.04 Å, i.e. much weaker than in typical WN star spectra. The feature
is of stellar origin as no nebular counterpart is detected.

The strength of He ii λ4686 depends on various parameters in the Fastwindmodels.
The modelled line can be made stronger by (1) increasing the effective temperature
(a larger fraction of the helium will be ionised), (2) increasing the mass-loss rate,
(3) increasing the helium abundance, (4) increasing the wind acceleration parameter
β or (4) decreasing the terminal wind velocity. But these modifications only make
the line stronger, not much broader. To simulate the profile of the line in both
strength and width using rotational broadening, a rotational velocity of vrot sin(i) =
1200 km s−1 is needed: Figure 2.7 shows one of the models (MOD69) for which
this line has an equivalent width of −3.58 Å, convolved with a rotational profile
simulating rotational velocities of vrot sin(i) = 150, 600, 900 and 1200 km s−1. Only
when vrot sin(i) ∼ 1200 km s−1, the line is broad enough to reproduce the observed
profile. This vrot is, for acceptable radii and masses, higher than the escape velocity.
He ii λ4686 is formed in the wind, therefore its width can be much higher than the
surface rotational velocity. But with such a dense and fast wind, Hα would have been
much broader as well, and the photospheric He i and He ii absorption lines would not
be visible. Therefore we conclude that the He ii λ4686 emission line has a different
origin: it is a diluted WN feature (see Section 2.6).
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Figure 2.5: The observed line profile of He i λ4387 compared with the same model profile computed for
various rotational velocities.

2.3.1.5 Luminosity

In the calibration of O-stars by Martins et al. (2005) the visually brightest supergiant
has MV = −6.35. C1_31 is with MV = −8.7 almost an order of magnitude brighter. It
is therefore likely that C1_31 is a composite object such as a cluster containing several
luminous stars. The slit width (0.8�� for UVB) at a distance of 2.0 Mpc corresponds
to a physical size of 7.8 pc, which is large enough to contain for example the Orion
Trapezium cluster, or even more massive open clusters such as Tr 14 (Sana et al. 2010)
or NGC 6231 (Sana et al. 2008).

In summary, the normalised line profiles of hydrogen and helium, except He ii
λ4686, can be reproduced by a single-star model with parameters Teff ∼ 30 000 K
and Ṁ ∼ 6 × 10−6 M⊙ yr−1, R∗ ∼ 23.4 R⊙ and vrot sin(i) = 150 ± 50 km s−1, i.e. a
late-O supergiant star (MOD31 in Table 2.4). A star with this temperature would need
a luminosity of log(L∗/L⊙) ∼ 6.3 to reproduce MV , which is too high for a single
O-type supergiant. The considerations regarding the He ii λ4686 line also point in the
direction of the spectrum being a composite of different sources, weighted by their
visual brightness. This scenario will be explored in Section 2.6.
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Figure 2.6: Observed Hα line profile compared with model line profiles for various mass-loss rates.

2.4 Analysis: The nebular emission line spectrum
The nebular emission spectra show hydrogen recombination lines of the Balmer and
Paschen series, He i lines, and forbidden lines of O ii, O iii, S ii, S iii, N ii, Ne iii, Ar iii,
Ar iv and Ar v. To these spectra, no sky-correction could be applied, because nebular
emission covers the full slit. Therefore, every nebular line we measure might have a
contribution from the sky continuum. We minimise this error by subtracting the local
continuum next to the line in wavelength. The ratios with respect to Hβ of the nebular
lines at the position of our source are listed in Table 2.5. The extinction corrected
intensity of Hβ is 5.8 × 10−15 erg s−1 cm−2 arcsec−2.

We use the diagnostics for electron temperature and oxygen abundance from Pagel
et al. (1992):

T =
1.432

log R − 0.85 + 0.03 log T + log (1 + 0.0433xT 0.06)
, (2.1)

where T ≡ T (O iii), the electron temperature in the region where oxygen is doubly
ionised, in units of 104 K. R and x are given by
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Table 2.5: Reddening corrected (see text) line flux ratios with respect to Hβ for the strongest unblended
emission lines in the nebular spectrum close to our central source.

Line 13/08/09 27/09/09 Average
Ratio Ratio Ratio

[O ii] λ 3726.0 1.554± 0.050 1.476± 0.033 1.500± 0.028
[O ii] λ 3728.8 2.271± 0.065 2.188± 0.044 2.214± 0.036
H-9 λ 3835.4 0.062± 0.011 0.060± 0.007 0.061± 0.006
[Ne iii] λ 3868.8 0.325± 0.018 0.306± 0.012 0.312± 0.010
H-8 λ 3889.1 0.201± 0.014 0.198± 0.009 0.199± 0.008
Hδ λ 4102.0 0.275± 0.014 0.271± 0.010 0.272± 0.008
Hγ λ 4340.5 0.517± 0.019 0.505± 0.013 0.509± 0.011
[O iii] λ 4363.2 0.039± 0.004 0.037± 0.003 0.037± 0.002
He i λ 4471.0 0.034± 0.005 0.034± 0.004 0.034± 0.003
He ii λ 4686.0 0.006± 0.002 0.003± 0.001 0.003± 0.001
Hβ λ 4861.3 1.000± 0.027 1.000± 0.019 1.000± 0.016
[O iii] λ 4958.9 1.171± 0.029 1.144± 0.020 1.153± 0.016
[O iii] λ 5006.7 3.477± 0.074 3.426± 0.052 3.443± 0.043
He i λ 5876.0 0.110± 0.007 0.113± 0.005 0.112± 0.004
[S iii] λ 6312.0 0.015± 0.002 0.017± 0.001 0.016± 0.001
[N ii] λ 6548.0 0.060± 0.004 0.062± 0.003 0.061± 0.002
Hα λ 6562.8 3.040± 0.063 3.052± 0.045 3.048± 0.037
[N ii] λ 6583.4 0.179± 0.007 0.193± 0.005 0.188± 0.004
He i λ 6678.0 0.029± 0.003 0.028± 0.002 0.028± 0.002
[S ii] λ 6716.5 0.269± 0.009 0.292± 0.007 0.283± 0.005
[S ii] λ 6730.8 0.189± 0.007 0.206± 0.005 0.200± 0.004
[Ar v] λ 7005.9 0.009± 0.001 0.006± 0.001 0.007± 0.001
[Ar iii] λ 7135.8 0.087± 0.004 0.086± 0.003 0.087± 0.002
[Ar iii] λ 7751.1 0.022± 0.001 0.022± 0.001 0.022± 0.001
Pa-10 λ 9015.0 0.017± 0.001 0.018± 0.001 0.018± 0.001
[S iii] λ 9068.9 0.200± 0.005 0.203± 0.004 0.202± 0.003
Pa-9 λ 9229.0 0.025± 0.002 0.024± 0.001 0.024± 0.001
[S iii] λ 9531.0 0.475± 0.011 0.437± 0.008 0.449± 0.006
Pa-7 λ10049.4 0.045± 0.004 0.046± 0.003 0.046± 0.002

54



2.4 Analysis: The nebular emission line spectrum

Figure 2.7: Observed He ii λ4686 line profile compared model line profiles with different projected
rotational velocities.

R =
Iλ4959 + Iλ5007

Iλ4363
, (2.2)

x = 10−4neT 1/2
2 , (2.3)

where I is the intensity of a specific emission line and ne is the electron density in
cm−3. T2 is the electron temperature in the singly ionised region, and follows from
model calculations by Stasińska (1990):

T−1
2 ≡ [T (O ii, N ii, S ii)]−1 = 0.5

�
T−1 + 0.8

�
. (2.4)

The ionic abundance ratios are calculated as follows:

12 + log (O iii /H ii) = log
Iλ4959 + Iλ5007

IHβ
+ 6.174 +

1.251
T

−0.55 log T ; (2.5)

12 + log (O ii /H ii) = log
Iλ3726 + Iλ3729

IHβ
+ 5.890 +

1.676
T2

−0.40 log T2 + log (1 + 1.35x) ; (2.6)
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The total oxygen abundance is obtained by adding Equations 2.5 and 2.6.

2.4.1 Nebular emission properties along the slit
Figure 2.8 shows the nebular properties along the slit for the spectra obtained on
13/08/09 and 27/09/09. The orientation of the slit differs between these observa-
tions: positive offset is ∼northeast for 13/08/09 and ∼northwest for 27/09/09 (see
Figure 2.1). We do not show the results for the 30/09/09 observation, which has a
similar position angle and gives a similar result to 27/09/09, though with larger error
bars. As mentioned in Section 2.2.2, the errors are obtained by propagating the photon
noise on the intensity of the used lines. We choose ne = 20 cm−3 arbitrarily, but in
agreement with the low density limit of the density-sensitive [O ii] and [S ii] ratios we
measure (see panel (d) in Figure 2.8, and the analysis below). The error on the density
is not propagated into the errors on the other parameters, because they all depend
very weakly on the density (see Equations 2.1 and 2.3). In the following Sections we
discuss the panels in Figure 2.8.

Stellar continuum and nebular emission

Panel (a) shows the shape of the continuum between 4110 − 4335 Å; here we see the
trace of our central source. We do not take into account the difference in AV along the
slit (see panel c). The nebular emission in Hβ and [O iii] λ5007, two of the strongest
emission lines in the spectra, is also shown. [O iii] λ5007 is a forbidden transition
and thus only emitted by low density nebulae. The 27/09/09 observation suggests that
the nebular emission is built up from various discrete peaks, of which one is centered
on C1_31. This part of the nebula, with a radius of ∼20 − 30 pc, is likely ionised by
C1_31. Therefore, the nebular properties at the central location in the slit are related
to the properties of C1_31 (See Section 2.5).

He ii λ4686 / Hβ

Panel (b) shows the ratio of the He ii λ4686 and Hβ nebular emission line. Around
C1_31, this nebular line is not present, but it is very pronounced in the 13/08/09
spectrum around offset −4.5��. This is also clearly visible in the 2D spectrum around
this line (top left image of Figure 2.8). This feature will be discussed in more detail in
Section 2.4.2. This nebular feature is much narrower than the wind He ii λ4686 line
we discussed in Section 2.3.1.4. The nebular He ii λ4686 line has a Gaussian FWHM
of ∼ 1 Å like the other nebular lines, slightly larger than the resolution element at this
wavelength (∼0.75 Å).
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Figure 2.8: Spatial profiles of emission lines and properties measured from the emission line spectrum
in 20 sub-apertures along the slit (see Figure 2.1). On the horizontal axis is distance in arcsec from
C1_31, in this Figure: 13/08/09, positive offset is in northeastern direction (position angle is 53.4◦); in
Figure 2.9 27/09/09, positive offset is in northwestern direction (position angle is −52.3◦). The image at
the top is a part of the 2D spectrum around 4686 Å. Panel (a) shows the average level of the continuum
between 4110 − 4335 Å, without taking into account the difference in AV ,neb along the slit. It also shows
the intensity of the two strong nebular lines Hβ and [O iii] λ5007, with respect to the value at the location
of the central source. Panel (b) shows the flux of the He ii λ4686 nebular emission line with respect to
Hβ. Panel (c) shows the value of AV ,neb, derived from a number of Balmer and Paschen emission lines,
assuming Case B recombination. Panel (d) shows [O ii] and [S ii] line ratios that are sensitive to electron
density. Panel (e) shows T (O iii) calculated from the ratio R of the [O iii] lines (Equation 2.1). Panel (f)
shows the total oxygen abundance 12 + log (O/H).
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Figure 2.9: The same as Figure 2.8, but now for the observations on 27/09/09. Positive offset is in
northwestern direction (position angle is −52.3◦, see also Figure 2.1).
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2.4 Analysis: The nebular emission line spectrum

Extinction

Panel (c) shows the values of AV ,neb, which is the extinction derived from the ISM
hydrogen line ratios. Adopting RV = 3.24 (Gieren et al. 2008), AV ,neb is found for
each aperture by minimising the following expression:

χ2
red =

χ2

ν
=

1
ν

�

lines

(q − q0)2

σ2
q

(2.7)

with q0 the theoretical ratio for Case B recombination in the low density limit at
T = 10 000 K (see e.g. Osterbrock & Ferland 2006), q the intensity of a line with
respect to Hβ after applying AV ,neb (following Cardelli et al. 1989), σ2

q the variance
on q, and ν the number of degrees of freedom. We use H-9, Hγ, Hδ, Hα, Pa-10, Pa-9
and Pa-7. The confidence interval on AV ,neb is given by the value for which χ2

red rises
by 1. AV ,neb is used in the derivation of the properties per aperture shown in panels (d)
to (f) of Figure 2.8; the error on AV ,neb is not propagated as its influence on the other
parameters is small.

AV ,neb at the location of C1_31 is derived to be 1.30 ± 0.15 and 1.15 ± 0.10 in the
13/08/09 and 27/09/09 spectra respectively. This is lower than AV ,star = 2.3 ± 0.1
(see Section 2.3 and Figure 2.2). Furthermore, we note that both AV ,neb and AV ,star
are larger than AV = 0.45 from Gieren et al. (2008). However, this latter value is an
average for NGC 55 as a whole. This range of values reflects local variations which
are to be expected, especially in an almost edge-on galaxy.

Electron density

Panel (d) shows [O ii] and [S ii] ratios that are sensitive to electron density (see e.g.
Osterbrock & Ferland 2006). For a value > 1.4, both ratios are in the low density
(< 102 cm−3) limit, so this measurement only provides an upper limit. Because these
line pairs are very close in wavelength, their ratios are not affected by AV ,neb.

Electron temperature

Panel (e) gives the electron temperature calculated from the ratio R of the [O iii]
lines (Equation 2.1). In the 27/09/09 observation (Figure 2.8, right) in the apertures
with offset > 2��, [O iii] λ4363 was hardly detected resulting in an underestimation
of the error in T (O iii). Taking this into account, and weighting the better quality
spectra more strongly, we conclude that around the location of C1_31 T (O iii) =
11500 ± 600 K, and that there are no significant gradients in the two spatial directions
indicated in Figure 2.1.
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Oxygen abundance

Panel (f) shows the total oxygen abundance [O/H] = 12 + log (O/H). The drop in
[O/H] that we see at offset > 2�� in the 27/09/09 observation is a propagated effect
from the uncertain determination of T (O iii). Excluding this region, we find an
average of [O/H] = 8.18 ± 0.03, which corresponds to Z = 0.31 ± 0.04 Z⊙ adopting
[O/H]⊙ = 8.69 ± 0.05 (Asplund et al. 2009). Though lower oxygen abundances are
reported for NGC 55 (8.08 ± 0.10, Tüllmann et al. 2003), on average slightly higher
values are measured (8.23 − 8.39, Webster & Smith 1983; 8.53, Stasińska et al. 1986;
8.35 ± 0.07, Zaritsky et al. 1994).

2.4.2 C2 35

C2_35 (RA (J2000) = 00h14m59.68s, Dec = −39◦12�42.84��) is located 4.5�� west-
southwest of C1_31 (see Figure 2.1). Its strongly ionised surrounding nebula is visible
in the 13/08/09 spectrum (Figure 2.8, left, panel a). At offset −4.5�� we see a weak
continuum, as the point-spread function of C2_35 is mostly outside the slit. We detect
strong (forbidden) nebular line emission (panel (a)), but the most striking feature is
the high He ii λ4686 /Hβ = 0.03 ratio (panel b and top image). The FORS2 spectrum
of C2_35, classified as an early OI by Castro et al. (2008), is similar to C1_31. The
broad He ii λ4686 wind feature is indicative of the presence of a hot WR star. On
top of the broad wind feature, there is a narrow nebular emission line. He ii emission
lines from nebulae are only rarely seen and often associated with strong X-ray sources
(see e.g Pakull & Angebault 1986; Kaaret et al. 2004), but see Shirazi & Brinchmann
(2012). No obvious X-ray source is detected in archival XMM-Newton and Chandra
observations at the location of C2_35 (priv. comm. R. Wijnands). The exposure times
of these images, however, would not be sufficient to detect the X-ray emission of, for
example, a stellar mass black hole at this distance.

2.5 Model H ii region
If the stellar spectrum is a composition of different sources, various solutions are
possible. However, the properties T (O iii), ne, and [O/H] of the surrounding nebula
are constrained (see Section 2.4), and the profiles along the slit in nebular emission
give some idea of the size of the ionised region. The ionising source, of which
the constituents are constrained by the stellar spectrum, should be able to produce
a region with properties we derive from the nebular spectrum. In this Section we
will use the spectral synthesis code Cloudy (version 08.00, Ferland et al. 1998) to
investigate which properties of the nebula and of the central ionising source have a
strong influence on the observables that we measured. This will allow us to constrain
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2.5 Model H ii region

Figure 2.10: Upper panel: the resulting T (O iii) from the synthesised nebular spectrum as a function of
Teff and L∗ of a central ionising O-star (Lanz & Hubeny 2003) in a Cloudy model with an inner radius
of 0.1 pc. The horizontal line is the observed T (O iii) with error estimate for C1_31. Lower panel: the
predicted nebular line ratio He ii λ 4686/Hβ as a function of Teff and L∗ of a central ionising star. The
black dots correspond to realistic dwarf and supergiant O-type stars in the Teff and L∗ grid (Martins et al.
2005).

Teff and L∗ of the ionising source.
Cloudy is designed to simulate gaseous interstellar media. From a given set of

conditions such as luminosity and spectral shape of the ionising source, the program
computes the thermal, ionisation and chemical structure of a region as well as the
emitted spectrum. In order to compare our model results to what has been observed,
we will mainly use the simulated emitted spectrum.

Since only know the total abundance of oxygen, we use an abundance pattern
corresponding to the Orion Nebula, and scale the metallicity such that the oxygen
abundance matches our observed value. The total hydrogen density nH is set to
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20 cm−3, in agreement with the low electron density limit derived from the [O ii] and
[S ii] line ratios, assuming that all hydrogen is ionised. We do not include dust grains3.
We use a spherical geometry: the inner radius of the cloud is 0.1 pc and the outer
radius is set where the temperature drops below 4000 K.

We examined the ratio R (Equation 2.2) of the modelled output spectra, and
computed T (O iii), as a function of Teff and L∗ of a synthetic O-star spectrum (Lanz &
Hubeny 2003) as central ionising source; see the upper panel of Figure 2.10. A grid of
Teff = 30 000 − 55 000 K and log(L/L⊙) = 3 − 6 has been examined; the black dots
indicate realistic stars in this grid according to the calibration by Martins et al. (2005).
We see that a higher Teff of the central star leads to a higher T (O iii), while the effect
of L∗ on the “measured” T (O iii) is smaller. L∗ does however influence the size of the
cloud: a higher L∗ leads to a larger cloud. A cloud with metallicity Z = 0.3 Z⊙ needs
a Teff ∼ 44 000− 55 000 K star, depending on the luminosity, to produce the measured
T (O iii) of 11 500 ± 600 K (horizontal line). Furthermore, we find that the metallicity
of the cloud has an even stronger influence on T (O iii); lower metallicities result in
hotter clouds because they are less efficiently cooled. Changing nH only influences
the size of the cloud: a density ten times as low results in a region four times as large.

We also analysed the nebular line ratio He ii λ 4686/Hβ as a function of Teff and L∗
of a central ionising source; see the lower panel of Figure 2.10. Below Teff � 40 000 K,
the presence of He ii λ 4686 is not predicted for any of the luminosities in our grid.
For Teff > 40 000 K, the line can be produced, and is stronger with respect to Hβ for
more luminous sources. The ratio He ii λ 4686/Hβ decreases strongly by increasing
the inner radius of the model cloud. The nebula directly around C1_31 does not show
He ii λ 4686, therefore the inner radius is likely to be 1 pc or more. T (O iii) is not
affected significantly by changing the inner radius.

2.6 Discussion: a consistent picture
In the previous Sections, we have put constraints on the stellar parameters of C1_31
and its surrounding region. We suggest that C1_31 is not a single object, but rather a
stellar cluster. We summarise the main arguments below.

(a) The line profiles can not be reproduced by one single stellar atmosphere model,
especially not He ii λ4686 (Section 2.3.1.4).

(b) The visual absolute magnitude MV = −8.7 of this source is very high for a
single object (Section 2.3).

3We exclude dust grains to keep the model simple. The extinction we measure both in the stellar
spectrum and the hydrogen emission lines could as well be due to dust that is outside the surrounding
ionised region.
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Figure 2.11: The observed normalised spectrum together with the combined line profiles from the
models described in Table 2.4, representing the late O giant component MOD89 (dash-dot-dot lines) and
the WN-like component MOD90 (dashed lines), in the ratio 4 : 1.
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Figure 2.12: The spectral energy distribution at the inner radius of the model cloud (rin = 0.1 pc), split
in the different components. It is clear that in the visual, the 30 000 K component (MOD89, dot-dashed
lines) dominates the light, while the ionising photons (left of the vertical dashed line, with hv > 13.6 eV)
are provided mainly by the hot (50 000 K) WN component (MOD90, dashed lines). The dotted profile
shows the total input spectrum.

(c) A very hot central object (∼50 000 K) is required to produce a T (O iii) of
∼11 500 K in the surrounding nebula (Section 2.5), but the “average” spectral
type suggests that the majority of the luminosity in the visual is produced by
Teff � 35 000 K stars (Section 2.3.1.1).

The spectrum of a composite object results in a superposition of all components,
weighted by their relative brightness at the wavelength considered. All lines that we
analysed are close in wavelength, so we adopt a general ratio in brightness which is
the ratio in V . Given a universal initial mass function (IMF), a cluster will consist
of many cool low-mass stars, and only a few very luminous and hot ones. In this
analysis we will focus on the most massive and luminous members, because these
dominate the cluster spectrum, as well as the flux of ionising photons. To this end we
present a simple combination of Fastwind models that reproduces (a) all observed line
profiles in the same ratio for every line, (b) an absolute magnitude MV = −8.7, and
(c) electron temperature T (O iii)∼ 11 500 K by putting the composition of models as
ionising source into a Cloudy model with a metallicity Z = 0.3 Z⊙ and a hydrogen
density nH = 20 cm−3 in agreement to what we measure.

Model MOD90 (see Table 2.4) has a high temperature (Teff = 50 000 K), a high
mass-loss rate (3× 10−5 M⊙ yr−1) and an enhanced helium abundance NHe/NH = 0.8.
It mimics a Wolf-Rayet WN star (see e.g. Crowther 2008). These properties result in a
strong and broad He ii λ4686 emission feature (Figure 2.11, upper right). To reproduce
the observed shape of He ii λ4686, we combine this profile with a model with a weak
He ii λ4686 absorption profile: model MOD89, with Teff = 30 000 K. This model
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Table 2.6: Properties of the final composition of the cluster. Our model cluster has two different
components: a late-O-giant component (MOD89) and a Wolf-Rayet WN-type component (MOD90), see
also Table 2.4. Model ID, effective temperature, bolometric luminosity, bolometric correction, absolute
visual magnitude, number of stars of this type in the cluster, total absolute magnitude of this component,
and fraction of the total visual flux provided by this component.

ID Teff L∗ BC MV # MV Fraction
(K) (L⊙) total of Fvis

MOD89 30 000 105.24 −2.42 −5.93 10 −8.43 0.8
MOD90 50 000 105.83 −3.90 −5.95 2 −6.70 0.2

resembles a late-O/early-B giant or bright giant. We create a combined profile of 20%
MOD90 and 80% MOD89. With this flux ratio, the He i and He ii absorption lines
resemble a 30 000 K star, because in this respect the MOD89 model is dominant. The
Hα wings are well reproduced (Figure 2.11, upper right). The other Balmer lines in
the WN component MOD90 are also affected by the strong wind, which results in
a shallower line or even a P-Cygni profile in the case of Hβ and Hγ. However, the
strong absorption profile of the late-O-giant component MOD89 dominates, and the
combined profiles match the observed ones.

If the cluster consists of ten stars like MOD89 and two like MOD90, the ensemble
would have a visual magnitude of MV = −8.63, in agreement with the observed value
MV = −8.7 ± 0.4. The flux ratio in the visual would be ∼ 4 : 1, due to the different
bolometric corrections (see Table 2.6). The visual flux is dominated by the late O-type
component, while further to the UV, the hot Wolf-Rayet component would dominate
as required to ionise the cloud.

We have used the combined spectrum of 10 times MOD89 and 2 times MOD90
as ionising source in a Cloudy model. The SED at the inner radius of the cloud is
shown in Figure 2.12, where we see that the ionising flux is indeed dominated by the
WN component MOD90. We use the same configuration as we did in Section 2.5,
with Z = 0.3 Z⊙. We choose nH = 20 cm−3, such that Cloudy produces an ionised
region with a radius of ∼20 pc, as we showed in Section 2.5 that the input hydrogen
density influences mainly the size. The inner radius is set to 0.1 pc. From the
synthesised nebular spectrum we infer T (O iii) ∼ 10 800 K, slightly lower than the
measured T (O iii) ∼ 11 500 ± 600 K, but in reasonable agreement. According to the
model in Section 2.5 and its results in Figure 2.10, a 50 000 K star would be able to
heat the cloud to ∼11 500 K. However, adding more late O stars decreases T (O iii).
The predicted nebular line ratio He ii λ 4686/Hβ for this cluster composition is 0.06,
which challenges the non-detection of nebular line He ii λ 4686 around C1_31. This
disagreement can be fixed by increasing the size of the model cloud to 1 pc or more.
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In principle, information as to the stellar content may also be derived from con-
sidering the mass-loss rates of the contributing stars. For our late O II/III source
(MOD89) the adopted mass-loss rate of 2 × 10−6 M⊙ yr−1 is rather large compared to
theoretical expectations for such a star at a metallicity of 0.3 Z⊙, being an order of
magnitude higher than predicted by Vink et al. (2001), after correcting the empirical
mass-loss rate for wind inhomogeneities (Mokiem et al. 2007). Using the Vink et al.
prescription for the WN star (MOD90) yields a much smaller discrepancy of a factor
∼2. The discrepancy in the O star mass-loss rate can be partly reconciled by taken
a smaller number of brighter stars, for instance supergiants, in the following way:
A brighter star has a larger radius. In order to preserve the Hα profile shape, the
quantity Q ∝ Ṁ/(R3/2

∗ v∞) needs to remain invariant (de Koter et al. 1998). This
implies that for fixed temperature Ṁ ∝ L3/4

∗ . However, the expected mass-loss rate
scales as Ṁ ∝ L2.2

∗ , therefore a smaller number of brighter O stars may still match the
strong Hα emission line wings and better reconcile observed and theoretical mass-loss
rates. We did not pursue this strategy in view of the uncertainties that are involved,
for instance those relating to the stellar mass (which enters the problem as mass-loss
is expected to scale with mass as Ṁ ∝ M−1.3). Moreover, we remark that mass-loss
rates higher than expected have been reported for O stars in low-metallicity galaxies
(Tramper et al. 2011).

2.7 Summary and conclusions

We have analysed the VLT/X-shooter spectrum of C1_31, one of the most luminous
sources in NGC 55, and its surroundings. We conclude that NGC 55 C1_31 is a cluster
consisting of several massive stars, including at least one WN star, of which we
observe the integrated spectrum.

The H, He i and He ii lines in the stellar spectrum have been compared to synthe-
sised spectra from a grid of Fastwind non-LTE stellar atmosphere models. All lines
except He ii λ 4686 can be reproduced by a single-star model with Teff � 35 000 K,
Ṁ ∼ 2 × 10−6 M⊙ yr−1, and vrot sin(i) = 150 ± 50 km s−1. He ii λ 4686 has an equiva-
lent width of −3.6 ± 0.4 Å, but is ∼3000 km s−1 wide. No single star model is able to
produce matching profiles for all lines simultaneously.

Analysis of the nebular emission spectrum along the slit yields an electron density
ne ≤ 102 cm−3, electron temperature T (O iii) = 11 500 ± 600 K, and oxygen abun-
dance [O/H] = 8.18 ± 0.03, which corresponds to a metallicity Z = 0.31 ± 0.04 Z⊙.
A grid of Cloudy models suggests that a hot (∼50 000 K) ionising source is neces-
sary to reproduce the observed T (O iii) in a H ii region with comparable density and
metallicity.

We have also presented an illustrative cluster composition that reproduces all
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observed spectral features, the visual brightness of the target, and which is able
to maintain an H ii region with properties similar to those derived from the nebular
spectrum. In our model, the cluster contains several blue (super)giants and one or more
WN stars. While the proposed composition might not be unique, the presence of at
least one very hot, helium rich star with a high mass-loss is a robust conclusion. High
angular resolution imaging reaching resolution of 0.05�� (corresponding to a physical
distance of about 0.5 pc) would provide an improvement of a factor 10 to 20 compared
to our seeing-limited observations and would help to constrain the composition of the
cluster. This makes NGC 55 C1_31 a prime target for ELT-class telescopes combining
high angular resolution and integral-field or multi-object spectroscopy.
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Abstract
Oxygen-sequence Wolf-Rayet (WO) stars are thought to represent the final evo-

lutionary stage of the most massive stars. The characteristic strong O vi emission
possibly originates from an enhanced oxygen abundance in the stellar wind. Alter-
natively, the O vi emission can be caused by the high temperature of these stars, in
which case the WO stars are the high-temperature extension of the more common
carbon-sequence Wolf-Rayet (WC) stars. By constraining the physical properties and
evolutionary status of DR1, a WO star in the low-metallicity Local Group dwarf galaxy
IC 1613 and one of only two objects of its class known in a SMC-like metallicity
environment, we aim to investigate the nature of WO stars and their evolutionary
connection with WC stars. We use the non-LTE atmosphere code cmfgen to model the
observed spectrum of DR1 and to derive its stellar and wind parameters. We compare
our values with other studies of WC and WO stars, as well as with the predictions of
evolutionary models. We also model the surrounding nebula using the photo-ionisation
code cloudy. The oxygen and carbon abundances that we obtain are comparable to
values found for WC stars. The temperature and luminosity are, however, higher than
those of WC stars. DR1 is embedded in the hottest known H ii region in the Local
Group. The nebular properties can be consistently reproduced by cloudy models
adopting DR1 as central ionising source. Comparison of the abundances and tempera-
ture of DR1 with core helium-burning models show that DR1 is currently well into
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the second half of helium burning. If the properties of DR1 are representative for the
WO class, it would imply that WO stars are the high-temperature and high-luminosity
extension of the WC stars, and do not necessarily represent a later evolutionary stage.
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3.1 Introduction
The oxygen-sequence Wolf-Rayet (WO) stars, introduced by Barlow & Hummer
(1982), are extremely rare. Only eight members of this class are currently known:
Sand 4 (WR 102), Sand 5 (WR 142), MS4 (WR 30a) and WR 93b in the Milky Way,
Sand 2 (BAT 99-123) and the recently discovered LH41-1042 (Neugent et al. 2012) in
the Large Magellanic Cloud (LMC), Sand 1 (Sk 188) in the Small Magellanic Cloud
(SMC), and DR1 in IC 1613. Their spectra are characterised by strong emission lines
of highly ionised oxygen, in particular the O vi 3811-34 Å line with an equivalent
width of up to 1700 Å (Kingsburgh et al. 1995).

The origin of the high-excitation oxygen emission is widely attributed to the
surfacing of this species during the late stages of core helium (or possibly carbon)
burning (Barlow & Hummer 1982; Smith & Maeder 1991). Revealing the core at this
late stage of evolution requires the stellar mass-loss rate in prior stages to be relatively
low. In this scenario the presence of WO stars is therefore preferred in low-metallicity
environments (Smith & Maeder 1991; Georgy et al. 2009), where the radiation-driven
winds of their progenitors are relatively weak due to the low metal content (Vink et al.
2001; Vink & de Koter 2005).

Crowther et al. (1998) introduced a quantitative classification scheme for the
carbon-sequence Wolf-Rayet (WC) and WO stars, in which the WO stars are the high-
temperature extension of the WC class. In this classification, the highly ionised oxygen
emission is primarily the result of excitation effects, and a significant abundance
difference with the WC stars is not necessarily implied.

WR stars may be subject to sub-photospheric inflation of their stellar envelopes,
resulting in lower stellar temperatures (Gräfener et al. 2012). As this effect is expected
to be more pronounced at high metallicity (Ishii et al. 1999), WR stars in low-
metallicity environments are expected to have higher stellar temperatures than those
in the Galaxy.

WO stars are often thought to represent the final stage in the evolution of stars
initially more massive than 25 M⊙ (Meynet & Maeder 2003), i.e. including very
massive stars that may avoid a red-supergiant phase. If this is the case, WO stars offer
the rare opportunity to study such stars just prior to their supernova (SN) explosions.
Moreover, these SNe may be quite exotic, including helium-poor Type Ic SNe, hy-
pernovae (e.g., Nomoto et al. 2010), and, if they retain a rapidly rotating core, even
long-duration gamma-ray bursts (Georgy et al. 2009; Woosley & Bloom 2006; Yoon
et al. 2012).

The surface abundances of early WC and WO stars closely reflect the core abun-
dances. Measuring these abundance can thus provide constraints on the controversial
12C(α, γ)16O thermonuclear reaction rate.

In this Chapter, we present a quantitative spectroscopic analysis of DR1 that
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Table 3.1: Journal of observations.

HJD texp R-band Seeing
At start of obs. (s) (��)

2455857.705 2 × 3600 0.6 − 0.7
2455858.588 3600 0.8 − 0.9
2455859.642 1800 0.9

allows us to constrain its physical and wind parameters, to investigate the nature of
the object, and ultimately, its evolutionary stage. Located in the low-metallicity Local
Group dwarf galaxy IC 1613, DR1 is one of the two WO stars known in a SMC-like
metallicity environment (with ZSMC = 1/5 Z⊙). Metallicity estimates for IC 1613
range from 1/10 Z⊙ based on oxygen (e.g. Bresolin et al. 2007) to 1/5 Z⊙ based on
iron (Tautvaišienė et al. 2007). DR1 thus offers a unique probe of the final evolutionary
stages of massive stars at low metallicity.

The layout of this Chapter is as follows. In Section 3.2 we summarise previous
research on DR1. In Section 3.3 the observations and data reduction are described. In
Section 3.4 we analyse the stellar and nebular spectra, and in Section 3.5 we discuss
DR1’s properties, initial mass, evolutionary history and its eventual fate. Finally, in
Section 3.6 we convey our conclusions.

3.2 Literature overview
DR1 was discovered in 1982 by D’Odorico & Rosa (1982). Based on spectra in
the 4000 − 7000 Å range, they classified it as a peculiar WC star or a WC + WN
binary. In the same year, spectra extending below 3600 Å were obtained by Davidson
& Kinman (1982), who suggested that the star could be a member of the WO class
because of the presence of strong O vi λλ3811-34 emission. Davidson & Kinman
(1982) derived a temperature of 100 kK for the star based on the nebular He ii λ4686
flux and assuming a blackbody distribution for the ionising radiation. Subsequent
studies by Armandroff & Massey (1991) and Garnett et al. (1991) yielded spectral
types of WC4-5 and WO4, respectively. The latter authors estimated that the effective
temperature Teff should be in the range of 75 kK to 90 kK to reproduce the ionising
flux implied by the nebular Hβ and He ii λ4686 lines. Finally, DR1 and its surrounding
nebula were intensively studied by Kingsburgh & Barlow (1995), who adopted the
spectral type WO3 (Kingsburgh et al. 1995). They derived Teff = 75 kK, a stellar
luminosity L = 106 L⊙, and a terminal wind velocity v∞ = 2850 km s−1. They
reported number abundances of X(C) = 0.47, X(O) = 0.27 and X(He) = 0.25, in
agreement with the values that they found for other WO stars (Kingsburgh et al. 1995).
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Table 3.2: INT/WFC UBVRI photometry.

Quantity U B V R I

m 18.543 19.877 19.857 19.827 19.901
σm 0.006 0.006 0.009 0.010 0.015

M −5.74 −4.41 −4.43 −4.46 −4.38

Notes. Rows one and two provide the apparent magnitude m and its error σm. The third row
provides the corresponding absolute magnitude M, calculated adopting a distance of 721 kpc.

DR1 is the ionising source of the surrounding H ii region S3 (e.g., D’Odorico &
Rosa 1982), which exhibits unusually strong He ii emission. Kingsburgh & Barlow
(1995) derived an electron temperature Te = 17.1 kK and an oxygen abundance 12 +
log(O/H) = 7.7, or Z = 0.1 Z⊙ for S3 (with 12 + log(O/H)⊙ = 8.69; Asplund et al.
2009). This makes the surrounding H ii region one of the hottest known in the Local
Group.

3.3 Observations and data reduction
We have observed DR1 using the X-shooter spectrograph (Vernet et al. 2011) on
ESO’s Very Large Telescope (VLT), which covers a wavelength range extending
from the near-UV to the near-IR (3 000 − 25 000 Å). The observations were carried
out in October 2011 during dark time, as part of the NOVA program for X-shooter
guaranteed time. A total of 3.5 hours of integration on target has been obtained over
three consecutive nights (see Table 3.1).

The selected slit widths of 0.8��, 0.9�� and 0.9�� result in a spectral resolving power
of 6200, 8800, 5300 in the UVB, VIS and NIR instrument arms, respectively. For the
NIR, a K-band blocking filter has been used to avoid reflection of both sky background
and object photons from this band into the 10 000 − 20 000 Å region, optimising the
signal-to-noise ratio in the latter wavelength range.

To correct for instrument flexures, calibration frames have been taken before
the start of each observation and after one hour of observations at the first night.
Spectrophotometric standard stars have been observed at the beginning of each night
to allow relative flux calibration.

The data have been reduced using the X-shooter instrument pipeline version 1.3.7
(Modigliani et al. 2010). The extracted spectra were binned to 0.2 Å in the UVB and
VIS arms, and 0.6 Å in the NIR arm. The (relative) flux-calibrated spectra for each
observing block were co-added to obtain the final relative flux-calibrated spectrum.
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Figure 3.1: Optical/near-infrared spectrum of DR1 (red). The best-fitting model spectrum is shown in
black. As discussed in the text, the O vi λλ3811-34 emission is underpredicted by the model. The shaded
areas indicate the regions where the atmosphere of the Earth is opaque.

3.3.1 Photometry
The UBVRI magnitudes of the target (Table 3.2) were taken from the catalog of
IC 1613’s stellar population by Garcia et al. (2009). This catalog was built from
PSF-photometry on multiple, dithered images of the irregular dwarf galaxy, taken with
the Wide-Field Camera (WFC) at the 2.5 m Isaac Newton Telescope (INT). The set of
broad-band filters used, Harris-BVR and RGO-IU, are similar to the Johnson’s UBVRI
system. The apparent and absolute magnitudes of DR1 are presented in Table 3.2.
The latter were computed adopting a foreground reddening of E(B − V) = 0.025
(Schlegel et al. 1998) and a distance of 721 kpc (Pietrzyński et al. 2006).

3.4 Quantitative spectroscopic analysis

3.4.1 Stellar spectrum
We model the stellar spectrum of DR1 using the atmosphere code cmfgen (Hillier &
Miller 1998). This code assumes a radial outflow of material from the atmosphere,
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Table 3.3: Mass fractions of the elements in the model.

Element Mass fraction

Neon 1.74 × 10−3

Silicon 6.99 × 10−5

Phosphorus 6.12 × 10−7

Sulfar 3.82 × 10−5

Chorine 7.87 × 10−7

Argon 1.02 × 10−5

Calcium 6.44 × 10−6

Chromium 1.70 × 10−6

Manganese 9.44 × 10−7

Iron 1.36 × 10−4

Nickel 7.32 × 10−6

of which the density and velocity structure is prescribed. The gas is assumed to be
in a state of non-local thermodynamic equilibrium (non-LTE). The atomic models
include both explicit levels and super-levels, and are of such complexity that effects
such as back-warming and line-blanketing are self-consistently treated. Convergence
to a solution that fulfills radiative equilibrium can not be achieved by starting from a
simple (e.g. grey LTE) solution and setting up a grid scanning the appropriate part of
parameter space. Instead it requires one to migrate through a series of educated steps
in specific parameters, from an existing model with fairly similar parameters to the
final model.

This fitting procedure prevents a systematic search of parameter space and com-
plicates an assessment of the uncertainties in the parameters of the final model.
Furthermore, no specific diagnostic reacts exclusively to a given parameter, safe for
luminosity which is determined from photometry. We therefore only specify error
bars for this parameter. For the other parameters we give an indication of the accuracy
of the obtained value. The steps taken to arrive at the final model are discussed below.

In our atmosphere models, the abundances of all modelled elements except hydro-
gen, helium, carbon, oxygen and neon are set to a value of 10% of solar (Table 3.3).
The neon abundance is enhanced by the conversion of nitrogen into 22Ne at the be-
ginning of helium burning. The enhancement is predicted to be 1.4 times the initial
oxygen mass fraction (Maeder 1983). For an oxygen abundance of 1/10 solar, this
results in a neon mass fraction very close to the solar value, which we therefore adopt.
The hydrogen abundance is set to zero. The abundances of carbon and oxygen are
being fitted and are not listed in Table 3.3. A summary of the ionisation stages of each
element included in the model is given in Appendix 3.A.
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3 The nature of WO star DR1 in IC 1613

Table 3.4: Best-fit parameters and ionising fluxes.

Parameter Value

v∞ 2750 km s−1

β 2.0
fc 0.1
T∗ 150 kK
[C/He] 0.35
[O/He] 0.06
Ṁ f −0.5

c 5.6 ×10−5 M⊙ yr−1

log (L/L⊙) 5.68±0.10

log (Q0) 49.5 s−1

log (Q1) 49.3 s−1

log (Q2) 48.0 s−1

Notes. Q0, Q1 and Q2 are the number of ionising photons per second for hydrogen, He i and
He ii, respectively. Except for the luminosity, the determination of formal error bars is not
possible. Uncertainties on the parameters are discussed in the text.

Although we set the metallicity of our models to 1/10 Z⊙, which is the metallicity
based on the oxygen abundance (e.g., Kingsburgh & Barlow 1995; Bresolin et al.
2007), there are indications that IC 1613 may have a non-solar abundance pattern.
Tautvaišienė et al. (2007) derived an iron abundance of log([Fe/H]) ≈ −0.7 from the
analysis of three M-type supergiants, i.e. very close to the SMC iron abundance. As
iron is an important driver of WR winds, we also ran a model with Z = 1/5 Z⊙ to
assess the impact of a higher metallicity on the derived parameters (Section 3.4.1.6).

We estimate the reddening of the DR1 source to be E(B− V) = 0.05 by adopting
the extinction law of Fitzpatrick (1999) and dereddening the flux-calibrated spectrum
to the slope of our model continuum. We normalise the dereddened spectrum by
dividing by the model continuum, and setting the flux equal to unity at 6000 Å. The
normalised spectrum does not show a noticeable slope, implying that the adopted value
for the reddening is satisfactory. The best-fitting spectrum is presented in Figure 3.1,
and its parameters are listed in Table 3.4.

3.4.1.1 Wind parameters: terminal velocity, β and clumping

In WR spectra, the full-width at half-maximum (FWHM) of the spectral lines repre-
sents the terminal velocity of the wind (v∞), and this parameter can therefore easily
be constrained. The best-fitting value is v∞ = 2750 km s−1, and is accurate to within
50 km s−1.
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3.4 Quantitative spectroscopic analysis

Figure 3.2: Behaviour of the He ii line at 4859 Å for different values of the temperature and β.

Figure 3.3: Behaviour of the He ii λ6560 line for different values of β.
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3 The nature of WO star DR1 in IC 1613

Figure 3.4: Behaviour of the He ii and C iv line complex around 5400 Å for different values of β and
carbon abundance.

Figure 3.5: Influence of the volume filling factor on the electron scattering wing of C iv λλ5801-12.

78



3.4 Quantitative spectroscopic analysis

Figure 3.6: Behaviour of the He ii λ6560 and C iv λ7063 lines for different values of β and carbon
abundance.

Figure 3.7: Behaviour of the O vi λ5290 and O v λ5598 lines for different values of the oxygen abun-
dance.
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3 The nature of WO star DR1 in IC 1613

Figure 3.8: Behaviour of the C iv line at λλ5801-12 for different values of Ṁ.

The wind acceleration is assumed to be described by a single-β velocity law, i.e.

v(r) = v∞
�
1 − R∗

r

�β
. (3.1)

The value of β influences the strength of the mass-loss sensitive lines (mainly O iv
λ3300 and C iv λ5800), and is therefore degenerate with the wind strength for these
lines. However, the value of β also influences the shape of the optically thin He ii
lines formed at a larger radius. For low values of β (i.e., high wind acceleration), the
velocity gradient in the outer parts of the wind where these lines are formed is small,
as the wind has already approached v∞. This causes flat-topped line profiles. For
higher values of β, the wind is still accelerating towards v∞, and the velocity gradient
at the line-forming region is larger, causing the line profiles to be more triangle-
shaped (see Figure 3.2). This diagnostic is somewhat degenerate with temperature
(see Section 3.4.1.2), which affects the region of the wind in which these lines are
formed. For higher temperatures the lines are formed further out in the wind where
the velocity gradient again is smaller, thus producing flat-topped line profiles.

The shape of the He ii and C iv line complex around 5400 Å is affected by the
adopted value of β. This line complex is also used to constrain the carbon abundance
(see Section 3.4.1.3). The model has thus been iterated for different values of β,
temperature and carbon abundance.
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3.4 Quantitative spectroscopic analysis

The shape of the line profiles of He ii λ4859 and He ii λ6560, as well as the shape
of the He ii and C iv complex at 5400 Å have been used to determine the best-fit
value for β. Figures 3.2 to 3.4 show the behaviour of these lines for different sets of
parameters. The parameters that are not explicitly specified in these plots are conform
to the numbers given in Table 3.4. All diagnostics point toward a high value of β = 2,
i.e. a slowly accelerating wind, but lower values of β are not excluded. A high value
of β (1.5 − 2) is consistent with theoretical predictions for optically thick stellar winds
(Vink et al. 2011).

The value of the clumping parameter fc influences the shape of the electron-
scattering wings of the strong lines (see Figure 3.5), although the effect is weak. The
commonly adopted value of fc = 0.1 is in agreement with the observed spectrum, but
cannot be well constrained. However, very weak clumping ( fc ≥ 0.5) can be excluded,
as O vi λ5290 then gets reabsorbed in the wind and can no longer be fitted. Further
constraints on the clumping are discussed in Section 3.5.2.

3.4.1.2 Temperature

Because the stellar wind is optically thick, we do not define the effective temperature
at a Rosseland optical depth of τR = 2/3, as the corresponding radius is located
far out in the wind. Instead, we define T∗ to represent the effective temperature at
τR = 20. This allows for a more meaningful comparison to evolutionary tracks, where
the adopted effective temperature is not corrected for the presence of a wind.

Models have been calculated for temperatures T∗ ranging between 125 kK and
200 kK. The line ratios of the different ionisation stages of carbon and oxygen do
not change significantly in most of the temperature range, and thus cannot be used to
constrain the temperature. The presence of the strong O vi λλ3811-34 emission can
be seen as an indication of a high temperature, although the full strength of the line
cannot be reproduced. However, the line shapes of the optically thin He ii lines are
inconsistent with a very high temperature (see Figure 3.2), as the model line profiles
for these temperatures show a flat-topped shape, while the observed lines have a
triangle shape (see Section 3.4.1.1).

A temperature of 150 kK produces the best-fitting model to all lines except
O vi λλ3811-34. The underpredicted flux in this line will be further discussed in
Section 3.5.1. Although a lower temperature (125 kK) provides an even better fit
to the He ii lines (see Figure 3.2), the line ratio of O vi λ5290 to O v λ5598 changes
significantly for this temperature, with too much emission in the O v line compared
to O vi. We therefore adopt 150 kK as best-fit value. Models with a temperature
T∗ > 175 kK are excluded based on the He ii line shapes (see Figure 3.2).
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3 The nature of WO star DR1 in IC 1613

3.4.1.3 Carbon and oxygen abundances

The carbon abundance (modelled as [C/He] by number), has been determined using the
He ii λ5412 and C iv λ5471 line ratio. As can be seen from Figure 3.4, this diagnostic
is not very sensitive to the adopted value of β = 2. For this β, changes in the C iv peak
are minimal for different values of the carbon abundance; a value of [C/He] = 0.35
agrees best with the overall spectrum (see Figure 3.6 for the typical behaviour of the
carbon and helium lines for different carbon abundances).

The oxygen abundance ([O/He] by number) can be constrained with an accuracy
of 0.01 by the strength of the O vi λ5290 and O v λ5598 lines (see Figure 3.7). We
derive a value of [O/He] = 0.06 as best-fitting abundance.

3.4.1.4 Mass-loss rate

The strength of the C iv λλ5801-12 and O iv λλ3404-12 lines are very sensitive to
the mass-loss rate, and therefore these lines serve as the prime diagnostic for this
parameter. In general, the equivalent width of WR emission lines is found to be
invariant if the transformed radius

Rt = R∗




v∞
2500 km s−1

� Ṁ
�

fc 10−4 M⊙ yr−1




2/3

(3.2)

is kept fixed (Schmutz et al. 1989). The derived mass-loss rate is therefore dependent
on the adopted v∞, fc, L and T∗ (the last two values determining R∗).

For the parameters of our best-fitting model the mass-loss rate is Ṁ = 1.8 ×
10−5 M⊙ yr−1, and can be constrained to within 0.05 dex (see Figure 3.8). The corre-
sponding transformed radius is Rt = 1.3 R⊙.

3.4.1.5 Luminosity

To determine the luminosity of DR1, we have computed synthetic UVRI magnitudes
of a fitted model spectrum (with L = 3 × 105 L⊙) by integrating the model flux using
the transmission functions of the filters as provided by the INT website1. Zero-point
magnitudes were determined by performing spectrophotometry on a Kurucz model
spectrum (Castelli & Kurucz 2004) of Vega (Teff = 9500 K, log g = 4.0, d = 7.68 pc,
R = 2.5 R⊙). A reddening of E(B− V) = 0.05 (Section 3.4.1) is then added to the
obtained values. Because the O vi λλ3811 − 34 emission is underpredicted by the
model, we do not use the B-band magnitude, which is affected by the flux in this line.
Scaling the synthetic magnitudes to match the observed values (Table 3.2) yields a
luminosity of log (L/L⊙) = 5.68± 0.10. The error in this value is based on the spread

1
http://catserver.ing.iac.es/filter/list.php?instrument=WFC
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3.4 Quantitative spectroscopic analysis

in magnitude differences for each filter. The error induced by the uncertainty in the
distance to IC 1613 (3%; Pietrzyński et al. 2006) is in comparison negligable. Note
that the luminosity is overpredicted if undetected companion stars are contributing to
the observed flux. After determining the luminosity, the mass-loss rate is adjusted to
fit the observed line strengths.

3.4.1.6 Metallicity

To determine the impact of the uncertainty in the metallicity of DR1, we computed a
model with SMC metallicity (Z = 1/5 Z⊙). Apart from the mass-loss rate, the derived
parameters are not noticeably affected by this change. The mass-loss rate needed
to fit the spectrum is slightly lower than the value derived for the low-metallicity
model (Ṁ f −1/2

c = 5.1 × 10−5 M⊙ yr−1, corresponding to Ṁ = 1.6 × 10−5 M⊙ yr−1

for fc = 0.1). This is likely the result of more efficient line blanketing in the high-
metallicity model.

3.4.2 Nebular spectrum
DR1 is surrounded by the ionised nebula S3. The narrow nebular emission lines are
clearly distinguishable from the Wolf-Rayet spectrum (e.g., Figure 3.1). Apart from the
lines usually seen in H ii regions, S3 exhibits strong He ii emission (He ii λ4686 / Hβ =
0.51 ± 0.03), indicative of a hot ionising source. The line strengths from a selection
of emission lines relative to Hβ are given in Table 3.5. The errors on the values have
been calculated by the method described in Section 2.2.2 in Chapter 2. Based on the
X-shooter acquisition image, we estimate the projected dimensions of the asymmetric
nebula to be approximately 30 × 60 pc.

Following Pagel et al. (1992, see also the equations in Section 2.4), we derive an
electron temperature Te = 17.5 ± 0.6 kK based on the nebular [O iii] emission. This
temperature is higher than measured in other H ii regions with He ii emission, making
S3 the hottest H ii region currently known in the Local Group (see Kehrig et al. 2011,
for an overview of known He ii nebulae). This electron temperature is indicative for
both the high temperature of the ionising source, and the low-metallicity environment.

The oxygen abundance derived from the [O ii] and [O iii] emission lines is 12 +
log (O/H) = 7.56 ± 0.11. The electron density in the nebula is in the low density
regime (< 75 cm−3) based on the [O ii] λ3729/3726 and [S ii] λ6716/6731 line ratios
(Osterbrock & Ferland 2006).

Assuming that DR1 is the dominant ionising source of S3, we aim to reproduce the
observed nebular properties using the photo-ionisation code Cloudy (version 08.00,
Ferland et al. 2013). To do this, we model the H ii region as a spherically symmetric
cloud surrounding an ionising source, for which we use the best-fit model of DR1. We
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3 The nature of WO star DR1 in IC 1613

derive nebular line strengths by computing the nebular spectrum in the line of sight
towards the central source. In our models, the metal abundances in the cloud are set
to 18% of the abundance pattern in the Orion nebula2, corresponding to Z = 0.15 Z⊙
based on oxygen. The Galactic foreground extinction is discussed in Section 3.3.1.
There is no indication that the line of sight towards DR1 suffers from extinction in
IC 1613. We therefore do not include dust grains in our model. The inner radius of the
cloud r0 is fixed to 0.1 pc, as varying this inner radius for reasonable values (r0 ≤ 1 pc)
does not change the resulting parameters significantly.

We assume the following density profile, containing both a r−2 dependency and a
constant component nc:

n(r) = n0

�
1 +

r − r0

rscale

�−2

+ nc, (3.3)

where n0 + nc is the density at r0 and rscale is the scale-length. We compute a grid
of models varying n0, rscale, and nc. The line ratios of our best model are given in
Table 3.5, and agree well with the observed values.

The adopted model has n0 = 35 cm−3, rscale = 16 pc, and nc = 8 cm−3, although
small variations in these parameters also give nebular properties that match the ob-
served values. However, models with a constant density profile (i.e. n0 = 0), as well
as models with rscale < 5 pc, cannot reproduce the observed properties.

These line ratios in Table 3.5 correspond to an electron temperature Te = 16.1 kK
and an oxygen abundance of 12 + log (O/H) = 7.61. This abundance is consistent
with the observed value, and would correspond to a metallicity of Z ≈ 0.08 Z⊙ based
on [O ii] and [O iii]. As the oxygen abundance in our model is set to a value of 15%
solar, this indicates that approximately half of the oxygen is in an ionisation state
higher than O iii. This is confirmed by the inspection of the relative population of the
oxygen ionisation stages in our model. Finally, the Strömgren radius of the modelled
H ii region is 15 pc, in agreement with the size of the observed nebula. The electron
temperature is lower than observed, which is the case for all models that reproduce the
line ratios well. This is likely caused by the assumed abundance pattern of the metals,
which is observed to differ between individual H ii regions (e.g., Zaritsky et al. 1994).

We also investigate the sensitivity of the nebular spectrum to changes in the stellar
temperature, the parameter that mostly controls the production of ionising photons.
This sensitivity turns out to be very modest. Nebular models where we varied the
temperature of the ionising source by ∆T∗ = 25 kK can also reproduce the observed
nebular properties. The results of both the nebular and stellar analysis provide a
consistent picture, suggesting that DR1 is indeed the main ionising source of S3.

2The Orion nebula abundances used in Cloudy are a subjective mean of values derived by Baldwin
et al. (1991), Rubin et al. (1991), Osterbrock et al. (1992) and Rubin et al. (1993).
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Table 3.5: Nebular line ratios relative to H β.

Line ID Observed Cloudy
λ(Å) model

He ii
4686 0.51 ± 0.03 0.53

He i
4471 0.017 ± 0.007 0.022
5876 0.058 ± 0.014 0.058
6678 0.017 ± 0.007 0.016

[O ii]
3726 0.12 ± 0.03 0.11
3729 0.18 ± 0.04 0.16

[O iii]
4363 0.13 ± 0.01 0.10
4959 1.45 ± 0.07 1.39
5007 4.36 ± 0.18 4.20

[Ne iii]
3869 0.63 ± 0.06 0.40
3968 0.19 ± 0.08 0.12

[Ar iv]
4711 0.061 ± 0.011 0.058
4740 0.053 ± 0.019 0.045

[S ii]
6716 0.052 ± 0.020 0.028
6731 0.038 ± 0.016 0.020

[S iii]
6312 0.024 ± 0.017 0.008

3.5 Discussion

3.5.1 Oxygen abundance and temperature
The prominent O vi λλ3811-34 emission is the tell-tale signature of WO stars. How-
ever, this line is notoriously difficult to reproduce by models of their atmospheres. Two
modelling approaches can be followed. Either the focus is to reproduce the prominent
O vi λλ3811-34 emission while accepting a poorer fit to the overall spectrum, or the
aim is to reproduce the entirety of the spectrum, accepting a relatively poor fit to
O vi λλ3811-34.
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Table 3.6: Comparison of carbon and oxygen abundances measured in WC and WO stars.

Reference Galaxy Spectral type Mass fraction Number abundance
C O C/He O/He

This work IC 1613 WO3 0.46 0.10 0.35 0.06
Gräfener et al. (1998) LMC six WC4 0.4 0.1-0.3
Crowther et al. (2000) LMC WO 0.7 0.15
Crowther et al. (2002) LMC six WC4 0.2-0.4 0.1 0.1-0.35 ≤ 0.06
Hillier & Miller (1999) MW WC5 0.4 0.1
De Marco et al. (2000) MW WC8 0.15 0.03
Dessart et al. (2000) MW four WC 0.08-0.25 0.02-0.1
Gräfener et al. (2002) MW WC5 0.45 0.04
Crowther et al. (2006) MW WC9 0.2 0.01
Smartt et al. (2001) M31 WC6 0.1

The modelling of the galactic WO stars WR102 and WR142 (both with spectral
type WO2) by Sander et al. (2012) focusses on reproducing the O vi λλ3811-34
emission. This can be achieved by adopting a high temperature and an oxygen
abundance twice as high as they on average find for early-type WC stars. However,
the model spectrum underestimates the flux in some of the other lines seen in the
observed spectrum, such as the O v λ5598 emission. This is likely due to the high
adopted temperature, which causes the higher ionisation states to be preferred.

Crowther et al. (2000) modelled the far-UV and optical spectrum of the LMC WO
star Sand 2 taking the alternative approach, and in their model do not reproduce the
O vi λλ3811-34 emission. Their obtained temperature is 50 kK lower than temperatures
obtained by Sander et al. (2012) who primarily modelled O vi λλ3811-34, although
the difference can also be attributed to the difference in spectral type.

As our data cover a large wavelength range (3 000 − 20 000 Å), we focus on
obtaining a good overall fit while neglecting the O vi λλ3811-34 line. Although the
strong O vi λλ3811-34 emission is underpredicted by a factor 2 − 3, the strength of
the O vi λ5290 line is well represented by our models. This suggests the presence
of an additional mechanism not accounted for in the modelling, which significantly
contributes to the O vi λλ3811-34 emission.

The O vi λλ3811-34 emission is particularly sensitive to temperature, oxygen
abundance and wind strength. A higher temperature will increase the O vi to O v
ionisation ratio, producing stronger emission in O vi. A higher oxygen abundance will
increase the strength of oxygen lines relative to that of lines of other elements. The
dependence of the strength of O vi λλ3811-34 on the mass-loss rate is more subtle: as
the O vi λλ3811-34 emission is formed in deep layers of the stellar wind, part of the
emission is absorbed by the outer layers of the wind itself. A higher mass-loss rate,
i.e. a denser wind, will therefore result in weaker observed emission of this line.
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A physical motivation for the poor modelling of the O vi λλ3811-34 line may be
found in its susceptibility to soft X-ray emission at the base of the outflow, e.g. due
to shocks in the wind-acceleration zone. Such shocks could pump the upper level
through the 2p2 p0 − 3s2s transition at 184 Å. If the X-ray production is quite localised
at the base of the wind, the layers above this zone may shield (part of) this X-ray
emission. This prevents the C iv λλ5801-12 line, which originates from the same
electron configuration transition as O vi λλ3811-34 but is formed further out in the
wind, to react in a similar way.

Neglecting the O vi λλ3811-34 line, the carbon and oxygen abundances that we
obtain are comparable to values found for early-type WC stars in a variety of envi-
ronments (see Table 3.6). We thus conclude that the carbon and oxygen abundance in
DR1 present no indication of enhancement compared to WC stars.

3.5.2 Evolutionary state
As most massive stars are formed in close binary systems (Sana et al. 2012, 2013), it
is possible that DR1 has or has had a close companion star. If DR1 is part of a close
binary, it is likely that mass transfer between the stars occurs at some point during
the evolution of the system, influencing their evolution. For instance, if DR1 has
transferred mass onto a companion star, less mass loss through a stellar wind is needed
to expose the helium-burning products. Vice versa, if DR1 has gained mass or is the
product of a merger, this will likely have led to high rotation rates (e.g., de Mink et al.
2013). This may lead to enhanced mass-loss due to rotation and rotational mixing,
also making it easier for the helium-burning products to surface. Because we have no
indication for binarity of DR1, we limit the discussion of its evolutionary state to a
single-star perspective. However, we cannot exclude the possibility that DR1 is the
product of binary interaction.

Figures 3.9 and 3.10 show the position of DR1 in the Hertzsprung-Russell diagram
(HRD). For comparison, the two Galactic WO stars and the WC stars analysed by
Sander et al. (2012), and the WO star analysed by Crowther et al. (2000) are also
plotted. Both DR1 and the two WO2 stars from Sander et al. (2012) are positioned
at the high temperature and high luminosity regime of the strip in the HRD occupied
by the WC and WO stars. The LMC WO3 star Sand 2 from Crowther et al. (2000,
for which the luminosity is much less uncertain than the Galactic cases due to the
better constrained distance) is considerably less luminous, while having the same
temperature as DR1. Both DR1 and Sand 2 are located very close to the helium
ZAMS, indicating that they could be the descendants of stars with a different initial
mass. Alternatively, it is possible that the luminosity of DR1 is overestimated if unseen
companions contribute significantly to the observed flux.

Figures 3.9 and 3.10 also show the evolutionary tracks from Meynet & Maeder
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3 The nature of WO star DR1 in IC 1613

Figure 3.9: Location of DR1 in the Hertzsprung-Russell Diagram. Also plotted are the WO2 and WC
stars analysed by Sander et al. (2012), the LMC WO3 star analysed by Crowther et al. (2000) and
evolutionary tracks for SMC metallicity from Meynet & Maeder (2005) for an initial rotation rate of
300 km s−1.

Figure 3.10: Same as Figure 3.9, but with evolutionary tracks for Galactic metallicity from Ekström
et al. (2012) for an initial rotation rate of 0.4 vcrit.
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(2005) and Ekström et al. (2012), representing single stars with SMC metallicity
initially rotating at 300 km s−1 and single stars with Galactic metallicity initially
rotating at 40% of critical, respectively. Figure 3.9 shows that DR1 is located at a
position in the HRD that is coinciding with the track for the late stages of evolution
of a 120 M⊙ star at SMC metallicity. The corresponding current-day mass would be
≈ 18 M⊙. This is consistent with the mass of 20 M⊙ that is computed from the mass-
luminosity relation of Gräfener et al. (2011). A firm determination of the initial mass
of DR1 cannot be made, however, as the track for stars with initial masses higher than
60 M⊙ also reaches the high-temperature domain of the HRD. Uncertainties that may
complicate an identification of the evolutionary stage of DR1 from these tracks include
the initial rotational velocity, metal content and the mass-loss properties throughout
the different evolutionary phases (in particular during the luminous-blue-variable and
red-supergiant phases). In general, it is thought that higher rotation rates lead to a
higher mass-loss rate, and therefore to lower stellar masses during the WC or WO
stage. In specific cases, however, this trend may be broken (see Meynet & Maeder
2003).

For a Galactic environment, Figure 3.10 shows that evolutionary tracks for initial
masses higher than 40 M⊙ reach the high-temperature domain of the HRD where the
WO stars are located. Although suffering from the same uncertainties as listed above,
it suggests that the occurrence of WO stars is slightly favoured at higher metallicities,
as the mass range for potential progenitors is larger. This is in contrast with predictions
based on the assumption that the oxygen abundance is enhanced in WO stars, in which
case their formation is favoured in sub-Galactic metallicity environments (see, e.g.,
Georgy et al. 2009, their Figure 1).

Figure 3.11 compares the carbon and oxygen abundances of DR1 to evolutionary
predictions of the change of the helium, carbon and oxygen abundances during core-
helium burning. While low-metallicity models have been used for this comparison, the
influence of the metallicity is negligible. Higher masses, however, lead to a markedly
lower carbon abundance and correspondingly higher oxygen abundance at a given
helium mass fraction. Note that only two of the three abundances are independent, as
the sum of all three is very close to one.

The 12C(α, γ)16O thermonuclear reaction rate used in these models is still highly
uncertain (Tur et al. 2007). For instance, a higher 12C(α, γ)16O cross section would
lead to somewhat lower carbon abundances at a given helium mass fraction. The
reaction rate employed in the models shown in Figure 3.11 is the one proposed
by Weaver & Woosley (1993), which appears to be required for massive stars to
reproduce the Solar abundance pattern between oxygen and calcium. If this rate is
correct, Figure 3.11 indicates that DR1 is likely not the descendant of a star of initially
several 100 M⊙.
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3 The nature of WO star DR1 in IC 1613

From Figure 3.11, we also see that the surface composition of DR1 corresponds
to material that was in the core of the star roughly half-way into core-helium burning.
This implies that DR1 must indeed be well advanced in its core-helium burning stage.
Assuming a current mass of 20 M⊙, the radiative envelope is expected to be ≈ 4.7 M⊙
(Langer 1989). Based on the mass-loss rate we found for DR1, the envelope is lost
at a timescale of at least ≈ 8 − 9 × 104 years (for an unclumped wind, i.e. fc = 1).
For a helium-burning timescale of 4.3 × 105 year (Langer 1989), we find that DR1
is currently at least three-quarters into core-helium burning. Adopting a probable
post-core helium burning lifetime of 104 year (Langer 1989), this also suggests that the
volume filling factor cannot be much lower than fc ≈ 0.2, as otherwise the star should
have already exploded. The temperature of DR1 is consistent with the temperature
predicted for core-helium burning stars, while it is too low to correspond to post-core
helium burning (Langer et al. 1988).

Turning the argument around, the mass-loss rate has obviously been large enough
to uncover the material which was inside the convective core in the middle of core-
helium burning, i.e. before core-helium burning finished. Adopting the helium-
burning timescale given above, this implies that Ṁ > 4.7 M⊙/ 1

2 × 4.3 × 105 yr ≈
2.2 × 10−5 M⊙ yr−1.

3.5.3 Mass-loss rate
Figure 3.12 shows a comparison of the mass-loss rate and luminosity of DR1 to the
observed values for WC and WO stars in the Galaxy (Sander et al. 2012) and the LMC
(Crowther et al. 2000, 2002). The plot clearly shows that the mass-loss rate of WC
stars depends on stellar luminosity and the metallicity of the environment. This is
in line with model predictions by Vink & de Koter (2005) and Gräfener & Hamann
(2008), who find that the metallicity dependence of WR mass loss is mainly controlled
by the iron abundance.

DR1 fits in this picture, as its mass-loss rate is well below the values found for
WC stars of similar luminosity in the LMC. The two Galactic WO stars studied by
Sander et al. (2012) have surprisingly low mass-loss rates. This could be caused by the
modelling of the O vi λλ3811-34 line, as this requires a low mass-loss rate to prevent
the emission from being re-absorbed in the stellar wind. The mass-loss rate of the
LMC WO star analysed by Crowther et al. (2000), who do not fit the O vi λλ3811-34
emission, is consistent with the metallicity trend.

Alternatively, the low mass-loss rates of the Galactic WO stars may be an indica-
tion that these stars do not follow a well-defined dependence on L and Z. One of the
reasons for this could be their high temperature. Temperature effects for WR stars are
predicted by Gräfener & Hamann (2008), albeit in a different temperature regime. As
pointed out by Gräfener et al. (2012), there may exist a dichotomy between the winds
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Figure 3.11: Comparison of the helium (blue), carbon (red) and oxygen (green) mass fractions of DR1
with evolutionary predictions of helium-burning stars of various masses (12 M⊙ and 35 M⊙ from Brott
et al. (2011), 150 M⊙ and 250 M⊙ from Langer et al. (2007)). The uncertainty of the oxygen abundance
is comparable to the size of the symbol and therefore not indicated.

of early WR subtypes which are likely driven by the hot iron opacity peak at 150 kK,
and later subtypes which may have radially inflated envelopes and much cooler winds
(cf. also Nugis & Lamers 2002; Lamers & Nugis 2002). The existence of such inflated
envelopes has been questioned by Petrovic et al. (2006).

Figure 3.12 also shows scaled-down fits to empirical mass-loss rates by Hamann
et al. (1995), as provided by Yoon & Langer (2005, their relation WR1). The scaling
reduces the empirical rates by a factor of six to correct for the effect of clumping. The
mass-loss rate is assumed to scale proportional to Z0.5. This prescription reproduces
the observed luminosity and metallicity dependence of WR mass loss reasonably well,
save for the two Galactic WO stars.

3.5.4 Final fate
The eventual fate of DR1 is mostly determined by its mass prior to supernova explo-
sion. Stars with a final mass > 10 M⊙ are likely to form black holes (e.g., Georgy
et al. 2009), producing a faint supernova or no supernova at all. If rapidly rotating,
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Figure 3.12: Comparison of the mass-loss rates and luminosity of WC and WO stars in different
metallicity environments to the mass-loss relation WR1 of Yoon & Langer (2005). The solid black line
represents the relation for Z = Z⊙, the dashed black line Z = 1/2 Z⊙, and the solid red line Z = 1/7 Z⊙.
The solid symbols represent the results from Sander et al. (2012), the open symbols represent the results
from Crowther et al. (2000, 2002), and the red square indicates the location of DR1.

however, it is possible that such massive stars produce a bright Type Ib/c supernova,
possibly with an associated long-duration gamma-ray burst (e.g., Woosley & Bloom
2006). This scenario is more likely at low metallicities, as the mass-loss rates are
lower during the various stages of evolution, reducing the angular momentum loss.
The massive core can therefore more easily retain the angular momentum needed to
power the explosion.

Sander et al. (2012) suggest that the two Galactic WO stars in their analysis
have high rotational velocities (≈ 1000 km s−1) based on the shape of the lines. If
this is indeed the case, these stars would be potential progenitors of GRBs. Even
though the line shapes of DR1 can be well fitted by a non-rotational model, we cannot
exclude that the star is fairly rapidly rotating, as convolving with rotational profiles
of up to 500 km s−1 (≈ 0.25 vcrit) has a negligible effect on the line shapes. Larger
projected rotational velocities broaden the lines too much to fit our data and can thus
be excluded.

Despite the efforts of finding the progenitors of Type Ib/c SNe in pre-supernova
images, none have been identified so far (e.g., Eldridge et al. 2013). If the progenitors
are hot WR stars like DR1, they would be very hard to detect, as despite their high
bolometric luminosity, their visual brightness is very low due to their very high
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temperature (Yoon et al. 2012).
Although there is still a considerable amount of helium present in our DR1 model,

this does not exclude a final explosion in the form of a Type Ic supernova. In single
stars the helium mass fraction at the surface can be as large as 50 per cent without
helium being detected in the spectrum of the supernova (Dessart et al. 2011). The
surface helium mass fraction of DR1 is below that level (44 per cent).

3.6 Conclusions

In this Chapter we have presented a quantitative spectroscopic analysis of DR1, one
of only two WO stars known at a SMC-like metallicity. We have modelled the X-
shooter spectrum using cmfgen in order to derive the stellar and wind parameters.
Our best-fit model reproduces the strength and shape of all the He, O and C lines
in the 3200 − 20 000 Å wavelength range covered by our observations, including the
O vi λ5290 line and the O vi λ5290 / O v λ5592 ratio. However, our model cannot
reproduce the strong O vi λλ3811-34, which is the prime observational diagnostic of
the WO spectral type, simultaneously with the rest of the DR1 spectrum.

We discussed the possibility that a significant part of the O vi λλ3811-34 line flux
is originating from a mechanism that is not included in the modelling, for instance
X-ray emission produced at (or close to) the base of the wind. Compared to early WC
stars, the stellar temperature of DR1 is high, but the surface oxygen abundance is not
enhanced. This suggests that the presence of the highly ionised oxygen emission is
caused by excitation effects due to the high temperature.

DR1 is embedded in the hottest known He ii emitting nebula in the Local Group.
The properties of the nebula are consistent with DR1 being the central ionising source.
In particular the high electron temperature of the nebula is suggestive of a very hot
central source and a low ambient metallicity. The capacity of DR1 to fully ionise
helium may also be relevant for our understanding of the epoch of He ii reionisation,
believed to have occured at redshifts z ≈ 4 − 2.7 (e.g., Syphers & Shull 2013).
Although usually attributed to quasars, WO stars like DR1 may also have contributed
to the He ii ionisation.

Our best fit model and the derived oxygen and carbon abundances suggest that
DR1 should be seen as a hot (i.e. earlier-type) WC star, and that the presence of
strong O vi λλ3811-34 emission in WO spectra does not necessarily imply a larger
oxygen abundance, hence a more advanced evolutionary stage. This statement is of
importance when comparing with evolutionary computations: WO as a spectral type
– i.e. defined by the presence of strong O vi λλ3811-34 emission – is not equivalent
to the definition of WO stars usually adopted from a theoretical point of view. The
latter is based on an enhanced oxygen content (surface abundances (C + O)/He > 1
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by number, e.g. Smith & Maeder 1991).
DR1 is located in the high-temperature and high-luminosity domain of the HRD.

Compared to evolutionary tracks, its location is compatible with the late stages of
evolution of stars with an initial mass > 60 M⊙, although this number is subject to
various assumptions in the theoretical tracks. The carbon and oxygen abundances and
stellar temperature suggest that DR1 is currently well into its core-helium burning
stage. Based on the derived mass-loss rate, the clumping of the stellar wind should be
moderate ( fc >∼ 0.2), as otherwise the star should have already exploded.

Although we find that the WO phase likely does not represent a stage of enhanced
oxygen abundance compared to WC stars, we do not exclude the possibility that WO
stars are in a more advanced evolutionary stage than WC-type Wolf-Rayet stars. The
higher temperatures of WO stars may be the result of progressive stripping of the outer
layers through the radiation driven wind, exposing consecutively hotter layers.

Alternatively, WO and WC stars may be the end products of stars from different
initial mass ranges, in which case the question of evolutionary connection between
WO and WC stars does not apply. Detailed spectroscopic analyses of more WO and
early-WC stars are needed to decide whether the properties of DR1, in particular
its high temperature and WC-like oxygen abundance, are representative of the WO
stars as a class and to investigate further the nature of the WO stars and their possible
evolutionary connection with WC stars.
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3.A Overview of used model atoms
Table 3.7 gives the model atoms used in the cmfgen analysis.
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Table 3.7: Overview of the model atoms used.

Species Ni Ns Nt Species Ni Ns Nt

He i 27 27 27 Ar vi 0 21 81
He ii 13 13 30 Ar vii 0 30 72
C ii 22 22 22 Ar viii 0 28 52
C iii 44 100 243 Ca iii 0 33 110
C iv 59 59 64 Ca iii 0 33 110
O ii 3 3 3 Ca iv 0 34 193
O iii 79 79 115 Ca v 0 45 121
O iv 53 53 72 Ca vi 0 47 108
O v 75 75 152 Ca vii 0 48 288
O vi 25 25 31 Ca viii 0 45 296
Ne ii 0 42 242 Ca ix 0 39 162
Ne iii 10 40 182 Ca x 27 27 59
Ne iv 10 45 355 Cr iv 0 29 234
Ne v 10 37 166 Cr v 0 30 223
Ne vi 10 36 202 Cr vi 0 30 215
Ne vii 10 38 182 Mn iv 0 39 464
Ne viii 24 24 47 Mn v 0 16 80
Si iv 10 37 48 Mn vi 0 23 181
Si v 10 33 71 Mn vii 0 20 203
Si vi 20 42 132 Fe iv 51 51 294
P iv 0 36 178 Fe v 47 47 191
P v 0 16 62 Fe vi 44 44 433
S iii 0 13 28 Fe vii 41 41 252
S iv 0 51 142 Fe viii 53 53 324
S v 0 31 98 Fe ix 52 52 490
S vi 28 28 58 Fe x 43 43 210
Cl iv 0 40 129 Ni iv 0 36 200
Cl v 0 26 80 Ni v 0 46 183
Cl vi 0 18 44 Ni vi 0 37 314
Cl vii 0 17 28 Ni vii 0 37 308
Ar iii 0 32 34 Ni viii 0 34 325
Ar iv 0 50 382 Ni ix 0 34 363
Ar v 0 64 376

Notes. Ni is the number of levels that are treated with an accelerated lambda iteration. Ns is
the number of superlevels, each of which may consist of a single level or multiple levels. Nt
the total number of atomic levels in the model atom.
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CHAPTER4
Galaxy counterparts of metal-rich damped Lyα absorbers:

the case of J205922.4-052842

O. E. Hartoog, J. P. U. Fynbo, L. Kaper, A. De Cia, J. Bagdonaite

Submitted to Monthly Notices of the Royal Astronomical Society

Abstract
We present observations of three new sources in the ESO VLT/X-shooter survey

dedicated to the detection of the emitting counterparts of Damped Lyα (DLA) systems
towards bright quasars (QSOs). The aim is to bridge the observational gap between
absorption (i.e. DLAs) and emission-selected galaxies at z ∼ 2.2 − 2.5, in order to get
a more complete picture of (proto)galaxies around this epoch. The hypothesis is that
because DLA galaxies fulfill metallicity-velocity width and luminosity-metallicity
relations, high-metallicity DLAs are more likely to be detected in emission.

The region around each QSO is covered with slits (1.3�� × 11��) at three differ-
ent position angles. In the DLA towards QSO J205922.4-052842 (zDLA = 2.210,
[S/H] = −0.91± 0.06), Lyα emission is detected at 3σ confidence limits at an impact
parameter of < 6.3 kpc, indicating a star-formation rate > 0.40 M⊙ yr−1 for the asso-
ciated DLA galaxy. We do not detect the associated emission of two other DLAs in
the spectra of QSOs J003034.4-512946 (zDLA = 2.452, [Zn/H] = −1.50 ± 0.33) and
J105744.5+062914 (zDLA = 2.499, [Zn/H] = −0.08±0.17, [Si/H] = −0.29±0.05).

While the results for J205922.4-052842 and J003034.4-512946 are in line with
the sketched picture, the non-detection of the emission of the metal-rich DLA in
J105744.5+062914 is not. A possible explanation is that the emission is missed by
the coverage of the three slits in our observational setup.
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4.1 Introduction
Damped Lyα (DLA) systems are absorbers in the line-of-sight towards bright back-
ground sources, typically quasars (QSOs), with a neutral hydrogen column density
log(N(H i)/cm−2) ≥ 20.3 (see e.g. Wolfe et al. 2005, for a review). Furthermore, in
gamma-ray burst (GRB) afterglow spectra, the host galaxy is often seen as a DLA. The
term DLA can refer to both the spectral Lyα feature with the characteristic damping
wings, and the astronomical object that gives rise to the absorption, also referred to
as DLA galaxy or DLA counterpart. It appears that DLAs are not just a scaled up
version of Lyα forest absorbers (log(N(H i)/cm−2) < 17.0) and Lyman Limit sys-
tems (17.0 < log(N(H i)/cm−2) < 20.3), using arbitrary distinctions for the column
density. Rather, the distinctions are physical and associated with the ionisation state
of the gas. The H i column densities of DLAs are so high that they, contrary to other
classes of QSO absorbers, are mostly neutral. DLAs are thought to be the dominant
reservoirs of neutral gas in the universe in the interval z = 0 − 5; and this neutral
gas is where a significant fraction of the stellar mass in present-day galaxies finds its
origin (Storrie-Lombardi & Wolfe 2000; Wolfe et al. 2005).

Thanks to the Sloan Digital Sky Survey (SDSS), over 10 000 z > 2 DLAs are
identified in the spectra of QSOs (Prochaska et al. 2005; Prochaska & Wolfe 2009; No-
terdaeme et al. 2009, 2012b). Their absorption spectra have been extensively studied
yielding their metal abundances (e.g., Dessauges-Zavadsky et al. 2006b; Rafelski et al.
2012; Jorgenson et al. 2013), dust content (e.g., Ledoux et al. 2002), and kinematical
structure (e.g., Ledoux et al. 2006a; Prochaska et al. 2008a; Møller et al. 2013; Neele-
man et al. 2013). This information is strongly complementary to the properties we
can infer from the light emitted by galaxies, such as star formation rates, luminosities,
colours, stellar masses, morphology and sizes (e.g., Kauffmann et al. 2003; Shen et al.
2003; Tremonti et al. 2004; Weinmann et al. 2006; Smolčić et al. 2006; Fukugita et al.
2007). It is therefore very useful to be able to combine the information of galaxies
inferred from both emission and absorption properties. However, it is difficult to
connect observational samples that are selected with fundamentally different methods,
and very different selection biases. There seems to be hardly any overlap between
emission and absorption selected galaxy samples at intermediate to high redshifts
(Fynbo et al. 1999; Colbert & Malkan 2002; Møller et al. 2002; Kulkarni et al. 2006).
DLA galaxies are selected by their cross-section areas, because their detection rate
depends on the probability that a QSO sight line intersects them. The cross-section
area of a galaxy is known to scale locally with its luminosity to a given power (Wolfe
et al. 1986; Zwaan et al. 2005). On the assumption that a similar relation was at
play at higher redshifts, and combining this with the faint end slope of the luminosity
function (Schechter 1976), one can conclude that DLA galaxies are mostly selected
from this faint end. On the other hand, emission selected galaxies will naturally be
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drawn mostly from the bright end. Fynbo et al. (2008) show that QSO-DLAs as
well as gamma-ray-burst host galaxies, which are referred to as GRB-DLAs when
observed in absorption, are consistent with being drawn from the same population as
Lyman-break galaxies (LBGs), which are UV-selected star-forming galaxies.

Progress in the field of connecting absorption and emission selected galaxies
has been slow for many years, but recently some developments have been reported.
With modern observing facilities, is has been possible to study emission selected
galaxies to much deeper rest-frame flux limits (e.g., Sawicki & Thompson 2006;
Gronwall et al. 2007; Rauch et al. 2008; Ouchi et al. 2008; Grove et al. 2009; Reddy
& Steidel 2009; Cassata et al. 2011; Trainor & Steidel 2012; Alavi et al. 2014).
Dedicated campaigns to detect emitting counterparts of DLAs have been carried out:
using long-slit spectroscopy (e.g., Hunstead et al. 1990; Noterdaeme et al. 2012a),
(narrow-band) imaging (e.g., Smith et al. 1986; Møller & Warren 1993; Kulkarni et al.
2001; Fumagalli et al. 2014) and integral field spectroscopy (e.g., Christensen et al.
2007; Péroux et al. 2011; Bouché et al. 2012; Jorgenson & Wolfe 2014). Despite the
much larger number of systems being observed, between 1986 and 2010 the galaxy
counterparts of only two bona-fide DLAs were identified (Møller et al. 2004; but see
also Krogager et al. 2012; Christensen et al. 2014). At lower redshift (z = 0 − 1)
emitting counterparts of DLAs and lower column density line-of-sight objects are
naturally detected more frequently (see e.g. Chen & Lanzetta 2003; Rao et al. 2011).

This study reports on an ongoing observational survey with the X-shooter spec-
trograph on the European Southern Observatory (ESO) Very Large Telescope (VLT)
with the aim to identify and study DLA counterparts by their emission lines, and also
to test observationally the hypothesis in Fynbo et al. (2008) that DLAs and LBGs are
drawn from the same parent population. Earlier successes within this campaign are
presented in Fynbo et al. 2010, 2011, and 2013, and are summarised in Section 4.5
together with detections of DLA-associated emission from other campaigns. The se-
lection of candidates in our survey is based on the hypothesis that DLA galaxies obey
luminosity-metallicity and metallicity-velocity width relations (Møller et al. 2004;
Ledoux et al. 2006a; Neeleman et al. 2013; Møller et al. 2013) and that therefore the
probability to detect the associated emission is higher for a more metal-rich and thus
more massive and luminous galaxy. We selected DLAs with a rest-frame equivalent
width (EWrest) of the Si ii λ1526 larger than 1Å in the SDSS spectrum (Noterdaeme
et al. 2009). This is an indication that the metallicity of the DLA is likely to be at least
10% solar (e.g., Prochaska et al. 2008a, their Figure 6). From these, candidates were
selected that also show strong Fe ii λ2344, λ2374 and λ2382 lines. We selected DLAs
with redshifts such that the strongest emission lines should fall in spectral windows
that are observable from the ground and covered by X-shooter (i.e. z ∼ 2.2 − 2.5), so
that we do not have to rely on Lyα emission alone.

99



4 Galaxy counterparts of metal-rich damped Lyα absorbers

In this Chapter we report a positive detection of Lyα in emission associated with
the DLA towards QSO J205922.4-052842 (z = 2.210, hereafter DLA-2059), and two
non-detections for the DLAs towards J105744.5+062914 (z = 2.499, DLA-1057) and
J003034.4-512946 (z = 2.452, DLA-0030). While DLA-2059 and DLA-1057 are
bona-fide high-metallicity DLAs obeying the criteria listed above, DLA-0030 was a
southern backup target that does meet the line strength criteria and does not have a
high metallicity.

The Chapter is structured as follows. In Section 4.2 the strategy and details of
the observations and data reduction are described. In Section 4.3.1 we report the
Lyα emission in DLA-2059. In Section 4.3.2 the absorption properties of DLA-
2059 are analysed. In Section 4.4 we report the emission limits and the absorption
properties of DLA-1057 and DLA-0030. The implications of our results are discussed
in Section 4.5, and we conclude in Section 4.6.

Throughout the Chapter we adopt a standard ΛCDM cosmology with H0 = 71
km s−1 Mpc−1, Ωm = 0.27, ΩΛ = 0.73 from the Wilkinson Microwave Anisotropy
Probe (WMAP) seven-year data (Komatsu et al. 2011). For metallicities and other
abundance ratios we issue the standard definition [X/Y] ≡ log(N(X)/N(Y)) −
log(n(X)/n(Y))⊙, with N(X) the column density of element X and (n(X)/n(Y))⊙
the particle number ratio of elements X and Y in the solar reference environment. We
use solar reference values from Asplund et al. (2009), following the recommendations
by Lodders et al. (2009) to use photospheric values for the volatile elements, meteoric
values for the less refractory elements, or the average between them (for details see
also De Cia et al. 2012). Errors and limits are 1σ unless explicitly specified otherwise.

4.2 Strategy and observations

With the ESO VLT/X-shooter spectrograph (D’Odorico et al. 2006; Vernet et al. 2011)
we observed three QSO-DLAs that belong to the survey described in Section 4.1:
DLA-1057 in guaranteed time observations (GTO) programme 084.A-0524(A) (PI
Kaper), and DLA-2059 and DLA-0030 in GTO programme 0.88.A-0101(A) (PI
Kaper). See Table 4.1 for details on the sources. We followed the same observing
strategy as for the other candidates in this sample (Fynbo et al. 2010). Each target
is observed at three different position angles (PAs): 0◦, −60◦ and 60◦ (east of north,
referred to as PA1, PA2 and PA3, respectively), for 1h per source and position, using
a slit width of 1.3�� for the ultraviolet-blue (UVB) arm and 1.2�� for both the visual
(VIS) and near-infrared (NIR) arms (see Figure 4.1). We observed in staring mode,
with 1 × 2 binning and 100 kHz / high-gain readout in the UVB and VIS arms. The
choice for this triangulation strategy is based on the model described in Fynbo et al.
(2008), and is aimed at optimising the probability to detect the emission of the galaxy
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

that is producing the DLA. According to this model, a DLA with a metallicity of > 0.1
solar at z ∼ 2.2 has a ∼ 90% probability to be detected in at least one of the slits in
our configuration (see Fynbo et al. 2008, 2010 for details). Furthermore, the QSOs are
exposed for a total of three hours, resulting in high signal-to-noise spectra with clear
absorption lines at intermediate resolution (see Figure 4.11).

The spectra are reduced with the standard X-shooter pipeline version 2.0.0
(Goldoni et al. 2006; Modigliani et al. 2010). We used optimal extraction within the
pipeline to produce the 1D spectra. The response function is obtained with photometric
standard star GD 71 (white dwarf) for the P84 observations and GJ 2147 (white dwarf)
for those in P88, resulting in accurate flux calibration of the science spectra. When the
X-shooter spectra of DLA-2059 and DLA-1057 are compared to the SDSS spectra of
these sources, we find that the absolute flux levels agree within 10 − 15%. DLA-0030
is not in the SDSS database. Telluric standard stars HD 112504 (P84) and Hip105164
(P88) are observed with the same settings as the science observations, and are used
to correct the NIR spectrum for telluric absorption using the IDL spextool package
(Vacca et al. 2003). This method also provides relative flux calibration for the NIR
spectrum, which is afterwards scaled to the level of the VIS and UVB spectra. For the
analysis of the absorption spectra, the optimally extracted spectra of the three PAs are
set to a vacuum wavelength scale and a barycentric correction is applied. A weighed
average of the spectra is constructed with help of the pipeline generated error spectra.
Finally, for the absorption line fits, the combined spectra are normalised. The expected
resolving power for the used slit widths is R = 4000, 6700 and 4300 for UVB, VIS
and NIR, respectively. These values are confirmed by the width of sky emission lines,
which is always fully set by the slit width. Due to a seeing smaller than the slit width,
the spectral resolution of the spectrum of a point source is higher. To calculate this,
we measure the width of telluric absorption lines in the VIS spectra. For UVB and
NIR, we apply a correction factor derived from that in the VIS, taking into account a
wavelength dependent seeing (λ0.2) and a different slit width (see Fynbo et al. 2011,
for details). The resolving powers we find for UVB, VIS and NIR are 4800, 8200 and
6300 for DLA-1057, 5100, 8800 and 6700 for DLA-2059, and 5000, 8500 and 6500
for DLA-0030 (see Table 4.1).

4.3 Analysis and results

4.3.1 Emission properties of the DLA counterpart in DLA-2059

We detect the emission counterpart of DLA-2059 in Lyα in all three position angles.
In Figure 4.2 (top panel) we show the stacked and smoothed (15 px) 2D spectrum
around the DLA where we find two emission ‘blobs’ between −1�� and +2�� on the
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4.3 Analysis and results

Figure 4.1: The three orientations of the slit which are applied for each target. The centre indicates the
position of the QSO. The circles on the top-right indicate the seeing range during the observations of
DLA-2059 (UVB).

spatial scale (vertical). We see also enhanced flux at the top (between +4�� and +5��)
of the stacked spectrum and in all three individual frames, which we do not consider
signal from the DLA counterpart due to a too large impact parameter. We define 9
square apertures (see Figure 4.2) for measuring the Lyα flux in the three PAs; apertures
3 and 4 correspond to where we detect the emission in the stacked spectrum. Taking
the same apertures for the different PAs is valid because of the small impact parameter
seen in the stacked spectrum. In Table 4.2 we list the fluxes in the apertures where a
significant signal is measured. The flux is obtained by the counts within the aperture
in the flux-calibrated 2D spectrum multiplied with the spectral bin size (0.2 Å). The
1σ error on this number is based on the pixel variance in the same aperture. As a
further test for the significance, we measure the standard deviation of the fluxes in
all apertures except 3 and 4 of all PAs. The measured fluxes divided by this standard
deviation are given in the fifth column of Table 4.2.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

Table 4.2: Flux measured in the apertures in DLA-2059 (see Figure 4.2), where it is significant. The
error on the flux is based on the variance of the spectrum in the same aperture. The significance is the
flux divided by the standard deviation of the fluxes in all apertures, except 3 and 4 collectively for all
PAs (σbg).

Position Aperture Lyα flux Significance
angle [10−18 erg s−1 cm−2] [σbg]

PA1 0◦ 3 4.97 ± 1.12 2.8
4 4.41 ± 1.21 2.5

PA2 −60◦ 3 5.93 ± 1.17 3.4
4 4.26 ± 1.19 2.4

PA3 60◦ 3 4.82 ± 1.12 2.7

Notes. Aperture 4 in PA3 contains a cosmic ray hit residual, hampering a reliable measurement
of the flux.

Because of the detection in all three slit positions, the impact parameter is low
(< 0.75��, corresponding to bimp < 6.3 kpc). This means that in order to obtain a good
lower limit on the flux, the measurement of the flux in only one PA should be taken.
The signal is most significant in PA2. We decide to add the flux in apertures 3 and 4,
both likely being part of the Lyα emission line and obtain f (Lyα) > 10.19 ± 1.67 ×
10−18 erg s−1 cm−2], which is a lower limit because part of the emission would fall
outside the slit. This corresponds to a Lyα luminosity of L(Lyα) > 3.86× 1041 erg s−1.
Using the ratio of Lyα and Hα from standard case B recombination theory, and the
relation of Hα luminosity with star formation rate (SFR) (Kennicutt 1998) we find
SFR > 0.40 M⊙ yr−1 (for only taking aperture 3 we find SFR > 0.23 M⊙ yr−1). This
number is not corrected for continuum extinction (AV ), but we have no indication that
this is a significant factor (i.e. the 1D QSO spectrum follows the shape of a dereddened
composite QSO spectrum, Vanden Berk et al. 2001). A high AV would lead to an
underestimation of the Lyα flux, and thus of the SFR, but this number is already a
lower limit.

VLT/SINFONI integral field spectroscopy of the environment of DLA-2059 re-
ported by Péroux et al. (2012) yields an upper limit of SFR < 1.3 M⊙ yr−1 based on the
absence of Hα. The SFR can therefore be constrained to: 0.40 < SFR < 1.3 M⊙ yr−1.
The construction of a reliable upper limit on Hα emission from the X-shooter spectrum
is hampered by telluric contamination.

We have also searched for strong rest-frame optical emission lines like [O ii]
λ3727, [O iii] λ5008 and the Balmer lines from the DLA in the spectrum, but detected
none. This is done by subtracting the spectral point spread function (PSF, see Fynbo
et al. 2010, 2013, for details and previous examples of this). To derive an upper limit
for the typically strongest line, [O iii] λ5008, we added artificial emission lines of
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4.3 Analysis and results

Figure 4.2: 2D spectrum (negative) around Lyα from DLA-2059, for all three position angles and a
stacked and smoothed (15 px) version (top), which clearly shows the detected emission at low impact
parameter. The emission at 4�� is likely not related to the DLA counterpart. The individual images are
also smoothed (5 px) for display purposes and bad pixels are removed. In the bottom panel we show the
normalised and combined 1D spectrum at the central part of the DLA together with the Lyα absorption
fit, on the same wavelength scale. The emission can not be seen here.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

increasing strength to the data, until the line was detectable. For [O iii] λ5008 which
in this case is observed at ∼ 1.6 µm, we find that an emission line with a flux of
1.3 × 10−17 erg s−1 cm−2 with an intrinsic velocity width of 100 km s−1 would have
been detected (barring slit losses). If the ratio of Lyα to [O iii] λ5008 flux is similar to
that of the DLA galaxy towards Q 2222−0946 (Fynbo et al. 2010) we would expect an
[O iii] λ5008 flux of order 2.5 × 10−18 erg s−1 cm−2 and hence our non-detection is not
surprising. On the other hand, there are also examples of DLA galaxies with strong
[O iii] λ5008 and no Lyα emission (e.g., Fynbo et al. 2013).

4.3.2 Absorption in J205922.4-052842
The spectrum of QSO J205922.4-052842 (zQSO = 2.54) shows a wealth of metal
absorption lines at the redshift of DLA-2059. We identify transitions of the ion species
H i, C ii, C ii*, C iv, O i, Mg i, Mg ii, Al ii, Al iii, Si ii, Si iii, Si iv, Mn ii, Fe ii, Zn ii and
Cr ii at a common redshift of zDLA ∼ 2.210 (see Table 4.3 for the exact redshift and
error of the different components). The damped Lyα line is well reproduced with
a Voigt profile with a column density of log(N(H i)/cm−2) = 21.00 ± 0.05. The
absorption properties of the DLA are discussed in Section 4.3.2.1.

Apart from the DLA, there is number of additional intervening absorption sys-
tem which we list in Table 4.7. Although these additional intervening systems are
not related to the DLA system we are interested in, we need to identify these sys-
tems in order to see where other absorption lines of these systems may contaminate
those from the DLA system. The Lyman limit of the reddest identified absorber at
z = 2.452092 ± 0.0000061 absorbs the flux bluewards of 3148 Å (see Figure 4.11).
The host of the QSO may contain neutral gas, but not enough to absorb the light
between 3148 Å and 3228 Å, which is the observed wavelength of a Lyman break
at zQSO. However, the strong absorption line at 4312 Å (EWobs = 1.20 ± 0.02 Å),
just redwards of the centre of the broad Lyα emission line of the QSO, might be
due to inflowing neutral hydrogen gas to the QSO, because the line cannot be asso-
ciated with any strong absorption line other than Lyα. Assuming that this is a Lyα
line, we find z = 2.547336 ± 0.000007, log(N(H i)/cm−2) = 13.941 ± 0.005 and
Doppler parameter b = 57.7 ± 0.9. The inflow velocity would then be of the order
vin ∼ 800 km s−1. The small width of the line (FWHM ∼ 120 km s−1) would imply a
cold or very confined flow. No strong metal absorption lines (e.g., C iv, Si iv, Mg ii)
are detected at this velocity, but the H I column density of the flow is low enough to
make the metal lines to weak to be detected.

1The reported redshifts and their according formal errors do not include the systematic errors from
the barycentric correction and the wavelength calibration, which are likely larger than the formal errors.
Furthermore, there is an unknown shift due to the peculiar velocity with respect to cosmic expansion.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

4.3.2.1 Metallicity and dust depletion

To obtain ionic column densities for the DLA we use the Voigt profile fitting program
vpfit version 10.02. In general, we tie the redshift z and Doppler parameter b of
the different components for ions that are likely to reside in the same absorbing
clouds, such as the singly ionised metals. We assume b to be purely due to turbulent
broadening and neglect the thermal contribution, which is a valid assumption for
DLAs, given their low level of ionisation. Many lines are saturated: Mg ii λ2796,
λ2803, Al ii λ1670, Si ii λ1190, λ1193, λ1526, Fe ii λ2344, λ2586, λ2600. Si ii and
Fe ii have weaker lines present as well, so the saturated ones are included in the fit.
This helps to constrain b of the strong component and the column density of the small
component. Mg ii and Al ii do not have weak lines, so for these ions only lower limits
are given. We take care of intrinsically blended lines (e.g., Cr ii λ2062 and Zn ii λ2062)
by including uncontaminated lines from the same ions. Blends with lines at other
redshifts and with strong telluric lines are avoided as much as possible. Table 4.3
gives the b and the z values that result from fitting the ensemble of metal lines. Here
we also give the ionic column densities of each component resulting from the fit, the
total ionic column density and the metal abundances with respect to hydrogen of this
line. The resulting fit profiles are shown in Figures 4.3 and 4.4. We assume that the
majority of the gas in the DLA is in its singly ionised state (e.g., Wolfe et al. 2005)
and thus no ionisation corrections are needed to derive the metallicity. Our metal
column densities are in reasonable agreement with the column densities of Si and Zn
reported in Herbert-Fort et al. (2006) based on the SDSS spectrum. We measure a 0.2
dex higher NH i.

The metallicity derived from the less refractory elements [S/H] = −0.91 ± 0.06
and [Zn/H] = −0.96 ± 0.06 (Table 4.3) are in agreement with each other (Z ∼
0.11 Z⊙). Si is expected to be slightly lower due to dust depletion, but the abundance
[Si/H] = −0.99 ± 0.05 is of the same level as S and Zn. The degree of dust depletion
probed by [Zn/Fe] = 0.45 ± 0.05 as compared to the metallicity, is within the scatter
for samples of QSO-DLAs (see e.g., Noterdaeme et al. 2008; Rafelski et al. 2012).
This value of [Zn/Fe] corresponds to a dust-to-metals ratio DTM = 0.86 ± 0.06,
expressed as a fraction of the Galactic value, following the method by De Cia et al.
(2013). The full set of metal abundances in the DLA can be compared to observed
Galactic depletion patterns (e.g., Savage & Sembach 1996), in order to not only
identify the amount of dust, but also the type of environment (see, e.g. Savaglio
2001; Savaglio et al. 2003; Savaglio & Fall 2004; De Cia et al. 2013). Savage &
Sembach (1996) report the depletion pattern for four different sight lines: Halo, Warm
Disc, Warm Disc & Halo and Cold Disc. The depletion pattern in the observed DLA
resembles the Halo environment pattern best, with a χ2/dof = 2.94 (see Figure 4.5).

2
http://www.ast.cam.ac.uk/~rfc/vpfit.html
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4.3 Analysis and results

Figure 4.3: The low-ionisation lines in DLA-2059 on a velocity scale with respect to the largest
component. The obtained parameters for the Voigt profile fits shown in red are given in Table 4.3. The
orange line shows a higher-resolution atmospheric transmission spectrum, indicating the locations of
contamination by telluric absorption lines. Continued in Figure 4.4.

It is usually difficult to constrain the type of environment from the observed depletion
pattern, and also this fit has a too high χ2. However, we note that the Halo is the
only Galactic environment where Mn is more heavily depleted than Cr. This is also
what we observe for this DLA. From this analysis follows DTM = 0.87 ± 0.02, in
agreement with the value based on [Zn/Fe] alone. This value is typical for DLAs of
this metallicity (De Cia et al. 2013).
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

Figure 4.4: Continuation of Figure 4.3

4.3.2.2 Kinematic structure of absorption lines

The velocity width ∆V of optically thin absorption lines is sensitive to the mass of the
galaxy that gives rise to the DLA. A correlation between ∆V and the metallicity is
observed in DLAs (Ledoux et al. 2006a; Neeleman et al. 2013; Møller et al. 2013)
and can be used as a proxy for testing the mass-metallicity relation (Christensen
et al. 2014). Si ii λ1808 is considered to be a suitable line to measure ∆V . Using
the definition by Prochaska & Wolfe (1997b) (the width in velocity space containing
90% of the total optical depth of the line), we find ∆V = 124 km s−1 for this line
(see Figure 4.6). None of the other lines fulfills the criteria in Ledoux et al. (2006a).
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Figure 4.5: The depletion pattern of the metal column densities of DLA-2059 (diamonds). The red
curve shows the average observed pattern in the Milky Way Halo, which can be fit to the data by varying
the dust-to-metal ratio (DTM) and the metallicity. This pattern fits with a χ2/dof = 2.94.

According to the [M/H] − ∆V trend by Møller et al. (2013), the metallicity of this
DLA agrees with its mass within errors, and well within the scatter in their sample of
DLAs (0.38 dex in [M/H]).

4.4 Non-detections of emitting counterparts
Two more QSO-DLAs have been observed with the same observational setup as
described in Section 4.2 (see Figure 4.1): DLA-1057 and DLA-0030 (see Table 4.1).
DLA-1057 is observed in the SDSS survey (Noterdaeme et al. 2009) and meets the
target selection criteria (Section 4.1). The presence of strong metal lines suggests a
high metallicity and therefore an increased chance to detect the associated emission
according to our hypothesis. DLA-0030 was a backup target that does not meet the
metal line requirements and it has not been studied in great detail (but see Péroux
et al. 2001, who report redshifts, hydrogen column density and the presence of Fe ii
lines). In none of these two sources, the emission of the DLA galaxy is detected in our
observations (see Figure 4.7), but the full X-shooter spectrum provides information on
the chemical composition.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

Figure 4.6: Optical depth distribution for Si ii λ1808 in DLA-2059, with in the upper panel the cumulative
distribution. Dashed boundaries indicated with λ1 and λ2 show the range that is measured, the solid
horizontal bar with ‘hats’ shows the range that contains 90% of the total optical depth of the line. This is
the definition for ∆V by Prochaska & Wolfe (1997b). For this line we find ∆V = 124 km s−1.

4.4.1 DLA-1057
The spectrum of QSO J105744.5+062914 (zQSO ∼ 3.154) shows DLA-1057 with
log(N(H i)/cm−2) = 20.51 ± 0.03 and multi-component metal lines at a central
redshift of zDLA ∼ 2.499. The strongest metal lines show five components (see
Figure 4.8), of which we list the redshifts and Doppler parameters in Table 4.4. We also
report the total column densities and relative abundances. This system has a very high
metallicity for a DLA at this redshift: [Zn/H] = −0.08 ± 0.17 (Z ∼ 0.83+0.39

−0.26 Z⊙).
[Si/H] = −0.29 ± 0.05 provides a more precise measurement, but at a metallicity this
high, the column density of this element will also appear significantly lower due to dust
depletion. This picture is in agreement with the much lower gas-phase abundances of
Mn, Fe and Ni. Strong identified intervening absorbers other than this DLA are listed
in Table 4.7. Although the multi-component structure and high metallicity of this
DLA could be due to (metal-rich) in- or outflows, it could also imply that the DLA
galaxy is massive and luminous. However, we did not detect the emission associated
to this DLA (Figure 4.7). The Lyα flux is below < 9 × 10−18 erg s−1 cm−2 (3σ) based
on the standard deviation of the noise measured in nine apertures in the DLA trough
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4.4 Non-detections of emitting counterparts

Figure 4.7: All three slit positions of per source stacked and smoothed (15 px) for DLA-1057 (upper two
panels) and DLA-0030 (lower two panels). Below the 2D spectra we show the combined and normalised
1D spectrum with the Lyα absorption line fit (red). No Lyα emission is detected in these two DLAs; the
‘blob’ at ∼ 4258 Å and −4�� in DLA-1057 is the result of an artifact in one of the individual exposures,
and is not astrophysical.
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similar in size as used in DLA-2059. The [O iii] λ5008 emission line is not detected
to a limit of < 2.5 × 10−17 erg s−1 cm−2 (1σ). It is, however, possible that we have
missed the emitting counterpart in all three slit positions.
Despite the high metallicity and dust content, there is no indication for the presence of
diffuse interstellar bands (DIBs) or the 2175 Å feature.

4.4.1.1 Molecular hydrogen in DLA-1057?

The molecular hydrogen (H2) detection probability is higher for DLAs with a higher
metal and dust content since such an environment is suitable for H2 to form and stay
shielded from ambient UV flux that can dissociate the molecule (e.g., Petitjean et al.
2006). Because DLA-1057 is metal rich for a DLA at this redshift, we have explicitly
searched for the presence of H2, traced by spectral features of the ro-vibronic Lyman-
band transitions. These spectral features are in the rest-frame UV (λ0 � 1100 Å), and
are thus located in the Lyα forest.

H2 absorption associated with DLAs is typically observed in one or two clumps
whose redshifts correspond to those of the strongest metal velocity components. How-
ever, due to the smaller cross-section H2 velocity components usually have narrower
widths of typically ∼ 3 km s−1 if compared to metal line widths of ∼ 15 km s−1 (No-
terdaeme et al. 2008). For the analysis of the H2 content of DLA-1057, which will
yield an upper limit, we will assume b = 3 km s−1.

We proceed as follows. First, we create a model including H2 transitions from
ground rotational level J = 0 which is always highly populated at low temperatures.
The redshift is varied based on the values extracted from metal velocity profiles (listed
in Table 4.4). We find that the highest column density can be put in a component with
a redshift of z = 2.498623, i.e. the H2 aligned with the strongest metal component at
redshift, which is in agreement with previous findings mentioned above. We assume
a width of 3 km s−1 which is convolved with an instrumental profile of FWHM =
62.25 km s−1 and vary the column density up to just high enough to let the model
be above the spectrum, resulting in log(NJ=0/cm−2) = 17.0. Next, we assume that
the J-level populations are in thermodynamic equilibrium and follow a Boltzmann
distribution. The following relation is used to calculate the column densities of higher
rotational levels J = [1 − 4] with respect to NJ=0:

NJ = NJ=0 × gJ/gJ=0 × e−E0−J /kT , (4.1)

where gJ is the nuclear spin statistical weight that has the value gJ = 1 for even
values of J and gJ = 3 for odd values, and E0−J is the energy interval between a
rotational level J and the ground level. We assume a temperature of T = 100 K
which is a typical value measured in other studies of high-redshift H2 systems (see
e.g. Ledoux et al. 2006b). This results in log(NJ/cm−2) values of 17.1, 15.5 13.9 and

114



4.4 Non-detections of emitting counterparts

Figure 4.8: Line profile fits for DLA-1057, see also Table 4.4. The orange line shows a higher-resolution
atmospheric transmission spectrum, indicating the locations of contamination by telluric absorption
lines.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

10.7 for J = 1, 2, 3 and 4, respectively. Convolving this H2 model with the rest of
identified H i and metal absorbers in the Lyα forest (see Figure 4.9) gives satisfactory
results with the total model still being above the spectrum (including its error) at all
wavelengths. As can be seen in Figure 4.9, there are many unidentified features in
the Lyα forest. Although the H2 model is consistent with the spectrum, all features
could still be different intervening (Lyα) absorbers. Therefore the reported H2 level
populations are upper limits, for the total yielding log(N(H2,tot)/cm−2) < 17.4.

4.4.2 DLA-0030
In DLA-0030, the redshift of the QSO is zQSO ∼ 4.175, which is so high that many of
the metal lines at the DLA redshift zDLA = 2.45174 ± 0.00003 fall in the Lyα forest
(i.e. intergalactic medium between zDLA and zQSO, see also Figure 4.11). Furthermore,
the Lyα absorption itself is in a region where the QSO flux level is very low, due to the
combined effect of the forest, and being located bluewards of the Lyman break of an
additional intervening absorber at z = 3.78175 ± 0.00003. This and other identified
intervening absorbers are listed in Table 4.7.

For the DLA we estimate log(N(H i)/cm−2) = 20.8± 0.2, the uncertainty mainly
due to the placement of the continuum. This is in perfect agreement with the ear-
lier measurement by Péroux et al. (2001), who report log(N(H i)/cm−2) = 20.8.
The metal lines can be fit with a single component with b = 15 ± 1 km s−1; see
Figure 4.10 for the line fits. In Table 4.4 we summarise the gas-phase metal abun-
dances. The metallicity of this DLA is low compared to the other two DLAs
with [Zn/H] = −1.50 ± 0.35 (Z ∼ 0.03 Z⊙), but common for DLAs in general
at this redshift (e.g., Rafelski et al. 2012). The level of dust depletion indicated
by [Zn/Fe] = 0.05 ± 0.27 is typical for this metallicity (Noterdaeme et al. 2008).
The Lyα flux is below < 8 × 10−18 erg s−1 cm−2 (3σ) based on the standard devi-
ation of the noise measured in nine apertures in the DLA trough similar in size
as used in DLA-2059. The flux upper limit on the [O iii] λ5008 emission line is
< 2.5 × 10−17 erg s−1 cm−2 (1σ). The emission could be only partly covered, but even
if we covered the full emitting region, this limit would be consistent with the low
metallicity of the DLA according to our hypothesis.

4.5 Discussion
The emerging picture on the nature of DLAs we have seen developing over the previous
decade is the following: DLAs originate from the outskirts of galaxies with properties
within the range of star-forming Lyman-break galaxies at similar redshift, but due to
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4.5 Discussion

Figure 4.9: Shown is an excerpt from the Lyα forest spectrum towards J105744.5+062914. The error
spectrum is shown with a dotted line. In blue a model that includes all identified transitions from the
DLA and other known intervening absorbers (see Table 4.7), found in the full spectrum; in red the same
model with addition of the H2 model described in Section 4.4.1.1.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

Figure 4.10: Line profile fits for DLA-0030, see also Table 4.4. The orange line shows a higher-
resolution atmospheric transmission spectrum, indicating the locations of contamination by telluric
absorption lines.

their cross-section selection they are predominantly drawn from the faint end of the
luminosity function (Fynbo et al. 1999; Møller et al. 2002; Fynbo et al. 2008; Rauch
et al. 2008; Rauch & Haehnelt 2011). DLA galaxies fulfill a metallicity-velocity
width relation (Ledoux et al. 2006a) and a luminosity-metallicity relation (Møller
et al. 2004; Fynbo et al. 2008; Neeleman et al. 2013; Møller et al. 2013) and therefore
high-metallicity DLAs are expected to have more luminous galaxy counterparts than
DLAs in general. The results of the study presented in this Chapter are not completely
in agreement with this picture. We detect the galaxy counterpart of the relatively metal
rich DLA-2059 and do not detect the counterpart of the metal poor DLA-0030. The
non-detection of the counterpart of the very metal rich DLA-1057 is somewhat at odds
with our expectations. A possibility is that this system falls outside the region covered
by our three slit positions. Furthermore, the simple model we assume predicts a large
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4.5 Discussion

Table 4.4: Kinematical structure, column densities and derived metallicities of the absorption lines
belonging to DLA-1057 and DLA-0030.

DLA-1057 DLA-0030
zQSO ∼ 3.154 zQSO ∼ 4.175

z b z b
(km s−1) (km s−1)

2.496393 ± 0.000006 26 ± 1 2.45175 ± 0.000003 15 ± 1
2.497257 ± 0.000004 26 ± 1
2.498623 ± 0.000004 23 ± 1
2.499924 ± 0.000009 16 ± 1
2.501090 ± 0.000009 13 ± 1

Ion log(Ntot) [X/H]tot log(N) [X/H]
(cm−2) (cm−2)

H i 20.51 ± 0.03 20.8 ± 0.2
Mg i 12.16 ± 0.14
Mg ii > 14.5 > −1.86
Al ii 14.59 ± 0.09 −0.37 ± 0.10
Si ii 15.73 ± 0.03 −0.29 ± 0.05
S ii
Cr ii 12.87 ± 0.18 −1.57 ± 0.27
Mn ii 13.48 ± 0.04 −0.46 ± 0.06 12.60 ± 0.06 −1.68 ± 0.21
Fe ii 15.00 ± 0.01 −1.01 ± 0.05 14.72 ± 0.04 −1.55 ± 0.20
Co ii 13.24 ± 0.24 −0.26 ± 0.25
Ni ii 14.10 ± 0.09 −0.63 ± 0.10
Zn ii 12.99 ± 0.16 −0.08 ± 0.17 11.95 ± 0.27 −1.50 ± 0.34

scatter in the luminosities of the DLA galaxies at a given metallicity (see, e.g., Figure.
3 in Fynbo et al. 2008). Hence it would be very interesting to carry out deep imaging
of this field to search for a continuum source which consequently is expected to be
relatively free from the glare of the bright background QSO. If such an exercise would
still yield a non-detection in deep imaging (down to an R-band magnitude of ∼ 24,
according to Fynbo et al. 2008), the case of DLA-1057 might be an indication that the
picture is more complex than the one we sketch.

In Table 4.5 we list the DLAs reported in literature that have an associated emission
counterpart, and that are similar to DLA-2059: they (1) are bona-fide DLAs with
log(N(H i)/cm−2) ≥ 20.3, (2) are at z � 2, (3) have a well constrained metallicity
and (4) have a constrained impact parameter. We note that there are more identified
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

absorption-emission pairs reported that are at lower redshift and at lower column
density (see e.g. Chen & Lanzetta 2003; Rao et al. 2011; Christensen et al. 2014);
these are not included here. The metallicity and impact parameter of DLA-2059
are very similar to the other values in the sample; DLA-1057 would be among the
most metal-rich ones in this already biased sample. Krogager et al. (2012) performed
a more in-depth analysis of the relationships within this sample between column
density, impact parameter and metallicity. From the good agreement with numerical
simulations by Pontzen et al. (2008), they conclude that the observations support a
scenario in which the size-metallicity relation is driven by feedback mechanisms that
control the outflow of enriched gas and the star formation efficiency.

4.5.1 The mass of the DLAs
We can estimate the stellar mass of the DLAs using the mass-metallicity relation
for DLAs described in Møller et al. (2013), with the assumption that the difference
between predicted and directly measured stellar mass is due to a metallicity gradient
(Christensen et al. 2014). For the latter, the impact parameter has to be known. For
DLA-2059, we adopt [M/H] = −0.96, zDLA = 2.210 and bimp = 6.3 kpc, resulting in
a stellar mass MDLA

∗ ∼ 0.4 − 1.0 × 109 M⊙, given the uncertainty of 0.41 in log MDLA
∗

in the relation by Christensen et al. (2014). This is in good agreement with the stellar
mass that is predicted from the neutral hydrogen column density and impact parameter
by simulations from Rahmati & Schaye (2014). This is rather massive for a DLA,
but in emission selected samples which are biased towards the most luminous and
thus heavier galaxies, on average much higher stellar masses are found (see e.g.
Kauffmann et al. 2003). Therefore, this galaxy is typically one of the systems in the
small overlapping part between absorption and emission selected galaxies.

The emitting counterpart of DLA-1057 is not detected, therefore we do not know
bimp. However, if we adopt the hypothesis that metal-rich DLAs have luminous galaxy
counterparts, the non-detection of the counterpart of DLA-1057 could imply that it is
at bimp � 9.8 kpc, i.e. missed by all three slit positions (see also Figure 4.1). From
Table 4.5 we see that such an impact parameter would not be abnormally high. With
the relation from Christensen et al. (2014) and using [M/H] = −0.08, zDLA = 2.50
and bimp � 9.8 kpc, we find MDLA

∗ � 1.7 × 1010 M⊙. We stress that this is a model-
dependent quantity, not a direct result of our measurements. The fact that some of
the metal absorption lines in DLA-1057 have five components spanning a velocity
range of ∼ 600 km s−1 reflects that the virial mass of this DLA could also be high,
which is in line with this conclusion. Another explanation for the observed metal-line
profiles is in- and outflowing gas. For a log(N(H i)/cm−2) = 20.51 DLA at this
impact parameter, Rahmati & Schaye (2014) predict MDLA

∗ ∼ 108.5−9 M⊙, which is
much lower than the value we derive.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

4.5.2 Star formation and molecular hydrogen in DLA galaxies
DLAs are thought to be the neutral gas reservoirs fueling star formation over most of
the Universe’s history. There is much evidence for star formation in DLAs. Firstly, the
neutrality of the DLA gas content is a prerequisite, since stars form in cold, neutral
gas with potentially a high molecular fraction. Secondly, DLA metallicities, typically
1/30th solar, are much higher than in the intergalactic medium (i.e. the Lyα forest)
and therefore indicate previous star formation. Thirdly, high star-formation rates are
inferred from the detection of the C ii∗ λ1335.7 Å absorption line in DLAs (Wolfe
et al. 2003). However, despite this evidence for star formation, actual molecules like
H2, a precursor for star formation, have been detected in relatively few DLAs, and
by highly biased targeting strategies. Ledoux et al. (2003) found H2 in 8 out of 33
DLAs observed with VLT/UVES, and only a few more by-chance detections have
been reported. Noterdaeme et al. (2008) reported the detection of H2 in only 12 out of
68 DLAs (13 out of 77 if also some sub-DLA systems are included). Other molecules,
like HD (Noterdaeme et al. 2008; Malec et al. 2010) and CO (Srianand et al. 2008)
have so far been detected in only one or two high-redshift systems.

In the most metal-rich DLA discussed in this Chapter (DLA-1057), H2 is not
detected and we obtain an upper limit of log(N(H2,tot)/cm−2) < 17.4. We also do not
detect it in DLA-2059 and DLA-0030. These non-detections are not surprising given
the low detection rate even in samples of metal-rich and star-forming DLAs. Although
H2 is expected to be the primary molecular coolant, radiating away the energy created
by stellar gravitational collapse, there does not necessarily have to be a detectable
amount of it to be able for the DLA to be star forming.

4.6 Conclusions
In the VLT/X-shooter survey with the aim to detect the emitting counterpart of
relatively metal-rich DLAs towards QSOs, we present three new observations, among
which one detection of the associated Lyα emission. With both absorption and
emission inferred properties, as well as model dependent quantities, we sketch an as
complete as possible picture of the DLA galaxies (see Table 4.6).

DLA-2059 is with [Zn/H] = −0.96 ± 0.06 relatively metal rich for a DLA at this
redshift (z = 2.210). The dust depletion pattern resembles that of the Milky Way
halo, with a dust-to-metals ratio DTM = 0.88 ± 0.05 as a fraction of the Galactic
value. The Lyα emission line is detected at an impact parameter of < 6.3 kpc, and its
flux yields SFR > 0.40 M⊙ yr−1. Together with results from Péroux et al. (2012), we
constrain 0.40 < SFR < 1.3 M⊙ yr−1. Following Christensen et al. (2014), where a
metallicity gradient is assumed, we obtain a model-dependent stellar mass of the DLA
galaxy of MDLA

∗ ∼ 0.4 − 1.0 × 109 M⊙, in agreement with simulations of Rahmati &
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4.6 Conclusions

Table 4.6: Summary of the parameters we can derive for the DLAs discussed in this Chapter

DLA-1057 DLA-2059 DLA-0030
measured quantities
zDLA 2.499 2.210 2.452
log(N(H i)/cm−2) 20.51 ± 0.03 21.00 ± 0.05 20.8 ± 0.2
[Zn/H] −0.08 ± 0.17 −0.96 ± 0.06 −1.50 ± 0.34
bimp/kpc < 6.3
SFR/(M⊙ yr−1) 0.40 − 1.3
log(N(H2,tot)/cm−2) < 17.4
model dependent quantities
bimp/kpc � 9.8
MDLA
∗ /M⊙ � 1.7 × 1010 0.4 − 1.0 × 109

Schaye (2014).
DLA-1057 (z = 2.499) is very metal rich for a DLA ([Zn/H] = −0.08 ± 0.17,

[Si/H] = −0.29 ± 0.05) and DLA-0030 (z = 2.452) has an average metallicity for a
DLA ([Zn/H] = −1.50 ± 0.33). The emitting counterparts of these two DLAs are not
detected in any strong emission line: flux f ([O iii] λ5008) < 2.5× 10−17 erg s−1 cm−2

for both sources.
In the light of the hypothesis that metal-rich DLA have more luminous coun-

terparts, we understand the detection of the counterpart of DLA-2059 and the non-
detection of that of DLA-0030. The non-detection of that of metal-rich DLA-1057
is, however, problematic. A possible explanation for this non-detection is that the
emitting counterpart is outside the area covered by our three slits, implying that the
impact parameter bimp � 9.8 kpc. Imaging of the field of DLA-1057 can give further
insight in whether this case is truly at odds with the hypothesis.
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4 Galaxy counterparts of metal-rich damped Lyα absorbers

4.A Spectra
In Figure 4.11 we show the UVB and VIS spectra of all three targets.

4.B Intervening absorbers
In Table 4.7 we list the additional intervening absorbers that are identified in the QSOs
J205922.4-052842, J105744.5+062914, and J003034.4-512946.

4.C An extra component in the metal lines of DLA-
2059

The spectral resolution of VLT/X-shooter is insufficient when we want to distinguish
between different velocity components within broad metal lines. The largest compo-
nent in the metal lines of DLA-2059 is fitted with a b = 45 km s−1. This is a very high
value for the Doppler parameter for DLA metal lines. It is likely that what we measure
is a blend of several components, with smaller individual b parameters, although this
is not visible from the shape of the line profiles. To estimate the significance of the
error we introduce by assuming it is single, we have fit a model to the line profiles
where the largest component is double. This results in two components of comparable
strength at z = 2.20986 ± 0.00001 and 2.21035 ± 0.00002 with respectively b = 32
and 34 km s−1. The resulting total column densities are equal within the errors when
compared to the single component model in the main analysis. The same holds for a
total number of 4 velocity components, but in that case, the reddest component still
converges to a large b. If we force the two components within the large component
to have b = 20 km s−1, and leave the z and N free to vary, the resulting fit does
not reproduce the observed profiles, especially not in the weak lines. From this we
conclude that the error that is introduced by the fact that the spectral resolution is too
low to distinguish different velocity components is likely minor.
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4.C An extra component in the metal lines of DLA-2059

Figure 4.11: One dimensional spectra of the three QSO-DLAs discussed in this Chapter (see Table 4.1).
Shown are UVB and VIS, not NIR, because the absorption line analysis is mostly done in this spectral
range. The solid black line shows the average spectrum, the dotted line is the average error spectrum.
In grey, we indicate the atmospheric transmission (scaled to the upper and lower boundaries of the
windows). The absolute flux level is scaled to match that of the SDSS spectrum, if available (for
DLA-2059 and DLA-1057, see Section 4.1). We indicate the DLA in each spectrum with an arrow.
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CHAPTER5
The host-galaxy response to the afterglow of GRB 100901A

O. E. Hartoog, K. Wiersema, P. M. Vreeswijk, L. Kaper, N. R. Tanvir, S. Savaglio,
E. Berger, R. Chornock, S. Covino, V. D’Elia, H. Flores, J. P. U. Fynbo, P. Goldoni,

A. Gomboc, A. Melandri, A. Pozanenko, J. Schaye, A. de Ugarte Postigo,
R. A. M. J. Wijers

Monthly Notices of the Royal Astronomical Society, 2013, 430, 2739

Abstract

For Gamma-Ray Burst 100901A, we have obtained Gemini-North and Very Large
Telescope optical afterglow spectra at four epochs: one hour, one day, three days and
one week after the burst, thanks to the afterglow remaining unusually bright at late
times. Apart from a wealth of metal resonance lines, we also detect lines arising from
fine-structure levels of the ground state of Fe ii, and from metastable levels of Fe ii and
Ni ii at the host redshift (z = 1.4084). These lines are found to vary significantly in
time. The combination of the data and modelling results shows that we detect the fall
of the Ni ii 4F9/2 metastable level population, which to date has not been observed.
Assuming that the population of the excited states is due to the UV-radiation of the
afterglow, we estimate an absorber distance of a few hundred pc. This appears to be a
typical value when compared to similar studies. We detect two intervening absorbers
(z = 1.3147, 1.3179). Despite the wide temporal range of the data, we do not see
significant variation in the absorption lines of these two intervening systems.
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5.1 Introduction
Shortly after the first detection of an optical afterglow associated with a long gamma-
ray burst (GRB, van Paradijs et al. 1997), it became clear that GRBs may be useful
probes of distant galaxies: afterglows can be very bright and have a simple power
law continuum at ultraviolet (UV) to optical wavelengths, against which otherwise
undetectable absorbing systems, such as the gas in the host galaxy, leave an observable
signature (see e.g., Vreeswijk et al. 2001; Savaglio et al. 2003; Vreeswijk et al. 2004;
Berger et al. 2006; Fynbo et al. 2006a; Prochaska et al. 2007b). Long GRBs are
formed as end products of the evolution of massive stars (Woosley 1993; Paczyński
1998) and should therefore probe star-forming regions. Their optical afterglows fade
away on short timescales (∼days), making it possible to study their host galaxies in
emission as well (see e.g., Savaglio et al. 2009; Hjorth et al. 2012). For a review of
long GRBs and their host galaxies, see e.g., Savaglio (2006, 2012).

Optical spectra (i.e., rest frame UV at redshifts around z ∼ 1 − 2) of GRB after-
glows generally show strong absorption lines of metals, both at low and high-ionisation
stages, as well as high neutral hydrogen column densities (see Fynbo et al. 2009 for
a large and relatively unbiased sample). Absorption lines provide the redshift and
allow estimation of column densities of the host galaxy of the GRB and possibly other
absorbers along the line of sight. This provides valuable information on the metallicity
and dust content of galaxies at arbitrary redshift, regardless of the brightness of these
systems, which is very difficult to obtain otherwise. The highest redshift lines in the
afterglow spectrum formally only provide a lower limit on the host redshift. However,
the presence of fine-structure lines can confirm the galaxy as the host, because these
arise from excited states that are expected to have been populated by the UV-afterglow
radiation of the GRB (Prochaska et al. 2006; Vreeswijk et al. 2007). These lines are
not seen in foreground line-of-sight absorbers in quasar (QSO) spectra, except for
some relatively low-energy excited states from carbon. Due to the transient nature
of the afterglow, the absorption lines from these excited states are expected to vary
in strength, which may provide information on the internal distribution of gas and
kinematics within the host galaxy; often the only way to obtain such information for
these distant and mostly faint galaxies. Fine-structure line variation has been measured
and modelled for a handful of bursts (e.g., Vreeswijk et al. 2007; Dessauges-Zavadsky
et al. 2006a; D’Elia et al. 2009a; Ledoux et al. 2009; de Ugarte Postigo et al. 2011;
De Cia et al. 2012; Vreeswijk et al. 2013), which allowed constraints to be placed on
the distance between the burst and the absorbing material (see Vreeswijk et al. 2013
for a description of the methods used).

The primary difficulty in probing column density variations in GRB sightlines to fit
to the models described above, is the requirement on afterglow brightness: for fainter
afterglows the necessary high signal-to-noise and high spectral resolution are difficult
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to obtain with current instrumentation. This also limits this method to early-time data
and a limited range of instruments, making it difficult to build up a sample. In the
cases described above, the variation is measured with high resolution spectrographs,
and all spectra are obtained within a few hours post burst (observer’s frame).

The optical afterglow of GRB 100901A remained unusually bright out to very late
times, which allowed us to collect spectra over a time span of a week with the Gemini-
North Multi-Object Spectrograph and X-shooter on the ESO Very Large Telescope. In
this Chapter we investigate the behaviour of the excited level populations over this
unusually long time span, and the application of the excitation models to low and
intermediate resolution spectra. The observations and data reduction are described
in Section 5.2. We study the metal resonance lines at the host-galaxy redshift in
Section 5.3.1. In Section 5.3.1.1 we examine the dust content of the host galaxy.
The two intervening absorbers are analysed in Section 5.3.1.3. In Section 5.3.2 the
fine-structure line variability is described and modelled. In Section 5.3.3 we briefly
discuss the emission lines from the host galaxy. We discuss our results in Section 5.4
and summarise our conclusions in Section 5.5.

Throughout this Chapter we adopt a standard ΛCDM cosmology with H0 = 71
km s−1 Mpc−1, Ωm = 0.27, ΩΛ = 0.73 from the Wilkinson Microwave Anisotropy
Probe (WMAP) seven-year data (Komatsu et al. 2011). We indicate line transitions by
their vacuum wavelengths.

5.2 Observations

GRB 100901A was detected by Swift on 2010 September 1 at 13:34:10 UT. With a
total duration of T90 = 439± 33 s (Immler et al. 2010; Sakamoto et al. 2010) the burst
is clearly classified as a long burst. The optical afterglow candidate at RA (J2000) =
01h49m03.42s, Dec = +22◦45�30.8�� (90% confidence error radius of about 0.81��)
was identified in an Ultraviolet/Optical Telescope (UVOT) exposure which started
147 s after the Burst Alert Telescope (BAT) trigger (Immler et al. 2010). Automatic
observations with the Faulkes Telescope North identified an uncatalogued object at
the position consistent with the UVOT candidate (Guidorzi et al. 2010). Several
follow-up photometry efforts followed, resulting in the light curve presented and
analysed in Gomboc et al. (in prep) and Gorbovskoy et al. (2012) (see also Figure 5.9).
The first optical spectrum of the afterglow was taken with the Gemini Multi-Object
Spectrograph (GMOS) on Gemini-North (programme GN-2010B-Q-7, PI Tanvir),
approximately 1 hr 15 mins (0.0526 days) after burst trigger (Chornock et al. 2010).
With this instrument, two other spectra at respectively 1 and 7 days after the burst
were obtained. A fourth spectrum was obtained approximately 3 days after the burst
with the X-shooter spectrograph mounted on the ESO Very Large Telescope (VLT),
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5 The host-galaxy response to the afterglow of GRB 100901A

Table 5.1: Overview of the spectroscopic observations of the afterglow of GRB 100901A, arranged by
instrument and epoch. Row (1) the abbreviation we use to refer to this epoch, (2) the telescope, (3) the
instrument, (4) the setup, (5) the slit width, (6) the resolving power R = λ/∆λ, with ∆λ the FWHM of an
unresolved line, (7) the wavelength coverage for this setup, (8) the mid time of the epochs of observation
in days after the burst BAT trigger, (9) the interpolated observed R-magnitude of the afterglow at this
epoch (Gomboc et al., in prep.), (10) the total exposure time of the observation in this epoch, (11) the
average seeing, measured by fitting a gaussian profile along the spatial direction of the slit, around the
central wavelength of each spectrum, (12) the average airmass, and (13) the signal-to-noise ratio (S/N) in
the continuum at 4150 and 6100 Å per GMOS pixel (δλ = 0.91 Å).

Abbreviation epoch1 epoch2 epoch3 xsh
Telescope Gemini-North Very Large Telescope
Instrument GMOS X-shooter
Setup B600+G5307 UVB VIS NIR
Slit width (��) 0.75 1.0 0.9 0.9
Resolving power 1000 − 1900 5400 7400 5800
Spectral Range (Å) 3810 − 6710 3000 − 25000
Time after burst (d) 0.0526 1.0095 7.0270 2.7492
mR 17.8 18.6 22.3 20.2
Exp. Time (s) 4 × 400 4 × 500 4 × 1200 4 × 600
Seeing (��) 0.62 0.52 0.68 1.30
Airmass 1.06 1.01 1.05 1.48
S/N/(δλ = 0.91Å) 38, 95 16, 70 5, 13 9, 7
at 4150, 6100 Å

under programme 085.A-0009(B) (PI Fynbo). See Table 5.1 for a detailed log of the
observations presented in this Chapter.

5.2.1 Gemini-N/GMOS spectroscopy

Gemini-North/GMOS is a low-resolution long-slit spectrograph, equipped with three
detectors. For the observations presented here, a slit width of 0.75�� and the B600
grism with the G5307 order-suppression filter have been used, which resulted in
the wavelength coverage and resolving power reported in Table 5.1. We used four
exposures per epoch, using dithers in both dispersion and spatial coordinates to sample
over the chip gaps and regions affected by amplifier location. The GMOS spectra
have been reduced with the iraf packages for Gemini GMOS (version 1.9), using
arc-line exposures taken directly before and after the science data. The four exposures
are combined after extraction. The resulting spectra were normalised and no flux
calibration was performed.
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5.2.2 VLT/X-shooter spectroscopy
VLT/X-shooter is a cross-dispersed échelle spectrograph where the incoming light
is split into three wavelength arms using dichroics, covering the full optical to near-
infrared wavelength range simultaneously (D’Odorico et al. 2006; Vernet et al. 2011).
The X-shooter spectra have been taken in nodding mode with 1 × 2 binning (i.e.,
binning in the dispersion direction) in the UV-Blue (UVB) and Visual (VIS) arms,
using a 100kHz / high-gain readout and 4 × 600s exposure times. The selected slit
widths were 1.0��, 0.9�� and 0.9�� for the UVB, VIS and near-infrared (NIR) arms,
respectively. A 5�� nod throw along the slit was used to improve sky subtraction.
The spectra were reduced using the ESO pipeline software version 1.2.2, using
the so-called physical model mode (Goldoni et al. 2006; Modigliani et al. 2010).
We used calibration data (bias, dark, arc-lamp, flat-field and flexure control frames)
taken the next day or as close in time as possible to the science observations. The
bin sizes of the resulting spectra were 0.2, 0.2, and 0.5 Å for UVB, VIS and NIR
spectra, respectively. Extracted spectra were flux calibrated using spectrophotometric
standard star exposures, also taken the same night, resulting in roughly flux-calibrated
spectra spanning the near-ultraviolet to the near-infrared. We caution that the weather
conditions during this night were poor, and likely non-photometric. We used a telluric
standard star (HD 4670, a B9 V star) to correct the telluric absorption features in the
NIR afterglow spectrum, using the IDL spextool package (Vacca et al. 2003, see also
Wiersema 2011 for the use on X-shooter data).

5.3 Analysis
The GMOS epoch1 spectrum (see Figure 5.1) is that of a bright afterglow including
many metal absorption lines. At a redshift of 1.4084 we detect strong resonance
lines of Fe ii, Mn ii, Cr ii, Al ii, Al iii, Zn ii and Si ii. Additionally, at the same redshift,
line transitions arising from excited states of Fe ii and Ni ii are clearly detected (see
Section 5.3.2). Therefore we identify this as the host-galaxy redshift zh (see also
Chornock et al. 2010). We do not detect lines from Fe iii, as observed in the case
of GRB 080310 (De Cia et al. 2012). No Lyα is detected, because it is too far in
the blue for the covered wavelength range. Two intervening absorbers are visible at
z1 = 1.3147 and z2 = 1.3179 (Chornock et al. 2010). In these systems we detect
Fe ii, Al ii, Al iii, Mg i and Mg ii (rest frame equivalent width Wλ < 1 Å). We note that
these lines are weaker at the intervening system redshifts than at the host redshift.
There are no fine-structure lines detected at any of the intervening absorber redshifts.
Na i λλ 5892, 5898 are detected at z = 0 and are thus due to foreground absorption in
the Galaxy.

The GMOS epoch2 spectrum (not fully shown in a figure) looks similar, though the
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5 The host-galaxy response to the afterglow of GRB 100901A

Figure 5.1: Normalised GMOS spectrum (epoch1) of the afterglow of GRB 100901A. The red labels
indicate the absorption lines of the host (zh = 1.4084); the green and blue labels (with vertical offset)
indicate the absorption lines formed in two intervening systems at z1 = 1.3147 and z2 = 1.3179. The
magenta labels show unshifted Na i lines (z = 0), resulting from the absorption in the Milky Way. The
numbers at the labels indicate the configuration of the lower level and the vacuum rest wavelength
of the transition. The host shows resonance lines from the ions Mn ii, Fe ii, Cr ii, Zn ii, Si ii, Al ii and
Al iii, as well as lines from excited states of Fe ii and Ni ii, which are found to vary significantly (see
Section 5.3.2). In the intervening systems we detect Mg i, Mg ii, Fe ii, Al ii and Al iii.
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signal-to-noise ratio (S/N) is lower due to the decreasing brightness of the afterglow.
The line transitions arising from the metastable Ni ii 4F9/2 level (see Table 5.10)
appear more pronounced in epoch2 than in epoch1; the Fe ii fine-structure lines have
become slightly weaker.

Since GMOS epoch3 is observed after the break in the light curve at ∼ 2 days
(Gomboc et al., in prep), which causes the brightness to drop more quickly, the S/N is
lower than for the other epochs, despite the longer integration time and comparable
weather conditions. Still, strong metal resonance lines are clearly detected. Fine-
structure lines that were present in epoch1 and lines from metastable levels that were
present in epoch2 are much weaker or not detected any more (see Section 5.3.2).

The quality of the X-shooter spectrum (xsh, after 2.75 days, see Table 5.1) is
low due to poor weather conditions and large airmass, but because of the extraor-
dinarily large wavelength coverage of this instrument, this spectrum does provide
additional information. Moreover, the higher resolution allow us to exclude the
existence of different velocity components down to ∼ 70 km s−1 with respect to
∼ 200 km s−1 for GMOS. The strong and saturated Mg ii λλ 2796, 2803, Mg i λ 2853,
and Ca ii λλ 3934, 3969 absorption lines from the host galaxy are outside the range
of GMOS due to the redshift, but they are clearly detected in xsh-VIS (not shown
in a figure). Na i λ 5892, 5897 falls in a region with atmospheric absorption and can
therefore not be detected. We do not detect the red wing of the Lyα absorption line due
to low S/N. Furthermore, in xsh-NIR, we marginally detect forbidden oxygen emission
line [O iii] λ5007 at the host-galaxy redshift (see Figure 5.10 and Section 5.3.3).

We do not detect prominent interstellar (dust) extinction features such as the
2175 Å feature (see e.g., Elíasdóttir et al. 2009) or diffuse interstellar bands in any of
the spectra at the host-galaxy redshift.

5.3.1 Resonance lines

To measure the observed equivalent width Wλ,obs of the absorption lines in the spec-
trum, we locally fit gaussian functions to the normalised spectrum with ngaussfit,
a task in the stsdas package in iraf. In principle, Wλ,obs can be obtained directly
by integration, but as can be seen in Figure 5.1, many lines are blended. In some
cases one line needs to be fixed in order to measure the potential variation of the
other. ngaussfit can de-blend up to three lines, with the possibility to keep part of the
parameters fixed. This method allows that in spectra with low S/N, an absent or very
weak line is sometimes formally best fitted with a line with negative equivalent width
(i.e., an emission line, see also Figure 5.6, 5.7 and 5.8); for these lines we obtain upper
limits for Wλ,obs.
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The formal error on the equivalent width is obtained from the error spectrum:

σWλ,obs = δλ

��� line�

i

(σi/Fc)2, (5.1)

with δλ the spectral bin width, σi the value of the error spectrum in bin i and Fc the
continuum flux. The summation runs over two times the full-width-at-half-maximum
(FWHM). Furthermore, we add 3% of the equivalent width to the formal error to
account for the uncertainty in placing the continuum. In the low-resolution GMOS
spectra, all absorption lines are unresolved and can be fit with a gaussian with a fixed
FWHM of 3.6 Å (the resolution element), which is determined from the width of the
lines in the arc-lamp frames. In xsh we fix FWHM = 1.0 Å and 0.7 Å in the UVB and
VIS-arms, respectively, based on the widths of arc lines and telluric emission lines.
Some strongly saturated lines (for example the Mg ii doublet) in these spectra cannot
be fit with gaussians and are therefore integrated numerically. The resulting rest frame
equivalent widths Wλ = Wλ,obs/(1 + zh) of the resonance lines in the first two epochs
are listed in Table 5.2.

To infer column densities of the different ions from the absorption line equivalent
widths, we make use of a multi-ion single component curve-of-growth (MISC-COG)
analysis (Spitzer 1978). The Doppler line width is in principle related to the tempera-
ture and the level of turbulence in the absorbing gas. Limited by spectral resolution,
it is difficult to distinguish between this and broadening due to the complex physical
structure of absorbing clouds in the sight line. Therefore we speak of an ‘effective’
Doppler parameter, which does not carry information about the temperature of the
gas, but is merely a simplification in the model (Jenkins 1986). The assumption we
need to make in this analysis is that the effective Doppler parameter b is the same
for all ion species, and that it is single (one velocity component). In other words, we
assume that the velocity structure is the same in all lines, and that it is dominated by
small-scale effect such as thermal velocities and turbulence and not by differences in
bulk velocities of different gas clouds.

5.3.1.1 Host galaxy column densities

We use three unblended Fe ii resonance lines (λ2249, λ2260 and λ2586) to deter-
mine b for the line-of-sight gas in the host galaxy (see Table 5.2). Because these
lines cover both the linear and the flat part of the COG, both b and the column
density for Fe ii, NFe II, can be constrained. They are dependent variables, there-
fore fit them simultaneously with a grid method, yielding b = 22.1+1.7

−1.6 km s−1 and
log NFe II/cm−2 = 15.23+0.07

−0.08 .
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Table 5.2: The measured rest-frame equivalent width Wλ for the resonance lines at the host redshift, and
the corresponding ion column densities, obtained with curve-of-growth (COG) analysis. The first column
lists the ion and the vacuum rest wavelength (Å); the second column gives the oscillator strength fλ.
Columns (3) and (4) give the rest-frame Wλ in Å measured in epoch1 and epoch2 (GMOS) respectively.
For lines for which we have a good measurement both in epoch1 and epoch2, the weighted average is
used; otherwise we use the value measured in epoch1. The values that are finally used for the COG
analysis are listed in Column (5). Column (6) gives the best fitting column density for the ion, fitted to
a COG with effective Doppler parameter b = 22.1+1.7

−1.6 km s−1. Columns (7) and (8) give the relative
abundances with respect to iron and zinc using solar values from Asplund et al. (2009) (for notation see
Equation 5.2). The references for the wavelength and oscillator strength are in column (9).

Line fλ Wλ/Å Wλ/Å �Wλ/Å� log(Nion/cm−2) [X/Fe] [X/Zn] ref
epoch1 epoch2

Al ii 1670.7874 1.740 0.418 ± 0.093 0.338 ± 0.098 0.380 ± 0.067 13.57+0.41
−0.32 − 0.61 ± 0.42 − 1.84 ± 0.42 [1]

Al iii 1854.7164 0.539 0.113 ± 0.054 0.162 ± 0.060 0.135 ± 0.040 13.02+0.13
−0.16

a a [1]
Al iii 1862.7895 0.268 0.044 ± 0.051 0.113 ± 0.056 0.075 ± 0.038 ... [1]

Si ii 1808.013 2.080 × 10−3 0.292 ± 0.062 0.267 ± 0.068 0.281 ± 0.046 15.96+0.18
−0.16 + 0.72 ± 0.19 − 0.51 ± 0.19 [2]

Zn ii 2026.136b 5.010 × 10−1 0.362 ± 0.046 0.280 ± 0.053 0.327 ± 0.035 13.52+0.07
−0.07 + 1.23 ± 0.10 [3]

Zn ii 2062.664 2.460 × 10−1 0.191 ± 0.041 0.206 ± 0.048 0.197 ± 0.031 ... [3]

Cr ii 2056.2539 1.030 × 10−1 0.150 ± 0.040 0.151 ± 0.046 0.151 ± 0.030 13.73+0.09
−0.10 + 0.36 ± 0.12 − 0.87 ± 0.12 [3]

Cr ii 2066.161 5.120 × 10−2 0.096 ± 0.038 0.111 ± 0.045 0.102 ± 0.029 ... [3]

Fe ii 2249.8754c 2.190 × 10−3 0.129 ± 0.034 0.151 ± 0.040 0.139 ± 0.026 15.23+0.07
−0.08 − 1.23 ± 0.10 [4]

Fe ii 2260.7793 2.620 × 10−3 0.152 ± 0.034 0.168 ± 0.040 0.159 ± 0.026 ... [4]
Fe ii 2586.6495 7.094 × 10−2 0.705 ± 0.044 0.727 ± 0.048 0.715 ± 0.032 ... [4]

Mn ii 2576.877 3.610 × 10−1 0.265 ± 0.032 0.257 ± 0.037 0.262 ± 0.024 13.23+0.04
−0.05 + 0.07 ± 0.09 − 1.16 ± 0.04 [5]

Mn ii 2594.499 2.800 × 10−1 0.206 ± 0.030 0.207 ± 0.034 0.207 ± 0.023 ... [5]
Mn ii 2606.462 1.980 × 10−1 0.164 ± 0.064 d 0.164 ± 0.064 ... [5]

Mg ii 2796.352 6.123 × 10−1 0.920 ± 0.147e 15.06+0.83
−0.60 − 0.27 ± 0.83 − 1.50 ± 0.83 [6]

Mg ii 2803.531 3.054 × 10−1 0.918 ± 0.126e ... [6]

Ca ii 3934.777 6.500 × 10−1 0.907 ± 0.220e 13.74+0.47
−0.50 − 0.33 ± 0.50 − 1.56 ± 0.50 [7]

Ca ii 3969.591 3.220 × 10−1 0.836 ± 0.185e ... [7]

Notes.
aThe quantities [Al iii/Fe] and [Al iii/Zn] do not have any physical meaning, since the Al iii
is probably mainly from a different region than Al ii, Fe ii and Zn ii (see also Savaglio & Fall
2004).
bThe contamination by Cr ii λ2026 is determined from the other Cr ii lines and is negligible.
The contribution of Mg i λ2026 cannot be determined, but we assume it is small based on the
absence of Mg i λ1827.
cFe ii 2344, 2374, 3282 and 2600 are also clearly detected, but those are blended with fine-
structure lines and therefore not used in the abundance study. Estimates of their equivalent
widths can be found in the appendix.
dThe equivalent width of the line is fixed in the second epoch in order to measure the varied
strength of the blended fine-structure line(s).
eAbsorption lines are outside the GMOS range, measurement is from xsh spectrum.
References for atomic data: [1] NIST Atomic Spectra Database, [2] Bergeson & Lawler
(1993b), [3] Bergeson & Lawler (1993a) [4] Verner et al. (1999), [5] Morton (2003), [6]
Verner et al. (1996), [7] Morton (1991).
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The COG with the best fit value for b is shown in Figure 5.2. The ion species
other than iron have line transitions either on the linear or on the flat part of the COG;
therefore, b has to be assumed to be the same for all ion species in order to determine
the column densities. The resulting column densities of the ions are listed in Table 5.2.
For most lines we have taken an average of the first two epochs, except Mg ii and Ca ii
which can only be measured in xsh. The equivalent widths of the Al ii lines are slightly
larger in epoch1 while those of Al iii are larger in epoch2. While not very significant,
it may be a sign of ionisation due to the GRB afterglow (see e.g., Vreeswijk et al.
2013). Due to the low significance we decided not to take this into account in the
excitation modelling in Section 5.3.2.

Spectral resolution limits the ability to distinguish different velocity components
in absorption lines: an instrumental FWHM = 3.6 Å (GMOS spectra) corresponds to
∼ 200 km s−1. In xsh-VIS, a velocity component difference of 70 km s−1 would be
detectable, but we do not see indications for more than one velocity component in any
of the lines. This could be due to the low S/N of xsh, because most intermediate to
high-resolution spectra of GRBs show absorption lines with at least two components
(but see e.g., Ledoux et al. 2009).

Prochaska (2006) warns that column densities derived with the MISC-COG
method are systematically underestimated, especially when the underlying line struc-
ture is that of separated clumps of gas at different velocity shifts (see also Figure 1.8).
In this case one derives a high b with MISC-COG analysis, and therefore a lower
column density. Results for a single component COG analysis with b � 20 km s−1 are
highly suspect, according to Prochaska (2006). That COG analysis of a low-resolution
spectrum can be accurate is shown by D’Elia et al. (2011), who compare low and
high-resolution spectra for the afterglow of GRB 081008. The COG analysis gives
the same result as line fits to the high-resolution spectrum within 3σ. They conclude
that this is linked to the low level of saturation of the lines. The equivalent widths of
the low-ionisation lines in GRB 100901A are found to be in the lowest 10% of the
sample of 69 low-resolution spectra conducted by de Ugarte Postigo et al. (2012),
which strengthens the case that a COG analysis on this spectrum can provide accurate
results. However, column densities resulting from COG analysis always need to be
treated with caution.

5.3.1.2 Dust depletion

The strength of the absorption lines in the spectrum are a measure of the abundance of
an element in the gas phase only. Apart from the overall gas-to-dust ratio, the fraction
of a specific element that is locked onto dust depends on the element species and on
the nature of the dust. Therefore, the pattern of relative abundances, the depletion
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Figure 5.2: Curve-of-growth (COG) for the resonance lines in the host galaxy of GRB 100901A. The
solid line gives the best fit COG with b = 22.1 km s−1, the dotted lines show the effect of the error on b.
The dashed line, which coincides with the linear part of the COG, is a COG for b = ∞, that can be used
as an approximation for weak lines.

pattern, might give insight into the amount and nature of the dust. In Table 5.2 we
list the abundance ratios with respect to the refractory (depleted) element Fe and the
non-refractory element Zn, compared to the ratio in a solar abundance environment.
We use the following, commonly used notation

[X/Y] ≡ log
�

N (X)

N (Y)

�
− log

�
n (X)

n (Y)

�

⊙
, (5.2)

with N (X) the column density of element X, and n (X) the number density of element
X in a solar environment (Asplund et al. 2009). Differences from zero indicate dust
content. We thus assume that relative abundances (both in gas and dust) are solar. Fe,
Zn and Cr are iron peak elements, which makes this a reasonable assumption, although
the main production pathway of Zn is not fully identified (Umeda & Nomoto 2002).
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Figure 5.3: [Fe/Zn] as a function of the Zn ii column density in QSO-DLAs (red diamonds), GRB-
DLAs (black circles) and GRB 100901A (blue square). QSO-DLA values are from Lu et al. (1996);
Prochaska & Wolfe (1996, 1997a); Pettini et al. (1999, 2000); Prochaska & Wolfe (2000); Prochaska
et al. (2001). GRB-DLA values are from Savaglio et al. (2003); Fynbo et al. (2002); Fiore et al. (2005);
Watson et al. (2006); Penprase et al. (2006); Vreeswijk et al. (2007); D’Elia et al. (2009b, 2011).

Discrepancies in relative abundances might also be due to a different star-formation
history than the Milky Way.

In Figure 5.3 we show [Fe/Zn] as a function of the Zn column density for the host
of GRB 100901A, compared with a sample of other GRB-DLAs and QSO-DLAs1. The
relative abundance values indicate a stronger depletion (i.e., more dust) in GRB-DLAs
than in QSO-DLAs, but among the GRB-DLAs, GRB 100901A is not a particularly
special case. Both GRB-DLAs and QSO-DLAs appear to follow the overall trend
that systems with stronger Zn column densities show stronger depletion. The fact that
the two classes populate different regions in the diagram is mainly a sight line effect.
QSOs probe galaxies in random orientations with only a small chance that the densest
region of a galaxy is intersected, while sight lines to GRB afterglows probe the gas
towards the progenitor region, so they will in general show high column densities
(see also Savaglio 2006; Prochaska et al. 2007b; Fynbo et al. 2009). Furthermore, for

1DLA: Damped Lyman-α system: a sight line absorber with NH I > 2 × 1020 cm−2 (Wolfe et al.
2005). A DLA system in a GRB afterglow spectrum is usually due to the host galaxy.
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GRB-DLAs with relatively low column densities and weak absorption lines, [Fe/Zn]
is not well constrained (i.e., not reported in literature) because the fading afterglow
prevents building up S/N over several nights of observations. This is not the case
for QSO-DLAs, which is why these objects also populate the low NZn II part of the
parameter space.

A more detailed analysis of the dust content can be performed by comparing
the heavy-element dust depletion pattern of GRB 100901A with observations in the
interstellar medium (ISM) of the Milky Way (Savage & Sembach 1996). We use the
method described in Savaglio & Fall (2004). We consider the observed depletion
patterns in the MW sight lines trough a warm halo (WH), warm disc and halo (WDH),
warm disc (WD) and cool disc (CD) as models. For the fit, we use two free parameters.
One is the dust-to-metal ratio relative to the Galactic values κ = κGRB/κJ (J is one
of the 4 depletion patterns). The second is proportional to the metallicity (not known
because NH I is not measured in GRB 100901A). The two parameters are scaled until
they reproduce the observed heavy-element depletion pattern best (minimum χ2).

Results using measurements of 7 elements are shown in Figure 5.4. The WH
depletion pattern gives the smallest χ2 among the 4 patterns, but the WD pattern is also
a reasonable fit. The dust-to-metals ratio is between the MW value and 10% higher.
Ni and Mg are the most uncertain measurements. The Mg ii column density is likely a
lower limit because it suffers from very strong saturation. The Ni ii column density is
not measured from the resonance lines directly, but follows from the modelling of the
time evolution of the Ni ii 4F9/2 metastable level (see Section 5.3.2.1 and Table 5.5).
Excluding these two elements from the fit does not change our results much.

For the observed column of metals, and assuming a rate of visual extinction per
column density of metals like in the MW (Bohlin et al. 1978), the expected optical
extinction in GRB 100901A would be AV ∼ 0.5. This is higher than the one derived
from the spectral energy distribution (SED) of GRB100901A (AV = 0.21, Gomboc et
al., in prep). This inconsistency is typically observed in GRB sight lines (Schady et al.
2011) and indicates that the rate of extinction in the ISM of GRB hosts per column of
metals is different from what is observed in the MW.

5.3.1.3 Intervening absorbers

Two intervening absorbers are detected: int1 at z1 = 1.3147 and int2 at z2 = 1.3179.
If these two systems are not physically associated with each other, and the redshift
difference is dominated by cosmological expansion, the velocity difference corre-
sponds to a co-moving separation of 3.9 Mpc. If the absorbers belong to one system,
the velocity difference is 414 km s−1, and could be due to motion of galaxies within a
cluster.

Because of the long time span that our observations cover (until long after the
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5 The host-galaxy response to the afterglow of GRB 100901A

Figure 5.4: Depletion pattern for the host of GRB 100901A, compared with different components in the
Milky Way (Savage & Sembach 1996), which are observed patterns that can be adjusted by changing the
dust-to-metal ratio κ. The column density of Ni ii is not directly measured but follows from the modelling
of the fine-structure and metastable levels, see Section 5.3.2.1. We include a 3σ upper limit for Ti ii
based on the absence of the doublet at a rest wavelength of 1910 Å.

jet break, Gomboc et al., in prep), the data set is suited to look for variations in the
strength of the lines from the intervening absorbers. This can be interesting in the
context of the previously supposed discrepancy between the number of strong Mg ii
absorbers (Wλ(2796) > 1Å) in QSO and GRB sight lines; in the latter the redshift
number density was found to be about two times as high (Prochter et al. 2006; Vergani
et al. 2009; Cucchiara et al. 2009. However, Cucchiara et al. (2013); Goldoni et al.
(2006) used a larger sample and did not reproduce this discrepancy.

We do not detect variability above the 2σ level in any of the two intervening
absorbers of GRB 100901A, and we see no systematic trend in the ensemble of lines
per absorber, nor per ion species. In principle, the non-variation of the equivalent
widths of the intervening absorber resonance lines gives a lower limit on the size of
the absorbing clouds (i.e., the scale on which the absorbing gas is homogeneous). If
the projected apparent size of the afterglow became larger than the projected size of
the intervening absorber, the absorption lines from this system would become weaker
since part of the light would reach the observer unabsorbed. We use the description of
the apparent size of the Blandford-McKee spherical expansion described by Granot
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5.3 Analysis

Figure 5.5: Curve-of-growth for the two intervening systems in the sightline to GRB 100901A. The
lines used and the best-fit column densities are listed in Table 5.3.
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5 The host-galaxy response to the afterglow of GRB 100901A

et al. (1999), where we use Eiso = 6.3 × 1052 erg (Gorbovskoy et al. 2012). We
assume the close circum-burst medium to have a constant density n = 1 cm−3. At the
time of the last epoch (7.027 days), we find the source to be 9.6 × 1016 cm. This gives
a lower limit on the size of each of the absorbing clouds of 0.03 pc. Although this is
not a very meaningful lower size-limit for a gas cloud, we point out that in general it
is difficult to put limits on absorber sizes, but see D’Elia et al. (2010a) for methods
applied to GRB absorbers and Petitjean et al. (2000); Ellison et al. (2004); Balashev
et al. (2011) for examples of size estimates of QSO line-of-sight objects.

Because the lines of the intervening systems do not vary in strength, we can aver-
age the equivalent widths measured in epoch1 and epoch2. The MISC-COG analysis
can be applied, because we detect many clear lines from these systems. Figure 5.5
shows the best fitting COGs for both intervening absorbers. We carry out the same
approach as for the host, by first constraining b with the Fe ii transitions. We find
b = 12.6+1.2

−1.4 km s−1 for int1 and b = 20.6+5.7
−4.6 km s−1 for int2. The equivalent widths

and the column densities of each ion species are listed in Table 5.3.

5.3.2 Detection and variability of transitions arising from excited
levels of Fe ii and Ni ii

At the redshift of the host galaxy we detect lines from fine-structure levels of Fe ii
(6D7/2, 6D5/2, 6D3/2 and 6D1/2) and metastable levels of Fe ii (4F9/2 and 4D7/2) and
Ni ii (4F9/2). The equivalent width of many of these lines varies with time. This
provides the opportunity to derive the distance between the burst location and the
absorbing material, assuming that the population of these excited states is due to the
UV-radiation of the afterglow (see Section 5.3.2.1). With high-resolution spectra it
would be possible to directly measure the column densities of the ions that are in the
excited states, via Voigt profile fits to the fine-structure lines (see e.g., D’Elia et al.
2007; Vreeswijk et al. 2007). In order to obtain column densities from the equivalent
widths, we need to take an intermediate step with the COG, where we fix b to the
value found from the resonance Fe ii lines (see Section 5.3.1.1); i.e., we assume that
the ions in the excited states are in the same absorbing clouds as the ions in the ground
state; for the implications of this assumption see the end of Section 5.3.2.1. Note that
the value of b will only have a very small influence on the column densities of the
excited ions, because the lines are all weak and lie mostly on the linear part of the
COG.

Tables 5.7, 5.8, 5.9 and 5.10 in the Appendix give an overview of all transitions
from the fine-structure and metastable levels of Fe ii and Ni ii that would in principle
be observable in the GMOS spectral range at this redshift. Due to the low spectral
resolution, many of these lines are blended such that the individual variation of the
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5 The host-galaxy response to the afterglow of GRB 100901A

Figure 5.6: Curves-of-growth (COGs) and spectrum excerpts for the three detected lines from the Ni ii
4F9/2 metastable level. Every column represents an epoch, with the observed time since the burst
indicated on top. The upper plot shows the COG for b = 22.1 km s−1 to which we fit the equivalent
widths for the three transitions (red diamonds). The best-fit column density Nlevel is indicated, together
with the χ2

ν of the COG-fit. Below the COG, the three individual lines are displayed on a velocity scale,
with the corresponding gaussian line profile fit. The rest frame equivalent width and oscillator strength
are indicated. We use the same line label colouring as in Figure 5.1.

components cannot be measured. The lines that are used in the modelling are shown
in boldface in Tables 5.7 to 5.10.

In order to obtain the column density Nlevel of ions in a specific excited state
in an epoch, the equivalent widths of the transitions arising from this excited level
are placed on the COG by assigning an Nlevel to this level. The best-fit Nlevel is the
value for which the ensemble of transitions fit the COG best (minimisation of the χ2).
Figures 5.6, 5.7 and 5.8 show the COG of the Ni ii 4F9/2 and the Fe ii 6D7/2 level per

144



5.3 Analysis

Table 5.4: Lower-level column densities log
�
Nlevel(t)/cm−2

�
for Fe ii and Ni ii excited states derived

from fine-structure line equivalent widths with COG analysis. All errors and limits are 1σ.

Fe ii Ni ii

time (d) 6D9/2
6D7/2

6D5/2
6D3/2

6D1/2
4D7/2

4F9/2

epoch1 0.0526 15.20+0.08
−0.09 13.77+0.05

−0.04 13.58+0.06
−0.10 13.30+0.07

−0.09 12.92+0.11
−0.14 12.54+0.11

−0.18 13.25+0.10
−0.15

epoch2 1.0095 15.29+0.07
−0.10 13.68+0.05

−0.05 13.46+0.09
−0.13 13.14+0.09

−0.15 < 12.83 12.54+0.11
−0.24 13.73+0.07

−0.12

xsh 2.7492 15.16+0.12
−0.18 < 13.46 < 14.02 < 13.47 < 13.40 < 13.03 13.54+0.09

−0.13

epoch3 7.0270 15.34+0.21
−0.48 < 13.37 < 13.80 < 13.39 < 13.47 < 12.97 < 13.75

epoch (columns), together with the observed transitions from this level and gaussian
fits to the line profiles. The best-fit Nlevel and its errors are found with a Monte Carlo
simulation, which we apply as follows. In every iteration, for each transition an
equivalent width is randomly picked from a normal distribution with as mean the
measured value and as sigma the measured error. For this simulated ensemble of
equivalent widths, the best-fit Nlevel is determined by minimising the χ2. After 10 000
iterations, the distribution of best-fit Nlevel’s is fit with an asymmetric gaussian (i.e., a
normal distribution with a different σ on both sides), from which we derive the overall
best Nlevel and its lower and upper 1σ error. Because the fine-structure lines lie mostly
on the linear part of the COG, the effect of b is small, and the uncertainty of this value
is not taken into account. If two or more transitions of a level are detected in an epoch
(i.e., if |Wλ| > σ (Wλ)), we obtain a value for Nlevel, otherwise we obtain an upper
limit (see Table 5.4).

5.3.2.1 UV-pumping models

The column densities of the fine-structure and metastable states are found to vary in
time (see Table 5.4 and Figure 5.9). The presence, and variation, of fine-structure
lines in GRB afterglow spectra can generally well be explained by excitation due to
the UV-flux of the GRB afterglow. Prochaska et al. (2006) suggest that this is the
dominant excitation mechanism, especially when variability is measured. The early
high-resolution spectroscopic data obtained for GRB 060418 (Vreeswijk et al. 2007)
allowed systematic tests of other excitation mechanisms such as a background IR field
and collisional excitation, but also strongly favours the UV-pumping scenario. For
GRB 100901A we assume that UV-pumping is the only relevant excitation mechanism.
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5 The host-galaxy response to the afterglow of GRB 100901A

Figure 5.7: The same as Figure 5.6, only for the six detected lines from the Fe ii 6D7/2 fine-structure
level. We omit the xsh epoch, because for this level none of the lines was significantly detected due to
the low S/N. Continued in Figure 5.8.
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5.3 Analysis

Figure 5.8: Continued from Figure 5.7

We apply the photo-excitation model introduced by Vreeswijk et al. (2007, 2011,
2013). For technical details we refer to the 2013 paper. The general idea is that the
UV-flux of the afterglow temporarily excites ions in a cloud with thickness l at a
distance d from the location of the burst. As the afterglow brightness fades in time, the
excited levels depopulate after a time which is determined by the Einstein coefficient
Aul or, equivalently, the oscillator strength of the transitions considered. For a given
set of input parameters, the column density of each excited level as a function of time,
Nlevel(t), is predicted by the model. By comparing this temporal behaviour to the
measured Nlevel(t) for all levels simultaneously, we can optimise the parameters.

The afterglow flux is included as an interpolated series of R-band magnitudes2

mR(t) (see upper panel Figure 5.9), which corresponds to the rest-frame UV-flux
(at ∼ 2700 Å) responsible for populating the levels. The monochromatic flux in the
host-galaxy rest frame at the GRB-facing side of the absorbing cloud is computed as

2The observed R-band magnitudes come from GCNs Andreev et al. (2010a,b,c,d,e); Kuroda et al.
(2010a,b); Volnova et al. (2010); assembled by Gomboc et al. (in prep.).
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5 The host-galaxy response to the afterglow of GRB 100901A

Table 5.5: Photo-excitation modelling results for the environment of GRB 100901A with different
settings. Column (1) extinction AV in the host galaxy, (2) requirement for the distance d from the burst
to the absorber, (3) requirement for the thickness l of the absorbing cloud, (4) fit result d, (5) fit result l,
(6) pre-burst column densities of Fe ii and (7) Ni ii (ground state) and (8) the reduced chi-square of the
fit. Column densities are on log scale in cm−2. See also Figure 5.9.

input output
AV d l d/pc l/pc NFe II NNi II χ2

ν

0.0 free free 250 ± 75 0+240
− 15.25+0.05

−0.05 13.91+0.07
−0.08 1.54

0.2 ≥ 100 pc free 100+61
− 1127 ± 569 15.26+0.05

−0.06 14.14+0.10
−0.13 0.73

0.2 free fixed to 1 pc 275 ± 12 1 15.24+0.05
−0.06 13.94+0.06

−0.07 1.35

0.2 free fixed to 100 pc 249 ± 13 100 15.24+0.05
−0.06 13.95+0.06

−0.07 1.33

0.2 free maximal 500 pc 165 ± 73 500+−469 15.22+0.05
−0.06 14.02+0.10

−0.13 1.15

follows:

Frest
ν (t) =

F0 · 10[mR(t)−AR,gal]/−2.5

1 + zh

�
λrest(1 + zh)

6415 Å

� βν �DL

d

�2
(5.3)

in which F0 = 3.02 × 10−20 erg s−1 cm−2 Hz−1 is the flux of Vega at the effective
wavelength (6410 Å) of the R-band (Fukugita et al. 1995), AR,gal = 0.264 is the
Galactic extinction (Schlegel et al. 1998), λrest is the wavelength array of the relevant
transitions at which the flux is required to calculate the amount of excitation, βν is
the spectral slope and DL = 9.968 × 109 pc is the luminosity distance. The effective
Doppler parameter b is fixed to 22.1 km s−1, consistent with how we converted
equivalent widths to column densities (see Section 5.3.2). Parameters that can be
constrained from the light curve and/or SED fitting (Gomboc et al., in prep) are kept
fixed: optical spectral slope βν = 0.82, and optical extinction in the host galaxy
AV = 0.21 assuming a Small Magellanic Cloud extinction profile (Gomboc et al.,
in prep). We performed models with AV = 0 as well to study the effect. AV is
not included in Equation 5.3 because the model allows to specify where the optical
extinction takes place. We place the extinction in the absorbing cloud, and apply the
necessary corrections to the flux.

Table 5.5 shows the fit results of the model to the measured Nlevel(t) as listed
in Table 5.4, with different requirements for the parameters. The model without
extinction fits the data best with a small cloud at ∼ 250 pc, but when we include optical
extinction AV = 0.2, the data favours a configuration with a very large (> 1 kpc)
absorbing cloud at a smaller distance. Fixing the cloud size l leads to absorber
distances of d ∼ 165 − 275 pc. Figure 5.9 shows the fit to the data for the model
with l ≤ 500 pc (solid lines) and the model with l = 1 pc (dotted lines). Both models
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5.3 Analysis

Figure 5.9: Top panel: observed R-band magnitudes from various observatories (see text), which are
used as input for the photo-excitation model (see Section 5.3.2.1). Middle and bottom panel: column
density as a function of observed time for Fe ii fine-structure and metastable levels, and for the Ni ii 4F9/2
metastable level. The open circles and squares (arrows) indicate the column densities (limits) derived for
each excited state (see Table 5.4). The solid lines are the predicted best fit result of the photo-excitation
model with a maximum absorber thickness l ≤ 500 pc (χ2

ν = 1.15); the dotted line for a model with fixed
absorber thickness l = 1 pc (χ2

ν = 1.35), both with AV = 0.21.
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5 The host-galaxy response to the afterglow of GRB 100901A

are decent fits: our data are not constraining enough to discriminate between the
close-large and the distant-small cloud case, but in all cases, the influence of the GRB
reaches distances of a few hundreds of parsecs. In Section 5.4.1 we will discuss the
implications of this estimated absorber distance and compare it to values found in
other GRBs.

Though not detectable with the spectral resolution used, it could be possible that
ground-state Fe ii is present in more velocity components than excited Fe ii, i.e., that
there is Fe ii that is not associated with the excited gas. If there exists more Fe ii further
away, then this would decrease the amount of Fe ii that is associated with the excited
Fe ii, and hence this would move the absorber closer to the burst, i.e., we would infer
a smaller GRB-absorber distance. Very roughly, if this fraction of Fe ii associated to
excited Fe ii is only 50% (rather than the now assumed 100%), then it would decrease
the distance by a factor of

√
2. So even when assuming such a large fraction (50%) of

the ground-state Fe ii is further away does not change the inferred distance much.

5.3.2.2 Atomic data

In the full analysis from the COG to the photo-excitation model fitting, we needed
to adopt a set of values for vacuum wavelengths λ and oscillator strengths fλ. The
results of the analysis described in this Chapter are obtained with the atomic data
given in Tables 5.7, 5.8, 5.9 and 5.10. This atomic parameter set is the same as the one
used in Cloudy (Ferland et al. 1998), a widely-used photo-ionisation code, and comes
from Verner et al. (1999) and references therein (see also Ledoux et al. 2009). The
choice for this set is in principle arbitrary, but made such that our results can easily be
compared with other works on GRB afterglow spectra. We tested the dependence of
our results to this input by carrying out the full analysis with a different set of values
for λ and fλ. This alternative set is the same as used in Vreeswijk et al. (2007) and uses
atomic data from Quinet et al. (1996), Morton (2003) and Kurucz (2003). This leads
to a 2% lower b, and differences up to 0.06 dex in log N(t). The final resulting l and d
of the cloud from the modelling in Section 5.3.2.1 differ by < 10%, sometimes with
lower values for χ2

ν. This latter fact is, however, not a reason to adopt the alternative
set but rather to interpret the scatter in the results as an additional error.

5.3.3 Emission lines
Because GRBs originate in star forming galaxies, we have searched for emission
lines at the host-galaxy redshift. There is tentative evidence for [O iii] λ5007 (see
Figure 5.10), of which we estimate the flux to be 4.2 ± 1.3 × 10−17 erg s−1 cm−2, the
error including systematics due to flux calibration. [O iii] λ4959 appears to be present,
but is blended with a nearby skyline and cannot be measured. We do not detect Hα,
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5.4 Discussion

Figure 5.10: [O iii] host emission lines, redshifted to ∼ 1.2µ in the xsh-NIR spectrum. The top panel
shows the 2D spectrum (0.5Å/px). The bottom panel shows in black the normalised 1D spectrum
(0.5Å/px); in blue the same spectrum, but with a 10 pixel median filter to make the lines easier to see.
The non-identified peaks in the 1D spectrum are due to residuals of skyline subtraction which are visible
in the 2D spectrum as vertical white strips.

Hβ or [O ii] due to low S/N and/or skyline blends.

5.4 Discussion
We have shown that the GRB 100901A afterglow UV radiation excited Fe ii and Ni ii
ions in an absorbing cloud located a few hundred parsecs away in the host-galaxy ISM
(Section 5.3.2). The ionic column densities we derive for the part of this host galaxy
that is along the line of sight (Section 5.3.1) are very comparable to other GRB hosts
where fine-structure lines are detected in the afterglow spectra (see e.g., Penprase et al.
2006; Prochaska et al. 2006; Vreeswijk et al. 2007; D’Elia et al. 2009b). Furthermore,
the part of the galaxy we probe does not appear to be a special case in the context
of dust depletion (Section 5.3.1.1). Modelling of the variation of the lines from the
excited states allows us to estimate the distance to, and the size of, the absorbing
cloud. This has been possible for about a dozen of bursts; in the following Section we
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5 The host-galaxy response to the afterglow of GRB 100901A

will discuss what these absorber distances teach us about the use of GRB afterglows
as probes of galaxies.

5.4.1 GRBs as probes of galaxies
GRB afterglows are used as probes of their host galaxies, making use of the fact that
the afterglow can be extremely bright for a short time. An advantage (for example over
galaxies in quasar sight lines) is that afterglows select star-forming galaxies, under
the generally accepted assumption that GRBs are linked to (massive) star formation
(Woosley 1993; Paczyński 1998). In order to judge how useful they are as galaxy
probes, it is important to understand what the influence of the GRB and its afterglow
is on the environment, and what part of the host galaxy we are probing. For about
a dozen GRB afterglows (see Table 5.6), the distance between the region where the
absorption lines originate and the site where the burst has gone off has been derived
with spectroscopy. The typical absorber distance is of the order of a few hundred
pc, so the values we find for GRB 100901A appear to be normal (Table 5.6). These
values are also in agreement with lower limits on the absorber distance (> 50− 100 pc)
revealed by the presence of Mg i absorption lines (Prochaska et al. 2006).

Evidently, a GRB is able to affect the ISM out to distances of 100 to 1000 pc, which
can be much further out than only the star-forming region of the GRB progenitor. For
example, the largest star-forming region in the Local Group, the Tarantula nebula, has
a diameter of ∼ 200 pc (Lebouteiller et al. 2008). Firstly, this means that the GRB and
its afterglow could have considerably influenced the environment it probes. Secondly,
the absorption lines that we observe are probably not from the immediate star-forming
region of the progenitor of the burst. This is important, as many stellar evolution
models that are proposed as long GRB progenitors critically rely on a low metallicity
(in particular iron group element abundances, see e.g., Woosley & Bloom 2006).
Knowing the distance to the abundance-providing cloud gives more quantitative input
into the reliability of the found abundances as tracers of the progenitor abundances.

5.4.2 Can low-resolution spectra be of use in the analysis of fine-
structure line variation?

Our analysis of the fine-structure line variability in GRB 100901A differs from other
studies because it is predominantly based on low-resolution spectra, while most other
absorber distances are determined from spectra with a 25 − 40 times higher spectral
resolution (see Table 5.6). Low resolution allowed us to monitor the spectrum over a
much longer time span. We note that GRB 100901A remained particularly bright even
after a week. The combination of our observations and the excitation modelling shows
that we are detecting the peak of the Ni ii 4F9/2 level population at around 1 day after

152



5.4 Discussion

the burst in the observer’s frame (see Figure 5.9), which to date has not been observed.
The downside is that low-resolution spectroscopy yields less accurate results, because
additional steps and assumptions are required to translate equivalent widths to column
densities. Furthermore, it is difficult to disentangle different velocity components,
limiting the degree to which we can map the internal dynamical structure of the host
galaxy.

When a (multi-epoch) low-resolution data set is available, we have shown that it
is worthwhile to measure the variation and estimate the absorber distance by fitting
a photo-excitation model to it. Especially the lines from the Ni ii 4F9/2 metastable
level have proven to be useful for these kind of long time-span spectroscopic data-sets.
These lines are strong, relatively isolated from other common lines in the spectrum,
but still close to each other (with GMOS, one would be able to catch all four of
them if the burst is at 0.8 < z < 1.9), and it takes longer for the levels to depopulate
compared to the Fe ii fine-structure levels. In terms of recommendations for observing
strategies, it would still be most useful to obtain a high-resolution spectrum as soon as
possible after the burst, but late-time (after a few days depending on the brightness)
spectroscopic follow-up at low resolution can provide additional constraints on the
line variation. The information about the different velocity components and their
Doppler parameters obtained from the earliest spectrum can be used to interpret the
late-time low-resolution data more accurately.
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Table 5.6: Bursts for which an absorber distance has been derived from (the variability of) lines from excited and/or ionised states in the afterglow
spectrum. Column (1) Burst ID, column (2) number of epochs, column (3) approximate time (observer’s frame) between the different epochs, column (4)
telescope and spectrograph with which the data have been taken, columns (5) and (6) the ions and levels/lines for which variability is measured and/or
modelled, column (7) redshift of the burst, column (8) neutral hydrogen column density columns (9) and (10) distance between the burst and the region
where the lines originate, and size of this region following from modelling of the variability, column (11) reference.

GRB # ∆tobs instrument ion levels/lines zh log NHI d/pc l/pc ref.
020813 2 ∼ 16h KECK/LRIS Fe ii 6D7/2 λ2396 1.25 - 50 − 100 - [1]

VLT/UVES
050730 2 ∼ 1h VLT/UVES Fe ii 6D7/2, 6D5/2,6D3/2,6D1/2, 3.97 22.10 124 ± 20 147+68

−54 [2,3,4]
4F9/2, 4F7/2,4F5/2,4F3/2,
4D7/2, 4D5/2

051111 1 KECK/HIRES Fe ii 6D7/2, 6D5/2,6D3/2,6D1/2, 1.55 - a few times 102 - [5,6]
Si ii 2P◦3/2

060206 2a WHT/ISIS Si ii 2P◦3/2, 4.05 20.85 ± 0.1 ∼ 103 - [7,8]
O i 3P◦0, 3P◦1,
C ii 2P◦3/2

060418 6 5 − 30 m VLT/UVES Fe ii 6D7/2, 6D5/2,6D3/2,6D1/2, 1.49 - 480 ± 56 - [9,3]
4F9/2, 4D7/2,

Ni ii 4F9/2

080310 2 − 4 10 − 20 m VLT/UVES Fe ii 6D7/2, 6D5/2,6D3/2,6D1/2, 2.43 18.70 ± 0.1 200 − 400 0 − 100 [10,11]
4F9/2, 4D7/2,

Fe iii 5D, 7S 3,
Si ii 2P◦3/2,
C ii 2P◦3/2

080319B 3 40 − 60 m VLT/UVES Fe ii 6D7/2, 6D5/2,6D3/2,6D1/2, 0.94 - 560 − 1700 - [12,3]
4F9/2, 4F7/2,
4D7/2, 4D5/2,

Continued on next page
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GRB # ∆tobs instrument ion levels/lines zh log NHI d/pc l/pc ref.
080330 1 VLT/UVES Fe ii 6D7/2, 6D5/2,6D3/2,6D1/2, 1.51 - 79+11

−14 - [13,3]
4F9/2,

Si ii 2P◦3/2,
Ni ii 4F9/2

081008 4a 7 − 25 m VLT/UVES Fe ii 6D7/2, 6D5/2,6D3/2, 1.97 21.11 ± 0.10 52 ± 6 and 200+60
−80 - [14]

4F9/2, 4D7/2,
VLT/FORS2 Si ii 2P◦3/2,

Ni ii 4F9/2

090926 4a VLT/X-shooter Fe ii 6D7/2, 4F9/2, 2.11 21.60 ± 0.07 677 ± 42 and 5 × 103 - [15,3]
Si ii 2P◦3/2,
O i 3P◦0, 3P◦1,
C ii 2P◦3/2,
Ni ii 4F9/2

100219A 1 VLT/X-shooter Si ii 2P◦3/2 4.67 21.14 ± 0.15 300 and 103 [16]
100901A 4 1 h - 1 wk Gemini-N/GMOS Fe ii 6D7/2, 6D5/2,6D3/2,6D1/2, 1.41 - a few times 102 1 − 1000 [17]

4D7/2,
VLT/X-shooter Ni ii 4F9/2

Notes. aMore than one epoch is obtained, but the distance measurement did not follow from modelling the variation

References. [1] Dessauges-Zavadsky et al. (2006a); [2] Ledoux et al. (2009); [3] Vreeswijk et al. (2011); [4] D’Elia et al. (2007); [5]
Penprase et al. (2006); [6] Prochaska et al. (2006); [7] Fynbo et al. (2006a); [8] Thöne et al. (2008); [9] Vreeswijk et al. (2007); [10] De
Cia et al. (2012); [11] Vreeswijk et al. (2013); [12] D’Elia et al. (2009a); [13] D’Elia et al. (2009b); [14] D’Elia et al. (2011); [15] D’Elia
et al. (2010b); [16] Thöne et al. (2011); [17] this work.
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5.5 Summary and conclusions
We have analysed the optical to near-IR spectra of the afterglow of GRB 100901A.
Our data set consists of three low-resolution spectra obtained with Gemini-N/GMOS
at 1 hour, 1 day and at 7 days after the burst, and one medium-resolution VLT/X-
shooter spectrum taken nearly 3 days post burst. At a redshift of 1.4084 a wealth of
metal resonance and fine-structure lines is detected, allowing us to estimate column
densities of Fe, Si, Cr, Mn, Zn, Mg, Ca and Al with a multi-ion single component
curve-of-growth (MISC-COG) analysis. The obtained metal column densities are
similar to what has been found in many GRB sightlines. Lyα is not detected, therefore
no metallicity can be determined.

[Fe/Zn] = −1.13 ± 0.10 suggests the presence of dust in the host galaxy. A
comparison of the observed dust depletion pattern with sight lines in the Milky Way
(Savage & Sembach 1996) reveals a slight preference for a warm-halo-like depletion
pattern.

The spectrum shows two intervening absorbers at redshifts 1.3147 and 1.3179.
Lines of Fe ii, Al ii, Al iii, Mg i and Mg ii have been detected and the corresponding
column densities are estimated with the MISC-COG technique. We do not see sig-
nificant variation in the strength of any of these lines from the intervening absorbers.
Under simple assumptions for the projected source size as a function of time, this lack
of variability sets a lower limit of 0.03 pc on the size (or homogeneity scale) of the
absorbing clouds in these foreground galaxies.

At the host-galaxy redshift we detect lines arising from fine-structure levels of the
ground state of Fe ii and metastable levels of Fe ii and Ni ii. The strengths of these
lines are found to vary significantly in time. By grouping transitions that arise from
the same lower level, we have used the COG from the Fe ii resonance lines to retrieve
the temporal behaviour of the column density of each of these excited ion species.
This information is fed into a photo-excitation model, that uses the rest-frame UV-flux
of the burst as input. We assume that the excited levels are populated due to the
UV-radiation produced by the afterglow. The model computes the distance between
the burst location and the cloud of gas in which the lines originate, and the size of
this cloud. For GRB 100901A, we estimate an absorber distance of a few hundred pc,
which appears to be typical compared with similar studies.

This is the first time that a fine-structure line variability analysis is predomi-
nantly based on low-resolution spectra, and as a consequence of that, also the longest
time span over which such variation is detected and modelled. The decrease of the
Ni ii 4F9/2 metastable level population has not been detected before; our data, in com-
bination with our modelling results, show that we cover the peak of the excitation of
this level. We argue that applying the fine-structure variability model to low-resolution
data can yield a sensible estimate for the absorber distance, but additional intermediate
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steps (such as the COG) are necessary, which may cause additional (systematic) errors.
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Table 5.7: Lines from the ground state of Fe ii (electron configurations 3d6(5D)4s − 3d6(5D)4p) and its fine-structure levels, that could in principle be
detected in the spectrum of GRB 100901A, because the transition would lie within the GMOS spectral range and the oscillator strength fλ is not smaller
than about 0.005 (except for the 6D9/2 resonance lines). The lines of which the wavelengths are in boldface have been used in the modelling reported in
Section 5.3.2. Wλ are measured equivalent widths per epoch, converted to the rest frame.

lower level λvac (Å) fλ log g f Ji − Jk terms Wλ(epoch1) Wλ(epoch2) Wλ(xsh) Wλ(epoch3)
6D9/2 1608.4509 0.05399 -0.268 9/2 − 7/2 a6D − y6P◦ possibly present, but blended with Al ii λ1670 at z = 1.318.
0 cm−1 1611.2004 0.00136 -1.867 9/2 − 7/2 a6D − z4F◦ not detected.

2249.8754 0.00219 -1.660 9/2 − 7/2 a6D − z4D◦ 0.129 ± 0.034 0.151 ± 0.040 0.143 ± 0.044 0.093 ± 0.138
2260.7793 0.00262 -1.582 9/2 − 9/2 a6D − z4F◦ 0.152 ± 0.034 0.168 ± 0.040 0.074 ± 0.060 0.256 ± 0.125
2344.2129 0.12523 0.098 9/2 − 7/2 a6D − z6P◦ 0.748 ± 0.047a 0.798 ± 0.054a 0.704 ± 0.189a 0.557 ± 0.134a

2374.4604 0.03297 -0.482 9/2 − 9/2 a6D − z6F◦ 0.590 ± 0.045 b b b

2382.7641 0.34321 0.536 9/2 − 11/2 a6D − z6F◦ 0.683 ± 0.045 b b, c b

2586.6495 0.07094 -0.149 9/2 − 7/2 a6D − z6D◦ 0.705 ± 0.043 0.727 ± 0.048 0.696 ± 0.145 0.629 ± 0.107
2600.1722 0.24226 0.384 9/2 − 11/2 a6D − z6D◦ 0.780 ± 0.045 b b, c b

aBlended with lines from 6D1/2 and 4F7/2, total Wλ is reported.
bWλ of this resonance line is kept fixed to the value obtained at the first epoch to see the possible variation of the (half-) blended fine-structure lines.
cThe line (blend) is clearly saturated, and cannot be fit with gaussian (components) in the X-shooter spectrum.
6D7/2 2333.5147 0.07776 -0.206 7/2 − 5/2 a6D − z6P◦ 0.168 ± 0.034 0.137 ± 0.038 0.051 ± 0.189 −0.134 ± 0.126
384.790 cm−1 2365.5508 0.05285 -0.374 7/2 − 7/2 a6D − z6P◦ 0.185 ± 0.036 0.130 ± 0.039 0.008 ± 0.222 0.056 ± 0.120

2383.7873 0.00557 -1.351 7/2 − 5/2 a6D − z6F◦ 0.087 ± 0.031 0.071 ± 0.034 c 0.054 ± 0.107
2389.3569 0.08987 -0.143 7/2 − 7/2 a6D − z6F◦ 0.187 ± 0.033 0.216 ± 0.040 −0.085 ± 0.303 −0.056 ± 0.112
2396.3551 0.30779 0.391 7/2 − 9/2 a6D − z6F◦ 0.383 ± 0.040d 0.348 ± 0.043d 0.170 ± 0.275d 0.314 ± 0.114d

2599.1457 0.10863 -0.061 7/2 − 5/2 a6D − zDF◦ 0.190 ± 0.031 0.096 ± 0.030 c −0.019 ± 0.096
2612.6536 0.12485 -0.001 7/2 − 7/2 a6D − z6D◦ 0.297 ± 0.035 0.241 ± 0.037 0.012 ± 0.106 0.049 ± 0.096
2626.4503 0.04266 -0.467 7/2 − 9/2 a6D − z6D◦ 0.144 ± 0.030 0.120 ± 0.031 0.095 ± 0.118 0.012 ± 0.092

dBlended with 6D5/2λ2396.1487, but we assume that the contribution from this line to the total Wλ is negligible.
6D5/2 2328.1100 0.03760 -0.647 5/2 − 3/2 a6D − z6P◦ 0.052 ± 0.031 0.031 ± 0.036 0.064 ± 0.235 0.082 ± 0.132
667.683 cm−1 2349.0215 0.08935 -0.271 5/2 − 5/2 a6D − z6P◦ 0.204 ± 0.035e 0.196 ± 0.038e 0.081 ± 0.154e −0.139 ± 0.114e

Continued on next page
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lower level λvac (Å) fλ log g f Ji − Jk terms Wλ(epoch1) Wλ(epoch2) Wλ(xsh) Wλ(epoch3)

2381.4877 0.03798 -0.642 5/2 − 7/2 a6D − z6P◦ 0.022 ± 0.027 −0.009 ± 0.033 c −0.004 ± 0.111
2396.1487 0.01636 -1.008 5/2 − 3/2 a6D − z6F◦ blend with 6D7/2λ2396.3551, which dominates.
2399.9718 0.12522 -0.124 5/2 − 5/2 a6D − z6F◦ 0.169 ± 0.032 0.163 ± 0.037 0.071 ± 0.255 0.221 ± 0.124
2405.6173 0.25103 0.178 5/2 − 7/2 a6D − z6F◦ 0.254 ± 0.036 f 0.203 ± 0.039 f 0.005 ± 0.205 f −0.076 ± 0.102 f

2607.8658 0.12304 -0.132 5/2 − 3/2 a6D − z6D◦ 0.308 ± 0.040g 0.242 ± 0.043 0.083 ± 0.108 0.007 ± 0.131
2618.3984 0.04800 -0.541 5/2 − 5/2 a6D − z6P◦ 0.112 ± 0.029 0.057 ± 0.031 0.127 ± 0.109 −0.038 ± 0.114
2632.1077 0.08240 -0.306 5/2 − 7/2 a6D − z6D◦ 0.252 ± 0.033h 0.169 ± 0.035g −0.015 ± 0.114g 0.086 ± 0.088g

eBlended with 4F9/2λ2348.8346, this is the total Wλ.
f Blended with 6D3/2λ2405.1626, this is the total Wλ.
gBlended with Mn ii λ2606, but this line’s Wλ is fixed after the first epoch.
hBlended with 6D3/2λ2631.8314, this is the total Wλ.
6D3/2 2338.7238 0.09840 -0.405 3/2 − 3/2 a6D − z6P◦ 0.090 ± 0.032 0.057 ± 0.036 0.127 ± 0.174 0.062 ± 0.128
862.613 cm−1 2359.8270 0.06788 -0.566 3/2 − 5/2 a6D − z6P◦ part of a strongly blended complex, with a contribution of an unidentified line.

2405.1626 0.02784 -0.953 3/2 − 1/2 a6D − z6F◦ blend with 6D5/2λ2405.6173, which dominates.
2407.3934 0.15988 -0.194 3/2 − 3/2 a6D − z6F◦ 0.122 ± 0.032 0.078 ± 0.033 0.014 ± 0.199 0.014 ± 0.112
2411.2522 0.21967 -0.056 3/2 − 5/2 a6D − z6F◦ 0.227 ± 0.035i 0.115 ± 0.037i 0.181 ± 0.170i 0.031 ± 0.089i

2614.6047 0.11018 -0.356 3/2 − 1/2 a6D − z6D◦ 0.119 ± 0.029 0.091 ± 0.032 0.007 ± 0.105 0.055 ± 0.095
2621.1906 0.00364 -1.837 3/2 − 3/2 a6D − z6D◦ 0.047 ± 0.028 −0.016 ± 0.032 0.035 ± 0.114 0.022 ± 0.084
2631.8314 0.12430 -0.303 3/2 − 5/2 a6D − z6D◦ blended with 6D5/2λ2632.1077, see there for the total Wλ.

iBlended with 6D1/2λ2411.8009, this is the total Wλ.
6D1/2 2344.9996 0.16819 -0.473 1/2 − 3/2 a6D − z6P◦ blended with 6D9/2λ2344.214 and 4F7/2λ2344.6789, see there for the total Wλ.
977.053 cm−1 2411.8009 0.22500 -0.347 1/2 − 1/2 a6D − z6F◦ blended with 6D3/2λ2411.2522, see there for the total Wλ.

2414.0437 0.19047 -0.419 1/2 − 3/2 a6D − z6F◦ 0.060 ± 0.030 0.028 ± 0.034 −0.081 ± 0.159 0.073 ± 0.125
2622.4513 0.05454 -0.962 1/2 − 1/2 a6D − z6D◦ 0.036 ± 0.025 0.024 ± 0.029 0.114 ± 0.109 0.116 ± 0.114
2629.0769 0.17451 -0.457 1/2 − 3/2 a6D − z6D◦ 0.079 ± 0.027 0.033 ± 0.031 0.008 ± 0.172 0.119 ± 0.109
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Table 5.9: The same as Table 5.7, only for the lines from the metastable states of Fe ii with electron configuration 3d6(5D)4s.

lower level λvac (Å) fλ log g f Ji − Jk terms Wλ(epoch1) Wλ(epoch2) Wλ(xsh) Wλ(epoch3)
4D7/2 1635.4005 0.06857 -0.261 7/2 − 5/2 a4D − x4P◦ heavily blended, noisy region.
7955.299 cm−1 2563.3039 0.13520 0.034 7/2 − 5/2 a4D − z4P◦ 0.037 ± 0.027 0.064 ± 0.032 −0.052 ± 0.248 0.047 ± 0.110

2715.2173 0.04543 -0.440 7/2 − 5/2 a4D − z4D◦ not detected.
2740.3577 0.25107 0.303 7/2 − 7/2 a4D − z4D◦ 0.056 ± 0.026 0.027 ± 0.029 0.018 ± 0.099 0.114 ± 0.094
2756.5512 0.30759 0.391 7/2 − 9/2 a4D − z4F◦ 0.050 ± 0.025 0.056 ± 0.030 0.097 ± 0.114 −0.045 ± 0.104

4D5/2 1641.7631 0.04742 -0.546 5/2 − 3/2 a4D − x4P◦ blended, noisy region.
8391.938 cm−1 1647.1625 0.02026 -0.915 5/2 − 5/2 a4D − x4P◦ blended, noisy region.

2564.2441 0.09332 -0.252 5/2 − 3/2 a4D − z4P◦ not detected.
2592.3179 0.05219 -0.504 5/2 − 5/2 a4D − z4P◦ not detected.
2728.3467 0.06890 -0.384 5/2 − 3/2 a4D − z4D◦ not detected.
2747.7942 0.18791 0.052 5/2 − 5/2 a4D − z4D◦ part of strongly blended complex.
2750.1347 0.32808 0.294 5/2 − 5/2 a4D − z4F◦ blended with 4D3/2λ2749.9938 and 4D1/2λ2750.2989.

4D3/2 2567.6820 0.05684 -0.643 3/2 − 1/2 a4D − z4P◦ not detected.
8680.454 cm−1 2583.3564 0.08345 -0.477 3/2 − 3/2 a4D − z4P◦ not detected.

2731.5431 0.02964 -0.926 3/2 − 3/2 a4D − z4F◦ not detected.
2737.7761 0.06574 -0.580 3/2 − 1/2 a4D − z4D◦ not detected.
2747.2958 0.35475 0.152 3/2 − 5/2 a4D − z4F◦ part of strongly blended complex.
2749.9938 0.13492 -0.268 3/2 − 3/2 a4D − z4D◦ blended with 4D5/2λ2750.1344 and 4D1/2λ2750.2988.

4D1/2 2578.6940 0.12362 -0.607 1/2 − 1/2 a4D − z4P◦ not detected.
8846.768 cm−1 2744.0089 0.44026 -0.055 1/2 − 3/2 a4D − z4F◦ possibly detected, but half blended Mg i λ2853 at z = 1.315.

2750.2989 0.12021 -0.619 1/2 − 1/2 a4D − z4D◦ blended with 4D5/2λ2750.1347 and 4D3/2λ2749.9938.
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The metallicity and dust content of a redshift 5
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Abstract

Observations of the afterglows of long gamma-ray bursts (GRBs) allow the study of
star-forming galaxies across most of cosmic history. Here we present observations
of GRB 111008A, from which we can measure metallicity, chemical abundance
patterns, dust-to-metals ratio (DTM) and extinction of the GRB host galaxy at z = 5.0.
The host absorption system is a damped Lyα absorber with a very large neutral
hydrogen column density of log N(H i)/cm−2 = 22.30 ± 0.06, and a metallicity of
[S/H] = −1.70 ± 0.10. It is the highest redshift GRB with such a precise metallicity
measurement. The presence of fine-structure lines confirms the z = 5.0 system as the
GRB host galaxy, and makes this the highest redshift where Fe ii fine-structure lines
have been detected. The afterglow is mildly reddened with AV = 0.11 ± 0.04 mag,
and the host galaxy has a DTM that is consistent with being equal to or lower than
typical values in the Local Group.
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6 Metals and dust in a GRB host galaxy at redshift 5

6.1 Introduction

The study of gamma-ray bursts (GRBs) has an impact on a wide range of topics in
astrophysics. It is now well established that long-duration GRBs originate from the
collapse of massive stars (e.g., Galama et al. 1998; Hjorth et al. 2003; Stanek et al.
2003; Modjaz et al. 2006; Campana et al. 2006; Sparre et al. 2011; Berger et al. 2011;
Hjorth & Bloom 2012; Xu et al. 2013a), although we have yet to elucidate the detailed
nature of the progenitor systems.

Spectroscopy of GRB afterglows requires the most advanced and largest ground-
based optical to near-infrared (NIR) telescopes, especially when these events occur
at high redshift, since the source is weaker and the rest-frame UV absorption lines
we detect are shifted to longer wavelengths. GRB afterglows can probe star-forming
regions out to redshifts of z = 8 − 9 (Tanvir et al. 2009; Salvaterra et al. 2009;
Cucchiara et al. 2011) and allow us to study galaxies in the early universe that would
normally have been too faint to be detected (Tanvir et al. 2012; Basa et al. 2012). In
some cases it is possible to determine column densities of both H i and metals in their
host galaxies and hence calculate abundances for a wide range of chemical elements
(e.g., Fynbo et al. 2006a; Savaglio 2006; Prochaska et al. 2007b; Ledoux et al. 2009;
D’Elia et al. 2010b; Thöne et al. 2013).

Observational selection effects restrict the samples of GRBs for which chemical
enrichment can be probed by this means. For many GRBs, even when spectroscopic
data are obtained, it proves insufficient to probe the rest-frame UV due to unfortunate
redshifts that leave the relevant transitions (in particular Lyα) out of the observable
range. In other cases, dust extinction within the host galaxies (the likely explanation
for many “dark” bursts, see Jakobsson et al. 2004; Perley et al. 2009; Krühler et al.
2011) makes the afterglows too faint for useful spectroscopy. Therefore the sample
of bursts with afterglow spectroscopy is not representative for all GRBs (e.g., Fynbo
et al. 2009; Krühler et al. 2013).

With observations of GRB afterglows one can hope to obtain the imprints in the
interstellar medium (ISM) of chemical enrichment from core-collapse supernovae
(ccSNe), which are believed to dominate the metal production for very young systems
(e.g., Matteucci & Greggio 1986). The signature of such a chemical enrichment profile
is an overabundance of α-elements as seen in metal-poor stars in the Local Group and
in z > 4 damped Lyα absorbers (DLAs)1. (e.g., Tolstoy 2011; Rafelski et al. 2012).

The aim of this Chapter is to study the metal and dust properties of the host galaxy
of GRB 111008A at z = 5.0, which provides a rare opportunity of measuring such
characteristics for a high-redshift star-forming galaxy. The Chapter is structured as

1DLA (damped Lyα absorber): a sight-line absorber with log N(H i)/cm−2 > 20.30 (Wolfe et al.
2005).

164



6.2 Observations

follows. In Section 6.2 we present our observations, in Section 6.3 we determine
the metallicity of the host galaxy, and we also discuss the presence and strength of
fine-structure lines. In Section 6.4 we describe the spectral energy distribution (SED)
of the NIR-to-X-ray data. In Section 6.5 we investigate an intervening DLA at z = 4.6,
in Section 6.6 we present an attempt to identify the intervening absorber and the GRB
host galaxy in emission, and in Section 6.7 we study the amount of dust and metals in
the host galaxy.

For the cosmological calculations we assume a ΛCDM-universe with ΩΛ = 0.73,
Ωm = 0.27, and h0 = 0.71 from the Wilkinson Microwave Anisotropy Probe (WMAP)
seven-year data (Komatsu et al. 2011). We use 1σ error bars and 2σ upper and lower
limits.

6.2 Observations
GRB 111008A was discovered by Swift/BAT (Saxton et al. 2011) with a duration
of T90 = 63.46 ± 2.19 s (Baumgartner et al. 2011). An X-ray counterpart was
subsequently discovered with Swift/XRT (Beardmore et al. 2011), and the optical
counterpart was later observed using several instruments (Levan et al. 2011a; Xu et al.
2011; Nardini et al. 2011) before a spectroscopic redshift of z = 5.0 was identified
with Gemini-South/GMOS (Levan et al. 2011b). This was later confirmed with
VLT/X-shooter, and an intervening absorber at z = 4.6 was also identified (Wiersema
et al. 2011). The details of our observations are given below.

6.2.1 X-shooter spectroscopy
We obtained optical/NIR spectroscopy of the afterglow of GRB 111008A with X-
shooter (Vernet et al. 2011) mounted at UT2 of the European Southern Observatory’s
(ESO) Very Large Telescope (VLT). Our spectrum covers the wavelength range
of 3 000 − 24 800 Å, and was taken simultaneously in three arms (UVB, VIS and
NIR) using slit widths of 1.0��, 0.9�� and 0.9�� for UVB, VIS, and NIR, respec-
tively. The nominal values of the spectral resolution for these configurations are
R = λ/∆λ(FWHM) = 5100, 8800, and 5100, respectively.

X-shooter spectroscopy started on 9 October 2011 05:55:49 UT, 8.52 hr after the
trigger (Wiersema et al. 2011), and was performed at a median seeing of 1.1�� and
an average airmass of 1.04. We obtained five exposures with a total integration time
of 8775 s in the UVB and VIS arm, and 14 exposures (total exposure of 8400 s) in
the NIR arm. A second X-shooter epoch was obtained the following night (starting
20.10 hr after the trigger, on 10 October 2011 04:24:25 UT) with a total integration
time of 7897 s in UVB and VIS, and 7200 s in NIR. All frames were reduced separately
using the ESO X-shooter pipeline version 2.0.0 (Modigliani et al. 2010), and the
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6 Metals and dust in a GRB host galaxy at redshift 5

resulting frames were stacked per night with a weighting based on the signal-to-noise
ratio (S/N) of the afterglow detection. Flux calibration was performed against the
spectrophotometric standard GD71 observed starting on 8 October 2011 08:58:03 UT.
The one-dimensional spectra were extracted using optimal variance weighting (Horne
1986). The optimal extraction and the stacking of science frames were done by a
custom-made script developed for this purpose. Unless stated explicitly (as in Section
6.3.2), we base our results on the combined spectrum of the first night of X-shooter
observations, because of the superior S/N.

The complete VIS and NIR part of the X-shooter spectrum and the measured
absorption lines are shown in Appendix 6.C.

6.2.2 GMOS spectroscopy

We observed the afterglow of GRB 111008A using the Gemini Multi-Object Spec-
trograph (GMOS) on the Gemini-South telescope2. After identification of the optical
afterglow (Levan et al. 2011b), a series of four exposures with a total integration time
of 2400 s were taken, using the R400 grism and a 1.0�� slit width, starting at 9 October
2011 03:29:29.7 UT.

The four exposures were taken using dithers in both the dispersion direction (50 Å)
and the spatial direction (along the slit) to sample over the chip gaps and regions
affected by amplifier location. We reduced the data using the Gemini GMOS reduction
package (version 1.11) within iraf, combining the four exposures after extraction,
resulting in a wavelength range of ∼ 3900 − 8170 Å. The resolution of the spectra is
R ∼ 870.

6.2.3 GROND photometry

The Gamma-Ray burst Optical/Near-infrared Detector (GROND; Greiner et al. 2008)
at the 2.2m MPI/ESO telescope on the La Silla Observatory started photometric
observations of the field of GRB 111008A on 9 October 2011, 04:38:45 UT, which is
6.43 hr after the BAT trigger. Simultaneous photometry in seven optical/NIR filters
(similar to the Sloan Digital Sky Survey (SDSS) g�r�i�z� and the Two Micron All Sky
Survey (2MASS) JHKs bands) was obtained continuously until 09:02:10 UT. GROND
data were reduced in a standard fashion (Krühler et al. 2008), using a custom pipeline
written in iraf/pyraf. The photometric solution was obtained by using magnitudes
of stars in an SDSS field (Aihara et al. 2011) observed directly after the GRB field
under photometric conditions in the case of the g�r�i�z� filters, and via the magnitudes
of 2MASS stars in JHKs (Skrutskie et al. 2006). Based on the scatter of individual

2For an overview of Gemini afterglow spectra see http://grbspecdb.ucolick.org/
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6.3 The GRB host absorber

calibration stars, we estimate the absolute accuracy of our photometry to be 4% in
g�r�i�z�, 5% in J and H, and 8% in Ks.

6.3 The GRB host absorber
In Figure 6.1 we provide an excerpt of the VIS spectrum (from X-shooter), which has
been rebinned by a factor of four for graphical reasons. The VIS spectrum exhibits a
very strong DLA, which is identified as absorption within the host galaxy, providing
the redshift of the GRB. The corresponding Lyβ line is also detected. Shown in red
is a Voigt-profile matching the DLA and Lyβ lines with an H i column density of
log N/cm−2 = 22.30 ± 0.06. Also seen in the VIS spectrum is an intervening DLA at
redshift z = 4.6, which will be discussed in Section 6.5. When determining the H i
column density of the two absorbers, we fix the redshift to the value measured from
the metal line fit (see Section 6.3.1), and next we determine log N(H i) subjectively
by looking at the red wing of the Lyα and Lyβ profiles. The error reflects what we
consider the acceptable range of possible column densities.

6.3.1 The chemical composition
To determine abundances of the atomic ground-state levels, we proceed with Voigt-
profile fitting3 of the X-shooter spectrum. We find that a model with two absorption
components per transition is sufficient to fit the low-ionisation absorption lines. The
spectral resolution is set to the nominal values from the X-shooter manual (a velocity
resolution of 34 km s−1 for VIS and 57 km s−1 for NIR, both FWHM). The choice of
spectral resolution and the placement of the continuum are unlikely to change the
logarithm of the column densities by more than 0.15 dex.

The two Voigt profiles have Doppler parameters of b = 20.9 ± 2.3 km s−1 and
b = 27.7 ± 2.3 km s−1 and redshifts of 4.99005 ± 0.00007 and 4.99142 ± 0.00006, re-
spectively (these are the precise measured redshifts for the two absorption components
in the GRB host absorption system; for brevity we will refer to the GRB host redshift
as 5.0 in the remaining parts of the Chapter). We linked the Doppler parameters for
the different atoms assuming turbulent broadening, which is a standard procedure for
low-ionisation absorption lines (Wolfe et al. 2005). We also linked the redshifts for
each of the absorption components. Figure 6.2 shows the fit of the line transitions for
Si ii, S ii, Cr ii, Mn ii, Fe ii, Ni ii and Zn ii.

The derived metal column densities for the sum of the two components are
provided in Table 6.1. Note that this table also includes the column densities in excited

3The absorption lines are fitted with vpfit version 10.0: http://www.ast.cam.ac.uk/~rfc/
vpfit.html.
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6.3 The GRB host absorber

levels (from Section 6.3.2). The most well-determined column densities are those
of Ni and Fe, since they are constrained by relatively weak transitions (Ni ii λ1370
and Fe ii λ1611) located in regions with a good S/N. For Fe ii λ1611, the measured
spectrum exhibits excess absorption (at � −15 km s−1) compared to the fit model.
It is unclear whether this feature is due to an additional absorption component or a
systematic error. If it is due to an additional absorption component our column density
of Fe ii is slightly underestimated by �15%.

For the S ii λ1253 transition the S/N is also high, and the measurement is reliable
even though this line is mildly saturated (see a detailed explanation in Appendix 6.A).
For Cr ii we were able to estimate the column density with Cr ii λ2056 and Cr ii λ2066.

6.3.1.1 Systematic errors in the fitting of Si, Mn and Zn for the GRB
host

The estimate of the column density of Si is unreliable because it is estimated using
two lines, one of which is saturated (Si ii λ1526) and the other is affected by a sky-line
(Si ii λ1808). We therefore only report a lower limit on the column density based
on Si ii λ1808. The estimated column density of Zn is also uncertain, since the blue
component of the Zn ii λ2062 transition is blended with Cr ii λ20624. Visually, the
model fit of Mn ii λ2606 does not convincingly fit the data (and χ2/dof = 4.55 for
this transition, which indicates a bad fit), therefore our measurement of the Mn column
density is unreliable.

In the last column of Table 6.1 these caveats are summarised. Since the derived
column densities of Si, Mn, and Zn are unreliable, we will not draw any conclusions
based on them.

6.3.2 Fine-structure lines
At z = 5.0 we detect lines that arise from the following fine-structure and metastable
levels: C ii 2P◦3/2 (∗), O i 3P◦0 (∗∗), Si ii 2P◦3/2 (∗), Fe ii (6D7/2, 6D5/2, 6D1/2, 4F9/2,
4F5/2, 4D7/2, 4D5/2, 4D3/2), and Ni ii 4F9/2. To date, this is the highest redshift at
which lines of these excited states of Fe ii and Ni ii have been detected. Lines from
excited levels are expected in GRB host galaxies and often detected at lower redshifts,
but due to their relative weakness the S/N required to detect them is often not reached
at high redshift. Lines from Fe ii 6D3/2 and 4F7/2 are not clearly detected due to their
unfortunate placing either outside atmospheric windows or because they are severely
affected by telluric lines. The GMOS and X-shooter data together cover a time span
from 5 to 40 hr after the burst (observer frame), making the data set suited to look

4In our estimate we assumed that log N/cm−2 for the blue component of Zn is 0.1 dex lower than for
the red component, since this is what we see for Ni ii λ1370.
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Figure 6.2: Fitted absorption lines from the host galaxy at z = 5.0. The black line is the spectrum, the
blue line is the fitting model, and the dotted line is the error spectrum. The centres of the absorption line
components are marked with dashed vertical lines.

for variability in lines from excited levels. Line variability is expected, because the
fine-structure and metastable levels are likely populated through indirect UV-pumping
by the GRB afterglow (Prochaska et al. 2006; Vreeswijk et al. 2007). The lines from
excited states and their corresponding ground states that fall in the spectral region
covered by both GMOS and X-shooter are all saturated; therefore, we compare their
rest-frame equivalent width (EWrest); see Table 6.2. The values of EWrest for the lines
and line blends (including both resonance and excited states) at the top of Table 6.2
are constant in time within 2σ, except Si ii∗ λ1309. However, the temporal variation of
this line does not match that of the stronger Si ii∗ λ1264 lines, which it should follow.
One possible explanation for this is that the uncertainty on the strength of Si ii∗ λ1309
is underestimated, especially in the last epoch.
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6 Metals and dust in a GRB host galaxy at redshift 5

The lines from the excited states of Fe ii and Ni ii, which are not covered by
GMOS, are weaker (and not saturated) and can be fitted with Voigt profiles in the
X-shooter spectra. We couple z and b and fit one component to the lines of these levels
in the first X-shooter epoch. The redshift is consistent with the red component of the
resonance lines. With the obtained z and b kept fixed, this fit is repeated on the second
X-shooter epoch, though none of the lines are clearly detected. Therefore, we report
2σ upper limits on the population of these excited states (see Table 6.2). Here again
we see no evidence for time variation for an individual excited state. We note that the
upper limits on the derived column densities are larger in the second X-shooter epoch
compared to the first X-shooter epoch, since the S/N is lower in the second epoch.

From the measurements on the first X-shooter spectrum we conclude that the
column density of the metastable level Fe ii 4F9/2 is, despite its higher energy, as high
as that of the first excited state Fe ii 6D7/2 and that of all other, lower energy Fe ii
fine-structure states. Furthermore, Ni ii 4F9/2 is more populated than the Ni ii ground
state. This situation is typically the result of population by indirect radiative pumping.
The Ni ii 4F9/2 population is expected to peak much later than the Fe ii fine-structure
states (after ∼ 2 − 10 hr post-burst in the rest frame, depending on light-curve shape,
see also Chapter 5), which is consistent with our time of observations. Although a
detailed model of the excitation has not been carried out on these data, and despite the
fact that we do not have evidence for variability in individual lines, our observations
are consistent with the UV-pumping scenario, which confirms the z = 5.0 DLA as the
host galaxy.

6.4 Determining the dust extinction

We retrieved the X-ray spectrum of the afterglow of GRB 111008A from the Swift/XRT
repository (Evans et al. 2007, 2009) and fit it together with the GROND broadband
photometry in a standard manner (see e.g., Krühler et al. 2013, for details). The fit is
shown in Figure 6.3. We use synchrotron emission models, reddened by extinction
laws from the Local Group (Pei 1992), and fit them to the available data. The
absorption of soft X-rays is modeled with two absorbers at solar metallicity, one in the
Galaxy (Kalberla et al. 2005, see also Willingale et al. 2013) and the other at the GRB
redshift. The fit is performed with data at a mean photon arrival time of 35 ks after the
trigger. The AB magnitudes of the afterglow at this epoch in the different filters are
g� > 25.5 mag, r� = 23.11± 0.07 mag, i� = 21.33± 0.05 mag, z� = 20.37± 0.05 mag,
J = 19.91 ± 0.06 mag, H = 19.72 ± 0.06 mag, Ks = 19.62 ± 0.10 mag. We note
that the g�r�i�-band data are not part of the fit, because they are located blueward of
the Lyα transition. For the z�-filter, the strong absorption lines from the GRB-DLA
and strong intervening system reduce the observed flux significantly. We use the
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6.4 Determining the dust extinction

Table 6.2: Measurements of lines from fine-structure and metastable states at the host-galaxy redshift
(z = 5.0) in three different epochs.

Time of mid exposurea (hr) 6.27 10.15 34.82
GMOS X-shooter X-shooter

9 October 2011 10 October 2011
Ion Line (Blend) EWrest (Å) of Saturated Lines and Blends
C ii+C ii∗ λ1334 + λ1335 2.05 ± 0.33 1.94 ± 0.04 1.77 ± 0.12
O i λ1302 1.02 ± 0.02 1.05 ± 0.03 0.93 ± 0.05
O i∗∗ λ1306 0.62 ± 0.17 0.36 ± 0.03 0.42 ± 0.07
S ii+Si ii λ1259 + λ1260 1.58 ± 0.03 1.64 ± 0.03 1.79 ± 0.14
Si ii∗ λ1264 + λ1265 1.15 ± 0.03 1.05 ± 0.03 1.12 ± 0.10
Si ii∗ λ1309 0.37 ± 0.03 0.40 ± 0.02 0.14 ± 0.05
Ion Level Column densities log N(X)/cm−2 from Line Fits
Fe ii 6D9/2 (ground) b 15.72 ± 0.08c < 16.14

6D7/2
b 14.63 ± 0.06 < 14.74

6D5/2
b 14.53 ± 0.07 < 14.80

6D1/2
b 13.71 ± 0.11 –

4F9/2
b 14.66 ± 0.12 –

4F5/2
b 14.09 ± 0.24 –

4D7/2
b 13.66 ± 0.05 < 13.68

4D5/2
b 13.34 ± 0.08 < 13.91

4D3/2
b 12.95 ± 0.12 < 14.01

Ni ii 2D5/2 (ground) 14.62 ± 0.77 14.34 ± 0.05 14.33 ± 0.20
4F9/2

b 14.73 ± 0.26 -

Notes. The limits are at a 2σ confidence level.
aTime since burst, not taking into account that we use an average spectrum weighted by the
SNR of a fading source.
bAll lines are outside the spectral range of GMOS.
cThis is only the red component, which coincides with the position of the fine-structure lines.

X-shooter spectrum to estimate their effect on the z�-band measurement, and find
that the continuum emission is approximately 7% ± 1% above what is measured with
GROND. This correction factor is applied in the following. The effect on the JHKs
magnitudes is � 4 %.

The data are well fitted (χ2 = 1.6 in the optical/NIR, and Cash-statistic= 385
in the X-ray energy range, for a total of 362 dof) with a broken power law with a
low-energy spectral index β1 = 0.46 ± 0.06 and a small amount of reddening in an
SMC-like (Small Magellanic Cloud) extinction law (EB−V = 0.037 ± 0.012 mag,
corresponding to a visual extinction of AV = 0.11 ± 0.04 mag). The high-energy
spectral index β2 is tied to β1 through β2 = β1 + 0.5 as expected for synchrotron
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Figure 6.3: NIR-to-X-ray SED and model for the afterglow of GRB 111008A at an observed time of
35 ks after the GRB trigger. GROND photometry and the g�-band upper limit are shown in larger black
circles and a grey downward triangle, respectively. Swift/XRT X-ray data are plotted in smaller black
dots. The best-fit model including gas and dust absorption is shown with solid lines, while the dashed
line illustrates the underlying synchrotron emission. X-ray data have been binned to yield a S/N of at
least 8 to enhance clarity. The g�r�i�-band photometry is not fitted, because these filters are located or
extend blueward of the Lyα transition.

emission (predicted by Sari et al. 1998, and observed by Greiner et al. 2011; Zafar
et al. 2011, and Covino et al. 2013), and the best-fit soft X-ray absorption at z = 5.0
corresponds to N(H)X = (1.8 ± 0.4) × 1022 cm−2. Because of the small amount
of reddening, an LMC (Large Magellanic Cloud) dust model provides a reasonable
description of the optical/NIR data as well (χ2 = 3.8) and yields similar values for
all parameters within the errors. A fit with a Milky Way-dust model is significantly
worse (χ2 = 9.4) because of the lack of a 2175 Å dust feature in our data.
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6.4 Determining the dust extinction

Figure 6.4: The most constraining metal lines from the intervening absorber at z = 4.6. The solid
profiles are resulting Voigt profile fits with five absorption components (the dashed vertical lines show
the velocity of the absorption components). The dotted line shows the error spectrum.
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6 Metals and dust in a GRB host galaxy at redshift 5

6.5 The intervening system at z = 4.6

In the line of sight toward the afterglow of GRB 111008A an additional DLA system
is detected at z = 4.6, with a neutral hydrogen column density of log N(H i)/cm−2 =
21.34 ± 0.10 (Figure 6.1). A number of strong metal absorption lines are detected
from this system, including C iv, Mg i, Mg ii, Si ii, Si iv, Fe ii and Ni ii. We note that
the EWrest of Si ii λ1526 is the second highest ever detected for a DLA at z > 4
(EWrest = 2.30 ± 0.02 Å), indicating a relatively high metallicity for this redshift
(Prochaska et al. 2008a; Rafelski et al. 2012).

The low- and the high-ionisation lines show multiple components. Due to their
saturation, we do not include the Si iv and C iv lines in our analysis. The absorption
lines from singly ionised species are fitted with Voigt profiles, in which we assume
that the different ions have the same velocity structure, i.e., equal z and b parameters
per velocity component. In Figure 6.4 we show the best fit for the most constraining
absorption lines, which needs five components for the strongest lines. In the Voigt
profile fitting we have included more lines than shown in the figure, most of which
are not visible at this S/N, but outside regions with strong telluric contamination.
Including both strong and weak lines, predominantly of Fe ii, helps to constrain the b
parameters. For the different absorption components the Voigt profile fitting results
in the following b parameters (z values): 5.0 ± 27.7 km s−1 (4.60337 ± 0.00009),
36.4 ± 2.8 km s−1 (4.60611 ± 0.00004), 41.8 ± 2.9 km s−1 (4.60848 ± 0.00003), 45.2 ±
2.3 km s−1 (4.61110 ± 0.00003) and 10.7 ± 2.0 km s−1 (4.61337 ± 0.00002). Outside
this Section we will refer to the redshift of the intervening absorber as z = 4.6.

The total column densities of Si ii, Fe ii and Ni ii can be constrained, and are
summarised in Table 6.1. The column densities of Fe ii and Ni ii are robust because
they are determined from optically thin lines. The fit for Si ii is mainly determined
by the saturated Si ii λ1526 transition, as Si ii λ1808 is in a low-S/N region, so we
conservatively report a 2σ lower limit of log N (Si ii) /cm−2 > 14.91 based on the
equivalent width of this line.

The conservative lower limit on the metallicity based on the equivalent width
of Si ii λ1526 is 1% solar. The value of [Ni/H] indicates a metallicity of 3% − 6%
solar, and [Fe/H] corresponds to 2% − 4% solar. For QSO and GRB DLAs at these
metallicities (e.g., Dessauges-Zavadsky et al. 2006b; Prochaska et al. 2007b; Savaglio
et al. 2003) these elements (especially Ni and Fe) are often depleted onto dust grains,
which implies that the true metallicity might be (much) higher. Generally, the ratio
[Zn/Fe], if available, is used to correct for dust depletion, since Zn is expected to
be mainly in the gas phase even if a lot of dust is present. Unfortunately, for this
intervening absorber we could not reliably constrain the column density of Zn, since
Zn ii λ2026 is coincident with a skyline, and Zn ii λ2062 is blended with Cr ii λ2062.
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6.6 Searching for emission from the host and from the intervening absorber

6.6 Searching for emission from the host and from the
intervening absorber

In the night of 1 − 2 August 2013, we obtained deep imaging of the field of GRB
111008A using the ESO/VLT with FORS2 (Appenzeller et al. 1998) to search for the
counterparts of the host and for the intervening DLA in emission (as it has been done
for, e.g., GRB 070721B; see Schulze et al. 2012). Our FORS2 observations consisted
of 31 dithered exposures of 3 minutes of integration time each in the zGunn-band filter
which is centred around 9100 Å. The data were processed and calibrated in a similar
way to the GROND imaging data (see Section 6.2.3). The stacked FORS2 image has
an FWHM of the stellar point-spread function of 0.9�� and reaches a 2σ depth of a
z-band magnitude mz of 26 magAB.

We do not detect emission centred at the position of the optical transient, and
we set an upper limit of mz > 25.6 magAB for the brightness of the GRB host galaxy
by measuring the flux at the GRB position in an aperture of size of one FWHM.
Especially at the highest redshifts, GRB hosts are faint (Hjorth et al. 2012; Tanvir
et al. 2012), and the lack of a clear counterpart to the GRB-DLA in our imaging is
thus not particularly surprising.

We detect significant emission centred at a projected distance of 0.65�� ± 0.15�� to
the optical counterpart with an AB magnitude of mz = 25.4 ± 0.3. We consider this
a more likely candidate for the counterpart of the intervening DLA at z = 4.6 than
for the z = 5.0 host system. Also, finding an unrelated galaxy at these flux levels is
not unlikely. The probability (estimated following Bloom et al. 2002a) of finding a
random field galaxy with mz < 25.4 mag at this distance to the GRB is approximately
3%. An association between the detected source and the intervening DLA could be
supported or rejected based on further imaging, for example. At z = 4.6, a galaxy
is expected to show a strong Lyα break between the r and the i band and no flux
transmitted below 5100 Å.

If associated with the DLA at z = 4.6 the FORS2 z-band measurement yields
an absolute magnitude of MUV = −20.9 ± 0.3 mag at a rest-frame wavelength of
∼ 1600 Å, typical of the brightest Lyman break galaxies at this redshift. Compared
to the galaxy luminosity function, this magnitude corresponds to ≈ L� (Bouwens
et al. 2007). The measured spatial offset between GRB line of sight and galaxy centre
would be 4 ± 1 kpc at z = 4.6.

Since the intervening absorber probably has a relatively high metallicity and a
high velocity width, the chances are that this absorber is part of a massive galaxy
(Wolfe et al. 2008). This would agree with the detection of this bright Lyman break
galaxy.
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6 Metals and dust in a GRB host galaxy at redshift 5

6.7 Dust-to-metals ratio
The study of the dust-to-metals ratio (DTM) as a function of metallicity holds the
potential to probe the dust formation mechanism. If dust is primarily produced by
SNe, the DTM is expected to be independent of metallicity (Morgan & Edmunds
2003). If dust grains grow in the ISM, a decline of the DTM is expected at low
metallicities (Draine 2009; Mattsson et al. 2012; Herrera-Camus et al. 2012). The host
galaxy of GRB 111008A is characterised by a variety of metal absorption lines and the
afterglow SED is well calibrated. Thus, in this line of sight we have the opportunity
to examine the question of the DTM of the GRB host galaxy through dust extinction
along the line of sight.

For a system with a given extinction and metallicity we can calculate the DTM
relative to the Local Group value as

DTM =
1

DTMLG
× AV

NHI × 10[M/H i]
, (6.1)

where DTMLG ≡ 10−21.3 mag cm2 is the DTM in the Local Group (Watson 2011).
Recently, Zafar & Watson (2013), using different classes of objects, found that DTM
is independent of galaxy type or age, redshift, or metallicity, and is very close to the
value in the Local Group.

The measured extinction along the sight line towards GRB 111008A is affected by
the host galaxy as well as the intervening absorber. Assuming that all the extinction is
from the host galaxy and that the host galaxy has a metallicity of [M/H] = [S/H],
we find that the host galaxy has

DTM = 0.57 ± 0.26. (6.2)

We calculated the mean and the error of the DTM in a Monte Carlo fashion, where
50 000 values for both AV , log NH, and [M/H] are drawn from normal distributions
with AV = 0.11 ± 0.04 mag, log NH/cm−2 = 22.30 ± 0.06 and [M/H] = −1.70 ±
0.10. For each triplet of sampled values a DTM is calculated, and finally the mean
and the standard deviation of the 50 000 DTM-values are computed.

In Figure 6.5 we plot the DTM versus the metallicity for the GRB 111008A host
with GRB-DLAs, QSO-DLAs, nearby lensed galaxies, and with the value found in the
Local Group (see Zafar & Watson 2013 and Chen et al. 2013 for details). Given the
uncertainty in AV , the host has a DTM, that – within a 1σ error bar – is consistent with
the DTM observed in the Local Group. Our data are also consistent with the scenario
where the host has a much lower DTM than the Local Group, especially if part of the
extinction along the line of sight is due to the intervening absorber at z = 4.6.
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Figure 6.5: Dust-to-metals ratio (DTM) vs. metallicity. The dashed line shows the Local Group (LG)
value, and the dotted lines indicate the scatter in the Local Group. The host of GRB 111008A, which is
shown as a black triangle, has a DTM that is consistent with being equal to or lower than the value in the
Local Group. The other data points are from Zafar & Watson (2013) and Chen et al. (2013).

6.8 Discussion

6.8.1 The GRB host galaxy
The abundance analysis shows that the metallicity of the GRB host absorber is rela-
tively low (about 2% solar metallicity) compared to that of the other GRB-DLAs at
z > 4.5 (GRB 100219A and GRB 050904), see Figure 6.6. The relative abundances are
close to solar, as shown in Table 6.1, but we are unable to address whether the metals
are depleted onto dust grains, since we have no reliable measurement of [Zn/Fe]
(typically decreasing with metallicity in both QSO- and GRB-DLAs: Wolfe et al.
2005; Savaglio et al. 2003; Dessauges-Zavadsky et al. 2006b; Prochaska et al. 2007b;
Noterdaeme et al. 2008; Rafelski et al. 2012), which is normally used to determine the
amount of dust depletion.

In Figure 6.7 the two high-z GRBs 100219A and 111008A (i.e., the only two
GRBs with z > 4.7 and measured metallicities with errors smaller than 0.5 dex)
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6 Metals and dust in a GRB host galaxy at redshift 5

Figure 6.6: Absorption-line-based metallicities [M/H] as a function of redshift for GRB-DLAs (filled
symbols) and QSO-DLAs (open symbols). The figure is adapted from Rafelski et al. (2012), with added
GRB-DLAs from the following references: Savaglio et al. (2003); Vreeswijk et al. (2004); Fiore et al.
(2005); Kawai et al. (2006); Watson et al. (2006); Berger et al. (2006); Prochaska et al. (2007a); Price
et al. (2007); Chary et al. (2007); Thöne et al. (2008); Prochaska et al. (2009); D’Avanzo et al. (2010);
D’Elia et al. (2010b); Schady et al. (2011); De Cia et al. (2011); Savaglio et al. (2012); D’Elia et al.
(2012); Thöne et al. (2013); Krühler et al. (2013); Chornock et al. (2013) and D’Elia et al. (2014). (For
the measurement of the metallicity of GRB 130606A from Chornock et al. (2013) the lower limit is
based on Si and the upper limit is based on S. We have indicated this by the colours of the error bar
belonging to this data point. See Figure 8.1 for the same plot including our own measurement from
Chapter 7 for this burst.) Following Rafelski et al. (2012), we apply [M/H] = [Fe/H] + 0.3 in cases
where the metal is iron, and no less refractory element abundance is measured (this correction is also
applied to the intervening absorber in the GRB 111008A sight line).

are compared to the recently measured QSO-DLA metallicities (from Rafelski et al.
2014) at similar redshifts. The GRB metallicities fall within the range spanned by
QSO-DLAs, but typically in the upper end of the distribution. This trend is also
present at lower redshift (Fynbo et al. 2008). This phenomenon can be explained by
the fact that GRB afterglows generally probe the star-forming “hearts” of galaxies,
while QSO-DLAs have a higher chance to probe the (less metal-rich) outskirts of
galaxies (see, e.g., Prochaska et al. 2007b; Lemasle et al. 2013). It is remarkable,
however, that the metallicity of GRB-DLAs does not seem to be as redshift dependent
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Figure 6.7: Comparison of the metallicity of the two high-redshift GRBs 100219A and 111008A with
the 17 QSO-DLAs at 3.64 < z < 5.08 from Rafelski et al. (2014). The two GRB-DLAs are clearly in the
upper part of the metallicity distribution of QSO-DLAs, a trend which is also present at lower redshift.

as the metallicity of QSO-DLAs. At lower redshifts the H i column density of GRB
absorbers is much larger than that of QSO-DLAs.

Concerning α-element overabundance, Rafelski et al. (2012) argue that the α-to-
iron-group abundance ratios in QSO-DLAs are consistent with those of halo stars in
the Milky Way. Unfortunately, with the lack of a reliably determined column density
of zinc, we cannot distinguish the scenario where dust depletion and α-element
overabundance both are present from the scenario where α-element overabundance
and dust depletion both are absent. The AV , however, is low even we do not take into
account the intervening absorber. This suggests that there probably is no dust in the
host.

The afterglow spectrum of the high-redshift GRB 100219A (z = 4.7) studied by
Thöne et al. (2013) reveals a substantially higher metallicity of [M/H] = −1.0 ± 0.1
and evidence for either depletion on dust grains or a strong α-element overabundance
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6 Metals and dust in a GRB host galaxy at redshift 5

([S/Fe] = 0.8). The GRB 100219A absorber is also substantially more complex
with five velocity components spread over 160 km s−1, whereas we only require two
components separated by 70 km s−1 to fit the metal lines from the GRB 111008A
absorber. Higher velocity widths for GRB 100219A compared to GRB 111008A are
also expected due to the relation between velocity width and metallicity (Ledoux et al.
2006a; Neeleman et al. 2013).

The study by Rafelski et al. (2014) measures metallicities of 17 QSO-DLAs with
z = 3.64 − 5.08. They show that the metallicity of QSO-DLAs decreases rapidly at
z > 4.7, likely because the state of the gas in the outer part of DLA galaxies changes
at this redshift. It is unknown whether GRB-DLAs exhibit the same trend. So far the
only GRB-DLAs with a well-determined metallicity at z > 4.7 are GRB 111008A and
GRB 100219A. Since GRB-DLA sight lines have a different origin than QSO-DLAs
it is not evident whether or not a similar decline in the metallicity of GRB-DLAs is
present.

6.8.2 The intervening DLA
The z = 4.6 intervening DLA absorber has a high neutral hydrogen column density,
which is consistent with being among the highest column densities of the 18 QSO-
DLAs observed at similar high redshifts by Rafelski et al. (2014). A high relatively
metallicity is indicated by the large equivalent width of Si ii λ1526. This suggests
that this is not a typical intervening system likely associated with the outer regions
of the absorber (Prochaska et al. 2007b). It is possible that the line of sight toward
the GRB crossed inner parts of the foreground absorber, thus showing higher column
densities and metallicity. Further observations can potentially reveal the nature of the
intervening absorber.

6.9 Summary
With spectroscopy of the GRB 111008A afterglow we have a rare chance of studying
the properties of a sight line originating in a star-forming region of a z = 5.0 galaxy.
By analysing absorption lines from the SIM of the GRB’s host galaxy, a metallicity
of [S/H] = −1.70 ± 0.10 is measured, and from fitting the SED the dust extinction
is determined to be AV = 0.11 ± 0.04 mag. The DTM is similar to or lower than
what is observed in the Local Group. Determination of the DTM of such high-
redshift environments is important, since it can potentially constrain dust production
mechanisms.

GRB 111008A offers two noteworthy features: it is the highest redshift GRB
host galaxy with such a precise metallicity measurement, and it is also the first time
fine-structure lines from Fe ii have been observed at such a high redshift. This is
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6.A The issue of saturation for the S ii λ1253 transition

special because the S/N required to detect the relatively weak fine-structure lines is
often not reached for these distant sources. Their presence unambiguously confirms
the absorption system as the GRB’s host galaxy.

In the sight line toward the GRB is also a DLA at z = 4.6. The metallicity of
this system is constrained by [Si/H]> −2.15 at a 2σ limit, [Fe/H]= −1.61 ± 0.17
and [Ni/H] = −1.33 ± 0.12. The role of dust depletion is unclear. With photometric
observations of the field surrounding the GRB’s position performed roughly two years
after explosion we detect emission from a source, which could be the intervening
system. The offset between the detected source and the GRB sight line would be 4± 1
kpc at the redshift of the intervening DLA. Deeper observations in different bands
could potentially reveal whether or not this source is related to the intervening DLA at
z = 4.6.
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6.A The issue of saturation for the S ii λ1253 transition
In Section 6.3.1 it is mentioned that the S ii λ1253 transition is mildly saturated.
To clearly address the issue of saturation for this transition, we developed a multi-
component line fitting code, where the Monte Carlo Markov Chain (MCMC) package,
Emcee (Foreman-Mackey et al. 2013), is used as the fitting method. Such MCMC
algorithms are ideal for cases with degenerate models. A fit is performed for Ni ii
λ1370 and S ii λ1253. In the MCMC run we use a flat prior with 8 < b(km s−1) < 40
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Figure 6.8: 1σ, 2σ and 3σ confidence levels (solid, dotted and dashed contours, respectively) for the
Doppler parameters and the column densities for S ii and Ni ii. The grey contours show regions of
constant equivalent width.

and 12 < log N/cm−2 < 19 for both S and Ni. Again, we use two absorption
components for each transition, and the b- and z-values are linked between Ni ii λ1370
and S ii λ1253. We sample 96 000 points from the likelihood function after a burn-in
of 32 000 points (to ensure convergence of the chain).

In Figure 6.8 the 1σ, 2σ and 3σ contours are shown for the b- and N-values, as
well as contours of constant equivalent width. For Ni ii λ1370 the column density
is well constrained for both components5. For S ii λ1253 the blue component has a
well-constrained column density, whereas the red component is saturated (the column
density can vary by four orders of magnitude within the 2σ confidence interval).

For Ni ii λ1370 the difference in log N for the two components is relatively small
(for the blue component log N/cm−2 is only 0.1 dex lower than for the red component).
Assuming the same difference in log N/cm−2 for the two components of S ii λ1253,
we derive log N/cm−2 = 15.79 ± 0.08, which is clearly consistent with the value
reported in Table 6.1. Thus, the column density of S ii can be reliably determined even
though one of the components is saturated.

Finally, we note that the blue component has a larger b-value than the red com-
ponent in the model in the present Section. This is contradicting the results from
Section 6.3.1, where the red component has a larger b-value than the blue compo-
nent. The explanation is that more absorption lines are included in the model in
Section 6.3.1. If we remove all other absorption components than S ii and Ni ii from
the model in Section 6.3.1, we get b = 22.8 ± 4.0 km s−1 for the blue component and

5Note that here the contribution from fine-structure lines is not included in the column density of
nickel (unlike in Table 6.1, where it is included).

184



6.B The effect a third absorption component

b = 15.6 ± 4.3 km s−1 for the red component, which is consistent with the b-values
from the present Section. In all cases (i.e., in the MCMC model, and in the two VPFIT
models) we obtain column densities that are consistent with each other, so this is not
an important caveat.

6.B The effect a third absorption component
An assumption in the above derivation of the sulfur column density is that there are
only two absorption components. We will now discuss how a third hidden component
would affect the derived column density of sulfur. The red component of S ii λ1253 is
mildly saturated, and it would therefore be possible to add a narrow line with the same
redshift as the red component without affecting the way the spectrum looks. We could
for example add an extra component with b = 10 km s−1 and log N/cm−2 = 16.3
without affecting the spectrum, if the component has a redshift coinciding with the
red component.

The blue component is not saturated, so here it is not possible to add such a com-
ponent without heavily modifying the spectrum. The situation is therefore the same
as in Figure 6.8; the blue component is reliably determined, and the red component
is uncertain because it is saturated, so we can only derive the total column density
under the assumption that the ratio between the column density of the blue and the red
component is the same as for nickel. Our conclusion is that the probability that large
column densities are present in a hidden saturated component is low.
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6 Metals and dust in a GRB host galaxy at redshift 5

6.C The X-shooter spectrum
Figures 6.9 and 6.10 show absorption lines in the normalised X-shooter spectrum for
the VIS and NIR arms.
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Figure 6.9: VIS spectrum of GRB 111008A. The yellow circles mark telluric features, the brown marks
show absorption lines from the GRB host galaxy, and the blue marks show absorption features from the
intervening system at z = 4.6. The spectrum is shown in black, and the error spectrum is shown in grey.
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CHAPTER7
Spectroscopy of the afterglow of GRB 130606A:

chemical abundances and reionisation at redshift 6
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Abstract

The reionisation of the universe is a process that is thought to have ended around
z ∼ 6, as inferred from spectroscopy of distant bright background sources such as
quasars (QSO) and gamma-ray burst (GRB) afterglows. Furthermore, spectroscopy of
a GRB afterglow provides insight in its host galaxy, which is often too dim and distant
to study otherwise.

For GRB 130606A at z = 5.913 we have obtained a high S/N spectrum covering
the full optical and near-IR wavelength region at intermediate spectral resolution with
VLT/X-shooter. We aim to measure the degree of ionisation of the IGM between
z = 5.02 − 5.84, and to study the chemical abundance pattern and dust content of the
GRB host galaxy.

We estimate the UV continuum of the GRB afterglow using a power-law extrapo-
lation, then measure the flux decrement due to absorption at Lyα, β and γ wavelength
regions. Furthermore, we fit the shape of the red damping wing of Lyα. The hydrogen
and metal absorption lines formed in the host galaxy are fitted with Voigt profiles to
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7 Spectroscopy of the afterglow of GRB 130606A

obtain column densities. We investigate whether ionisation corrections need to be
applied.

Our measurements of the Lyα-forest optical depth are consistent with previous
measurements of QSOs, but have much smaller uncertainty than these. The red-
damping-wing analysis yields a neutral fraction xH i < 0.03 (3σ confidence limits).
We obtain column density measurements of H, Al, Si, and Fe; for C, O, S and Ni we
obtain limits. The ionisation due to the GRB is estimated to be negligible (corrections
< 0.03 dex), but larger corrections may apply due to pre-existing radiation field (up
to 0.3 dex based on sub-DLA studies from literature). Assuming that [Si/Fe] =
+0.79 ± 0.13 is due to dust depletion, the dust-to-metals ratio is similar to the Local
Group value.

Our measurements confirm that the Universe is already predominantly ionised
over the redshift range probed in this work, but was slightly more neutral at z > 5.6.
GRBs are useful probes of the IGM ionisation state of the early Universe, but because
of internal scatter we need a larger statistical sample to draw robust conclusions.
The high [Si/Fe] in the host can be due to dust depletion, α-element enhancement
or a combination. The very high value of [Al/Fe] = 2.40 ± 0.78 might be due to a
proton capture process and is probably connected to the stellar population history. We
estimate the host metallicity to be −1.5 < [M/H] < −1.2 (3% − 6% of solar).
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7.1 Introduction

7.1 Introduction
The potential of gamma-ray bursts (GRBs) as probes of star formation and the physics
of the inter-galactic medium (IGM) back to the epoch of the first galaxies was ap-
preciated very early in the so-called afterglow era (e.g., Wijers et al. 1998; Lamb &
Reichart 2000; Ciardi & Loeb 2000). This promise has been bolstered by the rapid
increase in the highest recorded spectroscopic redshift for GRBs from z = 4.5 in 2000
to z = 8.2 in 2009 (Andersen et al. 2000; Tanvir et al. 2009; Salvaterra et al. 2009).
There are three main objectives in using GRBs to probe star formation and the IGM at
high redshifts: to measure chemical abundances in very “primitive” conditions (e.g.,
dominated by Population III stars, Price et al. 2007; Wang et al. 2012, Chapter 6),
to measure the neutral fraction of the IGM from the shape of the red damping wing
(e.g., Miralda-Escudé 1998; Totani et al. 2006; Xu & Wei 2009; Greiner et al. 2009;
Patel et al. 2010), and to pinpoint locations of star formation (Berger et al. 2007;
Ruiz-Velasco et al. 2007; Tanvir et al. 2012). The last objective advances with each
new detection, but especially for the first two objectives the full potential is still far
from realised.

GRB afterglows can be extremely bright, but also fade very rapidly. In order to
obtain high-quality spectra, rapid follow-up at the largest optical telescopes is required.
Primarily thanks to the Swift mission (Gehrels et al. 2004), studying the high-redshift
universe though GRB afterglows has progressed well over the last years (e.g., Kawai
et al. 2006; Price et al. 2007; Ruiz-Velasco et al. 2007; Thöne et al. 2013, Chapter 6).
Traditionally, high-redshift galaxies are selected as Lyman-break galaxies (LBGs,
Giavalisco 2002; Steidel et al. 2003), Lyα emitters (Stark et al. 2010; Ono et al. 2012;
Pentericci et al. 2014) and damped Lyα absorbers towards quasars (QSO-DLAs, Wolfe
et al. 2005). GRB host galaxies studied in absorption through afterglows (sometimes
referred to as GRB-DLAs) are analysed using similar methods as those applied to
QSO-DLAs, but intrinsic and observational biases are very different between these
two classes of objects (see e.g. Prochaska et al. 2007b; Fynbo et al. 2008). Contrary
to e.g. LBGs, GRB host galaxies are not selected by their brightness, which provides
the opportunity to explore a different range of luminosities and therefore high-redshift
galaxies of different size and mass.

In this Chapter we present spectroscopic observations of the afterglow of the z =
5.913 GRB 130606A obtained with X-shooter on the European Southern Observatory
(ESO) Very Large Telescope (VLT). The objective of the Chapter is to address the
issues of chemical abundances in the host galaxy and the ionisation state of the IGM.
Independent analyses of this event, though using data at significantly lower spectral
resolution and with smaller wavelength coverage, can be found in Chornock et al.
(2013), Castro-Tirado et al. (2013a) and Totani et al. (2014). Our results are discussed
in the context of the results from these earlier reports. The superior resolution and
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7 Spectroscopy of the afterglow of GRB 130606A

wavelength range we achieve with the data presented here, with the associated ability
to perform direct line fits for abundances, provide the motivation for this Chapter.

For the cosmological calculations we assume a ΛCDM universe with ΩΛ = 0.73,
Ωm = 0.27, and H0 = 71 km s−1 Mpc−1 from the Wilkinson Microwave Anisotropy
Probe (WMAP) seven-year data (Komatsu et al. 2011). Magnitudes are in the AB
system. Column densities are given as log(N/cm−2). We use 1σ error bars unless
explicitly noted otherwise.

7.2 Observations

GRB 130606A was detected by Swift on June 6 at 21:04:39 UT (Ukwatta et al. 2013).
The burst was relatively long with a T90 duration of 277± 19 s (Barthelmy et al. 2013).

We first observed the field of GRB 130606A with the Nordic Optical Telescope
(NOT) equipped with the MOsaic CAmera (MOSCA) in the r-band (3 × 200 s). See
Table 7.1 for a log of the observations, including those obtained with the Telescopio
Nazionale Galileo (TNG). Observations started at 20:35 UT or 0.5 hr after the GRB
trigger (Ukwatta et al. 2013; Xu et al. 2013c). Consistent with the Swift/XRT position
(Osborne et al. 2013) we detected a new source with an r-band magnitude of 20.8 mag
at RA (J2000) = 16h37m35.188s, Dec (J2000) = +29◦47�47.03�� (Xu et al. 2013c).
The source coincided with the one reported by Jelinek et al. (2013). Observations in
the near-infrared revealed that the afterglow was extremely bright (Ks = 15.0 about
half an hour after the burst; Nagayama 2013a,b). We observed the field again 3 hr
later with NOT/MOSCA in the r and i-bands. In Figure 7.1 we show our i-band image
compared to a pre-explosion image from the Sloan Digital Sky Survey. It soon became
clear through spectroscopy and multi-band photometry from a number of observatories
that GRB 130606A was a very distant GRB (Castro-Tirado et al. 2013b; Lunnan et al.
2013; Afonso et al. 2013). We subsequently acquired a medium resolution spectrum
with the X-shooter spectrograph mounted at the ESO/VLT (Vernet et al. 2011), using
nodding mode with 1 × 2 binning (i.e., binning in the dispersion direction, Xu et al.
2013b). Because we used a K-band blocking filter to increase the signal-to-noise
ratio (S/N) at shorter near-IR wavelengths, the spectral coverage extends from 3000 to
about 20 000 Å, corresponding to 430 − 2900 Å in the GRB rest frame. Observation
started at 03:57:41 UT on 7 June, 2013 (see Table 7.1). Given that the atmospheric
dispersion corrector was not working at the time of the observation, we aligned the
slit according to the parallactic angle and spread the observation over three observing
blocks (OBs) of each 2× 600 s in the UVB, VIS and NIR arm, respectively. After each
OB, we reset the position angle to the new parallactic angle to minimise flux losses in
the UVB and VIS arm. The mid exposure time is 7.829 hr post burst (Xu et al. 2013b).
The slit widths were matched to the seeing conditions, i.e. we chose a 1.0��, 0.9��, and
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7.2 Observations

Table 7.1: Top: of of the NOT and TNG observations with (1) mid-time of observations (2) time since
the burst (3) exposure time (4) seeing (5) filter and (6) measured magnitude. Bottom: main parameters
of the VLT/X-shooter observations, frame by frame, with (1) mid-time, (2) exposure time, (3) average
airmass, (4) average seeing measured in the VIS and NIR 2D spectra. The last line contains the average
values for the VLT/X-shooter observations.

NOT and TNG

Mid-time TGRB Exptime Seeing Filter Magnitude
UTC (day) (s) (��) (AB mag)

June 6.89179 0.01356 30 1.6 NOT/r 20.51 ± 0.06
June 6.89434 0.01611 30 1.6 NOT/r 20.79 ± 0.06
June 6.89727 0.01904 300 1.6 NOT/r 20.90 ± 0.03
June 6.90137 0.02314 300 1.8 NOT/r 21.19 ± 0.04
June 7.02835 0.15012 300 1.1 NOT/i 19.83 ± 0.03
June 7.03241 0.15418 300 1.1 NOT/r 22.93 ± 0.08
June 7.90616 1.02793 5×300 0.7 NOT/z 21.02 ± 0.03
June 7.92510 1.04687 4×300 0.7 NOT/i 23.37 ± 0.08
June 8.15646 1.27823 7×180 1.1 TNG/i 23.99 ± 0.14
June 8.17616 1.29793 7×180 1.1 TNG/z 21.50 ± 0.04
June 10.1230 3.24474 3×600 0.8 TNG/z 22.26 ± 0.14
June 12.0047 5.12648 8×300 0.6 NOT/z > 22.70

VLT/X-shooter

Mid-time TGRB Exptime Airmass Seeing
UTC (day) (s) (��)

June 7.17990 0.30167 600 1.72 1.2 - 0.9
June 7.18809 0.30986 600 1.72 1.2 - 0.9
June 7.19899 0.32076 600 1.73 1.2 - 0.9
June 7.20707 0.32884 600 1.74 1.2 - 1.0
June 7.23147 0.35324 600 1.77 1.4 - 1.2
June 7.23955 0.36132 600 1.88 1.1 - 0.9

Average values
June 7.20751 0.32928 600 1.76 1.22 - 0.97
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Figure 7.1: The 80�� × 80�� field around the position of GRB 130606A in the i-band. The left panel
shows a pre-explosion image from the Sloan Digital Sky Survey and the right panel our i-band image
obtained with the NOT 3.5 hr after the burst. North is up and East is to the left.

0.9�� slit in the UVB, VIS, and NIR arm, respectively. For this given instrument setup,
the nominal resolving power R = λ/∆λ is 5100, 8800, and 5300 in the UVB, VIS
and NIR, respectively. For the VIS and NIR spectra we could directly measure the
resolving power from the width of telluric absorption lines and find it to be 8700 and
6200, respectively. The NIR resolving power is higher than the nominal one because
during most of the observations the seeing in this wavelength range was smaller than
the slit width. The UVB spectrum shows no afterglow signal, as expected, given that
the coverage of this arm falls below the Lyman break at the redshift of the GRB, and
is not discussed further in the remainder of this Chapter.

VLT/X-shooter data were reduced with the X-shooter pipeline version 2.2.01

(Goldoni 2011). The wavelength binning was chosen to be 0.2 Å/px in the VIS, and
0.6 Å/px in the NIR. All spectra were flux calibrated with the spectrophotometric
standard star LTT3218. We transformed the wavelength solution to vacuum, and to the
heliocentric frame. We corrected the VIS and NIR spectra for telluric absorption using
the spectra of the telluric standard Hip095400 observed just after the afterglow with
the same slit width and at a similar airmass. The telluric corrections built with those
spectra were applied with the Spextool software (Vacca et al. 2003). This corrected
version was only used for line measurements in contaminated regions, because in
unaffected regions, the uncorrected results showed a slightly higher S/N.

1
http://www.eso.org/sci/software/pipelines/
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7.3 Results

Figure 7.2: The afterglow spectral energy distribution. The red spectrum is the X-shooter spectrum, the
filled circles on the left are the GROND photometric points (Afonso et al. 2013) and the data points on
the right are the (binned) Swift/XRT points. The solid line is the synchrotron spectrum with interstellar
absorption, while the dashed line shows the unabsorbed synchrotron spectrum with best fit β = 1.02.

7.3 Results

7.3.1 Astrometry
Based on the i-band image shown in Figure 7.1 we determine the position of the
afterglow of RA (J2000) = 16h37m35.143s, Dec (J2000) = +29◦47�46.62�� calibrated
to the USNO-A2.0 catalog (Monet et al. 1998). The estimated error on the absolute
position is 0.3�� (Deutsch 1999). The position relative to stars in the field is much
more precise with an uncertainty of about 0.05��.

7.3.2 SED fitting
We construct a broad-band spectral energy distribution (SED) for the afterglow of
GRB 130606A spanning the wavelength range from the NIR K-band to the X-ray
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7 Spectroscopy of the afterglow of GRB 130606A

energy range. Here, we follow the methodology outlined in Krühler et al. (2011)
and use the X-shooter spectroscopy, photometric data from the Gamma-Ray Burst
Optical/Near-Infrared Detector (GROND) as given in Afonso et al. (2013) and public
X-ray data from the Swift/X-Ray Telescope (XRT) repository (Evans et al. 2007,
2009). We correct for the Galactic foreground extinction of AV ,Gal = 0.08 (Schlegel
et al. 1998; Schlafly & Finkbeiner 2011).

After scaling the NIR spectroscopy to the photometry (data bluewards of Lyα
are not fitted) to account for slit-losses and different observing times, the complete
data set is well described with a single power-law continuum Fν ∝ ν−β with index
β = 1.02 ± 0.03, without evidence for reddening towards the GRB in addition to the
Galactic component (see Figure 7.2).

We set a 3σ upper limit of AV < 0.2 mag at ∼ zGRB assuming local extinction
laws from the SMC, LMC or MW (Pei 1992). The intrinsic X-ray absorption is also
consistent with zero; given the GRB’s high redshift we obtain a 3σ upper limit of
NX

H < 3 × 1022 cm−2.

7.3.3 Analysis of the red damping wing
We use the SED obtained in Section 7.3.2 to normalise the spectrum. The normalisa-
tion is generally much more secure for GRB afterglows, which are intrinsically simple
power-laws (pure synchrotron emission), compared to the more complex spectra of
QSOs. To constrain the ionisation state of the IGM we follow Miralda-Escudé (1998)
and Totani et al. (2006) and make a joint fit of the hydrogen column density in the
GRB host galaxy, log NH i, and the neutral fraction of the IGM, xH i. In this analysis
we assume a constant neutral fraction xH i between z = 5.8 (the results are not very
sensitive to this value) and z = 5.91248, the redshift of the GRB that follows from
fitting a Voigt profile to the Lyα absorption line (see Section 7.3.4 and Table 7.2).
Each model specified by log NH i and xH i is normalised to the observed spectrum at
8730 Å. The χ2 sum is calculated over the region 0 to 2000 km s−1 with respect to Lyα.
We perform the fit for three different slopes of the underlying afterglow continuum,
β = 0.96, 1.02, 1.08 corresponding to the ±2σ allowed region for the spectral slope
(Section 7.3.2). The minimum χ2 is reached for a fit with xH i = 0 (xH i < 0.03 at 3σ
significance) and log NH i = 19.94 ± 0.01. The best fit to the Lyα red wing can be
inspected in Figure 7.3 and the 1, 2 and 3σ confidence regions in Figure 7.4.

7.3.4 Metal absorption lines
In Figures 7.11 and 7.12 we show the afterglow spectrum redwards of the Lyα
absorption line at 8400 Å up to 18 000 Å, which marks the end of the H-band. The
spectrum has a relatively high S/N (∼ 20 per 0.2 Å pixel in VIS redwards of Lyα;
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Figure 7.3: The top panel shows spectral region around the Lyα feature with our best fit to the red wing
overplotted in red. The model consists of a fully ionised intergalactic medium and a column density in
the GRB host of log NH i = 19.94 ± 0.01. The 1σ noise is plotted as a dotted line. The bottom panel
shows the residuals from the fit with the ±1σ region marked with a dotted line. The skyline residual in
the bottom of the Lyα line should not be interpreted as Lyα emission.

Figure 7.4: 1, 2 and 3σ contours for a joint fit of the neutral hydrogen column density in the host galaxy,
log NH i, and the neutral fraction of the intergalactic medium, xH i. The fit has been performed for 3
different normalising power-law SEDs: β = 0.96, β = 1.02 (best fit), and β = 1.08. The red dot marks
where the peak likelihood is reached.
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7 Spectroscopy of the afterglow of GRB 130606A

∼ 10 per 0.6 Å pixel in NIR), and many metal absorption lines are detected. Most of
these are from the host galaxy, but there is a large number of intervening absorbers,
see Section 7.3.5.

To determine the host-galaxy metal abundances we proceeded with Voigt-profile
fits to the metal lines around z = 5.913, with vpfit version 10.02. A Voigt-profile
fit to the red wing of the Lyα absorption lines results in log NH i = 19.925 ± 0.019;
the blue wing is not visible due to ionisation in the IGM (see Section 7.3.6). This is
consistent with the value from the combined fit for log NH i and xH i (Section 7.3.3);
for the remainder of this analysis we adopt log NH i = 19.94 ± 0.01. Following the
log NH i distinctions for QSO absorbers, this system is formally a sub-DLA, but only a
factor of two below the DLA threshold (e.g., Wolfe et al. 2005).

We detect metal absorption lines of both low and high ionisation. We assume that
the redshift z and Doppler parameter b of a specific velocity component is the same
for all metal lines of neutral, singly and doubly ionised species. This assumption is
commonly made for absorption spectra at intermediate spectral resolution. The z and b
of components in the N v lines are not constrained to be the same as those of the low-
ionisation species, because these species are expected to reside in different locations
(see Section 7.3.4.1). The resulting Voigt-profile fits are shown in Figure 7.5. C iv and
Si iv are not included in the overall fit with free z and b due to their strong saturation,
but we have assumed the same velocity structure as N v, and left the column densities
free to fit. They are shown for completeness. Table 7.2 shows the redshifts and b
parameters of the Lyα line and the components of the metal lines that follow from the
fits. Because the values of b indicate that the velocity broadening is mostly due to
turbulent motion of the gas, and not due to temperature, we do not weight the b values
with the ion mass. In fitting the ensemble of lines we also include undetected lines, as
long as they are in regions without strong telluric contamination, in order to constrain
the b values, and reduce the effect of (hidden) saturation. We have taken into account
contributions from intervening absorbers, for details on these see Section 7.3.5.

Table 7.3 shows the resulting column densities for several ion species and states,
per component, total, and in the metallicity notation [X/H] ≡ log(N(X)/N(H))GRB−
log(n(X)/n(H))⊙ based on the total column density, and using reference solar abun-
dances n from Asplund et al. (2009) following the recommendations by Lodders et al.
(2009). These numbers are not corrected for ionisation or dust-depletion effects; see
respectively Sections 7.3.4.3 and 7.3.4.4.

2
http://www.ast.cam.ac.uk/~rfc/vpfit.html

198

http://www.ast.cam.ac.uk/~rfc/vpfit.html


7.3 Results

Figure 7.5: Voigt-profile fits to the host-galaxy metal lines. We label the intervening metal lines (see
Section 7.3.5) that contaminate the host galaxy lines; their contribution to the observed profile is taken
into account. In orange we show a high-resolution atmospheric transmission spectrum for the observing
site for an airmass of 1.50, slightly lower than that of our observations (see Table 7.1). Residuals such as
those close to the Fe ii lines are due to subtracted telluric emission lines.
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7 Spectroscopy of the afterglow of GRB 130606A

7.3.4.1 Kinematic structure of absorption lines

Table 7.2 gives the redshifts and b parameters of the three components of low- (2,
4, 5) and high-ionisation lines (1, 3, 6), and their relative velocity. In C ii, Si ii and
Fe ii lines we find that component 4 is stronger than 5, while this is opposite in Al ii
and Al iii, which show structures that are very similar to one another. N v shows
a very different structure, which is broader, and where the absorption is strongest
at highest relative velocities. The N v lines are not significantly affected by lines
from intervening absorbers (see Section 7.3.5). High-ionisation lines such as N v are
common in GRB afterglow spectra (see e.g., Fox et al. 2008). Prochaska et al. (2008b)
find that 6 out of 7 GRB afterglow spectra show N v absorption, and the majority has
N(Nv) ≥ 1014cm−2; for GRB 130606A we find log(N(Nv)/cm−2) = 14.59± 0.03.
However, in GRB afterglow spectra, these features are usually kinematically ‘cold’:
the lines are narrow and have velocity offsets δv � 20 km s−1 with respect to where
the neutral gas is located. The spectral resolution of our data is not high enough to
make strong statements about the width of the lines but we do see a much larger offset:
δv � 60 km s−1 for the bulk of the N v absorption. In QSO-DLAs the detection rate of
N v is much lower, and the lines are weaker (Fox et al. 2007; Prochaska et al. 2007c).

The velocity width of optically thin lines, ∆V , is sensitive to the stellar mass of
the host galaxy (Christensen et al. 2014); therefore, together with the metallicity of
the gas, it can be used to explore the evolution of the mass-metallicity (MZ) relation
of galaxies from high redshifts to the local universe (e.g., Ledoux et al. 2006a). In a
recent study, Møller et al. (2013) found that the redshift evolution of the MZ relation
for QSO-DLAs is flat in the early universe but that it features a break at a redshift
z ∼ 2.6 after which it has a steep evolution (see Figure 7.6). Neeleman et al. (2013)
reported a slightly flatter slope but found no evidence for a break. Arabsalmani et al.
(2014) investigated if DLAs of GRB host galaxies follow a similar relation. Based
on all the possible tests they could perform they concluded that all evidence points
towards GRB-DLAs following the same relations as QSO-DLAs. From their sample
they also found that the evolution including a break (Møller et al. 2013) presented a
better fit (probability 100:6) than the flatter evolution with no break (Neeleman et al.
2013).

Using the definition by Prochaska & Wolfe (1997b), ∆V is the width in velocity
space containing 90% of the total optical depth of a line. For GRB 130606A we
measure ∆V = 120 ± 1 km s−1 from the Si ii λ1526 transition, which is the best line
available for this analysis according to the criteria set by Ledoux et al. (2006a).
For a wider selection of lines (loosening these criteria) we find on average ∆V =
140 ± 25 km s−1, which is in agreement with the value of Si ii λ1526. GRB 130606A
is the highest redshift object for which ∆V is determined and it is therefore well suited
to address whether there is a break in the evolution of the MZ relation or not. We have
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Figure 7.6: Results from Møller et al. (2013) with included the high-redshift measurement of
GRB 130606A. [M/H]100 km/s is the metallicity expected for DLAs with ∆V = 100 km s−1, based
on the overall mass-metallicity relation. The data of Møller et al. (2013) (black filled circles) favour a
break in the evolution of the mass-metallicity relation at z ∼ 2.6 (dashed red line), which is also supported
by our measurement of GRB 130606A (blue square). Assumed for this point are ∆V = 120 km s−1 and
[M/H] = −1.33+0.13

−0.17 ; see text.

included GRB 130606A into Figure 7.6 and keeping in mind that this is only a single
point of a relation which has a significant internal scatter (0.38 dex in [M/H]), it is
clearly seen that it is consistent the evolution with a break as reported in Møller et al.
(2013). The metallicity adopted here is [M/H] = −1.33+0.13

−0.17 , which will be discussed
in Section 7.4.2. The Neeleman et al. (2013) relation (less steep and with no break)
predicts a much lower metallicity for this ∆V: [M/H] = −2.25 ± 0.75. This value is
marginally in agreement with our metallicity measurement thanks to the large scatter.
We have repeated the analysis of Arabsalmani et al. (2014) including our new data
point at z=5.9 and find that the relative probability now is 100:3 (with break: without
break).
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7.3.4.2 Fine-structure and metastable lines

Absorption lines from Si ii 2P◦3/2 (Si ii∗), that were first detected in a high-z GRB
spectrum by Kawai et al. (2006), are also detected in GRB 130606A, and indicate
that a considerable fraction of these ions are in an excited state (32% of total Si ii; see
Table 7.3). However, fine-structure and metastable lines from Fe ii and Ni ii, which
are also usually present in high S/N GRB afterglow spectra (see e.g., Vreeswijk et al.
2007, Chapter 5), are not convincingly detected here. By assuming that these lines
have the same velocity structure (i.e. keeping z and b fixed) as the resonance lines, we
have estimated upper limits on the gas-phase column densities of Fe ii 6D7/2 (Fe ii∗)
and Ni ii 4D9/2 (Ni ii∗), which are listed in Table 7.3. A likely explanation of why
these lines are absent is that the host of GRB 130606A is a relatively weak absorber
for a GRB host (not even a DLA), and that the populations of the ground state level of
these excited ions are already very low due to the combined effect of a low gas column
and dust depletion (Section 7.3.4.4).

7.3.4.3 Ionisation correction

Because the neutral hydrogen column density is relatively low (sub-DLA), the hydro-
gen and the metals in the interstellar medium (ISM) are less shielded from ionising
photons than in a DLA. As a result, the assumption that the overwhelming majority of
an element is in a single neutral or lowly ionised state (e.g., NSi ii/NH i = NSi/NH),
which is valid for DLAs (Vladilo et al. 2001; Prochaska et al. 2002), might not hold
for this system. It has been shown that the ionisation corrections for sub-DLAs are
still small (� 0.2 dex, Dessauges-Zavadsky et al. 2003) barring a few strange cases
(e.g., Milutinovic et al. 2010). For a GRB host galaxy, the situation prior to the GRB
does not have to be similar to the situation in a QSO-sub-DLA, since the GRB host
is actively forming stars and the gas is affected by the UV-radiation from the young
stellar population, while this does not necessarily happens in a line-of-sight object.
However, due to lack of information, we will assume that the ionisation corrections in
the pre-GRB host situation are similar to those in QSO-sub-DLAs. Another aspect is
the ionisation effect due to the rest-frame UV afterglow of the GRB. Both effects are
investigated in this Section.

For an estimate of the pre-burst ionisation correction we compare the situation
with sub-DLA ionisation studies from the literature. Dessauges-Zavadsky et al. (2003)
report on a detailed study with a sample of QSO-sub-DLAs, and use the logarithmic
ratio [Al ii/Al iii] or [Fe ii/Fe iii] as an indicator for the degree of ionisation to cali-
brate the ionisation parameter U in their photoionisation model. For GRB 130606A,
we measure [Al ii/Al iii] = 0.81 ± 0.80 which is a typical value for sub-DLAs. The
line profiles of the Al ii and Al iii lines are very similar to each other, which is an
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indication that the two different ionisation stages are located in the same physical
regions in the galaxy (Dessauges-Zavadsky et al. 2003). The conclusion of this work
is that sub-DLAs need small corrections � 0.2 dex for all measured elements except
Al and Zn, that are more strongly influenced. The sub-DLA in GRB 130606A is very
similar to the z = 3.142 sub-DLA in QSO PSS J2155+1258, presented in Figure 32 in
Dessauges-Zavadsky et al. (2003). From this analogy we estimate that log U ∼ −2.3
for the pre-burst ionisation in the sub-DLA in GRB 130606A. Assuming this U and
our measured log NH i = 19.94, the models by Meiring et al. (2009) give corrections
�Si ∼ −0.30 and �Fe ∼ −0.05, with �X = [X/H]total −X+/H0. Vladilo et al. (2001)
present a similar study with DLAs, but since our sub-DLA has a column density close
to the DLA lower limit, we can extrapolate their model results down to log NH i ∼ 20
yielding �Si ∼ −0.21, �S ∼ −0.30, �Fe ∼ −0.04 and �Ni ∼ −0.17. Note that these
corrections are negative (X+/H0 > [X/H]total), meaning that parts of singly ionised
metals are in regions where hydrogen is ionised instead of neutral, because the lower
column density shields itself less effectively.

The ionisation due to the afterglow of GRB 130606A is calculated in a method
similar to what is used in De Cia et al. (2012) and Vreeswijk et al. (2013). From
published near-IR photometry of GRB 130606A (Nagayama 2013b; Butler et al. 2013;
Im et al. 2013; Morgan 2013; Afonso et al. 2013), and assuming a constant spectral
index β = −1 (see Section 7.3.2) and a single power-law light curve, we obtain a
temporal index α = −1, at least until the time the spectrum is taken. The absorbing
cloud is at distance d from the GRB, and is illuminated on one side by the afterglow
between t0 and tobs, the time of our observations. The onset of the afterglow t0 is
unknown and introduces an uncertainty; we assume different values to see its effect.
The free parameters are the pre-burst NH i and NFe ii. The distance d is obtained from
a separate fit using the observed ratio NSi ii∗/NSi ii in the cloud, and is estimated to
be d = 2.1 ± 0.5, 1.9 ± 0.4 and 1.8 ± 0.4 kpc for respectively t0 = 60, 180 and 300 s
in the rest frame. These values are in reasonable agreement with the lower limit
d > 2.2 ± 0.2 kpc derived from the upper limit of NFe ii∗/NFe ii. The column densities
of the ions (except H i and Fe ii), are put in at the start of the simulation with their
measured values (Table 7.3). This is not fully correct, but it shows how much they
would change when placed at the distance d, and be illuminated by the afterglow.
From the differences in column density between t0 and tobs we conclude that the
ionisation effects due to the afterglow are very minor. H i did not change at all, Fe ii is
lowered by 0.03 dex, O i by 0.01, Si ii by 0.02, C ii by 0.01, Al ii by 0.02 and Al iii by
0.01 dex by using t0 = 60 s and even lower for the higher values of t0 and the larger
distance d > 2.2 kpc. [Al ii/Al iii] is in all scenarios changed by < 0.01 dex, so this
ratio can indeed be used to estimate the pre-burst conditions.

The two ionisation corrections work in opposite directions: the pre-burst ionisation
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Figure 7.7: Galactic warm disc depletion abundance pattern (solid line, Savage & Sembach 1996), in
which Al is assumed to be depleted as strongly as Fe (Phillips et al. 1982), and depletion of O is assumed
to be negligible (Jenkins 2009), fit to the observed pattern (diamonds) following Savaglio (2001). This
fit (χ2/dof = 0.002) yields DTM = 1.00± 0.01. Aluminium is not included in this fit. The limit on S is
taken from Castro-Tirado et al. (2013a).

has a stronger effect on the H i column density, while the GRB afterglow only has a
small effect on the metals. We ignore here that the pre-burst situation did not have the
∼ 2 kpc stretch of fully ionised and/or swept-up material due to the GRB. Because our
estimates for the ionisation corrections are not the result of fully consistent modelling,
we do not apply them directly to our measured abundances. We discuss in Section 7.4.2
the estimated metallicity when the corrections are taken into account.

7.3.4.4 Dust depletion

Although the optical extinction in the line of sight is low (AV < 0.2 mag at the 3σ
level, see Section 7.3.2), the abundance pattern (Table 7.3) suggests that there could
be dust depletion at play. Elements that are locked up into dust by greater amounts
(e.g. Si, Fe) have lower column densities in the gas phase than non-depleted elements
(e.g. S), when compared to the relative abundance pattern in the solar photosphere
(Savage & Sembach 1996; Phillips et al. 1982; Jenkins 2009).

We realise that we have only a few constrained metal column densities and that
there are many uncertainties in this method and unknowns about the depletion patterns
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in the Galaxy. We will, however, carry out this analysis to see to what extent the
abundance pattern can be explained by depletion. We will give the resulting fit
parameters for completeness, but note that these are not very meaningful given the
quality of the fit and the uncertainty in the Galactic patterns use for comparison.

For this analysis, we assume that the metallicity is [S/H] = −0.91 (using the limit
log NS < 14.17 from Castro-Tirado et al. 2013a) and we include only Si and Fe in the
depletion-pattern fit. We follow the method described by Savaglio (2001) and refer to
depletion levels reported by Savage & Sembach (1996). We assume the depletion of
oxygen to be negligible (Jenkins 2009) and the depletion of aluminium to be the same
as iron, as suggested in Phillips et al. (1982).

The observed abundances (Si and Fe) are formally best fit by the depletion pattern
typical of a warm disc (WD) environment (χ2/dof = 0.002), although the other
Galactic depletion patterns (Savage & Sembach 1996) can not be ruled out based on
these two measurements. The results are displayed in Figure 7.7. The dust-to-metals
ratio that follows from this analysis is similar to the Local Group value, regardless of
the pattern that is used, and also with just using [Si/Fe] as in De Cia et al. (2013). It is
clear that [Si/Fe] can be explained by some form of dust, and that the limits of S and
O are in agreement with this. However, aluminium is an outlier. This element is not
included in the fit, but it is clear that its peculiar abundance (log NAl ii = 14.66± 0.78)
can never be explained by a pattern where aluminium is as depleted as iron. We will
discussed the peculiar enhancement of aluminium further in in Section 7.4.3.1.

7.3.5 Intervening absorption systems

We confirm the detection of several intervening absorbers beside the host galaxy.
Based on the preliminary reduction of the same X-shooter spectrum as discussed
here, Xu et al. (2013b) reported z1 = 2.3103 (Mg ii) and z3 = 3.4515 (Mg ii, Fe ii),
which we confirm. We further detect z2 = 2.5207 (Mg ii, Fe ii), z4 = 4.6448, 4.6468,
4.6495 (C iv, Mg ii, Al ii Si ii, Fe ii) reported earlier by Chornock et al. (2013). We
can not unambiguously confirm the existence of the z5 = 5.806 system reported by
these authors. Lines that are possibly present are O i λ1302, S ii λ1260, λ1265, but
many strong features are lacking: we do not see any Fe ii transitions, no Si ii λ1526,
no C iv λ1548, although the expected locations of these intrinsically strong lines are
in regions with high S/N and only little telluric contamination, and should not be
blended with the other identified absorbers. We also report on a number of possible
additional C iv absorbers which are less secure because only a single line or doublet
can be associated with these systems: z = 4.4660, 4.5309, 4.5427, 4.6497, 4.7244.
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Table 7.2: Redshift and Doppler parameter of the velocity components fitted to the metal lines of low
and high ionisation species and for the fit to the Lyα line. vrel is the velocity relative to that of component
4 (arbitrary).

Component z vrel b
(km s−1) (km s−1)

Lyα 5.91248±0.00028 −16 74±7
components of low-ionisation lines

2 5.91182 ± 0.00002 −45 14 ± 2
4 5.91285 ± 0.00002 0 10 ± 2
5 5.91426 ± 0.00020 +61 31 ± 10

components of high-ionisation lines
1 5.91098 ± 0.00009 −81 37 ± 9
3 5.91265 ± 0.00003 −9 16 ± 2
6 5.91434 ± 0.00020 +64 31 ± 10

Table 7.3: Derived column densities from the host-galaxy absorption lines. The redshift and b parameters
of the components for low and high ionisation species are listed in Table 7.2. Column densities are given
as log(N/cm−2).

Low ionisation or neutral species
Ion log N2 log N4 log N5 log Ntot [X/H]
C ii 13.79 ± 0.14 > 15.00a 13.83 ± 0.10 > 15.04 [C/H] > −1.29b

C ii* 13.40 ± 0.15 13.70 ± 0.09 13.38 ± 0.11 14.01 ± 0.06
O I – 14.87 ± 0.12 – > 14.75 [O/H] > −1.88c

Al ii – 12.72 ± 0.22 14.63 ± 0.83 14.66 ± 0.78 [Al/H] = +0.28 ± 0.78d

Al iii 12.28 ± 0.54 12.98 ± 0.14 13.75 ± 0.23 13.85 ± 0.19
Si ii 12.73 ± 0.13 13.73 ± 0.15 13.42 ± 0.18 13.95 ± 0.11 [Si/H] = −1.33 ± 0.08b

Si ii* 12.55 ± 0.16 13.28 ± 0.07 13.26 ± 0.11 13.62 ± 0.06
S ii 13.55 ± 0.31 12.95 ± 1.04 13.02 ± 0.74 < 14.44e [S/H] < −0.63
Fe ii – 13.09 ± 0.05 12.82 ± 0.17 13.29 ± 0.07 [Fe/H] = −2.12 ± 0.08
Fe ii* < 11.80 < 11.80 < 11.80 < 12.10
Ni ii – < 13.83 < 13.91 < 14.22 [Ni/H] < +0.13b

Ni ii* < 12.92 < 12.90 < 13.14 < 13.45
High ionisation species
Ion log N1 log N3 log N6 log Ntot
N v 13.79 ± 0.06 14.04 ± 0.09 14.33 ± 0.04 14.59 ± 0.03

Notes.
aThis component is likely saturated; we obtain a minimum log N from the equivalent width of
the component.
bBased on sum of ground state and excited state.
cLower limit because both component 5 and the excited state column density cannot be
measured due to telluric contamination.
dBased on only Al ii. The sum of Al ii and Al iii results in [Al/H] = +0.43 ± 0.62.
e1σ upper limit because the relative strength of the components does not resemble the clearly
detected lines, and therefore, we are measuring the noise.
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7.3.6 Lyα forest constraints on the IGM
In this Section we analyse the ionisation state of the IGM at z ∼ 5 − 6 via the Gunn-
Peterson optical depth (Gunn & Peterson 1965).

7.3.6.1 Lyα absorption

We measure Lyα absorption by the IGM from 1200 Å in the rest frame, which is the
limit not affected by the blue wing of Lyα, to 1040 Å, the shortest wavelength that
is not affected by possible Lyβ emission from the GRB host. Within this range, we
used redshift intervals of ∆z of 0.15, which corresponds to ∼60 Mpc in comoving
distance, for comparison purposes with previous work. Using this redshift range and
wavelength interval, we measure the transmission as

T (zabs) ≡ � f obs
ν / f int

ν �. (7.1)

The measured transmitted flux (T ) is shown in Table 7.4 and plotted in Figure 7.8.
The continuum level is determined first by fitting a power law to the near-infrared
part of the spectrum, taking advantage of the large wavelength coverage of X-shooter.
Then, we fixed the slope, and fit the normalisation to the optical part of the spectrum
(8530 − 8950 Å). We masked strong identified absorption features (both telluric and
extragalactic) in this process. When using QSOs for this kind of analysis, continuum
determination is often the largest source of uncertainty, due to the complicated shape
of their spectrum. A GRB continuum can be more accurately predicted due to its
relatively flat shape without broad features. We estimate errors on the transmission by
changing the continuum slope within 1σ (see Section 7.3.2), added in quadrature to
the noise in the spectra and the errors in determining the unabsorbed continuum level.
The latter dominates the errors on T .

It is conventional to express optical depth τ in terms of τ = − ln(T ). We present
τ as a function of redshift in Figure 7.9.

7.3.6.2 Lyβ absorption

At the same neutral hydrogen density, the optical depth τ is proportional to fλ0,
where f and λ0 are the oscillator strength and rest-frame wavelength of the transition,
respectively. Therefore, the optical depth of Lyβ is a factor of 6.2 smaller than that of
Lyα, in a homogeneous medium illuminated by a uniform radiation field. Thus, Lyβ
probes into a larger amount of neutral hydrogen than Lyα. In this Section we measure
optical depth using Lyβ absorption from the spectra.

We assume the same continuum as was used for Lyα. We choose the minimum
wavelength to be 970 Å, above which it is not affected by Lyγ absorption. This results
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in a redshift range of 5.59 < zabs < 5.74 for Lyβ. The Lyβ absorptions overlap with
Lyα absorption at lower redshift. Therefore, the Lyα absorption has to be corrected in
measuring τβ. We use Fan et al. (2006, their Equation 5) to estimate Lyα absorption
from lower redshift, and corrected the Lyβ transmission measurements. Table 7.4
shows the results, which are graphically represented in Figure 7.8 as blue diamonds.

To convert Lyβ transmission to τα, one has to consider different optical depths
between Lyα and Lyβ. The difference depends on the UV background and its unifor-
mity, the clumpiness of the IGM, and its equation of state. According to simulations
(e.g., Oh & Furlanetto 2005) and empirical measurements (Fan et al. 2006), the τα/τβ
conversion is in the range of 2.5 − 2.9. The τα/τγ conversion lies in the range of
4.4 − 5.7. Following the discussion in Fan et al. (2006), we use τα/τβ = 2.25 and
τα/τγ = 4.4.

Figure 7.9 shows constraints on the τα from Lyβ absorption measurements. Note
that τ is converted to Lyα optical depth in Figure 7.9.

7.3.6.3 Lyγ absorption

Similar to Lyβ, the Lyγ optical depth ( fλ0) is a factor of 17.9 smaller than that of
Lyα, providing us with a chance to probe into even more neutral hydrogen. The
more neutral regions are denser in general. Therefore, Lyγ transmission also provides
the opportunity to probe regions with different density, potentially constraining the
density-temperature relation.

The Lyγ absorption measurement is restricted by the presence of Lyδ absorption
at lower redshifts and the Lyγ emission at the higher redshifts (closer to the GRB).
Therefore, we use a smaller bin size of ∆z = 0.06 than for the Lyα and Lyβ trans-
mission. The Lyγ transmission measurements are corrected for overlapping lower
redshift Lyα and Lyβ absorptions using the best-fit power laws to lower redshift data
(Fan et al. 2006, their Equations 5 and 6). The optical depth is converted to τα, using
τα/τγ = 4.4. The results are listed in Table 7.4 and shown in Figure 7.9.

The Lyγ absorption measurements are much more challenging than those of Lyα
and Lyβ. Since the overlapping foreground Lyα and Lyβ lines absorb ∼98% of the
continuum flux in the wavelength ranges of Lyγ, we need to measure absorption in the
remaining ∼2%. Errors in the continuum determination are also larger in this region
since we use the bluer part of the spectrum.

In Figures 7.8 and 7.9, small triangles and gray squares represent previous data
based on quasars from Fan et al. (2006) and Songaila (2004). The solid line shows
the best power-law fit to the data at z < 5.5 based on Fan et al. (2006, their Equation
5). Within the scatter, our measurements are in agreement with earlier findings. At
z > 5.7, our data points deviate from the fit to z < 5.5 data, suggesting that the
Universe was not yet completely ionised at z > 5.7.
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Figure 7.8: Lyα transmission in the spectrum of GRB 130606A (red squares). Lyβ (blue diamonds)
and Lyγ (purple crosses) measurements are converted to equivalent values at Lyα. The black triangles,
diamonds, the gray squares are measurements based on quasars from Fan et al. (2006), Goto et al. (2011),
and Songaila (2004), respectively. The solid line is the best power-law fit to the data at z < 5.5 by Fan
et al. (2006, their Equation 5). The uncertainties of the QSO points are typically a factor two.

Table 7.4: IGM absorption towards the GRB 130606A at z = 5.913. The widths of bins are ∆z =
0.15, 0.15, and 0.06 for Lyα, Lyβ, and Lyγ absorptions, respectively.

Redshift Line Transmission τα
5.77 Lyα 0.0052±0.001 5.26± 0.14
5.62 Lyα 0.0253±0.001 3.68± 0.05
5.47 Lyα 0.0767±0.002 2.57± 0.02
5.33 Lyα 0.1258±0.004 2.07± 0.03
5.18 Lyα 0.0868±0.002 2.44± 0.03
5.02 Lyα 0.0704±0.002 2.65± 0.03
5.78 Lyβ 0.051±0.005 6.68± 0.09
5.62 Lyβ 0.180±0.006 3.86± 0.03
5.84 Lyγ 0.32±0.024 5.0± 0.1
5.79 Lyγ 0.08±0.016 18.2± 0.2
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Figure 7.9: Effective Gunn-Peterson Lyα optical depth of the IGM from the spectrum of GRB 130606A.
The red squares, blue diamonds, and purple crosses are measurements with error estimates from Lyα,
Lyβ and Lyγ, respectively, the latter two converted to Lyα optical depth. The black triangles, diamonds,
and the gray squares are measurements based on QSO spectra from Fan et al. (2006), Goto et al. (2011),
and Songaila (2004), respectively. The uncertainties of the QSO points are typically a factor two. The
solid line is the best power-law fit to the data at z < 5.5 by Fan et al. (2006, their Equation 5).

7.4 Discussion

7.4.1 Analysis of the red damping wing
Totani et al. (2014) report evidence for a high neutral fraction based on their spectrum
of the afterglow. In particular they find that a Voigt-profile fit to the red wing of the
absorption trough is inconsistent with the data in a region referred to as wavelength
range III by these authors, from about 8650 to 8700 Å. In Figure 7.10 we show
wavelength range III in our spectrum including our fit and the deviations from the fit.
Our spectrum is fully consistent with the Voigt-profile fit without a neutral hydrogen
IGM component (see also Section 7.3.3). One important difference between our
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Figure 7.10: Excerpt of the X-shooter spectrum with the same model fit as shown in Figure 7.3. The
lower panel shows the residuals and the deviations from the fit. The red hatched region is range III in
Totani et al. (2014), where their spectrum is inconsistent with a single DLA model. With our data, we
can obtain a good fit with this model. The difference is likely due to a different spectral index β, see
Section 7.4.1.

analysis and that of Totani et al. (2014) is that the value of the spectral slope adopted
by latter (β = −0.74) is inconsistent with the one we find. Given that our spectral
slope is derived from a much wider spectral range extending out to the K-band we
think that the value of β adopted by Totani et al. (2014) is too low.

7.4.2 Metallicity of the host of GRB 130606A
The ‘raw’ measured column density values and limits we derive for the host-galaxy
ISM (Table 7.3) are in good agreement with the results from Chornock et al. (2013)
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and Castro-Tirado et al. (2013a). Because our data have a higher spectral resolution
and a larger wavelength coverage, we try to explain the effects of ionisation and dust
depletion in order to better constrain metallicity and true abundance pattern in the
host galaxy of GRB 130606A. Estimates on the effects of ionisation are estimated
in Section 7.3.4.3. Here, we discuss their possible implications. We will assume
the pre-burst ionisation corrections for DLAs by Vladilo et al. (2001), which we
extrapolate to our log NH i = 19.94 ± 0.01. We measure [S/H] < −0.62 to which
we apply a pre-burst correction of −0.30 dex. The ionisation correction of S due to
the burst is not calculated but expected to be of order +0.02 dex. This results in
[S/H]ic < −0.90. Sulphur does not deplete onto dust, so this should reflect a real
upper limit on the metallicity. The spectrum by Castro-Tirado et al. (2013a) is taken
earlier in time, so from their log NS < 14.17 we obtain a more stringent upper limit
for [S/H] of < −0.91, which after the ionisation correction would be [S/H]ic < −1.19.
We measure [Si/H] = −1.33 ± 0.08; the pre-burst ionisation correction of −0.21 dex,
and the GRB afterglow effect of +0.02 dex result in [Si/H]ic = −1.52. The measured
[Fe/H] = −2.12 ± 0.08 is not severely affected by ionisation: the pre-burst correction
is −0.04 dex and that of the afterglow is +0.03 dex, resulting in [Fe/H]ic = −2.11.
Assuming a solar abundance pattern, there is still evidence for dust depletion, but
we see that the metallicity should be −1.5 < [M/H] < −1.2, since Si provides a
lower limit. This is relatively high when compared to QSO-DLAs at z > 5 (Rafelski
et al. 2012, Chapter 6). The difference in metallicity evolution in GRB-DLAs and
QSO-DLAs is also discussed recently in e.g., Thöne et al. (2013), Chapter 6 and
Cucchiara et al. (2014).

7.4.3 Nucleosynthetic history
The high value of [Si/Fe] can be fully attributed to dust depletion, but the effects of this,
and those of an underlying pattern that is different from that in the solar photosphere
(e.g., α-element enhancement), are degenerate. At this redshift, one would expect to
see more elements in the ISM created by shorter-lived massive stars, α-elements (C,
N, O, Ne, Mg, S, Si, Ar, Ca, Ti) from core-collapse supernovae (SNe), rather than
products of SNe originating in longer living stars: the iron peak elements created by
Type Ia SNe (V, Cr, Mn, Fe, Co, Ni). This has not unambiguously been detected
in high redshift GRB host galaxies to date, because there is usually the combined
effect of the dust depletion (see e.g., Thöne et al. 2013, Chapter 6). With the limited
information we have for GRB 130606A, we cannot draw strong conclusions on either
the dust depletion or α-element enhancement. With a pure dust-depletion explanation,
the dust-to metals ratio is about the same as the Local Group value. The dust extinction
(AV < 0.2 mag at 3σ) can still be low due to the low total metal column density (see
also, e.g., Zafar et al. 2011). A peculiarity that we can not explain with dust depletion
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is the very high abundance of aluminium, which we discuss in Section 7.4.3.1.

7.4.3.1 High aluminium abundance in the host of GRB 130606A

The analysis of the X-shooter spectrum of the host galaxy of GRB 130606A yields a
remarkably high aluminium abundance: [Al ii/H i] = +0.28 ± 0.78 (even [(Al ii+
Al iii)/H i] = +0.43 ± 0.62), given the low iron abundance of [Fe/H] = −2.12 ±
0.08. The dust depletion effect on these two elements is expected to be very similar
(Phillips et al. 1982). A relatively high aluminium abundance has been measured in
the atmospheres of red giants in metal-poor ([Fe/H] < −1) globular clusters (e.g.,
Kraft et al. 1997), although [Al/Fe] seems to be always � 1.5 (Cordero et al. 2014),
while we find +2.40 ± 0.78. In these globular clusters a strong anti-correlation has
been found between the oxygen and sodium abundance. This anti-correlation has
been interpreted as being due to proton-capture nucleosynthesis, where Na and Al are
produced at the expense of Ne and Mg in regions where C and O are converted into N,
i.e. where the CNO cycle is active (Cavallo et al. 1998). Regarding these metal-poor
globular clusters, the question is: did the proton capture occur within the observed red
giants, i.e. during shell burning when the temperature is high enough for the CNO
cycle, and convection managed to dredge up the metals produced in these deeper
layers within the stars (evolutionary scenario)? Or were these abundance “anomalies"
produced by proton capture in a previous generation of massive (perhaps even the
first) stars (primordial scenario)? The detection of similar abundance anomalies in
main-sequence, turn-off and early sub-giant stars (Gratton et al. 2001) suggests the
latter scenario. Denissenkov & Hartwick (2014) propose that the abundance anomalies
of proton-capture elements in globular clusters were produced by supermassive stars
with M ∼ 104 M⊙, products of the runaway collisions of massive stars in dense clusters
(Portegies Zwart et al. 2004).

In the host galaxy of GRB 130606A, the oxygen abundance is low: Chornock
et al. (2013) find [O/H] ∼ −2.0, and we derive a lower limit of [O/H] > −1.88.
Unfortunately, the nitrogen, sodium and magnesium abundances could not be de-
termined, although we see presence of nitrogen in particularly strong N v lines. In
the host galaxy of GRB 120327A (z = 2.8145, D’Elia et al. 2014) also a high alu-
minium abundance is measured [Al/H] = 0.00 ± 0.11; [Al/Fe] = 1.73 ± 0.07),
though saturation of the Al ii and Al iii lines prevents an accurate abundance analysis
of the three individual absorption line components. The oxygen abundance is low
([O/H] = −1.98 ± 0.13) with respect to iron ([Fe/H] = −1.73 ± 0.10), the nitrogen
abundance higher ([N/H] = −1.45 ± 0.11), but the magnesium abundance is not
very low ([Mg/H] = −1.27 ± 0.10). However, in metal-poor globular clusters (e.g.
M22, M4, 47 Tuc) Al is always enhanced, irrespective of Mg; only in M13 a strong
Mg/Al anti-correlation has been observed (Kraft et al. 1997). In the host galaxy
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of GRB 120327A also the silicon abundance is high ([Si/H] = −1.16 ± 0.09); Si
would be produced by proton capture of Al. The Si abundance in the host galaxy
of GRB 130606A is [Si/H] = −1.33 ± 0.08, much higher than the Fe abundance
([Fe/H] = −2.12 ± 0.08), although this can be completely due to dust depletion.

The measured abundances in these two GRB host galaxies seem to suggest that
proton-capture has been at work. Given the high redshift (z ∼ 6) of GRB 130606A,
and the corresponding look-back time (∼ 12.7 Gyr), these observations are consistent
with the scenario that a previous generation of massive stars must have produced the
chemical enrichment due to proton capture.

7.4.4 Reionisation of the IGM
Prompt follow-up spectroscopy of GRB 130606A has enabled to robustly measure
of Gunn-Peterson optical depths using a GRB instead of a QSO as a background
source (see also Chornock et al. 2013; Totani et al. 2014). The only other GRB for
which this has been attempted is GRB 050904 (Totani et al. 2006). Given a high S/N
afterglow spectrum, GRBs have several advantages over QSOs; the simple power-
law continuum of a GRB spectrum is much easier to estimate than the complicated
shape of a QSO spectrum, including a possibly broken power-law UV continuum,
whose break is in the heavily absorbed UV range at high-redshift, and broad emission
lines. As a consequence of this, the uncertainties of the measured optical depths
based on our GRB spectrum are much smaller than typical uncertainties on values
in previous work based on QSOs, which are about a factor 2. In addition, GRBs can
be much brighter than QSOs if observed early enough. At the time of our reported
spectroscopy, GRB 130606A had a near-IR brightness (Y , J, H) of around the 18th

magnitude (Butler et al. 2013). This is much brighter than z ∼ 6 QSOs used in
previous work (mz ∼ 20 mag). While obtaining high S/N spectra of fainter QSOs with
current 8 m-class telescopes becomes progressively more difficult at higher redshift
with fainter QSOs, by using GRBs we can in principle extend the Gunn-Peterson test
to much higher redshifts, without having to rely on future larger optical telescopes.

Another advantage of GRBs over QSOs is that the sightlines towards them suffer
from different biases. GRB host galaxies differ from typical field galaxies (Fruchter
et al. 2006; Savaglio et al. 2009; Wang & Dai 2014). At low redshift they are found
to be low-mass, metal poor galaxies, which reside in ‘representative’ regions of the
Universe. On the other hand, QSOs tend to be contained in massive haloes. The
surroundings of QSOs could be overdense on scales of several tens of Mpc (for
example see Overzier et al. 2009; Utsumi et al. 2010). In this case, the IGM in front of
QSOs could be more ionised than a typical region of the Universe. Furthermore, the
QSO background light has been present for a long time, which may have affected the
degree of ionisation of the material in the sight line, in particular close to the source:
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the proximity effect. This is not the case for GRB afterglows.
However, despite our accurate measurements, the optical depths show significant

variation across the redshift window we used (5.0 < z < 5.8). The variation is much
larger than our measurement errors, and therefore, intrinsic. This suggests a large
spatial variation in optical depths at this epoch of the Universe. Therefore, to fully
understand the reionisation history of the Universe, it is important to expand the
statistical sample. GRBs will likely play a prominent role in this.

7.5 Conclusions

In this Chapter we report the analysis of the z = 5.913 GRB 130606A afterglow
spectrum obtained with VLT/X-shooter. The analysis can be divided in two main
parts: the study of the abundance pattern in the host galaxy measured by the afterglow
absorption lines, and the study of the ionised fraction of the IGM through the shape of
the red wing of Lyα at zGRB, and by the Gunn-Peterson optical depth in front of the
GRB (5.02 < z < 5.84).

Although many host absorption lines are detected, only for H, Si, Fe and Al the
abundances can be well constrained; for C, O, S and Ni we obtain limits. The high
[Si/Fe] = +0.79 ± 0.13 can be explained with dust depletion with a dust-to-metals
ratio similar to the Local Group value or α-element enhancement. The abundance of
aluminium is very high: [Al/H] = +0.28 ± 0.78 and [Al/Fe] = +2.40 ± 0.78 based
on Al ii alone, and even higher when taking into account Al iii, which shows a similar
line structure suggesting that the region where this resides is associated with where
Al ii is located. With log NH i = 19.94 ± 0.01 the absorber is a sub-DLA and might
not be as efficiently shielding the ions from ionisation as DLAs. We estimate the
ionisation corrections both in the pre-burst sub-DLA and due to the UV radiation GRB
afterglow. While the former results in corrections up to 0.3 dex, the latter is in this case
negligible with corrections below 0.03 dex. The metallicity, taking into account these
corrections and the more stringent upper limit on S by Castro-Tirado et al. (2013a),
is estimated to be −1.5 < [M/H] < −1.2 (3% − 6% of solar). The metallicity and
low-ionisation line width measured at this high redshift is are consistent the break
in the evolution of the mass-metallicity relation for DLAs proposed in Møller et al.
(2013), but also marginally with a model that assumes a shallower slope and no break
(Neeleman et al. 2013).

By fitting the red wing of the Lyα absorption line of the GRB host galaxy, we
conclude that the IGM is predominantly neutral: the ionised fraction xH i = 0 (xH i <
0.03 at 3σ significance). We measure the effective Gunn-Peterson Lyα optical depth
of the IGM at 5.02 < z < 5.84. Our well-constrained data points are in agreement
with earlier test with background QSOs, that show that the IGM was increasingly
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7 Spectroscopy of the afterglow of GRB 130606A

neutral at z > 5.6 but still overwhelmingly ionised. However, the intrinsic scatter
within the measurement is much larger than the errors on the individual data points,
likely reflecting that the reionisation is a complicated process with a strong spatial
variation. A larger statistical sample is required to understand the IGM state at the
end of reionisation.
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7.A Absorption spectrum

The X-shooter spectrum between the 8400 and 18 000 Å is shown in Figures 7.11 and
7.12.
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7.A Absorption spectrum

Figure 7.11: Afterglow spectrum op GRB 130606A, starting from Lyα. The absorption lines are
indicated with the ion that produces them, and the rest wavelength. We use different colours for the
various absorbers (see Section 7.3.5),as indicated in the legend; z = 5.9127 in red is the signature of
the host galaxy. The error spectrum is shown in purple, the orange spectrum is the scaled atmospheric
transmission. Spectrum continues in Figure 7.12.
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Figure 7.12: Continuation of Figure 7.11
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CHAPTER8
Proposed strategy to investigate gamma-ray burst host galaxy

observations with cosmological simulations

O. E. Hartoog, R. A. Crain, A. Rahmati, J. Schaye

Abstract

The picture that arises from recent high-redshift observations of gamma-ray-burst
(GRB) afterglows is that the absorption-line metallicity of GRB host galaxies only
moderately declines with redshift. This evolution is much steeper for damped Lyα
systems towards quasars (QSO-DLAs), which are random line-of-sight objects that are
studied using very similar methods. With geometrical arguments and the requirement
of star formation to produce a GRB, we can explain that GRB-DLAs (host galaxies in
absorption) are on average more metal-rich than QSO-DLAs. However, this does not
explain the lack of a strong correlation with redshift, as we would expect in the context
of chemical enrichment over cosmic time. The question is whether the observed
behaviour is primarily driven by observational biases (i.e. the requirement of a bright
optical counterpart for spectroscopy), or whether it is required for the progenitor
mechanism. Various GRB progenitor scenarios depend critically on metallicity, which
makes this a relevant question.

In order to address this, results of modern cosmological simulations can be used.
Based on the requirement of local star formation, one can simulate probable locations
of GRBs in a representative piece of model universe. Gravitationally bound structures
to which these locations belong represent the host galaxies, and their properties can be
compared with observations at relatively low redshift. Additionally, projected column
densities of hydrogen and metals along sight lines towards these locations can be
compared to absorption-line inferred metallicities at high-redshift. In the algorithm
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that simulates the loci of the GRBs additional (local) requirements can be inserted to
see the effect. Furthermore, the effect of observational biases can be investigated.

In this Chapter we present the motivation for such a project, a global outline of
how this can be realised with the results of the EAGLE simulations, and which open
questions in GRB research can be addressed with such an exercise.

220



8.1 Introduction

8.1 Introduction
Massive stars are responsible for a very significant fraction of the chemical enrichment
of galaxies. Therefore it is expected that over cosmic time, galaxies will become
more metal rich due to multiple generations of stars that have blown their processed
elements away by their stellar winds and supernovae (SNe). In emission-selected
samples of galaxies we indeed see a decline of metallicity with redshift, although the
probed redshift range is small (see e.g, Tremonti et al. 2004; Thuan et al. 2010). In
absorption-selected samples such as quasar (QSO) damped Ly-α systems (DLAs),
which go up to about z ∼ 5, this trend is very clear (e.g., Rafelski et al. 2012). Just like
a QSO, a long gamma-ray burst (GRB) afterglow can be used as a bright background
source to probe galaxies in absorption. A DLA in a GRB afterglow spectrum is usually
due to absorption in the host galaxy of the GRB. These GRB-DLAs are studied with
methods very similar to QSO-DLAs, which enables one to determine the metallicity
in the absorbing gas.

In recent years it has been possible to quickly follow up on the rapidly fading
GRB afterglows with powerful spectrographs on 8 m class telescopes. This resulted in
spectra with a signal-to-noise ratio (S/N) and spectral resolution sufficient to determine
GRB-DLA metallicities at very high redshift (z ∼ 4 − 6, see also Chapters 6 and 7).
Especially with these high-redshift metallicity measurements, it becomes clear that
the metallicity of GRB-DLAs does not decline with redshift as steep as QSO-DLAs
do, although the number of data points in this latter group is even lower at z > 4
(Figure 8.1, but see also e.g., Thöne et al. 2013; Cucchiara et al. 2014). It has been
suggested that the metallicity of QSO-DLAs declines even more rapidly at z > 4.7
than at lower redshifts (Rafelski et al. 2014, see also Section 6.8.1). Interestingly,
when GRB host galaxies at low redshift are compared with galaxies observed by the
Sloan Digital Sky Survey (SDSS) they appear to be less metal rich (e.g., Stanek et al.
2006; Savaglio et al. 2009; Han et al. 2010; Levesque et al. 2010; Wang & Dai 2014,
see also Figure 8.2). Absorption-line metallicities can only be obtained at z � 1.6
with ground-based telescopes due to the requirement that the Lyα feature shifts to
observable windows, which is why there are no GRB-DLA metallicities at low redshift
in Figure 8.1. Between 2.0 � z � 2.5 we see that the GRB-DLAs have metallicities
very similar to those of QSO-DLAs. However, one should be careful when attempting
to construct a complete picture on metallicities from Figures 8.1 and 8.2, because
the observational methods are very different. We will discuss this in more detail in
Section 8.4.

That the metallicities of GRB-DLAs are on average higher than QSO-DLAs at
high redshift can partly be explained by geometrical arguments: the QSO sight line
will have higher probability to cross and probe the relatively metal-poor halo of a
(proto)galaxy, while a GRB afterglow sight line usually goes straight towards the
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Figure 8.1: Absorption-line based metallicities [M/H] as a function of redshift for GRB-DLAs (filled
symbols) and QSO-DLAs (open symbols). The figure is adapted from Rafelski et al. (2012), with added
GRB-DLAs from the following references: Savaglio et al. (2003); Vreeswijk et al. (2004); Fiore et al.
(2005); Kawai et al. (2006); Watson et al. (2006); Berger et al. (2006); Prochaska et al. (2007a); Price
et al. (2007); Chary et al. (2007); Thöne et al. (2008); Prochaska et al. (2009); D’Avanzo et al. (2010);
D’Elia et al. (2010b); Schady et al. (2011); De Cia et al. (2011); Savaglio et al. (2012); D’Elia et al.
(2012); Thöne et al. (2013); Krühler et al. (2013); Chornock et al. (2013); D’Elia et al. (2014) and
Chapter 6 and 7. Following Rafelski et al. (2012), we apply [M/H] = [Fe/H] + 0.3 in cases where the
metal is iron, and no less-refractory element abundance is measured.

star-forming heart of the host galaxy (Prochaska et al. 2007b). However, this does not
explain the lack of a strong redshift dependence for GRB-DLAs.

GRBs are biased tracers of galaxies. Firstly, they are expected to trace star
formation (SF) because the chance to produce a star that is massive enough to produce
a GRB will be higher if the star formation rate (SFR) is high. At low redshift, this is
confirmed by observations: typical long GRB host galaxies are blue, small, irregularly
shaped and star-forming (e.g. Fruchter et al. 2006, see also Section 1.3.1), and it
appears that the GRB rate traces the star formation rate (e.g. Firmani et al. 2004; Price
& Schmidt 2004; Jakobsson et al. 2006). The GRB is usually spatially located where
the surface brightness of the host galaxy is highest (Bloom et al. 2002a; Fruchter
et al. 2006). Secondly, it is possible that the metallicity of the progenitor of the GRB,
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Figure 8.2: Metallicity against stellar mass for GRB host galaxies (filled dots, �z� = 1.13) and SDSS
galaxies (grey points, �z� = 0.15). The metallicity of GRB host galaxies are well below the values for
the SDSS galaxies of the same stellar mass. Figure from Wang & Dai (2014).

and thus that of the star-forming environment is important. It is known that mass
loss by line-driven winds in massive stars depends on metallicity (Kudritzki et al.
1987; Vink et al. 2001; Vink & de Koter 2005; Mokiem et al. 2007). While losing
mass, a massive star also dissipates angular momentum and spins down. This could
result in the star not having enough angular momentum left to power the relativistic
jets that are obseved in a GRB (see also Section 1.2.4). This scenario assumes that
the star is single; in a close binary, the star can be spun up again by accretion of
material from a companion, or a common envelope spiral-in phase may lead to a more
rapidly rotating star. The majority of the present-day O-stars are observed to be in
binaries close enough to undergo interaction with a companion at some point in their
evolution (Sana et al. 2012, 2013). However, in the single-star progenitor scenario,
the requirement of rapid (core) rotation at the onset of the GRB might put an upper
limit on the metallicity of the progenitor, which should be similar to the local gas
metallicity given the relatively short lifetime of massive stars. On the other hand,
if the outer envelope of a massive star is still present when the core collapses, the
produced jets will not be able to penetrate this outer envelope, and no full GRB will be
produced. This might be the case if the metallicity, and therefore the mass loss rate, is
too low. This hypothesis in agreement with the type of core-collapse supernova (ccSN)
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that is observationally associated with GRBs: Type Ib/c that does not show hydrogen
in its spectrum, implying that the outer unprocessed stellar envelope is not present
anymore at the time of the GRB. The two arguments result in a (probably broad) range
of metallicities for a gas cloud that can produce a GRB progenitor. Given the rarity
of GRBs with respect to ccSNe, there are likely other requirements intrinsic to the
progenitor in order to end its life in a GRB event (see also Section 1.2.3). Observations
(see Figure 8.1) show that the lowest metallicities for GRB-DLAs are still above
0.01 Z⊙, and there is only one super-solar metallicity reported (GRB 090323, Savaglio
et al. 2012), but this is an unorthodox case in which the Ly-α feature itself is deblended
into two components. This would indicate that the range of metallicities for producing
a GRB should be broad. It is very interesting to investigate whether metallicity has
something to do with the likeliness to form a GRB, and why we do observe only a
very shallow evolution of metallicity with redshift.

It appears that GRBs ‘select’ certain kinds of galaxies, although not directly.
Local properties need to be in place in order to produce a GRB progenitor: active star
formation, a large enough gas reservoir and probably, dependent on the progenitor
scenario, a metallicity in a certain range. These properties might connect to the overall
properties of a galaxy, but the candidate GRB progenitor does not ‘feel’ these directly.
These properties are likely to be dependent on cosmic time (redshift), but this is a
complex interplay of many different processes.

A very natural and powerful way to investigate the properties of GRB host galax-
ies, is with help of cosmological simulations. In the construction of these ‘model
universes’, many physical processes that should dictate how galaxies evolve are in-
cluded. It is assuring that simulated galaxies and galaxy clusters reproduce pretty
accurately what we observe in the present-day Universe. A very powerful feature
of simulations is that it allows one to ‘turn the knobs’, to see which processes are
dominant. An interesting exercise is to determine loci of GRBs in a simulated piece of
universe, in order to investigate what the properties of the host galaxies are, and what
one would observe in terms of column densities in the sight lines towards these loci.
This might help to constrain GRB progenitor scenarios and may tell us which galaxies
are capable of producing a GRB. Furthermore, it will help to identify observational
biases in results such as those shown in Figures 8.1 and 8.2.

8.2 EAGLE cosmological simulations

To realise the exercise described above, we would use the results of the EAGLE
(Evolution and Assembly of GaLaxies and their Environments) campaign (Schaye
et al. 2014), led by groups at Leiden Observatory and the University of Durham. The
EAGLE campaign provides a state of the art computational model of the evolution of
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the Universe from the Big Bang to present day, from smoothed particle hydrodynami-
cal (SPH) simulations in a box with a periodic volume of 50 comoving Mpc, a mass
resolution of ∼ 105 M⊙ for the gas component, and a spatial resolution of 350 physical
pc. The phenomenological models that are used in the simulations are described in
the following papers: gravity and hydrodynamics solver (Hopkins 2013), radiative
cooling (Wiersma et al. 2009a), interstellar medium (ISM) dynamics and SF (Schaye
& Dalla Vecchia 2008), chemical enrichment (Wiersma et al. 2009b), SN feedback
(Dalla Vecchia & Schaye 2012) and supermassive black hole formation and active
galactic nuclei (AGN) feedback (Booth & Schaye 2009).

For the purposes of the project described in this Chapter, the practical use of the
computational model results is generally as follows. The cosmic time is expressed by
the redshift z or the expansion factor a(t) = 1/(1+ z). The gas, stars and dark matter
are represented by individually labeled and tracked particles of different types. The
properties of all these particles, such as coordinates, temperature and SFR, as well as
the properties of larger structures are stored in so-called snapshots. Fewer properties at
smaller cosmic-time steps are stored in snipshots. The larger structures are collections
of particles based on their location with respect to other particles: friends-of-friends
(FoF) halos, and groups of particles that are bound together by gravity: the subhalos.
Subhalos may represent galaxies. In every FoF halo, there is a main subhalo that is the
most massive, and many less-massive subhalos that may represent satellite galaxies.
Snapshots and snipshots are represented with HDF5 files with a directory-like structure
that can be read in with special software within e.g. the Interactive Data Language
(IDL), in order to further process the data. For example, one could request a list of all
nonzero SF gas particles and the stellar masses of the subhalos they gravitationally
belong to.

8.3 Simulating loci of GRBs

In order to identify GRB host galaxies in the EAGLE model-universe snapshots, it
can be assumed that the GRB did not influence its environment significantly. In the
time range in which the afterglow is bright enough for spectroscopy, the GRB and the
afterglow will not have time to significantly influence the properties of the sight line
within the host galaxy. This is different for late-time observations of a host galaxy
which earlier showed a GRB, but in this case, it is unlikely that the GRB would have
had a strong influence on the overall galactic properties that are inferred in this kind of
study. Thus, in order to ‘put’ GRBs in a simulated part of the universe, it is sufficient to
identify the places that are most likely to produce one, following a specified algorithm.
A natural choice would be to let the GRB rate in every gas particle be proportional to
its SFR, which can eventually be combined with a check of whether enough gas is
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available in the neighbourhood. The great majority of gas particles has a SFR of zero.
The proportionality factor determines the number of GRBs, which should be high
enough to obtain a representative average for every redshift, e.g, a number high enough
to include a minimum number of different host galaxies per snapshot. The results with
this simple assumption (only SFR weighted) can be compared with GRB placement
algorithms that include additional constraints such as an explicit requirement that the
gas metallicity is in a certain range. Note that indirectly the metallicity already plays
a role via the star formation, which affects what we observe in reality as well. The
sight lines towards ‘GRB’ loci without any assumption (i.e. random locations) should
resemble QSO sight lines, which is an interesting sample to compare with.

8.4 Physical properties and observables
Two different kinds of analyses can be done once the GRBs are located in the sim-
ulation. First, we can determine the properties of the subhalo the ‘GRB particle’
belongs to: i.e. the host galaxy. For example the stellar mass, size, overall SFR and
the metallicity are properties that can be compared with host-galaxy observations (e.g.
Savaglio et al. 2009; Wang & Dai 2014). Secondly, we can determine what the column
densities of neutral hydrogen and singly ionised metals are in a (randomly oriented)
sight line towards a GRB locus. In this way we stay very close to what we can observe
by studying the absorption lines in a high-redshift afterglow spectrum. Additionally,
it would be very interesting to verify whether ratios of element number abundances
(e.g. [S ii /H i]) are actually a good representation of the metallicity or the local star
forming gas and thus the material of the progenitor. Furthermore it would be good to
test how well absorption-line metallicities compare to those obtained from emission
lines. This is observationally hard to test, since there is only a small redshift region
1.6 � z � 2.5 where both methods can be applied.

8.5 Prospects
Unfortunately, at the time of writing this thesis, the project outlined in this Chapter was
not progressed far enough to present and discuss reliable results. Although significant
progress has been made, a project such as this is very extensive and results should
be thoroughly tested for robustness before conclusions are drawn. While it is to
be expected that many interesting insights may arise in the small overlapping areas
between different fields in astronomy, such an effort necessarily implies moving around
slowly in unknown territory with unfamiliar tools. Nonetheless, I am sure that when
this would be carried out with the required care, perseverance and close collaboration,
several questions can be addressed that are very interesting or even fundamental for
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understanding GRB host galaxies, GRB progenitors, and observational and intrinsic
biases in the use of GRBs are probes of the early universe. Does the production of
a GRB depend on the metallicity? Are the observed metallicities purely an effect of
the required star formation (Mannucci et al. 2011) or is it intrinsic to GRB producing
sites (Kocevski & West 2011; Graham & Fruchter 2013)? Why are host galaxies more
metal-poor than field galaxies at low redshift, but more metal-rich than QSO-DLAs at
high redshift? To what extent does an absorption-line based metallicity (e.g., a column
density ratio such as NS ii/NH i) reflect the metal content of the star-forming gas? How
does this compare to the metallicity we would obtain from oxygen emission lines?
Our observational sample is biased: we know that there are burst without bright optical
afterglows: dark bursts. Investigation of their host galaxies in emission shows that
these could be more metal rich than ‘normal’ GRB host galaxies (Perley et al. 2009;
Krühler et al. 2011; Svensson et al. 2012; Hjorth et al. 2012). Dark bursts at high
redshift do not end up in samples that require absorption line analysis, such as the one
we show in Figure 8.1. Will the true distribution of GRB host galaxy metallicities over
the full redshift range be even more skewed toward high-metallicity? What does this
imply for progenitor scenarios? It could very well be that binary progenitor scenarios
are more likely to work at a broad range of metallicities. These key question provide a
strong motivation for future projects.
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Paczyński, B. & Rhoads, J. E. 1993, ApJ, 418, L5
Pagel, B. E. J., Simonson, E. A., Terlevich, R. J., & Edmunds, M. G. 1992, MNRAS,

255, 325
Pakull, M. W. & Angebault, L. P. 1986, Nature, 322, 511

239



BIBLIOGRAPHY

Patel, M., Warren, S. J., Mortlock, D. J., & Fynbo, J. P. U. 2010, A&A, 512, L3
Pei, Y. C. 1992, ApJ, 395, 130
Penprase, B. E., Berger, E., Fox, D. B., et al. 2006, ApJ, 646, 358
Pentericci, L., Vanzella, E., Fontana, A., et al. 2014, ArXiv e-prints, 1403.5466
Perley, D. A., Cenko, S. B., Bloom, J. S., et al. 2009, AJ, 138, 1690
Péroux, C., Bouché, N., Kulkarni, V. P., York, D. G., & Vladilo, G. 2011, MNRAS,

410, 2237
Péroux, C., Bouché, N., Kulkarni, V. P., York, D. G., & Vladilo, G. 2012, MNRAS,

419, 3060
Péroux, C., Storrie-Lombardi, L. J., McMahon, R. G., Irwin, M., & Hook, I. M. 2001,

AJ, 121, 1799
Petitjean, P., Aracil, B., Srianand, R., & Ibata, R. 2000, A&A, 359, 457
Petitjean, P., Ledoux, C., Noterdaeme, P., & Srianand, R. 2006, A&A, 456, L9
Petrovic, J., Pols, O., & Langer, N. 2006, A&A, 450, 219
Pettini, M. 2010, Lecture Notes “Physical Cosmology”
Pettini, M., Ellison, S. L., Steidel, C. C., & Bowen, D. V. 1999, ApJ, 510, 576
Pettini, M., Ellison, S. L., Steidel, C. C., Shapley, A. E., & Bowen, D. V. 2000, ApJ,

532, 65
Phillips, A. P., Gondhalekar, P. M., & Pettini, M. 1982, MNRAS, 200, 687
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Summary in English

Long duration1 gamma-ray bursts (GRBs) are the most energetic explosions we know
of in the universe, except for the Big Bang. They are believed to be associated with
the deaths of particular kinds of massive stars. In these events, the core of a massive
star collapses and material and energy is emitted with almost the speed of light in
two confined cones, or jets. When we see a GRB, one of these jets is pointing in our
direction. GRBs can be so bright, that we can essentially see them up to any distance,
from anywhere in the universe as long as the light had time to reach us. Because the
velocity of light is finite, ‘far away’ means ‘long ago’. The most distant GRBs that
have been observed actually happened when the universe was younger than only a few
percent of its current age of 13.8 billion years. Studying GRBs and their environments
offers the opportunity to see what the universe looked like at earlier cosmic times,
how it evolved and how these enigmatic explosions come to be.

This thesis is about the cosmic environments of GRBs and about the massive stars
that might become a GRB one day. In this summary I will introduce some basics
about the phenomena and techniques that are presented in my thesis. At the end of the
summary I will briefly describe the essence of the different Chapters in this book that
represent my PhD research.

Stars and their evolution
A star is an opaque sphere made out of gas that radiates because of its temperature. The
nature of starlight is in general not much different from that of a glowing wire in a light
bulb or a white hot piece of iron: a thermal spectrum. The outermost layer of the star,
the atmosphere, contains atoms and ions that absorb part of the light at very specific
wavelengths, creating atmospheric absorption lines. These lines help us identify for
example the composition, temperature and gravity of a star. The temperature of the
star is maintained by nuclear fusion in the stellar core. In a nuclear fusion reaction,
atomic nuclei merge into new, more massive ones, though just a bit lighter than the
sum of the masses of the nuclei that fused. The missing mass is converted into energy
following Einstein’s famous formula E = mc2, where energy E is equal to the mass
m times the speed of light c squared. Because c2 is a very large number, only a small

1There are two types of GRBs: short and long. This thesis is only about the long type, which is the
one connected to the deaths of massive stars. See also Section 1.1.1.
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8 Summary in English

amount of mass releases a lot of energy. In stars, this equilibrium of energy loss and
generation is sustained for a very long time (millions to billions of year), but one can
imagine that the core will run out of fuel at some point.

Stars that are as massive as the Sun live for about ten billion (1010) years. These,
and stars with a lower mass, which have even longer lifetimes, are very common.
There are also stars that are more massive than the Sun when they are formed. From
about eight times the mass of the Sun and on we call these stars ‘massive stars’.
Massive stars are a much rarer sight: if a giant cloud of gas has formed stars, there
will always be many more light ones than heavy ones. But massive stars are also rare
because they live shorter than lower-mass stars, despite the fact that they have more
fuel available. If you would look at a stellar cluster of a few billion years old, all the
massive stars are gone, while the lighter ones are still around. The mass of the star
pushes on the core, making it very hot and dense. As a result of the strong temperature
dependence of the nuclear reactions inside massive stars, the reaction rates are higher
than in less massive stars, and they use up their fuel in a shorter time. A star with
a mass twenty times the mass of the Sun only lives for ten million (107) years, a
thousand times shorter than the Sun. The short life of a massive star is characterised
by violent and energetic effects and events with which it has a strong influence on its
surroundings. Despite their rarity, massive stars play a crucial role in the structure and
evolution of the galaxies they live in.

The influence of massive stars
Galaxies are vast gravitationally bound structures consisting of gas, dust and stars.
The gravitational potential of a galaxy is largely determined by the mysterious ‘dark
matter’, an important but poorly understood component. The average distance between
stars within a galaxy is a couple of light years2, while the distance between galaxies
within a group is thousands to millions of light years. The Milky Way, the galaxy
in which our solar system lives, contains about a hundred billion stars and has a flat
‘pancake’ shape with a spiral structure when seen from above. On a dark night, we
can see this pancake as a bright band across the sky, which explains its name. The
Milky Way is part of the Local Group, together with the Andromeda Galaxy, another
spiral and the largest galaxy in our neighbourhood, and several dwarf galaxies.

The structure of a galaxy, and how it evolves is strongly influenced by the popula-
tion of massive stars because of the following effects. Firstly, massive stars ionise and
heat up the interstellar medium around them with their radiation. Massive stars are
generally hotter and more luminous than less massive stars, resulting in higher emis-
sion rates of high-energy photons. Secondly, strong stellar winds fill the interstellar

2A light year is the distance traveled by light in a year; over 9 trillion (9 × 1012) kilometres.
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medium with new elements, momentum and energy. Every kind of star can have a
stellar wind, but they are particularly strong in very massive (and thus luminous) stars,
as the particles in the outer atmosphere of the star feel the outwardly directed radiation
pressure. When a star swells up during its evolution, stellar winds get stronger because
the gravity at the surface is lower. Especially heavier elements (‘metals’) with many
possible electron transitions are sensitive to the radiation pressure, which is why
the stellar wind strength is dependent on the concentration of metals in the stellar
atmosphere (metallicity). Astronomers call every element heavier than helium a metal.
The fraction of ‘metal’ atoms with respect to hydrogen and helium atoms is very small
and we usually express metallicity as a fraction of he solar value. In a stellar wind,
these metals drag along the rest of the gas, which is still predominantly hydrogen and
helium. Lastly, massive stars usually end their life in a supernova, an event in which
part of the products from nuclear fusion is given back to the interstellar medium, to be
used as ingredients for new generations of stars, some with planets, and possible new
life forms. During the explosion itself, heavier and more exotic elements are produced
that cannot be created by fusion inside stars. The shock wave produced by a supernova
can blow away gas and prevent further star formation in the neighbourhood, or it can
trigger star formation elsewhere.

The deaths of massive stars

In the core of a star, hydrogen particles are fused into helium. After that, when the
core contracts a bit, this helium can further fuse to heavier elements such as carbon,
nitrogen and oxygen. In the most massive stars this can continue until the core consists
of iron. Around the core, there will be shells made from earlier fusion reactions, like
the layers in an onion. The outermost shell is contains predominantly hydrogen; it was
never hot enough for fusion here and this is the primordial material of the star. Iron is
the most stable element we know, and fusing iron nuclei would cost energy rather than
producing it. So when the core is fully turned into iron, there is no energy source to
prevent the core from collapsing under the weight of the star. During the gravitational
collapse that follows, a lot of energy is released and the object becomes very bright
for a couple of days to weeks. This is the phenomenon we already mentioned: a
supernova.

A supernova explosion is believed to be close to spherically symmetric: it bursts
out the same amount of material and light in all directions, and is equally bright from
all sides. When for some reason a large part of the energy ends up in a confined space,
this may lead to a highly asymmetric explosion where the outflow can reach velocities
close to the speed of light (relativistic) and has the form of jets. This is what leads to a
GRB. As confirmed by observations, it is possible that a stellar collapse produces a
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GRB and a supernova at the same time from one collapsing star; the fraction of the
energy that ends up in the jet can differ strongly between events. This is how we found
out in the first place that GRBs are associated with the deaths of massive stars.

It is uncertain what the exact physical process is that makes the GRB and powers
the confined relativistic jets. There are two main models that are both plausible. In the
first model, the stellar core collapses to a black hole. The surrounding material will,
if it contains sufficient angular momentum, form an accretion disc which launches
the jets. In the other model, the core collapses to a rapidly spinning neutron star, that
powers the jet with its strong magnetic fields. Black holes and neutron stars are very
compact, and the only objects extreme enough to power something as energetic as a
GRB.

However, it seems that in order to get a GRB in any of these theoretical scenarios,
the core of the progenitor needs to be rapidly rotating at the end its life. It might be
that this can only be accomplished if the star was (originally) in a close binary stellar
system: two or more stars that are so close to each other that there can be material
transferred from one star to another. A single single star can easily spin down because
of its strong stellar wind, but in a binary system, it might be possible that the star
is ‘spun up’ again by the companion star. It could even be that the stars completely
merge. From observations we know that massive stars are very often in close binary
systems, so this idea might be plausible. What kind of star and what kind of process
leads to a GRB is an important open question in the field of GRBs.

Regardless of the exact central engine and progenitor model, the physics of a GRB
and its afterglow can well be explained by a ball of hot and ionised material that is
moving towards us with a velocity close to the speed of light. The material is emitted
in chunks, but due to the high velocities these will from ‘shells’. Collisions between
shells of different velocities, known as internal shocks, produce a powerful flash of
high-energy gamma-ray emission: the GRB itself. When the relativistic outflow (the
jet) runs into the ambient medium and ploughs through it, it sweeps up electrons that
will start to radiate. This is believed to produce the afterglow.

The afterglow is something else than the supernova we earlier mentioned. Both the
GRB and the afterglow are primarily pointing in our direction3 due to the outflowing
jet, therefore the afterglow can be much brighter than a supernova, which is emits
light in all directions. Studying the afterglows of GRBs gives much more information
than the gamma-flash alone.

3There should be of course many GRBs that are not pointing in our direction, about 99% of them.
From these we see neither the GRB itself nor the afterglow, but we might see the supernova effect, which
is spherical. These phenomena are probably hard to distinguish from the supernovae that did not have a
GRB at all.
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Optical afterglow spectroscopy
A GRB afterglow can be observed over a broad range of wavelengths: from X-rays,
ultraviolet to optical, infrared and radio waves. All of this radiation is light; only the
energy per photon (or equivalently wavelength, or frequency) is different. While the
initial gamma-rays are observed from space with dedicated satellites that continuously
scan the sky for transient gamma-ray sources, the optical afterglow can be observed
with ground-based telescopes. GRBs and their afterglows fade very rapidly in time:
after a day, the brightness has dropped by about a factor hundred compared to half an
hour after the initial trigger. In order to obtain good-quality data, or sometimes to be
able to observe the optical counterpart at all, it is crucial to follow up on a gamma-ray
trigger very rapidly. Currently there are world-wide networks and collaborations in
order to make this as efficient as possible. It depends on the time of the day and
celestial coordinates from where on Earth the new source is visible on the sky.

It is particularly interesting to record a spectrum of an afterglow, for which we
require the largest optical telescopes. With spectroscopy, the photons are sorted into
wavelength bins, and we count how many we have of each wavelength. The result is
the brightness of the source as a function of wavelength: a spectrum. A smaller bin
size results in a better spectral resolution, but we need increasingly more light for this
to be able to produce a useful spectrum.

A typical optical afterglow spectrum is smooth and featureless, but as the light
shines through the gas in the dying star’s galaxy, it is absorbed at very specific
wavelengths leaving a ‘fingerprint’ of absorption lines, similar to what happens in
a stellar atmosphere. From the lab we know exactly where these absorption lines
should be located in their own reference velocity frame: their position is directly
related to a discrete energy change in an atom or ion. However, GRBs can be very
far away from us. So far even, that we see the effect of the expansion of the universe:
the more distant a source, the faster it is moving away from us. Due to the Doppler
effect on the emitted light, the full spectrum, including the absorption lines, is shifted
towards longer (redder) wavelengths. This effect is called redshift. In everyday life,
we encounter this effect in the sound of a passing ambulance: we hear the pitch of the
siren lower when it is moving away from us. The sound wave is stretched out when it
is emitted (lower frequency: lower pitch), and the same happens to a light wave that
comes from a distant GRB (lower frequency: redder). Since more distant sources are
moving faster away from us, the redshift is a measure for the distance, and also for the
cosmic time at which the light was emitted, because even light needs time to reach us.

Measuring the shift of spectral lines in an optical afterglow spectrum is the most
reliable and accurate way to obtain the redshift (and thus the distance) of a GRB. This
can be done with low-resolution spectroscopy, suitable for weak afterglows of if you
can not observe with a very big telescope. With a good quality spectrum (a higher
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resolution, a strong signal and low noise), however, there is much more we can learn.
The strength of an absorption line that arises from a certain element is proportional
to the abundance of this element in the gas that we see in absorption. In this way we
can determine the fraction of metals in the gas compared to hydrogen: the metallicity.
We have already mentioned that this parameter is very important in stellar winds,
which is a key effect in the evolution of massive stars and also in models that describe
how to make a GRB. Furthermore, metallicity plays a big role in interstellar dust and
how stars and their planets form. The shape and width of absorption lines contains
information about the structure and dynamics of the absorbing gas and thus of the
far-away galaxy in which the GRB went off.

All this information in the spectrum reveals properties of home-galaxy of the
star that became a GRB. We do not know the nature of these stars yet, and which
environmental circumstances should be in place in order to make a GRB, therefore
this galaxy is an interesting one to study. Astronomers can also study galaxies by their
own emitted light, but such observations will always be limited to the brighter ones.
Looking at galaxies in absorption with help of a bright light, such as a bright GRB
afterglow, that shines through it can be done for a galaxy of any brightness. This way
we learn about the full galaxy population, also at earlier times, and not only the close
by and/or bright ones.

This thesis

In this thesis I take you along the lifetime of massive stars towards their death,
through observational highlights. After a more in-depth introduction in Chapter 1
(recommended for those who want to learn more after reading this summary), we take
off in Chapter 2 with the observation of a ‘candidate’ massive star in a galaxy not so
far from our own, but already at the limit of where we can take spectra of individual
stars. We find, however, that our source is not single at all, but there should be at least
a very hot and evolved massive star among a group of less massive, slightly colder
stars. The data set that is used for this study is one of the first that is taken with the
X-shooter spectrograph on the Very Large Telescope in Chile. This instrument comes
back in most of the Chapters, because it is very well suited for observing both massive
stars and GRB afterglows. The Netherlands have contributed to the development of
X-shooter, for which we have been granted ‘guaranteed observation time’ for both
topics.

In Chapter 3 we investigate the nature and the environment of a Wolf-Rayet star,
which is a more evolved type of massive star, and a possible candidate for a GRB
death. This study is mainly carried out by Frank Tramper, but I took care of the
analysis of the surrounding region that is ionised by this extremely hot star.
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What then follows in Chapter 4 is the study of galaxies in absorption towards
bright background quasars. Quasars, being accreting supermassive black holes in
the centres of distant galaxies, are interesting objects in itself, but here they are just
used as bright background lights to identify galaxies that lie in front of them. In this
Chapter we searched for the emission of three galaxies of which the presence was
only known by the absorption they cause in spectra of quasars, and for one of these
galaxies we actually found it. This Chapter looks a bit out of line, but it forms the
prelude to the techniques used in the Chapters that follow.

In Chapter 5 we encounter the first GRB. We were able to obtain optical afterglow
spectra at four moments in time, spread over a week. We find that the strength of
some of the absorption lines was changing in time due to the radiation of the GRB
afterglow. From this we derived on the distance between the GRB and the absorbing
gas, and thus learned about internal structure of the host galaxy.

In Chapters 6 and 7 we present the spectroscopic observations of two other GRBs,
but these were much more distant. Both these GRBs went off more than twelve
billion years ago. These spectra are the most detailed that currently exist of high-
redshift GRBs. Especially for a PhD candidate, it is a real privilege to work on these
magnificent data sets. We have been able to determine the metallicities of the host
galaxies of the two GRBs in these Chapters, and put constraints on their dust content.
The burst described in Chapter 7 exploded so long ago that we start to see properties
of the very young universe in its spectrum.

As a final Chapter, I present the outline of an idea that proposes to use the results
of the newest cosmological simulations to interpret the picture we see arising for the
metallicity of very distant GRBs, including those in Chapters 6 and 7. Cross-field
research of this kind could be a key for further understanding of the formation of
GRBs and their suitability as probes for the distant universe.
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Samenvatting in het Nederlands

Lange1 gammaflitsen (in het Engels gamma-ray bursts, afgekort GRBs) zijn, afgezien
van de Oerknal, de krachtigste explosies die we kennen in het heelal. Er wordt
verondersteld dat deze flitsen ontstaan wanneer bepaalde typen zware sterren hun
laatste adem uitblazen. Wanneer dit gebeurt stort de kern van een zware ster ineen,
en wordt er materiaal met bijna de lichtsnelheid uitgestoten in de vorm van twee
nauwe straalstromen. Als wij een gammaflits zien, kijken we van bovenaf in zo’n
straalstroom. Gammaflitsen kunnen zo helder zijn, dat we ze eigenlijk van overal in
het universum kunnen zien, zolang hun licht maar tijd heeft gehad om ons te bereiken.
Omdat de lichtsnelheid eindig is, betekent ‘ver weg’ tevens ‘lang geleden’. De meest
ver weg gelegen gammaflitsen die waargenomen zijn, zijn vele miljarden jaren geleden
afgegaan, toen het universum slechts een paar procent van zijn huidige leeftijd (13.8
miljard jaar) had. Het bestuderen van gammaflitsen en hun omgeving maakt het
mogelijk te zien hoe het universum er vroeger uitzag, hoe het zich ontwikkeld heeft
en hoe deze spectaculaire explosies eigenlijk ontstaan.

Dit proefschrift gaat over de kosmische omgevingen van gammaflitsen, en over
de zware sterren die op een dag misschien zullen sterven als gammaflits. In deze
samenvatting zal ik een aantal concepten en technieken die in mijn proefschrift aan
bod komen in begrijpelijke bewoording uitleggen. Aan het eind van de samenvatting
zal ik aangeven wat de essentie is van de verschillende hoofdstukken in dit proefschrift
die mijn promotieonderzoek vormen.

Sterren en hun levensloop
Een ster is een ondoorzichtige gasbol die licht uitstraalt vanwege zijn temperatuur. De
aard van sterlicht verschilt weinig van dat van een gloeiende draad in een gloeilamp
of een witheet gloeiend stuk ijzer: het is een thermisch spectrum. De buitenste laag
van een ster, de atmosfeer, bevat atomen en ionen die het licht op zeer specifieke
golflengten absorberen. Dit zien wij als absorptielijnen in het thermische sterspectrum.
De vorm en sterkte van deze lijnen worden bepaald door onder andere de samen-
stelling, temperatuur en zwaartekracht van de ster. De temperatuur wordt in stand
gehouden door kernfusie in het binnenste van de ster. In een kernfusiereactie smelten

1We kennen korte en lange gammaflitsen; dit proefschrift gaat alleen over de lange variant, die te
maken heeft met de dood van zware sterren. Zie ook paragraaf 1.1.1.
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atoomkernen samen tot nieuwe, zwaardere kernen. Echter, de nieuw gevormde kern is
iets lichter dan de som van de massa’s van de atoomkernen vóór de reactie. De ont-
brekende massa is omgezet in energie volgens Einsteins beroemde formule E = mc2.
De energie E is hier voortgekomen uit de missende massa m vermenigvuldigd met
de lichtsnelheid c in het kwadraat. Omdat c2 een erg groot getal is, levert een klein
massaverschil een zeer grote hoeveelheid energie op. In een ster kan het evenwicht
van het opwekken van energie en het verlies ervan lang in stand gehouden worden,
typisch miljoenen tot miljarden jaren, maar je kunt je voorstellen dat de beschikbare
brandstof voor de fusie op een gegeven moment opraakt.

Sterren die even zwaar zijn als de zon hebben een levensduur van grofweg tien
miljard (1010) jaar. Deze, en lichtere sterren die nog langer leven, komen veel voor. Je
hebt ook sterren die, wanneer ze gevormd worden, zwaarder zijn dan de zon. Vanaf
ongeveer acht keer de massa van de zon spreken we van ‘zware sterren’. Zware
sterren zijn een stuk zeldzamer. Als er in een gaswolk sterren ontstaan worden er altijd
veel meer lichte dan zware gevormd. Daarnaast hebben zware sterren een kortere
levensduur dan lichte sterren, hoewel ze meer brandstof beschikbaar hebben. Hierdoor
zijn ze in feite nog zeldzamer. Kijk je bijvoorbeeld naar een stercluster van een paar
miljard jaar oud, dan zul je alleen nog de lichte sterren zien omdat de zware al aan
hun eind gekomen zijn. Het binnenste van een ster is heet en heeft een hoge dichtheid
omdat de hele ster erop drukt. Als gevolg van de sterke temperatuurafhankelijkheid van
het kernfusieproces in het binnenste van zware sterren, gaan de reacties daar ontzettend
snel en raakt de ster veel sneller door zijn brandstof heen dan een lichte ster. Een
ster van twintig zonsmassa’s leeft ‘slechts’ tien miljoen (107) jaar, duizend keer zo
kort als de zon. Het relatief korte leven van een zware ster wordt gekenmerkt door
gewelddadige en energetische effecten en uitbarstingen waarmee hij een sterke invloed
op zijn omgeving heeft. Ondanks hun zeldzaamheid zijn zware sterren bepalend voor
de structuur en levensloop van de sterrenstelsels waarin ze wonen.

De invloed van zware sterren
Sterrenstelsels (ook wel melkwegstelsels genoemd) zijn enorme objecten bestaande
uit gas, stof en sterren die bij elkaar gehouden worden door de zwaartekracht. De
zwaartekrachtspotentiaal van een sterrenstelsel wordt grotendeels bepaald door de
mysterieuze ‘donkere materie’, een belangrijke maar slecht begrepen component.
De gemiddelde afstand tussen sterren in een melkwegstelsel is een paar lichtjaar2,
terwijl de afstand tussen sterrenstelsels in een groep tussen de duizend en miljoenen
lichtjaren kan beslaan. De Melkweg, het sterrenstelsel waarin wij wonen, bevat zo’n
honderd miljard (1011) sterren, heeft de vorm van een platte pannenkoek en, als je er

2Een lichtjaar is de afstand die het licht in een jaar aflegt; ruim 9 biljoen (9 × 1012) kilometer.
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van bovenaf op zou kijken, een spiraalstructuur. Op een donkere nacht kun je deze
pannenkoek waar we in zitten aan de hemel zien als een diffuus lichtgevende band,
wat de naam Melkweg verklaart. De Melkweg is onderdeel van de Lokale Groep,
samen met het Andromedastelsel (nog zo’n spiraalvormige pannenkoek en het grootste
sterrenstelsel in de buurt) en diverse kleinere sterrenstelsels.

De structuur van een sterrenstelsel en hoe het evolueert wordt sterk beïnvloed door
de populatie van zware sterren vanwege de volgende effecten. Ten eerste, de sterke
straling van zware sterren ioniseert de omringende materie en warmt deze op. Zware
sterren zijn over het algemeen heter en lichtkrachtiger dan minder zware sterren, want
resulteert in hogere uitstoot van hoog-energetische fotonen. Ten tweede, de sterke
sterwind van een zware ster vult het interstellaire medium met nieuwe deeltjes, impuls
en energie. Alle soorten sterren kunnen sterwinden hebben, maar ze zijn bijzonder
sterk in zware (en dus lichtkrachtige) sterren, omdat de deeltjes in de atmosfeer een
uitwaardse druk voelen vanwege de straling van de ster. Als een ster opzwelt tijdens
zijn levensloop worden sterwinden ook sterker omdat de zwaartekracht aan het op-
pervlak kleiner wordt. Vooral voor zwaardere elementen (‘metalen’) zijn de gevolgen
van deze stralingsdruk groot. Dit komt door de vele mogelijke energieovergangen die
deze deeltjes hebben door hun complexere atoomstructuur: ze kunnen veel kleuren
licht absorberen. Dit heeft als gevolg dat de sterke van sterwinden samenhangt met de
concentratie van dit soort elementen in de steratmosfeer: de metalliciteit. Astronomen
noemen alle elementen zwaarden dan helium metalen. Het aantal ‘metaal’-atomen ten
opzichte van waterstof- en heliumatomen is maar heel klein. In de sterwind slepen
de metalen de rest van het gas met zich mee, waardoor de wind toch voornamelijk
uit waterstof en helium bestaat. Het derde effect dat een zware ster op zijn omgeving
heeft is de supernova-explosie aan het eind van zijn leven. Hierbij wordt een deel
van de fusieproducten van de ster teruggegeven aan het interstellaire medium, als
mogelijke bouwstenen voor volgende generaties sterren, waarvan sommige met bijbe-
horende planeten en wellicht levensvormen. Gedurende de supernova zelf worden nog
zwaardere en meer exotische elementen gevormd, die niet gemaakt kunnen worden
door fusie in sterren. De schokgolf die een supernova produceert kan gas wegblazen
zodat plaatselijk nieuwe stervorming onderbroken wordt, maar hij kan er ook juist
voor zorgen dat de stervorming elders weer getriggerd wordt.

De dood van zware sterren

In de kern van een ster worden waterstofdeeltjes met elkaar gefuseerd tot helium.
Daarna, als de kern een beetje in elkaar gedrukt wordt, kan dit helium weer verder
fuseren tot zwaardere elementen zoals koolstof, stikstof en zuurstof. In de zwaarste
sterren kan dit doorgaan totdat de sterkern helemaal uit ijzer bestaat. Rondom de
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ijzerkern zitten op dat moment ‘schillen’ van eerdere reactieproducten, als een soort
ui. De buitenste schil bestaat voornamelijk uit waterstof: hier is het nooit heet genoeg
geworden voor kernfusie. IJzer is het meest stabiele element dat we kennen, en fusie
van ijzerkernen tot zwaardere elementen levert geen energie meer op, maar kost juist
energie. Dus wanneer de kern helemaal uit ijzer bestaat, is er niets meer dat kan
voorkomen dat de kern ineenstort onder het gewicht van de ster. In de ineenstorting
die volgt komt weer heel veel energie vrij, en het object wordt een aantal dagen tot
weken zeer helder. Dit is het fenomeen dat we eerder al noemden: een supernova.

Een supernova wordt geacht een grofweg sferisch symmetrische explosie te zijn: er
wordt evenveel materiaal uitgestoten in alle richtingen, en het fenomeen zou er ook van
alle kanten even helder uitzien. Als om een of andere reden een aanzienlijk deel van
de energie in een beperkte ruimte terechtkomt leidt dit tot een juist heel asymmetrische
uitbarsting. Dit kan ervoor zorgen dat er materie in zogenaamde straalstromen (of
jets) uitgestoten wordt: twee smalle bundels vanaf de draaias van de ster die met bijna
de lichtsnelheid gaan. Als dit gebeurt hebben we te maken met een gamma-flits. Zoals
blijkt uit waarnemingen kun je ook een gammaflits en een supernova op hetzelfde
moment hebben afkomstig van één instortende ster; welke fractie van de energie in de
straalstromen gaat zitten kan tussen de gevallen sterk verschillen. Dit samenvallen van
deze fenomenen is een van de belangrijkste aanwijzingen geweest voor de conclusie
dat gammaflitsen te maken hebben met het levenseinde van zware sterren.

Wat het precieze fysische proces is dat de gammaflits met de krachtige straal-
stromen produceert staat ter discussie. Er zijn in het algemeen twee zeer plausibele
modellen hiervoor. In het ene model stort de sterkern ineen tot een zwart gat, waarna
de omliggende materie, mits er voldoende ‘draaiing’ in zit, een accretieschijf zal
vormen waar de materie ronddraait en opgeslokt wordt als in een afvoerputje. Boven
en onder de schijf worden de straalstromen gelanceerd. In het andere model wordt er
bij het ineenstorten een neutronenster gevormd, die de straalstromen aandrijft via een
extreem sterk magneetveld. Zwarte gaten en neutronensterren zijn zeer compact, en
de enige objecten die extreem genoeg zijn om zoiets energetisch als een gammaflits te
veroorzaken.

Welk theoretisch model je ook kiest, in beide gevallen is het noodzakelijk dat
de sterkern heel hard moet ronddraaien om een gammaflits te maken. Het zou heel
goed kunnen dat dit alleen maar lukt als de stervende ster (oorspronkelijk) in een
nauw dubbelstersysteem zat: twee of meerdere sterren die zo dicht bij elkaar staan
dat er materiaal van de ene ster op de andere overgebracht kan worden. Een op
zichzelf staande ster raakt normaal gesproken veel van zijn draaiing kwijt door zijn
sterwind, maar in een dubbelstersysteem zou hij eventueel weer ‘opgesponnen’ kunnen
worden met hulp van de begeleidende ster. Het kan zelfs gebeuren dat de twee
sterren samensmelten. Uit waanemingen weten wedat zware sterren heel vaak in
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dubbelstersystemen zitten, dus het is niet zo’n gekke gedachte. Maar wat voor soort
ster, of dubbelster, precies een gammaflits kan maken is nog altijd een belangrijke
open vraag in dit vakgebied.

Onafhankelijk van de precieze centrale motor en het soort ster dat een gammaflits
kan maken, kunnen we de fysica van de flits en zijn nagloeier goed beschrijven met
een bal van hete, geïoniseerde materie (plasma) die met bijna de lichtsnelheid op ons
afkomt. Materiaal wordt in hompen uitgestoten, maar door de hoge snelheden worden
dit een soort schillen. Botsingen tussen deze schillen van verschillende snelheden
veroorzaken een krachtige flits van hoog-energetische gammastraling: de gammaflits
zelf. Wanneer de materie botst met het al aanwezige omliggende medium gaat het
daar als een soort sneeuwschuiver doorheen. De straling die de opgeveegde materie
produceert noemen we de nagloeier.

Deze nagloeier staat los van de supernova die we eerder noemden. Omdat de
nagloeier ontstaat doordat smalle de straalstroom door het interstellaire medium
ploegt, is de nagloeier, net als de gammaflits zelf, voornamelijk naar ons toe gericht3.
Hierdoor kan hij nog veel helderder zijn dan een supernova, die immers naar alle
kanten tegelijk straalt. Observaties aan de nagloeier geven veel meer informatie over
het proces, en de omgeving van de gammaflits, dan alleen de gammaflits zelf.

Spectroscopie van de nagloeier van een gammaflits
De nagloeier van een gammaflits kan over een breed golflengtebereik worden waarge-
nomen: van röntgenstraling, ultraviolet tot zichtbaar licht, infrarood en radiostraling.
Deze straling is allemaal licht, alleen de energie per foton (lichtdeeltje), of equivalent
de golflengte, of frequentie, verschilt. De initiële gammastraling van de flits wordt
waargenomen door speciale satellieten die voortdurend de hemel afspeuren naar ver-
anderlijke, plotselinge bronnen van gammastralen. Gammastraling komt (gelukkig!)
niet door de aardse dampkring heen. De optische nagloeier kan daarentegen worden
waargenomen vanuit binnen de dampkring, met telescopen op aarde.

Gammaflitsen en hun nagloeiers worden razendsnel zwakker: na een dag is de
helderheid vergeleken met die van een half uur na de flits al een factor honderd lager
geworden. Om toch bruikbare waarnemingen te doen, of soms om zelfs maar de
nagloeier überhaupt te detecteren, moet je snel zijn. Tegenwoordig zijn er wereldwijde
netwerken en samenwerkingsverbanden die dit zo efficiënt mogelijk maken. Het hangt
namelijk van de tijd en de plaats van de flits aan de hemel af vanuit waar op aarde en

3Er zijn natuurlijk heel veel gammaflitsen die niet in onze richting wijzen, zo’n 99% van het totaal.
Hiervan zien we noch de flits van gammastraling, noch de nagloeier. Het zou kunnen dat wel de
supernova zien, maar deze zullen moeilijk te onderscheiden zijn van supernovae die überhaupt geen
gammaflits hadden.
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wanneer we zouden kunnen waarnemen.
In het bijzonder is het interessant om een spectrum te nemen van een nagloeier;

hiervoor hebben we de grootste optische telescopen nodig. Met spectroscopie worden
de lichtdeeltjes verdeeld in golflengte-intervallen, en vervolgens wordt geteld hoeveel
je er hebt van elke golflengte. Het resultaat is de helderheid van de bron als functie van
golflengte: een spectrum. Hoe kleiner de intervallen, hoe beter de spectrale resolutie,
maar je hebt wel steeds meer licht nodig voor een bruikbaar spectrum met een hogere
resolutie.

Het spectrum van een nagloeier in het zichtbare licht is ‘glad’ en zonder pieken
en putten, maar omdat het door het gas van het sterrenstelsel van de stervende ster
heenschijnt, wordt het licht op zeer specifieke golflengten geabsorbeerd, wat zorgt
voor een ‘vingerafdruk’ van absorptielijnen. Dit lijkt een beetje op wat er in een
steratmosfeer gebeurt. Vanuit het laboratorium weten we precies welke absorptielijnen
bij welke energie- overgangen in welk atoom of ion horen, en dus ook waar in het
spectrum ze precies zouden moeten zitten in hun eigen rust-referentieframe. Echter,
gammaflitsen vinden op grote afstanden van ons plaats. Zo ver, dan we het effect van
de expansie van het universum merken: hoe verder weg een bron, hoe sneller deze van
ons af beweegt. Dit vertaalt zich in het Doppler effect: het hele spectrum inclusief alle
absorptielijnen verschuift naar langere (rodere) golflengtes. Bij licht spreken we over
roodverschuiving. In het dagelijks leven komen we dit tegen in het geluid van een
langsscheurende ambulance: het geluid van de sirene klinkt lager als de ambulance
van ons af beweegt. De geluidsgolven worden uitgerekt terwijl ze uitgezonden worden
(lagere frequentie: lagere toonhoogte); hetzelfde gebeurt met een lichtgolf die wordt
uitgezonden door verre, van ons af bewegende lichtbron (lagere frequentie, roder).
Omdat verder weg gelegen bronnen harder van ons af bewegen is de roodverschuiving
een maat voor de afstand en tegelijk voor de kosmische tijd dat het is uitgezonden,
omdat zelfs het licht tijd nodig heeft om ons te bereiken.

Het meten van de verschuiving van de spectraallijnen in een nagloeierspectrum is
de meest precieze en betrouwbare manier om de roodverschuiving (en dus de afstand)
tot een gammaflits te bepalen. Dit lukt ook met een spectrum met een betrekkelijk
lage resolutie, bruikbaar voor zwakkere nagloeiers, of voor als je niet zo’n hele
grote telescoop tot je beschikking hebt. Met een goed spectrum (dat wil zeggen:
redelijke resolutie en een duidelijk signaal met weinig ruis) kun je echter nog veel
meer eigenschappen afleiden. De sterkte van een absorptielijn die van een bepaald
atoom of ion komt is afhankelijk van de concentratie van dit atoom of ion in het gas
van het sterrenstelsel waar deze gammaflits afging. Op deze manier kunnen we de
verhouding van waterstof en metalen bepalen in dit gas: de metalliciteit. Zoals we al
eerder duidelijk maakten is dit een zeer belangrijke parameter voor sterwind, die op
zijn beurt weer een bepalende rol speelt in de levensloop van een zware ster, en in wat
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voor soort explosie deze zijn leven gaat eindigen. Ook speelt de metalliciteit een grote
rol in interstellair stof en hoe sterren en hun planeten vormen. De vorm en breedte van
absorptielijnen bevat informatie over de structuur en dynamica in het absorberende
gas, en dus van het verre sterrenstelsel waarin de gammaflits afging.

Al deze informatie in het spectrum onthult eigenschappen van het gastheer-stelsel
van een ster die een gammaflits veroorzaakte. We weten de precieze aard van dit
soort sterren nog niet, noch de exacte omstandigheden die er moeten zijn om een
gammaflits te maken. Om deze redenen zijn deze sterrenstelsels natuurlijk al enorm
interessant om te bestuderen, maar er is nog een belangrijke reden. Astronomen
kunnen sterrenstelsels ook direct bestuderen, dus via licht dat door de stelsels zelf
wordt uitgezonden, maar op deze manier moet je je altijd beperken tot de meest
heldere stelsels. Als je met behulp van een heldere bron, zoals een nagloeier, naar een
stelsel in absorptie kijkt, pik je sterrenstelsels van iedere helderheid mee. Op deze
manier komen we meer te weten over de gehele sterrenstelselpopulatie, ook die in
eerdere kosmologische tijdvakken, en niet alleen die stelsels die toevallig erg helder
zijn en/of dichtbij staan.

Dit proefschift

In dit proefschrift neem ik je mee langs de levensloop van een zware ster tot aan zijn
dramatische en gewelddadige einde, door middel van waarneemhoogtepunten. Na een
wat uitgebreidere introductie in hoofdstuk 1 (een aanrader voor wie graag meer wil
leren na deze samenvatting), beginnen we in hoofdstuk 2 met de waarnemingen aan
een zware-ster-kandidaat in een sterrenstelsel niet zo ver van onze Melkweg, maar toch
al op de grens van waar we nog spectra van individuele sterren kunnen nemen. We
vinden trouwens dat dit helemaal geen individuele ster is, maar een clustertje ‘normale’
zware sterren, en minstens één zeer hete, verder geëvolueerde en waarschijnlijk zeer
zware ster. Deze waarnemingen waren een van de eerste die genomen zijn met de
X-shooter spectrograaf op de Very Large Telescope in Chili. Dit instrument komt
terug in alle hoofdstukken, omdat het zeer geschikt is voor waarnemingen aan zowel
zware sterren als gammaflitsnagloeiers. Nederland heeft meegebouwd aan X-shooter,
en in ruil daarvoor hebben we ‘gegarandeerde waarneemtijd’ gekregen voor beide
onderzoeksthema’s.

In hoofdstuk 3 onderzoeken we de aard en de omgeving van een zogenaamde
Wolf-Rayet ster, een meer geëvolueerd type zware ster, en een mogelijke kandidaat
voor het produceren van een gammaflits. Dit deelonderzoek is grotendeels uitgevoerd
door Frank Tramper, maar ik heb me ontfermd over de analyse van het gas dat deze
zeer hete ster omringt en dat door zijn sterke straling wordt geïoniseerd.

In hoofdstuk 4 volgt een onderzoek aan sterrenstelsels in absorptie tegen het
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licht van quasars. Quasars zijn superzware zwarte gaten die in de kern van een ver
weg gelegen sterrenstelsel gas aan het opslokken zijn, en zijn zeker een studie op
zichzelf waard. Ik gebruik deze objecten echter slechts als achtergrondlampje om
de sterrenstelsels te bestuderen die er vóór liggen. In dit project zochten we naar de
emissie die hoort bij de sterrenstelsels waarvan de aanwezigheid afgeleid wordt uit de
absorptie in het quasarspectrum. Bij één van de drie bronnen hebben we deze emissie
ook gevonden. Dit hoofdstuk lijkt een beetje een vreemde eend in de bijt, maar het
vormt een soort prelude voor de technieken die in de hoofdstukken hierna aan de orde
komen.

In hoofdstuk 5 komen we de eerste gammaflits tegen. Van de nagloeier van deze
flits konden we maar liefst vier spectra nemen, verspreid over een week. Het bleek dat
de sterkte van sommige absorptielijnen in de tijd veranderde, als een gevolg van de
straling van de nagloeier. Hieruit hebben we de afstand tussen de gammaflits en het
absorberende gas kunnen bepalen, wat ons inzicht heeft verschaft in de structuur van
het gastheer-sterrenstelsel.

Hoofstukken 6 en 7 zijn ook gebaseerd op optische spectra van nagloeiers, maar
nu van veel verder weg gelegen gammaflitsen. Beide zijn meer dan twaalf miljard
jaar geleden afgegaan. Deze spectra zijn de beste die er nu beschikbaar zijn voor
gammaflitsen op deze enorme afstanden. Ik voel mij als promovendus behoorlijk
bevoorrecht om aan deze magnifieke data-sets te mogen werken. We hebben de
metalliciteit van de gastheer-sterrenstelsels van beide gammaflitsen kunnen bepalen,
wat een bijzonder interessante parameter is in het zo vroege universum. Tevens hebben
we conclusies kunnen trekken over het al dan niet aanwezig zijn van interstellair stof.
De gammaflits van hoofdstuk 7 is zelfs zo lang geleden afgegaan dat we in dit spectrum
bepaalde effecten uit de begintijd van het universum kunnen zien.

Als laatste hoofdstuk (8) omschrijf ik een nieuw idee voor een project dat de
resultaten van de nieuwste kosmologische computersimulaties gebruikt om onder
andere de metalliciteit van gammaflits-sterrenstelsels te verklaren, waaronder die uit
hoofdstukken 6 en 7. Onderzoek op het grensvlak van verschillende sub-vakgebieden,
zoals ik in dit project voorstel, zou wel eens cruciaal kunnen zijn voor het begrij-
pen van het ontstaan van gammaflitsen en de bruikbaarheid van hun nagloeiers om
sterrenstelsels te identificeren en onderzoeken.

266



Dankwoord

Ik heb een ontzettend leuke tijd gehad tijdens het doen van mijn promotieonderzoek,
en de twee jaar als masterstudent daarvoor. Dit is voornamelijk te danken aan de fijne
mensen door wie ik omringd ben (geweest) en de collaboratie waar ik deel van heb
uitgemaakt. Deze mensen wil ik hierbij graag bedanken.

Lex, jij staat hier natuurlijk bovenaan. Jij weet me altijd te motiveren en hebt me
ontzettend veel vrijheid gegeven in de precieze invulling van mijn onderzoek. Een
persoonlijke klik met je begeleider is erg prettig, maar dat is ook niet zo moeilijk met
een zo innemende persoon als jij. Vind je het gek dat je als een magneet studenten
aantrekt die projecten willen doen? Bedankt voor je niet aflatende betrokkenheid.

Ralph, ik kan enorm genieten van jouw gevoel voor humor en aanstekelijke lach.
Bedankt voor je support, ideeën en de discussies die we gehad hebben. Ook die die
helemaal niet over sterrenkunde gingen.

Ik ben de promotiecommissie zeer erkentelijk voor voor het lezen en beoordelen
van mijn proefschrift, en het geven van suggesties. Sorry dat het nogal dik is!

Aan het begin van mijn promotieonderzoek ben ik op bezoek geweest in Leicester,
waar Klaas Wiersema mij de fijne kneepjes van de spectroscopie van nagloeiers heeft
geleerd. Ontzettend bedankt, Klaas. Zonder jouw hulp was dat project heel wat
moeizamer van de grond gekomen. Jouw liefde voor het vak blijkt uit alles, en dat is
mooi, want je bent ook “eng slim” (die komt van Ralph). Mijn bureau is net zo’n zooi
als dat van jou, en ik ben er trots op. Het was ook erg leuk om Rhaana, Luuk en de
rest van de groep in Leicester te ontmoeten.

It has been great being part of the X-shooter afterglow follow-up collaboration.
I would like to thank Johan Fynbo for the wise leadership of our team and also for
his direct involvement in the data we took and the results we obtained. The visits
to Dark in Copenhagen were also very nice and fruitful. Paul, bedankt voor al je
hulp met de fijnstructuurlijnen en het modelleren. Jij neemt altijd de tijd om alles
goed en begrijpelijk uit te leggen en dit heb ik enorm gewaardeerd. Daniele, without
you (and your phone :-) the collaboration would not function. Super thanks for
always providing immediate help 24/7. But never, ever, again promise to sort out
photometry for me. A big thanks to the other people in the collaboration for obtaining
and analysing data in the middle of the night, and for contributing to all the projects

267



8 Dankwoord

we did together (a couple them are in this thesis!). Dong, Thomas, Steve, Nial, Klaas,
Andrew, Jens, Páll, Antonio, Valerio, Stefano, Rubén, Hector, Zach, Jure, Annalisa,
Martin, Paolo, Darach, Cédric, Mette, Susanna, Silvia, Bo, Christina and Jonathan,
thanks all for making our programme a success, and as well for making conferences
and collaborative visits a lot of fun!

I have learned a lot during the (preprint) meetings with Joop Schaye and his group
in Leiden. Thanks, Joop and the others, for introducing me to a different flavour of
astronomical research. Thanks also in particular to Rob Crain and Ali Rahmati for
helping me use the results of cosmological simulations and for their patience with my
ignorance. I wish there had been more time to develop this project further!

Julija, without you I might never have found out the secrets of vpfit. In the end I
have made a lot of use of that. Thanks!

As can be read in the acknowledgments in every thesis produced at the Anton
Pannekoek Institute, this is a place with an extraordinarily nice atmosphere that feels
like a family. It is true.

Since my the start of my Master’s project I have been involved in the Massive Star
Group. I’d like to thank a few massive people in particular: Alex, een gesprek met
jou is altijd de moeite waard, of dat nou over wetenschap op over persoonlijke zaken
gaat. Bedankt ook voor je inzet voor de Inquisitie en ook voor je uitgebreide feedback
op mijn introductie. Hugues, without you my master’s project (and the first science
chapter of this thesis) would have been a disaster. Henny, wat een lol met de grote
Dalmuti en het Chinees tellen! Huib, je hebt ons een hoop hoofdpijn bezorgd, maar ik
mag je heel graag hoor! Bedankt voor het realiseren van het APO. Frank, wat kunnen
we toch heerlijk ouwehoeren, vooral onder het genot van de nodige drank op de NAC.
Leuk dat jij mijn paranimf wil zijn. Oscar – don’t panic! You are great and you’ll
manage. Thanks for organising our sometimes quite hilarious group meetings. Lucas,
bedankt voor de Nerd Nites en de leuke gesprekken. (Dat schrijft gewoon even twee
boeken in één jaar...) Selma, geweldig dat jij het team komt versterken. Samayra,
Manos, Maria – good luck and enjoy! To our strong massive master student division:
keep up the good work!

Although I realise API has a rich history in GRB research, the number of people
working on these events unfortunately kept decreasing during my PhD. For me,
though, it helped a lot to have you around for a while. Antonia, we already met in
Leicester, and we had a fun time in Amsterdam, as office mates in the early days of the
New Building, but also in our ‘kitchen experiments’ together with Daniela and Lucy,
ranging from chocolates to comets. Thanks for the fun, gals! Alexander, heel erg
bedankt voor je hulp met mijn intro, want ik zat behoorlijk in de knoop, en natuurlijk
sowieso voor alle goede raad en roddels. Kostadinos, thanks for being such a relaxed

268



guy. Evert, bedankt voor je hulp met de proposals en voor je oog voor detail.
There’s only space to write down a personal note for a few, but there are many

more (former) APIs that contributed to a fabulous atmosphere, and they deserve to
be mentioned here. In no particular order: Sjors, Samia, Salomé, Rik, Thijs (2x),
Gijs (2x), Peter (2x), Yvette, Dario, Ton, Godelieve, Carsten, Ed, Rens, Mihkel,
Martin, Sera, Micheal, Anna, John, Sarka, Abbie, Mark, Riley, Michiel (2x), Danai,
Montse, Theo, Nathalie, Diego, Adam, Chris, Catia, Tomas, Jason, Wim, Joop, Joeri,
Phil, Amruta, Liliana, Smriti, Lucia, Georgi, Daniele, Klim, Alice, Stefano, Arnim,
Marieke, Franka, Jaap, Koen, Bastiaan, Bram, Yuri, Chiara, Folkert, Bertrand, Vanna,
Jacco, Nanda, David, Maureen, Rudy, Alexandros, Jacqueline, Nikki, Caroline, Joel,
Maithili, Pieter, Lianne, Eduardo, Alessandro, Dave, Rasjied and of course all the
master students back then and now. Thanks for all the nice chats, mutual support
and assistance, (Sinterklaas) parties, and simply the morning coffee (power to the
die-hards!). And last but not least: a big thanks to the secretarial and managerial staff:
Milena, Susan, Lide, Annemarie and in the past Marieke, Minou, Esther and Eva, you
keep the institute running!

I also would like to acknowledge my fellow members in the FWNI PhD Council.
Not so much for their contribution to this particular work, because the activities
sometimes took quite some research time, but the more for giving an extra dimension
to my time here at the FNWI. Thanks for your commitment!

Het begon natuurlijk allemaal op het Zaanlands, waar de vlam werd aangewakkerd
door Fons Bleijendaal en Kees den Hollander. Als je zoveel enthousiasme uitstraalt
moeten omstanders er wel mee besmet worden. Ik kan niet anders zeggen dan dat dit
boekje mede mogelijk gemaakt werd door jullie. Joei en ik werden van de ene activi-
teit naar de andere masterclass gesleept. Hoewel we daar geen snars van begrepen,
zullen wij voorgoed bepaalde associaties hebben bij kaplaarzen. Een studie natuur- en
sterrenkunde was onvermijdelijk. En hee, lopen daar ineens nog veel meer van dat
soort snuiters rond. Wat een feest der herkenning; het klikte meteen vanaf dag één
met dit bijzonder leuke cohort, en met de inspirerende docenten. Ortwin, Floor, Anita,
Peter, Jesse, Meike, dank voor jullie vriendschap!

Het is heel goed voor de balans om je niet alleen met natuurkundigen op te houden.
Bert, je bent een lieverd maar je moet niet zo opscheppen! Sebastiaan en Kim, het is
altijd gezellig met jullie! Astrid (Plettie), we weten niet hoe snel we moeten babbelen
als we elkaar spreken, en er is niet eens tijd om een fiets te breien. Als we nou eens
gewoon wat vaker afspreken? We wonen nota bene in dezelfde plaats! Pine (neem een
sigaar en een bel cognac beste kerel), jij betekent een hoop voor mij! Bedankt lieve

269



8 Dankwoord

vriendin. Beste Joei, ik noemde je al even, wij hebben een hele geschiedenis samen.
Jij hoort daar te staan als paranimf! Bedankt dat jij er bent.

Naast de steun van mijn vrienden is daar natuurlijk mijn lieve familie; zonder hun
interesse en support had ik vast allang de brui aan gegeven. Mijn lieve schoonouders
Gerard en Ans, jullie hebben het niet altijd gemakkelijk gehad, maar jullie harten zijn
zo groot dat jullie altijd voor anderen klaarstaan. Wat is dat mooi. Elvira en Tobias,
altijd het trouwe publiek op de Open Dag, fijn dat jullie er zijn! Opa en Oma, jullie
zijn fantastisch en hebben mijn leven zoveel kleur gegeven. Wat leuk dat we nog zo
kunnen lachen met elkaar! Ik ga helemaal gloeien van jullie trots. Natuurlijk mijn
liefste grote zussen Astrid en Frieda, fijn dat jullie er altijd voor mij zijn. Het lijkt wel
of we alleen maar meer naar elkaar toegroeien. Astrid, bedankt voor het proeflezen
van de samenvatting: die is nu tenminste educatief verantwoord. Heb je de quote al
gevonden? Naast de kunst van het produceren van heel veel geluid, delen wij zusjes
ook de eigenschap van een goede smaak voor het uitzoeken van partners. Niels en
Stephen, wat een ontzettend fijne kerels zijn jullie toch. Zorg maar goed voor mijn
zusjes. Lieve Papa en Mama, ik heb zoveel van jullie geleerd, al was het alleen maar
door naar jullie te kijken. Jullie zijn mijn grootste voorbeeld en de meest geweldige
ouders die ik me kan wensen. Bedankt voor het warme thuis en de mogelijkheden die
jullie ons drieën gegeven hebben.

En tenslotte mijn liefste Reinier. Een leven zonder jou kan ik me niet voorstellen;
wij horen bij elkaar. Bedankt voor je steun op alle mogelijke vlakken. Liefje, ik hou
van je. Samen lief.

Olga Hartoog
Amsterdam, 30 oktober 2014

270



“Ik heb een beetje medelijden met een zware ster,
met z’n korte leven en zijn gewelddadige leefom-
geving, en verderop (...) spreek je zelfs over zijn
dramatische einde...
Ik zal Jeugdzorg even bellen, misschien is er cri-
sisopvang beschikbaar."

– Astrid Hartoog




	Introduction
	The discovery of GRBs and their origin
	Clues from BATSE
	The afterglow revolution
	Relativistic fireballs
	Indications towards a connection with massive stars

	Massive stars: their evolution and final fate
	Environments of massive stars
	Post-main-sequence evolution
	Long GRBs vs SNe
	Long GRB progenitors

	Long GRB host galaxies
	Types of galaxies
	Metallicity
	Host galaxy-progenitor connection

	Afterglow spectroscopy
	Absorption lines
	Metallicity and dust depletion
	Excitation and ionisation by the GRB afterglow

	Probing the early universe with high-redshift GRBs
	Nucleosynthetic history of galaxies
	The end of the epoch of reionisation

	Recent developments
	X-shooter, the `redshift machine'
	Results of the X-shooter GRB sample

	Outline of this thesis
	Appendix List of GRBs observed in X-shooter GRB afterglow legacy survey

	First VLT/X-shooter spectroscopy of early-type stars outside the Local Group
	Introduction
	NGC 55

	Observations and Data Reduction
	The sky-corrected stellar spectrum
	The nebular emission spectra

	Analysis: The C1_31 stellar spectrum
	Stellar line profile modelling

	Analysis: The nebular emission line spectrum
	Nebular emission properties along the slit
	C2_35

	Model Hii region
	Discussion: a consistent picture
	Summary and conclusions

	The nature of WO star DR1 in IC1613
	Introduction
	Literature overview
	Observations and data reduction
	Photometry

	Quantitative spectroscopic analysis
	Stellar spectrum
	Nebular spectrum

	Discussion
	Oxygen abundance and temperature
	Evolutionary state
	Mass-loss rate
	Final fate

	Conclusions
	Appendix Overview of used model atoms

	Galaxy counterparts of metal-rich damped Ly absorbers
	Introduction
	Strategy and observations
	Analysis and results
	Emission properties of the DLA counterpart in DLA-2059
	Absorption in J205922.4-052842

	Non-detections of emitting counterparts
	DLA-1057
	DLA-0030

	Discussion
	The mass of the DLAs
	Star formation and molecular hydrogen in DLA galaxies

	Conclusions
	Appendix Spectra
	Appendix Intervening absorbers
	Appendix An extra component in the metal lines of DLA-2059

	The host-galaxy response to the afterglow of GRB100901A
	Introduction 
	Observations
	Gemini-N/GMOS spectroscopy
	VLT/X-shooter spectroscopy

	Analysis
	Resonance lines
	Detection and variability of transitions arising from excited levels of Feii and Niii
	Emission lines

	Discussion
	GRBs as probes of galaxies
	Can low-resolution spectra be of use in the analysis of fine-structure line variation?

	Summary and conclusions
	Appendix Tables with line transitions

	Metals and dust in a GRB host galaxy at redshift 5
	Introduction
	Observations
	X-shooter spectroscopy
	GMOS spectroscopy
	GROND photometry

	The GRB host absorber
	The chemical composition
	Fine-structure lines

	Determining the dust extinction
	The intervening system at z=4.6
	Searching for emission from the host and from the intervening absorber
	Dust-to-metals ratio
	Discussion
	The GRB host galaxy
	The intervening DLA

	Summary
	Appendix The issue of saturation for the Sii1253 transition
	Appendix The effect a third absorption component
	Appendix The X-shooter spectrum

	Spectroscopy of the afterglow of GRB130606A
	Introduction
	Observations
	Results
	Astrometry
	SED fitting
	Analysis of the red damping wing
	Metal absorption lines
	Intervening absorption systems
	Ly forest constraints on the IGM

	Discussion
	Analysis of the red damping wing
	Metallicity of the host of GRB130606A
	Nucleosynthetic history
	Reionisation of the IGM

	Conclusions
	Appendix Absorption spectrum

	Comparing host galaxy observations with cosmological simulations
	Introduction
	EAGLE cosmological simulations
	Simulating loci of GRBs
	Physical properties and observables
	Prospects

	Bibliography
	Publications
	Summary in English
	Samenvatting in het Nederlands
	Dankwoord

