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ICHTHYOLOGIE E
Err is in zee een coelacanth gevonden,
dee missing link tussen twee vissen in.
Dee vinder weende van verwondering.
Onderr zijn ogen lag voor 't eerst verbonden
dee eeuwen onderbroken schakeling.
Enn allen die om deze vis heenstonden
voeldenn zich op dat ogenblik verslonden
doorr de miljoenen jaren achter hen.
Rangordee tussen mens en hagedis
enn van de hagedis diep in de stof,
verderr dan onze instrumenten reiken.
Bijj dit besef mogen wij doen alsof
dee reeks naar boven toe hetzelfde is
enn kunnen zo bij God op tafel kijken.
GerritGerrit Achterberg

ICHTYOLOGY Y
AA coelacanth was found in the ocean,
betweenn two fish the missing link.
Awestruck,, the finder wept to think
hee was seeing the age-long broken
chainn for the first time joined.
Andd all who stood around that fish
feltt themselves at that moment vanish
inn the maw of millios of years behind.
Fromm man to lizard the descending scale
fromm lizard to deep in the slime,
beyondd the reach of our devices.
Knowingg this we can dissemble
thatt the series upwards is die same
andd so can sit with God at table.
GerritGerrit Achterberg
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Voorwoordd en samenvatting
Ditt proefschrift bestaat uit drie delen, "de massa van VelaX-1", "de aard van
Cygnuss X-3" en "het karakter van Be sterren". Deze delen vormen de neerslag van
hethet onderzoek waar ik me de afgelopen vijfjaar het meest mee bezig heb gehouden.
ZeZe reflecteren, net als de rest van mijn onderzoek, een fascinatie voor dubbelsterren.
Dezee betreft aan de ene kant de mogelijkheden die dubbelsterren bieden om meer over
sterrenn zelf te weten te komen, en aan de andere kant de radicale invloed die het deel
uitmakenn van een dubbelster kan hebben op de levensloop van een ster.
Hieronderr zal ik eerst beschrijven wat er met sterren gebeurt die zich in een
dubbelsterr bevinden, en hoe de verschillende fases die men kan onderscheiden in de
evolutiee van deze systemen, samenhangen met waargenomen sterren en dubbelsterren,
inn het bijzonder met Vela X-1, Cygnus X-3 en de Be sterren. Vervolgens zal ik de door
mijj bestudeerde systemen meer gedetailleerd beschrijven en een samenvatting geven
vann de resultaten van mijn onderzoek daaraan.
Dubbelsterevolutie e
Voorr de beschrijving van de verschillende levensfases die een dubbelster doorloopt,
zall ik - het werk van Van den Heuvel volgend1 - als voorbeeld een dubbelstersysteem
nemenn dat bestaat uit twee sterren die aan het begin van hun leven in 5 dagen om elkaar
heenn draaien, en, respectievelijk, 25 en 10 keer zwaarder zijn dan de zon (figuur 1;
fasee a). Van dit soort dubbelsterren zijn grote aantallen bekend. In mijn onderzoek
benn ik ze zijdelings tegengekomen, tijdens een zoektocht naar nieuwe Be sterren
(hoofdstukk 6), doordat hun spectrum soms erg op dat van een Be ster lijkt (figuren 5.1
enn 5.3).
Vann de twee sterren in het dubbelstersysteem zal de zwaarste het snelst evolueren
enn als eerste al zijn waterstof in de kern omgezet hebben in helium. Daar op dat moment
dee energiebron in de kern weg valt, zal de kern van de ster gaan krimpen, totdat de
temperatuurr zo hoog wordt dat helium gefuseerd kan worden. Ook om de kern heen
zall de temperatuur oplopen, zodat daar waterstof in helium kan worden omgezet. Bij
ditt alles wordt de energieproduktie hoger en gaan de buitenlagen uitzetten. Dit kan
echterr maar in beperkte mate ongestoord plaats vinden, want op een gegeven moment
zall de ster zo groot worden dat materie naar de begeleider gaat stromen (fase b in
Dee samenvatting is deels eerder verschenen in het Nederlands Tijdschrift voor Natuurkunde,
58/16,, 257 (1992)
'E.PJ.. van den Heuvel, 1983, Formation and evolution of X-ray binaries. In: "Accretion
Drivenn X-ray sources", eds. W.H.G. Lewin & E.P.J. van den Heuvel, Cambridge University
Press,, p. 303
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Figuurr 1. De levensloop van een dubbelster (linker pagina; overgenomen uit referentie 1). In de
verschillendee delen van defiguurzijn de verschillende levensfases geschetst van een dubbelster
bestaandee uit twee zware sterren. Bij elke levensfase staan een schatting van de leeftijd van het
systeemm aan het begin van de fase, de baanperiode in dagen en de massa's van beide componenten
inn zonsmassa's. De stippellijnen geven het maximale volume aan dat een ster kan vullen zonder
datt materie wordt overgedragen naar de andere ster

figuurfiguur 1). Dit heeft tot gevolg dat de baan iets zal krimpen, waardoor het beschikbare
volumee voor de ster kleiner wordt. In eerste instantie is dit niet zo erg, want de ster
zall er in passen omdat hij zelf wat gekrompen is door het massaverlies. De ster is
echterr uit evenwicht geraakt, en om dat te hervinden zal hij in tweede instantie wat
uitzetten.. Hierdoor zal hij te groot worden voor de beschikbare ruimte en zal er weer
massaa worden overgedragen. Waardoor de baan verder zal krimpen, etc., etc. Kortom,
hett proces is instabiel en in een korte tijd (ongeveer 10.000 jaar) zal een groot deel van
dee massa van de ster naar de begeleider worden overgedragen.
Err is slechts een klein aantal systemen bekend waarvan men vermoedt dat ze zich in
dezee fase van massaoverdracht bevinden. Dit is ook te verwachten, gegeven de relatief
kortee duur van deze fase. Ook deze systemen ben ik alleen zijdelings tegengekomen,
doordatt ze net als Be sterren vaak een sterke emissielijn van waterstof in hun spectrum
vertonen. .
Dee materie die naar de begeleider stroomt zal of geheel door deze worden
opgenomenn (zoals hier aangenomen) of, als deze niet alle materie verwerken kan
enn zelf ook gaat uitzetten, gedeeltelijk uit het systeem verdwijnen. In beide gevallen
lijktt het waarschijnlijk dat de begeleider door de massaoverdracht zwaarder wordt en
snellerr gaat draaien. Voor een niet al te zware ster kan dit tot gevolg hebben dat de ster
zichh gaat gedragen als een Be ster. Hier kom ik op terug bij de bespreking van mijn
onderzoekk aan de Be sterren.
Dee massaoverdracht kan pas ophouden als praktisch de hele buitenlaag van de
massaoverdragendee ster verdwenen is, want zolang er nog een significante hoeveelheid
massaa in de buitenlaag zit zal deze blijven proberen uit te zetten (de grootte die de
sterr probeert te bereiken blijkt voornamelijk af te hangen van de massa van de kern
enn nauwelijks van de massa van de buitenlagen). Uiteindelijk zal alleen nog de uit
heliumm en zwaardere elementen bestaande kern overblijven (fase c). Zo'n object wordt
algemeenn geïdentificeerd met een zogenaamde Wolf-Rayetster. Dit is een ster die in
zijnn spectrum sterke emissielijnen van helium en zwaardere elementen vertoont, maar
weinigg of geen lijnen van waterstof. Dit wijst op een erg sterke sterrewind waar weinig
off geen waterstof in zit.
Gedurendee de hierop volgende periode zal het systeem waarneembaar zijn als
eenn dubbelstersysteem bestaande uit een Wolf-Rayetster en een gewone ster, waarbij
dee laatste de zwaardere van de twee is door de voorgaande massaoverdracht (zie
figuurr 1, fase c). Van zulke dubbelsterren is een twintigtal bekend. Bij het onderzoek
aann een van deze ben ik zijdelings betrokken geweest. Deze dubbelstersystemen zijn
zeerr interessant, omdat ze een goede mogelijkheid bieden om, door beide sterren
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tee bestuderen, inzicht te krijgen in de mechanismes die aan de veelal onbegrepen
eigenschappenn van Wolf-Rayetsterren ten grondslag liggen.
Dee Wolf-Rayetster in het systeem zal gedurende deze periode min of meer normaal
verderr evolueren, nauwelijks beïnvloed door het feit dat de waterstofrijke buitenlagen
verdwenenn zijn. In de kern zal de materie tot steeds zwaardere elementen worden
gefuseerd,, totdat alle massa is omgezet in ijzer. Verdere fusie is dan niet meer mogelijk
enn de kern zal ineenstorten tot een neutronenster (een ster bestaande uit neutronen,
ongeveerr anderhalf maal zo zwaar als de zon en met een diameter van ongeveer 20 km).
Hierbijj komt zoveel energie vrij dat de hele buitenlaag wordt uitgestoten en de ster
tijdelijkk zo helder wordt als een heel melkwegstelsel. Dit nemen we waar als een
supernova. .
Inn het algemeen zal het systeem als dubbelster blijven bestaan, omdat er maar een
kleinn deel van de totale massa uit het systeem verdwijnt. Wel zal door de explosie de
baann elliptisch worden (in figuur 1, fase d). Of het systeem in deze fase als bijzonder
opgemerktt kan worden, hangt van de baanperiode af. Als die korter dan een dag of
twintigg is, zoals in de figuur, is dat niet waarschijnlijk. Als de periode langer is, kan
hett systeem zichtbaar worden als zogenaamde Be-röntgendubbelster. Ik kom hier nog
opp terug bij de bespreking van de Be sterren.
Dee volgende stap in de evolutie treedt op als ook in de kern van de begeleider de
waterstoffvoorraad uitgeput raakt en deze op zijn beurt gaat opzwellen. Voordat hij te
groott wordt en massa gaat overdragen, wordt het systeem nog een tijdje (ongeveer
10.0000 jaar) zichtbaar als röntgenbron (fase e), doordat een deel van de sterrewind,
diee met het groter worden van de ster aanmerkelijk toeneemt, op de neutronenster
terechtt komt. Van dit soort systemen is er een handvol bekend in ons melkwegstelsel,
waaronderr Vela X-l.
Wanneerr de begeleider te groot is geworden, zal zoals voorheen in korte tijd een
grotee hoeveelheid massa worden overgedragen (fase f). In tegenstelling tot de vorige
fasee van massaoverdracht, kan de neutronenster zeker niet alle massa opnemen. Het
kann zijn dat de materie in eerste instantie in de vorm van jets 2 uit het systeem wordt
verwijderd.. Dit vindt onder andere plaats bij het systeem SS 433, waar het uitstromen
vann deze jets direkt kan worden waargenomen met behulp van radiometingen met
eenn zeer hoog oplossend vermogen. In het optische spectrum uiten de jets zich in
rood-- en blauwverschoven emissielijnen. Uit de Dopplerverschuivingen volgt dat de
uitstroomsnelheidd van de jets ongeveer een kwart van de lichtsnelheid is. Zelf heb ik
inn 1987 spectroscopische waarnemingen van SS 433 gedaan in het kader van een grote
waarneemcampagne,, die tot doel had met name de jets beter te begrijpen.
Hett lijkt waarschijnlijk dat een fase zoals waargenomen in SS 433 niet erg lang
duurt,, en dat uiteindelijk de neutronenster in de buitenlagen van zijn begeleider terecht
zall komen, om daar vervolgens door de wrijving steeds dieper in te zakken. Wat er
uiteindelijkk overblijft is afhankelijk van hoe het naar binnen spiraliseren gaat, iets dat
geheell niet bekend is. Als door de interactie met de neutronenster de materie niet snel
2

Vermeulenn suggereert 'spuistroom' als Nederlandse vertaling van het Engelse 'jet' in
stellingg 2 van zijn proefschrift (R.C. Vermeulen, 1989, "Multi-wavelength studies of SS 433",
1989,, Proefschrift Rijksuniversiteit Leiden).
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genoegg uit het systeem wordt verwijderd, zal de neutronenster dieper en dieper de ster
inn zinken, totdat hij in het centrum terecht is gekomen. Er is dan een zogenaamde
Thorn-Zytkovv ster ontstaan. Zo'n ster ziet er waarschijnlijk van buiten af uit als een
minn of meer gewone rode reus. Er is dan ook nog geen ster als zodanig geïdentificeerd.
Hett zou ook kunnen dat de materie wel snel uit het systeem wordt verwijderd en
datdat de hele buitenlaag verdwenen is voordat de neutronenster de heliumkern van de
begeleiderr bereikt, zodat het inspiraliseren stopt. In dit geval blijft er een dubbelster
mett een korte baanperiode over, die bestaat uit de neutronenster en de heliumkern van
dee begeleider (fase g). Er is maar één systeem waarvoor gesuggereerd is dat het zich
inn deze fase van de evolutie bevindt3, namelijk Cygnus X-3. Zoals ik in dit proefschrift
laatt zien, hebben we sterke aanwijzingen gevonden dat deze suggestie juist is.
Dee volgende stap in de evolutie treedt op als ook deze heliumster als supernova
explodeertt en een nieuwe neutronenster vormt. Daar er in dit geval veel massa het
systeemm verlaat, is er slechts een kleine kans dat het systeem gebonden blijft en er
eenn dubbelster gevormd wordt die bestaat uit twee neutronensterren. Toch is er een
aantall neutronensterren bekend waarvoor uit de analyse van de door hen uitgezonden
radiopulsenn volgt dat ze een andere neutronenster als begeleider hebben. Het bekendste
voorbeeldd hiervan is de naar zijn ontdekkers vernoemde Hulse-Taylorpulsar. Deze
pulsarr bevindt zich in een dubbelster met een zeer elliptische baan, wat er op wijst
datt het systeem door de supernova-explosie bijna ontbonden werd. Voor dit systeem is
hethet gelukt om algemeen-relativistische effecten als het krimpen van de baan door het
uitzendenn van gravitatiestraling te meten. Einsteins theorie hiervoor is op dit moment
mett een nauwkeurigheid van ~ 1 % bevestigd. Door het krimpen van de baan zullen de
tweee neutronensterren uiteindelijk samensmelten, en waarschijnlijk samen een zwart
gatt vormen.
Dee massa van Vela X-l
Velaa X-l is een dubbelstersysteem dat bestaat uit een neutronenster en een blauwe
superreus.. De laatste is begonnen uit te zetten als gevolg van het opraken van de
waterstoff in zijn kern (het systeem bevindt zich in fase d in figuur 1) en heeft een sterke
sterrewind.. Een deel hiervan valt naar de neutronenster toe. Doordat de zwaartekracht
aann het oppervlak van de neutronenster extreem sterk is, komt het gas met zeer hoge
snelheidd op het oppervlak terecht, en wordt daarbij zo heet dat röntgenstraling wordt
uitgezonden. .
Mijnn onderzoek heeft zich vooral gericht op het nauwkeurig bepalen van de baanbewegingg van de superreus. Dit had tot doel de massa van de neutronenster nauwkeurig te
bepalen.. Uit eerdere metingen, gedeeltelijk gedaan door mijn promotor, was namelijk
geblekenn dat de neutronenster in Vela X-l waarschijnlijk ongeveer 1,8 keer zo zwaar
wass als de zon, en daarmee zwaarder dan meeste andere neutronensterren (gemiddeld
1,44 keer zo zwaar als de zon). Als deze waarde bevestigd zou kunnen worden gebruik
makendd van de inmiddels sterk verbeterde waarnemingsapparatuur, dan zou dit een
sterkee aanwijzing zijn dat inn sommige modellen de krachten die kernen op elkaar uitoe3

E.RJ.. van den Heuvel & C. de Loore, 1973, A&A 25, 387
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fenenn onderschat werden. In deze modellen zou zo'n zware neutronenster namelijk
niett kunnen bestaan, maar ineenstorten tot een zwart gat.
Voordee nieuwe bepaling van de baan heb ik nauwkeurige spectroscopische waarnemingenn gedaan op de 1.5 m telescoop op La Silla in Chili (voor een voorbeeld van een
spectrum,, zie figuur 1.1). Uit de spectra heb ik snelheden afgeleid door de Dopplerverschuivingg te meten. De nauwkeurigheid die ik hiermee bereikte was ongeveer 1 km/s,
eenn stuk beter dan wat eerder bereikt was. Het bleek echter dat de snelheden niet
mooii de verwachte baan volgden, maar allerlei afwijkingen vertoonden (figuur 1.6),
waarschijnlijkk veroorzaakt doordat de ster door de getijdenwerking van de neutronensterr allerlei pulsaties onderging.
Doorr deze verstoringen was het niet mogelijk de baan zo precies te bepalen als we
gehooptt hadden. Daarom hebben we de waarnemingen gecombineerd met andere, wat
minderr nauwkeurige waarnemingen en hebben we een methode bedacht waarmee we
eenn zo goed mogelijke schatting konden maken van zowel de massa van de neutronensterr als de nauwkeurigheid van die massa. Verder hebben we een overzicht gemaakt
vann de massabepalingen en de bijbehorende onzekerheden voor andere systemen. Het
bleekk dat alle bepalingen vergelijkbare massa's opleverden (figuur 1.11).
Dee aard van Cygnus X-3
Cygnuss X-3 is een van de helderste röntgenbronnen in ons Melkwegstelsel, gelegen
inn het sterrenbeeld Zwaan op een afstand van ongeveer 30.000 lichtjaar. Cygnus X-3
iss altijd een wat aparte bron geweest. Zo vertoont hij soms enorme uitbarstingen
vann radiostraling, waarbij plasmawolken met ongeveer een derde van de lichtsnelheid
wordenn uitgestoten.
Dee röntgenstraling in Cygnus X-3 wordt, net als in Vela X-l, veroorzaakt doordat
gass afkomstig van de begeleider op een neutronster valt. Wat voor soort begeleider dit
echterr was, was tot voor kort een raadsel. Het enige dat duidelijk was, was dat het geen
normalee ster kon zijn, want gegeven de baanperiode van slechts 4,8 uur zou die niet
inn het systeem passen. Zoals hierboven vermeld, was al lang geleden gesuggereerd dat
hethet een heliumster betrof, maar dat was niet het meest gangbare idee. In plaats daarvan
dachtt men dat het een heel klein sterretje was, veel lichter dan de zon.
Opp zich zou het niet moeilijk hoeven te zijn vast te stellen welk van deze twee
ideeënn het juiste was, daar voor het eerste geval een spectrum met emissielijnen karakteristiekk voor een Wolf-Rayetster wordt verwacht en voor het tweede een spectrum
zonderr duidelijke kenmerken. Echter, Cygnus X-3 bevindt zich in het melkwegvlak,
achterr drie spiraalarmen en de daarmee geassocieerde moleculaire wolken en stervormingsgebiedenn (zie figuur 2, overgenomen van Odenwald en Schwartz4). Hierdoor
bevindtt er zich zoveel stof tussen ons en Cygnus X-3 dat bijna alle optische straling
geblokkeerdd wordt en het dus niet mogelijk is optische spectroscopie te doen.
Inn het infrarood kan Cygnus X-3 wel worden waargenomen, omdat het stof daar
veell transparanter is. Voor nauwkeurige spectroscopie in het infrarood was echter tot
voorr kort de instrumentatie niet voorhanden en er kon alleen bepaald worden dat de
4

S.F.. Odenwald & P.R. Schwartz, 1993, ApJ 405, 706
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Figuurr 2. Kaart van de Melkweg in de richting van het sterrenbeeld Zwaan tot aan 11 kpc
-- 33.000 lichtjaar - van de zon (overgenomen uit referentie 4). Aangegeven is een aantal
helderderee sterren, radio bronnen (driehoeken), moleculaire wolken (donker gestippeld), armen
vann de Melkweg (licht gestippeld) en andere objecten. Cygnus X-3 bevindt zich midden rechts

bronn in het infrarood intrinsiek erg helder was. Dat laatste is echter in de afgelopen
jarenn veranderd en daarom kwam in de zomer van 1991, toen ik twee maanden in
Santaa Barbara was, het idee op om infraroodspectroscopie van Cygnus X-3 uit te
voeren.. Hiervoor werd contact opgenomen met de sterrenwacht op La Palma. Daar
wass men geïnteresseerd en binnen twee weken werd een spectrum genomen. Dit
spectrumm was zeer ruisig (zie figuur 2.1), maar de enige duidelijk te onderscheiden lijn
wass er een van eenmaal geïoniseerd helium, consistent met wat verwacht wordt voor
eenn Wolf-Rayetster.
Toevalligerwijzee was bijna tegelijkertijd op Hawaii ook een spectrum genomen,
verderr in het infrarood, op verzoek van mijn promotor. Het doel was te kijken of er
inn het spectrum tekenen van relativistische jets te vinden waren, zoals die worden
waargenomenn in SS 433 (zie boven). Die signatuur werd niet gevonden, maar het
spectrumm vertoonde wel emissielijnen van helium (zie figuur 2.2) en leek op hetgeen
jee zou verwachten voor een Wolf-Rayetster.
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Mett deze beide waarnemingen, beschreven in hoofdstuk 2 van dit proefschrift,
hebbenn we dus het heliumstermodel voor Cygnus X-3 bevestigd, en daarmee een nog
ontbrekendee schakel in de evolutie van dubbelsterren gevonden. Uit verdere waarnemingen,, beschreven in hoofdstukken 3 en 4, komt naar voren dat de emissielijnen soms
veell zwakker zijn, en dat, als dat het geval is, ze regelmatige Dopplerverschuivingen
vertonenn met een amplitude van meer dan 1000 km/s. Het blijkt dat dit begrepen kan
wordenn onder de aanname dat de röntgenbron soms de hele wind van de Wolf-Rayetster
sterkk verhit, behalve in de schaduw van de sten Met deze aanname blijkt bovendien
datt ook een aantal andere eigenschappen van de bron begrepen kan worden, zoals de
variatiee van de infrarood lichtsterkte.
Hett karakter van Be sterren
Bee sterren zijn hete, zware sterren van spectraaltype B die af en toe emissielijnen
vertonenn in hun spectrum (aangegeven met de 'e' in 'Be'). Deze emissielijnen hangen
samenn met de sterke sterrewind. Deze Be wind wordt vooral aan de equator van de ster
uitgestoten,, wat waarschijnlijk te maken heeft met het feit dat Be sterren gemiddeld
ergg snel roteren.
Dee snelle rotatie is mogelijk al bij de vorming aanwezig. Een andere mogelijkheid
iss dat het komt doordat ze in een dubbelster zitten waarin een fasee van massaoverdracht
heeftt plaatsgevonden (fase b in figuur 1). Als het laatste vaak het geval is, dan is het te
verwachtenn dat een groot aantal Be sterren een heliumster als begeleider heeft (fase c
inn figuur 1) of, als de heliumster al als supernova geëxplodeerd is, een neutronenster
(fasee d). Ook is het mogelijk dat de begeleider een witte dwerg is, als de heliumster
niett zwaar genoeg was om een neutronster te vormen.
Vann een kleine veertig Be sterren is gevonden dat ze een neutronenster als begeleider
hebben.. Dit werd duidelijk doordat er, als de Be wind aanwezig is, genoeg materiaal op
dee neutronenster valt om ze als röntgenbron zichtbaar te maken. Het blijken dubbelsterrenn te zijn met baanperiodes langer dan ongeveer 20 dagen. Een mogelijke verklaring
voorr de afwezigheid van dubbelsterren met kortere periodes is dat in die systemen de
sterr door getijdewerking snel afgeremd wordt en daardoor zijn Be karakter verliest.
Uitt het bestaan van Be sterren met neutronensterbegeleiders en het feit dat sterren
diee zwaar genoeg zijn om het tot neutronenster te brengen veel minder voorkomen dan
sterrenn die eindigen als witte dwerg, valt af te leiden dat5 "een aanzienlijke fractie van
allee Be sterren deel uitmaakt van een dubbelstersysteem, met als begeleider een witte
dwergg of een heliumster". Voor de Be sterren met witte dwergen is het te verwachten
datt deze als zwakke röntgenbron zichtbaar zijn als materie uit de Be wind op de witte
dwergg terecht komt.
Omm deze hypothese te verifiëren is een grote waarneemcampagne georganiseerd,
waarinn simultaan met de röntgenmetingen gedurende de 'ROSAT all-sky survey' optischee spectroscopie en infraroodfotometrie gedaan zijn van alle zichtbare Be sterren
en,, ter vergelijking, van een groep normale (niet Be) B sterren. We hoopten hiermee
5

Stellingg 1 van O.R. Pols, 1993, "On the Evolution of Massive Close Binary Stars in Stellar
Populations",, proefschrift, Universiteit van Amsterdam
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onderr de Be sterren afwijkende röntgenbronnen te vinden waarvoor we uit de spectra
enn fotometrie konden afleiden dat ze een sterke Be wind hadden. Voorlopige resultaten
wijzenn er op dat dit niet gelukt is 6 .
Inn dit proefschrift beschrijf ik twee resultaten die uit de optische spectroscopie en
dee infraroodfotometrie volgen. Het eerste is dat uit de spectra van de normale B sterren
bleekk dat een aantal van hen emissie vertoonden en dus eigenlijk Be sterren waren.
Inn hoofdstuk 5 worden de spectra van deze nieuwe Be sterren getoond (figuur 5.3).
Verderr wordt er geschat hoeveel nieuwe Be sterren we zouden hebben gevonden als
wee niet een groep van 150 normale B sterren hadden genomen, maar alle zichtbare B
sterren.. We komen tot de conclusie dat minimaal 15% van alle B sterren tot de groep
vann Be sterren behoort.
Inn hoofdstuk 6 wordt de structuur van de Be wind bestudeerd. Hiervoor worden
dee infraroodwaarnemingen, waaruit een maat voor de sterkte van de Be wind dicht
bijj de ster kan worden afgeleid, vergeleken met de optische spectra, die informatie
overr de sterkte van de Be wind verder van de ster af bevatten. Tot onze verrassing
vindenn we dat de structuur niet of nauwelijks van de temperatuur of de helderheid van
dee ster afhangt. We vergelijken de waarnemingen met voorspellingen gebaseerd op
tweee modellen voor Be winden en komen tot de conclusie dat geen van de twee de
waarnemingenn goed beschrijft.
Dankwoord d
Aann het tot stand komen van dit proefschrift heeft een groot aantal mensen bijgedragen,
vann wie ik er hier enkele wil bedanken. Dit betreft allereerst mijn promotor Jan van
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tee doen, maar er me aan de andere kant als dat nodig was aan herinnerde dat het
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zall me bij blijven als de juiste manier om te onderkennen dat, helaas, een idee fout
was. .
Verderr wil ik hier mijn co-auteurs bedanken, die allemaal het hunne aan het onderzoekk hebben bijgedragen. Een daarvan noem ik bij name, Rens Waters, om zijn
enthousiasmee en om zijn bereidheid om in de laatste stadia van het schrijven van dit
proefschriftt veel tijd vrij te maken.
Specialee dank ook voor de grote hulp die ik tijdens het schrijven van dit proefschrift
hebb gehad van Marijke Don, die een onmisbare rol heeft gespeeld bij de layout van dit
proeffschift en door wie ik het gedicht van Gerrit Achterberg heb leren kennen, van Rob
Koopman,, die tot laat in de nacht mijn vermoeide schrijfselen heeft zitten corrigeren,
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Thee mass of Vela X-l
Summary.. We present new high-resolution, high signal-to-noise optical spectra of
HD77581,, the optical counterpart of the X-ray source Vela X-l. We determine radial
velocitiess from these spectra, as well as from high-resolution IUE spectra and from
digitizedd photographic spectra. The velocities we find show strong deviations from a
purelyy orbital radial-velocity curve. These deviations are correlated within one night,
butt they are not correlated from one night to another. Since lines of different ions show
veryy similar changes in profile, the deviations most likely reflect large-scale motion
off the stellar surface. A possible cause could be that the varying tidal force exerted
byy the neutron star in its eccentric orbit excites high-order pulsation modes in the
opticall star which interfere constructively for short time intervals. We estimate the
effectt of the velocity excursions with a Monte-Carlo technique, and discuss possible
systematicc effects due to the tidal deformation of the star. We find that with 95%
confidencee the radial-velocity amplitude is given by üfopt = 20.8 2.7 km s - 1 . The
correspondingg 95% confidence limits on the masses are Mx sin3 i = 1.68 0.31 M©
andd Mopt sin3 i = 22.2 0.5 M©. We show that the inclination is close to 90°. For this
value,, the 95% confidence lower limit to the mass of the neutron star is 1.43 M©. We
criticallyy discuss the currently available mass estimates for neutron stars, and use these
too constrain the mass range in which neutron stars occur. We find that at present this
rangee does not allow one to derive firm constraints on the equation of state applicable
forr neutron stars.

1.1.. Introduction
Timingg observations of accreting and non-accreting neutron stars have provided most
off our knowledge on the structure and evolution of these objects, and on the properties
off the ultra-high density matter of which they are composed (for general references,
wee refer the reader to Ögelman & Van den Heuvel (1989), Ventura & Pines (1991)
andd Van den Heuvel & Rappaport (1992)). A basic property of neutron stars that is
accessiblee to observational study is their mass or, more generally, their mass-radius
Vann Kerkwijk M.H., Van Paradijss J., Zuiderwijk E.J., Hammerschlag-Hensberge G., Kaper L.,
Sterkenn C, submitted to A&A
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relation.. The relativistic (Oppenheimer-Volkov) stellar structure equation in combinationn with an equation of state for the high-density matter determines a sequence of
(zero-temperature)) neutron-star models that are distinguished by a single parameter,
forr instance the central density (see, e.g., Shapiro & Teukolsky 1983), Corresponding
too this sequence of models is a theoretical relation between the mass and radius of
neutronn stars. To a large extent the equation of state affects this mass-radius relation
(inn particular the maximum possible mass for a neutron star) through the compressibilityy of the high-density matter. For relatively compressible matter ("soft" equations
off state) the maximum mass is ~ 1.4M©, and the radii are expected to be £10 km,
whilee for very "stiff" equations of state the corresponding values are up to ~ 1.8 M©,
andd ~ 15 km, respectively (e.g., Arnett & Bowers 1977; Datta 1988).
Attemptss have been made to constrain the neutron star mass-radius relation from
X-rayy burst observations, but uncertainties in the interpretation of X-ray burst spectra
havee so far precluded the derivation of meaningful results (for a review, see Lewin et
al.. 1993). Observational constraints may also be derived from the limiting spin period
off neutron stars (Friedman et al. 1986), from their cooling history (Tsuruta 1986;
Ögelmann 1991; Umeda et al. 1993), from a combination of magnetic-field strength
estimatess from cyclotron line measurements and spin-up/spin-down behaviour due to
accretionn torques (Wasserman & Shapiro 1983), from glitches in radio pulsars (for a
review,, see Pines 1991; Alpar et al. 1993; cf. Lorenz et al. 1993), from the neutrino
intensityy curve during a supernova explosion (Loredo & Lamb 1989, and references
therein),, and perhaps from gravitationally redshifted annihilation lines in 7-ray burst
spectraa (Liang 1986; see, however, Kluzniak 1989 and Meegan et al. 1992). So far,
nonee of these methods have led to useful constraints on the mass-radius relation for
neutronn stars.
Directt mass estimates have been made for sixteen neutron stars in binary systems
(seee Sect. 1.7; Fig. 1.11). Four binaries contain a millisecond radio pulsar in a tight
orbitt around another neutron star. For two of those the masses of both neutron stars
havee been determined with high accuracy from the (Newtonian) analysis of Doppler
shiftss of the pulse arrival times in combination with purely general-relativistic effects
(Taylorr & Weisberg 1989; Wolsczcan 1991). The four neutron star masses obtained for
thesee systems range from 1.32 0.03 to 1.442 0.003 M©, i.e., they show significant
differences,, but are all fairly close to the "canonical" value of 1.4 M©. The mass
determinationn for the other two neutron star plus neutron star binaries is not yet as
accurate,, as is the case for the two radio pulsars with low-mass companions for which
aa mass estimate is available.
Forr six binary X-ray pulsars the full set of orbital parameters could be derived
usingg the Doppler shifts of the X-ray pulse arrival times, the radial-velocity variations
off the companion star obtained from optical spectra and the length of the X-ray eclipse
(Rappaportt & Joss 1983; Nagase 1989). From the orbital parameters the masses of the
neutronn stars can be determined. However, the determinations are not very accurate,
mainlyy due to the relative inaccuracy of the optical data. With one possible exception
thee masses determined for these accreting neutron stars are consistent with a single
valuee near 1.4 M©.
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Thiss one case with evidence for a substantially higher mass is Vela X-l, for which
Vann Paradijs et al. (1977b) derived M x s i n 3 i = 1.67
0.12 M©, where i is the
inclinationn of the system. This resultt was based on photographic spectra, and since the
timee it was obtained the statistical and systematic accuracy of stellar spectroscopy has
muchh improved, particularly by the introduction of CCD detectors. This improvement
entailss the possibility of much more accurate radial-velocity measurements. Because of
thiss prospect we decided to obtain new spectra of the optical counterpart of Vela X-1, in
ann attempt to obtain a smaller error on the mass for this possibly quite massive neutron
star.. We find that this is hampered by large-scale deviations from a purely orbital
radial-velocityy curve. In view of these deviations, the high accuracy of the velocity
determinationss became of rather limited use, and therefore we have also determined
velocitiess for an older set of digitized photographic spectra and for the available IUE
spectra.. In this paper, we present the results of the analysis of all these spectra.
Inn Sect. 1.2, we briefly review the salient properties of Vela X-1 in order to provide
aa framework for the rest of the paper. The observations and the data reduction are
describedd in Sect. 1.3. In Sect. 1.4, we describe the cross-correlation technique used
forr the determination of the velocities. In Sect. 1.5, we present a Monte-Carlo techniquee with which we derive limits on the radial-velocity amplitude in the presence of
excursions.. Furthermore, we discuss possible causes for the large velocity excursions,
andd possible systematic effects that may influence the radial-velocity orbit. We use the
limitss on the radial-velocity amplitude in Sect. 1.6 to determine the masses of the two
componentss in the system. In Sect. 1.7, we discuss the constraints on the equation of
statee set by the mass of Vela X-l, and by masses determined for other neutron stars.
Finally,, in Sect. 1.8 we draw some conclusions.
1.2.. Vela X-l
Thee X-ray source Vela X-1 (Chodil et al. 1967) was found by Ulmer et al. (1972) to be
ann eclipsing binary with an orbital period of 9 days. The orbital X-ray intensity curve
iss extremely variable, with strong flares on time scales from hours to days (Watson &
Griffithss 1977; Van der Klis & Bonnet-Bidaud 1984; Haberl & White 1990). Also the
shapee and duration of the X-ray eclipses are quite variable (e.g., Watson & Griffiths
1977). .
Positionall coincidence and radial-velocity variations suggested that the B0,5Ib
supergiantt HD 77581 (GP Velorum) was the optical counterpart of Vela X-l (Brucato
&& Kristian 1972; Hiltner et al. 1972). Optical brightness variations at the 9 day orbital
periodd confirmed the identification (Vidal et al. 1973; Jones & Liller 1973). The
opticall light curve shows two maxima and two minima per orbital cycle, which reflects
thee tidal and rotational distortion of the supergiant companion (for recent reviews of
X-rayy binary light curves, see Van Paradijs 1991; Van Paradijs & McClintock 1993).
Thee detailed analysis of Tjemkes et al. (1986) showed, however, that the so-called
ellipsoidall variations do not describe the average optical light curve of HD77581
veryy well. Large short-term brightness variations, including missing maxima (e.g.,
Joness & Liller 1973; Zuiderwijk et al. 1977) and also short-term correlated non-orbital
variationss of the radial velocity (Van Paradijs et al. 1977b) indicate that the shape of

24 4

Thee mass of Vela X-l

thee supergiant star changes in a "wobbly" fashion. Perhaps these shape changes are
inducedd by the varying tidal force exerted by the neutron star on its companion as the
twoo stars approach and recede in their eccentric orbit (Tjemkes et al. 1986).
Velaa X-l is an X-ray pulsar with a pulse period of ~ 283s (McClintock et al.
1976).. The pulse profile is energy-dependent and quite complicated, with peaks and
valleyss that remain stable over time intervals of many years (see, e.g., White et al.
1983;; Nagase 1989; Orlandini 1993). Spin-up and spin-down of the X-ray pulsar have
beenn observed on time scales ranging from a few days to several years, at rates P/P of
upp to 10" 2 yr _ 1 (e.g., Van der Klis & Bonnet-Bidaud 1984; Deeteret al. 1987a, 1989).
Thee spin-period behaviour can be well described as a random-walk in spin frequency,
inn which the variations are due to unresolved, random episodes of angular momentum
transferr to the neutron star (Deeter et al. 1989 and references therein; Raubenheimer
&& Ogelman 1990). On the basis of hydrodynamical simulations it has been suggested
thatt these episodes of angular momentum transfer are due to instabilities inherent to
thee accretion from the wind of the optical counterpart, which causes the formation of
short-livedd accretion disks around the neutron star with alternating sense of rotation
withh respect to the neutron star (Fryxell & Taam 1988; Blondinetal. 1990,1991;Taam
ett al. 1991; Ishii et al. 1993; see also Wang 1981).
Orbitall parameters of Vela X-l from the varying Doppler shifts of the pulse arrival
timess were first derived by Rappaport et al. (1976). They found that the orbit is
moderatelyy eccentric (e ~ 0.1). This result has been confirmed by all subsequent
studiess of the orbit, of Vela X-l (e.g., Rappaport et al. 1980; Van der Klis & BonnetBidaudd 1984; Boynton et al., 1986; Deeter et al. 1987 a,b). In the present paper we have
adoptedd the X-ray orbital parameters as derived by Deeter et al. (1987b; see Table 1.7).
Apsidall motion of the orbit of Vela X-l has not been detected (|TZT| < 1.9° yr^1 (2<x),
Deeterr et al. 1987b).
AA detailed study of the orbital parameters of the supergiant component, based on
itss radial-velocity variations, was made by Van Paradijs et al. (1977b). The orbital
eccentricityy and periastron angle they derived are consistent with the corresponding
valuess of the X-ray orbit. From the optical and X-ray mass functions Van Paradijs
ett al. (1977b) inferred the following mass parameters: M x sin3 i = 1.67 0.12M©,
andd Mop, sin 3 1 = 20.5 0.9 M®, where Mx and M ^ are the masses of the neutron
starr and the supergiant, respectively. Rappaport & Joss (1983; see also Joss & Rappaportt 1984) made a new mass determination for Vela X-l based on a reanalysis of
thee orbital parameters, in which they used Monte-Carlo simulations to estimate the
propagationn of the observational errors on the resulting masses. These authors derivedd M x = 1.85t3j3350 M © ( 9 5 % confidence level error range). Nagase (1989) derived
Mxx = 1.77^Q22i M© (90% confidence) applying the same technique on more recent
X-rayy orbital parameters and using the rotational velocity of HD 77581 derived from
IUEE spectra by Sadakane et al. (1985).
1.3.. Observations and reduction
Thee present study is based on 40 new high-resolution echelle CCD spectra obtained in
1989,, combined with 13 nightly averages of digitized photographic coudé spectra taken
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inn 1975 and 1976, and with 26 high-resolution spectra obtained with the International
Ultraviolett Explorer (IUE) in observing runs from 1978 to 1992. The observations are
summarisedd in Tables 1.1-1.3. Below we discuss the reduction of the individual sets
off data in detail.

13.1.13.1. CCD echelle spectra
Inn total 34 spectra of ~ 45 minutes exposure each were obtained during five nights
inn February 1989. The wavelength range covered was 4190-4520 A with a resolving
powerr of ~ 2 5 000. This range includes some strong photospheric lines such as H7 at
43400 A and He 1 at 4471 A, as well as the interstellar lines of CH+ at 4232 A and of
CHH at 4300 A. One more spectrum in the same wavelength region was kindly taken
forr us by drs. Weiss and Schneider the night before our run, and five more, covering
4390-47155 A, were obtained during the five subsequent nights. All spectra were taken
withh the ECHELEC spectrograph, a Littrow echelle spectrograph with a grism as
cross-disperser,, mounted in a "white pupil" configuration at the coudé focus of the
1.52mm telescope at the European Southern Observatory at La Silla, Chile. The detector
wass a thinned, back-illuminated RCA CCD with 1024x640 pixels.
Inn each of the five full nights, bias, dark-current and flat-field frames were taken
att dusk and dawn. For wavelength calibration, Th/Ar comparison spectra were used,
takenn about 4 times each night in order to check for possible changes. Interspersed
withh the observations of HD 77581, spectra were taken of the radial-velocity standard
aa Hya. Usually, in each night also some other radial-velocity standards and some
spectroscopicc standards were taken.
Thee spectra have been reduced using the MIDAS image processing package supplementedd with additional routines running in the MIDAS environment. The reduction
proceduree entailed the following steps: (i) subtraction of the electronic bias and the
darkk current (~ 30 electrons per pixel per hour, with a non-uniform distribution over
thee chip); (ii) finding defective columns and pixels and setting them to a value indicatingg 'undefined' for the subsequent steps; (iii) correction of 32 rows for offsets, which
aree constant at higher exposure levels, but approach zero non-linearly at low exposure
levelss (the dependence of the offsets on exposure level is determined using flat-field
framess of different exposure times); (iv) subtraction of the diffuse background light,
causedd by scattering in the spectrograph (it is determined by interpolation between
thee interorder values; see Verschueren & Hensberge 1990); and (v) global and local
fiat-fieldd correction, detection and deletion of cosmic-ray events and order extraction.
Forr the last step an optimal extraction algorithm was developed, which is based on
thee method given by Home (1986), but generalised to allow for spectra not (closely)
alignedd with one direction on the chip (for details, see App. l.A). Flat-field correction
iss part of the extraction process, since the algorithm needs the observed count rate
inn order to make an estimate of the error in each pixel. In the extraction process,
cosmic-rayy events are detected by the change they cause in the spatial distribution of
starr light. As a final check, we always inspect the extracted orders by eye, substituting
eventss that escaped detection with a linear interpolation between the adjoining pixels.
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Tablee 1.1. CCD observations of HD 77581
Sequence e JL'iiiid.. eip.
number* * -2440000 0
7574.624 4
1 1
7575.527 7
2 2
.551 1
3 3
.591 1
4 4
.631 1
5 5

Exp.. t.
(min.) )
15 5
15 5
45 5
45 5
45 5

6
7
8
9
10
11
12
13
14
15
16
17
18
19
20
21
22
23
24
25
26
27
28
29
30
31
32
33
34
35
36
37
38
39
40

.676 6
.716 6
.800 0
.832 2
7576.536 6

45 5
45 5
45 5
45 5
45 5

cdd
Orbital l VeIocity '
1
bb
(kms" ) )
phase
0.629 9
-3.11
4
0.730 0
-3.55
9
0.732 2
-1.99
4
0.737 7
0.00 0.5
0.741 1
0.11
5
0.746 6
1.88
5
0.751 1
3.55 0.5
0.760 0
7.55 0.6
0.764 4
9.00 0.7
0.842 2
0.33 0.5

.584 4
.636 6
.701 1
.736 6
.835 5

45 5
45 5
45 5
45 5
45 5

0.847 7
0.853 3
0.860 0
0.864 4
0.875 5

-0.33
0.22
0.44
0.22
-0.44

0.5
0.5
8
0.7
0.9

.879 9
7577.530 0
.577 7
.637 7
.694 4

45 5
45 5
45 5
45 5
45 5

0.880 0
0.953 3
0.958 8
0.965 5
0.971 1

0.77
-0.11
-0.22
1.66

11
0.5
5
0.6
6

.727 7
.795 5
.872 2
7578.541 1
.577 7

45 5
45 5
23 3
45 5
45 5

0.975 5
0.983 3
0.991 1
0.066 6
0.070 0

2.55
3.88
6.33
25.22
27.11

0.6
7
6
0.5
4

.627 7
.681 1
.721 1
.793 3
.847 7

45 5
45 5
45 5
45 5
45 5

0.075 5
0.081 1
0.086 6
0.094 4
0.100 0

26.66
29.11
28.44
28.55
29.00

7579.525 5
.563 3
.617 7
.728 8
.840 0

45 5
45 5
45 5
45 5
60 0

0.175 5
0.180 0
0.186 6
0.198 8
0.211 1

45.22
46.55
47.44
46.33
44.11

7580.529 9
7581.542 2
7582.538 8
7583.591 1
7584.596 6

30 0
30 0
45 5
30 0
30 0

0.287 7
0.401 1
0.512 2
0.629 9
0.741 1

1.00
-1.22
32.66
28.77
30.88

0.5
5
0.5
6 ** Spectra 1-35 cover 4190-4520 A,
0.7 36-400 cover 439(M715 A
bb
Using the ephemeris of Deeter et
0.7
al..
7 cc 1987b
Velocities are relative to spectrum
0.7
0.9 55 for spectra 1-35, and to spectrum
9 366 for spectra 36-40; all spectra
aree corrected for the shift observed
9 inn the interstellar lines using the tit
6 withh hour angle shown in Fig. 1.5
0.8 (duee to this correction, the veloci0.7 tiess of spectra 5 and 36 are not zero)
0.8 dd Quoted are 1<T errors

6
7
8
9
0
1
2
3
4
5
6
7
8
9
0
1
2
3
4
5
6
7
8
9
0
1
2
3
4
5
6
7
8
9
0
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Tablee 1.2. Photographic observations of HD 77581
Platee
number(s))
G71155
G7136-388
G7158-644
G7180-877
G7201-088
G7579-800
G7591-944
G7604-066
G7617-199
G7631-322
G7639^55
G7654-577
G7668-777

J I W „p.
-2440000
2720.874
2721.842
2722.825
2723.832
2724.835
2908.557
2909.516
2910.518
2911.505
2912.626
2913.554
2914.513
2916.574

Total exp. t.
(min.)
102
93
139
103
112
38
79
70
52
109
202
89
166

Orbital
phase'
0.183
0.290
0.400
0.512
0.624
0.119
0.226
0.338
0.448
0.573
0.676
0.783
0.013

Velocity"'0
(kms"1)
37.0
9
37.9
0
27.2
7
7.0
7
0.0
6
32.4
5
39.4
9
31.1 1.3
9.2
3
-0.8
4
3.1
8
-1.6
6
15.5 0.6

"" Using the ephemeris of Deeter et al. 1987b
Relative to G7201; corrected for shift of interstellar lines
cc
Quoted are \a errors

bb

Itt was found that despite the flat-field correction the extracted orders showed a
residuall effect of the blaze of the grating. This is generally attributed to a slight
differencee in optical path between light from the star and light from the flat field lamp.
Followingg Gehren (1990), we corrected for this residual by dividing the extracted
orderss by a polynomial of the form 1 + ax + bx2 + cxy + dx2y + ex2y2, where x and y
aree the pixel number in the dispersion direction and the order number, respectively. The
coefficientss a , . . . , e are determined by the condition that the ratio between orders in
thee overlapping parts should be as close to unity as possible (by minimizing X)(Q — l) 2 ,
wheree Q is the ratio between orders).
Thee Th/Ar frames were reduced in a similar way, except that the orders were
extractedd by directly adding a number of pixels around the centre of the order (after
flat-fieldflat-field division), and that a possible residual blaze was not corrected for (because
thee slit is uniformly illuminated and because the light path is similar to that of the
flatt field). The positions of the lines were determined by taking the position of the
maximumm of the interpolating parabola of the three highest points of each line. Next,
thee lines were identified and a 2D-regression was made of wavelength as function
off pixel number and inverse order number. Typical r.m.s. residuals were 0.1 pixel
(~~ 5 mA, corresponding to a velocity of ~ 0.3 km s" 1 ). During the individual nights
thee wavelength calibration remained the same to within 5 mA, while from night to
nightt there were changes from 5 to 20 mA.
Forr each object frame, the wavelength calibration determined from the nearest
Th/Arr frame (in time) or the average of the two nearest frames was used to merge
thee orders and rebin them on a log A scale (so that a velocity difference corresponds
too a constant offset; see Sect. 1.4), with a bin size A A/A of 5 10~6 (~20mA). Since
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Tablee I J . IUE observations of HD 77581
SWP P
number r
1442 2
1488d d
2087d d
3510d d
3519d d

Exp.. time
-2440000 0 (min.) )
3628.707 7 180 0
3634.118 8 150 0
3712.994 4 125 5
3845.206 6 90 0
3846.188 8 140 0

3550" "
3649 9
4718 8
18823 3
18958 8

3850.013
3862.531
3954.267
5323.019
5341.590

3
1
7
9
0

18970
18983
19012
19061
22278

0
3
2
1
8

5343.510
5345.595
5351.274
5357.302
5746.814

0
5
4
2
4

22287
22297
22301
22309
22324

7
7
1
9
4

5747.819
5748.989
5749.818
5751.807
5752.856

9
9
8
7
6

32961
32967
33085
46144
46151

1
7
5
4
1

7214.285
7215.282
7233.269
8933.056
8934.071

5
2
9
6
1

JJ Maud. exp.

46167 7 8935.216 6

140
130
150
150
180
180
180
180
180
150
150
125
138
150
150
141
141
130
180
160
165

0
0
0
0
0
0
0
0
0
0
0
5
8
0
0
1
1
0
0
0
5

Orbital l Velocity"'0 0
phase" " (kms - 1 ) )
0.453 3
0.00 ± 2.2
0.057 7
7.44 ± 2.6
0.856 6 -24.22 ±3.1
0.604 4 -18.99 ±2.9
0.714 4 -13.88 ±1.9
0.140
0.537
0.770
0.457
0.529

0
11.44 ±2.8
7 -14.44 ±2.7
0 -16.44 ±2.3
7
12.11 ±2.1
9
1.55 ±2.1

0.743
0.976
0.609
0.282
0.733

3 -6.44 ± 2.3
6 -2.33 ± 2.0
9 -19.77 ±2.2
2
34.11 ± 1.8
3 -14.00 ±2.6
5 -8.22 ±1.9
5 -7.88 ±2.1
8
6.22 ± 2.8
0
21.55 ± 1.6
7
5.11 ±2.2

0.845
0.975
0.068
0.290
0.407
0.432
0.543
0.550
0.165
0.278

2
1.66 ±2.8
3 -14.22 ±2.4
0 -15.55 ±3.1
5
20.33 ± 1.9
8
15.88 ±2.0
0.406 6
10.55 ±2.1

** Using the ephemeris of Deeter et al. 1987b
Relative to SWP 1442; corrected for shift of interstellar lines
cc
Quoted are \<r errors
dd
Reprocessed with IUESIPS#2

bb

thee resolution elements of the instrument were much larger than the pixel size, the
spectraa were convolved with a Gaussian in order to remove high-frequency pixel-topixell noise. The width of the Gaussian was chosen such that the measured width of
thee interstellar lines (~0.2 A) did not increase by more than 10%.
Thee spectra were normalised through division by a second-degree polynomial fitted
throughh selected line-free parts of the spectrum. In Fig. 1.1a representative normalised
spectrumm is shown for both wavelength intervals for which we have spectra, as well as
thee normalised averages of the spectra in the two sets. The wavelength regions used
forr the normalisation are indicated in the figure, and are listed in Table 1.4.
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Tablee 1.4. The wavelength regions used for the normalisation
"tatt "tatt

\ndd

\an \an

\ndd

^»un n

A

(A) )

(A) )

(A) )

(A) )

(A) )

(A) )

3700.0 0
3707.0 0
3716.0 0
3739.0 0
3741.5 5

3701.5 5
3708.0 0
3717.0 0
3741.5 5
3744.0 0

4048.0 0
4051.0 0
4054.0 0
4057.0 0
4124.0 0

4051.0 0
4054.0 0
4057.0 0
4059.5 5
4126.0 0

4584.0 0
4624.0 0
4669.3 3
4679.5 5
4691.0 0

4586.0 0
4626.0 0
4670.8 8
4681.5 5
4693.0 0

3761.4 4
3780.0 0
3810.2 2
3825.0 0
3843.0 0

3762.2 2
3782.0 0
3811.9 9
3827.4 4
3845.0 0

4126.5 5
4128.5 5
4137.8 8
4165.0 0
4179.2 2

4128.5 5
4131.0 0
4139.8 8
4167.0 0
4182.3 3

4693.0 0
4717.0 0
4719.5 5
4732.0 0
4735.0 0

4695.0 0
4719.5 5
4722.0 0
4735.0 0
4738.0 0

3845.0 0
3851.0 0
3853.0 0
3874.0 0
3876.0 0

3847.0 0
3853.0 0
3855.0 0
3876.0 0
3878.0 0

4203.0 0
4205.6 6
4223.8 8
4248.2 2
4256.2 2

4205.5 5
4208.0 0
4225.7 7
4250.6 6
4258.4 4

4738.0 0
4741.0 0
4744.0 0
4751.0 0
4754.0 0

4741.0 0
4744.0 0
4747.0 0
4754.0 0
4757.0 0

4258.5 5
4260.7 7
4279.4 4
4296.8 8
4309.3 3
3909.5 5 3912.0* * 4322.2 2
3912.0 0 3914.5* * 4374.7 7
3914.5 5 3917.0 0 4399.8 8
3930.3 3 3931.9 9 4404.9 9
3939.0 0 3941.5 5 4459.2 2

4260.6 6
4262.8 8
4281.0 0
4299.8 8
4311.7 7

4769.0 0
4772.0 0
4786.0 0
4789.0 0
4808.0 0

4772.0 0
4775.0 0
4789.0 0
4792.0 0
4811.0 0

4323.3 3
4376.0 0
4402.0 0
4407.0 0
4461.6 6

4811.0 0
4835.0 0
4838.0 0
4844.0 0
4847.0 0

4814.0 0
4838.0 0
4841.0 0
4847.0 0
4850.0 0

4873.0 0
4876.0 0
4890.0 0
4893.0 0
4904.0 0

4876.0 0
4879.0 0
4893.0 0
4896.0 0
4907.0 0

3895.0 0
3897.5 5
3900.0 0
3902.5 5
3907.0 0

3897.5 5
3900.0 0
3902.5 5
3905.0 0
3909.5 5

eod d

3941.5 5
3944.0 0
3946.5 5
3949.0 0
3976.5 5

3944.0 0
3946.5* *
3949.0 0
3951.5 5
3979.0 0

4474.9 9
4489.2 2
4493.6 6
4497.2 2
4507.1 1

4476.8 8
4491.2 2
4495.8 8
4499.2 2
4508.6 6

3987.5 5
3990.0 0
4012.0 0
4019.0 0
4030.0 0

3990.0 0
3992.5 5
4014.0 0
4022.0 0
4032.0 0

4545.0 0
4558.0 0
4561.2 2
4580.0 0
4582.0 0

4548.0 0 4907.0 0 4910.0* *
4561.2 2
4563.5 5
4582.0 0
4584.0 0

** All regions were used for the normalisation of the photographicc coudé spectra. For the CCD spectra 1-35, the regions
inn the range 4200-4500 A were used, and for CCD spectra 36400 the regions in the range 4390-4700 A. Wavelengths regions
markedd with an asterisk contain weak lines (see Fig. 1.1), and
althoughh the effect is minimal, it would probably have been
betterr if they had not been used
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13.2.13.2. Photographic coudé spectra
Ann extensive analysis of photographic spectra obtained at the coudé spectrograph
att the 1.52m telescope at the European Southern Observatory, La Silla, has been
presentedd by Van Paradijs et al. (1977b). A subset of these spectra - the higherqualityy baked-IIaO plates taken at 12 A mm ~' (resolving power ~ 10 000) in observing
runss in 1975 and 1976 - was digitized using the Faul-Coradi microdensitometer
off the Astronomical Institute in Utrecht. For the reduction, the standard calibration
proceduress for photographically recorded spectra were followed (e.g., Underhill 1966;
forr details, see Zuiderwijk 1979). Wavelength calibration was performed using Ironarcc comparison spectra taken both before and after the stellar exposure. To represent
thee response curve, a simple analytical expression was used, whose parameters were
determinedd from a fit to spectra of a continuum source fed through a rotating step
sectorr with 13 transmission steps placed before the entrance slit of the calibration
spectrograph.. Data processing was performed completely in batch mode on a CDC
Cyberr computer system. During the process, only the averages of spectra taking within
onee night were stored on magnetic tape. These averages have been used here.
Forr the work described here, the spectra were rebinned to a logarithmic wavelength
scale,, with a resolution of 5 10~6, the same as used for the echelle spectra (for convenience,, but substantially oversampling the plate resolution). Furthermore, like the
CCDD spectra, the spectra were convolved with a Gaussian in order to remove highfrequencyy noise, with the width of the Gaussian chosen such that the measured width
off the interstellar lines (~ 0.4 A) did not increase by more than 10%. The spectra were
normalisedd by dividing by a seventh-degree polynomial fitted through selected parts
off the continuum spectrum. The normalised spectrum from one of the higher quality
nightlyy averages and the normalised average of all spectra is shown in Fig. 1.1. The
partss used for the normalisation are indicated in the figure, and are listed in Table 1.4.
1.3.3.1.3.3. IUE spectra
Thee IUE spectra were obtained with the Short Wavelength Prime camera, and cover the
wavelengthh range 1150-1950 A. Some of the spectra have been published by Dupree
ett al. (1980) and Sadakane et al. (1985). These and some new spectra have been
(re)analysedd by Kaper et al. (1993). We refer to the latter authors for full details about
thee reduction of the spectra, and for a figure showing a sample spectrum (the average
obtainedd during X-ray eclipse). Briefly, the reduction was done with IUESIPS up to
thee photometrically corrected images (older images processed with IUESIPS#1 that
hadd ITF errors were reprocessed with IUESIPS#2). Subsequently, the Starlink IUEDR
softwaree package (Giddings 1983) was used to extract the orders, and to perform
thee wavelength-scale calibration by measuring the central wavelength of 3 selected
interstellarr lines (CIIA1335.703, CIA 1656.928, and Al ill A 1862.790) and computing
thee mean deviation of these lines with respect to their laboratory wavelengths. A check
onn the wavelength alignment was made using the F e n A1608.456 interstellar line,
whichh was found to have an instrumental mean wavelength of 1608.450 A, with a
standardd deviation of 0.02 A and an extreme range of 1608.41-1608.49 A. (This rather
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largee scatter is corrected for in the process of velocity determination. See Sect, 1.4.)
AA first-order correction to the cross-dispersion order overlap problem was made using
thee algorithm of Bianchi and Bohlin (1984). Barker's (1984) algorithm was used for
thee echelle ripple correction.
Initially,, the spectra were mapped onto a uniform wavelength grid, sampled in
0.055 A bins, but for the work described here, the spectra were rebinned on a log A scale
withh a resolution A A/A of 2 10~5 (~35 mA). Furthermore, the small data gaps in the
spectraa resulting from the reseaux pattern on the camera were set to a value indicating
undefined.. The spectra were normalised by first scaling them to the same flux level,
andd then dividing by a best-guess continuum obtained by interactively selecting points
off the average spectrum, and interpolating these with a quadratic spline. (Contrary to
thee CCD and photographic spectra, for the IUE spectra the smoothing inherent in the
reductionn was already so large that it was not useful to convolve the spectra with a
Gaussiann to remove high-frequency noise.)
1.4.. Velocity determination
Alreadyy in the early stage of this project we decided to use cross-correlation of our
spectraa for the radial-velocity determination. The advantage of this technique - commonlyy used for velocity and dispersion determination in galaxies (see, e.g., Tonry &
Daviess 1979 and App. l.B) - is that one does not need to worry about the intrinsic
shapee or symmetry of the lines, and whether they are blended or not. The only assumptionn made is that the template that is used to correlate the spectra with is a good model
forr those spectra, differing only in velocity. If that condition is fulfilled, the errors on
thee velocities can be derived in a straightforward way (similar to that used for a x2-fit
withh one free parameter; see App. l.B).
Forr cross-correlation purposes, the spectra should be normalised, and sampled on
aa logarithmic wavelength scale, so that a Doppler shift is a linear displacement through
thee whole spectral range. The velocity difference between two spectra is then found
byy fitting an analytic function to the peak of the discrete cross-correlation function
(thee correlation coefficient between the two spectra as function of velocity shift; see
App.. 1 .B), and determining the position of the maximum of that analytic function. For
ourr spectra, we found that the best results were obtained when we fitted the sum of a
Gaussiann and a line to the top 30% of the correlation peak.
Becausee of the condition of similarity of template and spectrum, we first decided
too use the average of each set of spectra taken in the same way as the template for
thatt set. In principle, this induces a slight smearing of the lines due to the different
velocitiess of the spectra. One could correct for this effect by making, after the velocity
determination,, a new average of all spectra, with their velocities shifted to zero, and
againn cross-correlating, etc., until a stable solution is reached. However, for HD77581
thee expected velocities due to the orbital motion are only of the order of 20 km s _ 1 ,
muchh smaller than the broadening of the lines by ~ 100 km s - 1 due to the rotation of
thee star. Therefore, we have not used such a second-order template.
Thee choice of the average of a set of spectra as the cross-correlation template leads
too a complication, viz. that there will be a small excess peak at zero velocity superposed
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Figuree 1.2. The cross-correlation of a spectrum with an average as a template. In the
upperr panel the cross-correlation peak is shown of CCD spectrum 40 with the average of
CCDD spectra 36-40. Notice the excess peak at zero velocity that is due to the correlation
off the noise in the spectrum with its diluted self in the average. In the middle panel
thee residuals with respect to a fit made with the sum of a Gaussian and a first-degree
polynomiall arc shown. In the lower panel the same is shown for a fit with an extra
Gaussiann with its velocityfixedat zero and its width at 5 km s _1 . The velocity difference
betweenn the two fits is 0.2 km s _1

onn all correlation peaks because the noise in each spectrum is also present in a diluted
formm in the average, and thus correlates with itself (see App. 1 .B for an analysis of the
expectedd behaviour of this autocorrelation of the noise). This effect became apparent
inn the cross-correlations in the 4390-4715 A region, where we have only five spectra
(seee Fig. 1.2). On close inspection, the autocorrelation peaks turned out to be present
inn the correlations of the other sets as well (Fig. 1.3). Clearly, if a small peak at zero
velocityy is present on the part of the correlation peak that is used to determine the
velocity,, then the derived velocities will be slightly but systematically drawn to zero.
Forr our photographic spectra, for instance, we found that the velocities were biased
towardss zero by up to 0.6 km s _ 1 (~ 3%). The effect can be corrected for by either
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Figuree 13. Same as Fig. 1.2, but for the cross-correlation of photographic spectrum
G71155 with the average of the 13 photographic spectra. Notice that due to the lower
resolutionn the excess peak at zero velocity is broader than in Fig. 1.2. The velocity
differencee between the two fits is 0.6km s _ 1

excludingg the points around zero velocity from the fit of the cross-correlation peaks,
orr by including an extra Gaussian in the fit with its centre fixed to zero and its width
determinedd by the size of independent elements, i.e., the (filtered) pixel size. The latter
iss easily determined from autocorrelations of the spectra (from the autocorrelations, we
alsoo found that for our spectra a Gaussian is indeed a good model for the excess peak).
Alternatively,, instead of using the average as the template, one can cross-correlate all
thee spectra with each other, and determine the individual velocities from the velocity
differencess (with one velocity fixed to zero; see App. 1 .B).
Forr the CCD spectra and the photographic spectra we tried both cross-correlating
alll spectra with each other and including an extra Gaussian at zero velocity. We found
thatt the derived velocities were the same to within 0.8 km s" 1 for the CCD spectra, and
too within 0.2 km s _ 1 for the photographic spectra (corresponding to a linear dependence
deviatingg by less than 2 and 0.5% from unity, respectively).
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Figuree 1.4. The cross-correlation of two IUE spectra. In the upper panel the
cross-correlationn peak is shown of spectrum SWP 3550 with SWP 32967. Notice the
largee excess peak at -40 km s~' that is probably due to the correlation of the fixed-pattern
noisee in the two spectra. In the middle panel the residuals with respect to afitmade with
aa single Gaussian are shown. In the lower panel the same is shown for afitwith an extra
Gaussiann with its widthfixedat 25 km s~'. The velocity difference between the two fits
iss 1.5kms_1

Forr the IUE spectra, the situation is somewhat more complicated, because independentlyy of the chosen wavelength range there always remains an excess peak superposed
onn many of the cross-correlation peaks (see Fig. 1.4). This effect has been reported
previouslyy by Evans (1988). Most likely, it results from the presence of the so-called
'fixed-patternn noise' in the spectra. This fixed-pattern noise is due to inadequately
correctedd pixel-to-pixel variations in sensitivity. For spectra which are taken at the
samee position of the detector it will be similar, and hence for those it will cause an
enhancementt of the cross-correlation peak. We decided to correct for this by including
ann extra Gaussian in the fit which has only its width fixed. Due to the excess peaks,
fittingfitting the cross-correlation peaks of spectra with the average becomes rather difficult,
sincee now two excess peaks should be account for, one for the systematic pixel-to-pixel
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Tablee 1.5. The wavelength regions used for the velocity determination
OpticatOpticat

Ultraviolet

Kni Kni Main n
(A) ) (A) ) line(s) )
Interstellar Interstellar
3932.0 0 3936.0 0 CaiiK K
4231.0 0 4235.0 0
4298.5 5 4302.5 5 CH H
Stellar Stellar
3700.0 0 3932.0 0 H8_16,Hei i
3974.0 0 4231.0 0 Htf.Hei i
4235.0 0 4298.0 0 (Sm) )
4303.0 0 4400.0 0 H 7 ,Hci i
4450.0 0 4476.0 0 Hee i
4500.0 0 4582.0 0 Sim m
4586.0 0 4690.0 0 O n ,, Cm
4696.0 0 4720.0 0 (Cn) )
AjUrt t

or r

Main n
line(s) )
Interstellar Interstellar
1560.2 2 1560.9 9 Ci i
1608.3 3 1608.7 7 Fen n
1656.2 2 1657.7 7 Ci i
1807.7 7 1808.3 3 Sin n
Stellar Stellar
1563.0 0 1607.0 0 Feiv,, C m
1611.0 0 1655.0 0 Fee iv, He n
1672.0 0 1707.0 0 Feiv v
1729.0 0 1741.0 0 Feiv,, N m , ?
1745.0 0 1806.0 0 N n i . O n i , ,
Feiv.Criv v
1810.0 0 1842.0 0 Feiv.Criv v

Afiart t

Aeod d

(A) )

(A) )

aa

For the photographic spectra all regions are used; for CCD spectra
1-355 the regions from 4231 to 4476 A, and for CCD spectra 36-40 the
regionss from 4450 to 4690 A

variations,, and one for the autocorrelation of the noise. Given the consistent results
obtainedd from the optical spectra, we decided not to attempt this, but rather to use the
velocitiess derived from the cross-correlations of all spectra with each other.
Wee determined radial velocities for two sets of wavelength regions for each of
thee data sets (listed in Table 1.5), one with small regions containing the interstellar
liness and one with the remainder of the spectral region (excluding H/3, for which Van
Paradijss et al. (1977b) found that it showed strong deviations from the other lines).
Itt became clear that the velocity differences found for the interstellar lines are not all
zero.. For CCD spectra 1-35 we found that the deviations could be well described by
aa linear dependence on hour angle (see Fig. 1.5; x L = 37 for 33 degrees of freedom).
Therefore,, we have corrected the stellar velocities for the CCD spectra using this
relation.. We also applied the correction to spectra 36-40, in which no interstellar
liness are present, but which were taken with the same instrumental setup except for the
changee in central wavelength (notice that the range in hour angle spanned by spectra 36400 is small; hence, the results hardly depend on whether we apply the correction or not).
Forr the photographic and IUE spectra, each stellar velocity was simply corrected with
thee interstellar velocity determined for that spectrum. All corrected stellar velocities
aree listed in Tables 1.1-1.3.
1.5.. The radial-velocity orbit
Thee stellar velocities determined from all spectra are plotted as a function of orbital
phasee in Fig. 1.6. From this figure, it is obvious that the velocities deviate substantially
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Figuree 1.5. The velocities derived from the interstellar lines in CCD spectra 1-35 as
functionn of hour angle. Overdrawn is a linear fit, which has x2 = 37 for 33 degrees of
freedom m

fromm the smooth radial-velocity curve expected for pure Keplerian motion. The deviationss seem to be correlated with each other within one night (see the CCD spectra), but
nott from one night to the other. Such excursions were already noticed by Van Paradijs
ett al. (1977b), and seem to be present as well in the data of Hiltner et al. (1972) and
Zuiderwijkk et al. (1974).
Duee to these correlated deviations, a direct x2-fit of a radial-velocity orbit to the
dataa is not meaningful, since not all the points are independent estimators of the
velocityy of the star. For this reason, Van Paradijs et al. (1977b) made a x2_fit to the
averagess of the velocities obtained during one night. A problem with this approach is
thatt there is no obvious way to obtain a reasonable estimate of the errors on the nightly
averages.. As can be seen from Fig. 1.6, the observations during one night do not fully
coverr an excursion, and hence the standard deviation around the mean in each night
iss not necessarily a good estimate of the error. Also, there is, a priori, no reason to
assumee a normal distribution of the deviations with respect to the radial-velocity orbit.
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Figuree 1.6. The stellar velocities derived for all spectra as a function of orbital phase.
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deviation)) radial-velocity orbit. The latter is overdrawn. In the lower panel the residuals
aree shown. For clarity, the error bars have been omitted. Points connected by lines were
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ƒƒ 5.1. The uncertainty introduced by the velocity excursions
Inn an attempt to get an idea of the effect of the excursions on the accuracy of the
determinationn of the orbital elements, we made Monte-Carlo simulations. In these
simulationss we generate artificial sets of velocity data using the (smooth) radialvelocityy orbit determined from the real data plus a model for the velocity excursions.
Wee generate velocities for each of the times real data were taken, and to each velocity
wee add a 'measurement' error randomly drawn from a normal distribution with a
standardd deviation corresponding to the real measurement error. The advantage of
makingg Monte-Carlo simulations is that it allows one to explore the effects of different
modelss for the excursions and the consequences of different fitting methods, and thus to
searchh for the model that maximizes the range in parameters found (while statistically
producingg the same kind of velocity sets as observed) and the fitting method that
minimizess it (depending as little as possible on the model for the excursions). The
onlyy assumption that has to be made is that the excursions do not depend on orbital
phase.. We will assume no phase dependence at all, even though in principle a phase
dependencee of, for instance, die amplitude of the excursions is allowed: a sufficient
conditionn is that the average of many measurements at any phase reflects the orbital
radiall velocity at that phase.
Inspiredd by the shape of the excursions shown by the CCD spectra (Fig. 1.6), we
chosee to model the excursions with sinusoids whose frequency, amplitude and initial
phasee are drawn randomly from given distributions for every date observations were
takenn (remaining fixed throughout a night). The physical mechanism that might be
responsiblee for such type of excursions could be that the star is pulsating with many
modess (possibly excited by the varying tidal force exerted by the neutron star in its
eccentricc orbit), which for short periods of time interfere constructively, leading to
quasiperiodicc oscillations.
Wee have tested three different fitting methods: (i) minimizing the mean absolute
deviationn (mad); (ii) minimizing the root mean square deviation (rms); and (iii) minimizingg x2' For all three, the velocities are fitted with a radial-velocity curve whose
orbitall period, time of mean anomaly u = 7r/2, eccentricity and periastron angle are
fixedfixed at the values obtained from the analysis of the X-ray data by Deeter et al. (1987b;
seee Table 1.7). The free parameters remaining are the radial-velocity amplitude and
thee systematic velocity for each data set (since only relative velocities in each data
sett are available). Of the three fitting methods, only the third takes into account the
measurementt errors. Since these clearly do not correspond to good estimates of the
reall deviation from the radial-velocity curve, one expects a priori that this method will
givee rather inaccurate results. However, the range should include the results from the
otherr two methods. Similarly, since observations taken in one night show correlated
deviations,, it seems reasonable to give those less weight. Therefore, we have made additionall simulations in which both the real and the simulated data are averaged within
nightss before being fitted.
Inn our simulations, amplitude, frequency and initial phase of the sinusoidal velocity
excursionss are drawn from a population distributed according to the form C 0 + Cuu +
C„n,C„n, where u is a uniform distribution in the range 0 . . . 1, n a normal distribution with
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Tablee 1.6. Results of the Monte-Carlo simulations
Ampl..
distr.**
(kms - 1 ))
RealReal
8.44
15.5uu
9.5nn

Freq.
Fit t AllAll data
distr.* type" " Fit t
tt
(day" 1 )
val.b b (kms - 1 ) )
data
mad d 4.65 5 21.7 7
0.6
4.70 0 16.8-26.8 8
0.7
4.67 7 17.8-25.8 8
0.7
4.65 5 18.1-25.4 4

NightlyNightly averages
Fit t
tt
val.b b (kms - 1 ) )
4.76 6 21.7 7
4.87 7 17.6-25.9 9
4.79 9 18.6-24.9 9
4.76 6 18.9-24.5 5

RealReal
9.00
15.4uu
9.Onn

data
0.6
0.7
0.7

6.47 7
6.64 4
6.59 9
6.61 1

RealReal
9.00
15.4uu
8.9nn

data
0.6
0.7
0.7

rms s 7.28 8
7.33 3
7.28 8
7.31 1

21.5 5
18.1-25.0 0
18.1-24.9 9
18.0-25.0 0

52.6 6
52.7 7
52.5 5
53.0 0

21.4 4
15.7-27.2 2
15.7-27.2 2
15.5-27.3 3

Xred d

20.8 8
18.2-23.5 5
18.2-23.4 4
18.2-23.5 5

** u, n indicate uniform distribution 0 . . . 1 and normal distribution
withh mean zero and standard deviation unity, respectively.
bb
The quantity which is minimized: mean absolution deviation (mad),
roott mean square (rms), or reduced chi-square (xLi)- The value is
givenn under column Fit val. The unit is km s _1 for mad and rms, and
dimensionlesss for xLa
cc
Best fit value for the real data, 95% confidence region for the simulationss (with the best-fit value as input radial-velocity amplitude).

meann zero and standard deviation unity, and C0, Cu and Cn are constants. Obviously,
theree is no reason to assume that the phase at the beginning of a night has any preferred
value,, hence we always use C^o = 0, C^tU = 2TT, and C^in = 0.
Resultss of our simulations are listed in Table 1.6 for three different types of distributionn of the amplitude: constant, uniform, and normal. For each distribution, the
appropriatee constant was chosen such that the average mad, rms or x2 from the simulationss was the same as the observed one. As a check, we determined for all three
fittingg methods the cumulative distribution of the absolute value of the deviations of
thee observed velocities from the fitted radial-velocity orbits, and compared these dis-tributionss with the average cumulative distributions obtained from the Monte-Carlo
simulations.. We found that the observational result could be reproduced with all three
distributionss of the amplitude that we tried (see Fig. 1.7).
Thee frequency distribution is reflected mostly in the rate of change of the velocity
deviations.. The latter can be estimated to first order by A(t; - v fil )/AJD, where
A(vv - vfit) is the difference in deviation from the fitted radial velocity orbit for
twoo subsequent observations, and AJD the corresponding time interval. In Fig. 1.8
thee observed cumulative distribution of the absolute value of the estimated rate of
changee is shown. From our simulations, we found that a good match to the observed
distributionn can be obtained if the mean frequency is about 0.7 day - 1 (consistent with
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Figuree 1.7. Cumulative distribution of the observed absolute deviations with respect to
thee radial-velocity orbit obtained from a root-mean-square fit (points). Overdrawn are
thee mean distributions (full lines) and their standard deviations (dashed lines) derived
fromm the Monte-Carlo simulations for three different probability distributions for the
amplitudee of the excursions (for clarity, the cumulative distributions are shifted by 0.5
withh respect to each other). The top distribution is for constant amplitude, the middle
onee for uniformly distributed amplitudes, and the bottom one for normally distributed
amplitudess (see Table 1.6 and text)

thee fact that excursions do not seem to be covered well in one night). The results are
ratherr insensitive to the exact form of the frequency distribution. Therefore, we list in
Tablee 1.6 only the results for a constant value of the frequency (chosen such that the
observedd cumulative distribution of rate of change was best reproduced; see Fig 1.8).
Fromm Table 1.6 it is clear that minimizing the rms deviation provides the best
results,, both in the sense that the range in radial-velocity amplitude is minimal, and
inn the sense that the result depends least on the chosen form of the distribution of
thee excursions. As expected, the range in radial-velocity amplitude found is somewhat
smallerr when velocities are averaged within nights. Therefore, we will use those results
fromm here on.
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Figuree 1.8. Same as Fig. 1.7, but for the cumulative distribution of the rate of change
off the deviations as determined from CCD spectra 2-35
Wee conclude from our simulations that the radial velocity amplitude is given by
7 km s _ 1 (95% confidence; the lo-error is 1.4 km s _ 1 ). The lower limit,
KgptKgpt = 20.8
whichh is the relevant quantity for the determination of a lower limit to the neutron star's
mass,, is 18.6km s" 1 with 95% confidence, and 17.7km s" 1 with 99% confidence.
1.5.2.1.5.2. The cause of the variations andpossible systematic effects
Too improve our insight into the cause of the deviations, we plot the profile of He IA4471,
correctedd for the orbital motion with the minimal rms solution, for all CCD spectra in
Fig.. 1.9 (left-hand panel). It is clear that there are strong changes in the profile. The
timescalee of these changes is longer than one night, as expected from the fact that the
velocityy excursions do not seem to be covered within one night (see Fig. 1.6). This
iss also consistent with the results of the Monte-Carlo simulations presented above,
fromm which it follows that the distribution of the time derivate of the deviation is best
reproducedd with frequencies of about 0.7 day - 1 (see Fig. 1.8; values of k, l d a y - 1
givee significantly worse results).
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Figuree 1.9. Line profile variations.. In the left-hand panel
thee line profile of HeiA4471
iss shown for all CCD spectra.
Thee spectra have been shifted
vertically,, time increasing upwardd (nights being separated
byy somewhat larger shifts). The
profiless are shifted to the rest
framee of the optical star using
thee minimal root-mean-square
orbitall solution (see Fig. 1.6).
Inn the right-hand panel, the averagee profiles of HeiA4471,
Hee i A4388, H 7 and S m A4254
aree shown for the five nights for
whichh we have more than one
spectrum.. The orbital phase is indicatedd for HeiA4471. To ease
comparison,, the profiles have
beenn scaled to the same relative
depth.. Notice that HeiA4471 is
blendedd on the short-wavelength
sidee and H7 on both sides (see
Fig.. 1.1). Also, S in A4254 containss a contribution from O n
liness (at approximately the same
wavelength) )
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Too show the changes more clearly, the average Hei A4471 profiles for the five
nightss for which we have more than one spectrum are shown in the right-hand panel
off Fig. 1.9. Also shown are the average profiles of He IA4388, H7 and S ill A4254.
Comparingg the different lines, it is clear that they show very similar profiles.
Thee similarity suggests that the profile variations are not due to phenomena related
too the wind, such as density enhancements due to an accretion wake or ionisation
zone,, since these are expected to show up preferably in the strongest lines. Still, there
iss evidence for the presence of density enhancements in VelaX-1 from variations
off H a (e.g., Zuiderwijk et al. 1974), and from various features in the X-ray light
curvee and in X-ray spectra (Watson & Griffiths 1977; Nagase et al. 1986; Haberl &
Whitee 1990). Also, for our photographic spectra, Van Paradijs et al. (1977b) found
thatt near inferior conjunction of the neutron star (phase 0.5), the velocities derived
fromm the H/? line deviated systematically from those derived from the other lines.
Fromm the H/3 line profiles, it is clear that this is due to an extra absorption component,
whichh moves from a low velocity at phase 0.5 to a velocity of about -300km s^1 at
phasee 0.9, whereafter it disappears (Zuiderwijk 1979; see also curve b in Fig. 1.1).
Kaperr & Hammerschlag-Hensberge (1993) observe similar behaviour in new spectra.
Furthermore,, these authors find that an extra absorption component is also present in
Hee 1A4471, with the same velocity as in H/3, but with a much smaller relative strength.
Unfortunately,, our photographic spectra are too noisy to confirm this behaviour. As
cann be seen in Fig. 1.9, our CCD spectra do not show any clear evidence for absorption
enhancements. .
InIn order to check for a possible influence on the radial-velocity amplitude, we
madee fits to the velocities excluding the phase range following inferior conjunction of
thee neutron star. In this phase range, the star is moving towards us. Hence, one expects
thatt if blue-shifted absorption enhancements were present, they would be reflected
inn an increase in the apparent radial-velocity amplitude. Excluding the phase interval
fromm 0.5 to 0.6, we find for the rms fit to the nightly averages that K^ = 20.2 km s _ 1 ,
somewhatt smaller than the value found for all data. However, if we exclude other phase
intervalss from the fit, we find similar changes in K^. Excluding phase 0.5 to 0.7, K^
decreasess more strongly to 19.5 km s - 1 , but excluding phase 0.5 to 0.8, it increases
too 22.6kms _ 1 . Looking at Fig. 1.6, it seems clear that these changes are not related
too systematic effects, but rather to statistical fluctuations. A similar conclusion was
reachedd for the photographic spectra by Van Paradijs et al. (1977b) and by Tjemkes et
al.. (1986) on the basis of their analysis of the optical light curve.
Anotherr source of systematic velocity deviations that might affect the observed
radial-velocityy amplitude could be the tidal deformation of the star. On the basis of
numericall calculations of the line profiles for a deformed star, Van Paradijs et al.
(1977a)) found that systematic, orbital-phase dependent deviations in velocity of a few
kmm s _ 1 are expected, with corresponding changes in apparent eccentricity and in radial
velocityy amplitude of & 0.06 and a few km s - 1 , respectively (see also Van Paradijs et
al.. 1977b; Hutchings 1977; Wilson 1979). The amplitude of the velocity deviations is
expectedd to depend on the line that is studied, but for our photographic spectra this
effectt was not found by Van Paradijs et al. (1977b). For our observations, it is clear that
thee systematic effects due to the deformation are not the main source of the velocity
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deviations,, since the velocities deviate randomly with much larger amplitudes (see
Fig.. 1.6). However, if we leave the eccentricity and periastron angle as free parameters
inn the orbital fit to our radial velocities, we find a change in eccentricity that is of the
expectedd order (we find e = 0.21, xu = 359° and K^ = 21.5), although it follows
fromm Monte-Carlo simulations of the excursions that the change is significant with
90%% confidence only.
Inn summary, we do notfindevidence for systematic effects due either to phenomena
relatedd to the stellar wind, or to tidal deformation of the optical star. However, we stress
thatt while we are reasonably confident that the former are negligible, our observations
doo not allow us to be so for the latter. In fact, it seems unlikely that while the tidal
distortionn is reflected clearly in ellipsoidal variations in the light curve, there would be
noo effect in the radial velocities. Since the amplitude of the light curve can be modeled
quitee well (though not the exact shape; see Tjemkes et al. 1986), it seems reasonable
too assume that the deviations of the radial-velocity amplitude that are expected will be
aa reasonable measure of the uncertainty introduced by the tidal effects.
Ass mentioned above, for Vela X-l changes in the apparent radial-velocity orbit
off a few kms - 1 are expected (Van Paradijs et al. 1977a,b; Hutchings 1977; Wilson
1979).. Other estimates for the tidal effect in massive X-ray binaries have been made
forr SMC X-l (without X-ray heating, Wilson & Sofia 1976) and for 4U 1538-52
(Reynoldss et al. 1992). Recently, model calculations have been used to correct radialvelocityy curves of W Ursa Majoris binaries and Algols (Hill et al. 1989; Khalesseh
&& Hill 1992 and references therein; see also Van Hamme & Wilson 1985). Although
thesee binaries contain components of later spectral type, the corrections that are found
aree similar to what is found for the massive X-ray binaries: about 5% (for both
componentss of the binary). Therefore, it seems to us that a reasonable estimate of the
'lo-'' systematic uncertainty is given by a relative error of 5%. For this value, we find
^optt = 20.8 1.7 km s"1. Taking a relative error of 10% for the 95% confidence limits
leadss to K^ = 20.8 3.4 km s"1. For the 95% and 99% lower limits, we use relative
errorss of 8% and 12%, respectively, with which we find Km > 18.1 kms - 1 (95%
confidence)) and K^ > 16.8 km s _1 (99% confidence).
1.6.. The masses of the two components
Thee limits on the radial-velocity amplitude K^ derived in the previous section, in
combinationn with the orbital period Porb, eccentricity e and semi-major axis ax sin i of
thee X-ray orbit of Vela X-l (see Table 1.7), can be used to derive limits on the masses
off the two components (for formulae, see e.g. Rappaport & Joss 1983; Nagase 1989).
Forr Vela X-l, one can use Fig. 1.10, where one can read off the masses for arbitrary
radial-velocityy amplitude. We find Mxsin3t = 1.68 0.31 M© and M ^ s m 3 ! =
22.22 0.5 M© (where i is the inclination of the system).
Iff one had an estimate of the radius R^ of the companion, the inclination i could
bee estimated from the duration of the X-ray eclipse 9^. For Vela X-1, the optical light
curvee shows strong ellipsoidal variations, which indicates that the optical companion
iss close tofillingits Roche lobe (e.g., Tjemkes et al. 1986). For a circular orbit and
aa corotating optical companion, this would mean that the radius of the star could be
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Figuree 1.10. The masses of the two components in the Vela X-1 system as function
off the radial velocity amplitude üf0pt- Indicated are the 95% confidence intervals for
bothh masses (short-dashed lines), and the 95% and 99% confidence lower limits to the
neutronn star mass (long-dashed lines)

estimatedd with the radius of a sphere with a volume close to the volume of the Roche
lobe,, and hence that its size relative to the orbital separation would be a function of
mass-ratioo q and filling fraction f3 only. For a non-corotating star and an eccentric orbit
likee for VelaX-1, generalisations of the Roche potential have been derived by Avni
&& Bahcall (1975a) and Avni (1976) under the assumption that the star is in quasihydrostaticc equilibrium at any given time with respect to the instantaneous potential.
Usingg these generalisations, one can estimate the 'Roche' radius as a function of orbital
phasee for given mass-ratio q, orbital eccentricity e, periastron angle w, and corotation
factorr /a, (which can be derived from the measured rotation velocity vm sin i of the
opticall star), and hence the inclination for a given filling factor (3 at periastron.
Rappaportt & Joss (1983; also Joss & Rappaport 1984; Nagase 1989) have used
thiss method to estimate the inclination, the semi-major axis, the radius and mass of the
companion,, and the neutron-star mass for Vela X-1 and for the five other X-ray binaries
forr which all necessary parameters are known. The corresponding uncertainties are
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foundd by means of a Monte-Carlo error propagation technique, in which a large number
off trial evaluations are made for values of Pad,, e, w, a\ sin i, 0^, K^, fay and 0
drawnn from random distributions which reflect the experimental uncertainties. We have
triedd to use this method for Vela X-l, using the X-ray orbit of Deeter et al. (1987b)
andd the radial-velocity amplitude derived in Sect. 1.5. For the eclipse half-angle, we
conservativelyy used a range 30°-36°, which encompasses the values quoted by Watson
&& Griffiths (1977; 33?8 1?3, ARIEL V), Nagase et al. (1983; 32° 1°, Hakucho
9-22keV)) and Sato et al. (1986; 34?4 1?1, Tenma 10-20keV). For the projected
rotationall velocity wefindfrom the CCD spectra a value of 110 15 km s _1 . Based on
aa comparison of the photographic spectra with model profiles calculated for a deformed
star,, Zuiderwijk (private communication) found that the corotation factor was given by
fcofco = 0.67 0.04. This corresponds to a projected rotational velocity of ~ 115 km s"1,
consistentt with our estimate. Other estimates based on photographic spectra were
madee by Mikkelsen & Wallerstein (1974; 130km s _1 ) and Wickramasinghe et al.
(1974;; 90km s _1 ). Sadakane et al. (1985) found that the rotational broadening shown
inn the IUE spectrum of HD 77581 was similar to that seen in the spectrum of K Ori,
andd they concluded that v„* sini = 80 10km s _1 . However, from an echelle CCD
spectrumm of K Qri taken in our February 1989 run, it is clear that the lines of ic Ori are
lesss broadened than those of HD 77581. In view of the above, we decided to use a range
off 80-140 km s - 1 for the simulations. All parameters we use are listed in Table 1.7,
andd the results of the simulations are listed in Table 1.8.
AA problem that arose in doing the Monte-Carlo simulations was that with the
parameterss listed above for one out of three trials the parameters are inconsistent with
eachh other in the sense that the width of the eclipse can not be reproduced, not even
forr an inclination of 90° and afillingfactor of unity at periastron. It is not clear how
too treat these events. One might just reject them, but in that way the estimates will
bee based on distributions of observed quantities which no longer reflect the observed
ones.. For the case mentioned, one expects that only trials with low 0^ and/or low K^
willl not be rejected, leading to low mass estimates.
Thee discrepancy between the predicted and observed eclipse angle might be due
too systematic errors in K^ or 6^. If the former were the case, the masses might
reallyy be lower. However, most likely the cause is also at least partly to be found in
thee assumption that the star is in quasi-hydrostatic equilibrium with respect to the
instantaneouss potential. Noteworthy in this respect is that in the optical light curve of
thee system the two minima do not exactly coincide in time with superior and inferior
conjunction,, as would be expected if the star did adjust instantaneously to the varying
potentiall (Tjemkes et al. 1986). The minimum closest to X-ray eclipse is shifted by
aboutt 0.05 in orbital phase. Hence, at the time of X-ray eclipse the observed size of the
starr is not yet as small as one would expect, and the measured X-ray eclipse will be
longerr than the expected one. (Notice that the inclination is quite sensitive to changes
inn eclipse width. Changing 6^ from the observed value of ~ 34° to 30°, e.g., changes
thee inclination from ~90° to ~75°.)
Fromm the above, we conclude that although it seems likely that the inclination will
bee close to 90°, we can not exclude lower values.. For the lower limits to the mass of
thee neutron star, which is the most interesting quantity with respect to observational
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constraintss on the equation of state, we will make the conservative assumption that
tt = 90°. For this value, we find from thee lower limits on K^ that with 95% confidence
M\M\ > 1.43 M0 and with 99% confidence M x > 1.32M©. These limits are lower
thann the ones found previously, because in those determinations the influence of the
correlatedd deviations and of the systematic changes due to the tidal deformation were
nott taken fully into account.
1.7.. Constraints on the equation of state
Itt is clear that the lower limit to the mass of Vela X-l derived above does not allow
onee to derive strong constraints on the equation of state. In order to determine what
constraintss can still be set, we have carefully checked the sixteen mass estimates that
aree currently available. These are from two groups of binaries, one with X-ray pulsars
andd one with radio pulsars, which we will discuss separately below.
17.1.17.1. X-ray pulsars
Forr six X-ray binaries the orbit can be determined completely, because both the X-ray
andd optical orbits are known, and a handle on the inclination is available from the
combinationn of the X-ray eclipse duration and estimates of the filling factor and
thee rotational velocity (which determines the corotation factor; see Sect. 1.6). Such
determinationss have been made by Rappaport & Joss (1983) and Nagase (1989).
Fromm these investigations (and also from Sect. 1.6), it follows that the most uncertain
elementss in the final orbital determination are the radial-velocity amplitude of the
opticall component and the duration of the X-ray eclipse (in combination with the
corotationn factor). This is both because of the large observational uncertainties involved
andd because of the possibly large systematic effects.
Forr a new determination of the masses, we have therefore focussed on these
quantities.. For the radial-velocity amplitudes, we will assume, like for Vela X-l, that
apartt from the observed uncertainty there is an additional uncertainty of 5% due to the
possiblee presence of tidal effects. For systems where also X-ray heating is or might
bee important, we will use a relative uncertainty of 10%. For the determinations of
thee duration of the X-ray eclipse, we will as much as possible use determinations
madee at hard X-ray wavelengths, since in soft X-ray bands the eclipses might be
systematicallyy longer due to absorption at the base of the stellar wind of the optical
star.. Different determinations of the eclipse duration often are not consistent with each
otherr (possibly related to changes in the shape of the star like in Vela X-l). Therefore,
wee will determine a range within which the duration almost certainly lies, rather than
aa number with a corresponding 'la - ' error. Often, the different determinations for the
projectedd rotational velocity are inconsistent as well. Hence, for this quantity we will
alsoo determine a range rather than a number with error.
Thee observed parameters of the X-ray pulsars that we find are listed in Table 1.7.
Withh these values, we have determined the corotation factor, the inclination, the semimajorr axis, the radius and mass of the optical component, and the mass of the neutron
starr using the method described by Rappaport & Joss (1983). These 'inferred' param-
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Tablee 1.7. Orbital parameters of the X-ray pulsars*
Name e

To o

Port t

axsint t
ee
(lt-s) )

Kop Kop

vsin» »
-1
(fans
))
(day) )
(JD-2440000) )
-1
1
(kms
))
(yr- ) )
20.8(17) )
112.98(35)
)
8.964416(49)
)
bb
4279.0466(37)
Velaa X-l
0.0885(25)c c 80-140 0
<< 1.910-5
52.8(18) ) 20(3) )
3.72847(6) )
4U1538+52 2 5518.15(5) )
140-220 0
<5.610~6(3<r) ) <0.25 5
53.4876(4) ) 23(3) )
3.89229118(48) )
SMCC X-l 2836.68277(20) ) -3.36(2)) 10 -6
<< 0.00004 130-220 0
38(5) )
26.31(3) )
1.40839(1) )
LMCX-4 4 7742.4904(2) )
120-220 0
<0.01 1
<310~ 6 6
2.0871390(9) )
39.636(3) ) 24(6) )
958.8509(3) )
CenX-3 3
190-310 0
<< 0.0008
-1.78(8)) 10 -6
1.700167720(10) ) 13.1831(3) ) 90(20) )
3805.019980(14) )
Herr X-l
-1.32(16)-1.32(16) <<
10"*
0.0003
Portt /Port

))
30-36 6
20-35 5
27-31 1
24-29 9
31-37 7
24-25 5

** Numbers in parentheses indicate approximate Iff confidence limits in thefinaldecimal
place.. Upper limits represent approximate 95% confidence limits, except when indicated
otherwise.. For references, see Sect. 1.6,1.7.1
bb
Tune of mean anomaly v = 90°
c
88
eterss are listed in Table 1.8. Like Rappaport & Joss, we have used a range 0.95-1.0 for
thee filling factor (3 in Her X-l (for a justification, see, e.g., Bahcall & Chester 1977)
andd 0.9-1.0 for the other systems (for which it follows from the optical light curves
thatt they are close to filling their Roche lobe; e.g., Avni & Bahcall 1975a,b).
Beforee discussing the five sources other than Vela X-l in detail, we note that we
havee excluded a priori the neutron-star mass determinations made for 4U 1700—37
(Afxx = 1.8 0.4 M 0 , Heap & Corcoran 1992) and 4U1626-67 (M x = l-8t?if3,
Middleditchh et al. 1981). For 4U1700-37, the mass estimate is based on a mass of
thee optical companion determined from its spectrum. In our opinion this introduces
ann additional systematic uncertainty, which may well be much larger than the quoted
error.. For 4U1626-67, the observational error is too large to help to constrain the
equationn of state. Also, the orbital period found in the optical pulsations has not yet
beenn confirmed by X-ray observations (Levine et al. 1988).
4U1538-52.4U1538-52. The most recent determination of the X-ray orbit for this source was
madee by Makishima et al. (1987). The orbital period and a constraint on the orbitalperiodd derivative have been derived by Cominsky & Moraes (1991). Makishima et
al.. (1987) found an eclipse half-angle of 25°
5° from their Tenma data. Other
determinationss were made on the basis of OSO-8 data (30?5 3?5; Becker et al. 1977)
andd of ARIEL V data (28° 3°; Davison et al. 1977). From these data a range of 20°-

522

The mass of Vela X-l

Tablee 1.8. Inferred parameters for the X-ray pulsars*
Name e
Velaa X-l

ƒ« «

**

aa

OO

(R®) (R®) (RQ) (RQ)

-^opt t

0.47-0.84 4 >73 3 53.1+_2i°o o 3 0 . 3 t 2 £ £

4UU 1538-52 0.69-1.26 6 66t!97 7 26.4+Ji!8 8
SMCC X-l
0.68-1.29 9 7 0 ^ ^ 26.4t!i43 3
LMCX-4 4
0.45-0.88 8 65 + _ 7 6 6 i1 iiJ ' '7+0.6
-0.6 6
Cenn X-3

0.67-1.13 3 >65 5

Herr X-l

0.0-1.5° °

HerX-l d d

0.0-1.5° °

>72 2
>79 9

is-n'v v
8.7t3iS S
oo r*>-3

15.4 + J£ £
3

lS-Ot^i ! !
8-0t!ó°9 9
ll-lt?i? a a
oo QO+0.27
22
4fli+0.23 3

Mop, ,

Mx x

(M0) )

(M0) )

23.2+J{82 2

l-75t°ó3|3 3

/had d

(%) )
32 2

16.7^458 8 i . o s ^ ^ 0.4 4
15.T3& 15.T3&
i.imm 00
15.8+_2^ ^
19.0?i

2

2.04^

88
9
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TT 'l'VtO.16
zz
9

11 47+0- 44
,, m+O.58

11 04+ 0 - 7 5
jj

47+0.23

00
99
18 8
32 2

"" Errors and lower limits are 9 5 % confidence
Fraction of trials rejected because eclipse width could not be fit
cc
Fixed. No information on the rotational velocity is available

bb

dd

Results for the optical pulsation Doppler-shift amplitude of

4 kms" 1 (seeSect. 1.7.1)

35°° seems indicated. A new determination of the radial-velocity curve was recently
madee by Reynolds et al. (1992). The authors list two values of K^ one for the
velocitiess as derived (K^ = 19.2 1.2 km s _ 1 ), and one for the velocities found after
correctionn for the tidal distortion of the star (.ftTopt = 19.8Ü.1 kms - 1 ). As discussed in
Sect.. 1.5.2, we think such corrections are highly uncertain, especially since in this case
thee phase coverage of the observations does not allow one to check predicted effects
suchh as an apparent eccentricity. In fact, the system may well be genuinely eccentric,
givenn the upper limit of 0.25 of Makishima et al. (1987). If this is the case, systematic
velocityy excursions like the ones we observe for Vela X-l might be present. From the
velocityy data of Reynolds et al. (1992), it is not clear whether this is the case. However,
thee profile of the line they use for the velocity determination (He IA6678) does show
systematicc changes similar to those observed by us (Fig. 1.9). If systematic, night-long
deviationss are present, the error on the radial-velocity amplitude will be larger by at
leastt a factor \/ns/nn, where n s is the number of spectra and n n the number of nights.
Forr the data of Reynolds et al. (1992), this would imply a factor of £ v^S. A different,
additionall uncertainty in the work of Reynolds et al. (1992) is that the velocities are
derivedd from cross-correlations of the spectra with the average spectrum. As shown
inn Sect. 1.4 and App. l.B, this leads to systematic deviations if proper precautions are
nott taken. For their rather noisy spectra, the radial-velocity amplitude may well be too
loww by up to 10%. In order to account for all uncertainties mentioned above, we set the
radial-velocityy amplitude to K^ = 20 3 km s - 1 . Rotational velocity determinations
havee been made by Crampton et al. (1978; 200 20kms - 1 ) and by Reynolds et al.
-1
(1992;;
plus a possible systematic error). For our calculations, we used
aa range 140-220kms - 1 .
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SMCSMC X-l. The X-ray orbit was recently redetermined by Levine et al. (1993). The
durationn of the X-ray eclipse is listed as 28?2 0?9 ('extreme' limits) by Primini et al.
(1976;; S AS-3) and as 29?9
2 by Bonnet-Bidaud & Van der Klis (1981; COS-B). We
usedd a range 27°-31°. A recent determination of the radial-velocity curve was made
byy Reynolds et al. (1993). Like for 4U1538-52, the authors list both the 'uncorrected'
valuee of the radial-velocity amplitude (23.0 1.9 km s -1 ), and the value found after
correctionn for tidal effects and X-ray heating (27.5 1.9km s _1 ). We feel that this
correctionn is even more uncertain than that for 4U 1538+52, since, as the authors point
out,, their model does not allow for the presence of an accretion disk, while from
thee optical light curve it is almost certain that one is present (Tjemkes et al. 1986
andd references therein), and its shadow may well reduce the effect of X-ray heating.
Furthermore,, the size and even the sign of the effect strongly depends on the presence
orr absence of a substantial soft X-ray flux, a factor which is badly known. Therefore,
wee just use our estimate of a relative error of 10% to account for possible systematic
effects,, i.e., K^ = 23 3 km s _1 . (Notice that contrary to the case of 4U1538-52,
thee orbit of SMC X-1 is not eccentric, and hence no systematic velocity excursions
aree expected (nor observed). Also, no systematic effects in-the velocity determination
aree expected, since the cross-correlation was not done with the average spectrum.)
Forr the rotational velocity, we used a range 130-220 km s - 1 , which encompasses the
valuess listed by Hutchings et al. (1977; ~ 200 km s -1 ) and Reynolds et al. (1993;
~~ 150 km s _1 with a possible systematic error).
IMCIMC X-4. A recent determination of the X-ray orbit was made by Levine et al.
(1991).. The X-ray eclipse half-angle is listed as 29?0 2?5 by Li et al. (1978; SAS3,, 6-12 keV), 26?2 1?1 by White (1978; ARIEL V), and 27? 1 1?0 by Pietsch
ett al. (1985; EXOSAT). We use a range 24°-29°. The radial-velocity curve was
determinedd by Kelley et al. (1983a) based on radial velocities of Hutchings et al.
(1978)) and unpublished data of Petro & Hiltner. Kelley et al. (1983a) found K^ =
37.99 2.4 km s _1 , but for the calculation of the masses they set the error to 5 km s _1 in
orderr to account for possible systematic effects due to both tidal distortion and X-ray
heatingg (both effects are seen in the optical light curve; see Heemskerk & Van Paradijs
1989).. With our estimate of 10% relative uncertainty, we find the same value. The
rotationall velocity has been estimated at ~ 170 km s _1 by Hutchings et al. (1978). On
thee basis of the differences between the different determinations for the other sources,
wee conservatively use a range of 120-220 km s _1 .
CenCen X-3. The most recent X-ray orbit was determined by Kelley et al. (1983b). A
thoroughh study of the eclipse of Cen X-3 was made by Clark et al. (1988) on the
basiss of SAS-3 observations. These authors find that the eclipse half-angle at high
energiess (10-20keV) ranges from 33° to 37° for different eclipses, while at lower
energiess (3-6 keV) a range of 35°-40° is observed. (For comparison, Pounds et al.
(1975;; ARIEL V) list 39° 2°, and Schreier et al. (1972; UHURU)find42° 1°.)
Clarkk et al. (1988) fit the eclipses observed in different energy bands with a simple
modell for the wind, and find that the "real" eclipse half-angle is most likely in the
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rangee 31°-36°. In our calculations, we conservatively used a range 31°-37°. Radial
velocitiess of the optical counterpart of Cen X-3 were determined by Hutchings et al.
(1979).. These authors derive K^ = 24 6 k m s _ I . Given the large observational
error,, it is rather immaterial whether we account for possible systematic effects with
ann additional relative error of 5 or 10%. However, for completeness we note that it
followss from the analysis of the optical light curve by Tjemkes et al. (1986) that most
likelyy an accretion disk is present in the system, but that it is not clear whether X-ray
heatingg is important. The. rotational velocity is given as 250 30 km s - 1 by Hutchings
ett al. (1979). For the determination of the masses, we use a range 190-310km s - 1 .

HerHer XL The X-ray orbit was determined by Deeter et al. (1981, 1991). Deeter et
al.. (1981) determined an eclipse duration of 24?56 0?03 (OSO-8). However, this
determinationn is based on observations of an ingress and an egress of different orbital
cycles,, and Copernicus results indicate a somewhat larger range in eclipse angle.
Therefore,, we used a range 24°-25°. The mass determinations that have appeared in
thee literature for this source are based on two different methods for the determination
off the mass ratio. One is based on the observed radial-velocity amplitude, like for the
otherr sources. Hutchings et al. (1985) cite a value K^ = 83 3 km s _ 1 . However,
thee error quoted by these authors reflects solely the observational error, and not the
errorr associated with the (model-dependent) correction for the tidal deformation and
especiallyy the intense X-ray heating (which is known to vary with the 35 day precession
period).. In this regard, it should be noted that Koo & Kron (1977) found a value of
- 11
after correction of their data, indicating that the error associated with
thee correction may well be large. In order to account for this uncertainty, we rather
arbitrarilyy used K^ = 90 20 km s _1 . We have not been able to find a limit on the
rotationall velocity. Therefore, we have used a range of 0-1.5 for the corotation factor
(ass used by Rappaport & Joss 1983).
Anotherr estimate of the masses can be made on the basis of the analysis of the
opticall pulsations (Middleditch & Nelson 1976; Middleditch 1983). These are due to
reprocessingg of the X-ray pulsations in the accretion disk and on the surface of the
opticall star. The frequency of the pulsations that originate from the counterpart's surface
showss a Doppler shift with respect to the X-ray pulsations due to the orbital motion.
Usingg a geometrical model for the location of the reprocessing regions (Middleditch
&& Nelson 1976; Bahcall & Chester 1977), it is therefore possible to derive the orbital
parameterss and limits on the masses of the two components from the observed Dopplershiftt amplitude of 20.0
1.4 km s _1 in combination with the X-ray orbit and the
durationn of the X-ray eclipse. Rappaport & Joss (1983) used a modified version of
theirr Monte-Carlo code to estimate the uncertainties involved in these estimates. For
ourr estimates, we used their code, and the velocity estimate of Middleditch (1983)
withh an additional relative uncertainty of 10% to account for the uncertainty in the site
wheree the reprocessing takes place (i.e., 20.0 2.4 km s - 1 ). We note that for this mass
determination,, one of the largest uncertainties results from the fact that the corotation
factorr is not known. If one assumes it is unity instead of within a range 0-1.5, one
findss a 95% confidence error of 0.12 M© instead of ~0.3 M©.
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Tablee 1.9. Parameters for the radio pulsars*

PSR R

Poib Poib

(day) )
1913+16 6
0.323 3
1534+12 2
0.421 1
2127+11C C 0.335 5
2303+46 6 12.34 4
1855+09 9

12.33 3

1802-07 7

2.62 2

Aftool l

(M 0 ) )
2.82837(4) )
2.679(3) )
2.712(5) )
2.53(8) )
1.50t?62f7b b
1.7(4) )

Afpikt t
<M©) )

iHOWim. .

1.2««
<2.1 1

0.233t?6a a
>0.2 C C

(M@) )
1.442(3) ) 1.386(3) )
1.32(3) ) 1.36(3) )
1.34(23) ) 1.37(23) )
>1.1 1
<1.5 5

** Numbers in parentheses indicate l<r confidence limits in the
finalfinal decimal place. Upper and lower limits represent approximatee 95% confidence limits. For references, see Sect. 1.7.2
bb
The total mass is not independently determined. The value
quotedd is the sum of the masses of the two components
cc
The companion is not a neutronn star

1.72.1.72. Radio pulsars
Inn close binaries composed of a radio pulsar and another compact object, mass estimates
cann be made on the basis of the analysis of the arrival times of the radio pulses alone, if
onee assumes that general relativity correctly describes the gravitational interaction in
thesee systems (e.g., Taylor & Weisberg 1989). With this assumption, the orbital period,
eccentricityy and rate of change of periastron angle provide one relation between the
twoo masses in the system (they determine the total mass), while the combined effect of
thee orbital-phase dependent components of the gravitational redshift and the transverse
Dopplerr shift provide another one. Alternatively, if the Shapiro delay can be measured,
onee obtains constraints on both the inclination and the mass of the companion, and
thus,, using the mass function, also on the mass of the pulsar.
Inn Table 1.9, we list the (limits on the) masses that are currently available. For
PSRR 1913+16 (Taylor & Weisberg 1989) and PSR 1534+12 (Wolszczan 1991) the
massess of the two components have been determined to a very high degree of accuracy
usingg the rate of change of periastron angle and the orbital-phase dependent variation
duee to transverse Doppler shift and gravitational redshift. For PSR2127+11C, the
determinationn is not yet as accurate, but given that it has an orbital period similar to
thosee of PSR 1913+16 and PSR 1534+12, it will certainly improve the coming years
(Andersonn 1993). Only the rate of change of periastron angle has been measured for
PSRR 2303+46 and PSR 1802-07, and hence only the total mass is known for those
systemss (Thorsett et al. 1993). Given the much longer orbital periods, it is not likely
thatt another quantity can be measured with which the masses could be determined
individually.. For PSR 1855+09, the eccentricity and orbital period are such that the
ratee of change of periastron angle is not observable. However, for this pulsar the
inclinationn is close enough to 90° to allow the Shapiro delay to be observed, and hence e
thee masses to be determined (Ryba & Taylor 1991).
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Figuree 1.11. The currently known masses of neutron stars. Shown are both the masses for
thee X-ray pulsars (as listed in Table 1.8) and for the radio pulsars (and their companions;
Tablee 1.9). The error bars indicate 95% confidence limits. For the radio pulsars, these
havee been obtained by multiplying the \<r errors listed in Table 1.9 by two (except for
PSRR 1855+09, for which we used Mpuliar = 1.27t_Vf3; see Fig. 8ofRyba&Taylor 1991)

1.7.3.1.7.3. Discussion
Thee constraints on neutron star masses derived both from X-ray and radio pulsars
aree displayed in Fig. 1.11. From this figure, it is clear that at the present moment the
observationss are consistent with a very narrow range of neutron star masses. The limits
off this range are defined by the masses of PSR 1913+16 and its companion, at 1.44
andd 1.38 M© on the upper and lower side, respectively. Assuming that the companion
off PSR 2303+46 is also a neutron star, the lower limit can be set a little bit lower at
1.355 M Q (this is because the average mass of the system is quite well constrained).
Thee upper limit of 1.44 M 0 does not provide strong constraints on the equation of
state.. For the equations of state listed by Arnett & Bowers (1977), it implies that,
ass was already clear, equation of state 'H' (ideal neutron star gas) can be ruled out.
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Furthermore,, probably also the very soft equations of state G and B can be ruled out
(dependingg somewhat on the theoretical uncertainty in the gravitational masses).
1.8.. Conclusions
Onn the basis of a set of new high-quality spectra of the optical counterpart of Vela X-1
wee found that this star shows strong, erratic changes in its line profiles. These are
reflectedd in large excursions in velocity with respect to the expected radial-velocity
curve.. Since, therefore, high accuracy of the velocity determinations becomes of little
use,, we also made determinations for an older set of digitised photographic spectra,
ass well as for the available IUE spectra of the star. From an analysis of all velocities
andd taking into account possible systematic effects, we found a 95% confidence lower
limitt to the mass of the neutron star of 1.43M0.
Inn order to determine what limits on the equation of state can be set using neutronstarr mass determinations, we redetermined the masses for other X-ray binaries, taking
intoo account possible systematic effects in the observed quantities. Furthermore, we
collectedd the mass determinations made for radio pulsars from the literature. We find
thatt at the present time all masses are consistent with being in a very small range,
1.38-1.444 M©, which is determined by the two components of the Hulse-Taylor pulsar
PSR1913+16.. This range does not allow one to put stringent constraints on the equation
off state of matter at ultra-high density.
Fromm our analysis, we find that in order to derive more accurate constraints on
thee orbital parameters and the neutron star's mass in the Vela X-l system, many more
spectraa are necessary. For this purpose, very high accuracy is not essential, since the
variationss of the star cause intrinsic velocity shifts of ~ 5 k m s _ 1 . Also, since the
deviationss are correlated within single nights, only one spectrum needs to be taken
eachh night. However, high resolution, high time-coverage observations like the ones
presentedd in this paper are interesting from the viewpoint of using the system as a test
sitee of the effects of tidal interaction on a star.
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LA.. Optimal extraction of echelle spectra
Thee optimal extraction method introduced by Home (1986) is based on the idea that,
givenn knowledge of the spatial distribution of the star light along the slit, every pixel
alongg the slit can be used to obtain an independent estimate of the total flux. This
estimatee is given by fx,\/Pz(X), where fx,x is the flux at the pixel corresponding to
positionn x in the spatial direction and wavelength A in the dispersion direction and
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ppxx(X)(X) is the probability that a photon from the star is registered in a pixel centred on
positionn x. We have written p*(A) to indicate that the spatial profile can be a slowly
changingg function of wavelength, due to, e.g., optical and geometric distortion in
thee spectrograph, differential diffraction in the Earth's atmosphere, and wavelengthdependentt seeing.
Thee total flux at wavelength A can be estimated by making a weighted average
off the individual estimates. These estimates have identical mean values but different
variances,, and hence the variance on the total flux can be minimized by choosing
weightss wXix that are inversely proportional to the variances of the individual estimates,
orr w~*x = «X,A/P^(A), where vXj\ are the variances associated with the measurements
fx,\-fx,\- Thus, the total flux f\ is given by
rr

£ , ™ S , A / » , A / P S ( A ) _ Y.x /»,AP»(A)/t>,,A

=

E« W »,AA

Y,xPz(X)/vx,\

andd its variance by

Thesee formulae are equivalent to determining fx and v\ by scaling a known spatial
profilee Px(A) to the data.
Ann initial estimate for the variances vXi\ is derived from the variances vx x associatedd with the raw data numbers ƒ£ A (corrected only for the electronic bias). The latter
variancess can be estimated by

< ** = # + £*/<?,

(1-3)

wheree v i P is the root-mean-square readout noise (in data numbers) and Q the number
off electrons per data number. For a general reduction process, we have
fxfx A — ^x,X
Jx,xJx,x = —'-r=
J**,A A

SXt\.

(1.4)

Here,, CXi\ is the sum of the dark current, interorder light and column offsets, FXix the
flatflat field, and SXjx the contribution of the sky (negligible for our spectra). Neglecting
aa possible dependence of CXi\ on f*xX (e.g., through the non-linearity of the column
offsets),, one finds that
v.»°xA
v. A
v*,\v*,\ = -=j-.

(1.5)
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Afterr a first estimate of the spectrum fx is obtained, the initial variance estimates
aree replaced by the better estimates V^A = vx X{F\ A, where
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Thiss substitution of observed data ƒ£ x by predicted data ƒ£ A guards against the
assignmentt of excessive weight to pixel values that are low as the result of statistical
fluctuations. .
Fromm the last equation, it follows that vXj\ oc p*(A) when the dominant source of
noisee is Poisson noise (/AP*(A) > (QR2, SXf\, C*,A); also Fx>\ should not strongly
dependd on x), and hence that the best estimate of the total flux given by Eq. 1.1 reduces
too a simple add along the slit
Thee spatial profile is obtained by first making estimates px,\ at every wavelength
byy dividing the observed fluxes by the sum over all pixels along the slit (i.e., px,\ =
fx,x/fx,x/ Ylx fx,\X and then using the fact that it can only be a slowly varying function of
A.. When dealing with spectra closely aligned to one direction on the chip, the position n
xixi along the slit for a given pixel number i in the spatial direction will also be a slowly
varyingg function of A. Hence, for this case the spatial profile can be written as a slowly
varyingg function pi(\) (instead of px(X))f and modeled by making independent fits
forr every pixel number i (for instance with polynomials in A; see Home 1986). For
echellee spectra this is not possible, since the pixel i number corresponds to a position
XiXi along the slit that is rapidly changing with A. Instead, one obtains for every A a
differentt set of positions E,-(A with respect to the centre of the slit and the probabilities
Pzi,xPzi,x at those positions (see Fig. 1.12).
Thee fact that for echelle spectra the spatial profile is sampled at different positions
allowss one to make a fit to the profile itself. For this fit, in our procedure the probability
estimatess pXi,x are binned in one-pixel wide bins, with the bin centres separated by one
thirdd of a pixel (oversampling the pixels three times). Within each bin, the least-squares
best-fitt parabola is determined. The probability at a given position x is then calculated
byy linear interpolation of the predictions determined from the two bins closest to that
position.. We chose this method, because it is computationally easy to add or delete
profiless from the ensemble on which the fit is based (as one only has to keep track of
thee sums of combinations of x, x 2 , px and p\\ The slow changes of the profile with
AA are taken into account by making a kind of running average profile which for each
positionn A is based on the 50 profile estimates closest to that position.
Forr the extraction of an order first an initial estimate of the spatial profile is made
usingg the probability estimates from the 50 wavelength positions closest to the centre
off the order. Next, the individual estimates are compared with the fit, and those that
havee pixels deviating by more than 4<r are replaced by new estimates. With the initial
profilee thus formed, the flux at the position closest to the average wavelength position
off the ensemble is determined in the way suggested by Home (1986). First, an estimate
iss made using Eq. 1.1. If there are any pixels which deviate more than 5c from the
expectedd value, the one which deviates most is rejected and a new estimate is made
withh the remaining pixels. This process is iterated until all pixels deviate by less than
5<r.. Having determined the flux, a new profile estimate is made at the long-wavelength
side.. If it has no pixels deviating by more than 4<r it is added into the ensemble, and the
estimatee in the ensemble with the shortest wavelength position is subtracted. With the
neww profile fit the next flux is determined. In this way, all fluxes in the long-wavelength
directionn are determined. Subsequently, the initial profile determined at the centre of the
orderr is restored, and the same procedure is applied in the short-wavelength direction.
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Figuree 1.12. Sample slit profile. Drawn are estimates of the slit profile derived at fifty
positionss in the dispersion direction. For two of those, the error bars are indicated. One
off the latter contains a cosmic ray event, and its pixels deviate strongly. Therefore, it is
excludedd from the ensemble used to derive the model profile (drawn line)

l.B.. Velocity and error determination by cross-correlation
Lett 3] (x) and s2(x) be two spectra which are identical apart from a shift due to a velocity
difference.. Both spectra are discretely sampled in n bins on a logarithmic wavelength
scalee x = log A. This ensures that through the whole spectral range a Doppler shift v
correspondss to a uniform shift 8 = log(l + v/c) in logarithmic wavelength (where c is
thee velocity of light).
Ann estimate of the shift between the two spectra can be obtained by maximizing
thee cross-correlation function c(S) (Tonry & Davis 1979), which for discretely sampled
spectraa is approximated by (Press et al. 1986)

c(Sc(Skk)) =

(1.7) )
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wheree 8\ and «2 are the averages of s\ and &t, and 8k is the shift in logarithmic
wavelengthh associated with a shift of k pixels. Writing
SiSi

~*

(1.8)

Eq.. 1.7 reduces to
C ( ^ )) = - Y ; * 2 ) , * I , . - * .

(1.9)

Maximizingg c(6k) is equivalent to minimizing
(

XKOk)XKOk) = 7 .

\2

*

,2 ^ -2

tl.10)

forr the case that the errors «h,,- and trj,; associated with ii,; and 32,1 are independent
off t. From Eqs. 1.9 and 1.10 one finds

, _ « « , > .. « « U I » * .

( U1)

nn
2
Thee relation between c(6k) and x2(£*) suggests that we may treat the crosscorrelationn process as a least-square fit with one free parameter, 6, and that we can
derivee the one-sigma confidence error byfindingthe values 8 for which
*2(*)) = x S ( l + ^ )

(1.12)

or,, equivalently, the value of 6 for which
1- C (*)) = ( 1 - C Ö ) A + - L V

(1.13)

wheree £0 and co are the minimum and maximum values of x2(£) and c(6), respectively,
andd N is the number of independent data points in the sampled spectra. Generally, the
latterr number is not equal to the number of bins n in the spectra, as the original pixels
inn the spectra usually oversample theresolutionelements of the spectrograph, and
ass these pixels themselves are usually oversampled whilerebinningto a logarithmic
wavelengthh scale.
Noticee that in order to find the best estimate of the position of the maximum of
thee cross-correlation function and the corresponding positions for which it is a factor
11 + 1/JV smaller, one can not directly use Eq. 1.9, since that gives the cross-correlation
functionn for discrete shifts 6k only. Therefore, one usually approximates the continuous
cross-correlationn function c(6) with a suitable analytical function fitted to the discrete
valuess c(6k) given by Eq. 1.9. For the purpose of determining the position of the
maximum,, only the top part of the cross-correlation function is of interest, and usually
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itt is sufficient to fit only the values c(6k) which are close to the top with a simple
functionn like a Gaussian or a polynomial of a low degree.
Whenn using the error estimate given by Eqs. 1.12 & 1.13, one has to keep in mind
thee condition underlying this estimate, which is that the two spectra are independent
measurements,, with normally-distributed measurement errors, of a spectrum of a star
thatt has not changed except for a shift in velocity (see Tonry & Davis (1979) for a
discussionn on the derivation of error-estimates using the noise in the cross-correlation
function).. The condition that the spectra must be independent is not fulfilled when
thee average of a number of spectra is used as a template with which all spectra are
correlated,, because the measurement errors associated with each spectrum will be
presentt in thee average as well, albeit in a diluted form. From Eq. 1.9 it is clear that this
willl lead to an extra peak in the cross-correlation function at k = 0, i.e., at zero velocity.
Forr an average of iVsp spectra, the expected height is ~ &2/Nsp. The width will be given
byy the size in logarithmic wavelength of the original pixels (somewhat broader if the
spectraa have been filtered). This auto-correlation peak is obvious if only a few spectra
havee been used for the average (see Fig. 1.2, Sect. 1.4). However, also for averages for
whichh it is less obvious such as shown in Fig. 1.3, it leads to systematic deviations of
aboutt 3%. In general, it will lead to systematic deviations towards zero-velocity if it is
onn the part of the correlation-peak that it used for deriving the velocity. For studies of
early-typee stars, whose broad absorption lines will cause broad correlation peaks, this
willl often be thee case.
InIn order to avoid this problem, one can - as we have done - cross-correlate all
spectraa with each other, and determine the individual velocities Vi from the differences
vijvij and corresponding uncertainties a^ by minimizing
22

_ y* fa " (Vi ~ Vj)f

Obviously,, to be able to find a solution one velocity has to be fixed.
Thee uncertainties o-j associated with the velocities v{ are related to the uncertainties
<rij<rij b y
^ j - ^^ + ^j-

(1.15)

Takingg the summation of Eq. 1.15 over j ^ i and over i, j> ^ i, one finds, respectively,

EE °i = E *J+<** - *)*? = E °J+<** - 2 ) ^
and d

o- 1 *)
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Combiningg Eqs. 1.16 and 1.17, one finds

2(^-i)E^^^r^44
* ""

2(^-1)^-2)

*

(118)
'
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II I
Thee nature of Cygnus X-3

22
Infraredd helium emission lines from Cygnus X-3
suggestingg a Wolf-Rayet star companion
Summary.. Cygnus X-3 is one of the most luminous X-ray sources in the Galaxy1-2,
aa bright infrared source3, and a radio source that undergoes huge outbursts4. The
systemm is a binary, presumably a neutron star plus companion, with a 4.79-h orbital
periodd that modulates the X-ray and infrared emission5,6 and that increases on a
600,000-yearr timescale7,8. Radio observations reveal the presence of a relativistic
jet 9 .. The nature of Cyg X-3 has remained unclear, however, in part because the large
interstellarr extinction3 in its direction prevents optical spectroscopy. Upper limits on
spectrall features in the near infrared have been reported previously10, but only with
recentt instrumental improvements have we become able to identify spectral features
inn the near infrared I and K bands. These are found to be characteristic of Wolf-Rayet
stars:: strong, broad emission lines of He I and He n, but no strong hydrogen lines.
Thesee observations strongly suggest the presence of a dense wind in the Cyg X-3
system,, and may indicate that the companion is a fairly massive helium star, as had
beenn predicted11 by a model in which the present system is a descendant of a massive
X-rayy binary.

Thee I-band spectrum (Fig. 2.1) was obtained in service time on 22 June 1991, with
ISISS on the 4.2-m William Herschel Telescope on La Palma. The K-band spectrum
(Fig.. 2.2) was taken with the CGS4 on the United Kingdom 3.8-m Infrared Telescope
(UKIRT)) on Hawaii, during service observations on 29 June 1991. The spectra show
aa number of strong, very broad emission features. For each line the identification,
equivalentt width and full width at half-maximum are listed in Table 2.1. All the lines
cann be identified as either Hei or Hell lines, except the line at 2.166/xm. Given the
strengthh of the He II line at 2.347 /xm (13 - 8), the 2.166-/xm line cannot be due solely
too He II (14 - 8). Other possible contributors are HI (7 - 4) (Br7) and several lines of
thee He I (7 - 4) transition array.
Thee strong, broad emission lines of both He I and He II, and the lack of strong
hydrogenn emission are reminiscent of a Wolf-Rayet (WR) spectrum (for a definition,
Vann Kerkwijk MR, Charles P.A., Geballe T.R., King D.L., Miley G.K., Molnar L.A., Van den
Heuvell E.P.J., Van der Klis M., Van Paradijs J., 1992, Nature 355,703
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Tablee 2.1. Characteristics of the observed features
AA
(A*m))
1.0120(4))
2.060(1))

Identification
He II ( 5 - 4 )

-EW
(A)
90(20)

FWHM*
(lO^kms 1 )
2.7(3)

Hei2p1P°-2*1S

50(10)

2.1(3)

2.166(1))

Hee n ( 1 4 - 8 )
He I ( 7 - 4 )

26(3)

2.9(7)

2.188(1))
2.346(2))

Hi(7-4) )
Hen(10-7)
Hen(13-8)

29(4)
12(2)

2.9(7)
2.6(4)

Errorss indicate 90% confidence levels. EW is equivalent
width;; FWHM is full width at half maximum
Ass observed; not corrected for the instrumental resolution
seee for example refs 12,13). We have therefore compared our spectra with infrared
spectraa of WR stars 14-19 . The absence of carbon emission lines such as C ill at 0.971 /zm
andd C iv at 2.075 /on indicates that the spectra are not of the carbon-rich WC spectral
sequence14-19.. For the nitrogen-rich WN sequence, however, all expected lines are
observed14"18.. (Possible nitrogen lines are expected to be weak. If present, they are
blendedd with the Hei line at 2.112/im.) Both the relative and absolute strengths of
Hee I at 2.112 /zm and He ii at 2.188 /«n indicate spectral subtype WN7. The equivalent
widthss of the other He n lines are consistent with this classification, but the He I line
att 2.058 fim is stronger than in any of the eight WN spectra we have available for
comparison15-18.. The blend at 2.166 itm is somewhat weaker than in the two available
WN77 spectra16,18, possibly indicating a lower hydrogen abundance in Cyg X-3. The
widthss of the lines are similar to those observed in WN stars12,14-18.
Thee presence of lines of relatively low excitation in the infrared spectrum seems inconsistentt with any model for Cyg X-3 that requires a very high temperature (> 106 K)
inn the infrared-flux-producing region (such as an accretion disc corona model20, or,
moree generally, any model in which the size of the infrared object is comparable to, or
smallerr than the orbital separation5). Instead, the WR spectrum probably indicates13
thatt a strong wind is present in Cyg X-3, which in the infrared is optically thick out
too radii much larger than the orbital separation. Such a wind might be due to X-ray
irradiationn of either the accretion disc or a low-mass companion. Alternatively, it could
bee intrinsic to the companion: that is, the companion could be a WR star. For lack of
predictions,, the irradiation models are currently difficult to test. Below, we therefore
confinee ourselves to the WR scenario.
Iff the companion is a WR star, then given the absolute K magnitude of Cyg X-3
off < - 5 (ref. 3) it can only be a 'classical* WR star21: the remnant helium core
off a massive O-type or early B-type star that has lost (most of) its hydrogen-rich
envelope,, and is now in the stage of helium burning or beyond. Hence, the system
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Figuree 2.1. The I-band spectrum obtained on 22 June 1991, 4:45 UT. The reduced,
normalizedd spectrum, with the noisy short-wavelength portion omitted, is shown at the
top.. The resolution is ~ 500 km s _1 . The emission feature at 1.012/zm is Hen(5 - 4 ) .
Thee full spectrum, averaged over 11 pixels, is at the bottom, with a Gaussian fit to the
linee superposed. In our data reduction we used the spectrum of the nearby star A (see
findingg chart in ref. 29; the slit had been positioned on stars A and C to be certain
thatt Cyg X-3 was observed), with its stellar features (Paschen and Can absorption)
artificiallyy removed, to correct for the telluric features in the Cyg X-3 spectrum. As a
plott of log Fx against log A for the ratioed continuum is linear, the spectrum was divided
byy a power-law fit to produce the result shown here.

wouldd be composed of a compact object and a helium star. This was proposed earlier
byy Van den Heuvel and De Loore11, who predicted the existence of such systems from
considerationss of the evolutionary fate of massive X-ray binaries such as Cen X-3 and
SSS 433. In these binaries the primary is a massive, early-type star, which expands in the
coursee of its evolution, and eventually overflows its critical surface (Roche lobe). The
resultingg mass-transfer to the secondary is unstable, and causes the orbit to shrink on a
thermall timescale. If the original orbit was wide enough the system can stabilize, but
onlyy after almost the whole hydrogen-rich envelope of the primary has been expelled.
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Figuree 2.2. The K-band spectrum obtained on 29 June 1991, 15:00 UT. Shown is the
reducedd spectrum, corrected for telluric absorption and flux-calibrated using a spectrum
off HR 7796 (with its HI Br7 absorption line artificially removed). The resolution is
~900kms _1 .. Below the spectrum the identifications of the stronger lines are given.
Abovee the spectrum, the rest wavelengths of the Hen(n — 9) lines are shown, as
severall of these coincide with marginally significant emission features in the spectrum.
AA possibly real feature is also seen at 2.286 /xm. For this line no likely identification
hass been found. (It may have the same origin as the unidentified feature at 2.287 /im
observedd in spectra of planetary nebulae30.)

Thee remaining helium star is likely finally to explode as a supernova. If the system
iss not disrupted, a binary such as the Hulse-Taylor pulsar PSR1913+16, composed of
twoo neutron stars in a highly eccentric orbit, could be formed22.
Stellarr model calculations23,24 show that a helium star in Cyg X-3 would fit well
insidee its Roche lobe: the radius of a 1,5, 10,20 or 60 M 0 helium star is 0.2, 0.6,0.9,
1.44 or 2.6 R©, respectively24, whereas the radius of the Roche lobe would be 0.6,1.3,
1.7,, 2.3 or 3.8 R©, respectively (for a 1.4 M© compact object, the canonical mass of a
neutronn star). On the other hand, the 'zero-velocity' radii derived from model fitting to
WRR spectra25, which should also be a measure of helium star radii, are never smaller
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thann 2-3 R©, and in most cases range from 5 to 20 R©. The cause of this discrepancy
iss unknown. It may indicate that the velocity law assumed for the WR atmosphere,
whichh is used to extrapolate from the radius at which the continuum and the emission
liness are observed to the 'zero-velocity' radius, is not correct.
Thee observed rate of increase of the orbital period of Cyg X-3 (ref. 8) allows one
too estimate the rate of stellar-wind mass loss from the companion. For spherically
symmetricc mass loss one obtains26

g-A.ojno-vv

ai)

wheree Id is mass loss rate, and M the total mass of the system. For a 1.4 M© compact
objectt and a 10 M©© WR star, we find M « 0.910~ 5 M© yr~\ well within the range
(0.8-8)) 10~5 M© yr _ 1 found for WR stars12.
Thee mass-loss rate can be used to check whether the column density in the WR wind
betweenn the compact object and the observer is such that the observed modulation of
thee X-ray flux along the orbit can be obtained. Previous modelling has shown27,28 that
thiss requires the electron-scattering optical depth r^ to be close to unity. A first-order
estimatee of T M can be made under the assumption of a spherically symmetric pure
heliumm wind that flows at a constant velocity vw. It is easy to show that at ascending
andd descending node (both stars in the plane of the sky)
T

(Z2)
«« * ° - 3 5 * i n - s ^
- i > < T T ^ ~ 1 / 3 ^ n ™ ? -i>"'
5
l
1
10" M©yrr
11.4M©
1000 km s
wheree 7 is the number of electrons per helium ion. The main contribution to r^ comes
fromfrom the region close to the compact object, in the inner part of the wind. In this region
thee wind will be almost completely ionized (7 = 2), and its velocity a few tenths of
thee terminal velocity of ~2,000 km s - 1 (as indicated by the widths of the lines; in WN
starss 1,500-4,000 km s _ 1 is observed12). Hence, T^ will be about unity, as required.
Wee conclude that the infrared spectra of Cygnus X-3 presented here indicate that
aa strong wind is present in the system, which in the infrared is optically thick up to
welll outside the system. We have shown that such a wind may originate from a WR
companion.. If this is the case, the system is in a later evolutionary stage of massive
X-rayy binaries11.
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Spectroscopicc and photometric variability of
Cygnuss X-3
Summary.. I present orbital-phase resolved K-band spectra of Cyg X-3. These show
emissionn lines that shift in wavelength during the orbit, with maximum blueshift
coincidingg with X-ray and infrared minimum, and maximum redshift half an orbit
later.. I propose that this is due to the fact that during the observations the wind of the
heliumm star was almost completely ionized by the X-ray source, except for the part
shadowedd by the helium star. With this hypothesis one can also understand the orbital
modulationn of the infrared continuum flux, as well as the fact that it is modulated
inn phase with the X-ray flux. I present numerical calculations on a simple model for
thee source, and show that for reasonable parameters it is possible to reproduce the
observedd spectroscopic and photometric orbital modulation.

3.1.. Introduction
Cygnuss X-3 is unique among X-ray binaries by its copious X-ray emission
(~10 3 8 ergs~ 1 ;; Giacconi et al. 1967; Dickey 1983), its brightness in the infrared
(MKK < - 5 ; Becklin et al. 1972), its large non-thermal radio outbursts (Gregory et
al.. 1972), its orbital period of only 4.8 hours (Parsignault et al. 1972; Sanford &
Hawkinss 1972), and the rapid increase of the orbital period on a timescale of 600,000
yearss (Manzo et al. 1978; Kitamoto et al. 1992). The recent discovery of Wolf-Rayet
emissionn features in its infrared spectrum (Van Kerkwijk et al. 1992; hereafter Paper
I)) provides strong support for the idea that the companion is a helium star (Van den
Heuvell & De Loore 1973). In this paper, I present orbital-phase covered K-band spectroscopy.. In Sect. 3.2 I describe the observations and give a qualitative interpretation
inn terms of a partly ionised wind of the Wolf-Rayet star. In Sect. 3.31 describe a simple
modell for the system, and use that to fit the observed photometric and spectroscopic
modulation.. In Sect. 3.41 discuss the results, draw some conclusions, and make some
predictionss that could be tested by future observations.
Vann Kerkwijk M.H., 1993, A&A 276, L9
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3.2.. Observations and interpretation
Cygnuss X-3 was observed almost continuously from 10:10 to 14:40 UT on 29 May
19922 with the United Kingdom Infrared Telescope (UKIRT) on Hawaii. Eight K-band
spectraa were obtained using the Cooled Grating Spectrograph CGS4 with the lowresolutionn grating (resolving power ~ 900 km s - 1 ). Each spectrum is composed of 6
too 9 pairs of 30 second integrations, taken on two different positions on the chip. In
Fig.. 3.1 a grey-scale representation of the reduced, flux-calibrated spectra is shown,
ass well as the average of the spectra and, for comparison, the spectrum taken in 1991
(Paperr I). (Full details about the observations and the data reduction will be given
elsewhere.) )
Inn Fig. 3.1 three main features are apparent: (i) the continuum emission is modulatedd (as expected from earlier photometric studies (Becklin et al. 1973, 1974; Mason
ett al. 1976,1986); (ii) the emission lines undergo wavelength shifts; and (iii) from 1991
too 1992 the continuum level has decreased by a factor 1.7, the lines have become much
weakerr (also relative to the continuum), and the degree of ionization has increased (as
indicatedd by the disappearance of the He I lines, and the increase in relative strength
off the N v line).
Thee range of wavelength variations seen in the 1992 spectra corresponds to a range
inn velocity of ~ 1000 km s" 1 . Maximum blueshift occurs in the fourth spectrum (see
Figs.. 3.1 & 3.4), at approximately 12:10 UT, which corresponds to X-ray phase 0.9
(Kitamotoo et al. 1992). At this phase the X-ray flux reaches a minimum (traditionally,, X-ray phase zero is defined by the minimum of the sinusoid that best fits the
X-rayy lightcurve; e.g. Mason & Sanford 1979; Van der Klis & Bonnet-Bidaud 1989).
Maximumm redshift occurs about half an orbit later.
Thee amplitude and phasing of the velocity variations are hard to square with
orbitall modulation of the radial velocity of the helium star. Instead, I propose that the
wavelengthh shifts as well as the weakness of the lines arise from the fact that in 1992
onlyy the part of the wind in the shadow of helium star was emitting significant line
emission,, the remainder being too highly ionized by the X-rays originating from the
compactt object. In this case, the wavelength shifts reflect the orbital variation of the
line-of-sightt component of the outflow velocity in the shadowed part of the wind, and
maximumm blueshift (when the line-forming matter is moving towards us) is expected
too coincide with superior conjunction of the X-ray source, when the X-ray flux reaches
minimumm due to the large optical depth towards the observer. A similar model has
beenn used by Hertz et al. (1978) to fit the X-ray lightcurve.
Thee implied difference in temperature between the two parts of the wind also
affectss the infrared continuum emission. The latter is due to free-free emission, which
getss less efficient with increasing temperature. Hence, the hot part of the wind will
bee less opaque than the cool part. However, it will not emit less infrared emission
(perr unit solid angle), since its smaller effective emitting area is compensated by its
higherr temperature. (In fact, it has been shown by Wright & Barlow (1975) that for
aa constant-velocity, spherically symmetric, isothermal wind the infrared luminosity
dependss only very weakly on the temperature.)
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Figuree 3.1. The K-band spectra of Cyg X-3. In the bottom panel a grey-scale representationn of the spectra as function of time is shown. The darker the shade, the higher the
intensityy (see the box to the right of the upper panel). At the righthand side the spectra
aree numbered for reference with Figs. 3.3 and 3.4. The tickmarks indicate the times
thee individual pairs of integrations were taken that form the spectra. In the top panel,
thee average of the eight spectra and, for comparison, the spectrum obtained in 1991 are
shown.. The identifications of the strongest lines are indicated
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Figuree 3.2. The model of Cyg X-3. In the left-hand figure, a schematic representation
off the system is drawn. The compact object is indicated by a black dot and the helium
starr by an open circle. The arrows indicate the (accelerating) wind of the helium star.
Thee region not ionized by the X-rays originating from the compact object is bounded
byy the long-dashed curve. The opening angle with respect to the X-ray source is 0.
Thee short-dashed curves indicate the characteristic radii of the 2.2/itn emitting region.
Inn the right-hand figure, the simplified model used for the numerical calculations is
shown.. The assumptions are that the helium star and its wind can be represented as a
constant-velocityy wind originating in the centre of the helium star, and that the shadowed
partt of the wind can be assumed to be within a cone with opening angle 0 which has its
topp at the centre of the helium star
Becausee the cool part of the wind is more opaque, it can obscure the brighter but
smallerr hot part. This leads to a decrease in flux when the cool part is in front, i.e.,
whenn the X-ray source is at superior conjunction. At that time the X-ray flux will show
aa minimum as well, and thus this idea provides a natural explanation for the fact that
thee infrared and X-ray fluxes vary in phase (Becklin et al. 1973, 1974; Mason et al.
1976,, 1986).
3.3.. A model for Cygnus X-3
Inn order to test the idea presented above quantatatively, I have made numerical calculationss for a simple model of the system (see Fig. 3.2): a constant-velocity wind that
iss cool within a cone with a certain opening angle (with its top in the centre of the
heliumm star), and hot outside. The emission processes I consider are free-free emission
(generalizingg the formalism of Wright & Barlow (1975) for a two-temperature wind),
andd line emission for a line in local thermodynamical equilibrium (LTE; under the
prevailingg conditions, this assumption is reasonable (Griem 1963; Hillieret al. 1983)
forr lines formed from high levels of excitationn such as He n (10 - 7 ) and N v (11 —10)).
Thee shape of the line profile is calculated using the Sobolev approximation; see e.g.
Sobolevv 1960; Castor 1970; Hillier et al. 1983). (Full details about the procedure will
bee given elsewhere.)
II used a two-step approach, first fitting the continuum lightcurve, and then calculatingg the line profiles. For the lightcurve, I determined the average flux in the wavelength
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intervall 2.22 to 2.28 fim (which is free of strong lines) for all 51 pairs of integrations
thatt form the eight spectra shown in Fig. 3.1. The result, shown in Fig. 3.3, is similar
too what has been found by Becklin et al. (1973,1974) and Mason et al. (1976, 1986).
Forr the fit to the lightcurve, the following parameters need to be set: (i) the flux
.FITT that a one-temperature wind would produce; (ii) the inclination i with which we
vieww the system; (iii) the opening angle 0 of the cone within which the wind is cold;
(iv)) the ratio in temperature QT between the hot and the cold part; and (v) the time to
off superior conjunction of the X-ray source.
II made fits to the lightcurve for a range of values of the temperature ratio QT- I
foundd that it was possible to produce adequate fits for any ratio QT £ 4 (Fig. 3.3).
Inn the fits, the flux and time of superior conjunction are approximately the same at
(FITT = 11.34mJy,<o = 11^975 UT), while the opening angle and inclination change
from(ii ~ 90°,0 ~ 40°)for<?T = 4to(i ~ 65°,0 ~ 30°)forQT £ 15.ForQT £ 4,
thee model can not reproduce the amplitude of the modulation that is observed, while
forr QT £ 15 thefitbecomes a geometric artefact in the sense that the inclination and
openingg angle have to be chosen very precisely in order tofinda good fit.
Inn view of the large range in parameters allowed by the fits to the continuum
lightcurve,, I only tried whether it was possible to reproduce the observed changes in the
linee profiles for a more or less arbitrarily picked value QT = 7 (=> i ~ 74°, 0 ~ 34°).
II found that with a wind velocity v^nni = 1000 km s _1 the wavelength shifts could be
reproducedd quite well (see Fig. 3.4).
3.4.. Discussion and conclusions
Thee value of the opening angle Ifindis consistent with the idea that it should reflect
halff the angular size of the helium star as seen from the compact object (see Fig. 3.2).
Also,, the time of superior conjunction is close to the expected time of X-ray minimum
(itt corresponds to X-ray phase 0.85 0.03; Van der Klis & Bonnet-Bidaud 1989;
Kitamotoo et al. 1992). Furthermore, for QT = 1 (i.e., a one-temperature wind) I find
matt the equivalent widths and line shapes are comparable to what is observed in normal
Wolf-Rayett stars.
TheefluxFIT and velocity of the wind Vwind can be used to estimate the mass-loss
ratee (Wright & Barlow 1975; Hillier et al. 1983). For a distance of lOkpc (Dickey
1983)) and 1.5 magnitudes of interstellar K-band extinction (Becklin et al. 1972) I find
MM ~ 410" 5 M© yr~\ consistent with the ~ lO~5(Af/lOM0) M 0 yr"1 (where M is
thee total mass of the system) estimated from the rate of change of the orbital period
(Paperr I). Using the mass-loss rate and the velocity one can estimate the characteristic
radiii of the 2.2/im emitting region (Wright & Barlow 1975). For temperatures of 5 104
andd 3.5 105 K in the cool and the hot part of the wind, respectively, Ifind6.3 and 2.4 R 0 .
Thesee radii are consistent with the assumption that the infrared emission originates
mainlyy in the wind of the helium star, since the radius of the helium star is only
~~ IR® (Langer 1989; see Paper I for a comparison with radii derived from Wolf-Rayet
model-atmosphereefitting).However, they indicate that the assumption of a constantvelocityy wind might not be valid (this will be discussed in more detail elsewhere). The
mass-losss rate and velocity correspond to an electron-scattering optical depth of ~ 6
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Figuree 3.3. The infrared continuum light curve of Cyg X-3. Shown are the fluxes derived
fromm the 51 individual pairs of integrations (filled symbols) that form the eight spectra
shownn in Fig. 1. For clarity, the lightcurve is displayed 1.5 times (open symbols). The
numberss and tickmarks at the top refer to those in Fig. 1. The fluxes are derived from
averagingg the flux in the wavelength region 2.22-2.28/im. They were converted to
milli-Janskyss to ease comparison with earlier photometric work. The observing times
weree converted to phase with <j> = (t — 11.975)/4.792415, where t is the observing
timee in hours UT. Phase zero corresponds to X-ray phase
. The drawn curve
reflectss the result of amodel calculation for FIT = 11.4mjy, i = 74°, 0 = 34°, QT = 7
andd to = 11*975 (see text)
Figuree 3.4. The wavelength shifts (right-hand page). The top panel shows a greyscale
representationn of the continuum-subtracted spectra as a function of phase (defined as in
Fig.. 3) in the wavelength region near the N v (11 —10) line. Superposed is a contour plot
off the modeled line profiles, with contour levels at one third and two thirds of maximum
intensity.. In the middle panel the same is shown for the Hen(10—7) line. The model
profiless were calculated using F ) T = 11.4 mJy, i = 74°, 0 = 34°, QT = 7, t0 = 111975,
andd Uwind = 1000 km s - 1 . (see text). As an example, the Hell(10-7) profile from the
seventhh spectrum is shown in the lower panel (histogram). Superposed is the predicted
profilee (full line). It has two components, the sharp, high one arising in the cool part of
thee wind, and the broad, low one in the hot part. Unfortunately, this structure can not be
resolvedd at the resolution of the spectra (dashed line)
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fromm where the surface of the helium star would be (at ~ 1R©) to infinity. For this
opticall depth, it was shown by Hertz et al. (1978) that the X-ray lightcurve could be
adequatelyy described by a model similar to the one presented here. (Notice that the
electronn scattering optical depth between the observer and the compact object is not
ass large: it is — 3 at ascending and descending node (Paper I).)
II conclude that with the simple model presented above one can understand the
orbitall modulation of the emission lines and the continuum in the infrared, their
phasingg relative to the X-ray modulation, and, from the modeling by Hertz et al.
(1978),, the X-ray modulation itself. It is not yet clear what is the cause of the change
betweenn the 1991 and the 1992 observations. It could be related to a difference in X-ray
statee (Serlemitsos et al. 1975; White & Holt 1982), which caused the X rays to be able
too ionize only a small part of the wind in 1991, and a large part in 1992. The higher
degreee of ionization shown in 1992 would then indicate that even in the shadowed part
off the wind the X-rays have some effect, possibly due to scattering around the helium
star. .
II expect that simultaneous observations will show that when strong emission lines
aree present - like in 1991 - there will be little modulation of the lines and the continuum,
andd the X-ray source will show a hard spectrum. Conversely, when the emission lines
aree weak, the line and continuum modulation should be similar to what is presented
here,, and the X-ray spectrum should be soft. In the latter case, I expect that highresolutionn infrared spectroscopy will show that the line profiles have two components
(seee Fig. 3.4).
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Thee Wolf-Rayet counterpart of Cygnus X-3
Summary.. We present orbital-phase resolved I and K-band spectroscopy of
Cygnuss X-3. All spectra show emission lines characteristic of Wolf-Rayet stars of
thee WN subclass. On timescales longer than about one day, the line strengths show
largee changes, both in flux and in equivalent width. Also, the line ratios change,
correspondingg to a variation in spectral subtype of WN6/7 to WN4/5. We confirm the
findingg that, when the emission lines are weak, they shift in wavelength as a function of
orbitall phase, with maximum blueshift coinciding with infrared and X-ray minimum,
andd maximum redshift half an orbit later. Furthermore, we confirm the prediction madee on the basis of previous observations - that, when the emission lines are strong,
noo clear wavelength shifts are observed. We describe a simplified, but detailed model
forr the system, in which the companion of the X-ray source is a Wolf-Rayet star whose
windd is at times ionised by the X-ray source, except for the part in the star's shadow.
Withh this model, the observed spectral variations can be reproduced with only a small
numberr of free parameters. We discuss and verify the ramifactions of this model, and
findd that, in general, the observed properties can be understood. We conclude that
Cygg X-3 is a Wolf-Rayet/X-ray binary.
Keyy words: Binaries: close - Stars: individual: Cygnus X-3 - Stars: Wolf-Rayet X-rays:: stars

4.1.. Introduction
Cygnuss X-3 is a bright X-ray source that is peculiar among X-ray binaries by its huge
radioo outbursts, the presence of relativistic jets, the smooth orbital modulation of its
X-rayy light curve, the rapid increase of the orbital period on a timescale of 600000
years,, the presence of a very strong iron line in its spectrum, its brightness in the
infrared,, and the large number of claims of detections at very high energies (for a
revieww of its observed properties and references, see Sect. 4.2).
Onee of the first models for Cyg X-3 was put forward by Van den Heuvel & De
Looree (1973). These authors suggested that the system is composed of a helium star of
Vann Kerkwijk M.H., Geballe T.R., King D.L., Van der Klis M.t Van Paradij J., submitted to
A&A A
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severall solar masses and a compact object, and that it represents a later evolutionary
stagee of massive X-ray binaries (the so-called 'second Wolf-Rayet phase'; Van den
Heuvell 1976). Massive helium stars have been observationally identified with the
groupp of 'classical', or population I Wolf-Rayet stars (Van der Hucht et al. 1981).
Suchh stars have strong winds, which in Cyg X-3 would be the underlying cause for
thee X-ray modulation (due to scattering of the X rays), the increase of the orbital
periodd (due to the loss of angular momentum) and the brightness in the infrared (due
too free-free emission in the wind). In the course of further evolution, the helium star
iss likely to explode as a supernova. If the system is not disrupted, a binary such as
thee Hulse-Taylor pulsar PSR1913+16 could be formed (Flannery & Van den Heuvel
1975). .
Inn this model, it is predicted that the optical/infrared spectrum shows Wolf-Rayet
features.. This prediction was confirmed by Van Kerkwijk et al. (1992, hereafter Paperr I), who found strong, broad emission lines of He I and He n in I and K-band spectra
off Cyg X-3, as expected for a Wolf-Rayet star of spectral type WN7. In subsequent
observations,, it was found (Van Kerkwijk 1993, hereafter Paper II) that large changes
inn the absolute and relative strengths of the emission lines occur. Furthermore, orbitalphasee dependent wavelength shifts of the emission lines were found, with maximum
blueshiftt occurring at the time of infrared and X-ray minimum, and maximum redshift
halff an orbit later.
Itt was shown that these wavelength shifts could be understood if the Wolf-Rayet
windd were almost completely ionised at the time of the observations, except in the
partt shadowed by the helium star. It was found that both the wavelength shifts and
thee modulation of the infrared continuum could be reproduced with a detailed model
(withh only a small number of free parameters). Based on the model, it was predicted
thatt when strong emission lines are present in the infrared spectra, there will be little
modulationn of the lines and the continuum, and the X-ray source should be in its
loww state (low flux, hard spectrum), whereas, conversely, when the emission lines are
weak,, there will be a clear modulation of the lines and continuum, and the X-ray source
shouldd be in its high state (high flux, soft spectrum). Furthermore, it was predicted
that,, for the latter case, high-resolution spectroscopy would show that the line profiles
hadd two components.
Inn this paper, we first briefly review the observational characteristics of Cyg X-3
(Sect.. 4.2). Next, in Sect. 4.3, we describe the procedures used for making and reducing
thee observations, both for the observations presented in Papers I and II, and for a
numberr of additional observations. We present the observations in Sect. 4.4, and point
outt the characteristic similarities and differences shown by the spectra. In Sect. 4.5,
wee describe in detail our model for the system, and use it to calculate light curves and
linee profiles as a function of orbital phase. Furthermore, we qualitatively interpret the
long-termm changes, and verify some of the predictions of Paper II mentioned above. In
Sect.. 4.6, we estimate the velocity in the wind, and discuss different estimates of the
mass-losss rate. We discuss the ramifications expected for a more realistic treatment of
thee windin Sect. 4.7. In Sect. 4.8, we estimate the infrared flux distribution of Cyg X-3,
andd compare it with the one predicted for our model, and with the ones observed for
otherr Wolf-Rayet stars. We draw conclusions about the nature of Cyg X-3 in Sect. 4.9.
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4.2.. Observational properties of Cygnus X-3
Thee X-ray source Cygnus X-3 was discovered during a rocketflightin 1966 (Giacconi
ett aL 1967; for areview,see Bonnet-Bidaud & Chardin 1988). It was identified with
aa radio source in early 1972 (Braes & Miley 1972), but did not draw much attention
untill later that year, when it was found to be the source of a huge radio outburst, during
whichh it was for several days the brightest source on the sky (Gregory et al. 1972; see
thee special issue of Nature Phys. Sci., vol. 239, Oct. 23, 1972). Using the precisely
determinedd radio position, Cyg X-3 was identified in the infrared with a source of 11th
magnitudee in K. At the time of the radio outburst, it was found that the X-ray flux was
modulatedd with a period of 4Ï8 (Parsignault et al. 1972; Sanford & Hawkins 1972).
Inn view of its stability, this modulation is generally believed to reflect binary orbital
motion. .
Duringg the 1972 radio outburst, spectra of the 21 cm HI absorption line were taken.
Thesee revealed two absorption components, coincident in velocity with background
emissionn from the local and Perseus arms, from which a distance larger than 8 kpc was
inferredd (Lauqué et al. 1972; Branson et al, 1972). In further studies (Chu & Bieging
1973;; Lauqué et al. 1973; Dickey 1983), absorption from an arm further outward was
detected.. From the velocity of this absorption feature, Dickey (1983) derived a lower
limitt to the distance of (11.6-12.8)(n70/lOkpc)kpc, where m® is the galactocentric
radiuss of the Sun, and where the quoted range in distance reflects mainly the uncertainty
off the Galactic rotation curve. For 7r0 = 8.5 kpc, the current IAU best estimate (Kerr
&& Lynden-Bell 1986), the limit is ~ 10 kpc. In this paper, we will use this value for the
distancee to calculate luminosities.
Thee X-ray flux varies by an order of magnitude, with the maximum flux correspondingg to a 2-12 keV luminosity of ~ 21038 erg s _ l (Bonnet-Bidaud & Van der Klis
1981;; Priedhorsky & Terrel 1986; see also the review by Van der Klis 1993). The flux
variationss occur rather gradually, on atimescaleof weeks to months. With the flux,
alsoo the hardness of the X-ray spectrum varies, the hardness being anti-correlated with
thee source intensity (Serlemitsos et al. 1975; White & Holt 1982).
Superposedd on the long-term variations is a smooth modulation with the 4^8 period.
Thee minima and maxima of this modulation can practically always be identified, even
thoughh the light curve shows considerable variations from one orbital cycle to the next
(Vann der Klis & Bonnet-Bidaud 1982; see also Van der Klis 1993). However, averaged
overr intervals of a week or more, the light curve is remarkably stable, showing a slow
riserise to a broad maximum, and a steep fall to a narrower minimum. Therelativedepth
off the modulation varies with the mean X-ray intensity, the modulation getting deeper
withh increasing intensity (Bonnet-Bidaud & Van der Klis 1981; Molnar & Mauche
1986).. At very high intensities, the shape of the light curve changes too, towards a
moree symmetrical form (Bonnet-Bidaud & Van der Klis 1981). Both the amplitude and
thee shape of the light curve are different at different X-ray energies, the modulation
becomingg less deep and moree symmetric towards higher energies (Molnar & Mauche
1986;; Molnar 1985). [Towards energies of £> 2keV, the observed amplitude seems
nott to increase any more, or even to decrease (e.g., Willingdale et al. 1985), However,
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Molnarr & Mauche (1986) have shown that this is due to the phase smearing caused by
interstellarr scattering.]
Thee most prominent feature of the X-ray spectrum is the exceptionally strong iron
line,, for which equivalent widths ranging from 300 to 1500eV have been reported
(e.g.,, Sanford et al. 1975; Van der Klis et al. 1985; Kitamoto et al. 1987). Other
spectrall features that have been reported are sulphur and possibly sillicon emission
liness (White & Holt 1982), and an absorption edge at 9 or lOkeV (Willingdale et
al.. 1985; Kitamoto et al. 1987; Nakamura et al. 1993). The various authors (see
referencess quoted above) found that the continuum spectrum can not be fitted with a
simplee model. Usually, at least a power-law, often with high-energy cutoff, plus lowtemperaturee thermal bremsstralung, plus interstellar absorption are needed, but some
authorss also find it necessary to include a low-temperature black-body. In part, the
complexityy at low energies is probably due to the phase-smearing effect of interstellar
scatteringg (Molnar & Mauche 1986), which has been taken into account by only few
authorss (e.g., Nakamura et al. 1993). Furthermore, for detectors with fields of view
off the order of degrees, a soft-X-ray contribution from nearby stars in the Cyg OB2
associationn may be present (cf. Harnden et al. 1979).
InIn 1978, an analysis of the arrival times of the 4*?8 modulation revealed that
thee period is slowly increasing (Manzo et al. 1978). This result was confirmed by
laterr studies (Kitamoto et al. 1992, and references therein), with the most recent
determinationn indicating a time scale P/P of 7.35(7) 105yr. It is possible that a
second-orderr derivative of the period is also present. Both Van der Klis & BonnetBidaudd (1989) and Kitamoto et al. (1992) found that a cubic ephemeris provides a
formallyy very significant (99%) improvement in the fit to the observed arrival times.
However,, these authors caution that the intrinsic scatter in the arrival times is not fully
understood,, and that the arrival times have historically been estimated in a number of
differentt ways. In this paper, we will calculate X-ray phases <f>x using the quadratic
ephemeriss (i.e., without a second-order period derivative) of Kitamoto et al. (1992).
Noticee that, for historical reasons, phase zero in this ephemeris refers not to the time
off X-ray minimum, but to the time of minimum of the sinusoid that best fits the X-ray
lightt curve (e.g., Mason & Sanford 1979). The genuine X-ray minimum occurs, on
average,, at phase <f>x — 0.96 (Van der Klis & Bonnet-Bidaud 1989).
Upp to 1985, 28 radio flares with an intensity greater than 1 Jy were recorded
(Johnstonn et al. 1986). During the largest flares, the flux rises on a timescale of hours,
reachingg maximum values of up to 20 Jy, and then declines on a timescale of weeks
(Gregoryy et al. 1972; Geldzahler et al. 1983; Spencer et al. 1986). The evolution of the
radioo outbursts varies with frequency, the maximum being lower and occurring later at
lowerr frequencies. Molnar et al. (1984, 1988) found that, in the low radio state, small
flaresflares occur, which can be described well as scaled-down versions of the large flares.
Thesee small flares increase and decrease in flux on a timescale of a few hours.
Fromm the distribution of the 28 strongest radio flares, a possible periodicity of
~~ 120 days is suggested (Johnston et al. 1986), but the significance of this periodicity
iss low due to the large gaps in the radio coverage and to the complex structure of
mostt flares. Woodworth (1983) did not find any significant periodicity in the range
10-500 days. A possible 4l!95 periodicity in the low-level flaring has been suggested by
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Molnarr et al. (1984) and Molnar (1988). However, this result could not be confirmed
byy Johnston et al. (1986), who, for their data, derived an upper limit of 50mJy to the
amplitudee of a modulation with a period of 4*?8 or 4fJ95.
Evidencee for a relativistic jet was first found during the large 1982 and 1983 flares,
whenn the source was observed to be expanding with a rate of about Of.'01 per day, which
correspondss to a velocity of ~ 0.35c at a distance of 10 kpc (Geldzahler et al. 1983;
Spencerr et al. 1986). Relativistic expansion is also reported by Molnar et al. (1988),
whoo observe a gradual elongation in VLBI observations of the source during two lowamplitudeeflares.These authors find that the velocity is within the range 0.16-0.3 lc,
andd that the transverse velocity is 0.13
. Strom et al. (1988) report the detection
off an arcsecond-scale double radio source around Cyg X-3, which they suggest to be
relatedd to the relativistic jet.
Wendkerr et al. (1991) have found that, at larger scales, Cyg X-3 is surounded by
ann extended source, which is somewhat offset to the south-west from Cyg X-3 itself.
Thiss extended source has afluxdensity of 50 10 mJy, and is approximately Gaussian
withh an extent of 2' (at 1420 MHz). Wendker et al. (1991) suggest that the source is an
Hlll region surrounding Cyg X-3.
Inn the infrared, Cyg X-3 wasfirstdetected in the H (1.65 /xm) and K (2.2 itm) bands
(Becklinn et al. 1972). Later, it was also found in the infrared J (1.24/xm), L (3.8 itm)
andd M (4.7 /on) bands (Molnar 1988; Joyce 1990). In the optical wavelength band,
thee large interstellar extinction hinders observations, but the source has been detected
inn the near-infrared I (0.9 /xm) band (Wagner et al. 1989), and in the R (0.7 itm) band
(Wagnerr et al. 1990). In die latter, it is a source of 23rd magnitude. The infrared
spectrumm shows Wolf-Rayet emission features (Paper I, Paper II, this paper).
Theefluxin the K band is often, but not always, found to be modulated with the 4I)8
periodd (Becklin et al. 1973, 1974; Mason et al. 1976, 1986; Paper II). The depth of
thee modulation is less than at X-ray wavelengths, but when scaled to the same relative
depth,, the light curves can look strikingly similar (Mason et al. 1976,1986). However,
forr simultaneous observations obtained in two consecutive cycles, Molnar (private
communication)) found that the K-band and X-ray light curves could not be brought to
thee same relative depth with a scaling factor that was the same for both cycles. In the
otherr infrared bands, the modulation is also apparent. Molnar (1988)findsno colour
changess with orbital phase in JHK photometry, but Fender & Bell-Burnell (1993) find
matt the modulation is deeper at H than at K. In the I band, the variations seem to be
ratherr erratic (Wagner et al. 1989; cf. Sect. 4.4).
Thee occasional occurrence of (series of) short-durationflaresin the infrared light
curvee has been reported by Becklin et al. (1973,1974) and Mason et al. (1986). These
authorssfindthat theflarestypically lastfrom2-10 minutes and can haverisetimesas
shortt ass one minute. Fender & Bell-Burnell (1993)findeven shorterrisetimes, down
too 14 s, in high-speed H and K-band photometry. They find that, during the flares,
thee source becomes slightly more red. From all studies, it follows that theflaresdo
nott occur at any preferred 4*?8 phase. Furthermore, no correlation has has been found
withhflaresoccurring in the X-ray band. A longer-duration outburst (~ 1 hour) was
reportedd by Becklin et al. (1974). At that time, the radiofluxwas also highly variable,
butt the X-ray light curve only showed the normal sinusoidal variation. In the other
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sett of simultaneous radio, infrared and X-ray observations, presented by Mason et
al.. (1976), no strong outbursts are evident in either infrared or radio, so a possible
correlationn between radio and infrared flares could not be confirmed.
Att millimeter wavelengths, the source has been detected at an intensity level of up
too several Jy by Pomphrey & Epstein (1972) and Baars et al. (1986). The latter authors
obtainedd light curves during two nights, which showed severalflares,with a typical
durationn of about one hour.
Detectionss of Cyg X-3 at very high energies (tens of MeVs to PeVs), have been
claimedd by a large number of groups (see the review by Bonnet-Bidaud & Chardin
1988,, and references therein). However, there is no general agreement on the reality
off these detections (for reviews, see Chardin & Gerbier 1989; Weekes 1992). Recent
observationss with instruments much more sensitive than those used earlier, have failed
too confirm the detections both in the MeV range (EGRET; Michelson et al. 1992) and
inn the TeV range (Whipple Observatory; O'Flaherty et al. 1992).
4.3.. Observations and data reduction
Thee present study is based on 371-band and 16 K-band spectra, obtained in 1991,1992
andd 1993. A log of the observations is given in Tables 4.1 and 4.2. Below, we discuss
thee procedures used for making and reducing the observations.
4.3.1.4.3.1. The I-band observations
Thee I-band spectra were obtained with the William Herschel Telescope (WHT) on La
Palma,, using the red arm of the Intermediate-dispersion Spectroscopic and Imaging
Systemm (ISIS) at the Cassegrain focus. In all runs, a 158 l/mm grating, blazed at 6500A,
wass used in first order, combined with an OG530 (1991) or RG630 (1992,1993) filter
too block the higher orders. The central wavelength was set to 0.8730//m in 1991, and
-- in order to look for He I Al .083 - to 1.01 /*m in 1992 and 1993. The detector was an
EEVV CCD with 1242x 1152 pixels. The pixel size of this detector is 22.5 pm, which
correspondss to OY33 on the sky. With this configuration, a wavelength range of 0.34 /xm
iss covered at ~ 2.7 A/pixel. In 1992, we tried increasing the chip temperature in order
too boost the near-infrared response. However, we found that the slight increase in the
sensitivityy was offset by an even larger increase in the noise (due to the dark current).
Speciall care was taken to align the CCD properly with the slit, since, in the near
infrared,, the accuracy of spectroscopy of a faint source is limited to a large extent by
thee accuracy with which the sky emission can be determined and subtracted. The slit
widthh was set to 2" (except for thefirstobservation in 1992, when a slit of 1'.'5 was
used).. This slit width corresponds to 6 pixels, or about 16 A.
Inn 1991, the slit was placed over two nearby stars - stars A and C on the I-band
findingg chart of Wagner et al. (1989) - in order to ensure that Cyg X-3 was actually
observedd (at 20th magnitude in I, it can not be seen using the slit-viewing camera).
However,, inspection of the J, H and K-band images of Joyce (1990) revealed that with
thiss set-up Cyg X-3 is actually offset by about l'/2 to the southeast from the centre of
thee slit. In order to correct for this offset, in the 1992 and 1993 runs the slit was set
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Tablee 4.1. The I-band observations
JPnnd.. «p
Exp. time
fo4
(-2440000)) (min.)
2012120121 June 1991,0.72-1.OS tun
8428.6899
30
0.635
.7622
27
0.744
24125-2612724125-26127 July 1992, 0.85-1.10 ftm
0.609 9
8828.463 3 40 0
0.776 6
.496 6 40 0
0.932 2
.527 7 40 0
0.096 6
.560 0 40 0
0.256 6
.597 7 40 0
.624 4 40 0
0.416 6
.654 4 40 0
0.569 9
0.725 5
.685 5 40 0
0.641 1
8829.467 7 40 0
.499 9 40 0
0.798 8
0.954 4
.530 0 40 0
0.107 7
.560 0 40 0
0.267 7
.592 2 40 0
0.417 7
.622 2 40 0
0.573 3
.654 4 40 0
0.723 3
40 0
.683 3
0.538 8
8830.445 5
40 0
0.687 7
.475 5 40 0
0.840 0
.506 6 40 0
0.990 0
.535 5 40 0
0.157 7
.569 9 40 0
0.306 6
.599 9 40 0
0.459 9
.629 9 40 0
0.609 9
.659 9 40 0
12113,13/1412113,13/14 June 1993, 0.85-1.10 /xm
0.704 4
9151.580 0 40 0
0.868 8
.612 2 40 0
0.038 8
.646 6 40 0
0.181 1
.675 5 40 0
0.337 7
.706 6 40 0
9152.561
.590
.621
.651
.683
.709

1
0
1
1
3
9

40
40
40
40
40
33

0
0
0
0
0
3

0.618
0.764
0.917
0.067
0.227
0.355

8
4
7
7
7
5

** Using the ephemeris of Kitamoto et al.
1992 2

91

92 2
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Tablee 42. The K-band observations
Obs.. time* Tot.. exp. time"
JUmid.. exp
-2440000) ) (min.) )
(sec.) )
2929 June 1991,2.0-2.4 urn
8437.104 4 20 0
16x6x5 5
2020 July 1991,2.0-2.4 fun
16x6x10 0
8458.099 9 27 7
2929 May 1992,2.0-2.4 /im
8771.930 0 22 2
12x6x10 0
.950 0 20 0
12x6x10 0
.976 6 20 0
12x6x10 0
2.008 8 20 0
12x6x10 0
.022 2 20 0
12x6x10 0
.053 3 30 0
18x6x10 0
.090 0 20 0
12x6x10 0
.105 5 20 0
12x6x10 0
2424 July 1992,2.03-223 nm
8828.0244
30
20x6x10
1515 July 1993,2.03-223 tun
9183.9299
30
20x6x10
.9622
30
20x6x10
.9855
32
22x6x10
4.0155
21
16x6x10
.0722
30
20x6x10

(<h(<hc c
0.776 6
0.916 6
0.507 7
0.608 8
0.740 0
0.897 7
0.970 0
0.123 3
0.308 8
0.382 2
0.415
0.700
0.868
0.979
0.134
0.418

** Time spent on source
bb
Number of integrations times the number of exposuress per integration times the exposure time of one
exposuree (see Sect. 4.3.2)
cc
Using the ephemeris of Kitamoto et al. 1992

byy first placing it over stars A and C, and then rotating it anticlockwise around star A
byy 2? 3 (i.e., closer to the direction north-south). In this way, star A will be observed
simultaneouslyy with Cyg X-3, and can be used to correct for telluric absorption features
(seee below). For comparison with the spectra of Cyg X-3, a number of spectra of WolfRayett stars and of low-mass X-ray binaries were taken in 1992 and 1993 (these will
bee published elsewhere by Van Kerkwijk et al. and Bunn et al., respectively).
Thee reduction process contained the usual steps of bias subtraction, flat-field correction,, sky subtraction, and order extraction, all performed using the MIDAS reduction
packagee and additional routines running in the MIDAS environment. In view of the
faintnesss of the source, special attention was paid to the sky subtraction and the order
extraction.. The former was performed by fitting, for each dispersion position, a thirdorderr polynomial to the sky in between the stellar spectra. After a first fit, the pixel
deviatingg most was excluded if it deviated by more than 2.5 standard deviations, and
aa new fit was made. This process was iterated until no bad pixels were left. We found
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thatt the results obtained with this procedure were highly satisfactory: no systematic
residualss could be found in any of the frames.
Forr the extraction of the spectra, we used the optimal extraction technique developedd by Home (1986). With this method, a spatial profile of the starlight along the
slitt is constructed, and the total flux at each wavelength position is determined by
makingg a weighted average of thefluxestimates obtained from the individual pixels,
withh the weighting factors chosen such that the variance on the final result is minimal
(thee weighting method is equivalent to fitting the spatial profile to the individual fluxes
-- taking into account their uncertainties - with the total flux as the only free parameter).. Compared to a simple addition of the fluxes from a selected range of pixels,
thee optimal extraction technique allows one to achieve a substantial increase in the
signal-to-noisee ratio (by up to a factor 1.7 for background-limited spectra like ours;
seee Home 1986). An additional advantage is that cosmic-ray events are detected and
accountedd for efficiently.
AA problem that arose, however, was that, in our 1992 observations, the Cyg X-3
spectraa were so noisy that no reliable spatial profile could be formed. On the suggestion
off Home (private communication), we tried extracting the spectrum using the spatial
profilee of star A (which was, by virtue of the method used for the acquisition of Cyg X-3
(seee above), always observed as well). By coincidence, the spatial separation between
starr A and Cyg X-3 turned out to be close to an integer number of pixels, so that the
spatiall profile of star A could be used directly (i.e., without need for interpolation
inn between pixel positions). For verification, we compared, for the 1991 and 1993
spectra,, the results with those obtained with the extraction using the spatial profile
determinedd from the spectrum of Cyg X-3 itself. We found that they were virtually
indistinguishable,, apart from a slightly higher signal-to-noise ratio for the spectra
extractedd with the spatial profile of star A. An additional advantage of extracting the
Cygg X-3 spectra with the spatial profile of star A is that it allowed us to also extract the
long-wavelengthh part of the Cyg X-3 spectrum (A £ 1.05 fim), where the spectrum of
starr A is still exposed well enough to allow the spatial profile to be determined, while
thee spectrum of Cyg X-3 is not. For all runs, we therefore used the spectra extracted
withh the spatial profile of star A.
Afterr the extraction, the spectra were visually inspected for remaining cosmic-ray
events.. If suspect events were present, they were cross-checked with the sky-subtracted
framee and with a frame in which the events detected by the extraction routine were
indicated.. Events considered genuine, were substituted with a linear interpolation
betweenn adjoining pixels.
Thee wavelength calibration was done using Cu/Ar frames taken interspersed with
thee observations of Cyg X-3. It was found that the wavelength zero point changed
systematicallyy by up to one pixel with changing telescope position. This shift was
alsoo apparent in the positions of the night-sky emission lines in the stellar exposures.
Inn order to obtain the highest relative accuracy within a night, the pixel to wavelengthh transformation was performed using the calibration from one Cu/Ar frame,
afterr correction of the pixel coordinate for a systematic shift as determined from the
skyy spectrum (by cross-correlation).
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Figuree 4.1. The I-band spectrum of star A. The lower curve shows the average of the
spectraa observed on the 13th of May, 1993. The identifications of the stellar features memberss of the Paschen series and the Call triplet - are indicated. The upper curve
showss the spectrum after the removal of these features and the substitution of the noisy
long-wavelengthh part by a polynomial (for details, see text). With such 'cleaned' spectra,
thee spectra of Cyg X-3 have been corrected for the telluric water-vapour absorption lines

Eachh extracted spectrum was corrected for telluric water vapour absorption by
dividingg it by the spectrum of star A taken in the same exposure. For this purpose, the
strongestt stellar features of star A - the Ca II triplet and Paschen lines P6-P16 - were
removedd (the relative strengths of the lines indicate spectral type F5-G0; for such a
spectrall type no other strong features are expected). In each spectrum, the Can lines
weree substituted with a linear interpolation between the adjoining continuum parts. For
thee Paschen lines, first for each average of the spectra taken in one night, the lines not
blendedd with telluric features (P7, PI 1, P12) were fitted with Gaussians. Then, from
thesee fits the average width, strength and wavelength shift were determined, and with
thesee values, all Paschen lines were corrected in the individual spectra. For simplicity,
itt was assumed that the equivalent widths of the Paschen lines were proportional to
ƒƒ ~n, where n is the upper level of the line, and ƒ a factor determined from the three
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fittedd lines. As a final correction, for the spectra of star A obtained in 1992 and 1993,
thee long-wavelength part - which is dominated by Poisson noise rather than telluric
featuress - was replaced by a best-fitting second-degree polynomial. For the individual
spectra,, the range with A £ 1.01 /*m was replaced, and for the average spectra, the
rangee with A £ 1.04 /un. After this substitution, the spectra were again inspected by
eye,, andd (slight) discontinuities between the substituted and non-substituted part were
correctedd for by smoothing the spectra locally. An example of the final result is shown
inn Fig. 4.1,
432.432. The K-band observations
Thee K-band spectra were obtained with the United Kingdom Infrared Telescope
(UKIRT)) on Mauna Kea, Hawaii, using the Cooled Grating Spectrometer CGS4.
Onn the 29th of June, 1991, a first service time spectrum was taken in good weather conditionss (paper I). The 751/mm grating was used in first order, combined with a filter to
blockk the higher orders. The detector was an SBRC InSb array with 58x62 elements.
Thee 150 mm focal-length camera was used, for which the pixel size corresponds to 3'.' 1
onn the sky. The slit width was chosen to match the pixel size. The wavelength range
coveredd with this setup is 2.0-2.4 /xm, at 0.0063 /xm/pixel.
Inn 1991, another service observation was made on the 20th of July under reasonably
goodd conditions, using the same instrumental setup. In the night of the 29th of May,
1992,, Cyg X-3 was observed for almost one complete orbital period (Paper II). That
nightt and the next, also a number of spectra of Wolf-Rayet stars and low-mass X-ray
binariess were taken for comparison (Van Kerkwijk et al. and Bunn et al., respectively,
bothh in preparation). In both nights, the observing conditions were very good. On the
24thh of July, another service observation was taken under mediocre conditions. At that
time,, the optics of the camera had been changed, so that the projected pixel size on
thee sky was reduced to 1'.'5 (the slit width was set accordingly). With this setup, the
wavelengthh range 2.03-2.23 /an was covered, at 0.0032 /un/pixel. The same setup was
alsoo used in 1993, on the 15th of July, to observe Cyg X-3 another time for close to a full
orbitall period. During this night the weather conditions were again rather mediocre.
Inn all runs, an observation typically consisted of the sum of 6 to 11 pairs of
integrations,, taken on two different positions on the chip. The two integrations in a
pairr are combined by subtracting the second from the first, so that the contribution from
thee sky is cancelled, and one is left with a frame containing two spectra, a positive one
andd a negative one. The individual integrations are composed of 6 exposures, taken at
detectorr positions offset in the dispersion direction by multiples of one third of a pixel
(soo that the slit is sampled at different positions). The advantage of this procedure is that
itt allows one to obtain an effective resolution determined by the size of one pixel (rather
thann two, as would be the case for a non-moving detector). However, the disadvantage
iss that, due to small differences in seeing, atmospheric transparency, etc., the different
exposuress show systematic differences in exposure level. These differences show up
ass a periodicripplein the combined spectrum, for which one has to correct afterwards.
Thee reduction process consisted of the following steps: (i) bias correction, if
necessary;; (ii) flat-field correction; (iii) combination of exposures into integrations,
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integrationss into pairs, and pairs of integrations into observations; (iv) extraction of
thee positive and negative spectra, and subtraction of the negative one from the positive
onee (thus eliminating any remaining emission from the sky); (v)ripplecorrection, if
necessaryy (by determining - in a spectral region free of strong lines - the deviation
fromm the mean for each of the six detector positions); (vi) wavelength calibration using
Argonn spectra obtained at the start of the night (or after a change of wavelength); and
(vii))fluxcalibration. Of these, steps (i) to (iii) are performed on-line during the night.
Biass subtraction is only necessary for exposures of bright stars. For these, the charges
builtt up in the detector are read out once after the (short) integration time has passed,
andd then the count rate is determined by subtracting the bias and dividing by the flat
field.. For less bright objects, the detector is read out repeatedly during the exposure,
andd the count rate is determined from the rate of increase of the charge (corrected for
pixel-to-pixell sensitivity variations using the flat field).
Forr the spectra obtained in 1991 and in May 1992, the projected pixel size of
3"" ensured that most of the star light fell into one row of the detector. However, in
19911 the detector array was not perfectly aligned, so that at the long-wavelength side
thee spectra were not entirely within one row any more. Therefore, we rereduced the
19911 spectra using the optimal extraction method of Home (1986). A problem that
arosee was that the error estimates provided by the automated previous reduction steps
weree not well-suited for use with the extraction procedure (these estimates are based
onn the standard deviation from the mean of the different integrations, and they suffer
fromm the effects of small-number statistics). Since the observations of Cyg X-3 are all
background-limited,, we therefore decided to use constant errors. (For the extraction of
thee spectra of the flux standards, the result is that the extracted spectra are slightly more
noisyy than is strictly necessary. However, the influence on our final results for Cyg X-3
iss entirely negligible.) We found that the results obtained in this way were satisfactory.
Comparedd to the June 1991 spectrum presented in Paper I, the only differences are that
thee signal-to-noise ratio has slightly increased and that, at the long-wavelength side,
theefluxis slightly higher (making the overall continuum somewhat straighter).
Forr the May 1992 spectra, it was not necessary to use optimal extraction, since the
chipp was aligned very well. For the extraction of the July 1992 spectrum, where the
projectedd pixel size was l'/5, we also extracted only the row with the largestflux.For
thee 1993 spectra, we tried both extraction of the row with the highestfluxand optimal
extraction.. We found that the continua of the latter spectra were somewhat straighter.
However,, the signal-to-noise ratio was only marginally higher, and therefore we did
nott rereduce the July 1992 spectrum.
Inn all runs, spectra of bright stars of spectral types F and A, taken interspersed with
thee observations of Cyg X-3, were used for the correction for telluric water-vapour
andd carbon-dioxide absorption features, and for flux calibration. In spectra of stars of
spectrall type F and A, the only strong stellar feature is HI Br7. For the calibration, this
featuree was removed. In 1991, HR7796 (F8I, K = 0.72) was used for both spectra.
Thiss star has a right ascension that is somewhat less than that of Cyg X-3, so that
whenn it is observed before Cyg X-3, it is observedd at approximately the same airmass.
Inn May 1992, we used HR8028 (A1V, K = 3.80), which has a slightly larger right
ascension.. Hence, the observations of HR 8028 following those of Cyg X-3 were used
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forr the reduction. In July 1992, we again used HR7796, while in 1993 we used both
HRR 7796 and, to check the calibration, HR 7847 (F5I, K = 3.51).
Thee correction for telluric absorption features proved to be highly satisfactory for
almostt all spectra. The only exceptions are found in those spectra taken on the 29th of
May,, 1992 (most notably the first), that were taken at rapidly decreasing airmass. The
fluxflux calibration is reliable (better than ~ 5% in the absolute level) only for the spectra
takenn in good conditions, i.e., those taken on the 29th of June, 1991, and on the 29th of
May,, 1992. For the other runs, we expect, from a comparison of different observations
off the flux standards, that the absolute fluxes are accurate to ~ 20%.

4.4.. The spectra
4.4.1.4.4.1. The I-band spectra
Itt was found in Paper I that the continuum of the 1991 I-band spectrum could be
welll represented by a power law of the form FX/FA = C\&. We found that this
wass also the case for the 1992 and 1993 spectra. Among the spectra, the best-fitting
constantt of proportionality C varies, but the power-law index (3 is very similar, with
ann average value of 13.1 (in the range 0.85-1.0/xm, but excluding He II (8 - 5)). For
thee representation in the figures, we divided the spectra by A131 (A in fim), so that
thee spectra appear horizontal, and spectral features are more easily recognised. The
averagess of spectra taken in one night are shown in Fig. 4.2.
2121 June 1991. In this spectrum, presented also in Paper I, the most prominent emission
linee is of Hell(5 — 4) at 1.0123/xm. Weak emission seems to be present also in
Hee II (8 — 5), at 0.9345 fim. Furthermore, the spectrum shows an absorption feature at
0.8344 fim, whose reality is confirmed by the presence in the other I-band spectra. This
featuree is due to the interstellar bands at 0.8620 and 0.8649 fim (Herbig & Leka 1991).
Noticee that the flux relative to star A is probably underestimated for this spectrum,
sincee the source was observed offset from the centre of the slit (see Sect. 4.3.1).
25-2725-27 July 1992. The source was very weak, and the only detectable features are
Hee II (5 —4) in emission and the interstellar bands in absorption. The continuum level of
thee individual spectra, as determined from the power-law fits described above, is shown
ass a function of X-ray phase in Fig. 4.3. It appears that the continuum is modulated,
withh the minimum occurring close to the time expected from infrared photometry (i.e.,
thee time of X-ray minimum) in the second and third night, but much later in the first
night.. In order to check the reality of the observed variations, we inspected the raw
countt rates of star A in all our spectra. We found that these were consistent with the
expectedd variation due to changes in airmass for all but one spectrum, namely the
sixthh taken on the 25 th of July, 1992, for which the count rate was exceptionally low.
Therefore,, we regard the corresponding point in Fig. 4.3 as unreliable. We estimate
thee uncertainties on the other points to be ~ 10%.
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1313 June 1993. At this date, the continuum was about 30% higher than in 1992.
Emissionn is clearly present at He II (5 - 4), and possibly at He II (8 - 5). The profiles
off He II (5 - 4) for the individual spectra are shown in Fig. 4.4 (left-hand panel).
Thee centroid wavelength of the profile shows a clear modulation, going from the rest
wavelengthh at the beginning of the night to a maximum blueshift of ~ 1300 km s _ 1
inn the third spectrum, and then shifting back, ending at a slight redshift in the last
spectrum.. The lines are much less broad than in the following night and in 1991. The
phasingg is similar to what we observed in the K band in May 1992, in that maximum
blueshiftt occurs approximately at the time of X-ray minimum (Paper II; see also
below).. The continuum level is also changing during the night (see Fig. 4.3), showing
ann ill-defined mimimum near X-ray phase 0.
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1414 June 1993. In comparison to the previous night, the spectrum has changed drastically.. The Hen(5 - 4) and (8 — 5) emission lines are much stronger, and even lines
correspondingg to transitions of He II (n — 6) are present. But most striking is of course
thee appearance of a strong line at 1.083 i*m, which we identify with He 12p 3P° - Is3 S.
Comparingg the spectrum with spectra of WN stars obtained by Vreux et al. (1990)
andd by ourselves (Van Kerkwijk et al., in preparation), we find that the line ratio of
Hee i Al .083 and He II Al .0123 indicates a subclass of WN6 or WN7. In WN stars, the
Hee I line often shows a P-Cygni profile, with a strong emission component and a weak
absorptionn component (see, e.g., Vreux et al. 1989). Unfortunately, the signal-to-noise
ratioo of our spectrum is such, that we cannot determine whether a similar absorption
featuree was present in Cyg X-3.
Inn Fig. 4.4 (right-hand panel), the individual profiles of He n (5 - 4) are shown.
Contraryy to the previous night, no systematic wavelength shifts are apparent, although
thee profile does seem to vary. The continuum level is slightly higher than the previous
night,, and is modulated, showing a minimum around <f>x = 0 (see Fig. 4.3).
4.42.4.42. The K-band spectra
Thee averages of K-band spectra taken in one night are shown twice, in Figs. 4.5
andd 4.6. In the former, linear scales are used, and the limits are chosen to allow the
differentt lines to be seen most clearly. In the latter, a logarithmic scale is used that is
thee same for all spectra, so that the changes in the line strengths and in the slope of the
continuumm can be best appreciated.
2929 June 1991. In this spectrum, first presented in Paper I, a number of He I and He II
emissionn lines are present, as well as the N V (11 - 10) line at 2.100 pm (not identified
inn Paper I). The spectral type as indicated by the relative strengths of He IA2.112 and
Hee II (10 - 7) is WN7. However, the He I line at 2.058 i*m is anomalously strong. This
mayy be due to an absence of absorption rather than an excess of emission, since WN
starss show - if the line is present- a P-Cygni profile with a strong absorption component
(Hillierr 1985, Williams & Eenens 1989; Van Kerkwijk et al., in preparation)
2020 July 1991. Compared to the first spectrum, the emission-line spectrum is quite
different.. The He I line at 2.058 /xm has disappeared and the other He I lines have
weakened,, while the equivalent widths of the He n lines are similar. On close inspection,, it seems that while the He II lines appear close to their rest wavelengths, the He I
liness are blue-shifted by about 700km s _1 .
AA difference between this spectrum and all other K-band spectra is that the continuumm is much redder (see Fig. 4.6).. We believe this difference is genuine, despite
thee fact that the spectrum was taken under mediocre weather conditions (which may
affectt the level of the continuum, but is expected to affect the shape of the spetrum
onlyy near the strongest telluric features, i.e., shortward of 2.1 /xm). The redness of
thee continuum may be related to the fact that Cyg X-3 was undergoing a huge radio
outburstt at the time (Molnar, private communnication). Dr. Coe kindly provided us
withh J, H, K and narrow-band L photometry taken at UKIRT on the 6th, 14th and 16th of
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August,, 1991. In these nights, the K-band magnitude was, respectively, 11.16, 11.91
andd 11.85
, J - K was 3.48, 3.31 and 3.42
, H - K 1.39, 1.29, and
1.255
, and K - L 1.53, 1.38 and 1.06
. These data, which appear to
showw the decline of an outburst, seem to indicate that the source is getting less red
whilee becoming less bright.
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2929 May 1992. The series of spectra obtained in this night has been presented in
Paperr II. Compared to the earlier spectra, the lines are much weaker (see Fig. 4.6).
Thee He i lines have disappeared, while the Nv line at 2.100j«n and the Nm line
att 2.116/4m are much stronger. One feature in the spectra that we could not readily
identifyy is the emission line at 2.278 /un (see Fig. 4.5). In the spectra of WN stars
thatt we have available (Van Kerkwijk et al., in preparation), there is also an emission
featuree at this wavelength, which we attribute to N iv (15 - 12), but in all spectra it is
weakerr than the neighbouring He n (21 - 9) line. However, compared to the spectra of
WNN stars (Hillier et al. 1983; Van Kerkwijk et al., in preparation), also the N v line is
exceptionallyy strong relative to the He n lines. Therefore, we tentatively indenufy the
2.2788 pan feature with N iv (15 - 12).
Inn Fig. 4.7, the individual spectra are shown. As discussed in Paper II, there are
clearr wavelength shifts during the night, with maximum blueshift coinciding with infaredd minimum (<j>x ^ 0.9), and maximum redshift half an orbit later. The modulation
off the continuum is similar to what has been found previously from photometric studies.. The good observing conditions allowed us to determine a light curve (Paper II,
Fig.. 3;; Fig. 4.13) from the individual pairs of integrations that form the spectra (see
Sect.. 4.3.2).
2424 July 1992. In this spectrum, the lines are somewhat stronger than in May, and the
degreee of ionisation is somewhat lower, although not as low as in 1991. The lines
aree all shifted by about 800km s _1 to the red. The profile of He n (10 - 7) is rather
asymmetric,, with a blue wing. Notice that the continuum of this spectrum is not as
straightt as that of the other spectra. This would probably be improved if the reduction
weree redone using optimal extraction (see Sect. 4.3.2). The night was not photometric,
andd the uncertainty in the flux level is about 20%.
1515 July 1993. A striking difference between the spectra obtained in this night and the
otherr K-band spectra is the appearance of He I A2.058 in absorption. In the individual
spectraa (Fig. 4.8), an absorption feature at ~ 2.05 pm is clearly seen in the second
andd third spectrum (close to X-ray phase 0) and possibly in the fifth. Williams &
Eenenss (1989) have used such absorption features to derive lower limits to the terminal
velocitiess of the winds of a number of Wolf-Rayet stars. For our second and third
spectrum,, we find a centroid velocity of -1200 100, km s _1 . The full widths at half
maximumm are 800 150 and 1000 200km s _1 ,respectively.A stronger limit to
thee terminal velocity of the wind can be derived from the blue edge of the absorption
feature.. For our spectra, we find, after correction for the resolution of the spectra
(~~ 500km s - 1 ), -1500 200 and -1600 250 km s - 1 for the second and third
spectrum,, respectively. For the possible He I feature in the fifth spectrum, the centroid
velocity,, full width at half maximum, and blue-edge velocity are -800 100,900
0
andd -1200 250 km s _1 , respectively.
Thee line strengths shown in the spectra taken in this night, are similar to those
observedd in July 1992. The lines are modulated, phased in a similar fashion as in
Mayy 1992. The line profiles show marked asymmetries, as is most clearly seen in
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Figuree 4.8. The K-band spectraa obtained on the 15* of
July,, 1993. For comparison,
thee spectrum taken on the 24th
off July, 1992, is shown in
thee top panel. The tickmarks
indicatee the rest wavelengths
off He i A2058, N v ( l l - 10)
A2.100,, He ii (14 - 8) A2.165
andd Heii(10 - 7 ) A2.189. Noticee that the scales have been
chosenn such that the relative
scalee is the same for each panel,
contraryy to Fig. 4.7. This is becausee due to the mediocre observingg conditions, the absolute
fluxesfluxes are not reliable for these
spectra a

thee He II (10 — 7) line. The shapes of the lines in the fifth spectrum are similar to
thosee observed in July 1992, at the same X-ray phase (see Fig. 4.8), even though the
equivalentt widths of the lines are somewhat smaller at the latter date. In addition to a
modulationn in wavelength, also the shape of the lines seems to be modulated, the line
widthh being smallest at the time of maximum redshift. From the fluxes, it seems that
thee continuum level is modulated as well, reaching minimum near <j>x = 0. Notice,
however,, that due to the mediocre observing conditions the uncertainty on the flux
levelss is about 20%, Therefore, it is not possible to construct a light curve as could be
donee for the May 1992 data.
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4.44.4 3. Characteristics of the variations
Fromm Fig. 4.2 and 4.5, it is clear that, on timescales longer than a few orbital periods,
thee spectral appearance of the source is highly variable. Still, in all spectra, most of the
emissionn features can be readily identified with features expected for Wolf-Rayet stars
off the nitrogen-rich WN subclass, i.e., with a large number of lines of He n, and with
aa few lines of He I and different ions of nitrogen. The identifications and equivalent
widthss of the lines found for the different runs are listed in Tables 4.3 and 4.4 (see also
thee figures).
Whenn the lines are strong, the spectrum is similar to that of a Wolf-Rayet star of
spectrall type WN6/7, although the lines are somewhat weaker than average. Comparing
thee spectra with spectra of normal WN stars (Hillier et al. 1983; Hillier 1985; Vreux
ett al. 1989, 1990; Van Kerkwijk et al., in preparation), we find that most of the line
equivalentt widths are similar to those of WR78 (WN7), WR153 (WN6-A; here, the
suffixx A indicates a subclass of WN stars that show weak - equivalent width smaller
thann 40A - emission at He IIA5411) and WR 155 (WN7). Notice that both WR 153
andd WR 155 are binaries (see Vreux et al. 1990), so that their line strengths may be
somewhatt smaller due to the continuum contribution of the companion. The line that
iss different is He I A2.058. In WN stars, this line, if present, usually has an absorption
componentt that is stronger than the emission component (Hillier 1985; Williams &
Eenenss 1989; Van Kerkwijk et al., in preparation), while in Cyg X-3 it was observed
stronglyy in emission on the 29th of June, 1991, and in absorption near X-ray phase 0
onn the 15th of July, 1993.
Whenn the lines are weak, their relative strengths indicate an earlier subclass than
whenn they are strong, namely about WN4/5. However, the line-strength ratios are
inconsistentt with this spectral type in that the nitrogen lines are too strong relative to
thee He II lines. In both the I and the K-band spectra, the equivalent widths of the He n
liness are about a factor ten smaller than is found for normal WN stars (Hillier et al.
1983;; Vreux et al. 1989,1990; Van Kerkwijk et al., in preparation). The N v (11 - 10)
linee at 2.100 ym is about a factor 3 to 4 weaker than in WR 5 (WN5; Hillier et al. 1983)
andd in WR128 (WN4; Van Kerkwijk et al., in preparation). The line at 2.279 /«n,
whichh we have tentatively identified with N iv (15 - 12), is about as strong as it is in
WRR 128. In the spectrum of WR 5 presented by Hillier et al. (1983), the feature does
nott seem to be present.
Whenn the lines are weak, they shift in wavelength as a function of orbital phase,
withh maximum blueshift occurring at X-ray and infrared minimum (<f>x - 0.9), and
maximummredshifthalf an orbit later. The shape of the lines seems modulated as well,
thee profile at maximum redshift being narrower, higher and more asymmetric than at
otherr phases.
Fromm the spectra, we find that the level of the continuum between different observationss varies by up to a factor 2, while the slope of the spectrum is rather constant
(exceptt on the 20th of June, 1991; see above). The average continuum level appears to
bee correlated with the line strength, the level being lower when the lines are weaker.
Thee variations of the continuum level as a function of phase that we observed in
thee K-band on the 29th of May, 1992, are consistent with earlier photometric results
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(Becklinn et al. 1973,1974; Mason et al. 1976,1986; sec Paper II). For the other series
off K-band spectra, taken on the 15th of July, 1993, we can only state that the time of
thee minimum is consistent with the expected phase. In the I band, the light curves we
findfind are more irregular than those in the K band, but mostly of similar appearance. We
doo not find such irregular light curves as those obtained by Wagner et al. 1989 from
I-bandd photometry.
4.5.. An X-ray ionised Wolf-Rayet wind
Inn Paper II the wavelength shifts shown in the spectra taken on the 29th of May, 1992,
weree interpreted in terms of the helium-star model proposed by Van den Heuvel & De
Looree (1973; see Sect. 4.1). It was proposed that both the weakness of the lines and the
wavelengthh shifts result from the fact that the Wolf-Rayet wind of the helium star is
highlyy ionised by the X rays from the compact object, except for the part in the X-ray
shadoww of the helium star, and that the line emission originates mostly from the latter,
shadowedd part of the wind. In this way, one naturally obtains the observed phasing of
thee wavelength shifts, since at X-ray minimum, which occurs at superior conjunction
off the X-ray source, the shadowed part will be moving towards us, and hence we will
observee a blueshift. Similarly, at X-ray maximum, we will observe a redshift.
Thee spectra presented in this paper confirm the proposed model in two ways. First,
bothh in the I and the K band, we observe similar wavelength shifts in additional series
off spectra that show weak lines. And second, for the one series of spectra that show
strongg lines, wefindthat such wavelength shifts are not present.
Itt was argued in Paper II that the observed orbital modulation of the infrared
fluxx of Cyg X-3, as well as the virtual independence of the average infrared flux on
thee temperature, could be understood as a result of the fact that free-free absorption
dominatess the infrared opacity. In the Rayleigh-Jeans tail of the spectrum, the freefreee absorption coefficient, corrected for stimulated emission, is proportional to T~3/2.
Since,, in the Rayleigh-Jeans tail, the source function is proportional to the temperature,
thee total flux will be proportional to T~1/2 for an optically thin cloud of matter. For
aa wind that is optically thick at the base, as is the case in the infrared for Wolf-Rayet
windss (e.g., Hillier et al. 1983), this anticorrelation with temperature of thefluxemitted
perr unit volume is compensated by the fact that the fraction of the wind contributing
too the observed infrared flux increases with increasing temperature (since more of the
windd is optically thin). In fact, from an analytical derivation, Wright & Barlow (1975;
seee also Davidsen & Ostriker 1974; App. 4.A) found that for an isothermal wind that
iss expanding with a constant velocity, the free-free flux is tofirstorder independent of
thee temperature.
Givenn thisfirst-orderindependence of thefluxon the temperature, one expects that
forr Cyg X-3 the average infraredfluxwill not depend strongly on whether or not a large
fractionn of the wind is hot due to the X-ray ionisation (for a more detailed discussion,
seee Sect. 4.7 below). However, the more opaque, cool part of the wind in the shadow
off the helium star can (partly) obscure the smaller but brighter hot part. This will lead
too a modulation of the infrared flux as a function of orbital phase, with a minimum
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occurringg when the cool part is in front, i.e., at the rime of maximum blueshift of the
liness and of X-ray minimum.
Inn order to test the ideas presented above quantitatively, one should calculate the
effectss of the presence of the X-ray source on the Wolf-Rayet wind in a self-consistent
way.. This would be an iterative process, since, for instance, the ions that are responsible
forr the acceleration of the wind could be brought to a higher degree of ionisation by
thee X rays so that the acceleration stops, which would cause an enhanced wind density
that,, in turn, might influence the X-ray luminosity. Numerical calculations of this sort
havee been made for X-ray binaries such as Vela X-l, in which the companion is an
OBB supergiant (e.g., Blondin et al. 1990,1991). From these calculions, it follows that
gravity,, rotation, radiation pressure and X-ray heating all influence the flow of the
windd past the compact object, leading for instance to unsteady accretion wakes. At
thee present time, similar calculations for an X-ray source in a Wolf-Rayet wind do
nott seem feasible, if only because it is not yet known how to calculate the wind of a
singlesingle Wolf-Rayet star in a self-consistently way. Therefore, we have chosen instead to
constructt a model in which only the essence of the idea is kept, viz., that the continuum
andd lines are formed in a dense wind that has a two-temperature structure.
45.1.45.1. Description of the model
Thee assumptions that we have made for our model are (see also Fig. 2 in Paper II): (i)
thee cool part of the Wolf-Rayet wind is confined within a cone with a given opening
anglee and with the helium star at the vertex; (ii) the temperature of the wind is constant
withinn both the hot and the cool parts of the wind; and (iii) the wind originates at the
centree of the helium star, and expands at a constant velocity that is the same in the hot
andd the cool part of the wind. In essence, assumptions (i) and (iii) mean that we assume
thatt the size of the system and the size of the region where the windd is accelerated are
negligiblee compared to the size of the region where the bulk of thefluxoriginates. A
qualitativee discussion of the effects of the assumptions is given in Sect. 4.7 below.
Forr the calculation of the continuum flux, we assume that the dominant opacity
sourcee is free-free absorption, i.e., we neglect the contribution of bound-free absorption,
ass well as the effects of electron scattering. The bound-free absorption cross-section
iss more strongly anti-correlated with the temperature than the free-free absorption
cross-section,, and thus its contribution will be most important in the cool part of the
wind.. Taking 3 104 K as a lower limit to the temperature in the cool part, we find that,
inn the K band, the contribution of the bound-free opacity to the total opacity is at most
25%% of that of the free-free opacity (Hillier et al. 1983). Hence, in the K band, the
assumptionn that the bound-free contribution is negligble, is reasonable (the expected
effectss at smaller wavelengths will be discussed in Sect. 4.7.3).
Thee effects of electron scattering are expected to be most pronounced in the hot part
off the wind, since the scattering cross-section is independent of the temperature (for the
temperaturess discussed here), while the free-free absorption cross-section decreases
withh increasing temperature. In general, the hot part will appear to be somewhat larger
duee to the effects of electron scattering. However, without making a statement about
thee mass-loss rate and wind velocity, it is not possible to discuss the importance of
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electronn scattering relative to free-free absorption detail, since the former depends
linearlyy on the density, while the latter goes with density squared. We will, therefore,
postponee this discussion to Sect. 4.7.4.
Forr the calculation of the line profile, we use the Sobolev approximation (Sobolev
1960;; Castor 1970). Furthermore, we assume that the line is in local thermodynamical
equilibriumm (LTE) throughout the wind. For lines that arise from high levels of excitationn - such as the He n and N v lines - this assumption is reasonable, since, under
thee prevailing conditions, the population of these levels relative to the population in
thee next ionisation stage will be close to the population expected in LTE (Griem 1963;
Hillierr et al. 1983). We also assume that the fraction of the ions that is in the next
ionisationn stage, is the same in the hot and the cold part of the wind. For the He n lines,
thiss assumption is reasonable, since helium is already almost fully ionised in normal
Wolf-Rayett winds, and thus - assuming that the same holds for the cool part of the
windd - the fraction of helium that is in the form of He in cannot be much higher in the
hott part. However, for the N v lines this assumption may break down. (Notice that the
assumptionn of LTE is almost certainly invalid for the He I lines, since these arise from
loww levels of excitation. Hence, we will not try to model these.)
Withh the above-mentioned assumptions, most of the integrations necessary to calculatee the continuum flux and the line profile can be done analytically. The derivations
aree similar to those given by Wright & Barlow (1975; continuum) and Hillier et
al.. (1983; line profile) for the case of an isothermal, constant-velocity, sphericallysymmetricc wind (hereafter, we will refer to such a wind as a 'one-temperature' wind).
Detailss about the derivations are given in Appendix 4.A. One point to note is that
thee free-free opacity scales as X - 3 / 2 , while the line opacity is proportional to T~5/2.
Hence,, the equivalent width of a line is anticorrelated with the temperature (see Hillier
ett al. 1983; App. 4.A).
Forr a one-temperature wind, a continuum energy distribution of the form Fv oc t/2/3
-- where Fv is the flux in frequency units - is predicted for the Rayleigh-Jeans part of
thee spectrum (Wright & Barlow 1975). This result has been confirmed observationally
bothh in the radio and infrared bands (Abbot et al. 1986 and references therein). From
aa recent study of the continuum energy distributions between 0.1 and 1 fim of a large
samplee of Wolf-Rayet stars by Morris et al. (1993), it appears that also at smaller
wavelengths,, the continuum energy distribution is similar. Morris et al. (1993) found
thatt longward of 0.15 fim the continua could be well described by a power-law of the
formm F„ oc I A They found that the frequency distribution of the values of (3 was
approximatelyy Gaussian, with a mean value of f3 of 0.85 and a standard deviation of
0.44 (which they attribute to instrinsic star-to-star differences). Thus, the assumptions
wee make in our model seem to be reasonable for the infrared continuum.
Too check the applicability of the assumptions underlying the line-profile calculations,, we fitted the K-band spectrum of WR134 - a Wolf-Rayet star of spectral type
WN66 that has broad, well-resolved lines - using a power-law for the continuum, and
linee profiles as expected for a one-temperature wind (Hillieret al. 1983; App. 4. A). The
fittedd parameters are the level and power-law index of the continuum, the wind velocity,
thee velocity shift due to the radial velocity of the star (as well as to possible errors in the
wavelengthh calibration), and, for all lines, values for the scaling paramater KUne that
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Figuree 4.9. The K-band spectrum of WR 134 (WN6), with the fit by an isothermal,
constant-velocity,, spherically symmetric wind superposed. The difference between the
observedd spectrum and thefitis shown on a magnified scale in the lower panel. The part
off the spectrum shortward of 2.14 /xm has not beenfitted,since for the He I and N m
liness present there, the assumption that the lines are in LTE is most likely invalid (see
text) )

determiness the line strength (ifhne is proportional to the line opacity; see App. 4.A;
noo attempt has been made to determine the values of Ktine from the condition of LTE,
sincee the main purpose here is to demonstrate that the observed line profile can be
reproducedd with the one-temperature model). Furthermore, the interstellar reddening
too the source (EB-V = 0.47 0.02; Morris et al. 1993), the seeing and the detector
pixell size are taken into account. The result is shown in Fig. 4.9. For the slope of the
continuum,, we found a value of (3 ~ 0.8, consistent with the value of 0.76 0.10
foundd by Morris et al. (1993) for A < 1 fim. The velocity of the wind that we find is
~~ 1700km s~\ similar to the 1900km s _ 1 listed by Schmutz et al. (1989) and Prinja
ett al. (1990). As can be seen in Fig. 4.9, the line profiles are satisfactorily reproduced.
Wee conclude that the assumption that the He n lines are in LTE is adequate for the
two-temperaturee calculations for Cyg X-3.
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4545 2. Model results and comparison with the observations
Forr the calculation of the free-free flux arising in a two-temperature wind, the following
parameterss are needed (see App. 4.A): (i) FIT, the flux that a one-temperature wind
wouldd produce; (ii) i, the inclination of the system; (iii) 0 , the opening angle of the
conee within which the wind is cool; and (iv) QT, the temperature ratio between the
hott and the cold parts of the wind. For die line profiles, the extra parameters are (v)
t>w,, the velocity of the wind; and (vi) Ktine, a scaling parameter proportional to the line
opacityy (see App. 4.A). Furthermore, to compare the predicted fluxes and line profiles,
onee also needs (vii) <o, the time of superior conjuntion of the X-ray source.
Ass an example, we show in Fig. 4.10 (bottom panel) die modelled line plus continuumm flux, relative to the continuum flux expected for a one-temperature wind, for a
numberr of orbital phases (measured with respect to the time of superior conjunction
off the X-ray source), with the parameters taken from Paper II (Q = 7, i = 74° and
00 = 34°). Also shown (top panel) is the modelled continuum surface brightness that
onee would observe if one were able to resolve the source. In the latter, one can see
that,, in the centre, the hot part of the wind (the one which extends over a larger angle)
iss brighter (blacker) than the cool part. This is due to the fact that in tiiese dense
regionss of the wind, the optical depth is large both in the hot and in the cool part,
soo that the surface brightness is determined by the Planck function (i.e., proportional
too the temperature in the Rayleigh-Jeans tail). Far away from the centre, the surface
brightnesss in the cool part is slightly larger (this is just noticable in, e.g., the right-hand
sidee of the third panel), since at these distances the wind is optically thin, and the
lowerr temperature is more than compensated by the higher optical depth. (Notice tiiat
diee higher brightness of the cool part at large radii is canceled by die lower brightness
att small radii, so that, as mentioned above, for a one-temperature wind die flux is
indepenentt of the temperature.) In die leftmost panel, one can see the blocking of the
brightestt region of die hot part of die wind by the much more opaque cool part.
Thee line profile is composed of two components diat shift in velocity with orbital
phase.. The broad and low component arises in die hot part of die wind, and die sharp
andd high one in die cool part. The latter is rather weak at maximum blueshift, and the
linee profile even shows a small absorption feature. This is due to die fact tiiat, in the
line,, die opacity in die cool part of die wind is higher, and hence die absorption of the
continuumm emission from die hot part of die wind is more effective (see Fig. 4.11).
Conversely,, at maximum redshift, the cool component of die line is ratiier strong. In
fact,, at die very red side it is stronger tiian would be die case if die whole wind were
cool.. This results from the fact tiiat the intervening continuum opacity in the hot part
off die wind is lower tiian would be die case for a completely cool wind (Fig. 4.11).
InIn Fig. 4.12, die predicted infrared light curves are shown for a range of values
off die parameters ( Q , i , 0 ) . For comparison, the light curve derived from the May
19922 spectra is overdrawn (see Paper II), using Ffc = 11.373 mJy and to = 11.975 UT
ass derived from fitting die lightcurve to die model witii Q held fixed at 7 (Paper II).
Thee best-fit values of tiiese two parameters hardly vary with die choice of (Q,t, 0 ) .
Fromm die figure, it is clear tiiat die infrared light curve does not uniquely determine
Q,Q, i and 0 . The parameter combinations tiiat yield die most satisfactory fit to die

Thee Wolf-Rayet counterpart of Cygnus X-3
ii—i—i—r —i—i—r
ii i

t

I

II

II I

I I

115

I

m&êmmy-u m&êmmy-u

4-4--

ss i s &-ail
rt

i>> a a 5 e

aa 1 1 1 I I §
1..

UI. 1

jlliljl
l
ett J
oo

uu

uu

oo —
-- u

§§ § §

> > 22 JJ u j i 'o £ '
>>

II Ë S § g 1 8
99 «3 & 3 3
Ö
-o x o & g c

133

LJ,.II

j

I I

S*aa I 8 s § JS

JJ | * S a « ti
|| I 8 a J S §,

II IIi a11
-a S j
'* M «S c
ajj .BB
d —"a

u » u -a

II o

H g

ii "M T
taa
a "v *

II
88 M a11IJ-ë
J) £a ?
aa o c — « J2 2

.. a I i & .
oo -6 S § so a

33 a 5 f

.

11

e l § 11 | l E
EE ^ .2 S 8* 8 "8

Thee nature of CygnusX-3 3

116 6

_''

ii

'

i

i

ii

i

i

i

11

1.2 2Lo.o o
__, ,

1 1LL H

11 H+C' "

--—^_^^ ^

- " " ""

\

HH '.

r^
r^
11
:

0.8 8lff+C C
;;

--

0.6 6- H ' '
0.4 4

AA ~-

Tc Tc

ff

l

C' '

00
ii

i

:

AA -

0.2 2

i

- 11

i

i

i

ii

i

0

i

i

11
1

v/vw w
Figuree 4.11. The hot and cool components of the line profiles. In the left-hand panel
thee profiles for orbital phase 0 are shown (i.e., cool part in front). The profiles labelled
HH and C show the emission from, respectively, the hot and the cool part of the wind,
thatt one would observe if the other part of the wind were not present. The curve labelled
H'H' shows the emission from the hot part, as observed through the cool part. The curve
labelledd H' + Cis the combined profile that is also shown in Fig. 4.10. In the right-hand
panel,, similar curves are shown for orbital phase 0.5 (hot part in front). Here, the cool
partt is partly obscured by the hot part (curve C')

observedd light curve are those with with (Q,i,Q) = (4,90°,41°), (7,74°,34°) and
(15,66°,30°). .
Inn Paper II it was shown that the wavelength shifts observed in May 1992 could
bee reproduced with the model. The wavelength shifts shown in the other observations
aree very similar to these, and therefore we will not discuss these further, but rather
focuss on the line shapes predicted by the model, and compare these with the profiles
observedd in the higher resolution K-band spectra that we now have available.
Inn Fig. 4.13, we show the observed profiles for maximum redshift and maximum
blueshift,, and compare these with the predicted profiles. The latter were calculated
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Figuree 4.12. The model infrared light curve. In the panels, light curves are drawn for Q = 4,7
andd 15 for different values of i and 0 (as indicated). The observed light curve, as obtained from
thee May 1992 K-band spectra (see Paper II), is overdrawn. For this purpose, it was divided by
11.3733 mJy, the best-fit value of FfT for Q = 7, i = 74°, and 0 = 34° (for the other sets of
parameters,, the best-fit value of FfT is not very different). The observing times were converted
too phase using a time of superior conjuction t0 = 11.975 UT (the best-fit value of to is virtually
independentt of the other parameters)

forr the three parameter sets that produce the best fits to the observed light curve (see
above),, as well as for two other sets that produce adequate fits and that represent
somewhatt different positions in parameter space. From the figure, one notices that
thee modelled lines are weaker at maximum blueshift than at maximum redshift, as
discussedd above for the example shown in Fig. 4.10. Small absorption components
att maximum blueshift are found in three cases. These absorption components are not
numericall artefacts, but reflect the geometry of the model. In general, we find that
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Figuree 4.13. Observed and modelled line profiles at maximum blueshift (lower curves) and at
maximumm redshift (upper curves). In therightmostpanel the observed maximum redshift and
maximumm blueshift He n (10 — 7) profiles are shown (taken from Fig. 4.8). The fluxes of the
threee profiles have been divided by 9, 8 and 9 10~15 Wm _ 2 /im~\ respectively, and for the
conversionn to velocity, a wind velocity of 1500 km s - 1 was used. In the other panels, model
profiless are shown for five different sets of parameters (as indicated). The drawn curve reflects
thee model results, and the histogram the results smoothed and binned to the resolution of the
observationss (no smoothing over phase was applied). With the line strength that was chosen, the
linee would peak at ~40% above the continuum if the whole wind where cool (Q = 1)

theyy are present for values of 0 slightly larger than (90° - i), i.e., for the case in
whichh a significant fraction of the cool matter moving almost directly towards us, is
seenn projected against the hot part of the wind (for larger 0 , the optically thick central
regionn of the cool part of the wind intervenes).
Inn comparing the modelled profiles with the observed ones in more detail, one
shouldd keep in mind that Khns, which determines the strength of the line, has been
keptt the same for all models. For the value chosen, the line would peak at 40% above
thee continuum if the whole wind were cool. The equivalent width would be 0.6 i>w, or
~~ 70(u w /1500 km s _ 1 ) A at He II (10 - 7) (where 1500 km s _ 1 is the velocity indicated
byy both the He I and He n line profiles; see Sect. 4.6 below). In WN6/7 stars, equivalent
widthss ranging from 30 to 130 A are observed, with the stronger lines occurring in
WN66 stars (Hillier 1985; Van Kerkwijk et al., in preparation; see also Fig. 4.9). Hence,
differencess in the line strength of the order of a factor 2 are to be expected. Keeping
thiss in mind, a couple of conclusions can be drawn from the comparison with the
observedd profiles. Most notably, the relative strength of the lines at maximum redshift
andd their relative weakness at maximum blueshift that the model profiles show, is also
shownn in the observed He n profiles (see Sect. 4.4), both in the series of K-band spectra
obtainedd in 1992 (Fig. 4.7) and the one obtained in 1993 (Fig. 4.8). Furthermore, the
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asymmetryy of the observed profiles is consistent with that expected from the twotemperaturee structure of the wind.
Fromm a closer comparison (Fig. 4.13), one sees that the observed profiles - which
aree clearly resolved - are best reproduced for relatively large values of the opening
anglee and for values of the inclination not too close to 90° (notice, however, that, given
thee integration times of 20-30 minutes, the observed profiles represent averages over a
rangee of about 0.1 in orbital phase, and thus are expected to be somewhat broader than
thee modelled ones). From the different profiles somewhat different conclusions about
thee temperature ratio Q are inferred. The lower of the two maximum-redshift profiles
inn Fig. 4.13 shows hardly any blue-shifted emission, and from this profile one would
thuss infer a high value of Q. In contrast, the maximum-blueshift profile (taken in the
samee run) and the other maximum-redshift profile (taken a year earlier) show profiles
fromm which a lower value Q would be indicated. However, given both the difficulty in
determiningg the observed ratio due to the uncertainty in the continuum level, and the
simplicityy of the model, it seems that differences like these are to be expected, and that,
inn general, the characteristic variations shown in the observed profiles (Sect. 4.4.3) can
bee adequately reproduced.
4.6.. Wind velocity and mass-loss rate
Forr a constant-velocity, isothermal wind, the free-free flux depends only on the ratio of
thee mass-loss rate M and the velocity vw of the wind (lM/vw oc F®/*; Wright & Barlow
1975;; see App. 4.A). In Paper II, the relations given by Wright & Barlow (1975) and
Hillierr et al. (1983) were used to estimate the mass-loss rate in Cyg X-3. With the
parameterr Ffj determined from the fit to the May 1992 infrared light curve, corrected
forr 1.5 magnitudes of interstellar extinction, and the wind velocity determined from the
wavelengthh shifts, a mass-loss rate Ms = 410" 5 M© yr - 1 was derived (for a distance
off lOkpc, and assuming completely ionised helium (i.e., % = 2, Z = 2), and a gaunt
factor^^ of unity; see App. 4.A; cf. Hillier et al. 1983).
Anotherr estimate of the mass-loss rate can be made on the basis of the observedd increase of the orbital period. In Paper I, it was found that, under the assumptionn that the specific angular momentum carried away by the wind is equal
too that of the helium star, this dynamical argument leads to an estimate of Mdyn =
0.88 lO"5(Mtot/lOM©)M0yr~1, where Mtot is the total mass of the system. Hence,
forr reasonable values of the mass of the helium star (~ 10 M©) and the compact object
(1.44 M©), Kfoyn is smaller than Kfff by about a factor of 4. This discrepancy may well
bee larger, since, as shown below, the present observations indicate that Kfff has been
underestimatedd in Paper II.
Inn Paper II, a velocity of the wind of 1000 km s"1 was used to estimate Aïff.
Fromm the observations presented here, it is possible to derive a more accurate estimate
off the wind velocity. The most reliable estimate is probably obtained from the Hei
absorptionn features seen in the K-band spectra taken on the 15th of July, 1993 (Fig. 4.8).
Fromm the two spectra that showed these features clearly, velocities of 1500 200 and
16000 250 km s"1 were derived (Sect. 4.4).
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Anotherr estimate of the wind velocity can be obtained from the widths of the lines
att times that they do not show an orbital modulation. In Paper I, it was found that
thee Hell lines in the 1991 I and K-band spectra had full widths at half maximum
(FWHM)) consistent with a single value of 2700 km s - 1 , with an estimated uncertainty
off 200 km s- 1 . For the He n (5 - 4) lines in the spectra taken on the 14th of June, 1993,
wee find a FWHM of 2800 300 km s _1 . In order to find the velocity to which these
widthss correspond, we have to make an assumption about the intrinsic line profile.
Torress et al. (1986) find that, for a line with a parabolic shape, the conversion factor
Cvdd = Vw/FWHM equals 0.71, while for a line with a rectangular profile, it is 0.5. For
thee profile of a line in LTE arising in a one-temperature wind, wefindthat Cyd = 0.57.
Off course, these estimates only apply for well-resolved lines. For our spectra, with
aa resolution of ~ 500kms _1 in the I band, and ~ 900km s - 1 in the K band, we
findfind that Cvei for the one-temperature profile should be increased to ~ 0.6. Using
Cvdd = 0.6 0.1 as a conservative estimate, wefindthat the observed FWHMs of the
Hee II lines correspond to a wind velocity vw = 1650 300 km s - 1 .
Thee maximum velocity shown by the modulated profiles can also be used to
estimatee the wind velocity. In the 1993 K-band spectra, (Fig. 4.8; also Fig. 4.13)
emissionn is seen out to a redshift of 1500 150 km s - 1 . After correction for the
resolutionn of ~440 km s _1 , wefinda velocity of 1450 150km s - 1 .
Thee estimates mentioned above indicate a wind velocity of ~ 1500km s _1 , rather
thann the 1000 km s - 1 used in Paper II. With the new velocity, the mass-loss rate
mentionedd above will increase by a factor 1.5 (if the assumption that the velocity is
constant,, is valid).
Anotherr uncertainty in the estimate of the mass-loss rate stems from the variability
byy about a factor 2 of the phase-averaged infrared intensity of the source. From the
spectraa that we have available now, it seems likely that the intensity of the source is
systematicallyy lower when the lines are weak. In terms of our model, the wind is most
'Wolf-Rayett like' when the lines are strong, and therefore the mass-loss rate might be
underestimatedd if one uses, as in Paper II, the flux estimate derived from the weak-line
Mayy 1992 spectra. If we would use instead the flux as observed in the June 1991
spectrum,, the inferred mass-loss rate would increase by another factor 1.5.
Forr the interstellar extinction A% in the K band, a value of 1.5 magnitudes was
used.. This vaue was derived by Becklin et al. (1972) from the infrared colours of
Cygg X-3, under the assumption that the intrinsic colour H — K £> 0.3. However, as we
willl show below (Sect. 4.8), the shape of the infrared continuum indicates AR ^ 2.0.
Hence,, the intrinsic flux may have been underestimated in Paper II. For an increase of
0.55 magnitudes in AR, the estimate of the mass-loss rate increases by a factor 1.4.
Inn summary, the estimate of the mass-loss rate MR given in Paper II should be consideredd as a lower limit. If all three corrections mentioned above apply, Mfr increases
byy a factor 3, to 1.210-4 M© yr _1 , and becomes an order of magnitude larger than the
dynamicall estimate AfdynInterestingly,, for the one other Wolf-Rayet binary for which a dynamical estimate
off the mass-loss rate is available, namely WR139 (V444 Cyg), the dynamical estimate
iss lower by about a factor 3 than the estimates based on the free-free radio emission
andd on the modelling of the infrared spectral lines (St-Louis et al. 1993, and references
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therein).. Far this system, St-Louis et al. (1993)findadditional evidence for the lower
mass-losss rate from polarisation measurements. They suggest that the discrepancy
mightt result from inhomogeneities in the wind. Since the free-free and (non-resonance)
linee emission processes depend on the square of the density, these inhomogeneities
wouldd lead to enhanced free-free and line fluxes, and hence, when the inhomogeneities
aree neglected, the mass-loss rate will be overestimated. In contrast, the estimates based
onn the polarisation depend linearly on the density, and thus are independent of these
inhomogeneitiess (provided the wind is optically thin to electron scattering).
Additionall evidence that the mass-loss rates in Wolf-Rayet stars may be lower
thann is inferred from line and free-free continuum fluxes, comes from the profiles
off strong He II lines (e.g., He n (3 - 2) A1640, He n (7 - 4) A5411). For these lines,
thee electron-scattering wings predicted by model calculations tend to be stronger than
thosee observed by a factor of ~ 2 (Hillier 1990). Hillier (1990) suggests that this
discrepancy,, like the one mentioned above, reflects the presence of inhomogeneities
inn the wind, due to which the line emission processes - which scale with the density
squaredd - are enhanced, while the electron scattering process - which scales linearly
withh the density - is not. In order to test this expectation, Hillier (1991) performed
exploratoryy model calculations on an inhomogeneous wind. He found that, indeed,
liness as strong as those obtained for a homogeneous wind, but with electron-scattering
wingss in accordance with the observations, could be obtained, for a mass-loss rate that
wass about half that needed for a homogeneous wind.
Fromm the above, we conclude that the mass-loss rate Mg of ~ 10~4 M© yr _1 that
iss inferred from the infraredflux,should be regarded as a highly uncertain estimate of
thee genuine mass-loss rate Jlïiiue. From the cases discussed above, it follows that Mtme
mayy be smaller than Jlifff by a factor of 2-3. For Cyg X-3, it seems not unlikely that the
differencee is even larger, since possible inhomogeneities may well be enhanced as a
resultt of its variable nature. Notice diat the conclusions drawn in the previous section
aree not necessarily affected, provided the inhomogeneity of the wind is similar in both
thee hot and the cold part of the wind.
4.7.. Ramifications
Inn this section, we will discuss qualitatively the complications that arise for cases in
whichh one or more of the assumptions underlying our model are invalid. We will start
withh the main assumption, viz., that the size of the continuum and line emitting regions
iss much larger than both the orbital separation and the size of the regions of the wind
wheree significant velocity and temperature gradients are present (Sect. 4.5.1). Thereafter,, we will briefly discuss the effects of the rotation of the system, of the contribution
off bound-free processes to the absorption opacity, and of electron scattering.
4.7.1.4.7.1. The size of the continuum and line emitting regions
Wrightt & Barlow (1975) define the characteristic radius of the free-free emitting region
byy the condition that the integrated flux emitted exterior to that radius (i.e., without
optical-depthh effects) equals the flux from the whole wind (including optical-depth
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effects).. At this radius, the radial optical depth to infinity is 0.244. It is given by
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wheree the numerical values for the mass-loss rate Mn and the wind velocity vw
weree taken from Sect. 4.6, and the value for the temperature T is an estimate of the
temperaturee in the cool part of the wind. Notice that we have, on purpose, used the
mass-losss estimate Ms, since, for the estimate of the free-free radius, we want to
includee the possible effects of the inhomogeneities (Sect. 4.6). We note in passing that
thee effective radius of the wind, defined by F^ = 4TrB(T)Rla> is at a radial optical
depthh to infinity of 0.05 (Hillier et al. 1983), and that it is a factor 1.7 larger than the
characteristicc radius defined above.
Fromm the temperature dependence of the characteristic radius, it is clear that the
assumptionn that it is large compared to the other relevant sizes, will break down first
inn the high-temperature part of the wind. Taking the size of the Roche lobe of the
heliumm star - 1.7 R© for a 10 M© helium star and a 1.4 M© compact object (Paper I)
-- as an optimistic estimate of the value of the characteristic radius below which the
assumptionss will break down, wefindthat the critical value Qcnt of the temperature
ratioo is 27 in the K band (for the values of Kfg, vw and T used in Eq. 4.1). As a more
pessimisticc estimate, the orbital separation can be used, which, for the masses quoted
above,, is 3.2 R©. The value of Quit corresponding to this radius is 8. For the I band,
thee values for the two cases are Qmt = 8 and 2.3, respectively.
Thee estimates of the critical values of Q are within the range of values that we have
usedd for our model. Hence, it is likely that deviations from the model results discussed
abovee occur. For the wind of the helium star, one expects that both the assumption that
thee wind is isothermal, and the assumption that is has a constant velocity, will not be
validd close to the star. Furthermore, the assumption that the shadow can be represented
ass a cone with the helium star at its apex, will break down. We will discuss these three
pointss in turn.

Temperature.Temperature. Close to the surface of the helium star, where the X rays cannot pen
etrate,, the temperature of the wind will be determined by the helium-star properties
alone,, and thus be lower than assumed in our model. To obtain a crude estimate of the
consequencess this has, we consider the case where outside of a certain radius R*, the
windd is strongly heated, and within that radius not at all. At very large wavelengths,
thee heated part of the wind will be optically thick, and our model assumptions apply.
However,, going to smaller wavelengths, the heated part will become optically thin,
andd the cooler layers below will become visible. In these layers, the optical depth is
muchh higher, and thus these layers will effectively appear as a blackbody of radius Rb,
withh the temperature determined by the helium star properties. Hence, the spectrum
willl flatten, until, at still smaller wavelengths, the wind will cease to contribute, and
thee spectrum will be that of a black body.
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Velocity.Velocity. For high values of Q, one will observe the deeper, accelerating layers of the
wind.. Since the velocity in these layers is lower, the density and thus the free-free
opacityy will bee higher. In consequence, the effects will be opposite to those discussed
forr the temperature above: the flux will be higher, and, since this effect will be stronger
att smaller wavelengths, the spectrum will be steeper than is expected for a constantvelocityy wind.
GeometryGeometry The assumption that the wind is confined within a cone with the helium star
att its vertex, will also cease to be realistic for high values of Q. From trial calculations
onn a two-temperature wind with a genuine shadow, we found that, indeed, for high
valuess of Q, the light curves differ significantly (mostly showing a wider minimum).
Mostt of the difference is due to the fact that the very dense parts of the wind, well
withinn a stellar radius of the star, now become shadowed and thus cool. However, since
closee to the star also the assumption of a constant temperature and a constant velocity
willl be invalid (see above), we do not consider these results as better than the ones
obtainedd with our model in its simplest geometric form.
4.72.4.72. Rotation
Duee to the orbital motion in the system, the matter in the wind of the heliumm star will
startt to trail the star at larger radii. Hence, in assuming that the cool part is within a
cone,, we implicitly assume that both the cooling in the shadow, and the X-ray heating
outsidee are very fast. If this is not the case, the cool part of the wind will be lagging
att larger radii. An observational indication that this may in fact happen, is that the
X-rayy light curve shows an asymmetric minimum, with a rather steep ingress and a
moree moderately-sloped egress. In the infrared, a similar effect may be present. For
instance,, the infrared light curve observed by Mason et al. (1976), shows an ingress
thatt is steeper than the egress. The K-band light curve we observed, is more symmetric
(Fig.. 4.12), but from the points in the phase interval -0.26 to -0.2, it does appear that
ingresss is somewhat faster than egress.
4.73.4.73. Bound-free opacity
Anotherr effect that we have neglected in our model, is the contribution of the bound-free
processs to the opacity. Since its contribution decreases with increasing temperature,
onee may expect that, going from a one-temperature to a two-temperature state, the
infraredd flux will decrease. As mentioned in Sect. 4.5.1, the effect is not very large in
thee K band, the contribution of the bound-free opacity to the total opacity being less
thann 25% of that of the free-free opacity (Hillier et al. 1983; the percentage applies
att a temperature of 3 104 K, a reasonable lower limit for a spectral type of WN6/7).
Hence,, going from a wind that is completely cool to a wind that is strongly heated,
thee flux will decrease by at most 20%. In the I band, the decrease in flux should be
larger:: up to 40% is expexted from the relative contribution of the bound-free opacity
listedd by Hillier et al. (1983). The observed changes in the I-band continuum level are
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consistentt with these values, but in the K band, the observed changes (up to 50%) are
tooo large.
Apartt from a change in flux depending on the state of the wind, the contribution of
thee bound-free opacity should also be reflected in an increased depth of the modulation,
since,, due to its contribution, the cool part of the wind should be more opaque, while the
hott part should not. Given the wavelength dependence of this contribution, this effect
shouldd be stronger at smaller wavelengths. Hence, one would expect that the depth
off the modulation would increase going to smaller wavelengths. The observational
evidencee on this is confused: Fender & Bell-Burnell (1993) find that the depth of the
modulationn is larger at H than at K, but Molnar (1988) finds that there are no colour
changess with orbital phase.
4.7.4.4.7.4. Electron scattering
Electronn scattering will be important for radii at which T^ ~ 1. For constant-velocity,
spherically-symmetricc mass loss, this radius is given by

^ = 9 6 ( Ï F 4 ^ ) ( ^ Ö ^ ) " 1 R --

(42)

Hence,, for the free-free mass-loss rate of ~ 10~4 M 0 yr_1 (Sect. 4.6), electron scatteringg will be important in the hot part of the wind for all Q. However, as discussed in
Sect.. 4.6, the genuine mass-loss rate Mm*, with which the electron scattering optical
depthh scales, is most likely lower by at least a factor 2-3. For such a lower estimate,
.Ress ~ 3-5 R©, and hence electron scattering will be important in the hot partt of the
windd for Q ^ 3-8. Due to the electron scattering, the hot part of the wind will appear
moree extended. Hence, the depth of the modulation will decrease somewhat, and the
minimumm will become somewhat wider.
Att the radial distance of the X-ray source (a ~ 3R©; see above), the electron
scatteringg optical depth to infinity will be £ 1 even when the mass-loss rate estimate
iss decreased by a factor 2-3. Thus, the X-ray source will effectively be larger, and
thee shadow of the helium star will become less well-defined, especially at larger radii.
Onee may expect that, in these less shadowed regions, the degree of ionisation will be
increased.. This may explain the absence of He I emission in the spectra with weak,
modulatedd lines.
4.8.. The continuum energy distribution
Iff the idea that the infrared continuum and lines in Cyg X-3 originate from a WolfRayett wind, is correct, it is to be expected that the continuum energy distribution is
similarr to that observed in Wolf-Rayet stars, i.e., that it can be described by a power-law
off the form Fv oc I A For normal Wolf-Rayet stars, Morris et al. (1993) found that the
frequencyy distribution of the values of /? was approximately Gaussian, with a mean
valuee of 0.8, and a standard deviation of 0.4. For our model, 0 = 2/3 is expected.
Inn order to test the expectation of a power-law flux distribution, and also to test
forr possible deviations that might result from the break-down of the assumptions
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underlyingg our model (as discussed above), we collected photometric data from the
literature,, and combined these with the our spectroscopic results. For this purpose, the
K-bandd spectra can be used directly, since these areflux-calibratedThis not the case
forr our I-band spectra. However, since these were reduced relative to the nearby star A
(seee Sect. 4.3.1), for which photometry is available, we can obtain an estimate of the
fluxesfluxes using star A as a local standard.
Forr star A, Westphal et al. (1972) list V = 15.05, B - V = 0.98 and U BB = 0.43. From our spectra, we found that the spectral type is in the range F5
too GO (Sect. 4.3.1). From the observed colours, we conclude mat the star cannot
bee a supergiant. For main-sequence stars of the above-mentioned range in spectral
type,, the effective temperatures range from 6400 to 5900 K, and the intrinsic colours
{(U{(U - B)0,(B - V)0,(V - /)<,} range from {0.00,0.43,0.64} to {0.11,0.59,0.81}
(Johnsonn 1966). With the interstellar extinction law given by Mathis (1990), the EB-v
andd EU-B colour excesses correspond to values of the interstellar extinction at J
rangingg from Aj = 0.48 to 0.34, and from Aj = 0.52 to 0.39, respectively. [Notice
thatt the interstellar extinction law of Mathis (1990) is normalised at J. This band is
chosenn because longward of ~ 1 /xm the extinction law is virtually identical in all lines
off sight.] Hence, the expected Johnson I magnitude ranges from 13.52 to 13.59.
Forr thefluxcalibration, we assume that, in the wavelength range covered by our
spectra,, star A can be represented by a black body of 6000 K, reddenedd by interstellar
extinctionn corresponding to Aj = 0.4, and scaled to produce an I-band magnitude of
13.555 (these values are appropriate for spectral type F8). To estimate the accuracy
off this procedure, we also calibrated the I-band spectra of the Wolf-Rayet stars, and
comparedd these with our J-band spectra obtained at UKIRT. We found that the flux
calibrationn was accurate to ~ 20%, with no obvious systematic offsets. More importantly,, the differences in the power-law slope /? of the spectra were found to be less
thann ~ 0.1.
Figuree 4.14 shows the observed flux distribution derived from our spectroscopy,
andd from photometry in JHKL by Molnar (1988), in I by Wagner et al. (1989), and in
RR by Wagner et al. (1990). Regarding the I-band photometry published by Wagner et
al.. (1989), we note that it is not quite clear to what effective wavelength the magnitude
off Cyg X-3 refers (details about the filter set have not yet been published). For star A,
theyy list I' = 13.78. Given the magnitudes mentioned above, an effective wavelength
off \\' ~ 0.85 pirn seems indicated. For this wavelenth, / ' = 20 for Cyg X-3 would
correspondd to afluxof ~ 0.026 mJy (using Johnson 1966), which is within the range
offfluxesthat wefind(see Fig. 4.14). However, given the uncertainty about this filter,
wee have not used this magnitude further.
Inn Fig. 4.14, we also show the flux distributions corrected for three different
amountss of interstellar extinction, corresponding to Aj = 4, 5.5, and 7. As above,
wee used the reddening law of Mathis (1990). For wavelengths longward of 0.8 j*m,
thiss extinction law is equivalent to A\ oc X~a, with a = 1.7. For the R band, Mathis
(1990)) lists two values of the ratio AK/AJt one for 'diffuse dust' (2.66, close to what
iss expected from extrapolation of the A _ 1 -7 law), and one for 'outer-cloud dust' (2.43).
Forr comparison, we also show the I, J and K-band spectra of WR134 (WN6), dereddenedd using Aj = 0.69 (EB-v = 0.47; Morris et al. 1993).
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Figuree 4.14. The continuum flux distribution. Shown are the fluxes derived from photometryy collected from the literature, and from our spectra. The lower set of points and
curvess (Aj = 0) reflects the observed data. The JHKL points are connected by a dashed
linee to indicate that they were obtained simultaneously. Two K-band spectra are shown,
thee spectrum with strong lines obtained on the 29* of June, 1991, and the weak-line
averagee spectrum obtained on the 29* of May, 1992. In the I-band, the strong-line
averagee spectrum obtained on the 14* of June, 1993, is shown, the weak-line average
spectrumm obtained on the 25* of July, 1992, and, to extend the wavelength range to
smallerr wavelengths, the strong-line spectrum obtained on the 21 $l of June, 1991 (notice
that,, for the latter, the flux level may be underestimated; see Sect. 4.3.1). The other sets
off points and curves reflect the data corrected for the interstellar extinction for three
differentt values of Aj (as indicated). The extinction law we used was that of Mathis
(1990).. For the IJHKL bands, this extinction law gives A\ <x A - 1 7 . For the R band,
wee show both the flux dereddened using AR/AJ = 2.66 (applicable for 'diffuse dust';
filledd points), and that found using A^/Ai = 2.43 ('outer-cloud dust'; open points). For
comparison,, the flux-calibrated I, J and K-band spectra of WR 134 (WN6), corrected for
interstellarr extinction using Aj = 0.69 (Morris et al. 1993), are shown at the top (shifted
upwardd by 0.5 dex for clarity)
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Fromm thefigure,it is clear the shape of the intrinsicfluxdistribution of Cyg X-3
iss very sensitive to the assumed amount of interstellar reddening. In order to obtain a
fluxflux distribution that neither starts to fall at small wavelengths, nor becomes steeper
thann the Rayleigh-Jeans tail of the Planck funtion, the value of Aj should be larger
thann 4 and smaller than 7. From more detailed plots, we find that, in order to have
-0.33 £ fa & 2 for the I-band spectra, one needs 5 £ Aj ^ 6. [Here, /? = -0.3
correspondss to optically thin free-free emission.] For this range, the power-law index
ass derived from the largest wavelengths (i.e., K, L), varies from 0K-L = 1.2 to 1.6. For
AjAj = 5.5, the wholefluxdistribution longward of R is consistent with /?A>O.8 = 1.4.
Forr all values of Aj, the R-band flux is only consistent if the 'outer-cloud' value of
-AR/AJJ is used.
Ann uncertainty in the above derivation is introduced by the uncertainty of about
0.11 in the index a used in the extinction law (Mathis 1990). We find that, to have
-0.33 £ A £ 2 for a = 1.8, the range in Aj has to decreased by ~ 0.1, /3K-L by
~0.2,, and /?A>O.8 by ~0.2. For a = 1.6, the range in As has to be increased by ~0.3,
andd PK-I by ~0.1. For this value of a, wefindthat it is not possible to fit the whole
spectrumm well with a single power-law. The least-bad value of /?A>O.8 is ~ 1.9.
Inn summary, under the assumption that -0.3 £ A £ 2, wefindthat A} = 5.5
,
Thiss value corresponds to a K-band extinction of AK = 2.1 0.4. For As ~ 5.5, the
fluxflux distribution for A > 0.8 /zm has a power-law shape, with 0A>O.8 = 1.4 0.3, This
valuee is higher than predicted by our model, but not inconsistent with the values found
forr normal Wolf-Rayet stars. In the sample of 78 Wolf-Rayet stars studied by Morris
ett al. (1993), 6 have (3 > 1.4, and 20 have j3 > 1.1. Since we do not see a strong
variationn in slope between the strong and the weak-line spectra (Figs. 4.14, 4.2 and
4.6),, the large slope we observe is unlikely to be related to the breakdown of the model
forr high values of the temperature ratio Q. Instead, it more likely reflects the fact that,
inn general, the model is too simple to provide a detailed description of a Wolf-Rayet
wind. .
4.9.. Discussion and conclusions
Theefirstinfrared spectroscopic observations of Cyg X-3 (Paper I) showed the presence
off Wolf-Rayet emission features in the infrared spectrum of Cyg X-3, which indicate
thatt a strong, dense, helium-rich wind is present in the system, in which both the infrared
liness and continuum originate. In follow-up observations, the emission lines were much
weaker,, and they shifted in wavelength as a function of orbital phase (Paper II). It was
arguedd that this could be understood in the context of the helium-star model, if, at
times,, the Wolf-Rayet wind is strongly ionised and heated by the X rays originating
fromm the compact object. Furthermore, it was argued that, if this were the case, the
observedd modulation of the infrared continuum would follow as a natural consequence.
Inn support of this argument, it was shown that observed variations could be reproduced
withh a simple model of the system, in which the wind has a two-temperature structure.
Inn this paper, we have presented a number of additional observations. These observationss confirm the prediction, made in Paper II, that the emission lines show
wavelengthh shifts as a function of orbital phase if they are weak, but not if they are
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strong.. We have described the model used in Paper II in detail, and presented model
continuumm light curves and model line profiles for various combinations of the parameters.. From these results, we have found that not only the wavelength shifts, but also
thee fact that the line profiles at maximum redshift are stronger and narrower than at
maximumm blueshift, follows naturally from the assumption of a two-temperature wind.
AA problem that we have encountered, is that the estimate of mass-loss rate inferred
fromm the infrared flux, is an order of magnitude larger than the estimate inferred
fromm the rate of increase of the orbital-period. Also, we have found that the observed
fluxflux distribution is not consistent with the model. However, since similar deviations
aree found for normal Wolf-Rayet stars, we believe that these discrepancies reflect the
simplificationss made for our model, and that they do not invalidate the main conclusions
off our work, viz., that the continuum and the lines arise in the wind of the helium star,
andd that the modulation of both lines and continuum results from the fact that the wind
iss highly ionised by the X-ray source, except in the helium star's shadow.
Theree is one possibly major problem, however, that, so far, has been addressed only
brieflyy (in Paper I). This is the fact that the radii of Wolf-Rayet stars that are derived
fromm model fits to Wolf-Rayet spectra (e.g., Schmutz et al. 1989), are much larger than
thee radius of the Roche lobe in Cyg X-3 (Paper I; Conti 1992). Schmutz (1993) has
triedd to model the 1991 I and K-band spectra of Cyg X-3 using the Wolf-Rayet wind
modell described by Hamann & Schmutz (1987) and Wessolowski et al. (1988). He
foundd that the stellar parameters were typical for a Wolf-Rayet star of spectral type
WN7,, but that, given the absolute K magnitude, the photospheric radius was larger than
thee orbital separation by a factor 3. In order to resolve this discrepancy, he suggested
thatt the distance to Cyg X-3 was much smaller than lOkpc, so that the luminosity, and
thuss the mass and radius, were much smaller. He suggests that the 21 cm absorption
features,, on which the 10 kpc distance is based, may be due to circumstellar shells.
Althoughh the suggestion of a lower distance is tempting in that it would also
resolvee the discrepancy between the different estimates of the mass-loss rate, we
believee that it is asking too much from coincidence to have circumstellar shells at
suchh velocities and with such strengths that they produce an absorption profile which
correspondss closely with the combined emission profile of the Local, Perseus and
Outerr arms (for references, see Sect. 4.2). Instead, we believe it more likely that the
estimatee of the radius derived from the model-atmosphere fits is wrong. We stress,
likee in Paper I, that these estimates are based on an assumed velocity law, which
iss used to extrapolate inward from the regions where the continuum and lines are
formed,, to the so-called 'zero-velocity' radius. Usually, for this velocity law, a /?-law
iss used (v = Voo(l - R*/r)P). This velocity law has been found to be a reasonable
approximationn for O stars, but there is no reason to assume it is valid for Wolf-Rayet
starss as well, especially close to the star, where the core-halo description used for O
stars,, is not valid (for a more thorough discussion, we refer to Kudritzki & Hummer
1990). .
Ann observational indication that the radii of Wolf-Rayet stars are actually quite
smalll comes from eclipse light curves. For instance, Cherepashchuk et al. (1984) found
thatt the eclipse light curve of V444 Cyg indicated a core radius (electron-scattering
opticall depth unity) of only 2.8 R 0 . Hamann & Schwartz (1992) argue that this estimate
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iss not unique, and that the radius of the Wolf-Rayet star could be much larger. However,
fromm the polarisation measurements, St-Louis et al. (1993) find that radii larger than
~~ 4 R 0 are excluded. From this observational evidence, it seems that the radii of WolfRayett stars are not unlike the radii expected from stellar model calculations (e.g.,
Langerr 1989). For such radii, the helium star would fit well inside the Roche lobe in
Cygg X-3 (Paper I).
Fromm the above, we conclude that, at the present time, there is no reason to reject
thee idea that the companion of Cyg X-3 is a massive Wolf-Rayet star. Instead, Cyg X-3
shouldd be regarded as an interesting system, in which a Wolf-Rayet wind can be probed
throughh the combined effects of occultation and variable ionisation by X rays.
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4.A.. Free-free and line emission from a two-temperature wind
AA solution to the equations of radiative transfer for the free-free emission arising from
aa spherically-symmetric, radially expanding, constant-velocity, isothermal wind has
beenn obtained by Wright & Barlow (1975). Here, we will first briefly follow their work
inn order to introduce the nomenclature, and then generalise it for a two-temperature
windd as discussed in Sect. 4.5. Furthermore, we will derive expressions for the emission
off a line in local thermodynamic equilibrium (LTE).
Forr our derivations, we will use a cylindrical coordinate system (p,<p,z) with the
wind-emittingg star at the origin and the observer in the direction of z = - o o . In this
coordinatee system, the flux received by an observer at distance D is given by
FvFv =

Ta \

/

J*(-°o)i»dpdp,

(4.3)

wheree J„ is the specific intensity in the direction of the observer. For brevity, we have
heree and below not explicitly indicated the dependence on p, (p. The specific intensity
iss given by
r

„(-oo)== /

S„(z)e-r"<*>dT„(z),

JJ z~~ oo

wheree S„ is the source function and T„ the optical depth to the observer.

(4.4) )
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4A.1.4A.1. Free-free emission
Forr free-free emission, the source function equals the black-body intensity
Hence,, for an isothermal wind one finds from Eq. 4.4 that
J*(-oo)) = B„{T) ( l - e - r ? ( + o o ) ) .

BV(T).

(4.5)

Thee free-free optical depth is given by
TJ(+OO))

= r°°

anv[T) (l - c-hv/hT)

lenfdz,

(4.6)

wheree r^ is the ion number density, 7e = n e /nj the number of electrons per ion, and a£
thee free-free absorption cross-section. The term (1 — t~hvlkT) corrects for stimulated
emission.. The free-free absorption cross-section is given by (Allen 1973)

wheree g^ is the free-free Gaunt factor, and the other symbols have their usual meaning.
Forr a spherically-symmetric wind that is radially expanding with a constant velocity
u w ,, the ion number density is related to the mass loss rate M by
1
MM
47r/xmH'uww p2 + z2'
wheree //. is the mean atomic weight, and TTIH the mass of a hydrogen atom. Combining
Eqs.. 4.8 and 4.6, and solving the integral (substitute (' = arctan z' /p), one finds

* ° ° ) = 2 " 7 " ^ --

(49)

Here,, we have defined

* « m . a ï mm ( ! - . - / » • ) 7 k ( s ^ - ) 1 .

(4,o)

Withh Eqs. 4.5 and 4.9, Eq. 4.3 can now be integrated (substitute y =
(7rür ff /2p 3 )- 1 / 3 ,, and use / y ~ y(l - t~y~3)dy = - r ( - 2 / 3 ) / 3 ) . This gives the followingg relation for the total flux arising from a one-temperature wind

^.^Sgl^cnf.^.^Sgl^cnf.
VoxhvVoxhv < JfcT, valid at infrared wavelengths, BV(T) oc Tand K%(T) oc T~ 3 / 2 . Hence,
thee total flux is independent of the temperature.
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Noww consider a line of sight where the temperature is T ^ from the observer to
aa boundary at z = z\, T^ from z = zx to z = z% and T^ again from z = z2 on to
infinity.. Then, the equivalent of Eq. 4.5 is
I„(-oo)) = Bv(Tte) (l - e - * * > ) +
^ ( r c o o l ) ( e - r ^ ) - e - ^ ( ^ )) +
S*(r,„)) ( e " ^ - e-^ (+oo) ) .

(4.12)

Followingg Eqs. 4.6-4.10, onefindsthat the optical depths are given by

tfri)) = fif ^P*),
*?<-*>> = r ^ 0

+

(4.13)

(t2-*i)?^§^and
22

Tfff-I.rt^^ - - r ^ , U M

p3

(4.14) )

* Ny ^(Jhot)

(4.15) )
22 p 3
wheree th2 = (sinft)2cos Ci,2 + Ci,2 + f )/* with Ci,2 = arctanfo^/p).
Forr the case that *i and t2 are independent of p, the integral over p in Eq. 4.3
cann again be solved. Making use of the fact that in the infrared Sv(7j,ot) ~
(WTcooO^CTcoo!)) and J ^ ( r t e ) ~ (T^/T^r^K^T^X
and writing Q =
Tbot/Toooi,, it follows that
„ - „ N2/3
VJ
(f ^Oi-))
Iftt . 2 r7( -r | i))^^ (^T o-o o)j ) fir
x

£s{«-«(^y y
2/3 3

'v>=oo '~

( i - Q ) ( * i O " 3 / 22 + («a-«i)) 2 / a +

<?? ((*i +1 - h)Q-3/2 + (t2 - *i)) 2 / 3 } •

(4.16)

Here,, we have neglected possible effects due to the temperature dependence of -ye and
Fromm Eq. 4.16, it is clear that the flux from a slice of the two-temperature wind
cann be expressed as the flux expected for a one temperature wind, modified with a
geometricc factor that depends on the temperature ratio. In order to derive the total flux,
thee integration over <p in Eq. 4.16 has to be done numerically. Here, one has to take
intoo account that a line of sight can also cross only one boundary or no boundary at
all.. For those cases, t\ and/or t2 should be set to zero or one, as appropriate.
44 A 2. Line emission
Forr the inclusion of line emission in the wind, we use the Sobolev approximation
(Sobolevv 1960), i.e., we assume that there is little physical change in the medium across
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thee distance in which the Doppler displacement at the frequency of the line changes by
ann amount equal to the width of the line absorption profile. For the optical depth this
impliess that, going from infinity to the observer, it will at first steadily increase due
too the continuum opacity, then show a stepwise increase when the position is crossed
wheree the (Doppler shifted) line is formed, and then increase smoothly again. Castor
(1970)) has shown that with the Sobolev approximation the specific intensity due to
linee emission alone is given by
J?"(*)) = S%*M (l - e ^ 0 0 * * ' * - " ) .

(4.17)

Here,, y(z) is a function that changes rapidly from 0 to 1 at z = ZQ, the position where
thee Doppler shifted rest frequency VQ of the line matches the observing frequency v.
Thee position ZQ is given by the following relation
„ ww

zo

u_-u,^

y/p*y/p* + 4

(4J8)

"o "o

Onee can easily verify that, for an isothermal wind, the specific intensity arising
fromm both free-free and line emission is given by

ƒ„<-«>)) = B¥(T)[(l-*-***)

+

f g - i f ( * o )) _ e -*f(+«>A c -rJj-(+oo)j +

S f ( « ö )) ( l - e - ^ < + o o ) ) e " * 1 » .

(4.19)

Here,, the first term is the part of the free-free emission that is not attenuated by
absorptionn due to the line opacity, the second term is the attenuated part of the freefreee emission, and the third term is the line emission attenuated by some free-free
absorption.. For a line in LTE, Sjj1* = BV(T). Hence,
I„(-oo)) = BV(T) (l - e-^<+0O>-*?"<+«») .

(4.20)

Castorr (1970) derived an expression for the line optical depth in the Sobolev
approximationn for a spherically-symmetric, radially expanding wind. Assuming furthermoree that the velocity of the wind is constant, one finds for a line from excitation
levell / to u and ionisation level j

r ^ ( + o o )) = o j " (mj
VV

- ^nttii) V + V
*
9u,j
J i>öVw/c ( l - z j / p 2 + ^ )

(4.21)

wheree a1™ is the line absorption crosssection. For a line in LTE, the second factor
reducess to n, t i (l - e~hvo/kT) (Mihalas 1978, Eqs. 7-1 and 7-3). The LTE population

- * • ••
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off excitation level I can be calculated using the following form of Sana's equation
(Mihalass 1978, Eq. 5-14)

-'•'' = 2 ( w r )

^'

J

-»-""

T

-^.-.

(4.22)

wheree xij is the excitation energy and xi,j the ionisation energy from the ground
level. .
Similarr to Eq. 4.10, we define

**WW

=*

(. - .-«/«) *,,OW

(^)2,

(4.23,

wheree -yi+\ = no,J+ i /nj, and $/, j (T) contains the factors in Eq. 4.22 that do not depend
onn the number densities. With Eqs. 4.8,4.18,4.22 and 4.23, Eq. 4.21 reduces to
(4.24) )

MD"w w

Withh the relations for the specific intensity (Eq. 4.20) and for the free-free and line
opticall depths (Eqs. 4.6 and 4.24), one can integrate Eq. 4.3 to obtain

'-^¥(f^r« «
ll +

*!<*<¥) l^f-(^r^)

I

•

(4.25)

Thee concept given above can be adapted easily to a two-temperature wind by adding
in Eqs. 4.13-4.15. Notice, however, that from Eqs. 4.22 and
4.233 it follows that K^ oc T~^2 for hv < kT (neglecting possible changes in ye,
7i+ii and *i f i (T)). Hence, K^T^)
=
Q-^K^T^).)
TJJ1** to the appropriate T J
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Neww bright Be stars and the Be star frequency
Summary.. In the course of a large-scale multi-wavelength survey of bright B and Be
starss we have discovered five hitherto unknown Be stars and one new Oe star: HR 1037
(B6Vn),, 2806 (09V), 5953 (B0.3IV), 6427 (B9.5V+A6III), 6747 (BOIIIn) and 8967
(B9V).. We present Ha spectra and equivalent widths for these stars. Wefindthat one
knownn Be star, HR 6621 (B4IVe), probably has been misclassified as such because
duee to its binary nature its spectrum mimics Ha emission. From our results we infer withh 99% confidence - that the Be stars constitute at least 15% of all non-supergiant
BB stars in the Bright Star Catalogue.

5.1.. Introduction
B-emissionn (Be) stars are defined as stars of spectral type B0-9.5 and luminosity class
III-VV that show, or have shown, Ha emission (for a review, see Slettebak 1988). Of
thee total population of B-type stars, the currently known Be stars constitute about 11%
(Jaschekk & Jaschek 1983). Apart from emission at Ha, many Be stars also exhibit
emissionn in the higher Balmer lines and/or in Fe II, and many show excess continuum
emissionn at near- and far-IR wavelengths. It is generally thought that the emission lines
-- which are often double-peaked - originate in a circumstellar disk in the equatorial
planee of the Be star. Such a disk also gives rise to the excess infrared emission due to
bound-freee and free-free radiation. Be features such as Ha emission can be variable
onn both long (months to years) and short (days or less) timescales. In some cases the
Bee character may disappear altogether. The Be phenomenon is not confined to stars of
spectrall type B only; some late O and early A stars show similar properties.
Thee physical mechanism underlying the Be phenomenon is not clear, but the fact
thatt most Be stars are rapid rotators (v sint > 200kms _1 ; Waters 1986) seems to
indicatee that rotation is an important ingredient. The rapid rotation of Be stars could
bee an intrinsic property of the stars, i.e. they were born spinning rapidly. However,
itt has been predicted that a large number of rapidly rotating B stars will be formed
inn close binaries (Waters et al. 1989; Pols et al. 1991). This prediction is based on
thee fact that in the course of the evolution of a close binary a large amount of matter
Cotéé J., Van Kerkwijk M.H., 1993, A&A 274, 870
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andd angular momentum is transferred from the primary to the secondary. Hence, the
secondaryy is rejuvenated and spun-up. If all rapidly rotating stars formed this way
weree to become Be stars, it is expected that many of the observed Be stars would have
ann evolved companion: a helium star, white dwarf (WD) or neutron star (NS). Be+NS
systemssystems can be observed as Be/X-ray binaries when material from the circumstellar
diskk surrounding the Be star is accreted onto the neutron star (Van den Heuvel &
Rappaportt 1987; Waters 1989). The Be+WD systems are expected to be about ten
timess as numerous as the Be+NS systems (Pols et al. 1991). They are expected to be
observablee as X-ray sources as well, albeit with lower luminosities than the Be+NS
systemssystems (Waters et al. 1989).
Too test the hypothesis that a large fraction of all Be stars is the product of mass
transfer,, a multi-wavelength observational campaign has been undertaken of a large
samplee of bright Be and B stars. This sample consists of (i) the 190 08-A1 e/Shell
starss of luminosity class III-V listed in the Bright Star Catalogue (BSC, Hoffleit &
Jaschekk 1982), (ii) a control sample of 193 randomly chosen 'normal' 08-A1 III-V
stars,, (iii) the 54 08-A1 III-V e/Shell stars from the Supplement to the BSC (Hoffleit
ett al. 1983), (iv) the 24 08-A1 e/Shell stars of unknown luminosity class (12 each in
BSCC and Supplement), and (v) 32 somewhat arbitrarily chosen other stars. In total, our
samplee consists of 500 stars.
Forr practically all stars high-resolution Ha spectra were obtained during three
observingg runs at Calar Alto in Spain and three at the European Southern Observatory
(ESO)) in Chile (see Sect. 5.2). For most stars Geneva photometry has been obtained,
andd for a subset also near-IR photometry (Dougherty et al. 1993a; Dougherty et al.
1993b).. Also, additional spectroscopic observations were made to complement the
BSCC luminosity class and v sin i data. All observations were obtained as simultaneous
ass possible with X-ray observations made in the course of the ROS AT All-Sky Survey.
Preliminaryy ROS AT results are given by Meurs et al. (1992). So far, no obvious Be+WD
candidatess were found (see Meurs et al. 1992 for a discussion).
AA by-product of this observational campaign is the discovery of six stars that
hithertoo were classified as 'normal' O and B stars, but were found to exhibit Ha
emission.. Five of these are Be stars and one is an Oe star. We found that one known Be
star,, HR 6621, has probably been misclassified as such because its spectrum mimics
Haa emission due to its binary nature. We discuss this object and other binaries with
apparentt Ha emission in their spectrum in Sect. 5.3. In Sect. 5.4 we show the spectra
off the stars newly found to show genuine Ha emission, list the Ha equivalent widths,
andd discuss the objects individually. We use our findings to derive a new estimate of
thee Be star frequency among stars in the BSC in Sect. 5.5. In Sect. 5.6 we summarize
ourr results.
5.2.. Observations
Att Calar Alto, Ha spectra were taken for ~260 stars with declination 6 > -10°,
andd at ESO for ~300 stars with 8 < +10° (~60 objects were observed from both
hemispheres).. The Calar Alto observations were made with the coudé spectrograph of
thee 2.2 m telescope. The f/3 camera and RCA CCD were used, giving a wavelength
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coveragee of 130 A and a resolving power of 25 000. The ESO observations were made
withh the 1.4 m Coudé Auxiliary Telescope using the Coudé Echelle Spectrograph.
Thee short camera and RCA CCD were used, giving 60 A wavelength coverage and a
resolvingg power of 50000. The integration times of most observations were chosen
suchh that the signal-to-noise ratio in the continuum near Ha was ~100.
Att the time of writing, all ESO spectra have been reduced, as well as the Calar Alto
spectraa of the control sample of non-Be stars. The reduction procedure was standard:
biass and dark-current subtraction, flat-field correction using both internal and dome
flats,flats, optimal extraction of the spectra (see Home 1986; for these high signal-to-noise
spectraa the main advantage is the efficient elimination of cosmic ray incidences), and
wavelengthh calibration using Th/Ar spectra. When necessary the spectra were corrected
forr the occurrence of telluric H2O. For this purpose we used the water vapour lines
listedd by Moore et al. (1966). The procedure was as follows: first, the equivalent
widths,, full widths at half maximum and relative wavelength shifts were measured for
thee strongest lines in a spectrum; next, the average relative strength with respect to
thee values given by Moore et al. (1966) was determined; andfinally,this value was
usedd to correct the spectrum for all water vapour lines. For the representation in the
figures,figures, the spectra were normalised by taking the ratio with a straight line fitted to
twoo points in the continuum (for some ESO spectra, especially of late-type B stars,
thee wavelength coverage is somewhat too small to be able to correctly define the
continuum;; unfortunately, no other observational possibility was available at the time).
53.. Stars with apparent Ha emission due to binarity
Whilee searching the spectra of the comparison sample of non-Be stars for Ha emission,
itt became clear that an apparent emission profile can be caused by the superposition
off two absorption profiles from two components of similar spectral type in a binary
system.. For one star, HR 3343 (B3V), the binary nature was obviously the cause of
apparentt Ha emission, since also the nearby C11 lines were doubled (see Fig. 5.1). For
fivefive other stars we found the binary nature also caused the apparent Ha emission.
Sincee an Ha emission profile can so easily be mimicked, we decided to check the
knownn Southern Hemisphere Be stars in our sample. We found that the apparent Ha
emissionn profile of HR 6621, classified as B4IVe in the BSC, was in fact due to its
binaryy nature. Below, we will briefly discuss all seven objects.
HRHR 1690, HD 33647 (B9Vn). Atfirstsight, we appear to see a single absorption core,
filledfilled with a small, single-peaked emission in the spectrum of this star (Fig. 5.1).
However,, this system is a spectroscopic binary with a period of 21.4 days. The masses
aree listed as 3.0 and 2.7 M© (Wolff & Preston 1978). The observed separation between
thee absorption cores corresponds to about 110 km s"1, which is consistent with the
orbitall parameters given. Therefore, we conclude that the apparent emission is due to
thee binary nature.
HRHR 2895, HD 60312 (B9V). For this star, the shape of the Ha profile is not as similar
too Be emission profiles as is the case for the other stars. Rather, it immediately suggests
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aa binary nature of this object. The BSC lists a component at tf/3, with a magnitude
differencee of 172. McAlister et al. (1990) list a component at (X'055. However, the
observedd velocity difference of about 170 km s - 1 between the two absorption cores is
inconsistentt with such large separations. Hence, the primary of the visual double is
probablyy a double-lined spectroscopic binary itself.
HRHR 3343, HD 17801 (B3V). Eggen (1975) remarks that this is a close binary. The
BSCC gives V = 6.6 for both components. From the spectrum of this star (Fig. 5.1) it is
clearr that it is double, as the CII lines (to therightof Ha) are also doubled and as the
separationn between the absorption cores is comparable for all lines (about 80 km s - 1 ).
Thee similarity in strength of the two sets of lines is consistent with the components
beingg about equally bright.
HRHR 4993, HD 114911, rj Mus (B8V). The spectrum of this star appears to have an
absorptionn profile with a central, single peaked emission (Fig. 5.1). The BSC reports
thatt this star is the primary of a visual double with a secondary of spectral type A0 at
600 . This secondary, of course, cannot be the component seen in the spectrum presented
here.. Batten et al. (1989) list the primary as a spectroscopic binary with a period of
20.00522 days, and a radial velocity amplitude of 56.5 km s _1 . This is consistent with
thee observed separation of about 120km s"1 between the absorption cores in our Ha
spectrum.. Hence, our spectrum provides no indication of a Be nature.
HRHR 5115, HD 118285 (B81V). The separation between the absorption cores in the
spectrumm of this star is about 190 km s - 1 . Andersen & Nordstrom (1977) list this
objectt as a double lined spectroscopic binary (SB2) with equal components. Andersenn & Nordstrom (1983) determined radial velocities for three spectra. For one
theyy could determine the velocity difference between the two components. They
foundd ~150kms -1 , of the same order as observed here. Based on their spectra,
theyy remark M2/Mi = 0.97 0.07. The system is a ROSAT X-ray source with
logg Lx = 30.4 0.4 erg s _1 (for an adopted distance of 220 pc, see Meurs et al. 1992).
HRHR 6621, HD 161756 (B4IVe). This star, which is listed as a Be star in the BSC,
iss an eclipsing binary with a period of 2.61862 days (Waelkens & Rufener 1983).
Att the time of our observation (1 Sep. 1990, 2:28 UT, corresponding to <f> = 0.72;
Waelkenss & Rufener 1983), the separation between the absorption cores (see Fig. 5.1)
wass about 275 km s _1 . Hence, with Kepler's law wefinda total mass for the system
off about 6 M©. Waelkens & Rufener (1983) mention that radial velocities determined
byy Buscombe & Morris (1960) are not phased as expected relative to the photometric
variations.. However, Buscombe & Morris (1960) do not mention the double-lined
characterr of the spectrum, and they probably determined velocities from the combined
linee profiles.
Thee only reference in the literature to a Be star classification was made by Hoffleitt (1956). She classified the star as B3V(e?). Therefore, we conclude that the Be
classificationn of this star in the BSC is most likely wrong.
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5953 3 143275 5
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6747 7 165174 4
8967 7 222304 4
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Tablee 5.1. The new Be stars
V V B-V B-V vsint t Obs.. Date
Spectral l
(kms -1 ) )
Type e
5.58 8 -0.04 4 355 5
200 Aug 90
B6Vn n
55 Nov 90
6.43 3 -0.19 9
09V 09V
311 Oct 90
299 Aug 90
2.32 2 -0.12 2 181 1
B0.3IV V
300 Aug 90
B9.5V+A6III I 6.65 5 0.20 0
233 Aug 90
6.14 4 0.00 0 434 4
BOIIIn n
311 Aug 90
44 Jan 91
5.30 0 -0.06 6 178 8
B9V V

Site' '

(A) )
CA A -3.88 8
ESO O 0.075 5
CA A 0.80 0
ESO O 3.67 7
ESO O 3.89 9
CA A 1.60 0
ESO O 1.79 9
CA A 7.59 9

** CA: Calar Alto, Spain; ESO: European Southern Observatory, La Silla, Chili
HRHR 7109, HD 174853 (B8Vnn). This object is classified as a SB2 with equal componentss of spectral types B8 (Hube et al. 1988; Hube & Martin 1991). The nn spectral
classificationn is probably due to unresolved double lines on classification plates (Hube
ett al. 1988). The system is eclipsing and has a period of 1.391113 days. The masses of
bothh components are 3.28 M 0 (Hube & Martin 1991). As can be seen in Fig. 5.1, the
linee profile is as expected for a binary star. The two absorption components seem similar
inn strength, consistent with two components of similar spectral type. The core-to-core
separationn of about 215 km s _ 1 is consistent with the orbital parameters.
5.4.. Stars with genuine H o emission
Amongg our 193 Ha spectra of stars listed as 'normal' O and B stars in the BSC, we
foundd fourteen stars showing genuine H a emission. For four of these the BSC already
mentionedd in the remarkss section that they had Ha in emission (HR 2501, HR 6779)
orr that they had a shell spectrum (HR 6175, HR 7326). For the remaining ten, we made
aa full literature search. It turned out that three more stars had already been identified
ass Be stars: HR 7446 (Irvine & Irvine 1979), HR 7739 (Barker 1983) and HR 8107
(Hirataa et al. 1986). For one other star, HR 6672, listed as 08III in the BSC, we found
thatt its spectral type was given as 07.5II((f)) by Walborn (1972) and as 08.5III((f))
byy Conti & Leep (1974). Hence, for this star the Ha emission is probably due to its
radiation-drivenn wind, and not to a Be-like nature. For comparison with the Be spectra,
wee show the Ha profile of HR 6672 in Fig. 5.2.
Finally,, we are left with five new Be stars and one new Oe star. These are listed
inn Table 5.1, together with some basic stellar parameters (taken from the BSC) and
thee Ha equivalent width Wa. The calibrated, normalized Ha spectra are plotted in
Fig.. 5.3. Below, we discuss the individual objects in detail.
HRHR 1037, HD 21362 (B6Vn). For this object we see a clear double-peaked emission
profile,, which rises to about 50% over the continuum level (Fig. 5.3). Despite the rather
poorr S/N ratio, it is clear that the violet peak is slighüy stronger than the red peak. The
peak-to-peakk separation is 5.77 A, which corresponds to 265kms - 1 . The rotational
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Figuree 5.2. Ha profile of the 07.5II((f))/08.5III((f)) star HR 6672
velocityy of 335 km s _ 1 (BSC) is very high for a B star, but well within the range found
forr Be stars. Abt (1978) lists the spectral type as B5V. Abt & Cardona (1984) list this
starr as a single star. Massa (1975) does not find any Ha emission for this object. Also,
thee a-index of Cester et al. (1977), characterizing the strength of the Ha absorption
line,, does not give a clear indication of emission.
HRHR 2806, HD 57682 (09V). This star's spectrum shows a single-peaked emission profile,, which rises to ~30% over the continuum level. The FWHM is about 120km s _ 1 .
Wee have two spectra of this star, one taken at Calar Alto on October 31 st (Fig 5.3, lower
curve),, and one at ESO on November 5th (top curve). From October 31 st to November
5 th ,, the strength of Ha increased. Furthermore, the asymmetry in the red flank observed
onn October 31 st has disappeared: the November 5th profile is symmetric.
Slettebakk (1982) used this star as secondary standard for his spectral type classificationn and Slettebak (1985) used it as a standard for spectral classification and
rotationall velocity determination of the Be stars in NGC 663 and h and x Persei. Previouss JHKL photometry for this star (Whittet & Van Breda 1980), did not show any
IRR excess at near-IR wavelengths. Leitherer (1988) obtained a Ha equivalent width
off 1.9A, smaller than for any of the other stars of similar spectral type he observed.
Givenn the Be nature shown by our spectrum, the mass-loss rate he determined on the
basiss of his Ha equivalent width seems questionable.
HRHR 5953, HD 143275, S Sco (B0.3IV). As can be seen from Fig. 5.3, this star is a
Bee star with emission on the flanks of an absorption core. Slettebak (1982) used this
starr as a primary standard for his spectral type classification and Slettebak (1985) used
itt as a standard for spectral classification and rotational velocity determination of Be
starss in southern clusters. He mentioned it as a standard, non-Be star. An earlier Ha
spectrumm taken by Heasley & Wolff (1983) does not show any emission. According to
thee BSC it is a spectroscopic binary with a 20 day period. (However, unlike the binary
spectraa previously discussed, the Ha emission profile of this star can not be due to the
superpositionn of the spectra of two non-Be components.)
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HRHR 6427, HD 156398 (B9JV+A611I). In spite of the binary nature of this star, the
prominentt Ha emission must be due to the fact that the primary is a Be star. Unfortunately,, no rotational velocity data are available. From Fig. 5.3 we see a double peaked
emissionn profile with a peak-to-peak separation of about 230 km s"1, and a deep absorptionn core. The latter might indicate a shell spectrum, but it could also be due to the
secondary,, which is fainter by only 0P3 and which is expected to have approximately
thee same radial velocity as the primary, given the separation of 072 between the two
components. .
HRHR 6747, HD 165174, V986 Oph (BOIIIn). We have two spectra of this star, one taken
att Calar Alto on August 23rd (Fig. 5.3, bottom curve) and one at ESO on August 31st
(topp curve). The Ha profiles are similar in shape, with some emission visible on the
redd flank of the profile, and with some asymmetry in the absorption core.
Thee broadening seen in our spectrum does not seem consistent with the very high
rotationall velocity of 434 km s - 1 listed in the BSC for this star. However, Watson
(1972)) found v sin i = 290 km s _1 . This value was confirmed by Lloyd & Pike (1988)
andd is consistent with the broadening seen in our spectrum.
Lyndss (1959) found regular photometric variations with a period of ~0?3, and has
classifiedd the star as a 0 Cephei star. The variations were confirmed by Jerzykiewisz
(1975)) and Cuypers et al. (1989). For a 0 Cephei star, this object has a very high
rotationall velocity (regardless which value is taken), which led Lloyd & Pike (1988)
too remark that stars like this one blur the boundary between 0 Cephei and Be stars.
(Inn general the two groups should not be strictly separated, as Ha emission has also
beenn detected in 0 Cephei itself (e.g. Karpov 1934), which, by definition, implies that
00 Cephei is a Be star.)
Thee system is a spectroscopic binary with P = 25*?56 0ÏO2,2K = 35 1 km s _1
andd e = 0.23 0.04 (Fullerton et al. 1985). In the two spectra we have, the absorption
coress are shifted with respect to each other by about 50km s~!. This seems more or
lesss consistent with the orbital parameters given the large uncertainty in the velocity
determinationss caused by the deformations in the profile.
HR8967,HR8967, HD 222304 (B9V). The BSC lists this star as being part of a spectroscopic
binary.. The star has a moderate v sin t of 178 km s _1 . The spectrum shows a double
peakedd emission, well inside the absorption core (Fig. 5.3). Since the emission is
doublee peaked, it cannot be due to the binary nature of this star. The peak separation
iss about 3.97 A or about 180 km s"1. The a index of Cester et al. (1977) does not
indicatee any clear Ha emission.
5.5.. The Be star frequency
Inn this section we will use our findings to derive a new estimate of the frequency of
thee Be phenomenon among the stars in the BSC. We limit ourselves to stars of spectral
typee B only, i.e. we exclude the O and A stars that show Be-like properties. We notice
aa priori that any estimate of the Be star frequency is rather uncertain, both because the
limitingg magnitude of the sample, and hence the sampled volume, may be different
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Tablee 5.2. List of known Be stars without an V or 'Shell' classificationfication in the Bright Star Catalogue and its Supplement
Source* *
HR R HD D
542 2 11415 5 SJE E
1047 7 21455 5 JE E
1051
1289
1659
1761
1962
2501
2648
2656
3659
4262
5736

1
9
9
1
2
1
8
6
9
2
6

21551
26356
32990
34959
37971
49131
52918
53240
79351
94650
137432

HR R HD D

5781
6002
6779
1 S,Hea a
7040
6 S.Hea a
7326
0 S,e,Hea a
9 S,eJE,Hea a 7446
9076
1 SJE E
9098
1e e
8 e,JE,Hea a
0e e
1e e
0e e
2S S

1 138769
2 144708
9 166014
0 173370
6 181181
6 184915
6 224686
8 225132
63988
65930
70084
214167

Source* *
9S S
8 Hea a
4 e,Hea a
0 S,e,JE,Hea a
1S S
5 Hea a
6 JE E
2 Hea a
8 JE E
0 JE E
4S S
7 JE E

•• The following abbreviations are used: S: BSC/Sup. remarks
'Shelll star'; e: BSC/Sup. remarks 'Ha in emission';; JE: listed in
thee 'Catalogue of Be stars', Jaschek & Egret 1983; Hea: listed
inn 'Release 5 of the Bright Be stars Observing Programme', Harmanecc et al. 1983.

forr B and Be stars, as Be stars are intrinsically somewhat dimmer due to circum stellar
extinction,, and because surveys for Be stars were often biased in the sense that stars
withh Be star characteristics such as rapid rotation or photometric variability were
observedd preferentially (e.g., Irvine & Irvine 1979).
Amongg the 1759 B stars listed in the BSC, 1528 have luminosity class III-V. Of
these,, 185 have an 'e' or 'Shell' classification, which indicates a frequency of Be stars
amongg all non-supergiant B stars of about 12%. We have observed 172 of the 1343
starss classified as non-Be. Of these eleven turned out to be Be stars. Given these 11
neww Be stars, one expects (90% confidence) S6+J^2 n e w B e s t a r s among all 1343 stars
classifiedd as non-Be, indicating a Be star frequency of ~18%. This corresponds to a
95%% confidence lower limit of 54 to the number of new Be stars, or a lower limit to
thee Be star frequency of 15.6%. The 99% confidence lower limit is 14.9%.
AA possibly more accurate estimate can be made by including the results of other
sourcess for Be star classifications. For this purpose, we checked the 'Remarks' sections
off the BSC and its Supplement for all B stars. We found that for seventeen stars 'Ha in
emission'' or 'Shell spectrum' was mentioned (of these, three were part of our sample
off non-Be stars; the fourth one mentioned in Sect. 5.4 is an Oe star). In addition, we
checkedd two compilations of Be stars that have appeared since the fourth edition of the
BSCC was published: the 'Catalogue of Be stars' (Jaschek & Egret 1983) and 'Release
55 of the Bright Be Stars Observing Programme' (Harmanec et al. 1983). In these,
wee found eight more Be stars (one in our sample), bringing the total number of Be
starss to 210. All 25 extra objects are listed in Table 5.2. Of the 1318 'normal' B stars
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left,, we observed 168, among which we found 7 new Be stars. (As we did not do a
fulll literature search for all B stars, this number of course has to include the two Be
starss for which a literature search showed they were already known, but which are
nott listed in Table 5.2.) Given these numbers, we expect 5 5 ^ new Be stars (90%
confidence),, equivalent to a 95% confidence lower limit of 31. After correction for the
onee misclassified Be star (HR 6621, see Sect. 5.3), this indicates a Be star frequency
off ~17%. The lower limit to the Be star frequency is 15.7% at the 95% confidence
level,, and 15.2% at 99% confidence.
Thee lower limit to the Be star frequency is perhaps more meaningful than the most
likelyy number, as one expects that the 'real' Be frequency will still be underestimated.
Thiss is due to the fact that individual Be stars vary in the amount of time the Be signature
iss actually shown. Some have shown Ha emission whenever observed, though the
strengthh may vary considerably, while others turn off for any length of time: weeks,
months,, years. Jaschek et al. (1980) give a five-group classification method of Be stars,
whichh is based on differences in spectral characteristics and in the timescales of
variation.. The stars of groups I-IV are stable, in the sense that over a period of
200 years emission lines were always observed in the spectrum. Group I stars have
veryy strong Balmer emission lines, and Fe n is also in emission. Stars belonging to
groupss II-IV have much weaker Balmer emission lines. The group V stars lost their
emissionn feature at least once during the 20 year period, changing from B to Be or
vicee versa. Approximately 25% of all Be stars have a 'group V' denomination. Hence,
onee expects that a sizeable fraction of all Be stars will not show emission. (In our own
observationss 14% of the known Be stars did not have any apparent emission.) It seems
likelyy that the Be stars which are hardly ever active have not yet been found, and that
onlyy a lower limit to the Be star frequency is meaningful.

5.6.. Summary and conclusions
Inn our survey of B and Be stars, we found 5 new Be stars and one new Oe star,
confirmedd the Of classification of one other star, and found that one star has been
misclassifiedd as a Be star because of its binary nature. We showed spectra of the newly
foundd emission-line stars, as well as of 7 B-type binary stars, whose profiles mimic
emissionn profiles.
Wee determined that, given the number of Be stars found in our sample of non-Be
stars,, the lower limit to the fraction of Be stars among all BIII-V stars in the BSC is
15%% at the 99% confidence level.
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66
Haa emission and infrared excess in Be stars: probing
thee circumstellar disc
Summary.. We present near-simultaneous (within one week) high-resolution H a spectraa and near-infrared photometry of 69 B and Be stars. We confirm that, for the Be stars,
thee infrared excess and HQ emission are correlated, albeit with a rather large scatter!
Givenn the near-simultaneity of our observations, this scatter probably is not related
too intrinsic variability, but rather reflects a genuine star-to-star variation in physical
conditions.. In order to derive information about the density and velocity structure of Be
starr discs, we calculate theoretical infrared excesses, H a line profiles and equivalent
widthss for two different models. We find that the model used by Poeckert & Marlboroughh (1978a) to fit the spectrum of 7 Cas is not capable of reproducing the observed
correlationn between the infrared excess and the excess Ha equivalent width, producingg - for given infrared excess - H a emission lines that are weaker than observed.
Thee model of Waters (1986), used successfully to fit the infrared excess continuum
emissionn of Be stars, also fails, producing H a emission lines that are too strong. We
discusss these results in terms of the density structure of the wind.

6.1.. Introduction
B-emissionn (Be) stars are defined as non-supergiant B-type stars that show, or have
shown,, one or more Balmer lines in emission (for a recent review, see Slettebak
1988).. Apart from emission in the Balmer lines, Be stars exhibit a variety of other
observationall properties, such as emission in Fe 11, rapid rotation, non-radial pulsations,
infrared,, millimeter and radio excess, intrinsic linear polarisation, UV absorption lines'
off 'superionised' species and discrete absorption components in UV resonance lines
(forr references, see Slettebak 1988 and below).
Itt was realised by Struve and co-workers (e.g., Struve 1931) that the profiles of the
emissionn lines, which are often double-peaked, could be caused by emission originating
fromm a rotating disc-like structure in the equatorial region. The existence of such a
structuree is confirmed by polarisation measurements (see, e.g., the reviews by Coyne
&& McLean 1982 and Slettebak 1988), and it is also reflected in free-free emission
Vann Kerkwijk M.H., Waters L.B.F.M., Marlborough J.M., submitted to A&A
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observedd as infrared, millimeter and radio excesses (e.g., Gehrz et al. 1974; Waters
1986;; Dougherty et al. 1991). However, the absorption seen in the UV resonance lines
indicatess much lower densities and much higher velocities than are inferred from the
H a ,, polarisation and infrared measurements. Most likely, the wind material seen in the
UVV is not the same as that seen in the other wavelength bands, but a more global wind,
(much)) less confined to the equatorial region (e.g., Snow 1987). Nonetheless, the two
mayy well be dependent, since correlated behaviour has been observed for a number of
Bee stars (see, e.g., Doazan et al. 1987; Telting & Kaper 1993).
Here,, we will study the structure of the Be wind using quasi-simultaneous (within
onee week) H a spectroscopy and JHKLM photometry. These observations are part of an
extensivee multi-wavelength study of bright B and Be stars, aimed at finding evidence
forr the existence of white-dwarf companions to Be stars (for a description of the survey
andd some preliminary results, see Meurs et al. 1992 and Coté & Van Kerkwijk 1993;
fulll details about both the infrared photometry and the HQ spectra will be presented
byy Burki et al. and Van Kerkwijk et al., both in preparation).
Previouss studies have shown that the H a emission and infrared excess are correlated
(e.g.,, Feinstein & Marraco 1981; Dachs & Wamsteker 1982; Ashok et al. 1984; Coté
&& Waters 1987; Dachs et al. 1988). The scatter around the observed correlation is
large.. In part, this probably reflects the variability of the stars, since the H Q and
infraredd observations used in most studies were not taken simultaneously (closest to
simultaneouss are the observations of Dachs et al. 1988, which were taken within one
month). .
Thee observed correlation between H Q and infrared excess suggests that the line
andd free-free emitting regions coincide. Early attempts by Ashok et al. (1984) and
Gorayaa & Rautela (1985) to explain the observed correlation in terms of line and
bound-freee plus free-free emission arising from the same volume, did not succeed.
However,, these authors neglected optical depth effects, which is not correct, especially
forr the line emission (Chokshi & Cohen 1987; Kastner & Mazzali 1989). Kastner
&& Mazzali (1989) interpreted the correlation in terms of a model in which the wind
iss confined within a disc that has a constant height (slab model) and a power-law
densityy structure in the radial direction. In this model, optical depth effects are taken
intoo account properly. Kastner & Mazzali (1989) find that the H a originates mostly
fromm the outer layers of the disc, while the infrared free-free emission freely escapes
throughoutt the whole volume of the disc (as expected from the fact that under the
conditionss applicable to the wind, the optical depth in H a is much larger than the freefreee and bound-free optical depths in the (near) infrared). They find that, with their
slabb model, the observed range of H ö and infrared excess fluxes can be reproduced.
InIn this paper, we will compare our observations of H a equivalent widths and
infraredd excesses with the results of two other models, both of which have been used
extensivelyy to interpret observed properties of Be stars. The first of these is the model
presentedd by Marlborough (1969) and studied in detail in a series of papers by Poeckert
&& Marlborough (1976,1978a (hereafter PM), 1978b, 1979). This model, which we will
hereafterr refer to as the PM model, can reproduce the continuum and HQ line of 7 Cas
quitee well (see, however, Sect. 6.4.1), and it also produces optical linear polarisation
thatt is in agreement with the observations (Poeckert & Marlborough 1978b). The
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secondd model that we will use, is a simplified version of the PM model (hereafter
referredd to as the disc model) that was first presented by Waters (1986), and that was
usedd extensively to interpret the infrared energy distribution of Be stars (e.g., Waters s
ett al. 1987; Dougherty et al. 1993b), and also to study their optical linear polarisation
(Waterss & Marlborough 1992).
Inn Sect. 6.2, we briefly describe the observations and the procedures used for
theirr analysis. In Sect. 6.3, we present the H a equivalent widths and (J - L) infrared
colours,, and correct these for the stellar component. In Sect. 6.4, we give a brief
descriptionn of the two models, and present the comparison of the model calculations
withh the observations. We discuss the results in Sect. 6.5 and draw some conclusions
inn Sect. 6.6.
62.. Observations and data analysis
Thee infrared photometry was obtained in the nights of the 29th, 30th and 31st of
October,, 1990, at the 1 m telescope of the European Southern Observatory (ESO) on
Laa Silla, Chile. An InSb detector was used, cooled with solid nitrogen. Observations
weree obtained in the ESO J (1.24/zm), H (1.63 ^m), K (2.19 pm), L (3.78 ^m) and M
(4.666 pm) bands (see Bouchet et al. 1991; the system resembles closely the one defined
byy Koornneef 1983). For the M band, reliable detections could only be obtained for
starss with M ^ 5.
Thee weather conditions during the run were excellent. In each night, about 30
objectss were observed, interspersed with a similar number of observations of standard
stars,, taken over a range in airmass. The standards were selected from the list of
Bouchett et al. (1991). The usual observational procedures were followed (e.g., Sterken
&& Manfroid 1992). For all observations, a diaphragm of 15" diameter was used, a
throww of 24" and a chopping frequency of 8 Hz. Observations were composed of pairs
off integrations of 5 seconds each, the integrations taken alternately in the positive and
thee negative beam. Pairs were taken until both the Poisson counting error and the error
onn the mean - derived from the standard deviation of the integrations - became less
thann 1% of the mean (but with a minimum number of two pairs, and a maximum
numberr of 6 pairs).
Thee data reduction was performed at the observatory, andd contained the usual steps
off zero-point determination, correction for the drift of the zero point (if necessary),
andd determination of the atmospheric extinction coefficients for each band. The typical
uncertaintiess in thefinalmagnitudes are about 0.03 in J, H, K and L, and 0.05 to 0.15
inn M (for M ^ 4 to M~5).
Thee H a spectra were obtained in the nights of the 2nd to the 5th of November, 1990,
att the 1.4 m Coudé Auxiliary Telescope on La Silla. The short camera was used, with
ann RCA CCD as a detector, giving a wavelength coverage of ~ 60 A (around 6562 A)
att a resolving power A/A A of about 50000. In each night, about fifty objects were
observed,, with integration times between one and twenty minutes (chosen such that
aa signal-to-noise ratio of about 100 in the continuum was obtained). For calibration
purposes,, series of bias, internal-lampflat-fieldand Th/Ar frames were taken at the
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beginning,, middle and end of the night. Furthermore, series of dark-current and dome
flat-fieldd frames were taken at dusk and dawn.
Thee reduction procedure consisted of subtraction of bias and dark-current, correctionn for pixel-to-pixel sensitivity variations and interference fringes using both
internall and dome flats, optimal extraction of the spectra (see Home 1986; for these
highh signal-to-noise mainly useful to efficiently eliminate cosmic ray hits), and wavelengthh calibration using Th/Ar spectra. Furthermore, when necessary, the spectra were
correctedd for the occurrence of telluric H 2 0 (see Coté & Van Kerkwijk 1993).
Thee equivalent widths (EWs) of H Q were determined interactively by selecting a
pointt in the continuum on each side of the profile, and integrating the flux relative to
thee straight line determined by those two points. The uncertainty was estimated by
repeatingg the procedure several times, on purpose selecting points as far lower and
higherr as seemed consistent with the data (this procedure gives uncertainties at an
estimatedd confidence level of about 90%). Typically, the uncertainty in the continuum
levell was 1 to 2%, resulting in an uncertainty in the equivalent width ranging from
~~ 0.2 A for the narrower lines to ~ 1A for the broader lines. This estimate is confirmed
byy comparing the equivalent widths obtained from different spectra of the same star.
Forr very broad lines, such as the absorption lines in late B-type main-sequence stars,
thee wavelength coverage of our spectra is not sufficient to cover the whole profile.
Hence,, for these spectra, we could only obtain lower limits to the equivalent width.

6.3.. Observed correlations
InIn Fig. 6.1 the observed EW is plotted as function of the infrared colour ( J - L). If
onee excludes the objects for which the spectrum shows the presence of a late-type
companionn (marked by stars), there is a clear correlation between the two quantities,
similarr to the one reported previously (e.g., Feinstein & Marraco 1981; Dachs &
Wamm steker 1982; Dachs et al. 1988). Comparing the different symbols, one notices
thatt there is no strong correlation with luminosity class. There also appears to be little
correlationn with spectral type, except near the origin of the figure, where one sees that
thee earlier spectral types are somewhat bluer and have smaller H a EWs. This reflects
thee intrinsic variation in photospheric colour and H a EW with spectral type.
Inn order to obtain information on the emission from the disc alone, the observed
infraredd magnitudes and H a EWs can be converted to excess fluxes by subtracting
modell fluxes that are appropriate for the spectral type, and that are scaled to fit the
observedd system flux at a relatively short-wavelength magnitude, for instance V. This
proceduree has been applied by, e.g., Ashok et al. (1984), Chokshi & Cohen (1987) and
Kastnerr & Mazzali (1989). The disadvantage of this method is that the uncertainty
inn the fluxes derived in this way is dominated by the uncertainties in spectral type
andd luminosity class and the relation of these with absolute magnitude, rather than
byy the uncertainty in the measurements. Therefore, we will not use this method, but
ratherr estimate the excess fluxes relative to the stellar fluxes. Of course, we will do so
similarlyy in our model calculations (Sect. 6.4).
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Figuree 6.1. Observed equivalent width versus ( J — L) colour for all objects. Typical
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componentss are indicated with asterisks, and binaries with a late-type component
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frame;; this is indicated with arrows on the right-hand side, with the value of ( J — L)
indicated).. For all objects, the size of the symbols indicates the luminosity class, with
thee smallest size corresponding to luminosity class V, and the largest to luminosity
classs HI (objects for which the luminosity class is not known were assumed to have
luminosityy class V). Both the spectral type and luminosity class were taken from
thee Bright Star Catalogue (BSC). Notice that some of the Be stars were not showing
emissionn at the time of our observations and that one non-Be star has strong H a
emission.. For the latter, the BSC lists in the remarks section that is has H„ emission

Ass an estimate of the excess infrared flux at L, we will use the ( J - L) colour
excesss CE(J — L), defined by

CE(JCE(J

-L)

= (J -L)-(J

- L)0 - E(J -

L),

(6.1) )
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wheree ( J — £)o is the intrinsic (J - L) colour corresponding to the spectral type and
E(JE(J — L) the interstellar reddening. The rationale behind this estimate is that for not
tooo strong winds the wind contribution at J is small, so that

,,

(6.2)

wheree F * and F{ indicate the flux arising from the wind and the star, respectively,
andd whilst the latter approximate equality holds for Ff <C F / . F° r s m a ^ excesses,
thiss estimate is in first order proportional to F£ /F£, but going to larger excesses it
willl cease to be linear. For strong winds, the contribution from the wind at J can not be
neglectedd any more, and the colour excess will saturate at the colour appropriate for
thee wind itself, at ( J - L) ~ 0.8-1.0 (Dougherty et al. 1993b; see also Dachs et al.
1988).. This saturation effect may be responsible for the deviating position of HR 3237
( ( // - L) = 0.8, EW = - 6 0 A) in Fig. 6.1.
InIn order to minimize the effect of the saturation, one would like to use the observed
magnitudee at a shorter wavelength than J, such as V (as has been used by Gehrz et al.
(1974)) and Feinstein & Marraco (1981)). For this purpose, we could use the (V — L)
colourr excesses derived by Dougherty et al. (1993b) from the Geneva observations that
weree obtained in the course of our survey. However, Dougherty et al. (1993b) found
thatt there were a number of stars that showed negative (V — L) colour excesses, while
theirr infrared colours indicated the presence of a substantial wind. Since the cause
off these negative excesses is at the moment unclear (cf. Dougherty et al. 1993b), we
preferr to use the ( J — L) colour excesses.
Forr the determination of the intrinsic colour {J - L)Q and interstellar reddening
E(JE(J — L), we followed the procedure outlined by Dougherty et al. (1993b). Briefly,
forr (J — L)o, the tables of Cramer (1984) are used to find the intrinsic colour [ B - V]Q
(inn the Geneva photometric system) corresponding to the spectral type of each star,
andd the colour-colour relationships given by Dougherty et al. (1993a) to convert these
too ( J — L)Q. For E(J — L), first E[B - V] is determined from the Geneva photometry
off each star (Burki et al., in preparation) in the way described by Cramer (1982), and
thenn E( J — L) is calculated by multiplying E[B - V] with 0.458 (appropriate for the
interstellarr extinction law of Mathis (1990; see Dougherty et al. 1993a).
Wee estimate the H a flux relative to the continuum flux with EW — EWQ, where
EWEW is the observed equivalent width, and EWQ the equivalent width corresponding
too the photospheric absorption. The observed equivalent width is given by
EWEW = / 1 - ^ ^ f ^ ' - ^ d A ,
•

(6.3)

//

wheree F% and F? are the H a line flux and continuum flux arising in the wind,
F*F* is the stellar continuum flux, and Pa the H a absorption profile. In this notation,
EWEW00 = /P Q dA,andthus
IT** + P * P

/

i?r*r dA ''

(6 4)

-
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Hence,, neglecting the effects of the continuum contribution from the wind, one finds
thatt EW — EWQ is proportional to thee H a linefluxrelative to the stellar continuum
fluxx at H a .
Forr the determination of the intrinsic EWs we converted the intrinsic [B — V]Q
colourr determined from the spectral type (see above) to Johnson (B — V)o, using
thee relation given by Cramer (1984), and then used the relation between EWo and
(B(B - V)o determined by Coté & Waters (1987). Notice that the latter relationship
iss derived for main-sequence stars. Hence, the EWs of stars of (sub-)giants will be
slightlyy overcorrected However, the effect is not very large, as can be seen in Fig. 6.2,
wheree the observed and predicted EWs are shown as a function of (J — Lfo.
Thee corrected EWs derived in the above manner can not be compared directly to
thee (J — L) colour excesses, since the two quantities are determined relative to the
stellarr continuum at different wavelengths. In order to correct for this effect, we define
thee H a excess Ea^ as
E*E*)L)L = (EW - £?Wr0)io-°-4«[0-656l-I'>o-«0-656]-L)«>,

(6.5)

wheree [0.656] is the continuum magnitude at 6562 A, ([0.656] - L)0 is the intrinsic
([0.656]] - L) colour, and ([0.656] — L)m the intrinsic colour for spectral type B2 (B2
wass chosen since we do our model calculations for this spectral type). The intrinsic
([0.656]] — L) colour was calculated using
([0.656]] - L)0 = [V- L]Q - ° 0 * 5 0 %° 5 5 5 V - *)o,

(6.6)

withh the intrinsic colours [V - L]0 and (V - i2)0 taken from Dougherty et al. (1993a)
andd Johnson (1966), respectively.
Inn Fig. 6.3, we show the excess colours and equivalent widths determined as
describedd above, both with and without the colour correction to the H a EWs. As
expected,, for both cases, the stars showing no emission cluster around the origin.
Withoutt the colour correction to the EW, the correlation for the emission-line stars
doess not become tighter, but with the colour correction, it does. Although significant
scatterr remains, indicating thatfromstar to star there are intrinsic differences between
thee infrared and H a emitting regions (variability of the stars is not likely to play a
majorr role, given the near-simultaneity of our observations), all stars follow the same
relationn between Ha excess and IR excess emission, independent of spectral type and
luminosityy class. The only difference between early B and late B spectral type is that
thee maximum amount of excess emission shown (relative to the intrinsic L-band flux),
decreasess somewhat going to later spectral types (as was also noted for the 12/im
excesssfluxby Coté & Waters 1987).
Thee lack of correlation with either luminosity class or spectral type indicates that,
onn average, the H a line emission and near-infrared free-free emission depend in a
similarr way on the properties of the underlying star. Since the H a emission originates
fromm a much larger effective radius of the disc than the infrared excess emission (due
too the fact that the optical depth in H a is much larger than that in the near-infrared freefreee continuum; e.g., Kastner & Mazzali 1989), the lack of correlation also suggests
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thatt the structure of the disc is rather independent of the stellar properties. We will
comee back to these points in Sect. 6.5.
6.4.. Model calculations
Thee observed correlation between infrared excess and Ha excess emission indicates
thatt the same gas is causing both phenomena (e.g., Feinstein & Marraco 1981; Dachs
&& Wamsteker 1982; Dachs et al. 1988). However, given the different effective radii at
whichh the H 0 and infrared emission originate (e.g., Kastner & Mazzali 1989), it may be
expectedd that the observed correlations depend on the density and velocity structure in
thee disc. In order to test this expectation, and to see whether the observed correlation can
bee used to distinguish between different models of Be winds, we carried out numerical
calculationss of the infrared and H a excess emission of circumstellar discs, for two
modelss that have both been used previously to model other observed characteristics of
Bee stars (see Sect. 6.1).
6.4.1.6.4.1. Description of the models
Wee use two different models for the circumstellar disc, namely the PM and the disc
modell (Sect. 6.1). The density and velocity structure for the two models are quite
different.. The PM model is characterized by a sharp, exponential drop of density
perpendicularr to the equatorial plane. The scale-height of this gradient is determined
byy the assumption of hydrostatic equilibrium. For the velocities in the disc, it is assumed
thatt the azimuthal component is proportional to r - 1 / 2 , and that the radial component
iss of the form
v(r)v(r) =vQ + (Voo - t*>)(l - R*/rf,

(6.7)

wheree #* is the radius of the star, vo the velocity at that radius, and Voo the velocity
att infinity. In the calculations, we have used /3 = 15 and Voo = 250km s _ 1 (i.e., the
outfloww velocity increases much more gradually with distance and reaches a much
lowerr terminal velocity than is the case for a typical radiation-driven stellar wind). For
referencee with the discussion below, we plot the velocity law used in Fig. 6.4. With this
velocityy law, the density distribution is found using the equation of mass conservation.
Thee velocity law is similar to the one used by PM in their standard model. However,
wee have used an initial velocity of 0.05 times the thermal velocity, or 0.67 km s - 1 ,
insteadd of the much larger value of 7 km s _ 1 used by PM. The latter value was chosen
byy PM because, with this value, they could reproduce the strongly asymmetric doublepeakedd H a profile they observed in 7 Cas, in which the red component was much
strongerr than the blue one. Such a line profile can be reproduced by an axisymmetric
discc in which the velocity has a significant radial component in the HQ emitting region.
However,, the profiles of H a and the other Balmer lines of 7 Cas are known to be
stronglyy modulated (see, e.g., Telting & Kaper 1993 and references therein), probably
duee to a variable non-axisymmetric distribution of gas in the disc. Also, the parameter
studyy by PM showed that their standard model produced a P Cygni profile when viewed
edge-onn (7 Cas was assumed to have an inclination angle of 45°), which is only rarely
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Figuree 6.4. The radial outflow velocity laws used in our computations. PM indicates
thee /3-law used in the Poeckert & Marlborough (1978a) model, and the numbers
indicatee different values of the density gradient for the disc model
observedd in Be stars. Instead, most Be stars thought to be viewed edge-on show rather
symmetricc double-peaked emission profiles, often with a central absorption below the
continuum,, i.e., a shell profile (e.g., Slettebak 1988). Therefore, although the observed
H„„ profile used by PM resulted in a model that could reproduce the observations, it is
likelyy that the initial velocity was severely overestimated. Notice that this implies that
thee mass loss rate derived from the H Q emission is severely overestimated as well.
Fromm the profiles shown by shell stars, very small (initial) radial outflow velocities
aree deduced. For instance, for Pleione the velocity difference of the shell and the star
wass at most a few km s _ 1 (Merril 1952), and for o And an initial velocity of ^ l k m s - 1
iss required to explain the line profile (Poeckert et al. 1982). Other evidence for low
outfloww velocities was found by Marlborough & Cowley (1974), who inferred from a
studyy of the H a emission in the B8 shell star 1 Del that the radial outflow velocity near
thee photosphere of that star was 1 km s _ 1 , and that it increased to only 15 km s _ 1 at a
distancee of 20 R*. Furthermore, Zijlstra, Waters and Marlborough (in preparation) find
ann initial outflow velocity of ^ 1 km s _ 1 from the shape of the emission lines and the
slopee of the infrared continuum in the B5e star tj) Per. It is possible that the initial radial
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outfloww velocity changes with spectral type, or that it depends on the density. Example
given,, Poeckert et al. (1982) find that the disappearance of the shell lines in o And
cann be understood by a drop in density accompanied with an increase in the velocity.
However,, given the arguments above we believe that, in general, the initial velocities
aree significantly lower than the thermal velocity. We note that our comparison with
thee observations does not depend strongly on the assumed value of the initial outflow
velocity,, since, for the line emission, it affects mostly the line shape, and not so much
thee equivalent width, while for the infrared excess - which is determined by the density
structuree - only the shape of the velocity law is important, not the absolute value of the
velocitiesvelocities (although these do affect the inferred mass-loss rate; cf. Waters et al. 1987).
Comparedd to the PM model, the disc model has a much simpler density and velocity
structure.. It is assumed that the wind is confined to a cone with a given opening angle
00 and that within this cone the density distribution is of the form
P(r)P(r) = po(r/R*rn,

(6.8)

wheree po is the density at r = R+. The azimuthal component of the velocity is assumed
too be proportional to r - 1 / 2 , as for the PM model. The radial outflow velocity follows
fromm the assumed density structure, and is given by v(r) = v0(r/Rm)n~2. For our
calculations,, we used values of n = 2.5, 3 and 3.5, and the value of v0 is the same as
thatt for the PM model, i.e., 0.67 km s - 1 . The corresponding velocity laws are shown
inn Fig. 6.4.
Forr both models, the computer code of PM was used to calculate the infrared excess
andd Ha emission. For a detailed description, we refer to PM. Briefly, it is assumed
thatt the circumstellar gas consists of pure H. The excitation/ionisation equilibrium is
solvedd for an equivalent 5-level atom, taking into account radiative transitions and
collisionall bound-bound transitions to and from levels n + 1 and n - 1. The diffuse
radiationn field in the disc is ignored, and the star is assumed to be spherical, with
ann energy distribution as given by Kurucz et al. (1974). The equations of statistical
equilibriumm are solved on a grid of Nr x Nz points, where r is in the radial direction
andd z along the rotation axis.
Thee resulting set of level populations and electron densities are used as input for the
calculationn of the continuum energy distribution and the H a line. For these calculations
aa ray tracing technique is used, with typically several hundred lines of sight for the
continuumm and several thousand for the Ha line. For the H Q line, a velocity resolution
off 10km s" 1 was used and a turbulent velocity of 5 k m s _ 1 . The integration along a
givenn line of sight was stopped when an optical depth to infinity reached a value of 10.
Inn our calculations, we assumed that the underlying B star was a 'typical' B2 star,
withh basic parameters Teff = 23000K, R = 5 R© (i.e., L = 6300L Q ) and M = 8 M©,
rotatingg at 0.75 times the break-up velocity or 414km s - 1 . We adopted an inclination
anglee of 60°, for which v sin i = 360 km s~ ! . The temperature in the disc was assumed
too be constant at 0.6Teff or 13800K (a temperature significantly less than Teff is
inferredd from the absence of shell He I lines in shell stars (except for lines arising from
metastablee levels), and the presence of Fe II emission lines in many Be stars).
Ass mentioned above, we used three values of the radial density gradient for the disc
model,, n = 2.5, 3 and 3.5. These values are based on the analysis of the far-infrared
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Tablee 6.1. Results of numerical calculations
nn

EWW - EWo' CE(JCE(J - Lf
Po Po
(l(TI2gcm-3 3 A A
discdisc model
11
2.5 5
-14.8 8
0.040 0
22
-38.6 6
0.096 6
33
-62.5 5
0.186 6
55
-101 1
0.400 0
11
3.0 0
-4.67 7
0.026 6
22
-9.54 4
0.047 7
33
-15.1 1
0.106 6
55
-25.2 2
0.230 0
10 0
-52.8 8
0.516 6
3.5 5
11
-2.42 2
0.004 4
22
-4.42 2
0.032 2
33
-6.34 4
0.066 6
55
-9.38 8
0.153 3
10 0
-16.9 9
0.351 1
30 0
-55.9 9
0.606 6
PMPM model
11
0.01 1
0.000 0
22
-0.43 3
0.002 2
33
-0.77 7
0.008 8
55
-1.98 8
0.029 9
10 0
0.164 4
-1.93 3
30 0
-3.63 3
0.506 6
50 0
-6.32 2
0.512 2
100 0
-8.69 9
0.648 8
300 0
-11.2 2
0.833 3

'' The Ha equivalent width corrected for the photosphericc component (of 2.06 A)

bb

CE(J -L) = (J-L)-(J-

L)o; see Sect 6.3

energyy distribution of a large sample of Be stars, and on the sub-mm and radio energy
distributionn of a sample of 6 Be stars (Waters et al. 1987,1991). Most stars have values
off n between 2.5 and 3. The opening angle 6 was set at 5°, and a range in densities
wass used (see Table 6.1). The range in densities used for the PM model (Table 6.1)
wass larger than for the disc model, because only in the high density cases the PM
modell produced significant line emission. (Notice that due to the difference in density
gradientt in the z direction, the disc model has a much larger emission measure than the
PMM model for equal values of po) We summarize the numerical results in Table 6.1,
andd plot them in Fig. 6.5 together with the observations.
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Figuree 6.5. Ha excess equivalent width versus (J — L) excess emission calculated
forr circumstellar discs with different density/velocity structures. The solid lines
representt the results for the disc model for n = 2.5, 3 and 3.5, and for the PM model
(ass indicated). The points are the observations, as in Fig. 6.3 (lower panel)

6.4.2.6.4.2. Results
Figuree 6.5 shows that the PM model, with the set of model parameters used in this
study,, is not able to reproduce the observed correlation of HQ and (J — L) colour
excess.. Specifically, the model produces too little HQ emission for a given infrared
excess.. This 'deficiency' of HQ emission probably results from two effects. The most
importantt one is the rather sharp increase in outflow velocity at a distance of about
55 .R» (see Fig. 6.4), which causes a steep density gradient. The HQ line is formed in
aa much larger volume than the near-infrared excess and thus is more sensitive to this
steepp gradient in density, resulting in a relatively small amount of H a emission. We
havee tested for the existence of this effect by changing the terminal velocity in the
PMM model for po = 3 1 0 _ n g e m - 3 to the unrealistically low value of 1 km s _ 1 . Such
aa velocity is equivalent to having a constant radial outflow velocity. The PM model
thenn produces a ( J — L) colour excess of ~ 0.8 and an Ua equivalent width of about
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-2000 A. (Hence, a change in the terminal velocity might produce better agreement
withh the observations.)
AA second effect that may play a role, is the degree of ionisation in the disc. Most of
thee material in the PM model is concentrated in a very thin layer close to the equatorial
plane,, where the column densities in the Lyman and Balmer continuum along lines
off sight towards the stellar surface are very large. This results in regions of neutral
gass at distances between 1.3 and 3 Rm for the high density models (see Poeckert &
Marlboroughh 1982), which will suppress both line and free-free emission. The extent
too which this affects the observed emission depends on the optical depths in the layer
abovee the neutral region.
Thee disc models produce a significantly stronger H a line than the PM model
becausee there is much more material in the disc - with a much flatter density gradient
-- at larger distances from the star. Also, the material in the disc is not strongly
concentratedd towards the equatorial plane, so that large column densities towards the
starr do not occur, and the disc remains much more uniformly ionized (even though the
degreee of ionization decreases somewhat with increasing density). The strength of the
emissionn (both H a and infrared continuum) decreases with increasing steepness of the
densityy gradient, because there is less material at larger distances from the star with
increasingg n. Since the H a line is more sensitive to this effect, the curves for different
nn have a different slope in Fig. 6.5. From this figure, one sees that for EWs smaller
thann ~ 20 A the n = 3.5 model can adequately reproduce the observed correlation.
However,, it is clear that, in general, for all n the disc model produces too much H 0
emissionn compared to the observations. This indicates that there is too much material
att large radii, and thus that the density distribution in the radial and/or the z direction
iss incorrect.
6.4.3.6.4.3. Line profiles
Inn Fig. 6.6 we show the H a profiles calculated with the PM model and with the disc
modell for n = 3.5 for EWs in the range 0 to —15 A. For comparison, also the observed
profiless of HR 3498, 3147 and 2690 are shown, which display a similar range in EW
(1.3,, -3.7, and -16 A, respectively). These three stars have spectral types B2.5Ve,
B2.5IVee and B2IVe, respectively (Slettebak 1982), similar to the spectral type assumed
forr the model calculations (B2). However, their projected rotational velocities are lower
thann the 360 km s - 1 used for the model, namely 240,200 and 200 km s _1 , respectively
(Slettebakk 1982). From the figure, it is clear that the disc model produces profiles
thatt are most 'Be-like'. Given the difference in ©sin», the correspondence with the
observedd profiles isreasonable.Notice that the wings of the strongest profiles are not
reproduced.reproduced. These wings are due to electron scattering, which is not taken into account
inn the models.
Thee profiles of the higher-density PM models look rather peculiar, especially the
onee with the highest density, showing small peaks superposed on broader ones. This
iss probably due to the same effects that cause a rather low Htt EW, viz., the cutoff of
thee emission at a certain radius due to the rapid acceleration inherent in the assumed
velocityy law, and the presence of neutral hydrogen in the densest parts of the wind close
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Figuree 6.7. The observed HQ profile of HR 3858 (B5Ve)
Figuree 6.6. Observed and modelled Ha profiles (left-hand page). In the top panel the
observedd Ha profiles are shown for three stars that have similar spectral type (B2)
too that used in the models and show a range in equivalent width. For all stars, the
projectedd rotational velocity is about 200 km s - 1 , less than the value of 360 km s - 1
usedd for the models. In the middle and lower panels the profiles calculated with the
PMM model and with the disc model for n = 3.5, respectively, are shown. For each
model,, profiles were calculated for three value of po (as indicated)

too the star. These effects cause a deficiency at high and low velocities, respectively.
Interestingly,, although these profiles seem rather unlike the normal Be-star profiles,
wee have in our set of observations one star showing a rather similar profile, namely
HRR 3858 (B5Ve; see Fig. 6.7). (The profile is similar to the one reported by Dachs et
al.. (1992), but different from that shown by Hanuschik (1986).)

6.5.. Discussion
Fromm Fig. 6.5 it follows that the PM standard model is not able to reproduce the
infraredd excess and H a line strengths for Be stars. This break-down is perhaps not
unexpected,, since the PM model parameters were tuned to explain the properties of
thee rather extreme Be star 7 Cas (which it can explain rather well). Probably, the
discrepanciess result from the choice of the radial velocity law, which causes a rather
steepp density gradient at a distance of about 5-10 R*, and from the assumption of an
exponentiall vertical density structure, which causes regions of neutral gas closer to the
star. .
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Farr the disc model, it is clear that, to reproduce even part of the observed correlation
betweenn H a and infrared colour excess, one has to assume n £ 3.5. This limit to n
cann be compared to values found from other studies. Dougherty et al. (1993b) found
valuess of n between 2 and 5, based on the analysis of the near-infrared excesses of
aa large sample of Be stars (among which the stars used for this study). Waters et al.
(1987)) found values of n between 2 and 4, but mostly between 2.5 and 3, from an
IRASS study of the far-infrared excesses. Waters & Marlborough (1992) found a lower
limitt for n of 2.5, based on a study of infrared excess and optical linear polarisation.
Doughertyy et al. (1991) derived values of n > 4 from radio continuum measurements
(i.e.,, probing the outermost parts of the disc).
Thus,, our result is in agreement with that based on the radio data, but is inconsistent
withh that derived from the IRAS far-infrared data. We can solve this discrepancy by
assumingg that there is a change in the density gradient at some distance from the star.
Thee inner regions, where the bulk of the infrared excess is formed, have a rather flat
densityy gradient (typically n ~ 2.5). For the outer regions, much larger values of n,
upp to 4 have been inferred. Based on the shape of the far-infrared to radio continuum,
evidencee for such a change in the density gradient - at distance of about 8 -R* — has
beenn obtained for 7 Cas, (Waters et al. 1991). In such a model, the amount of infrared
excesss would not differ much from the value for a constant radial density gradient
model,, but the strength of the Ha emission, which is formed in a much larger volume,
wouldd decrease drastically (as would the radio emission).
Alternatively,, the assumption that the wind is confined to a cone with a constant
openingg angle might be wrong. One might expect that a vertical density structure
intermediatee between that of the disc model and that of the PM model might produce
resultss in better agreement with the observations. In support of this possibility is the
factt that Kastner & Mazzali (1989) could reproduce the range of observed H a and
infrareddfluxesthey had available with a 'slab' model (constant thickness), with a radial
densityy structure given by a power law (as in the disc model).
Thee conclusion that the disc structure does not depend on spectral type (Sect. 6.3)
iss remarkable in view of the large difference in luminosity (more than a factor 100)
andd Lyman continuumfluxbetween early and late B stars in the sample, and deviates
fromm conclusions based on other observational evidence. Waters et al. (1991) show that
thee observed energy distribution of 7 Cas (B0.5 IVe) in the IRAS to cm wavelength
regionn is significantly steeper than that of 5 other Be stars, all of which have a later
spectrall type, suggesting a different disc structure. From a study of Be/X-ray binaries
withh spectral types between 09 and Bl, Waters et al. (1988) found evidence that
thee slope of the IR continuum for these stars is steeper than that of other Be stars
withh later spectral type. The fact that main sequence stars above a certain luminosity
(correspondingg roughly to spectral type 07/08) do not show strong evidence for
circumstellarr discs, in spite of rapid rotation, also suggests that stellar luminosity is
relevantt to determining presence and structure of mass loss discs. If this were so, also
thee gas density in the disc should be reflected in the structure of the disc. Marlborough
ett al. (1993) suggest that the disc structures of Be and Be-shell stars differ, because the
latterr group of stars has much more circumstellar material than the former. However,
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thiss conclusion is based on a small sample of stars and needs to be confirmed by other
measurements. .
6.6.. Conclusions
Wee conclude that the observed correlation of H t t and near-infrared excess emission
providess a powerful diagnostic tool for probing the density structure of Be-star winds.
Fromm the lack of correlation with both spectral type and luminosity class, it follows that
thee structure of the wind does not depend strongly on the properties of the underlying
star. .
Wee tried to reproduce the H a , near-infrared correlation with two models that have
beenn used previously to model other properties of Be stars. We conclude that the
PMM model is not able to reproduce the observed correlation for the choice of model
parameterss used in this study. The disc model is capable of partially replicating the
observedd correlation, but only for values of the density gradient n larger than about
3.5,, which are inconsistent with the results obtained from the IRAS data (that suggest a
valuee of n mostly between 2.5 and 3). A similar inconsistency was found earlier from
radioo measurements. We suggest that this discrepancy results either from a breakdown
off the assumption that the wind is confined to a cone of a certain opening angle, or
fromm a change in the radial density gradient of the gas at some distance from die star.
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