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6 6 
Haa emission and infrared excess in Be stars: probing 
thee circumstellar  disc 

Summary.. We present near-simultaneous (within one week) high-resolution Ha spec-
traa and near-infrared photometry of 69 B and Be stars. We confirm that, for the Be stars, 
thee infrared excess and HQ emission are correlated, albeit with a rather large scatter! 
Givenn the near-simultaneity of our observations, this scatter probably is not related 
too intrinsic variability, but rather reflects a genuine star-to-star variation in physical 
conditions.. In order to derive information about the density and velocity structure of Be 
starr discs, we calculate theoretical infrared excesses, Ha line profiles and equivalent 
widthss for two different models. We find that the model used by Poeckert & Marlbor-
oughh (1978a) to fit the spectrum of 7 Cas is not capable of reproducing the observed 
correlationn between the infrared excess and the excess Ha equivalent width, produc-
ingg - for given infrared excess - Ha emission lines that are weaker than observed. 
Thee model of Waters (1986), used successfully to fit the infrared excess continuum 
emissionn of Be stars, also fails, producing Ha emission lines that are too strong. We 
discusss these results in terms of the density structure of the wind. 

6.1.. Introductio n 

B-emissionn (Be) stars are defined as non-supergiant B-type stars that show, or have 
shown,, one or more Balmer lines in emission (for a recent review, see Slettebak 
1988).. Apart from emission in the Balmer lines, Be stars exhibit a variety of other 
observationall  properties, such as emission in Fe 11, rapid rotation, non-radial pulsations, 
infrared,, millimeter and radio excess, intrinsic linear polarisation, UV absorption lines' 
off  'superionised' species and discrete absorption components in UV resonance lines 
(forr references, see Slettebak 1988 and below). 

Itt was realised by Struve and co-workers (e.g., Struve 1931) that the profiles of the 
emissionn lines, which are often double-peaked, could be caused by emission originating 
fromm a rotating disc-like structure in the equatorial region. The existence of such a 
structuree is confirmed by polarisation measurements (see, e.g., the reviews by Coyne 
&&  McLean 1982 and Slettebak 1988), and it is also reflected in free-free emission 
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154 4 Thee character of Be stars 

observedd as infrared, millimeter and radio excesses (e.g., Gehrz et al. 1974; Waters 
1986;; Dougherty et al. 1991). However, the absorption seen in the UV resonance lines 
indicatess much lower densities and much higher velocities than are inferred from the 
H a,, polarisation and infrared measurements. Most likely, the wind material seen in the 
UVV is not the same as that seen in the other wavelength bands, but a more global wind, 
(much)) less confined to the equatorial region (e.g., Snow 1987). Nonetheless, the two 
mayy well be dependent, since correlated behaviour has been observed for a number of 
Bee stars (see, e.g., Doazan et al. 1987; Telting & Kaper 1993). 

Here,, we wil l study the structure of the Be wind using quasi-simultaneous (within 
onee week) Ha spectroscopy and JHKLM photometry. These observations are part of an 
extensivee multi-wavelength study of bright B and Be stars, aimed at finding evidence 
forr the existence of white-dwarf companions to Be stars (for a description of the survey 
andd some preliminary results, see Meurs et al. 1992 and Coté & Van Kerkwijk 1993; 
fulll  details about both the infrared photometry and the HQ spectra will be presented 
byy Burki et al. and Van Kerkwijk et al., both in preparation). 

Previouss studies have shown that the Ha emission and infrared excess are correlated 
(e.g.,, Feinstein & Marraco 1981; Dachs & Wamsteker 1982; Ashok et al. 1984; Coté 
&&  Waters 1987; Dachs et al. 1988). The scatter around the observed correlation is 
large.. In part, this probably reflects the variability of the stars, since the HQ and 
infraredd observations used in most studies were not taken simultaneously (closest to 
simultaneouss are the observations of Dachs et al. 1988, which were taken within one 
month). . 

Thee observed correlation between HQ and infrared excess suggests that the line 
andd free-free emitting regions coincide. Early attempts by Ashok et al. (1984) and 
Gorayaa & Rautela (1985) to explain the observed correlation in terms of line and 
bound-freee plus free-free emission arising from the same volume, did not succeed. 
However,, these authors neglected optical depth effects, which is not correct, especially 
forr the line emission (Chokshi & Cohen 1987; Kastner & Mazzali 1989). Kastner 
&&  Mazzali (1989) interpreted the correlation in terms of a model in which the wind 
iss confined within a disc that has a constant height (slab model) and a power-law 
densityy structure in the radial direction. In this model, optical depth effects are taken 
intoo account properly. Kastner & Mazzali (1989) find that the Ha originates mostly 
fromm the outer layers of the disc, while the infrared free-free emission freely escapes 
throughoutt the whole volume of the disc (as expected from the fact that under the 
conditionss applicable to the wind, the optical depth in Ha is much larger than the free-
freee and bound-free optical depths in the (near) infrared). They find that, with their 
slabb model, the observed range of Hö and infrared excess fluxes can be reproduced. 

InIn this paper, we wil l compare our observations of Ha equivalent widths and 
infraredd excesses with the results of two other models, both of which have been used 
extensivelyy to interpret observed properties of Be stars. The first of these is the model 
presentedd by Marlborough (1969) and studied in detail in a series of papers by Poeckert 
&&  Marlborough (1976,1978a (hereafter PM), 1978b, 1979). This model, which we will 
hereafterr refer to as the PM model, can reproduce the continuum and HQ line of 7 Cas 
quitee well (see, however, Sect. 6.4.1), and it also produces optical linear polarisation 
thatt is in agreement with the observations (Poeckert & Marlborough 1978b). The 
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secondd model that we will use, is a simplified version of the PM model (hereafter 
referredd to as the disc model) that was first presented by Waters (1986), and that was 
usedd extensively to interpret the infrared energy distribution of Be stars (e.g., Waters s 
ett al. 1987; Dougherty et al. 1993b), and also to study their optical linear polarisation 
(Waterss & Marlborough 1992). 

Inn Sect. 6.2, we briefly describe the observations and the procedures used for 
theirr analysis. In Sect. 6.3, we present the Ha equivalent widths and (J - L) infrared 
colours,, and correct these for the stellar component. In Sect. 6.4, we give a brief 
descriptionn of the two models, and present the comparison of the model calculations 
withh the observations. We discuss the results in Sect. 6.5 and draw some conclusions 
inn Sect. 6.6. 

62.. Observations and data analysis 

Thee infrared photometry was obtained in the nights of the 29th, 30th and 31st of 
October,, 1990, at the 1 m telescope of the European Southern Observatory (ESO) on 
Laa Silla, Chile. An InSb detector was used, cooled with solid nitrogen. Observations 
weree obtained in the ESO J (1.24/zm), H (1.63 ̂ m), K (2.19 pm), L (3.78 ̂ m) and M 
(4.666 pm) bands (see Bouchet et al. 1991; the system resembles closely the one defined 
byy Koornneef 1983). For the M band, reliable detections could only be obtained for 
starss with M ^ 5. 

Thee weather conditions during the run were excellent. In each night, about 30 
objectss were observed, interspersed with a similar number of observations of standard 
stars,, taken over a range in airmass. The standards were selected from the list of 
Bouchett et al. (1991). The usual observational procedures were followed (e.g., Sterken 
&&  Manfroid 1992). For all observations, a diaphragm of 15" diameter was used, a 
throww of 24" and a chopping frequency of 8 Hz. Observations were composed of pairs 
off  integrations of 5 seconds each, the integrations taken alternately in the positive and 
thee negative beam. Pairs were taken until both the Poisson counting error and the error 
onn the mean - derived from the standard deviation of the integrations - became less 
thann 1% of the mean (but with a minimum number of two pairs, and a maximum 
numberr of 6 pairs). 

Thee data reduction was performed at the observatory, andd contained the usual steps 
off  zero-point determination, correction for the drift of the zero point (if necessary), 
andd determination of the atmospheric extinction coefficients for each band. The typical 
uncertaintiess in the final magnitudes are about 0.03 in J, H, K and L, and 0.05 to 0.15 
inn M (for M ^ 4 to M~5). 

Thee Ha spectra were obtained in the nights of the 2nd to the 5th of November, 1990, 
att the 1.4 m Coudé Auxiliary Telescope on La Silla. The short camera was used, with 
ann RCA CCD as a detector, giving a wavelength coverage of ~ 60 A (around 6562 A) 
att a resolving power A/A A of about 50000. In each night, about fifty  objects were 
observed,, with integration times between one and twenty minutes (chosen such that 
aa signal-to-noise ratio of about 100 in the continuum was obtained). For calibration 
purposes,, series of bias, internal-lamp flat-field and Th/Ar frames were taken at the 
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beginning,, middle and end of the night. Furthermore, series of dark-current and dome 
flat-fieldd frames were taken at dusk and dawn. 

Thee reduction procedure consisted of subtraction of bias and dark-current, cor-
rectionn for pixel-to-pixel sensitivity variations and interference fringes using both 
internall  and dome flats, optimal extraction of the spectra (see Home 1986; for these 
highh signal-to-noise mainly useful to efficiently eliminate cosmic ray hits), and wave-
lengthh calibration using Th/Ar spectra. Furthermore, when necessary, the spectra were 
correctedd for the occurrence of telluric H20 (see Coté & Van Kerkwijk 1993). 

Thee equivalent widths (EWs) of HQ were determined interactively by selecting a 
pointt in the continuum on each side of the profile, and integrating the flux relative to 
thee straight line determined by those two points. The uncertainty was estimated by 
repeatingg the procedure several times, on purpose selecting points as far lower and 
higherr as seemed consistent with the data (this procedure gives uncertainties at an 
estimatedd confidence level of about 90%). Typically, the uncertainty in the continuum 
levell  was 1 to 2%, resulting in an uncertainty in the equivalent width ranging from 
~~ 0.2 A for the narrower lines to ~ 1A for the broader lines. This estimate is confirmed 
byy comparing the equivalent widths obtained from different spectra of the same star. 
Forr very broad lines, such as the absorption lines in late B-type main-sequence stars, 
thee wavelength coverage of our spectra is not sufficient to cover the whole profile. 
Hence,, for these spectra, we could only obtain lower limits to the equivalent width. 

6.3.. Observed correlations 

InIn Fig. 6.1 the observed EW is plotted as function of the infrared colour (J - L). If 
onee excludes the objects for which the spectrum shows the presence of a late-type 
companionn (marked by stars), there is a clear correlation between the two quantities, 
similarr to the one reported previously (e.g., Feinstein & Marraco 1981; Dachs & 
Wamm steker 1982; Dachs et al. 1988). Comparing the different symbols, one notices 
thatt there is no strong correlation with luminosity class. There also appears to be littl e 
correlationn with spectral type, except near the origin of the figure, where one sees that 
thee earlier spectral types are somewhat bluer and have smaller Ha EWs. This reflects 
thee intrinsic variation in photospheric colour and Ha EW with spectral type. 

Inn order to obtain information on the emission from the disc alone, the observed 
infraredd magnitudes and Ha EWs can be converted to excess fluxes by subtracting 
modell  fluxes that are appropriate for the spectral type, and that are scaled to fit the 
observedd system flux at a relatively short-wavelength magnitude, for instance V. This 
proceduree has been applied by, e.g., Ashok et al. (1984), Chokshi & Cohen (1987) and 
Kastnerr & Mazzali (1989). The disadvantage of this method is that the uncertainty 
inn the fluxes derived in this way is dominated by the uncertainties in spectral type 
andd luminosity class and the relation of these with absolute magnitude, rather than 
byy the uncertainty in the measurements. Therefore, we will not use this method, but 
ratherr estimate the excess fluxes relative to the stellar fluxes. Of course, we will do so 
similarlyy in our model calculations (Sect. 6.4). 
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Figuree 6.1. Observed equivalent width versus (J — L) colour for all objects. Typical 
uncertaintiess are ~0.5 A in the equivalent width, and 0.07 magnitudes in (J - L). 
Differentt symbols are used for stars of spectral type earlier than B2 (circles), B2 
andd B2.5 (pentagons), B3 to B5 (squares), later than B5 (triangles). Open symbols 
indicatee non-Be stars and filled symbols Be stars. Binaries with two O or B-type 
componentss are indicated with asterisks, and binaries with a late-type component 
withh stars (for two of the latter, the (J - L) colour is larger than the limits of the 
frame;; this is indicated with arrows on the right-hand side, with the value of (J — L) 
indicated).. For all objects, the size of the symbols indicates the luminosity class, with 
thee smallest size corresponding to luminosity class V, and the largest to luminosity 
classs HI (objects for which the luminosity class is not known were assumed to have 
luminosityy class V). Both the spectral type and luminosity class were taken from 
thee Bright Star Catalogue (BSC). Notice that some of the Be stars were not showing 
emissionn at the time of our observations and that one non-Be star has strong Ha 

emission.. For the latter, the BSC lists in the remarks section that is has H„  emission 

Ass an estimate of the excess infrared flux at L, we wil l use the ( J - L) colour 
excesss CE(J — L), defined by 

CE(JCE(J -L) = (J -L)-(J - L)0 - E(J - L), (6.1) ) 
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wheree (J — £)o is the intrinsic (J - L) colour corresponding to the spectral type and 
E(JE(J — L) the interstellar reddening. The rationale behind this estimate is that for not 
tooo strong winds the wind contribution at J is small, so that 

,, (6.2) 

wheree F*  and F{ indicate the flux arising from the wind and the star, respectively, 
andd whilst the latter approximate equality holds for Ff <C F /. F°r s m a^ excesses, 
thiss estimate is in first order proportional to F£ /F£, but going to larger excesses it 
wil ll  cease to be linear. For strong winds, the contribution from the wind at J can not be 
neglectedd any more, and the colour excess wil l saturate at the colour appropriate for 
thee wind itself, at (J - L) ~ 0.8-1.0 (Dougherty et al. 1993b; see also Dachs et al. 
1988).. This saturation effect may be responsible for the deviating position of HR 3237 
( ( // - L) = 0.8, EW = - 60 A) in Fig. 6.1. 

InIn order to minimize the effect of the saturation, one would like to use the observed 
magnitudee at a shorter wavelength than J, such as V (as has been used by Gehrz et al. 
(1974)) and Feinstein & Marraco (1981)). For this purpose, we could use the (V — L) 
colourr excesses derived by Dougherty et al. (1993b) from the Geneva observations that 
weree obtained in the course of our survey. However, Dougherty et al. (1993b) found 
thatt there were a number of stars that showed negative (V — L) colour excesses, while 
theirr infrared colours indicated the presence of a substantial wind. Since the cause 
off  these negative excesses is at the moment unclear (cf. Dougherty et al. 1993b), we 
preferr to use the (J — L) colour excesses. 

Forr the determination of the intrinsic colour {J - L)Q and interstellar reddening 
E(JE(J — L), we followed the procedure outlined by Dougherty et al. (1993b). Briefly, 
forr (J — L)o, the tables of Cramer (1984) are used to find the intrinsic colour [ B - V]Q 
(inn the Geneva photometric system) corresponding to the spectral type of each star, 
andd the colour-colour relationships given by Dougherty et al. (1993a) to convert these 
too (J — L)Q. For E(J — L), first E[B - V] is determined from the Geneva photometry 
off  each star (Burki et al., in preparation) in the way described by Cramer (1982), and 
thenn E( J — L) is calculated by multiplying E[B - V] with 0.458 (appropriate for the 
interstellarr extinction law of Mathis (1990; see Dougherty et al. 1993a). 

Wee estimate the Ha flux relative to the continuum flux with EW — EWQ, where 
EWEW is the observed equivalent width, and EWQ the equivalent width corresponding 
too the photospheric absorption. The observed equivalent width is given by 

/ / 
EWEW = / 1 - ^ ^ f ^ ' - ^ d A , (6.3) 

wheree F% and F? are the Ha line flux and continuum flux arising in the wind, 
F*F*  is the stellar continuum flux, and Pa the H a absorption profile. In this notation, 
EWEW00 = /PQdA,andthus 

/

IT **  + P * P 

i?r*r dA ''  (6-4) 
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Hence,, neglecting the effects of the continuum contribution from the wind, one finds 
thatt EW — EWQ is proportional to thee Ha line flux relative to the stellar continuum 
fluxx at Ha. 

Forr the determination of the intrinsic EWs we converted the intrinsic [B — V]Q 
colourr determined from the spectral type (see above) to Johnson (B — V)o, using 
thee relation given by Cramer (1984), and then used the relation between EWo and 
(B(B - V)o determined by Coté & Waters (1987). Notice that the latter relationship 
iss derived for main-sequence stars. Hence, the EWs of stars of (sub-)giants will be 
slightlyy overcorrected However, the effect is not very large, as can be seen in Fig. 6.2, 
wheree the observed and predicted EWs are shown as a function of (J — Lfo. 

Thee corrected EWs derived in the above manner can not be compared directly to 
thee (J — L) colour excesses, since the two quantities are determined relative to the 
stellarr continuum at different wavelengths. In order to correct for this effect, we define 
thee Ha excess Ea  ̂ as 

E*E* )L)L = (EW - £?Wr
0)io-°-4«[0-656l-I'>o-«0-656]-L)«>, (6.5) 

wheree [0.656] is the continuum magnitude at 6562 A, ([0.656] - L)0 is the intrinsic 
([0.656]]  - L) colour, and ([0.656] — L)m the intrinsic colour for spectral type B2 (B2 
wass chosen since we do our model calculations for this spectral type). The intrinsic 
([0.656]]  — L) colour was calculated using 

([0.656]]  - L)0 = [V- L]Q - °0* 5
0%°5

5
5V - *)o, (6.6) 

withh the intrinsic colours [V - L]0 and (V - i2)0 taken from Dougherty et al. (1993a) 
andd Johnson (1966), respectively. 

Inn Fig. 6.3, we show the excess colours and equivalent widths determined as 
describedd above, both with and without the colour correction to the Ha EWs. As 
expected,, for both cases, the stars showing no emission cluster around the origin. 
Withoutt the colour correction to the EW, the correlation for the emission-line stars 
doess not become tighter, but with the colour correction, it does. Although significant 
scatterr remains, indicating that from star to star there are intrinsic differences between 
thee infrared and Ha emitting regions (variability of the stars is not likely to play a 
majorr role, given the near-simultaneity of our observations), all stars follow the same 
relationn between Ha excess and IR excess emission, independent of spectral type and 
luminosityy class. The only difference between early B and late B spectral type is that 
thee maximum amount of excess emission shown (relative to the intrinsic L-band flux), 
decreasess somewhat going to later spectral types (as was also noted for the 12/im 
excesss flux by Coté & Waters 1987). 

Thee lack of correlation with either luminosity class or spectral type indicates that, 
onn average, the Ha line emission and near-infrared free-free emission depend in a 
similarr way on the properties of the underlying star. Since the Ha emission originates 
fromm a much larger effective radius of the disc than the infrared excess emission (due 
too the fact that the optical depth in Ha is much larger than that in the near-infrared free-
freee continuum; e.g., Kastner & Mazzali 1989), the lack of correlation also suggests 
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Figuree 6.2. The observed equivalent widths as function of the intrinsic colour 
(JJ - L)0 as determined from the spectral type. Shown are the stars with positive 
equivalentt width. The symbols are as in Fig. 6.1, with open symbols indicating 
non-Bee stars and filled symbols Be stars. The arrows indicate objects classified as 
non-Bee stars in the Bright Star Catalogue, but having spectra that show emission 
(alll  four are known Be stars). Overdrawn is the linear regression between equivalent 
widthh and (B - V)0 given by Coté & Waters (1987), with {B - V)0 converted to 
(J(J — L)0 using the intrinsic colour-colour relations of Dougherty et al. (1993a). Both 
starss classified as Be that lie slightly above the line, do not show any H„  emission 
inn our spectra 

Figuree 63. Excess equivalent width versus excess colour (right-hand page). In the 
topp panel, the equivalent width is corrected for the photospheric absorption, but not 
forr the intrinsic ([0.656] - L) colour. In the lower panel, the latter colour correction 
hass also been applied (for details, see text). The symbols are as in Fig. 6.1, 
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thatt the structure of the disc is rather independent of the stellar properties. We will 
comee back to these points in Sect. 6.5. 

6.4.. Model calculations 

Thee observed correlation between infrared excess and Ha excess emission indicates 
thatt the same gas is causing both phenomena (e.g., Feinstein & Marraco 1981; Dachs 
&&  Wamsteker 1982; Dachs et al. 1988). However, given the different effective radii at 
whichh the H0 and infrared emission originate (e.g., Kastner & Mazzali 1989), it may be 
expectedd that the observed correlations depend on the density and velocity structure in 
thee disc. In order to test this expectation, and to see whether the observed correlation can 
bee used to distinguish between different models of Be winds, we carried out numerical 
calculationss of the infrared and Ha excess emission of circumstellar discs, for two 
modelss that have both been used previously to model other observed characteristics of 
Bee stars (see Sect. 6.1). 

6.4.1.6.4.1. Description of the models 

Wee use two different models for the circumstellar disc, namely the PM and the disc 
modell  (Sect. 6.1). The density and velocity structure for the two models are quite 
different.. The PM model is characterized by a sharp, exponential drop of density 
perpendicularr to the equatorial plane. The scale-height of this gradient is determined 
byy the assumption of hydrostatic equilibrium. For the velocities in the disc, it is assumed 
thatt the azimuthal component is proportional to r - 1/ 2, and that the radial component 
iss of the form 

v(r)v(r) =vQ + (Voo - t*>)(l - R*/rf, (6.7) 

wheree #*  is the radius of the star, vo the velocity at that radius, and Voo the velocity 
att infinity. In the calculations, we have used /3 = 15 and Voo = 250km s_1 (i.e., the 
outfloww velocity increases much more gradually with distance and reaches a much 
lowerr terminal velocity than is the case for a typical radiation-driven stellar wind). For 
referencee with the discussion below, we plot the velocity law used in Fig. 6.4. With this 
velocityy law, the density distribution is found using the equation of mass conservation. 

Thee velocity law is similar to the one used by PM in their standard model. However, 
wee have used an initial velocity of 0.05 times the thermal velocity, or 0.67 km s- 1, 
insteadd of the much larger value of 7 km s_1 used by PM. The latter value was chosen 
byy PM because, with this value, they could reproduce the strongly asymmetric double-
peakedd Ha profile they observed in 7 Cas, in which the red component was much 
strongerr than the blue one. Such a line profile can be reproduced by an axisymmetric 
discc in which the velocity has a significant radial component in the HQ emitting region. 
However,, the profiles of H a and the other Balmer lines of 7 Cas are known to be 
stronglyy modulated (see, e.g., Telting & Kaper 1993 and references therein), probably 
duee to a variable non-axisymmetric distribution of gas in the disc. Also, the parameter 
studyy by PM showed that their standard model produced a P Cygni profile when viewed 
edge-onn (7 Cas was assumed to have an inclination angle of 45°), which is only rarely 
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Figuree 6.4. The radial outflow velocity laws used in our computations. PM indicates 
thee /3-law used in the Poeckert & Marlborough (1978a) model, and the numbers 
indicatee different values of the density gradient for the disc model 

observedd in Be stars. Instead, most Be stars thought to be viewed edge-on show rather 
symmetricc double-peaked emission profiles, often with a central absorption below the 
continuum,, i.e., a shell profile (e.g., Slettebak 1988). Therefore, although the observed 
H„„  profile used by PM resulted in a model that could reproduce the observations, it is 
likelyy that the initial velocity was severely overestimated. Notice that this implies that 
thee mass loss rate derived from the HQ emission is severely overestimated as well. 

Fromm the profiles shown by shell stars, very small (initial) radial outflow velocities 
aree deduced. For instance, for Pleione the velocity difference of the shell and the star 
wass at most a few km s_1 (Merril 1952), and for o And an initial velocity of ^ l k m s- 1 

iss required to explain the line profile (Poeckert et al. 1982). Other evidence for low 
outfloww velocities was found by Marlborough & Cowley (1974), who inferred from a 
studyy of the Ha emission in the B8 shell star 1 Del that the radial outflow velocity near 
thee photosphere of that star was 1 km s_1, and that it increased to only 15 km s_1 at a 
distancee of 20 R*. Furthermore, Zijlstra, Waters and Marlborough (in preparation) find 
ann initial outflow velocity of ^ 1 km s_1 from the shape of the emission lines and the 
slopee of the infrared continuum in the B5e star tj) Per. It is possible that the initial radial 
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outfloww velocity changes with spectral type, or that it depends on the density. Example 
given,, Poeckert et al. (1982) find that the disappearance of the shell lines in o And 
cann be understood by a drop in density accompanied with an increase in the velocity. 
However,, given the arguments above we believe that, in general, the initial velocities 
aree significantly lower than the thermal velocity. We note that our comparison with 
thee observations does not depend strongly on the assumed value of the initial outflow 
velocity,, since, for the line emission, it affects mostly the line shape, and not so much 
thee equivalent width, while for the infrared excess - which is determined by the density 
structuree - only the shape of the velocity law is important, not the absolute value of the 
velocitiesvelocities (although these do affect the inferred mass-loss rate; cf. Waters et al. 1987). 

Comparedd to the PM model, the disc model has a much simpler density and velocity 
structure.. It is assumed that the wind is confined to a cone with a given opening angle 
00 and that within this cone the density distribution is of the form 

P(r)P(r) = po(r/R*rn, (6.8) 

wheree po is the density at r = R+. The azimuthal component of the velocity is assumed 
too be proportional to r - 1/ 2, as for the PM model. The radial outflow velocity follows 
fromm the assumed density structure, and is given by v(r) = v0(r/Rm)n~2. For our 
calculations,, we used values of n = 2.5, 3 and 3.5, and the value of v0 is the same as 
thatt for the PM model, i.e., 0.67 km s- 1. The corresponding velocity laws are shown 
inn Fig. 6.4. 

Forr both models, the computer code of PM was used to calculate the infrared excess 
andd Ha emission. For a detailed description, we refer to PM. Briefly, it is assumed 
thatt the circumstellar gas consists of pure H. The excitation/ionisation equilibrium is 
solvedd for an equivalent 5-level atom, taking into account radiative transitions and 
collisionall  bound-bound transitions to and from levels n + 1 and n - 1. The diffuse 
radiationn field in the disc is ignored, and the star is assumed to be spherical, with 
ann energy distribution as given by Kurucz et al. (1974). The equations of statistical 
equilibriumm are solved on a grid of Nr x Nz points, where r is in the radial direction 
andd z along the rotation axis. 

Thee resulting set of level populations and electron densities are used as input for the 
calculationn of the continuum energy distribution and the Ha line. For these calculations 
aa ray tracing technique is used, with typically several hundred lines of sight for the 
continuumm and several thousand for the Ha line. For the HQ line, a velocity resolution 
off  10km s"1 was used and a turbulent velocity of 5kms_ 1. The integration along a 
givenn line of sight was stopped when an optical depth to infinity reached a value of 10. 

Inn our calculations, we assumed that the underlying B star was a 'typical' B2 star, 
withh basic parameters Teff = 23000K, R = 5 R© (i.e., L = 6300LQ) and M = 8 M©, 
rotatingg at 0.75 times the break-up velocity or 414km s- 1. We adopted an inclination 
anglee of 60°, for which v sin i = 360 km s~! . The temperature in the disc was assumed 
too be constant at 0.6Teff or 13800K (a temperature significantly less than Teff is 
inferredd from the absence of shell He I lines in shell stars (except for lines arising from 
metastablee levels), and the presence of Fe II emission lines in many Be stars). 

Ass mentioned above, we used three values of the radial density gradient for the disc 
model,, n = 2.5, 3 and 3.5. These values are based on the analysis of the far-infrared 
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Tablee 6.1. Results of numerical calculations 

n n Po Po 
( l (T I 2 gcm-3 3 

discdisc model 
2.5 5 

3.0 0 

3.5 5 

1 1 
2 2 
3 3 
5 5 

1 1 
2 2 
3 3 
5 5 

10 0 

1 1 
2 2 
3 3 
5 5 

10 0 
30 0 

PMPM model 
1 1 
2 2 
3 3 
5 5 

10 0 
30 0 
50 0 

100 0 
300 0 

EWW - EWo' 
A A 

-14.8 8 
-38.6 6 
-62.5 5 

-101 1 

-4.67 7 
-9.54 4 

-15.1 1 
-25.2 2 
-52.8 8 

-2.42 2 
-4.42 2 
-6.34 4 
-9.38 8 

-16.9 9 
-55.9 9 

0.01 1 
-0.43 3 
-0.77 7 
-1.98 8 
-1.93 3 
-3.63 3 
-6.32 2 
-8.69 9 

-11.2 2 

CE(JCE(J - Lf 

0.040 0 
0.096 6 
0.186 6 
0.400 0 

0.026 6 
0.047 7 
0.106 6 
0.230 0 
0.516 6 

0.004 4 
0.032 2 
0.066 6 
0.153 3 
0.351 1 
0.606 6 

0.000 0 
0.002 2 
0.008 8 
0.029 9 
0.164 4 
0.506 6 
0.512 2 
0.648 8 
0.833 3 

'' The Ha equivalent width corrected for the photo-
sphericc component (of 2.06 A) 
bb CE(J -L) = (J-L)-(J- L)o; see Sect 6.3 

energyy distribution of a large sample of Be stars, and on the sub-mm and radio energy 
distributionn of a sample of 6 Be stars (Waters et al. 1987,1991). Most stars have values 
off  n between 2.5 and 3. The opening angle 6 was set at 5°, and a range in densities 
wass used (see Table 6.1). The range in densities used for the PM model (Table 6.1) 
wass larger than for the disc model, because only in the high density cases the PM 
modell  produced significant line emission. (Notice that due to the difference in density 
gradientt in the z direction, the disc model has a much larger emission measure than the 
PMM model for equal values of po) We summarize the numerical results in Table 6.1, 
andd plot them in Fig. 6.5 together with the observations. 
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Figuree 6.5. Ha excess equivalent width versus (J — L) excess emission calculated 
forr circumstellar discs with different density/velocity structures. The solid lines 
representt the results for the disc model for n = 2.5, 3 and 3.5, and for the PM model 
(ass indicated). The points are the observations, as in Fig. 6.3 (lower panel) 

6.4.2.6.4.2. Results 

Figuree 6.5 shows that the PM model, with the set of model parameters used in this 
study,, is not able to reproduce the observed correlation of HQ and (J — L) colour 
excess.. Specifically, the model produces too little HQ emission for a given infrared 
excess.. This 'deficiency' of HQ emission probably results from two effects. The most 
importantt one is the rather sharp increase in outflow velocity at a distance of about 
55 .R» (see Fig. 6.4), which causes a steep density gradient. The HQ line is formed in 
aa much larger volume than the near-infrared excess and thus is more sensitive to this 
steepp gradient in density, resulting in a relatively small amount of H a emission. We 
havee tested for the existence of this effect by changing the terminal velocity in the 
PMM model for po = 3 1 0 _ n gem - 3 to the unrealistically low value of 1 km s_1 . Such 
aa velocity is equivalent to having a constant radial outflow velocity. The PM model 
thenn produces a ( J — L) colour excess of ~ 0.8 and an Ua equivalent width of about 
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-2000 A. (Hence, a change in the terminal velocity might produce better agreement 
withh the observations.) 

AA second effect that may play a role, is the degree of ionisation in the disc. Most of 
thee material in the PM model is concentrated in a very thin layer close to the equatorial 
plane,, where the column densities in the Lyman and Balmer continuum along lines 
off sight towards the stellar surface are very large. This results in regions of neutral 
gass at distances between 1.3 and 3 Rm for the high density models (see Poeckert & 
Marlboroughh 1982), which will suppress both line and free-free emission. The extent 
too which this affects the observed emission depends on the optical depths in the layer 
abovee the neutral region. 

Thee disc models produce a significantly stronger Ha line than the PM model 
becausee there is much more material in the disc - with a much flatter density gradient 
-- at larger distances from the star. Also, the material in the disc is not strongly 
concentratedd towards the equatorial plane, so that large column densities towards the 
starr do not occur, and the disc remains much more uniformly ionized (even though the 
degreee of ionization decreases somewhat with increasing density). The strength of the 
emissionn (both Ha and infrared continuum) decreases with increasing steepness of the 
densityy gradient, because there is less material at larger distances from the star with 
increasingg n. Since the Ha line is more sensitive to this effect, the curves for different 
nn have a different slope in Fig. 6.5. From this figure, one sees that for EWs smaller 
thann ~ 20 A the n = 3.5 model can adequately reproduce the observed correlation. 
However,, it is clear that, in general, for all n the disc model produces too much H0 

emissionn compared to the observations. This indicates that there is too much material 
att large radii, and thus that the density distribution in the radial and/or the z direction 
iss incorrect. 

6.4.3.6.4.3. Line profiles 

Inn Fig. 6.6 we show the Ha profiles calculated with the PM model and with the disc 
modell for n = 3.5 for EWs in the range 0 to —15 A. For comparison, also the observed 
profiless of HR 3498, 3147 and 2690 are shown, which display a similar range in EW 
(1.3,, -3.7, and -16 A, respectively). These three stars have spectral types B2.5Ve, 
B2.5IVee and B2IVe, respectively (Slettebak 1982), similar to the spectral type assumed 
forr the model calculations (B2). However, their projected rotational velocities are lower 
thann the 360 km s - 1 used for the model, namely 240,200 and 200 km s_1, respectively 
(Slettebakk 1982). From the figure, it is clear that the disc model produces profiles 
thatt are most 'Be-like'. Given the difference in ©sin», the correspondence with the 
observedd profiles is reasonable. Notice that the wings of the strongest profiles are not 
reproduced.reproduced. These wings are due to electron scattering, which is not taken into account 
inn the models. 

Thee profiles of the higher-density PM models look rather peculiar, especially the 
onee with the highest density, showing small peaks superposed on broader ones. This 
iss probably due to the same effects that cause a rather low Htt EW, viz., the cutoff of 
thee emission at a certain radius due to the rapid acceleration inherent in the assumed 
velocityy law, and the presence of neutral hydrogen in the densest parts of the wind close 
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Figuree 6.7. The observed HQ profile of HR 3858 (B5Ve) 

Figuree 6.6. Observed and modelled Ha profiles (left-hand page). In the top panel the 
observedd Ha profiles are shown for three stars that have similar spectral type (B2) 
too that used in the models and show a range in equivalent width. For all stars, the 
projectedd rotational velocity is about 200 km s -1 , less than the value of 360 km s - 1 

usedd for the models. In the middle and lower panels the profiles calculated with the 
PMM model and with the disc model for n = 3.5, respectively, are shown. For each 
model,, profiles were calculated for three value of po (as indicated) 

too the star. These effects cause a deficiency at high and low velocities, respectively. 
Interestingly,, although these profiles seem rather unlike the normal Be-star profiles, 
wee have in our set of observations one star showing a rather similar profile, namely 
HRR 3858 (B5Ve; see Fig. 6.7). (The profile is similar to the one reported by Dachs et 
al.. (1992), but different from that shown by Hanuschik (1986).) 

6.5.. Discussion 

Fromm Fig. 6.5 it follows that the PM standard model is not able to reproduce the 
infraredd excess and H a line strengths for Be stars. This break-down is perhaps not 
unexpected,, since the PM model parameters were tuned to explain the properties of 
thee rather extreme Be star 7 Cas (which it can explain rather well). Probably, the 
discrepanciess result from the choice of the radial velocity law, which causes a rather 
steepp density gradient at a distance of about 5-10 R*, and from the assumption of an 
exponentiall vertical density structure, which causes regions of neutral gas closer to the 
star. . 
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Farr the disc model, it is clear that, to reproduce even part of the observed correlation 
betweenn Ha and infrared colour excess, one has to assume n £ 3.5. This limit to n 
cann be compared to values found from other studies. Dougherty et al. (1993b) found 
valuess of n between 2 and 5, based on the analysis of the near-infrared excesses of 
aa large sample of Be stars (among which the stars used for this study). Waters et al. 
(1987)) found values of n between 2 and 4, but mostly between 2.5 and 3, from an 
IRASS study of the far-infrared excesses. Waters & Marlborough (1992) found a lower 
limitt for n of 2.5, based on a study of infrared excess and optical linear polarisation. 
Doughertyy et al. (1991) derived values of n > 4 from radio continuum measurements 
(i.e.,, probing the outermost parts of the disc). 

Thus,, our result is in agreement with that based on the radio data, but is inconsistent 
withh that derived from the IRAS far-infrared data. We can solve this discrepancy by 
assumingg that there is a change in the density gradient at some distance from the star. 
Thee inner regions, where the bulk of the infrared excess is formed, have a rather flat 
densityy gradient (typically n ~ 2.5). For the outer regions, much larger values of n, 
upp to 4 have been inferred. Based on the shape of the far-infrared to radio continuum, 
evidencee for such a change in the density gradient - at distance of about 8 -R* — has 
beenn obtained for 7 Cas, (Waters et al. 1991). In such a model, the amount of infrared 
excesss would not differ much from the value for a constant radial density gradient 
model,, but the strength of the Ha emission, which is formed in a much larger volume, 
wouldd decrease drastically (as would the radio emission). 

Alternatively,, the assumption that the wind is confined to a cone with a constant 
openingg angle might be wrong. One might expect that a vertical density structure 
intermediatee between that of the disc model and that of the PM model might produce 
resultss in better agreement with the observations. In support of this possibility is the 
factt that Kastner & Mazzali (1989) could reproduce the range of observed Ha and 
infraredd fluxes they had available with a 'slab' model (constant thickness), with a radial 
densityy structure given by a power law (as in the disc model). 

Thee conclusion that the disc structure does not depend on spectral type (Sect. 6.3) 
iss remarkable in view of the large difference in luminosity (more than a factor 100) 
andd Lyman continuum flux between early and late B stars in the sample, and deviates 
fromm conclusions based on other observational evidence. Waters et al. (1991) show that 
thee observed energy distribution of 7 Cas (B0.5 IVe) in the IRAS to cm wavelength 
regionn is significantly steeper than that of 5 other Be stars, all of which have a later 
spectrall type, suggesting a different disc structure. From a study of Be/X-ray binaries 
withh spectral types between 09 and Bl, Waters et al. (1988) found evidence that 
thee slope of the IR continuum for these stars is steeper than that of other Be stars 
withh later spectral type. The fact that main sequence stars above a certain luminosity 
(correspondingg roughly to spectral type 07/08) do not show strong evidence for 
circumstellarr discs, in spite of rapid rotation, also suggests that stellar luminosity is 
relevantt to determining presence and structure of mass loss discs. If this were so, also 
thee gas density in the disc should be reflected in the structure of the disc. Marlborough 
ett al. (1993) suggest that the disc structures of Be and Be-shell stars differ, because the 
latterr group of stars has much more circumstellar material than the former. However, 
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thiss conclusion is based on a small sample of stars and needs to be confirmed by other 
measurements. . 

6.6.. Conclusions 

Wee conclude that the observed correlation of H t t and near-infrared excess emission 
providess a powerful diagnostic tool for probing the density structure of Be-star winds. 
Fromm the lack of correlation with both spectral type and luminosity class, it follows that 
thee structure of the wind does not depend strongly on the properties of the underlying 
star. . 

Wee tried to reproduce the H a , near-infrared correlation with two models that have 
beenn used previously to model other properties of Be stars. We conclude that the 
PMM model is not able to reproduce the observed correlation for the choice of model 
parameterss used in this study. The disc model is capable of partially replicating the 
observedd correlation, but only for values of the density gradient n larger than about 
3.5,, which are inconsistent with the results obtained from the IRAS data (that suggest a 
valuee of n mostly between 2.5 and 3). A similar inconsistency was found earlier from 
radioo measurements. We suggest that this discrepancy results either from a breakdown 
off the assumption that the wind is confined to a cone of a certain opening angle, or 
fromm a change in the radial density gradient of the gas at some distance from die star. 
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