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Dubbelsterrenn waarvan een van de componenten een compacte ster Is
(eenn witte dwerg, neutronenster of zwart gat) worden in de sterrenkunde
intensieff bestudeerd. De belangrijkste reden hiervoor is dat de studie
vann compacte
onderr

objecten

extreme

inzicht

omstandigheden

verschaft
(hoge

over het gedrag

temperatuur

en

van materie

dichtheid,

sterke

zwaartekrachtt en een zeer sterk magneetveld), die niet in het laboratoriumm

op

aarde bereikt

kunnen worden. Geïsoleerde

zendenn over het algemeen weinig

compacte

sterren

straling uit, zodat ze moeilijk zijn

waarr te nemen. Als ze echter deel uitmaken van een dubbelster veroorzaaktt de wisselwerking tussen het object en zijn begeleider een aantal
opvallendee verschijnselen. Zo zijn een aantal van deze systemen zeer
helderee Rontgenbronnen, en vrijwel allemaal zijn ze in de meeste golflengtegebiedenn

van

het

elektromagnetische

spectrum

variabel,

op

een

zodanigg korte tijdschaal dat relevante gegevens snel te verzamelen zijn.
Dezee eigenschappen houden beide verband met het feit dat de uitgezonden
stralingg

wordt

leidendee

ster) op het

zogenaamdee

opgewekt

doordat
oppervlak

"accretieproces"

zwaartekrachtt

komt

aan het oppervlak

er materie

(afkomstig

van de compacte
zeer

veel

energie

van een compacte

van de bege-

ster valt. Bij dit
vrij

ster erg

omdat

de

sterk is.

Doordatt de afmeting van een compacte ster zeer klein is (ca. 10000 km.
voorr een witte dwerg, 10 km voor een neutronenster of een zwart gat van
stellairee massa) zijn de tijdschalen van het accretieproces zeer kort
(millisecondenn tot minuten). Verder moet in de meeste gevallen de afstandd tussen de twee componenten van de dubbelster klein zijn, wil er
materiee van de begeleider

op de compacte

ster terecht

kunnen komen,

hetgeenn inhoudt dat de baanperiode (waarin beide sterren om elkaar heen
draaien)) kort moet
waargenomenn

zijn

straling

op

(minuten tot dagen). Om deze redenen kan de
tijdschalen

variëren.. Voor de theoreticus

is het

van

milliseconden

een grote uitdaging

tot

dagen

om al deze

waargenomenn verschijnselen te verklaren en in een consistent model onder
tee brengen.
Dubbelsterrenn met compacte objecten worden gewoonlijk verdeeld in
tweee groepen. In de eerste groep accreteert de compacte ster materie uit
dee sterrenwind van een zware begeleidende ster; in de tweede groep wordt
dee massa naar de compacte ster overgedragen -doordat de sterren zo dicht
bijj elkaar staan dat de compacte ster door zijn zwaartekracht materie
vann het oppervlak

van de begeleidende

5 5

ster kan trekken

("Roche lobe

overflow"))
s t e r ..

.In dit

l a a t s t e geval i s de begeleider meestal

Een belangrijk

verschil

tweedee groep de materie
draaien..

tussen deze twee groepen i s dat i n de

nooit

compactee s t e r kan v a l l e n ,

een l i c h t e

rechtstreeks

op het

oppervlak van de

maar er e e r s t i n een s c h i j f omheen komt t e

Deze zogenaamde "accretieschijf"

i s verantwoordelijk

voor de

meestee waargenomen eigenschappen van het systeem. De aanwezigheid van
z o ' nn s c h i j f

i n de systemen van de eerste groep i s nog niet

eenduidig

bewezen,, en zal ook de meeste waargenomen eigenschappen niet domineren.
Ditt

proefschrift

gaat

voornamelijk

over

systemen uit

de

tweede

groep:: dubbelstersystemen met een compacte s t e r en een l i c h t e b e g e l e i d e r
d i ee door middel van Roche-lobe overflow massa v e r l i e s t .

Het werk kan

verdeeldd worden i n drie delen die hierna apart z u l l e n worden samengevat:
1))

een studie van de eigenschappen van de wijde lage-massa

systemen

(helderee g a l a k t i s c h e buige-bronnen, symbiotische s t e r r e n ) .
2))

het construeren van evolutie s c e n a r i o ' s voor een aantal waargenomen
systemenn (A0620-00, 1E2259-586).

3))

een studie

van de vorming en e v o l u t i e

van nauwe systemen

(nauwe

Röntgendubbelsterrenn van lage massa, cataclysm!sche v a r i a b e l e n ) ,

in

hett bijzonder d i e e v o l u t i e f a s e waarin het systeem een gemeenschapp e l i j kk gasomhulsel h e e f t .

Eigenschappenn van wijde Röntgendubbelsterren van lage massa
Dee g a l a k t i s c h e bulge bevat een aantal

zeer heldere Rontgenbronnen die

vanwegee de grote e x t i n c t i e niet o p t i s c h kunnen worden g e ï d e n t i f i c e e r d en
waarvann geen baanperiode bekend i s . Webbink, Rappaport en Savonije (WRS)
s t e l d e nn voor dat deze bronnen bestaan u i t een neutronenster met een lage
massaa

reus

(lichter

dan de neutronenster)

als begeleider.

De massa-

overdrachtt wordt aangedreven door de evolutionaire expansie van de reus,
enn omdat de massa verliezende s t e r l i c h t e r i s dan de accreterende i s de
massa-overdrachtt s t a b i e l . De evolutie van deze dubbelsterren kan op een
simpelee semi-analytische wijze worden beschreven, hetgeen WRS deden voor
d i ee systemen waarin de reus een l i c h t e helium-kern h e e f t , met daaromheen
eenn waterstof verbrandende s c h i l .
Inn hoofdstuk I I . 1 wordt dit werk uitgebreid om te onderzoeken of
ookk andere typen dubbelsterren, met name die waarin de massaoverdracht
s n e l l e rr verloopt dan i n de Röntgendubbelsterren, kunnen worden verklaard
mett een z e l f d e soort model waarin de reus verder geëvolueerd i s .
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Log<m,>>
61.999
429.66
812.44

20166
37388
55511
73133

Log/ R L

-7.38
-6.63
-6.36

7.16
6.25
5.90

-6.40
-6.21
-6.08
-5.95

5.51
5.04
4.66
4.30

tabell 1. De gemiddelde snelheid van massaoverdracht ( M @ / j a a r ) en de duur
vann de massaoverdracht fase (in jaren) voor een dubbelster bestaande uit
eenn reus van lage massa en een neutronenster, als functie van de
initiëlee baanperiode (in d a g e n ) .
Naarmatee

een reus

verder

geëvolueerd

evolutiefasenn worden doorlopen

is neemt

de snelheid

waarmee

overdracht,, die immers wordt aangedreven door de evolutionaire
Dee

in tabel

overdrachtt
uitt

een

begint.

snelheidd

levensduur

van

dergelijke

1, als functie van de baanperiode
Een duidelijk

neutronenster

voornaamstee

dee

en

massa-overdrachtsnelheid

samengevatt

kenmerk

en

voorbeeld

een

een zeer

ver

hoge

(super

compacte

waargenomen..

ster

echter

vermoedelijk
Door

een zware
als

een

de eigenschappen

diee van een aantal

waargenomen

witte

reus,

Eddington)

dwerg

zogenaamde

bestaande

waarvan

het

te zijn. Als

is zal een

sterren

is

massa-overdrachts-

symbiotische

van onze modellen

symbiotische

systemen

van een dubbelster

geëvolueerde

expansie.

waarbij de m a s s a -

zou zijn, lijkt op dit moment nog niet waargenomen

dubbelsterr

de

toe, en daarmee ook de snelheid van massa

dergelijke

ster

worden

te vergelijken met
is het mogelijk een

aantall systemen a a n te wijzen waarvan de eigenschappen door dit model goed
verklaardd kunnen worden: A G Dra, V443 Her, RW Hyi en SY M u s .
Hett model

is door ons ook gebruikt om de eigenschappen

vann een aantal axiaal

te verklaren

symmetrische niet-thermische radiobronnen die in de

buurtt van het galaktisch centrum werden waargenomen. Uit de energie-inhoud
enn

de vorm

van de radiobronnen

energie-injectiee

met

een

valt

vermogen

af te leiden dat er een continue
38 8
ca. 10
ergs/sec moet hebben

van

plaatsgevondenn gedurende een periode van ongeveer 10

jaar. In hoofdstuk

II.22 wordt beargumenteerd dat het enige bekende soort astrofysisch object
datt wij kennen dat aan deze voorwaarden kan voldoen het soort dubbelstersysteemm is dat wij modelleren.
Tenslottee

hebben we

In hoofdstuk

II.3 het model

toe gepast

om de

evolutiee van de spinperiode van een accreterende, magnetische neutronensterr in een wijde lage massa Röntgendubbelster te berekenen. Als we een

7 7

B ^ :: 5.10BG
noo bottom *if»W

figuurr 1. De spinperiode van de neutronenster als functie
vann de baanperiode aan het einde van de massa-overdrachtfase,, met en zonder een bodem in het magneetveld. De krommes
mett label 1,2 en 3 geven de resultaten voor een vervaltijdschaall van het magneetveld van 2 10 , 5 10 en 10 jaar.

aantall

veronderstellingen

magneetveldd

doen over de evolutie van de sterkte van het

van de neutronenster, dan voorspellen deze berekeningen een

verbandd tussen de spinperiode van de neutronenster en de baanperiode van
dee dubbelster op het moment dat de massa-overdracht stopt (figuur 1 ) .
Aangezienn de nakomelingen van deze systemen waargenomen worden als wijde
dubbelster-radiopulsars,,
dee

theoretische

staatt

stelt een vergelijking

relatie

in

het

tussen de waargenomen en

spinperiode/baanperiode

diagram

ons

in

limieten te stellen op het gedrag van het magneetveld als functie

vann de tijd. De positie van de pulsar PSR 1953+29 zet een bovenlimiet op
dee vervaltijd

van het magneetveld vlak na het ontstaan van de neutronen-

sterr van 1.2 10

jaar. De positie van PSR 1855+09 geeft aan dat dit verval

niett onbeperkt doorgaat, maar stopt als het veld een bodemwaarde van ca.
o o

55 10

Gauss heeft bereikt.

Evolutiee scenarios

1E2259+586 6
Dee dubbelster 1E2259+586 heeft een baanperiode van 38 minuten en bevat een
77

seconden

Rontgenpulsar.

Zij staat

in

het

midden

diffusee Rontgenemissie die er uitziet ais een ca. 10

van

een

schil

van

jaar oud supernova-

restant,, op een afstand van 3.6 ± 0.4 kpc. Dit betekent vermoedelijk dat
dee neutronenster recent is gevormd door het instorten van een witte dwerg
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Fig.. 2 De baanperiode (in minuten) als functie van de massa van de He-ster

waarvann de massa door accretie boven de Chandrasekhar limiet is gekomen.
Uitt

nauwkeurige

baanperiodee

metingen

verkregen

van

de

Gregory

modulatie

van

Fahlman

een

en

de

pulsperiode

massafunctie

met

de

voor

de

dubbelsterr van 0.008±0.Ü002 M , hetgeen voor een standaard pulsarmassa van
11 Mg inhoudt dat de massa van de begeleider groter moet zijn dan 0.2 M .
Dee korte baanperiode maakt het onmogelijk dat de begeleider een normale
hoofdreekssterr is, aangezien zulke sterren te groot zijn om in de baan te
passen.. Een ster bestaande uit gedegenereerde materie
daarentegenn

zo

klein

dat

zij nooit

massa

via

(witte dwerg) is

Roche-lobe

overflow

kan

verliezen. .
Inn hoofdstuk III. 1 van dit proef schift stellen wij voor dat de begeleiderr van de neutronenster een niet-gedegenereerde He-ster is. Om deze
hypothesee te testen hebben wij numerieke evolutie-berekeningen gedaan van
eenn dubbelster die aanvankelijk bestaat uit een 1 M 0 neutronenster en een
0.66

Mg He-ster begeleider, waarin de massa-overdracht wordt aangedreven

doorr impulsmomentverliezen

ten gevolge van gravitatiestraling. Als voor-

beeldd van de resultaten van onze berekeningen staat in figuur 2 de relatie
uitgezett
eenvoudigg

tussen de massa van de begeleider en de baanperiode. Aangezien
valt af

te leiden dat de baanperiode

supernovaexplosiee

ca. 22 minuten

wordenn

dat

afgelezen

de

moet

van

1E2259+586

zijn geweest, kan uit

huidige massa van de He-ster

gebruikk van de lichtkracht en effectieve

de

0.37 M 0

voor de
figuur
is. Met

temperatuur uit de berekeningen

enn de bekende afstand en extinctie van het systeem voorspelt het model een
blauwee magnitude van 23.7, wat zeer goed overeenkomt met de waargenomen
waardee van 23.5 voor de optische tegenhanger. Een ander interessant punt
inn figuur 2 is het bestaan van een minimum periode van 11 minuten voor een
9 9

d u b b e l s t e rr waarin een H e - s t e r via Roche-lobe overflow massa o v e r d r a a g t . De
minimumperiodee
H e - s t e rr

zal

wordt

veroorzaakt

expanderen

d e g e n e r a t i ee

van

de

bij

doordat

verder

elektronen.

p e r i o d ee voor w a t e r s t o f r i j k e

Het

bij

een massa van c a .

massaverlies,
bestaan

van

een

door

0.2 M

de

dergelijke

s t e r r e n (70 minuten) was a l e e r d e r

de

toenemende
minimum-

aangetoond.

A0620-00 0

Ditt systeem is een tijdelijke Rontgenbron die in 1975 uitbarstte en toen
dee grootste schijnbare helderheid bereikte die tot nu toe van een Rontgenbronn is waargenomen. Tegelijkertijd nam de optische helderheid met ca. 7
magnitudenn toe. Studie van oude fotografische platen toonde aan dat deze
uitbarstingenn

waarschijnlijk

een recurrentie

tijdschaal

van ca 70 jaar

hebben.. Uit spectra genomen van het systeem nadat het weer tot rust was
gekomen,, blijkt dat de begeleider van het compacte object een K5 dwerg is
(massaa

ongeveer 0.8 M 0 ) , hetgeen een afstand inhoudt van ca. 850 pc. De

baanperiodee
begeleiderr
absolutee

van het systeem

is 7.75 uur. De

radiele

snelheid

van de

varieert met de zeer grote amplitude van 457 km/sec, wat een

onderlimiet op de massa van de begeleider oplevert van 3.2 M 0 .

Ditt betekent vrijwel zeker dat het compacte object een zwart gat is.
Doorr
systeemm

de

zoals

genomenn terug
hebbenn

evolutie
het

van

nu wordt

het
waar-

in de tijd te volgen

wij in hoofdstuk

' 0 M oo

ee
evolution.windd mos;

III.2 een

P

o r b ~ 7 5 0 < 11
t,== 5 ID* yr

evolutiee scenario voor deze dubbelsterr opgesteld, dat geïllustreerd is
inn

figuur 3.

De

typische

ormotionn and ejection ot common i

begin-

configuratiee bestaat uit een 40 M Q
hoofdreekssterr
vann

1

periodee

M0,
van

met

in

een

ca.

een

begeleider

baan

met een

500 dagen.

fromm W R - i t a r
ii reu tan zot ion

Door

' o r b **

2 0

tt i6.idV

gebruikk te maken van de voorwaarden
datt

de

"commonn

dubbelster
envelope"

een
fase

zogenaamde

G R - a n g u l a rr momentum !oi

heeft overt 55 = several times 10 yr

leefd,,

gebonden

supernova-explosiee

bleef
en

tijdens
dat

de
de

begeleiderr niet van de hoofdreeks af
iss geëvolueerd voordat zij massa

F i g .. 3 Een schematische weergave

begonn over te dragen, konden wij

vann de e v o l u t i e van A0620-00

10 0

limietenn stellen op de beginmassa's van de sterren. Voor de meest waarschijnlijkee massa van het zwarte gat van 7 M 0 houden deze limieten in dat
dee beginmassa van de begeleider kleiner moet zijn geweest dan 2 M Q , en dat
dee zware ster een massa tussen de 27 en 46 M Q moet hebben gehad, hetgeen
vrijj licht is gezien de huidige ideeën over de vorming van zwarte gaten.

Commonn Envelope evolutie en Bondi-Hoyle accretie.

Alss we de evolutie

van nauwe dubbelsterren met

een compact

object be-

schouwenn is het direct duidelijk dat de dubbelster in het verleden veel
wijderr

moet

zijn

geweest: wil

een

ster een gedegenereerde

kern

(witte

dwerg)) ontwikkelen of tot neutronenster evolueren dan moet zij eerst door
hett reuzenstadium gaan, en een dergelijke

reus zou nooit in de huidige

baann passen. Het algemeen geaccepteerde idee over de evolutie van deze
systemenn is dat als de voorloper van de compacte ster een reus wordt, deze
opp onstabiele wijze massa zal gaan overdragen aan zijn begeleider, zodat
hett

oorspronkelijke

reuzen-omhulsel

("commonn envelope") zal

vormen

een

gemeenschappelijk

rondom een

gasomhulsel

intern dubbelstersysteem

dat

bestaatt uit de begeleider en de kern van de reus. Wrijvingsprocessen in
ditt

omhulsel

spiralerenn
hierbijj

zijn dan

van

de

vrijkomende

afwerpenn

van

de

oorzaak

componenten

het

energie

van

van

een geleidelijk

de

interne

verantwoordelijk

gasomhulsel

zodat

naar elkaar

dubbelster,
wordt

alleen

de

toe

waarbij

geacht

voor

interne

de
het

dubbelster

overblijft. .
Eenn

goede

beschrijving

van

dit

ingewikkelde

3-dimensionale

hydro-

dynamischee proces behoort op dit moment nog niet tot de mogelijkheden. Een
kritischh overzicht van de ruwe pogingen hiertoe die in de literatuur zijn
verschenenn

staat

in

hoofdstuk

V

van dit

proefschrift, met als belang-

rijkstee conclusie dat geen enkel model tot nu toe in staat is gebleken om
opp enigzins geloofwaardige wijze de uitkomst van een common envelope fase
tee voorspellen. Op grond van een aantal eenvoudige algemene beschouwingen
wordtt

beargumenteerd

dat

het

verliezen

van

de

common

envelope

niet

noodzakelijkerwijss het gevolg is van de interne wrijvingsprocessen.
Inn
energiee

hoofdstuk
die

IV

wordt

gedissipeerd

gasvormigg

medium

evolutiee

kan

een

wordt

beweegt, wat

worden

worden

studie
als

als

een

beschreven

graviterend

deelprobleem

beschouwd.

naar

Om

een

van

de

hoeveelheid

lichaam
de

betere

door

schatting

verkrijgenn dan de gewoonlijk gebruikte klassieke benadering werden er

11 1

een

common-envelope
te

VE0 0

model l

M=1.5,, y=5/3

2.07

M=2.0,, Y = 5 / 3
M=3.0,, Y = 5 / 3
M = 3 . 7 5 , Y = 5 / 33

2.18
2.36
2.42

M=1.5,, r a d l a t i e f
M=2.0,, r a d l a t i e f
M=3.0,, r a d i a t i e f
M=3.75,radiatieff

1.36
2.67
4.12
4.90

Tabell 2 De e n e r g i e die i n de omringende materie wordt
gedeponeerdd b i j Bondi-Hoyle a c e r e t i e s t r o m i n g ( z i e t e k s t )
numeriekee s i m u l a t i e s uitgevoerd van h e t probleem (gewoonlijk aangeduid a l s
Bondi-Hoylee

accretie

stroming),

zogenaamdee P a r t i c l e - I n - C e l l
hoofdstukk

IV. 1 wordt

waarbij

gebruik

werd

gemaakt

van de

methode. Als voorbeeld van de r e s u l t a t e n u i t

in t a b e l 2 de hoeveelheid

e n e r g i e gegeven d i e per

secondee i n h e t omringende medium wordt gedeponeerd, genormaliseerd op de
22 2 - 1
k l a s s i e k ee s c h a t t i n g E = 2TTG m v p waarin G de g r a v i t a t i e c o n s t a n t e i s ,
mm de massa van h e t g r a v i t e r e n d o b j e c t , p de d i c h t h e i d van h e t medium en v
dee s n e l h e i d van het o b j e c t . De energie-opwekking wordt gegeven a l s f u n c t i e
vann h e t Mach g e t a l

M, en zowel voor een polytrope

(Y=5/3))

a l s voor

een mengsel van een Ideaal

l a a t s t ee

geval

stralingstransport

is

meegenomen

toestandsvergelijking

gas en s t r a l i n g .

In het

I n de berekeningen met

behulpp van de d i f f u s i e b e n a d e r i n g .
Tijdenss
t o tt

stand

h e t werk aan h e t Bondi-Hoyle probleem kwam een samenwerking

met M. Livio en N. Soker (Haifa,

Israel),

om met een gemodi-

f i c e e r d ee v e r s i e van onze code 3-dimensionale berekeningen van h e t probleem
u i tt

t e voeren. Dit I s noodzakelijk a l s men een u i t s p r a a k wil doen over de

hoeveelheidd impulsmoment d i e door h e t g r a v i t e r e n d o b j e c t wordt ingevangen
a l ss h e t medium n i e t homogeen i s , b i j v o o r b e e l d door de aanwezigheid van een
d i c h t h e i d s g r a d i e n t .. Dit i s een b e l a n g r i j k e v r a a g s t e l l i n g i n de context van
a c c r e t i ee u i t een s t e r r e n w i n d , zoals die p l a a t s vindt i n de zware Röntgend u b b e l s t e r r e n ..
IV.33

De r e s u l t a t e n

en IV.4) b e v e s t i g e n

s c h a t t i n gg

d i e gewoonlijk

van deze berekeningen

een a l
gebruikt

eerder

uitgesproken

vann

het a l

vermoeden

wordt om de hoeveelheid

impulsmomentt u i t t e rekenen een s t e r k e o v e r s c h a t t i n g
eenn f a c t o r

(hoofdstukken I V . 2 ,

i s , met ten minste

5. Vervolgens worden de gevolgen d i e d i t heeft
of

niet

aanwezig

zijn

Röntgendubbelsterrenn besproken.
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d a t de

geaccreteerd

van a c c r e t i e s c h i jven

voor de vraag
i n de zware

CHAPTERR I
INTRODUCTIONN AND SUMMARY

Introduction n

Binaryy stars containing a compact object (white dwarf, neutron star
orr black hole) have been intensively studied in recent years. The most
importantt reason for this is that the study of compact objects can yield
importantt

information

conditionss

(high density and temperature, strong gravity and magnetic

on

the

behaviour

of

matter

under

extreme

fields),, that are not available in the laboratory on earth. Most of our
knowledgee of compact objects is derived from those that are in binary
systems,, since isolated compact stars emit almost no radiation, whereas
thee interaction between the compact star and its companion in a binary
givess

rise

binariess

to a

are

considerablee

number

very

of conspicuous

bright

variability,

X-ray
on

phenomena. A

sources,

short

and

timescales

number

they

and

at

often
many

of

these

exhibit
different

wavelengths.. These properties are both related to the fact that most of
thee luminosity of these systems derives from accretion of matter (coming
fromm the companion) onto the compact star. The brightness of the systems
iss caused by the effectiveness of accretion on a compact object as an
energyy

generation mechanism, and

the reasons for the short

timescale

variabilityy are that i) most of the luminosity is generated in a small
volumee close to the compact star (millisecond to minute variability) and
ii)) in most cases the orbital separation of the binary (and hence the
orbitall period) has to be small for interaction to take place (minute to
dayy variability).
Interactingg binaries containing a compact star are usually divided
intoo two groups. In the first group

the compact star accretes matter

fromm the stellar wind of a massive companion star, and in the second
groupp matter is transferred to the compact star by Roche-lobe overflow
fromm a low-mass
processs between

companion. An
these

important difference

two groups

is that

in the accretion

in the case of Roche-lobe

overfloww an accretion disk will always be present in the system, which
iss responsible for most of the observable properties. The presence of a
diskk in the massive wind-accreting binaries is still controversial, and
itt Is certainly not the dominant observational feature.
Inn our
betterr

project

understanding

we have been mainly
of

the

formation

and

concerned
evolution

with
of

obtaining

a

the low-mass

systems.. The work can be divided into three parts:
1))

studies of the properties of wide, low-mass interacting binaries
(brightt galactic bulge sources, symbiotic stars?)
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2))

the construction

of evolutionary

scenarios for observed binaries

(A0620-00,, 1E2259-586)
3))

studies of the formation and evolution of close interacting binaries
(shortt

period,

low-mass

X-ray

binaries,

cataclysmic

variables)

throughh common envelope or spiral-in evolution.

Propertiess of wide, low-mass X-ray binaries

Too account for the presence of some very bright X-ray sources in
thee galactic bulge, which have not been identified optically because of
thee large interstellar extinction and for which no orbital periods are
known,, Webbink,

Rappaport

and

Savonije

(WRS) proposed

the

following

model.. The sources are thought to consist of a neutron star with a lowmasss giant companion
transferr

is driven

(less massive

by

than the neutron star).

the evolutionary

expansion

of

The mass

the giant, and

becausee the mass losing star is less massive than the gaining star this
masss

transfer

is

stable.

The

evolution

of

these

binaries

can

be

describedd in a simple semi-analytical way, which WRS did for binaries
containingg normal giants (single H-burning shell).
Wee have extended

this work to investigate whether other types of

interactingg binaries, especially those that require higher mass transfer
ratess than those of X-ray binaries, can be explained by a similar model,
inn which the giant is a more evolved double shell source giant. These
giantss evolve (and hence expand) much faster, and give rise to higher
masss

transfer

rates

than

in

the

systems

considered

by

WRS.

The

calculatedd mass transfer rates and lifetimes are summarized in table 1,
ass a function of the orbital period at which mass transfer starts. We

^initt
61.999
429.66
812.44

20166
37388
55511
73133

Log<w,>
-7.38
-6.63
-6.36

-6.40
-6.21
-6.08
-5.95

Logr R L
7.16
6.25
5.90

5.51
5.04
4.66
4.30

Tablee 1. The average mass transfer rate (M@/yr) and the duration of the
masss transfer phase ( i n years) of low-mass giant neutron star b i n a r i e s ,
ass a function of i n i t i a l orbital period, wich i s given in days.
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havee not been able to find clear examples of the neutron star - giant
binariess

we model, which

would

be

accreting

at

highly

super-Eddington

rates.. If the compact star is a white dwarf the system will probably be
observedd as a symbiotic star. By comparing the properties of the systems
wee model with the properties of a sample of observed symbiotic stars, we
findd that AG Dra, V443 Her, SY Mus and RW Hyi are likely candidates for
ourr model.
Wee have also invoked this binary model to explain the properties of
somee axially symmetric non-thermal

radio sources that have been observed

nearr the galactic center. From the energy content and the shape of the
38 8
radioo sources it can be derived that an energy injection of about 10
ergs/ss must have been going on for a period of a few times 10

yr. It is

arguedd that the only known type of astrophysical object that can emit such
aa large amount of energy

for such a long time is the type of binary we

describee in our model.
Finally,, we have employed

the model to calculate the spin evolution

off an accreting magnetized neutron star in a wide, low-mass X-ray binary.
Forr a certain set of assumptions about the time evolution of the magnetic
fieldd strength of the neutron star, this calculation predicts a relation
betweenn the orbital period and the spin period of the neutron star when
masss transfer stops (figure 1 ) . Since the descendants of these systems are

o.o o

r

""ii
B tr =5.10 6 G G
noo bottom r\ f wld

-1.0 0

"•"-2.0 0
oo

00 7

10

1,5
99 p ofb l d

Fig.. 1
endd of
field..
scaless

20

2.5

sl

The neutron star spin period as a function of orbital period at the
the mass transfer phase, with and without a bottom in the magnetic
The curves labeled 1, 2 and 3 represent magnetic field decay timeof 2 10 , 5 10 and 10 year respectively.
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observedd as wide binary radio pulsars, a comparison of the observed and
theoreticall

relation

in

the orbital

period

versus

spin

period

diagram

allowss us to put constraints on the evolution of the magnetic field. The
positionn
initiall
positionn

of

the

decay
of

binary

timescale
PSR

indefinitely,,

pulsar
of

1855+09

but

stops

PSR

1953+29

the magnetic

tells

us

that

sets an upper limit

field
this

when the surface

of

1.2

decay

field

10

7

does

strength

on the

yr and
not

has

the

continue
reached a

Q Q

valuee of about 5 10

Gauss.

Evolutionaryy scenarios.

1E2259+586 6

Thee

binary

1E2259+586

has

an

c o n t a i n ss a 7 second X-ray p u l s a r . I t

orbital

period

a

distance

r e c e n t l yy

of

formed

3.6
by

4 kpc. This
accretion

38 minutes

and

i s l o c a t e d at the c e n t e r of a s h e l l

off d i f f u s e X-ray emission which i s probably a 10
a tt

of

induced

implies

yr old supernova remnant

that

collapse

the neutron

of

a white

s t a r was

dwarf.

From

p u l s a rr delay timing Gregory and Fahlman obtained a mass function of 0.008
22 M0, which for a standard p u l s a r mass of about 1 M0 implies
thee

mass of

excludess

a

o v e r f i l ll

its

the

secondary

normal

main

must be > 0.2
sequence

M0. The s h o r t

companion,

since

such

orbital
a

star

Roche-lobe considerably. A degenerate s t a r would never

that

period
would
fill

i t ss Roche-lobe, and hence could not t r a n s f e r any mass.

36 6
34 4
32 2
30 0
28 8
26 6
24 4
22 2
20 0
18 8
16 6
14 4
12 2

0.600 0.S5 0.50 0.45 0.40 0.35 0.30 0.25 0.20 0.15 0.10
M 22 (M0)

Fig.. 2 The orbital period (in minutes) versus the mass of the He-star
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Wee

propose

that

the companion

in this system

is a non-degenerate

heliumm burning He-star. To test this hypothesis we have performed detailed
evolutionaryy calculations of a binary system which initially consists of a
11 M_ neutron star and a 0.6 M Q He-star companion, which is transferring
masss due to angular momentum losses due to gravitational radiation. As an
examplee of the results of our calculations we have plotted in fig. 2 the
relationn between the mass of the companion and the orbital period. Since
thee

pre-supernova

orbital

period

of 1E2259+586 must have been about 22

minutes,, we find that the present mass of the He-star companion is 0.37
Ï/LÏ/L.. Using the luminosity and effective temperature from our calculations
andd

the known distance and extinction

to the system we estimate a blue

magnitudee of 23.7, in excellent agreement with the observed value of 23.5
forr the optical counterpart. Another interesting point from fig. 2 is the
existencee of a minimum period of 11 minutes for a binary with a Roche-lobe
fillingg He-star secondary. This

minimum period occurs because at a mass

off about 0.2 Mg the increasing electron degeneracy in the secondary will
makee it expand in response to mass loss. For hydrogen rich secondaries a
similarr

minimum

period

of

about

70 minutes

had

already

been

obtained

before. .

A0620-00 0
Thiss
sourcee

is

which

a

transient

went

in

X-ray

outburst

in

1975,, and reached an apparent X-ray
brightnesss which

p
o,bt, = 0

©©
•
evolution-windd mass loss

5 0 0 d

P r bb - 750 d
t ; ==

is the highest so

farr observed. At the same time the

5.106 yr

stortt at mass transter
formotionn and ejection of common envelope

opticall counterpart brightened by 7
magnitudes..
revealedd

Study
that

timescalee

of

of

old

the

had

these

returned

outbursts

to

quiescence

compactt object is a K5 dwarf (O.8M0)
allows

a

determinationn of about

w i n dd mass loss trom W R - s t a r
SNN and t i d a l circular* zat ion

is

indicatedd that the companion to the

whichh

o,b*BB

t33 : 5.106*10V

recurrence

aboutt 70 yr. Spectra taken after the
systemm

P

plates

distance
800 pc. The

„0®. .

P

tt

Orb<2066
=6.10 yr

G R - a n g u l a rr momentum losses

((
VV

^€1
BH

/ ^ Z ?

severall times 50 yr
t5=sev.

-88
presentt

system

orbitall period is 7.75 hours. From a
Fig.. 3 A schematic illustration

seriess of radial velocity
measurementss of the K dwarf spectrum
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off the evolution of A62O-00

veryy

high

radial

velocity

amplitude

of

457 km/sec was

obtained, which

givess an absolute lower limit to the mass of the compact object of 3.2 M..
Thiss almost certainly means that it is a black hole.
Byy following the evolution of the presently observed binary backward
inn

time

whichh

we have

is

constructed an evolutionary

illustrated

in

fig.

3.

The

scenario

initial

for this

configuration

system,

typically

consistss of a 40 M Q star and a 1 M 0 companion with an orbital period of
aboutt 500 days. By making use of the conditions that the binary survived a
commonn envelope phase, remained bound during the supernova and that the
companionn

did

not

evolve

off the

main

sequence

before

it

started

to

transferr mass to the black hole, we were able to put limits on the initial
massess of the stars. For
limitss are
22 M

©>

that

the most likely black hole mass of 7 M„ these

the companion must

have had an initial mass less than

and that the massive star was between 27 and 46 M 0 , which according

too present views is rather low for a black-hole progenitor

Commonn envelope evolution and Bondi-Hoyle accretion flow.

Whenn

we

consider

the

evolution

of

close binaries

that

contain a

compactt object it immediately becomes clear that they must have been much
widerr in the past : in order for a star to develop a white dwarf core or
too become

a neutron

star

it has

to pass through a giant phase in its

evolution,, and such a giant would never fit inside the present orbit. The
generallyy accepted idea about the evolution of these binaries is that when
thee progenitor of the compact star has evolved into the giant stage it
willl

start

initiall

to overflow

giant

its Roche-lobe

envelope

becomes a

in an unstable way, so that the

common envelope

around

an

"internal"

binaryy that consists of the companion and the core of the giant. Friction
inn

this

spirall

envelope

will

cause the

components

of

the

internal binary

to

together, while the generated frictional energy is thought to be

responsiblee

for

the

ejection of

the common envelope, leaving a "naked"

internall binary.
AA proper description of this complicated 3-dimensional hydrodynamical
processs is at present beyond the possibilities. A critical review of the
crudee attempts that have been made in the literature is given in Chapter
V.. The conclusion of this review is that none of the attempts made so far
aree

able

to predict

the

outcome

of common envelope

degreee of credibility.
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evolution with any

modell

E /E,

M-l.5,, Y = 5 / 3

2.07

M=2.0,, y=5/3

2.18

M=3.0,, Y = 5 / 3

2.36

M = 3 . 7 5 , Y = 5 / 33

2.42

M=1.5,, radiative
M=2.0,, radiative
M=3.0,, radiative
M=3.75,radiativee

1.36
2.67
4.12
4.90

Tablee 2 The energy deposited in the surrounding medium in
Bondi-Hoylee accretion flow.
Wee have restricted ourselves to a few subtopics, the main one being a
studyy of

the frictional

energy generated when a gravitating body

moves

throughh a medium. We have performed numerical simulations of this problem
(whichh

is usually

betterr

estimates

particle-in-celll
ratee

at which

referred
of

the

to as Bondi-Hoyle accretion flow) to obtain
frictional

luminosity,

the dissipated

energy

densityy

of

the

is deposited

medium,, normalized to the classical estimate
gravitationall

using

so-called

method. As an example of our results table 2 gives the

constant,

the medium

m

the

and

v

mass
the

of

the

velocity

En

into the
22 2 - 1
= 2uG m v p

gravitating
of

the

surrounding
( G is the

object,

object. The

p

the

energy

generationn rate is given as a function of the Mach number M, and both for
aa polytropic equation of state ( Y = 5 / 3 ) , and for a mixture of an ideal gas
andd

radiation. In the last case radiation transport

is included

in the

diffusionn approximation.
Whilee

working

on

Bondi-Hoyle

accretion

flow,

we

started

a

collaborationn with M. Livio and N.Soker from Haifa, Israel to perform 3dimensionall calculations of the problem. This is necessary if one wants to
investigatee the accretion of angular momentum in the case that the star is
movingg

through

a

medium

which

is

not

homogeneous,

for

instance

if a

densityy gradient is present. The amount of angular momentum accreted is an
importantt quantity in the context of accretion from a stellar wind, as is
thee case
suspicionn

in the massive X-ray binaries. The calculations confirmed
(based

on

earlier

2-dimensional

work)

that

the

our

expression

usuallyy employed to calculate the accretion rate of angular momentum is a
severee overestimate, by at least a factor of 5. This can have significant
implicationss for the question whether a disk is present in massive X-ray
binaries,, and we discuss this question for several observed systems in the
lightt of our findings.
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CHAPTERR II
THEE EVOLUTION OF WIDE, LOW-MASS INTERACTING BINARIES.

11.1)) Very high mass transfer rates in binaries containing
loww mass giants
11.2)) A wide low-mass binary model for the origin of axially
symmetricc non-thermal radio sources
11.3)) Neutron star spin-up in wide, low-mass X-ray binaries
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Summary.. We study the evolution of binaries in which a low-mass
giantt with a helium or carbon-oxygen core is transferring matter to
aa more massive compact companion. In the case of the He-core
giantss we find mass transfer rates of ~ 1 0 ~ 6 - 1 0 " 7 M Q / y r , which
persistt for — 10 b yr, while for the CO-core giants the correspondingg values are ~ 1 0 ~ 6 M o / y r a n d ~ 1 0 5 y r respectively. The stellar
windd from the giant may play an important role in the evolution of
thesee binaries. When the compact companion to the giant is a white
dwarff the systems we model might be observed as symbiotic stars.
Keyy words: binaries - symbiotic stars - novae - X-ray binaries

thee giant also increases until it fills its Roche-lobe and mass transfer
too the compact companion commences. Since the mass transfer
takess place from the less massive to the more massive star, it will
causee the orbit to widen on a dynamical timescale until the radius
dictatedd by the core mass of the giant can again be accommodated
withinn the Roche-lobe of the giant.
Becausee this adjustment can take place on a much shorter
timescalee than that on which the radius of the giant changes, the
mass-transferr rate will adjust itself to a value at which the rate of
increasee in radius of the Roche-lobe is just equal to the
evolutionaryy expansion rate of the giant. The equation determiningg the mass-transfer rate can be written as:

<$L-m<$i' <$L-m<$i'

(i) )

1.. Introduction
Manyy models for interacting binary stars such as X-ray binaries,
cataclysmicc binaries and symbiotic stars require a certain rate of
mass-transferr from one star to the other. In the case of the X-ray
binariess a transfer rate of 10 ~ 8 - 1 0 ~ 9 M 0 / y r is sufficient to explain
thee observed properties, in other cases (symbiotics, SS433, etc.) a
muchh larger rate ( 1 0 ~ 5 - 1 0 " 6 M o / y r ) is necessary.
Forr the bright low-mass X-ray sources near the galactic center a
veryy simple and plausible model was proposed by Webbink,
Rappaportt and Savonije (1983, hereafter WRS) and Taam (1983),
whereinn a low-mass giant transfers mass on a nuclear timescale to a
moree massive neutron star. In this paper we extend the model of
WRSS to include giants with higher core masses. Our main purpose
iss to investigate whether the larger transfer rates which are needed
too explain other types of interacting binaries can be achieved in a
similarr way.

wheree Rg is the giant's radius and R^ the radius of its Roche-lobe.
Thee first partial derivative on the right-hand side gives the rate of
changee of the radius of the Roche-lobe due to mass transfer
throughh the i j point, the second allows for changes in the radius of
thee Roche-lobe due to a stellar wind. An analytic expression for the
evolutionaryy change in the radius of the giant can be obtained from
fitsfits to the core mass-luminosity [L = L(m,.)] and core mass-radius
[R[Rgg = Rt (mc)] relations mentioned above. Since the energy in these
giantss is generated in a shell source around the core, the increase of
coree mass with time is given by the luminosity of the star divided by
thee amount of energy generated by burning one gram of matter in
thee shell:
mmcc = Ljt..

(2) )

Thee left-hand side of Eq. (1) can therefore be written as:
èR.\èR.\

2.. Method of calculation

fdR„\
\dm\dmt t

.

fdRt\
dmdmc c

L

(3) )

Too derive an expression for the right-hand side of Eq. (1) we begin
Inn the basic model (WRS) a low-mass giant, in a wide binary system byy writing the radius of the critical Roche-lobe as:
withh a slightly more massive companion, is slowly ascending the
(4) )
giantt branch. These stars have the property that, for a given * LL = ƒ ( * ) « ,
chemicall composition, their radius and luminosity are, to good wheree a is the binary separation, q the ratio of the mass of the
approximation,, functions of the core mass only (Refsdal and compactt star to that of the giant mx/mt, and ƒ(#) an analytic fit to
Weigert,, 1970; Paczyhski, 1970; Kippenhahn, 1981). As the core numericallyy calculated values of RJa. We shall employ here the
masss of the giant increases due to nuclear evolution, the radius of expressionn by Paczynski (1971):
SendSend offprint requests to: M. de Kool

ƒ(?) )
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3 4 / 3 (l+J J

(5) )

Differentiatingg (4) with respect to time yields

(df\ (df\

RLRL = a[ —

)ci+f(q)a.

(6) )

Too obtain expressions for q and a as a function of the transferred
masss we have to make some assumptions about the way mass is lost
fromm the giant. WRS assumed that all matter lost from the giant is
transferredd to the companion, implying conservation of total
systemm mass and orbital angular momentum. Since we want to
considerr cases where the total system mass (and hence also angular
momentum)) is not conserved, we shall use more general expressions.. We have simply

w

w

gg

(7) )
g

studyingg the behaviour of the functions F and G some general
conclusionss can be derived. The function f determines the effect of
thee wind mass loss: when F> 0 the wind mass loss will increase the
transferr rate. The last term in the expression for F represents the
rotationall angular momentum of matter at the surface of the giant
whichh is carried out of the system by the stellar wind. This term is
alwayss positive and therefore tends to increase the mass transfer
rate.. The sum of the first two terms is < 0 for q < 3. Hence in the
absencee of spin angular momentum losses the mass transfer rate
willl bee reduced by the stellar wind for q < 3 and increased for q > 3.
Stablee solutions require that mass flow from the giant to the
compactt star leads to an increase in the radius of the Roche-lobe of
thee giant. This translates to the requirement that G > 0, which for
P=P= 1 implies q> 1.2. This result was also found by WRS. Note
thatt for /? = 0 (i.e., all matter transferred through the L,-point
iss ejected) the requirement is only q > 0.836.

Withh Kepler's law we can write a as
JJ22

1

(8) )

3.. Properties of the giant

Too carry out the calculation outlined above we have to know the
followingg properties of the mass-losing giant:
1)) The core mass-radius and core mass-luminosity relations.
Inn their paper, WRS considered giants with a degenerate He-core
andd a hydrogen burning shell, with core masses in the range
2J2J
MT
Iji
(9) ) 0.15-0.35MQ.. For these stars the fits to the core mass-luminosity
andd core mass-radius relations for a Population 1 composition
Too be able to calculate a and q from (7) and (9) we make the ( 77 = 0.28, Z = 0 . 0 2 ) as derived by WRS are:
followingg assumptions regarding the mass loss:
ln(Z./L o )) = 3.50 + 8 . 1 1 z - 0 . 6 1 z 2 - 2 . 1 3 z 3
1)) There is a wind emanating from the giant, which is totally
(11) )
2
3
lostt from the system taking with it the specific angular momentum Inn (R/RQ) = 2.53 + 5.10z - 0.05z - 1.71 z ,
(orbitall plus rotation) of matter at the surface of the giant.
wheree z = In [wc/(0.25 A/ Q )]. These fits can be used for core masses
2)) Mass is transferred to the compact star through the Z,,upp to 0.45 MQ.
point.. When the mass transfer rate necessary to keep the giant
Sincee we are interested in cases of high mass-transfer rates, we
withinn its Roche-lobe is lower than that required to yield the
havee made similar fits to the numericall models of Paczyhski (1970)
Eddingtonn luminosity from the compact star (mc), all transferred
forr stars on the asymptotic giant branch with a degenerate CO-core
matterr is accreted.
andd two burning shells, which have core masses in the range 0.63)) If, however, the mass transfer rate is in excess of mc, the
0.99 A/©. We find the following relations:
accretionn rate is limited to mt and the rest is lost from the system
carryingg the specific orbital angular momentum of the compact Inn (LjL0) = 10.227 + 2.057y - 0.687 v2 + 2.282>'3
(12) )
star.. By making this assumption about the angular momentum loss Inn (R/R ) = 6.771 + 1.290>- - 0.332 v2 + 1.920v\
0
wee implicitly assume that the matter which is lost first passes
throughh an accretion disk before it is ejected from the vicinity of the wheree y = In [mJM0 ].
2)) A value for the efficiency of energy generation per unit mass
compactt star (possibly in the form of beams or jets).
Usingg these assumptions in Eqs. (9), (7) and (6) one obtains the inn the burning shell [e in Eq. (3)]. For the He-core giants we have
changee in size of the Roche-lobe of the giant as a function of the usedd the same burning efficiency as WRS,
mass-transferr rate and the wind mass-loss rate. Equating these
££ = £ H A \
(13) )
resultss to the evolutionary change in the radius of the giant
obtainedd in Eq. (3), yields an expression for the mass-transfer rate: withh X the hydrogen mass fraction in the envelope and eH = 5.89
10 1 8 erggg '. For the giants with two burning shells we used the
e\nR. e\nR.
resultt
found by Kippenhahn (1981) that in these cases typically
(10)
)
tmtmttmmee+\m+\mww\Fiq)\\Fiq)\
G(q)
dm. dm.
aboutt 13 % of the luminosity comes from the He-burning shell, and
simplyy raised e accordingly. In this simple model we neglect the
with h
possiblee effects of thermal pulsations (Iben and Truran, 1978).
113
\(\+q)
22 + 6?
/ 16
3)) The wind mass-loss rate. For the wind mass-loss rate we
F(q)-. F(q)-.
usedd the expression by Kudritzki and Reimers (1978):
3(l+<?)) + V 3 U / 3
withh J the orbital angular momentum, Mr the total system mass
andd n the reduced mass. Differentiating with respect to time gives
uss an expression for a:

m w == - 5 . 5 10- 1 3 (tf//c G ) (LILQ) (A//A/ 0 )" 1 A/ G /yr.

and d
55
G

«

)) =

3-3

2 (3 + q + 2pq)
q(l+q)

Heree m„ is the stellar wind mass loss rate of the giant and /J is the
fractionn of the transferred mass that is actually accreted. By

(14) )

Inn the case of giants with high core masses these wind losses
becomee very large (larger than the transfer rate through the Rochelobe)) and the giant envelope is lost mostly through the wind.
Becausee expression (14) is still rather uncertain we repeated the
calculationss with the wind mass-loss rate reduced by a factor of
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Tablee 1. L o w mass giant - n e u t r o n star binaries
Reducedd wind massloss s

Fulll wind masss loss
wc c

PPinit init

0.30 0
0.40 0
0.45 5
0.60 0
0.70 0
0.80 0
0.90 0

61.99 9
429.6 6
812.4 4
2016 6
3738 8
5551 1
7313 3

Log<m,> >

Logg r R L

^Vin n

-7.388
-6.633
-6.366

7.16 6
6.25 5
5.90 0

317 7
1069 9
1615 5

-6.400
-6.21 1
-6.08 8
-5.955

5.51 1
5.04 4
4.66 6
4.30 0

3119 9
4941 1
6655 5
8162 2

Log<w(> >

Log/ RL
/ L

''fin n

-7.37 7
-6.63 3
-6.38 8

7.24 4
6.44 4
6.15 5

448 8
1394 4
1956 6

-6.48 8
-6.366
-6.29 9
-6.233

6.08 8
5.81 1
5.58 8
5.32 2

4561 1
6399 9
7807 7
8925 5

Inn these models m g = 1.1 M0, mx = 1.4 MQ a n d alll matter transferred in excess o f the E d d i n g t o n
limitt (1.5 10 8 M0jyr) is ejected from the system. Pinit is the initial orbital period of the binary in
days,, </«,) the time average of the mass transfer rate in M 0 / y r , fRL the duration of the mass transfer
phasee in years, a n d />fin the orbital period when mass transfer stops
Tablee 2. L o w mass giant

white dwarf binaries

Fulll wind masss loss
mc c
0.30 0
0.40 0
0.45 5
0.60 0
0.70 0
0.80 0
0.90 0

PP
AA

LogO,> >

Logf RL L

/'fin n

-7.36 6
-6.51 1
-6.20 0

7.10 0
6.11 1
5.74 4

263 3
947 7
1491 1

-6.11 1
-5.84 4
-5.62 2
-5.40 0

5.31 1
4.82 2
4.38 8
3.87 7

2967 7
4835 5
6585 5
8114 4

inn

65.01 1
450.6 6
852 2
2114 4
3921 1
5822 2
7670 0

Reducedd wind massloss s
Log<m m
>

>

Log? RL
? L

/'fin n

-7.38 8
-6.58 8
-6.30 0

7.19 9
6.33 3
6.00 0

356 6
1170 0
1723 3

-6.32 2
-6.13 3
-5.97 7
-5.77 7

5.85 5
5.52 2
5.17 7
4.69 9

3699 9
5489 9
6994 4
8276 6

Inn these models mg= 1.0M0 and mx — 1.3 A / 0 . Symbols have the same meaning as in Table 1

100.. If mw were significantly larger than the value given by (14), as
hass been suggested for giants with massive degenerate cores (the
so-calledd "super-wind", see e.g. Iben, 1981), the evolution would
bee completely dominated by stellar wind losses. The evolutionary
timescalee would then become so short that our model would no
longerr be applicable. We therefore do not consider this case any
further. .

4.. Results

windd from the giant tends to increase the mass transfer rate. This
increase,, which may seem contrary to the usual result that mass
losss from a star in a binary always increases the separation, is
causedd by the inclusion of rotational angular momentum in the
giantt wind [see Eq. (10)].
Thee mass-transfer rate does not change drastically when
comparingg the models of the most massive He-core giants with
thosee of the least massive CO-core giants, and becomes at most a
feww times 10 6 M 0 / y r . On the other hand the duration of the mass
transferr is much shorter in the case of the CO-core giants (10-100
times).. This effect is partly caused by the small envelope masses
allowedd in this case, and partly by the high stellar wind mass loss
rate,, which in the most extreme cases can become four times as
largee as the transfer rate.

Wee considered giants with a Population I composition that start to
transferr mass with either a He-core in the range 0.3-0.45 M0 or a
CO-coree in the range 0.6 0.9 M 0 . Two types of binary systems
weree investigated. The first consisted of a 1.1 MQ giant and a
\AMQ\AMQ neutron star. The maximum accretion rate of the neutron
star,, m e , was taken to be 1.5 1 0 ~ 8 M o / y r . The second type of 5.. Discussion
systemm consisted of a 1.0M o giant and a 1.3M G white dwarf. In
thiss case the maximum accretion rate of the companion is much Wee now turn to the question of which types of observed interacting
larger,, with m e = 1.5 10~ 5 M G /yr. The main results are presented binariess might possibly be explained by our model. The only
inn Tables 1 and 2, in which we list the average mass-transfer rate, systemm which has been identified with a wide binary consisting of a
thee duration of the mass-transfer phase and the initial and final neutronn star and a giant which fills or nearly fills its critical
orbitall periods of the binary. Some general conclusions can be potentiall lobe is GX 1 + 4 . Our model is probably not applicable
drawnn from Tables 1 and 2. By comparing the transfer rates with heree because of the relatively low inferred mass transfer rate of
highh and low wind mass-löss rates we find that the presence of a 55 10 * 9 MQ /yr. All of o u r models with neutron star primaries yield
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super-Eddingtonn transfer rates, so the obvious features to look for
aree a combination of X-ray emission and mass ejection from the
system,, possibly in the form ofjets. The two objects that fulfil these
criteria.. ScoX-1 and SS 433. do not seem to fit in the model because
off the relatively short observed orbital periods of 0.79 d and 13.1 d ,
respectively.. In SS433 a giant of low core mass (0.25 MQ) might fit
intoo the orbit, but it could not provide the mass estimated to be
leavingg the system in the jets ( 1 0 " 10 " 7 A/ 0 /yr; Begelmanet al.,
1980).. Apart from this, there are also other arguments against a
low-masss companion to the compact object in SS433 (Crampton
andd Hutchings, 1981). Another case in which supercritical
accretionn onto a neutron star has been invoked is in the
explanationn of the recently observed axially symmetric radioremnantss (Shaver et al., 1985; Becker and Helfand, 1985). In these
objectss we see evidence for highly energetic mass ejection that has
beenn going on for a few times 10 s yr. a time interval very similar to
thee lifetimes found in our calculations. For more details about this
modell see de Kool and van den Heuvel (1985). When the accreting
starr in the binary is a white dwarf more promising candidates for
ourr model can be found. To recognize what these systems would
lookk like we employ the work of Nomoto (1981) concerning the
accretionn of hydrogen-rich matter onto white dwarfs. It is found
thatt for log»? > —6.6 the accreting matter burns steadily on the
surfacee of the white dwarf. For log in < - 6.6 the matter will burn
inn flashes, which may or may not eject some of the accreted matter.
Forr log m > —6.0 a giant envelope will form around the white
dwarf.. In Table 2 we find that for a large range in parameters, < m)
fallss in the interval apparently required for steady H-burning.
Thesee binaries would display many of the properties normally
associatedd with symbiotic stars. Such objects, are defined (see
Friedjungg and Viotti, 1981) as stars which (i) show both absorption
featuress typical of late-type giants and high excitation emission
liness in their spectrum, and (ii) are quasi-periodically variable.
Thesee systems are now widely interpreted as binaries consisting of
aa giant with a strong stellar wind and a very hot dwarf or sub-dwarf
companion.. The high excitation emission lines are caused by
photoionizationn of the giant's wind by the radiation field of the hot
dwarf.. Accreting white dwarfs have already been proposed as
candidatess for the hot companion (Tutukov and Yungelson, 1976,
1981;; Paczyriski and Rudak, 1980) since their properties explain
manyy observed characteristics of symbiotic stars.
Kenyonn and Webbink (1984) have made an extensive study of
severall well known symbiotic stars by trying to fit their observed
spectraa with different theoretical models. Some systems are best
explainedd by a binary consisting of a giant and an accreting main
sequencee star, in which case the mass transfer mechanism we
discusss is not applicable since the giant has to be less massive than
itss companion. Better candidates are those systems for which a hot
subdwarff companion, with a radius intermediate between that of a
whitee dwarf and a main sequence star, would best explain the
observedd spectra. Model calculations of accreting white dwarfs
(Paczyhskii and Zytkow, 1979) indicate that the photospheric
radiuss of such stars can indeed become an order of magnitude
largerr than the white dwarf itself. Of the systems considered by
Kenyonn and Webbink the best candidates for our model are AG
Draconis,, RW Hydrae, V443 Herculis and SY Muscae. These are

thee systems in which (i) the hot component of the binary is very
compactt and has a high temperature ( ~ 10 s K) and (ii) the giant
cann be filling its Roche lobe. It is interesting that AG Dra and V 443
Herr are the only two systems out of the 19 considered by Kenyon
andd Webbink that lie far from the galactic plane, which is
consistentt with the age expected for the binaries we model. Other
symbioticss with a hot compact source are AG Peg and BF Cyg, but
inn these systems the giant does not seem to be filling its Roche lobe
(Kenyonn and Gallagher, 1983). In these cases accretion is thought
too take place from the wind of the giant, although if these giants
underfilll their Roche lobe by a factor of 2 or more, very large wind
masss loss rates ( ~ a few times 10~ 4 A/ o /yr) are necessary to
explainn the inferred accretion rate. In fact, this is a more general
problemm of the wind accretion model, since even if the giants do
nearlyy fill their Roche lobes a substantial increase in mass loss rate
overr the value given by the Reimers and Kudritzki expression is still
necessary. .
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AA wide low-mass binary model for
thee origin of axially
symmetricc non-thermal radio sources

P(days) )

M.. de Kool & E. P. J. van den Heuvel
Astronomicall Institute, University of Amsterdam, Roetersstraat 15,
10188 WB Amsterdam, The Netherlands

Thee extended non-thermal radio sources G357.7 — 0.1 and G5.3 —
1.00 in the galactic bulge have about the same energy content in
thee form of relativistic particles and magnetic fields as the brightest
ordinaryy supernova remnants (original energy input ~10 5 0 ' 5 erg),
butt differ from the latter in having a marked axial symmetry1'2.
Theirr surface brightness gradually fades away towards one end of
thee symmetry axis, and at the opposite end one finds a compact
radioo source. The recently discovered radio source G18.95— 1.1
(ref.. 3) may belong to the same category. Helfand and Becker4
havee argued that these structural properties can be explained most
plausiblyy if these 'remnants* were produced by the ejection of
matterr with high kinetic energy by accreting binary systems at a
ratee »10 3 7 ergs~', the ejection lasting for several times 105 yr
whilee the systems were travelling through the interstellar medium
withh a speed of —100 km s~'. We show here that the only type of
neutronn star binary that can fulfil both the condition of longevity
andd of a continuous high-mass transfer rate is a relatively wide
binaryy in which the companion of the neutron star is a low-mass
giant,, with an orbital period of the order of weeks to months.
Binariess of this type are expected to resemble closely the eight
brightestt galactic bulge X-ray sources5,6 as well as the progenitors
off the two wide radio pulsar binaries7-9.
Thee arguments for an accreting binary model are 4 : (1) The
onlyy known types of sources that can inject large amounts of
energyy into non-thermal radio shells for an extended period of
timee are young pulsars and accreting neutron star binaries.
(2)) The linear extents of the radio remnants measured along
thee axis are ~ 20-30 pc. At a plausible speed of — 100 km s"1
thiss requires > 2 - 3 x 105 yr travel time. (3) The same amount of
timee is required to obtain their —10 505 erg energy content from
aa young Crab-like pulsar or a neutron star accreting at the
Eddingtonn limit (both having dE/dt — 103* e r g s - 1 ) . As the high
energy-losss phase of a young pulsar ceases within —104 yr after
itss birth, an accreting neutron star (or, possibly, a black hole)
seemss the only suitable candidate for providing the energy. (4)
Thosee neutron-star binaries around which we infer the presence
off relativistic particles (such as SS433 (ref. 10), Sco X-l (refs
11,, 12), Cyg X-3 (ref. 13) and Cir X-l (ref. 14)) have rates of
masss transfer near or above the Eddington limit (m Edd = 1.5 x
10~88 M©yr _ 1 ). (5) The presence of the compact radio source
(off finite angular size) on the symmetry axis, which at least in
thee case of G5.3-1.0 is obviously connected to the radio
remnant,, suggests that continuous injection of energy and. relativisticc particles may still be taking place (see also ref. 15).
Thee possible absence of a strong X-ray point-source in or
nearr the shells is not necessarily worrying, because in the case
thatt the mass transfer rate exceeds the Eddington value, most
orr all of the X-ray emission may be blocked on its way towards
us,, by the excess matter which is piling up around the compact
object,, or in a thick accretion disk around this object. The energy
generatedd by the accretion will then come out in other forms,
presumablyy mostly as kinetic energy. Our example here is SS433,
wheree the kinetic energy in the mass outflow at least equals the
Eddingtonn luminosity, while on the other hand the X-ray point
sourcee of SS433 has an X-ray luminosity of only 10 3 5 ergs~',
moree than a factor of 103 below the Eddington value 10 .
Inn view of the arguments above, we adopt the accreting binary
modell and now examine which of the known types of accreting
neutron-starr binary systems can achieve a more or less continuouss near or super-Eddington-limit mass transfer rate for

Timee (Myr)

Fig.. 1 Evolution of the mass transfer rate m„ wind mass loss rate
mww from the giant, luminosity L and radius R of the giant, orbital
periodd P and separation A, for a binary system that started out
withh He-core mass 0.4 M 0 , M g „ m = M 0 and a 1.4 M 0 neutron
star.. The mass transfer lasts —2.Ox 106 yr and has an average rate
-1.3x10-'' M s y r ' (~10mEd<1), so that 90% of the transferred
matterr is ejected from the system.

severall hundreds of thousands of years. The three main types
off accreting neutron star binaries known in the Galaxy are: (1)
thee massive X-ray binaries, in which the companion to the
neutronn star has a mass M s > 8 - 1 0 M 0 : (2) the close low-mass
X-rayy binaries (orbital period *£ 0.5 days), in which the companionn to the neutron star is presumably an unevolved red
dwarf;; (3) the wider low-mass X-ray binaries (orbital period
PP 3 0.5 days), in which the companion to the neutron star is an
evolvedd low-mass giant (<1.2 M 0 ) and the mass transfer is
drivenn by the internal evolution of this star. Examples of the
lastt category are 5 Cyg X-2 ( P = 9.8 days), 2S0921 - 6 3 ( P = 8.99
days)) and GX 1 + 4 (P at least several months, as the optical
starr is a low-mass M6 Ille red giant).
Thee first two categories of systems are unable to maintain a
highh mass transfer rate for several times 105 yr, for the following
reasons.. The massive systems can reach a near- or superEddingtonn rate only by means of Roche lobe overflow, which
is,, however, highly unstable as the mass transfer takes place
fromm the much more massive to the less massive component,
whichh causes the orbit to shrink rapidly 16 ' 17 . In these systems,
thee Eddington limit is reached in ~ 5 x 104 yr on average (at
mostt 105 yr) beyond which the transfer rate will increase rapidly
(10 4 yr)) to —10 - 4 -10 - 3 M© yr - 1 (see ref. 17) and a common
envelopee will form, presumably leading to rapid spiral-in of the
neutronn star and ejection of this envelope on a timescale ~ 1 0 3 10 4 yrr (refs 16, 18-20). In the close low-mass systems, where
gravitationall radiation losses and/or magnetic braking are
drivingg the mass transfer, it is very difficult to obtain mass
transferr rates 2=mEdd without coming into serious conflict with
thee observed luminosity distribution of X-ray sources 21,22 . This
makess these systems improbable candidates for having produced
thee radio shells.
Onn the other hand, the third category of systems, consisting
off a neutron star and a less massive giant, seems ideally suited
forr fulfilling the required conditions: here almost any rate of
masss transfer m„ below or above the Eddington limit, can be
achievedd for long periods of time (ranging from ~ 105 to 10s yr,
dependingg on the value of m,). The transfer rate depends mainly
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onn the initial orbital period and to a lesser extent on the initial
masss and metal content of the companion5'7. Moreover, the
masss transfer, even if it is super-Eddington, never becomes
unstablee as the transfer takes place from the less massive to the
moree massive component, which causes the orbit to widen. An
additionall merit of this type of binary model is that the location
off the radio sources considered (near the galactic centre) is very
similarr to that of the bright galactic bulge X-ray sources, for
whichh the model was originally devised and seems well established. .
Forr conservative mass transfer (with conservation of total
masss and total orbital angular momentum) from a giant with a
degeneratee He core, the mean mass transfer rate <m,>is in lowest
orderr approximation given by (see ref. 5):

Tablee l M e a n mass transfer rate {mj, d u r a t i o n i R L and final orbital period /",,„
ass a function of initial (degenerate) core mass Mc for wide binary systems initially
consistingg of a 1.4 MB neutron star a n d a 1 M.-, giant c o m p a n i o n

Withh m*

Withh m*/10C

MMc c P.... P.... <*,) )
«RL L
0.30 0 65.01 1 2-44 (-8) 18.11 (6)
0.40 0 450.6 6 1-33 (-7) 2.033 (6)
0.45 5 «52.0 0 2-33 (-7) 0.866 (6)

P,* P,* <»H) )
'm. .
Pfi» »
272 2 2.44 (-8) 23.11 (6)
405 5
982 2 UU (-7) 3.633 (6) 1,335 5
1,524 4 2.11 <-7) 1.84(6) ) 1,897 7

0.60 0
0.70 0
0.80 0
0.90 0

2,994 4
4,844 4
6,588 8
8,116 6

2,114 4
3,921 1
5,822 2
7,670 0

2.55
4.00
5.55
7.00

(-7)
(-7)
(-7)
(-7)

0.288 (6)
0.086(6) )
0.0311 (6)
0.010(6) )

2.00 (-7)
3.00 (-7)
3.33 (-7)
3.88 (-7)

1.300 (6)
0.666 (6)
0.344 (6)
0.144 (6)

4,282 2
6,055 5
7,432 2
8,531 1

P,„„„ is uniquely determined by Mc. T h e degenerate cores with M c € 0 . 4 5 Mr.,

consistt11
of helium, those with M > 0.60 M,._, of C and O. T h e matter transferred
(m^s^xio-^PiM^yr(m^s^xio-^PiM^yr
]]
d)
inn excess of t h e Eddington limit is assumed to leave the system with t h e specific
c

orbitall angular m o m e n t u m of the neutron star. Mass transfer rates a r e in M,T, yr ' ,
' R LL > yr a n d p in days. N u m b e r s in parentheses indicate powers of 10.

wheree P is the initial orbital period in days. Equation (1) shows
thatt to reach mt ~ 3 x 10~s Me yr-1 (= 2mEdd), the required initial
orbitall period is ~60 days. The duration of the mass transfer
phasee is roughly Afenv/ m„ where Afenv = 0.7 M® is the envelope Forr the He-core giants these were (with z = In (MJ(0.25 M©))):
masss of the giant, which for m, = 2™,^ yields ~2 x 107 yr. Giants
In(L/io)) = 3.50 + 8.11z-0.61z2-2.13zJ
withh a degenerate He core yield a maximum (mj of MOm^,
(2) )
justt before the He flash. A higher m, (10-lOOniEdd) can be
ln(K/K©)=2.533 + 5.10z-0.05z 2 -1.71z ï
reachedd by giants with a degenerate CO core.
Thee conservative assumptions used in ref. S are probably not andd for the CO-core giants (with y = In (MJM©))
applicablee to the case of very high mass transfer rates considered
Inn (LI Lo) = 10.227 + 2.057 v - 0.687>>2 + 2.282.V3
here,, as a considerable amount of mass (and angular momentum
Inn (R/Re>) = 6.771 + 1.290>>-0.332v2 + 1.920v3
withh it) is ejected from the system. We have therefore carried
outt calculations of orbital evolution and mass transfer rates Equationss (2) are from ref. 5 assuming a Population I composisimilarr to those in refs 5-7 for binaries initially consisting of a tion,, since galactic bulge stars are known to have a rather high
11 M© giant, either with a He core of mass 0.3 M® <MC< 0.45 JVf©, metall content, and equations (3) (S. A. Rappaport, M. de K.
orr with a CO core of mass 0.6 M s < Mc<0.9 M®, in which we andd E.J.P. van den H.) represent afitto the curves calculated
didd not assume total conservation as in ref. 5, but allowed for inn refs 23 and 24. For the mass loss in the giant wind we used
losss of mass and angular momentum from the system. We also thee expression by Kudritzki and Reimers25:
includedd the effects of the mass toss due to the strong stellar
m5=$.5xlO-m5=$.5xlO-ll\R/R\R/R<D<D)(L/L)(L/L@@)(M/Me>V
windd expected from the luminous giants considered here. As
wee assume a jet-like ejection mechanism from the inner parts Wee also did calculations with m„ given by rn"/100; an example
off an accretion disk, the mass which is transferred by Roche off the results is given in Fig. 1, and all results are summarized
lobee overflow in excess of m M leaves the system with the specific inn Table 1. Although the lifetimes of the systems considered
orbitall angular momentum of the neutron star. The stellar wind heree are shorter than those in ref. 5, these low-mass giant plus
carriess the specific orbital and spin angular momentum of the neutronn star binaries are still able to provide the high (supergiant.. The method of calculation is based on the assumption
Eddington)) mass transfer rates for periods >10*yr, and thus
thatt the orbit evolves in such a way that the giant's equivalent cann easily produce the radio sources.
Rochee radius remains equal to the radius dictated by its core
Wee conclude that the wide binary model gives a good agreemass.. Together with our assumptions on the way mass and mentt with the present observations. Further work, especially a
angularr momentum are lost from the system, this uniquely carefull search for X-ray emission or detailed structure in the
determiness the mass transfer rate as a function of time. The compactt sources, could yield more evidence in this direction.
methodd is discussed in detail in ref. 5, so we shall not give
Wee thank Dr P. Shaver for stimulating discussions. This
detailedd equations here but only list the M,.-R and Mc-L rela- researchh was supported by the Netherlands Foundation of Pure
tionss used, where R is the giant radius and L its luminosity. Research,, ZWO, grant ASTRON 19-21-017.
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Summary.. We present the results of calculations of the spin low-masss helium white dwarf), i.e. a wide binary radio pulsar. The
evolutionn of a magnetized neutron star in a wide iow-mass X-ray orbitall separation of these two compact stars depends mainly on
binary,, with an evolved secondary star. In these calculations thee initial secondary mass, and the orbital period at the beginning
thee history of the mass-accretion rate is obtained from a semi- off the mass-transfer stage of the low-mass X-ray binary.
analyticall description of the evolution of the low-mass X-ray
Duee to the accretion of mass the neutron star in the low-mass
binary,, and the magnetic field of the neutron star is assumed to X-rayy binary will undergo a torque and its rotation period will
decayy on a variable timescale. The torques associated with the change;; the resulting spin-rate derivative depends on the neutronaccretionn have been derived from Ghosh and Lamb's (1979) starr spin, its magnetic field, and the accretion rate. As a consemodell of disk accretion. Adopting the idea that these LMXRB's quence,, the final spin rate of the neutron star, when the low-mass
aree the progenitors of the wide low mass binary radiopulsars we X-rayy binary is transformed into a binary radio pulsar, is deterfindfind that the relation between spin and orbital period of the binaryminedd by the histories of the latter two quantities.
radioo pulsars PSR 1855 + 09 and PSR 1953 + 29 is in good agreeThee time dependence of the accretion rate can be obtained
mentt with our models if we assume that after the formation of fromm the reasonably well understood evolution of low-mass X-ray
thee neutron star its magnetic field decayed exponentially on a binariess with an evolved companion (Webbink et al. 1983; Taam,
timescalee of a few times 10 6 yr to a bottom value of ~ 5 10 s 1983). .
Gauss.. From the orbital and spin period of the binary radio pulsar
Forr the history of the magnetic field of the neutron star the
PSRR 1953 + 29 we derive an upper limit to the initial decay time- situationn is far less clear. We will take the generally accepted point
7
scalee of the magnetic field of the neutron star of ~ 1.2 10 yr.
off view that when a neutron star is formed it has a surface magneticc field of a few times 10 l 2 G, which decays on a time scale
Keyy words: X-ray: binaries - stars: neutron - pulsars: general
off less than 107 years (see e.g. Lyne et al., 1985).
Itt is generally assumed that neutron stars in low-mass X-ray
binariess are formed by the accretion-induced collapse of a white
dwarf,, during the same stage of mass transfer which gives rise
too the X-ray emission. This idea is, in particular, based on the
1.. Introduction
difficultyy to explain otherwise how the systems managed t o reThee distribution of binary radio pulsars in the spin-period versus mainn bound during the supernova explosion in which the neutron
magnetic-fieldd diagram differs markedly from that of the single starr was formed (Helfand, Ruderman and Shaham, 1983). The
radioo pulsars (for a review see eg. van den Heuvel, 1984). This problemm lies in the fact that the neutron star progenitor must
hass led to the idea that radio pulsars in binary systems have been havee been more massive than ~ 8 Af 0 and the remaining neutron
"recycled",, i.e. they have been spun up due to mass accretion starr is only ~ 1.4M 0 , which means that several MQ are ejected
duringg a previous episode of mass exchange of the binary (Smarr fromm the system. Since the system can only remain bound if less
andd Blandford, 1976; Radhakrishnan and Srinivasan, 1982; Alpar thann half of its mass is ejected, this implies that the companion
ett al. 1982).
mustt have been sufficiently massive (at least a few M0), which
Thee properties of the binary radio pulsars in wide circular iss not the case in the low-mass X-ray binaries. Since this considorbitss can be understood in a natural way, if they are the descen- erationn argues strongly against the idea that the neutron star is
dantss of low-mass X-ray binaries with an evolved companion star aa very old object, we shall use the scenario of accretion induced
Savonije,, 1983; Paczynski, 1983; Joss and Rappaport, 1983). In collapsee throughout this work.
thee latter systems the transfer of mass, which occurs by RocheInn this paper we calculate the spin-up history of neutron stars
lobee overflow, is driven by the nuclear evolution of the second- inn low-mass X-ray binaries with an evolved secondary star, and
ary,, whose expansion leads to a secular increase of the orbital thee resulting spin periods of wide binary radio pulsars, for a range
separationn (Webbink et al. 1983; Taam, 1983). After the envelope off assumed initial values of the relevant system parameters. These
off the secondary has been completely stripped the system consists resultss are compared with the observed spin and orbital periods,
off a neutron star, and the remaining core of the secondary (a andd magnetic fields of wide binary radio pulsars. We discuss
possiblee implications for the formation of neutron stars in lowmasss X-ray binaries, and for the decay of neutron-star magnetic
fields. fields.
SendSend offprint requests to: M. de Kool
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2.. Evolution of the neutron-star spin rate
Too calculate the change in rotation period of an accreting magnetizedd neutron star we used the model proposed by Ghosh and
Lambb (1979) (hereafter GL) for the interaction between an accretionn disk and the magnetosphere of a neutron star. In this model,
thee torque exerted on the neutron star by the accreting matter
cann be conveniently expressed as a function of a "fastness parameter"" tus, which is the ratio of O t , the angular velocity of the star,
too Ï2 k , the Keplerian angular velocity at the boundary of the
magnetosphere,, and is given by
w s s - ^ == 1.4410- J fl5' 7 / , _ 1 m 8 - 3 / 7 M- S ; 7

(1)

Heree B9 is the surface magnetic field in units of 109 Gauss. P the
spinn period in seconds, ms the accretion rate in 10 8 M 0 /yr and
MM the mass of the neutron star in MQ. The net accretion torque
cann then be expressed as
NN = N0iia>J

(2)

wheree A/0 is the angular-momentum flux carried by matter flowingg through the inner boundary of the disk, at the magnelospheric
radiuss Rm:
J V o = A ( * J m --

(3)

Heree jK{Rm) is the specific angular momentum of matter in a
Kepleriann orbit at the magnetospheric boundary Rm. Thedimensionlesss torque n(ws) is approximately given by (GL):
n(cu5)) = 1.39(1 - w,(4.03(l - w5)° 1 7 J - 0.878))(I - w j " 1

(4)

Combiningg Eqs. (1,2,3,4), and using the result that the moment of
inertiaa of a neutron star does not change significantly by mass
accretionn (see e.g. Canuto, 1977), and is well approximated by a
constantt value of 10 45 gem-2 then yields an expression for the rate
off period change P

Shapiroo et al. (1982), who showed that at this period a neutron
starr becomes unstable to non-radial oscillations which effectively
radiatee away spin angular momentum in the form of gravitationall waves.
Fromm the above it can be seen that the evolution of the
neutron-starr spin period is completely determined once the massaccretionn rate and the magnetic field of the neutron star are
knownn as a function of time.
Thee mass-transfer rate in a binary system can, in general,
onlyy be obtained from detailed evolutionary calculations involvingg the response of the secondary star to mass loss. However,
forr the wide low-mass X-ray binaries the structure of the masslosingg star (which slowly ascends the giant branch) can easily
bee parametrized, and the evolution of these binaries followed
semi-analytically.. These stars have the property that, for a given
chemicall composition, their radius and luminosity are, to good
approximation,, functions of the core mass only. As the core mass
off the giant increases due to nuclear evolution, the radius of the
giantt also increases until it fills its Roche-lobe and mass transfer
too the compact companion commences. Since the mass transfer
takess place from the less massive to the more massive star, it will
causee the orbit to widen on a dynamical timescale until the radius
dictatedd by the core mass of the giant can again be accommodatedd within the Roche-lobe of the giant. Because this adjustment
cann take place on a much shorter timescale than that on which
thee radius of the giant changes, the mass-transfer rate will adjust
itselff to a value at which the rate of increase in radius of the
Roche-lobee is just equal to the evolutionary expansion rate of the
giant.. Hence, from the equations describing the radius change of
thee giant and the changes of the Roche lobe due to mass transfer
thee transfer rate can be solved. This method was first proposed
byy Webbink et al. (1983); the details of the method used in the
presentt paper have been described by de Kool et al. (1986).

Thee time evolution of the magnetic field of a neutron star is
nott yet well understood, and one of the purposes of this work
p=p= - 1 . 0 5 4 1 0 ' l 0 S j n ( ( j X 2 J M " ' (syr' 1 )
(5) iss to make an attempt to put constraints on this evolution. From
observationss of single radio pulsars it appears that neutron stars
Notee from Eq. 4 that for u>s - 0.35 the total torque on the star
aree formed with a magnetic field of ~ 10' 2 to 10' 3 Gauss, which
iss zero, in which case the star is said to rotate at its equilibrium
initiallyy decays on a timescale of - 5 10* yr (Gunn and Ostriker
period.. For later reference we introduce here the spin-up timescale
1970;; Lyne et al., 1985). However, there is recent evidence, that
t sp ,, defined as the time it would take to spin up a neutron star
thiss decay does not continue indefinitely but stops (or proceeds
whichh is initially at rest (ws = 0) to the equilibrium period at
att a much longer time scale) at a value of order I0 9 Gauss
whichh n(ws) = 0:
(Kulkarni,, 1986; Van den Heuvel et al., 1986; Bhattacharya
andd Srinivasan, 1986). To parametrize this behaviour we have
T
« p 3 ö ^ 3 ö jj = 1 4 3 1 0 6 B » B ' 7 r f t » J / 7 A , " 5 / 7 <yf>
< 6 > assumedd that a neutron star forms with a magnetic field of
10' 22 Gauss, which decays exponentially on a timescale r fll beThee model of Ghosh and Lamb (1979) is only valid as long as tweenn 106 and I0 7 yr until it reaches a transition field strength
thee magnetospheric boundary lies outside the stellar surface BIrr (10 8 -I0 9 Gauss). After BtT is reached the field only decays on
(R,, = 10 6 cm):
aa much longer timescale T B2 (10 8 -10'°yr).
R .. < 1 . 9 1 1 0 6 f l $ ' 7 m 8 - 2 ' 7 M - " 7

(cm)

(7)

Whenn the magnetic field is very weak this condition can be violated.. In that case we use a simple boundary layer model in which 3.. Description of the models
thee torque is given by
Thee starting point of the evolutionary history of the wide lowmasss X-ray binary is a system consisting of a low-mass star
NN = M**W
(8)
( ~ 11 Af 0 ) and a massive white dwarf (1.2-1.4M 0 ) companion,
wheree R„ is the stellar radius. This yields
withh an orbital period between 0.5 and 50 days. As the secondary
leavess the main sequence its radius will increase until it fills the
5 2
1
P=P= - 4 . 3 5 0 1 0 P m 8 ( s y r )
(9)
criticall potential lobe and mass transfer starts. While the system
Wee impose a lower limit of 1.5 ms on the spin period, following iss slowly widening due to the mass transfer the mass of the white
thee work of Papaloizou and Pringle (1978), Harding (1982), and dwarff increases until it reaches the Chandrasekhar limit and col-
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lapsee to a neutron star follows. During this collapse at least
0.11 M 0 is lost from the system (the change in binding energy of
thee primary), and the binary will temporarily detach. The nuclear
evolutionn of the secondary will continue and after some time it
willl again fill its Roche lobe and resume transfer of mass. It is at
thiss point that our calculations start.
Ourr models begin with a 1.3 MQ neutron star and a 0.8 M 0
companionn with heavy element abundance Z = 0.02 (see discussion).. Through the condition that the secondary fills its Rochelobee the orbital period is determined by the radius of the
secondary,, i.e. by how far it has evolved up the giant branch. It
iss assumed that the surface magnetic field when the neutron star
formedd (B0) was 10' 2 Gauss, and that it decayed (according to
thee above description) during the detached phase. The length of
thiss phase is calculated under the assumption that 0.1 M 0 is lost
fromm the system during the supernova explosion. The initial neutronn star spin period was taken to be 1 second, because young
pulsarss wich are born with a much shorter period are probably
spunn down on a very short timescale (a few times 10 4 yr) after
theirr formation. The exact value of this initial spin period has
veryy little influence on the results since as soon as mass transfer
startss the period quickly evolves towards the equilibrium period.
Thee calculations were done for a range of initial orbital periods
andd for different parameters describing the magnetic field decay.
Thee results of the calculations are best understood by consideringg the relative magnitude of the following timescales:
T,.VV - the duration of the mass transfer phase;
r dd - the duration of the detached phase;
Tspp - the spin-up time scale, QtJQ for cos — 0 (see Eq. 6);
r B11 - the initial B-field decay timescale;
TB22 - the second B-field decay timescale;
ttuu - the time needed to reach B„.
Thee magnitudes of TCV and t d are determined by the initial orbital
periodd chosen: a shorter period implies a less massive core, and
hencee much more slowly evolving giant. The magnitude of r sp is
determinedd by the mass accretion rate and the magnetic field
strength;; the other time scales are essentially free parameters.
Wee shall discuss one model in detail to illustrate the types of
spin-upp behaviour that can be encountered. The system consideredd started to transfer mass again after the supernova at an
orbitall period of 9.7 days, which yields a rev = 1.0 10 8 yr and a
Tdd = 7.010 6 yr. The average mass transfer rate in such a system
iss 4.5 10~ 9 M 0 /yr. The magnetic field decay parameters used are
TB11 = 2 10 6 yr, B„ = 5 108 Gauss and r B2 = 10'°yr. In Fig. 1 the
spinn period and the fastness parameter tos are given as a function
off time elapsed since the supernova explosion. Because xA is of
thee same order as i B1 the magnetic field has not yet decayed very
muchh during the detached phase, and when mass transfer starts
thee neutron star is spun up to its equilibrium period of ~ 60 millisecondss on the spin-up time scale TSP, which is then of order
10 4 yr.. For some time the star remains near its equilibrium period,, which is decreasing on a timescale i B1 due to the decay of
thee magnetic field (the mass accretion rate is almost constant). At
88 10 6 yr the period gets out of equilibrium again. This is caused
byy the fact that the very small accretion torque acting on the star
whenn it is close to equilibrium is no longer able to spin it up
sufficientlyy to follow the change in the equilibrium period due to
thee magnetic field decay. In terms of time scales this means that
r lpp has become comparable to, or larger than, T B1 . The fastness
parameterr deviates more and more from its equilibrium value,
andd if the rapid field decay would not stop this trend would con-
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Fig.. 1. The neutron star spin period and the fastness as a function of
timee elapsed since the formation of the neutron star. The parameters
describingg the magnetic field decay in this particular model were B0 1012Gauss,, B„ = 5 I08Gauss, i B] = 2 10"yr and iB2 = I010yr. The initiall values of the orbital period, neutron star mass and giant mass were
9.77 days, 1.3 M Q and 0.8 M Q respectively

tinuee indefinitely since TIp only increases (Eq. 6). The further evolutionn in this case is shown by the dotted lines in Fig. 1. The
dynamicall importance of the magnetic field is quickly reduced,
andd the magnetospheric boundary will be pushed to the stellar
surface,, at which point boundary layer accretion determines the
spin-upp rate. In this way the minimum period of 1.5 ms is reached
inn about 3 10 7 yr. If however the magnetic-field decay time scale
changess from TB1 to the much longer T B2 at r tr we again enter
thee regime where xsp < r B2 , the timescale on which the equilibriumm period is changing. The fastness parameter increases again
andd has reached the equilibrium value at 3 I0 7 yr. When mass
transferr stops the spin period of the neutron star is 2.21 ms,
slightlyy above the minimum period.

4.. Discussion
Iff a prescription is given for the evolution of the magnetic field
off the neutron star our calculations yield a definite prediction of
thee relation between orbital period and spin period of the neutron
starr when mass transfer stops. It is very plausible (Savonije, 1983;
Paczynski,, 1983; Joss and Rappaport, 1983) that the end productss of this type of evolution are observed as wide binary radio
pulsars.. A comparison of the theoretical relation between spin
periodd and orbital period at the end of the mass transfer phase
withh the observed relation for binary radio pulsars may therefore
providee constraints on the magnetic field decay. In Fig. 2 we
havee plotted the predicted relations for two different values of
Blr,, and for three values of T B1 . The dashed lines represent the
resultss in the case where it was assumed that the rapid field decay
continuess indefinitely (r,r » TCV). It is seen that in this case all
neutronn stars in binaries that end with orbital periods <63 days
aree spun up_ to the minimum period of 1.5 ms, mainly by boundaryy layer accretion. Only for systems that end with orbital periods
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Fig.. 2. The neutron star spin period as a function of orbital period at
thee end of the mass transfer phase, with and without a bottom in the
magneticc field decay. Three models with rB1 = 2106 (curve labeled 1),
510 66 (2) and 107yr (3) are shown. All three have rB2 - 1010yr, B0 =
10' 2 G,, Blr = 5 108G and initial values of the giant and neutron star
masss of 0.8 and 1.3 M 0 , respectively

Fig.. 3. The dependence of our results on the model parameters. Plotted
aree the results for a standard case (the same as in Fig. 2 with iB1 =
55 106 yr), and the results if one of the following parameters is set to a
differentt value: B0 = 10 , 3 G,fl„= 10' G, an initial giant mass of 0.9 M Q ,
andd rd twice the standard value. Also shown is the relation in the case
thatt the giant has an extreme Population II composition (Z = 0.0001)

> 6 33 days is t e , short enough that there still can be a noticeable PSRR 1855 + 09 (P 5pin = 5.3 ms, P orb = 12.3 days, B, = 4 1 0 8 G
fieldfield left when the mass transfer stops, in which case the spin(Taylor,, private comm.)), PSR 1953 + 29 (P spin = 6.1 ms, P„h =
periodd is equal to the equilibrium period at this moment. The 1177 days, BS = 4.5 10 8 G) and PSR 0820 +02 (P !pin = 865 ms,
solidd lines in Fig. 2 represent the results if we assume that Bu P o r b == 1232 days, B s = 3.3 1 0 " G).
equalss 5 108 Gauss, and T B2 = 10'°yr, which is almost identical
Inn our calculations we did not consider systems with orbital
too assuming a bottom value of the field at Bu. For the longer periodss like in PSR 0820+ 02, because in these long period
periodd system this does not affect the outcome, since for these binariess the giant starts to transfer mass when it is already
t evv < Tlt. For the shorter period systems the situation now veryy evolved, in which case very high (10~ 6 to 10~ 7 M o /yr)
changess since we have t ev > zlr and T8P < T B 2 , which means that masss transfer rates are obtained. These rates are highly supertheyy will be able to remain spinning at the equilibrium period Eddington,, and we can not guess how this will affect the spin-up
correspondingg to a field of 5 108 Gauss until the mass transfer mechanism.. Nevertheless, the evolutionary scenario is very well
stops.. The increase in spin period to shorter orbital periods re- possible,, and the fast evolution expected in these systems is in
flectss the difference in accretion rates for these systems.
goodd agreement with both the high magnetic field strength and
Thee sensitivity of these results to the input parameters is thee small age of the white dwarf companion observed in this
illustratedd in Fig. 3. Here we have plotted the results for a stan- systemm (Kulkarni 1986).
dardd case (B 0 = 10 12 Gauss, T B1 = 5 10 6 yr, T B2 = 10 ,o yr, Bu =
Thee position of PSR 1855 + 09 in the diagram is in reasonable
55 108 Gauss, M g i a m = 0.8 M G ), and also the results if either Bm agreementt with the model that has a bottom in the magnetic
BB00,, M giant or i d , which is a measure of the amount of mass lost fieldfield decay. The spin period is very close to the equilibrium period
inn the supernova explosion, is varied. It is clear that the results givenn its observed magnetic field and the mass transfer rate from
off the calculations are not very sensitive to variations of M glan , ourr calculations. Since the spin period will decrease by the nororr Td within a reasonable range. If a larger initial value of the mall pulsar spin down mechanism after the mass transfer stops,
magneticc field at the formation of the neutron star is chosen the thee fact that the spin period is so close to the expected value at
expectedd spin period for the long period systems increases, since thee end of the mass transfer phase implies that this phase must
thee magnetic field, and hence the equilibrium period, are larger havee ended less than one spin-down timescale (2 10' yr) ago. The
whenn mass transfer stops. The short period systems are affected durationn of the mass transfer phase for a system at this orbital
inn the same way by an increase in the value of B„. Also plotted periodd (x„ ~ 10 9 yr) is long compared to the time the magnetic
iss one example in which the giant has an extreme Population II fieldfield needed to decay to its present value (<10t B 1 ). This means
composition.. These giants have "smaller radii than Population I thatt the assumption that the magnetic field decay slows down
giantss and hence the mass transfer stops at a shorter'orbital att about 10' G can only be avoided if the neutron star formed
periodd (for the same core mass). For shorter orbital periods the duringg the last few percent of the mass transfer phase, and we
relationn between spin and orbital period is hardly affected by the aree now observing it not more than a few times rB1 after mass
composition. .
transferr stopped. This problem becomes even worse when it is
Theree are three wide binary radio pulsars with a low mass takenn into account that after the collapse of the white dwarf there
companionn that might have followed the evolutionary scenario mustt have been a detached time which lasted for a few t B 1 . Alwee model, These are (see e.g. Taylor and Stinebring, 1986): thoughh this special set of circumstances can not be definitely
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excluded,, we prefer the explanation that the rapid magnetic field
decayy slows down at about 10 9 G.
Thee binary radio pulsar PSR 1953 + 29 cannot tell us anythingg about the existence of a bottom in the magnetic field
becausee it is at an orbital period where t ev < T,r. It can howeverr yield information about the initial field decay timescale r Hl .
Comparingg the position of this pulsar in the diagram with the
predictionss for different values of T B1 it seems that 610 6 yr is
aa good estimate for the parameters we have assumed. Any value
derivedd for T B I in this way is only an upper limit since the
pulsarr may already have been spinning down. To estimate the
bestt upper limit for r fll we have tried to fit the position of
PSRR 1935 + 29 with a model in which the other parameters are
takenn to have extreme values, in such a way that a large value
forr T B1 results. These parameters were the lowest initial B-field
inferredd from radio pulsar observations (5 1 0 " G, see e.g. van
denn Heuvel 1984), a high initial giant mass (1.0M o ) and a long
detachedd time (twice the normal value). To account for the uncertaintyy in the GL-theory we used a slightly different form for
thee dimensionless torque n(« s ) which yields an weq of 0.5 (see GL
Fig.. 3). The upper limit derived in this way is 1.2 10 7 yr.
Wee conclude that our detailed calculations of neutron star
spin-upp in LMXRB's offer strong support to the idea that these
aree the progenitors of the wide low-mass binary millisecond pulsars.. If, in turn, we accept this evolutionary scenario, calculations
off this type may be a promising way of acquiring more knowledgee about the decay of the magnetic field in neutron stars.
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CHAPTERR III
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Summary.. We present evolutionary calculations of an ultracompactt binary system undergoing mass transfer, consisting
initiallyy of a 0.6 M0 nondegenerate helium-star accompanied by
aa 1.3 Af0 compact star in a tight orbit of 37 minutes. The binary
parameterss were chosen to model the ultra-compact binary
IEE 2259 + 586 which is currently thought to have an orbital
periodd of 38 min. The total system mass and the orbital angular
momentumm is assumed to be constant during the evolution apart
fromm the (substantial) losses of angular momentum caused by
thee emission of gravitational waves. These losses cause the orbit
too decay until a minimum orbital period of 10.6 min is reached.
Thee thermal structure of the secondary, which by then has a
masss of ~0.2AfQ, becomes severely perturbed and causes the
starr to remain semi-degenerate for a significant fraction of the
furtherr evolution the binary system, during which the binary
separationn increases again. We comment on possible nonconservativee effects during the approach of the minimum orbital period
whenn the mass transfer rate becomes super-Eddington.
Keyy words: close binaries — X-ray binaries - millisecond radio
pulsars s

1.. Introduction

ficientlyy high mass transfer to the more massive primary causes
thee binary orbit to expand as well, so that the expanding secondaryy can still be accommodated inside its critical lobe.
AA similar phenomenon occurs with low-mass core helium
burningg helium stars that transfer matter to a compact companion.. Because the radius of such helium stars is only roughly £
off that of a core hydrogen burning star of the same mass, the
Roche-lobe,, and thus the orbital separation, must be correspondinglyy smaller. This means that binaries of this type undergo
muchh more severe angular momentum losses by gravitational
radiationn and consequently sustain much higher mass transfer
rates.. When the compact companion is a neutron star systems
likee this will appear as extremely bright X-ray sources (Savonije,
1983),, unless self-absorption of the (super-Eddington) sources
becomess important.
Wee have studied the evolution of a binary consisting initially
off a 0.6 M 0 helium-star in the phase of core helium burning
transferringg mass to a companion of 1.3MQ. We followed the
evolutionn of the binary through the minimum orbital period,
assumingg all the transferred mass to be accreted by the primary.
Inn Sect. 2.1. we present simple analytical expressions for the
masss transfer rate due to gravitational radiation and for the resultingg orbital changes. The stellar evolution code and input
physicss is briefly described in Sect. 2.2, followed by a brief summaryy of the general features of the evolution of low-mass heliumstars.. The results of the detailed evolutionary calculations and
comparisonn with observations is presented in Sect. 3. In Sect. 4
wee speculate on the possible formation of ultra-compact binary
systems,, followed by a discussion of our results in Sect. 5.

Thee evolution of binary systems with orbital periods less than
aboutt 10 hours is substantially influenced by loss of orbital angularr momentum due to the emission of gravitational waves (cf.
Kraftt et al., 1962; Faulkner, 1971; Taam et al., 1980). The substantiall loss of angular momentum in these compact binaries
causess an orbital decay that enhances the mass transfer signifi- 2.. Method of calculation
cantly.. It has been shown that compact binary systems with mass
transferr from a hydrogen burning low-mass main-sequence star 2.1.2.1. Analytical expressions for the mass transfer rate and the
towardss a collapsed companion of ~ 1 M 0 cannot reach orbital orbitalorbital evolution
periodss below ~ 70 min for initial compositions with X = 0.7, Sincee we do not know the detailed hydrodynamics of tidal mass
orr ~ 50 min when X ^ 0.2 (Paczynski and Sienkiewicz, 1981; transferr in close binaries we will simply assume that all the mass
Rappaportt et al., 1981). The minimum orbital period is reached lostt by the secondary is captured by the (more massive) primary.
whenn the mass transfer has reduced the mass of the main se- Wee also assume that the secondary rotates synchronously with
quencee star, and thereby the temperature at its centre, to such thee (circular) orbital motion and that the spin angular momenta
aa degree that the fusion of hydrogen at its centre is extinguished. off the stars (including the accretion disc) can be neglected. The
Thee secondary then cools down to a degenerate configuration onlyy loss of angular momentum is due to the emission of graviwherebyy its radiuss starts to increase with further mass loss. Suf- tationall waves at a rate (Landau and Liftshitz, 1959):
SendSend offprint requests to: G.J. Savonije
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wheree M, and M2 are the two stellar masses, M = M, + M2
andd a is the orbital separation of the binary system. Differentiatingg with respect to time the expression for the binary angular
momentumm yields:
aa

\Mt

++ 2J M2

(2))

wheree M 2 is the mass of the mass transferring secondary. Note
thatt in the absence of angular momentum losses (J = 0) mass
transferr from the secondary would increase the orbital separation.
Inn order to derive a simple analytical expression for the rate of
masss transfer in the binary we will in this section approximate
thee secondary by a simple mass-radius relation of the form:
RR22/R/Ree =

a(M2/Moy

(3) )

wheree a. and 0 are to be considered as constants derived from a
locall fit to the mass-radius relation. We assume that the secondary'ss radius remains exactly equal to the volume averaged radiuss of the Roche lobe, which for M1/Ml < 0.8 can be expressed
ass (Paczynski, 1971a):

«.-(£). .

(4) )

- M 22 - (| + p/2 - M j / M , ) - 1 ^ , )

(6) )

transferr starts. At this point it is useful to briefly summarize
thee evolution of single low-mass helium-stars. During the first
phasee of core helium burning, helium stars expand slightly (e.g.
Paczynski,, 1971b). Low-mass helium stars start to contract when
thee core helium content approaches a value of about ~0.2. After
the end of core helium burning the stars re-expand, but for stars
lesss massive than about 0.8 MQ the re-expansion is only moderate.. For these low-mass stars the stellar radius does not, or only
marginally,, surpass the maximum radius attained during core
heliumm burning. As soon as the stars have reached a maximum
sizee a rapid shrinking sets in towards a compact degenerate
configuration.. Binaries in which the low-mass helium star secondaryy does not come into contact during core helium burning can
thereforee only begin a (long lasting) phase of mass transfer when,
afterr a long period of time, the gravitational radiation losses have
reducedd the orbital separation sufficiently for the degenerate
helium-starr tofillits Roche lobe. Mass transfer from a degenerate
starr can be calculated fairly well from Eq. (6) with appropriate
valuess for a and fi (e.g. Li et al., 1980). Here we will study the
casee where contact is reached during the core helium burning
phase,, and a simple analytical calculation is not possible.

Too this end a 0.6 M 0 helium-star with initially a homogeneouss composition of Y = 0.98, Z = 0.02 and a radius of
0.1244 7Ï0 was evolved until the helium abundance in the core
Iff we require R2 - Rc we obtain
wass reduced to 0.26. At that time the star had a convective core
off ~0.117M o and an adjacent semi-convective region with
--ifi --ifi
(5) ) reducedd convective mixing of 0.06 M 0 . By adopting an orbital
periodd of 36.6min the star (with a radius of R = 0.142RQ) sudEliminatingg a/a by substituting Eq. (5) and Eq. (2) yields an denlyy commenced Roche-lobe overflow whereby its evolutionary
expressionn for the mass transfer rate:
expansionn came to a halt.

wheree xg = —(J/J)'1 is the timescale on which the orbit decays
byy the emission of gravitational waves (Eq. 1). We infer from Eq.
(5)) that a minimum orbital separation of the binary is reached
whenn p = J. For smaller values of ft the mass losing secondary
cann no longer be accommodated in a binary with a decaying
orbit.. The mass transfer to the more massive companion will
thenn counteract the gravitational radiation induced shrinking of
thee orbit (Eq. 2) and the binary orbit starts to expand.

3.. Results
3.1.3.1. Results of the evolutionary calculations

Thee evolution of the compact semi-detached binary under study
cann be qualitatively described in terms of three timescales:
(i)) the evolutionary timescale T „ defined here as the time
elapsedd since the beginning of helium burning in the core of the
secondary; ;
(ii)) the Kelvin-Helmholtz or thermal timescale zKH of the sec2
2.2.2.2. Short description of input physics and the starting mode!ondaryy defined as xKH = (GM /RL);
(iii)) the timescale for decay of the orbit by gravitational
Thee evolution code originally developed by Eggleton (1971,1972), radiationn T,, which can be expressed as (Eq. 1) T = 1.2 109
wass modified to calculate tidal mass transfer and orbital angular (A/,M2M)~~ 'a* where the time is in years and the binary parammomentumm loss due to gravitational radiation. The standard set eterss are in solar units.
off Cox-Stewart radiative opacities (Cox and Stewart, 1970) was
Figuree 1 shows these three timescales as a function of deused.. The equation of state is described in Eggleton et al. (1973). creasingg secondary mass during the evolution. The first phase of
Inn the evolutionary calculations it was not simply assumed that binaryy evolution is characterized by T <Z„< Z„. This means
KH
thee radius of the secondary exactly equals the equivalent Roche- thatt the orbit initially decays on a timescale z (much) longer than
t
radiuss during mass transfer, as we did for simplicity in Sect. 2.1. thee timescale on which the secondary relaxes from the thermal
Insteadd the mass transfer was calculated from a simplified hy- perturbationss caused by the mass transfer. The secondary redrodynamicc treatment of the flow through the region about the mainss thus in thermal equilibrium, although it loses mass at a
innerr Langrangian point (Savonije, 1979). The Roche-radius of considerablee rate. We can estimate the rate of mass transfer
thee secondary was calculated from the approximation by
fromm Eq. (6) by taking 0 = 1 and M1/Mi = | as -M2 ~ MJzt,
Eggletonn (1983), which gives a continuous fit better than 1% over
whichh amounts to ~ 3 10~8 MQ/yr, consistent with the results of
thee whole range of mass ratios.
thee detailed evolutionary calculations shown in Fig. 2. Because
Inn constructing an evolutionary sequence an initial orbital T,„„ > T, nuclear evolution is only marginally important. Figure
separationn has to be chosen, which determines the time (and 11 shows that xg drops rapidly as a result of the rapid decay or
hencee the evolutionary status of the helium-star) when mass thee orbit caused by the emission of gravitational radiation. As

40 0

G.J.. Savonije et al.: The minimum orbital period for ultra-compact binaries

0 . 6 00

0-55

0.50

0.45

0.

0 . 3 55

0-30

0-25

0-20

0-15

0-10

M,[M0!!

Fig.. 1. A plot of the three important timescales versus the diminishing Fig.. 3. The secondary's evolutionary path in the HR-diagram. The diminsecondaryy mass: rel„ defined as the time since the beginning of helium ishingg stellar mass is indicated in solar units
burningg in the core of the secondary; zs, defined as the orbital decay time
causedd by gravitational radiation and xKH, the thermal timescale of the
secondary y
Fromm Fig. 4, which shows the secondary's evolution in the
centrall density/central temperature plane, it can be inferred that
thee electron gas in the stellar interior becomes mildly degeneratee when the secondary's mass decreases below 0.3 M Q . After
thee nuclear energy source has disappeared the central temperaturee drops faster. But, because the mass transfer dominates the
thermall evolution of the star ( t 9 « T KH ), the central density decreasess as well, causing the interior of the secondary to remain
onlyy mildly degenerate during the further evolution. Figure 5
depictss the evolution of the secondary's radius as a function of
itss diminishing mass. We have indicated 4 points on the curve
thatt correspond with special features in the other figures.
Inn point 1 the thermal and gravitational timescales become
equall (r g = iKH). This point roughly marks the beginning of thermall imbalance and underluminosity of the mass losing secondary.
Pointt 2 corresponds to the little dip in the rate of mass trans600 0 . 5 5 0 . 5 0 0 - 4 5 0 - 4 0 0 - 3 5 0 . 3 0 0 - 2 5 0 - 2 0 0 - 1 5 0 . 1 0
ferr just before the steep rise to maximum (Fig. 2). Near this point
thee convective core disappears and is replaced by an inward
Fig.. 2. A plot of the (10log of the) mass transfer rate as a function of the penetratingg convective envelope. The pronounced rise of the mass
secondary'ss mass for an assumed constant system mass of 1.9 M 0
transferr rate corresponds to the steepening of the t 9 -curve (Fig. 1)
forr M 2 < 0.3 M r a . The secondary can only adhere to the shrinking
thee secondary becomes less massive its luminosity drops and xKH
increasess steadily. When M 2 ~ 0.36 M 0 the gravitational decay
timescalee T9 and the thermal timescale %KH have become comparablee (rg ^ r KH ). This occurs 12 106 yr after the onset of mass
transfer.. It is roughly from this moment on that the mass transfer
beginss to drive the secondary out of thermal equilibrium. The
mass-losss induced motions in the sub-adiabatic envelope cause
aa substantial absorption of energy so that the luminosity of the
secondaryy drops quickly and the star departs more and more
fromm thermal equilibrium. When the secondary's mass is reduced
too 0.35 M 0 only 70% of the core luminosity (3.23 L 0 ) reaches the
surface.. When the mass of the secondary drops below 0.28 M G
(133 10 6 yr after the beginning of mass transfer) helium burning
beginss to fade. The convective core disappears and is replaced by
ann outer convection zone that penetrates inwards. At this stage
thee rate of mass transfer shows a little dip (Fig. 2). The reduced
stellarr luminosity (Fig. 3) causes zKH to rise even faster and the
thermall structure of the secondary is severely perturbed. The
coree luminosity is by now reduced to 1.58L 0 , of which only
0.144 L G can escape from the star.
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Fig.. 4. The secondary's evolutionary path in the central density versus
centrall temperature plane. The diminishing stellar mass is again indicatedd in solar units. The straight line indicates where the fully degeneratee electron-gas pressure equals the extrapolated Maxwell-Boltzmann
pressure e
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Kig.. 5. The secondary's radius as a Function of its diminishing mass during
thee evolution. The numbered dots indicate the corresponding position of
speciall features in the other figures, namely 1: rkll = r ; 2: lillle dip in M
justt before rise to maximum. 3: ru reaches a minimum value; 4: M reaches
maximumm value, while Ph reaches a minimum value

Rochee limit by strongly augmenting its mass loss. This results
inn a significantly steeper shrinking of the radius with decreasing
masss (between points 2 and 3 in Fig. 5) caused by the developmentt of a severe thermal imbalance and underluminosity of the
secondaryy which has a predominantly sub-adiabalic temperature
structure.. The heavy mass transfer to the more massive primary
opposess the orbital decay and shrinking of the Roche lobe. As
aa result of the flattening of the secondary's mass-radius relation
nearr point 3 (T, X RtM 2 " 3 when M2 « M) the orbital angular
momentumm losses start to decrease even before the turning point
forr the orbital separation is reached.
Att point 3 in Fig. 5 T8 reaches a minimum value of 3 10" yr. By
noww the interior of the secondary has become mildly degenerate
(Fig.. 4) and the secondary's radius appears insensitive to mass
loss. .
Therefore,, although the orbital decay is already abating, the
secondaryy continues to increase its mass loss rate in order to
remainn within the limits of its Roche lobe. But gradually the
wideningg effect of the mass transfer becomes preponderant, and
thee orbital decay decelerates ever more (Fig. 6).

M22 IM„1
Fig.. 6. The orbital period (in minutes) versus the mass of the secondary

Att point 4, corresponding to M2 = 0.21 M G , the dominating
effectt of gravitational radiation losses are finally overcome and
thee orbit begins to expand. Thereby the rate of mass transfer
passess a peak value of 9 1 0 " 8 M o / y r . Simultaneously the orbital
periodd attains a minimum value of 10.6 min (Fig. 6).
Afterr this point the increasing orbital separation causes T9(aa4)
too increase even faster so that the mass transfer abates strongly,
ass can be observed in Fig. 2. When ultimately, for M 2 = 0.16 M Q ,
thee nuclear energy source at the centre is completely extinguished,
thee stellar radius reaches a minimum value of 0.0422 R0. Further
masss loss from the semi-degenerate secondary leads to a larger
stellarr radius. The stellar luminosity has become extremely small:
L ^^ 6 10 ' / , „ .
Wee followed the evolution of the binary until the secondary's
masss was 0.11 M 0 , approximately the convective core mass at
thee beginning of mass transfer. This implies that the surface abundancee of the remnant had become similar to that of the initial
convectivee core, i.e.. Yc = 0.26. Nuclear burning during the mass
transferr phase resulted in a central helium abundance of Yc = 0.15.
Thee remnant consists therefore primarily of carbon with some
admixturee of oxygen and helium.
Thee coefficients of the mass-radius relation (Eq. 3) of the semidegeneratee remnant are a = 0.029 and /( = - 0 . 1 9 which differs
substantiallyy from the fully-degenerate values x = 0.013 and P =
— j .. Because of the extreme under-luminosity of the remnant
(causedd by the severe mass loss) its thermal timescale has meanwhilee become much longer than a Hubble-time. The remnant is
thuss expected to remain semi-degenerate for a substantial part
off its further lifetime. One can easily verify that for M 2 « M the
ratee of gravitational radiation driven tidal transfer in a binary
withh a given orbital period obeys a proportionality relation of
thee form:

Forr a given total system mass and orbital period the rate of mass
transferr from the semi-degenerate remnant is therefore a factor
0.66 smaller than the rate from a fully degenerate star of the same
masss and composition.
3.2.3.2. Schematic description of the further evolution and a possible
explanationexplanation for the single millisecond radio-pulsars
Wee have for simplicity neglected mass loss and losses of orbital
angularr momentum other than by gravitational radiation. However,, these "conservative" assumptions may become invalid approximationss when the rate of mass transfer rises significantly
abovee the Eddington limit, as happens when the secondary's
masss decreases below 0.25 M G .
Unfortunately,, the non-conservative processes referred to are
veryy difficult to analyse and we can do no better here than discuss
twoo extreme possibilities for the further evolution of the binary
system.. Let us first discuss the "conservative" approximation,
andd consider the fate of the secondary after the binary has passed
thee minimum orbital period. As long as the secondary expands
inn reaction to mass loss the orbit must expand as well in order
too accomodate the contact star inside its Roche lobe (Eq. 4). The
gravitationall radiation timescale T„ increases steadily, with a correspondingg slow-down of the binary evolution and mass transfer
rate. .
Afterr a prolonged phase of slow mass transfer the secondary
willl eventually reach a critical mass below which electrostatic
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forcess between the atomic particles become larger than the bulk
gravitationall forces, and matter is transformed to a solid state.
Thee mass density then becomes independent of the remnant mass,
soo that « 2 oo M\13. This implies that the remnant must attain a
maximumm size, after which it will again shrink in reaction to
furtherr mass loss. The maximum radius of spherical zero temperaturee structures was calculated by Zapolsky and Salpeter (1969)
forr various chemical compositions. They found for pure carbon
configurationss a maximum radius of R =* 0.039 RQ attained when
MM = 0.0022 M Q . Although tidal interaction becomes ineffective
forr extreme mass ratios, let us for simplicity adopt a simple Roche
geometryy to estimate the orbital dimensions of the binary at the
timee the secondary reaches this maximum radius. We obtain an
orbitall separation ^0.8 RQ corresponding to a binary period
off ~ 100 minutes and a gravitational radiation timescale ig =
610 1 0 yr.. This estimate seems a lower limit, since it takes much
moree time (Sect. 3.1) for the secondary to cool down, so that it is
expectedd to become larger than the zero temperature estimate of
Zapolskyy and Salpeter. We conclude that binary systems of the
typee discussed cannot evolve to this stage within the estimated
lifetimee of our galaxy.
Lett us now turn to a discussion of possible non-conservative
effectss on the evolution of ultra-compact binaries. Ruderman and
Shahamm (1983) have argued that a tidal instability with runaway
masss transfer sets in before the secondary can actually reach a
solidd state. An argument for this is that the interaction between
thee secondary and the outer edge of the accretion disc centered
onn the primary is rendered inefficient when the mass ratio becomess extremely small. Tidal conversion of disc angular momentumm into orbital angular momentum is thought crucial for
limitingg the size of the accretion disc (Papaloizou and Pringle,
1977).. When the tidal coupling between the outer layers of the
accretionn disc and the secondary becomes weak the disc will
expandd until the disc matter becomes unbound at the edge and
iss ejected (Lin and Papaloizou, 1979). Ruderman and Shaham
(1983)) now assume that this ejected matter carries off so much
angularr momentum from the binary that a tidal runaway mass
transfer,, whereby the secondary is completely disrupted, becomes
unavoidable.. The possibility of such an instability was further
studiedd by Hut and Paczynski (1984), Ruderman and Shaham
(1985),, by Bonsema and van den Heuvel (1985) and by Taam
andd Wade (1985), who conclude that the instability requires such
extremee mass ratios that it is unlikely to occur within a Hubble
time. .
Thee matter is of interest in view of the existence of single
millisecondd radio-pulsars (cf. Backer et al., 1982). These rapidly
rotatingg radio-pulsars are thought to have been spun-up by accretionn from a binary companion which has meanwhile disappearedd as a result of tidal break-up of the degenerate low-mass
secondaryy as discussed above. However, a more promising possibilityy to dispose of the secondary seems a tidal break-up triggered
byy non-conservative effects during the steep rise of the mass
transferr from a helium-star secondary near minimum orbital
period,, as discussed in the previous section. During this phase
thee secondary hardly shrinks in reaction to mass loss as it starts
too become semi-degenerate. The secondary can only be kept insidee its Roche lobe by the stabilizing effect of the heavy mass
transferr to the primary which opposes the rapid decay of the
orbitt caused by angular momentum losses (x9 = 3 106 yr) during
thiss very compact binary phase. When a sufficiently large fractionn of the transferred mass cannot be captured by the neutron

starr and is either ejected from the binary (taking away orbital
angularr momentum) or re-captured by the secondary, the stabilizingg effect of mass transfer may vanish and give way to a tidal
break-upp of the secondary. The tidal dispersion of the secondary
wouldd presumably result in a large (not tidally truncated) accretionn disc of remnant material around the neutron star that may
continuee to spin the neutron star up to the required millisecond
rotationn period. If this extreme non-conservative scenario is real
thee evolution of low-mass helium star secondaries could produce
aa class of very bright X-ray sources (compared with Webbink et
al.,, 1983) that evolve into single millisecond radio pulsars.

3.3.3.3. Comparison with observations
Att present five systems are thought to be ultra-compact binaries
withh orbital periods less than an hour. These systems are respectivelyy the X-ray burster 4U1916-05 with Pb = 50 min (Walter
ett al., 1982 and White and Swank, 1982), the cataclysmic variable
G PP Com with Pb = 46 minutes (Nather et al., 1981), the 7.7
secondd X-ray pulsar 4U1626-67 with P„ = 41 min (Middleditch
ett al, 1981), the 7 second X-ray pulsar IE 2259 + 586 with an orbitall period of 38 min (Gregory and Fahlman, 1984) and, finally,
PGG 1346 + 082 a faint blue object which shows rapid flickering
andd regular optical variations (P ^ 25") (Nather 1985). The existencee of a companion to the compact star in these systems is
inferredd from the presence of accretion. Since this is only indirect
evidence,, we always have to keep in mind that the interpretation
off observed periodicities as orbital is not unique.
Thee system 1£ 2259 + 586 seems very interesting in that it is
situatedd at the geometric centre of curvature of a semi-circular
shelll of diffuse X-ray emission (Gregory and Fahlman, 1980,
1981)) which has been identified as a ~ 10* yr old supernova remnantt at an estimated distance of 3.6 0.4 kpc. The compactness
off the binary system strongly suggests that the 7 s pulsar was
createdd by a mass accretion induced collapse of a heavy white
dwarff (Canal et al., 1980; Miyaji et al., 1980; Nomoto, 1980;
Labayy et al., 1983 and Lipunov and Postnov, 1985). The X-ray
sourcee has a very faint optical counterpart (B ~ 23.5) that certainlyy rules out a massive star companion. From pulsar delay
timingg Gregory and Fahlman (1984) (GF) determined a best
Kepleriann orbit fit, represented by the mass function
M

^ S 1 " 3 '' , = 0.008 + 0.0002 M G

(M,, + M2f

withh e ~ 0.3. Adoption of these parameters implies that the mass
off the secondary M2 > 0.2 AfG for a standard pulsar mass of
aboutt 1 MQ. As G F mentioned, the short orbital period (Pb =
38")) excludes a normal main-sequence companion to the pulsar
sincee such a star would be far too large and severely overfill its
criticall lobe (as far as this can be defined for e / 0). A degenerate
starr would, even for the minimum mass of O.2M 0 , underfill its
criticall lobe by a large factor and presumably transfer no matter
too the pulsar at all, even at periastron passage. The pre-supernovaa system, containing a heavy white dwarf, must have been
evenn more massive and compact than the currently observed system.. G F estimated the original orbit to be some 30% smaller
thann observed now, which corresponds to an orbital period of
~~ 22 min. However, as observed in Fig. 6, a non-degenerate helium-starr secondary of mass M 2 = 0.37 M 0 would fit very well
intoo this binary system.
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Ourr calculations show (Fig. 3) that a helium-star secondary
off 0.37 AfG has a luminosity L = 4.4LQ and Teff = 2.9 10* K.
Adoptingg the distance of 3.6 kpc to the SN-remnant and an
absorptionn in the blue At ~ 5.0 (Fahlman et al., 1982) we obtain
byy applying a bolometric correction corresponding to TM =
290000 K an apparent magnitude B - 23.7 consistent with the
observedd optical counterpart. At present, after the supernova explosion,, the secondary can probably only transfer mass to the
pulsarr when it is close to periastron. This would be consistent
withh the relatively low X-ray luminosity Lx ~ 2 1035erg/s (in the
bandd 0.5-4.0 keV) currently observed. For the model parameters
adoptedd the present timescale for orbital decay would be it ~
66 107 yr, so that a 30% shrinkage of the orbit would roughly take
somee 107 yr. This is shorter than the time needed tofinishhelium
burningg in the core, so that the further evolution of the system is
expectedd to be qualitatively similar to the results of our calculationss presented in Sect. 3.1. Apart from PG1346 + 082 (which
togetherr with GP Com presumably has a white dwarf primary)
thee other ultra-compact systems have orbital periods that are
longer,, so that a model similar to IE2259 + 586 would require
moree massive and hence more luminous helium burning secondaries.. This can be ruled out, however, because the optical counterpartss all appear very inconspicious. Possibly the secondaries
inn the other ultra-compact systems are (semi-) degenerate and
situatedd in binaries that have already passed the minimum orbitall period, without breaking up by tidal effects. In Sect. 3.2 we
discussedd that such systems evolve to a period maximum during
aa long phase of weak mass transfer and slow orbital expansion.
Thee potentially attained maximum orbital period (> 100 min) is
indeedd larger than the derived orbital periods of these three ultracompactt binaries. We estimate by extrapolating our mass-radius
relationn for semi-degenerate stars that it takes the systems less
thann 109yr to re-expand to an orbital period of 50 min. For a
discussionn of this possibility we refer to Rappaport and Joss
(1984).. We only note here that the observed spectra of GP Com,
4U1626-677 and PG 1346 + 082 indicate that these systems containn very little or no hydrogen. However, in a discussion of the
recurrencee properties of the X-ray burster 4U1916-05 Swank et
al.. (1984) argue that the secondary in this system cannot be
hydrogen-poor. .

4.. The evolutionary history of compact binary systems

pactt state of the binaries was probably achieved by expelling the
envelopee of the compact star's progenitor during a tidally inducedd spiral-in of its main-sequence companion (cf. Paczynski,
1976;; Meyer and Meyer-Hofmeister, 1979 and Van den Heuvel,
1983).. Helium-star companions to white dwarfs or neutron-stars
inn ultra-compact binaries require a more complicated interplay
betweenn nuclear and spiral-in evolution. We shall try to outline
beloww a possible way of forming compact binaries, in terms of a
doublee spiral-in scenario (e.g. see Webbink 1979, 1984 and Iben
andd Tutukov, 1984), basing ourselves on the starting model of
ourr calculations and the case of IE2259 + 56.
Sincee the neutron star in IE2259 + 56 is thought to be
formedd in the recent supernova-explosion initiated by accretioninducedd collapse of a white dwarf, we assume the pre-supernova
configurationn consisted of a helium-star and a white dwarf. A
helium-starr of ~0.6 MQ is formed as the core of a main sequence
starr of mass ~5Af 0 . The immediate predecessor of the Hestar/WDD binary was therefore presumably a 5 M M00 main sequence
pluss WD binary with an orbital separation of 10-100R Q . Such
aa binary will start transferring mass while the 5 M© star is on its
wayy from the MS to the base of the giant branch (case B mass
transfer).. Mass is transferred on a thermal time scale, thus at a
highh transfer rate, which is further increased by the shrinking of
thee orbit caused by mass transfer from the heavier to the lighter
componentt of the binary. The white dwarf will not be able to
accommodatee this mass and will try to form a red giant envelope
again.. Since this envelope obviously will not fit into the white
dwarf'ss Roche-lobe a common envelope will be formed, from
whichh we may expect the He-star/WD binary to emerge. This
spiral-inn scenario is similar to the one suggested for the formation
off catacylsmic variables. During this spiral-in phase the orbital
separationn has to be sufficiently reduced for the gravitational decayy timescale to become comparable to the evolutionary timescalee of the He-star. Gravitational radiation losses will then cause
thee He-star to fill its Roche-lobe before helium depletion in the
core. .
Accordingg to present views the accretion of matter on a white
dwarff only produces a neutron star when the white dwarf was
alreadyy massive from the beginning, being formed as the remainingg (O-Ne-mg) core of a star that was just not sufficiently
massivee to reach the supernova-phase by itself (e.g. Nomoto,
1980).. This massive white dwarf thus has to be the product of a
starr with a MS-mass of ~ 8 M Q . This consideration suggests that
thee initial configuration consisted of a 5M Q plus 8M Q binary
inn a wide orbit (orbital separation ~a few hundred RQ). In the
casee of a large orbital separation mass transfer will start when
thee 8 M MQQ star is a giant or supergiant with a completely convectivee envelope. This mass transfer is dynamically unstable and
willl lead to a common envelope. Because the mass ratio is near
11 and the amount of mass in the envelope is not more than that
off the "inner" binary, consisting of the 5M G star and the giant
core,, the orbit of this "inner" binary will not have to shrink very
drasticallyy in order to provide sufficient energy and angular momentumm to expel the envelope. After this expulsion we would be
leftt with the 5 MG star plus WD binary required to precede the
He-starr plus WD system.

AA priori it does not seem very plausible that a white dwarf or
neutronn star can be accompanied by a mass transferring heliumm burning secondary because it requires a rather complicated
evolutionaryy history for the binary. Although helium-stars in binariess are the natural result of case B mass transfer they are
expectedd to be fully detached stars because of their small size
comparedd to their immediate progenitors. These progenitors
withh a hydrogen burning shell source at the base of the hydrogenrichh envelope must have had stellar radii more than an order of
magnitudee larger.
Itt is commonly believed that white dwarfs or neutron stars
cann have low-mass hydrogen burning secondaries and manifest
themselvess respectively as cataclysmic variables or as a special
typee of low-mass X-ray binaries (e.g. see Van Paradijs, 1983). It
iss obvious that all these systems must have evolved from origi- 5.. Conclusions
nallyy much wider binaries in order to accommodate the relatively Wee have shown that ultra-compact binaries with helium burning
hugee progenitor of the degenerate component. The current com- secondariess and neutron star primaries undergo heavy mass
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G.J.. Savonije et al.: The minimum orbital period for ultra-compact binaries
transferr that peaks at a value of about 10" 7 M Q /yr when a minimumm orbital period of about 11 min is approached. At this phase
heliumm burning in the secondary is extinguished and the star
reachess a state of severe thermal imbalance where almost all luminosityy is absorbed by the mass spilling envelope. For simplicityy we have assumed the total system mass to be constant, and
thee total orbital angular momentum to be conserved apart from
gravitationall radiation losses. These approximations may not
bee accurate, particularly when the minimum orbital period is
reachedd where the gravitational radiation losses become substantial.. Tidal stability requires that a substantial part of the mass
transferredd at a super-Eddington rate is actually captured and
accretedd by the more heavy neutron star. This implies also a
sufficientlyy effective tidal interaction between the accretion disc
andd the secondary in order to remove the excess Keplerian disc
angularr momentum. It is quite possible that these conditions are
nott fulfilled near the period minimum and that the secondary,
whichh by this time hardly shrinks in response to mass loss, cannott be kept inside its critical lobe and begins a catastrophic tidal
masss loss. This could destroy the binary system and eventually
yieldd a single millisecond radio pulsar regenerated by accretion
inducedd spin-up.

Hut,, P., Paczynski, B.: 1984, Astrophys. J. 284, 675
Iben,, I , Tutukov, A.V.: 1984, Astrophys. J. Suppl. Ser. 54, 335
Kraft,, R.P., Mathews, J., Greenstein, J.L.: 1962, Astrophys. J. 136,
312 2
Labay,, J., Canal, R., Isern, J.: 1983, Astron. Astrophys. Letters
117,, LI
Landau,, L.D. and Lifshitz, E.M.: 1959, The Classical Theory of
Fields,, Oxford, Pergamon Press
Li,, F., Joss, P., McClintock, J., Rappaport, S., Wright, E.: 1980,
Astrophys.Astrophys. J. 240, 628
Lin,, D.N.C., Papaloizou, J.: 1979, Monthly Notices Roy. Astron.
Soc.Soc. 186, 799
Lipunov,, V.M., Postnov, K.A.: 1985, Astron. Astrophys. 144, L13
Meyer,, F., Meyer-Hofmeister, E.: 1979, Astron. Astrophys. 78,167
Middleditch,, J., Mason, K., Nelson, J., White, N.: 1981, Astrophys.phys. J. 244, 1001
Miyaji,, S., Nomoto, K., Yokoi, K., Sugimoto, D.: 1980, Publ.
Astron.Astron. Soc. Japan 32, 303
Nather,, R.E., Robinson, EX., Stover, R.J.: 1981, Astrophys. J.
244,, 269
Nather,, R.E.: 1985, in Interacting Binaries, eds, P. Eggleton and
J.. Pringle, D. Nato ASI, D. Reidel Publ. comp. p. 349
If,, however, the orbital angular momentum of the binary is Nomoto,, K.: 1980, in Fundamental problems in the theory of
sufficientlyy conserved to prevent this catastrophic run of events,
stellarstellar evolution, Proc. IAU Symp. No, 93 (Reidel) p. 295
thee secondary will become semi-degenerate. Because it is very Paczynski,, B.: 1971a, Ann. Rev. Astron. Astrophys. 9, 183
under-luminouss it remains far from thermal equilibrium and sub- Paczynski,, B.: 1971b, Acta Astron., 21, 1
stantiallyy oversized (by a factor of Ü 2 compared to a fully degen- Paczynski,, B., Sienkiewicz, R.: 1981, Astrophys. J. Letters 248,
eratee star of the same mass and composition) for a large fraction
L27. .
off its lifetime. This implies that the use of a simple degenerate Paczynski,, B.: 1976, in IAU Symp. 88, "Structure and evolution
mass-radiuss relation for secondaries in ultra-compact binaries
off close binary systems", eds. P. Eggleton, S. Mitton and J.
cann be misleading.
Whelan,, Dordrecht, Reidel, p. 75
Wee note that it seems important to affirm the orbital solu- Papaloizouu J., Pringle, J.: 1977, Monthly Notices Roy. Astron.
tionn of IE 2259 + 586 by Gregory and Fahlman as this would
Soc.Soc. 181, 441
stronglyy suggest that white dwarfs or neutron stars can indeed Paradijs,, van J.: 1983, in Accretion-driven stellar X-ray sources,
bee accompanied by nondegenerate low-mass helium stars.
eds.. W.H.G. Lewin and E.P.J, van den Heuvel, Cambridge
Univ.. Press,
Rappaport,, S., Joss, P.C.: 1982, Astrophys. J. 254, 616
References s
Rappaport,, S., Joss, P.C.: 1984, Astrophys. J. 283, 232
Backer,, D.C., Kulkarni, S.R., Heiles, C , Davies, M.M., Gosh, Ruderman,, M.A., Shaham, J.: 1983, Nature 304, 425
Rudermann M.A., Shaham, J.: 1985, Astrophys. J. 289, 244
W.M.:: 1982, Nature 300, 615
Bonsema,, P.F.J. and van den Heuvel, E.P.J.: 1985, Astron. Savonije,, G.J.: 1979, Astron. Astrophys. 71, 352
Savonije,, G.J.: 1983, in Accretion-driven stellar X-ray sources, eds.
Astrophys.Astrophys. Letters (in press)
Canal,, R., Isern, J., Labay, J.: 1980, Astrophys. J. Letters 241, L33
W.H.G.. Lewin and E.P.J, van den Heuvel, Cambridge Univ.
Cox,, A.N. and Stewart, J.N.: 1970, Astrophys. J. Suppl. 19, 243
Press, ,
Eggleton,, P.P.: 1971, Monthly Notices Roy. Astron. Soc. 151, 351 Swank,, J.H., Taam, R.E., White, N.E.: 1984, Astrophys. J. 277,
Eggleton,, P.P.: 1972, Monthly Notices Roy. Astron. Soc. 156, 361
274 4
Eggleton,, P.P., Faulkner, J., Flannery, B.P.: 1973, Astron. Taam,, R.E., Flannery, B.P., Faulkner, J.: 1980, Astrophys. J. 239,
1017 7
Astrophys.Astrophys. 23, 325
Taam,, R.E., Wade, R.: 1985, Astrophys. J. (in press)
Eggleton,, P.P.: 1983, Astrophys. J. 268, 368
Walter,, F.M., Bowyer, S., Mason, K.O., Clarke, J.T., Henry, J.P.,
Fahlman,, G.G. and Gregory, P.C.: 1981, Nature 293, 202
Faulkner,, J.: 1971, Astrophys. J. Letters 170, L99
Halperri,, J., Grindlay, J.E.: 1982, Astrophys. J. Letters 253,
Gregory,, P.C., Fahlman, G.G.: 1980, Nature 287, 805
Webbink,, R.: 1979, in White dwarfs and Variable Degenerate
Gregory,, P.C., Fahlman, G.G.: 1984, in "Supernova Remnants
Stars,Stars, ed. H.M. van Horn and V. Weideman, New York: Univ.
andand their X-ray Emission, IAU. Symp. nr. 101, p. 445
off Rochester Press p. 426
Heuvel,, van de E.P.J. 1983, in "Accretion-driven stellar X-ray Webbink,, R., Rappaport, S. Savonije, G.J.: 1983, Astrophys. J.
sources",sources", eds. W.H.G. Lewin and E.P.J. van den Heuvel, Cam270,, 678
bridgee Univ. Press
Webbink,, R.: 1984, Astrophys. J. 277, 355
Heuvel,, van de E.P.J., Bonsema, P.F.J.: 1984, Astron. Astrophys. White,, N.E., Swank, J.H.: 1982, Astrophys. J. Utters 253, L61
Zapolsky,, H.S., Salpeter, E.E.: 1969, Astrophys. J. 158, 809
139,, L16

45 5

ANN EVOLUTIONARY SCENARIO FOR THE BLACK-HOLE BINARY A0620-00

Abstract t
Wee present an evolutionary scenario for the black hole binary A0620-00,
whichh starts from an initial configuration consisting of a massive star
andd a low-mass companion in a very wide orbit. By using the presently
observedd system parameters and following the evolution backward in time
wee derive an upper limit to the initial mass of the companion of 2M 0 , a
relationn between the present mass of the black hole and the mass of its
main-sequencee progenitor which for the most likely black hole mass of
77 Mg, yields a progenitor mass between 27 and 46 M Q , and a lower limit on
thee initial orbital period of 240 days.

INTRODUCTION N

Thee large radial velocity amplitude of 457 ± 8 km/s of the K-dwarf
componentt of the transient binary X-ray

source A0620-00 (P

=

7.75

hours)) indicates an absolute lower mass limit of 3.20 M Q for the compact
starr

in

this

system,

strongly

suggesting

that

it

is a black

hole

(McClintockk and Remillard 1986, hereafter referred to as M R ) .
Wee investigate how this binary may have originated. We show that it
iss

excluded

that

the black hole was

formed by

gradual

accretion of

matterr onto a neutron star. Therefore, the only possibility, aside from
triplee star models (Fabian et al. 1986; Eggleton and Verbunt, 1986) is
thatt the black hole in this system was formed by core collapse of the
remnantt

of an originally

very massive star. McClintock and Remillard

havee suggested that the model which can explain the peculiar combination
off a short orbital period and a low companion mass is similar to the one
proposedd by Van den Heuvel and Habets (1984) (hereafter referred to as
HH)) for the formation of the black hole X-ray binary LMC X-3. In such a
model,, which also seems most likely to us, the original binary system
startedd out with a fairly wide orbit and a very large mass ratio, of
orderr 15 or more. When the massive component of the system evolved to
thee red supergiant stage, it engulfed its low-mass companion which then
spiralledd in and removed the envelope of the supergiant. The outcome of
thiss process is a very close binary system consisting of the core of the
supergiantt

(composed of helium and possibly heavier elements) together

withh the low-mass companion. The final collapse of the burned-out core
thenn produced a close binary consisting of a black hole and a dwarf star
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Figuree 1 A schematic outline of the evolution of A0620-00.

47 7

which,, after tidal circularization of the orbit, and orbital decay (for
examplee

by

gravitational

systemm

configuration.

radiation

This

losses)

evolutionary

turned

into

scenario

the

is

present

illustrated

schematicallyy in fig. 1.
Wee study here, in terms of this model, the constraints which the
presentlyy

observed

system

parameters

set

to

the inital system para-

meters,, by taking into account that: (i) the system was not disrupted in
thee supernova explosion, (ii) the K-dwarf has only slightly evolved away
fromm

the Zero

Age Main

Sequence

(MR). We show that these conditions

alloww one to constrain the original mass of the low-mass star to < 2.0
M @ ,, the original mass of the massive star to > 20 M Q and the original
orbitall period to > 240 days. Assuming that, in order to produce a black
hole,, the orignal mass of the massive star should have been > 40 M Q (HH;
Schildd and Maeder 1985), the original orbital period is constrained to >
4500 days.

THEE EVOLUTION AFTER THE SUPERNOVA

Ann upper limit to the inital mass of the secondary star.

Thee optical star, which at present is very close to filling its Roche
lobe,,

has

a

spectrum

showing

the

typical

features

of

a

mid-K-dwarf

(~~ K5, not earlier than K 2 ) . The short orbital period indeed only allows
aa

K-dwarf, i.e. a main-sequence star which has slightly .evolved

away

fromm the Zero Age Main Sequence (ZAMS). The latter is required since a
starr on

the ZAMS with a mass of a K2 to K7 dwarf

(i.e.: < 0.8

M.)

underfillss its Roche-lobe by ~ 20% in a binary with P = 7.75h. The most
likelyy present mass of the K-companion is ~ 0.7 M 0 > independent of the
masss of the compact star, which, dependent on the orbital inclination,
iss most likely to range between 4 M 0 (3a lower limit) and 13 M 0 ( c f .
MR). .
Ass

pointed

companionn might

out

by

possibly

McClintock

and

Remillard,

be as low as 0.25 M 0 i

the

mass

of

the

which is the measured

masss of the K2 IV secondary in the old nova GK Per (Watson, King and
Osbornee 1985). An upper limit on the initial mass of the secondary, i.e.
thee

mass

before

evolutionaryy

it

started

to

considerations. If

transfer
this

mass, can

initial

mass

be
was

derived

from

considerably

largerr than the present mass, the orbital separation also must have been
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largerr at that time to accomodate the companion within its Roche lobe,
andd the binary subsequently evolved to its present state by shrinking of
thee

orbit

and

transferring

mass.

This

implies

that

orbital

angular

momentumm must have been lost since, if the mass-losing star is the less
massivee one, conservation of orbital angular momentum dictates that the
orbitall separation should increase due to mass transfer. (Even if the
companionn was initially the more massive one, a short phase of very high
masss transfer rates would have followed the onset of mass transfer until
thee

mass

ratio

was

reversed).

A

reduction

in

orbital

separation

accompaniedd by mass transfer can therefore only be achieved if angular
momentumm is being removed from the orbit. By analogy to the situation in
e.g..

the

cataclysmic

responsiblee

for

variables

these

the

angular

two

momentum

processes
losses

that

are

could

be

gravitational

radiationn (GR) or magnetic braking. If the angular momentum losses are
causedd by GR an upper limit to the initial companion mass can be derived
semi-analyticallyy

by comparing x

, the main sequence lifetime of the

companionn with x , the timescale on which the orbit shrinks due to GR.
Ass long as ^

>T , the evolution can proceed

as is required

for the

systemm considered : the binary is slowly shrinking and transferring mass
duee

to angular

momentum

losses

disappeared.. If however x

by GR until the secondary has nearly

becomes

< x

the companion will start to

leavee the main sequence before the orbit has shrunk appreciably. The
starr will subsequently expand on a timescale «

x

and the mass transfer

ratee will increase drastically. The widening of the orbit caused by this
sharpp increase in mass transfer can not be compensated

by GR angular

momentumm losses, the orbital separation and period will increase again
andd

a

wide

low-mass

giant

black

hole

binary

will

form

( Webbink,

Rappaportt and Savonije, 1983, Taam 1983). Since this scenario has to be
avoidedd

to arrive at the present system, the criterion x

>x

can be

usedd to derive an upper limit on the inital mass of the companion My C Too determine a numerical value for this upper limit we have used the
factt that if the mass losing star has a simple mass-radius relation of
thee form

VV

aM P

(1)

c

(forr stars in the mass range we consider ct=l.Q R Q , (3=0.6769, van der
Linden,, 1982) then the mass transfer rate due to angular momentum losses
byy GR is given by (Ritter 1980, Savonije 1984):
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F i g .. 2 The mass of the companion as a function of time for MRH=7 M and
MIC== 1.5 , 1.86 and 2.0 M0 r e s p e c t i v e l y , as c a l c u l a t e d by e q u a t i o n ( 2 ) .
Whenn the elapsed time becomes longer than the main sequence l i f e t i m e T
off t h e companion i t w i l l evolve t o the g i a n t s t a g e i n a widening o r b i t .

MM
j ££ = - ( 5 / 6 + 6/2 - M C /M BH ) _1
CC
wheree x
J

lossess

(2) )

i s the o r b i t a l decay t i m e s c a l e

orb,,

, „, ,„9

== 1.24 10

, W V
(-

GRR
wheree

z~l
'

Jorh'''s

M

B H \ - 1 rs

-

itritr

(yr)

(3) )

0
t le

and a

*

orbital

the orbital

angular momentum, J—' the angular
separation. Equation

momentum

2 can be integrated

numericallyy for different values of M I C and Mgu- In figure 2 we show the
masss of the companion as a function of time for M R „= 7 M

and MTf, equal

too 1.5, 1.86 and 2.0 M 0 respectively. In the same diagram we have drawn
aa line which gives the relation between the mass of a star and its main
sequencee lifetime. The evolutionary track for M IC =2.0 crosses the T
curvee at t= 10

yr, after which the star will evolve to the giant stage

whilee the orbit is widening. For M-r,-,=1.5 M g the evolutionary track never
crossess the T m g curve : the companion never leaves the main sequence and
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willl transfer practically all of its mass while the orbit is shrinking.
Fromm fig.2 it can be seen that M IC =1.86M
separatess

these

two cases. For

0

MBj£-4 M 0

is the critical mass which
and M B H =13

M0

the critical

initiall companion masses are 1.75 and 2.01 M Q respectively. These masses
aree of course strictly upper limits since the main sequence lifetime of
aa star which was originally more massive and has arrived at its present
masss

by mass

transfer

is

always

shorter

than

that

of

a star

which

evolvess at constant mass.
Ass mentioned above, in making this estimate we did not take into
accountt

the

possible

effects of

angular momentum

losses

by magnetic

braking,, as these do not lend themselves to analytical estimates. We are
presentlyy engaged in doing detailed numerical calculations where these
effectss are included. The first results indicate that our conclusions
remainn valid, since the dynamo mechanism responsible for the magnetic
activityy is not expected to operate in stars which are more massive than
thee upper limit derived above.
AA closer consideration of the evolutionary scenario outlined above
alsoo

rules

out

the possibility

that

the black hole in A0620-00 was

formedd by accretion induced collapse of a neutron star. If the initial
configurationn consisted of a main sequence star (of about 2 M 0 ) and a
1.44 M Q neutron star, the main sequence star would start to transfer mass
onn a thermal timescale until the mass ratio reverses. In this case the
masss

transfer

rate

is

strongly

super-Eddington,

and

practically

all

transferredd mass must be lost from the system. After this mass ejection
theree would be less mass left in the system than is presently observed.

Thee maximum post-supernova orbital period, as a function of the initial
companionn mass.

Thee above considerations

show that

the present

system configuration,

withh a K-dwarf-like Roche-lobe filling companion, can only be obtained
Iff the following conditions are fulfilled:
(i)) the initial companion mass - just after spiral-in - was < 1.4 - 2.0
Mgg (for M B H between 4 M 0 and 13 M 0 ) ;
(ii)) Gravitational radiation already started driving the mass transfer
whenn the companion was still in the core-hydrogen burning phase.

Thee

second

immediatelyy

condition

after

follows

from

the

fact

that

the supernova was so wide that T
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if

> -r

the

system

then the

companionn would have evolved away from the main sequence to overflow
Rochee
t h i ss

lobe

before

case

the

gravitational

mass

transfer

radiation

would

could

presently

become effective.

be

driven

by

its
In

interior

nuclearr evolution, which will cause a gradually widening of the system.
Thee companion

would

in

that case

at

present

be a

post-main-sequence

s t a r ,, a giant or a subgiant - which disagrees with the observations.
Thus,, an upper
thee condition

that

limit
this

to

rr

p

i s

post_sN

period

set

periodd

In
at

figure
which

Noticee that
obtainn

this

from

the

3

the

period
p

cont-act

p

curve

the companion
is

a n v

must be such that

forr T ev < T H u b b l e and xy (P p o s t _ S N ) < bubble
t i v e l y ..

f o r

>

( jC)

c o n t a c t

is

f o r

M

filling

its

value of MIC, by

z (P
„„) < %
Y v post-SN'
'ev'

T

indicates

the

the

spec-

orbital

Roche-lobe on the ZAMS.

independent of MBH, (see Faulkner
values

re

ev > b u b b l e '

maximum possible

1971). To

initial

orbital

periodss P m a x (M IC ), we computed the o r b i t a l decay by GR-losses backward
inn time over a time interval Min (T
P

maxx ~

c u r v e s

i n

t h e

figure,

for

the

,

T

Hubble^"

three

T h i s

yielded

t h e

values of M„H. The

showss that the o r b i t a l period of the system, just after

three
figure

the formation of

thee black hole, cannot have been larger than about one day.

30 0

25 5

20 0

postt SN"

15 5
pp

contact t

10 0

present t

0.5 5

1.0 0

1.5 5

2.0 0

Fig.. 3 The o r b i t a l period when the companion exactly f i l l s i t s Roche
lobee on the main sequence ( p c a n t a c t ) a n d the maximum post supernova
o r b i t a ll period
(P
) as a function of companion mass. P
is
calculatedd
by following
the decay of
the orbit
by gravitational
radiationn backward in time for one main sequence lifetime.
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THEE SYSTEM CONFIGURATION PRIOR TO THE FORMATION OF THE BLACK HOLE

Thee evolution after spiral-ln: constraints to the Zero Age mass of the
progenitorr of the black hole.

Inn the wide system with very small mass ratio which we adopt as Initial
configurationn , spiral-in of the low-mass star into the envelope of the
massivee

star

supergiant..

is

After

unavoidable

if

the

the Common-Envelope

massive

star

(CE) phase

and

becomes

a

red

spiral-in, the

systemm will consist of the helium core of the initially more massive
star,, together with the low-mass companion, in a very narrow orbit. The
lowerr limit to the post-splral-in orbital period is set by the condition
thatt the low-mass star filled its Roche lobe in the new system (helium
starss have much smaller radii than hydrogen stars, and will therefore
nott fill their Roche lobe, cf. Arnett 1978).
Massivee helium stars (M > 5 M Q ) are thought to be identified with
Wolf-Rayett stars

(Paczynski

1967; Kippenhahn

1969; Willis 1985). Such

starss have very strong stellar winds, with v * 2000 km/s and a mass loss
ratee > 10~ 5 M ^ y r

(cf. Willis 1985). This type of gradual spherically

symmetricc mass loss will make the orbital period increase, but does not
affectt the circularity of the orbit

(cf. van der Klis 1983). The sub-

sequentt supernova explosion of the helium star - leaving the black hole
ass a remnant - will also make the orbital period increase but makes the
orbitt

eccentric. After

tidal circularization

of

the orbit

(assuming

conservationn of orbital angular momentum, i.e. neglecting the rotational
angularr momenta of the components), the orbital period will, - relative
too the pre-explosion period - have changed by just the same amount, as in
thee case that the explosively ejected mass had been lost gradually by
meanss of a spherically symmetric wind.
Thus,, for the change in orbital period from M H e (P.,) down to Mg H (Pj),
onee can use the same formula (cf. van der Klis 1983):

P

ff , V

+

V ,2

withh the added c o n s t r a i n t t h a t no more than M-rp+Mg„ can have been l o s t
duringg the supernova to avoid d i s r u p t i o n of the b i n a r y .
Forr a given combination of values of MT^, M„

and MB„ one can d e r i v e

c o n s t r a i n t ss to the post-SN o r b i t a l period from the following c o n s i d e r a tions: :
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( i )) a lower l i m i t to

p

*s

DOSt_rp

set

by the c o n s t r a i n t t h a t a f t e r

CE -

e v o l u t i o n ,, the low mass s t a r f i l l e d i t s Roche l o b e ;
( i i ))

the i n c r e a s e

p

in P from
M

post_cE
st

amountt of mass AM = ( He~Mg,,) l °

t0

P

Post-SN

is

determined by the

by the massive s t a r while evolving

fromm a H e - s t a r to a black h o l e .
( i i i ))

the thus obtained period P DOSt _gH ( M i c

thann

the upper

r e q u i r e dd

limit

Pmax

(M IC , MBR) to

for g r a v i t a t i o n a l - r a d i a t i o n

M

BH>

M

He^ should be lower

the post-SN o r b i t a l

period,

t r a p p i n g , as r e p r e s e n t e d i n

figure

3. .
Fromm these c o n d i t i o n s , one d e r i v e s , for each combination (M™, Mgu) an
upperr l i m i t to M„ . These upper l i m i t s are given by the dashed l i n e s in
f i g u r ee

4.The

next

step

is

to convert

these M,,

values

into

initial

massess of the massive s t a r s when they were on the ZAMS. Taking

stellar

windd mass l o s s durin g the hydrogen-burning stages of these s t a r s
accountt

in

the

way described

by HH, the r e l a t i o n

between the

into
main-

sequencee p r o g e n i t o r mass M. and the helium core mass Mn , for X = 0.70,
ZZ = 0.02 i s given by
MHee = 0.1015 M ^ * 2 8 5

(5) )

(Forr other chemical compositions s l i g h t l y d i f f e r e n t r e l a t i o n s a r e

2.0 0

11

'He -star

Mms-star r

M„„ =4
0,5 5

Fig.. 4 Upper limits to the masses of the WR and main sequence progenitorss of the black hole, as a function of companion mass and for
differentt black hole masses.
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obtained,, cf. Tutukov et al. 1973). Using relation (5) to derive the
maximumm initial ZAMS progenitor masses from the maximum He-core masses,
thee M.-curves in figure 4 are obtained•
Thee figure shows that for MfiH = 4 M 0 , the maximum progenitor mass
iss rather small, ranging from < 20 Mg for MI{, = 2 M 0 to < 30 M @ for M I C
== 0.7 M^. For M R H = 13 M @ these ranges change into: < 50 M 0 , for M I C = 2
M Q ,,

to < 80

MQ

for M I C = 0.7 M 0 .

Off course, the lower mass limits of M H

are equal to M„„ in each

case.. Converting these values into Mj-values, one obtains a lower limit
too H
M

BHH

of 17.44 Mg, for Mg H = 4 M 0 , 27 M 0 for M g H - 7 M 0 and 43.7 M 0 for

= 13

V

OneOne t h u s o b s e r v e s ,
rangee o f
%%

M^values

is

for

example,

that

f o r MB„ = 7 M 0 ,

the

allowed

27 M0 - 4 5 , 7 M0 for M IC = 0 . 7 M 0 , and 27 M0 -

30

for M IC = 2 . 0 M 0 .
Takingg a possible range of 4-13 M 0 for Mgu» the total allowed range

forr H

becomes 17 M Q - 80 M 0 . These absolute lower and upper limits do

nott really

contribute

an

interesting

result.

If, however, a

better

estimatee of M B H could be made (for instance by the study of ellipsoidal
variationss in an improved light curve, which yields a better estimate of
thee

inclination),

the

possible

values

for

M.

would

be

much

more

restricted. .

Furtherr narrowing down of the Zero Age mass range of the progenitor.

Thee

lower mass

lowerr

limits derived

limits derived

in the foregoing

section are absolute

from the present system parameters of AO620-OO.

However,, stronger lower mass limits for black hole formation have been
derivedd by HH from the presence of neutron stars in some very massive Xrayy

binaries, and

by

Schild

and

Maeder

(1985) from the presence

of

neutronn stars in some very young OB associations. The thus derived lower
(Zeroo Age) mass limit for black hole formation is 40±5 M .

Lowerr

limit

to

the

initial

orbital

period

before

Common-Envelope

evolution. .

Wee use the formulation of the spiral-in evolution as given by Webbink
(1984).. In this formulation it is assumed

that the change in orbital

bindingg energy during the CE-evolution is entirely used for removing the
envelope,, i.e. equals the binding energy of this envelope. The latter
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bindingg energy can be expressed as
GG (M 2 f + M ^ ) M ^
(6) )

hh al \
wheree Mjf

an

M

^

?e denote

giant,, respectively, a ^

tne

masses of the core and envelope of the

is its radius

(= Roche-lobe radius) at the

onsett of the spiral in, a-^ is the orbital separation and A. is a factor
off

order

unity,

which

depends

on the stellar

density

distribution.

Settingg expression (6) equal to the change in orbital energy
GM

11

(M

2e +

M

2f}

GM

2a, ,

11

o n ee o b t a i n s

1 ' M 2f
2aa „
'"2

(7) )

f o r t h e r a t i o of f i n a l and i n i t i a l o r b i t a l
MM

a / a ==

? i

(M 2

M

+

2rr

M- ) ' ^
2e

wheree M, i s the mass of

2 M

+

r4f )
1

w

L

the low-mass companion.

Forr a given value of M,, one can c a l c u l a t e a 2 / a ,
thee mass M2 of

separation:

as a f u n c t i o n of

the red g i a n t , t a k i n g the core mass of the g i a n t

ass M2:p and t h e mass of t h e envelope a t the time of c e n t r a l

( e q . 4)

H-exhaustion

1000 0

200 0
100 0
0.66

0.8

1.0 1.2
M icM c

U

1.6

1.8

Fig.. 5 The minimum initial orbital period, as a function of companion
masss and for several choices of the main sequence mass of the black hole
progenitor. .
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(Chios! et al, 1978). For JL we take the value

ass the envelope mass M2

1,, since the giant is much more massive than its companion and is not
expectedd to be corotating, and for
valuee

if

we

compare

expression

we take 0.5, which is a reasonable
(6)

with

the

results

of

detailed

numericall stellar models. In this way we can derive the pre spiral-in
orbitall period. To find the initial orbital period we correct this for
thee wind mass loss during the main-sequence evolution of the massive
star,, and thus arrive at the periods plotted In fig. 5. As the figure
shows,, this orbital period is not very dependent to the initial mass of
thee BH-progenitor. For an initial mass of 40 M 0 the shortest initial
orbitall

periods

are obtained, which

range

between

240 and

660 days

dependingg on the mass of the companion.

DISCUSSION. .

Thee

model

which

we

adopt

for

the

formation

of

the

system

is, as

mentionedd

above, similar to the one suggested by HH for the origin of

LMCC

i.e.:

X-3,

a

wide

and

massive

binary

with

a mass

ratio

very

differentt from unity. Adopting the semi-empirically derived result that,
Inn order

to

terminate

with

a black

hole, the

initial

hydrogen-rich

stellarr mass must have been > 40 M Q , and combining this with our result
thatt M I C

< 2 M Q , Implies an initial mass ratio of the system < 0.05.

Observationally,, unevolved

0-type binaries with such a low mass ratio

aree not known (Garmany 1979, Garmany et al. 1980). However, the orbital
periodd range investigated observationally so far is rather short (a few
months)..

Moreover,

variationss

the

lower

(15 km/s, due

to

detection

limit of

the large with and

the radial velocity
variability

of

line

profiless In 0-type stars) limited the detection to companions with mass
ratioss larger than about 0.1

. Therefore, no observational Indications

concerningconcerning the presence or absence of companions with mass ratios < 0.05
andd orbital periods larger than a few months are available. Among the
lowerr main-sequence stars, including the sun, many systems are.present
withh dark companions having orbital periods of several years and mass
ratioss of < 0.05, so we find no a priori reasons to assume that similar
companionss could not be present among the 0-type stars.
Eggletonn and

Verbunt

(1986) have

argued

against an

evolutionary

scenarioo along the lines of HH because i) they could not see how the
systemm

managed

to

remain

bound

during

the

supernova

, and

ii) the

spiral-inn in the model of HH took place before the massive star becomes
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aa red supergiant, which makes it difficult to eject the envelope with a
companionn as light as in A0620-00.
Regardingg the second point, indeed we find (§3.3) that the massive
starr has to become a red supergiant before the common envelope phase. It
iss

still

an

open

question

whether

very

massive

stars

become

red

supergiants,, or proceed directly to the Wolf-Rayet (WR) phase by losing
theirr entire envelope through a massive stellar wind while they are blue
supergiants..
locatedd

in

In this respect it may
the direction

be significant

of the galactic

that A0620-00 is

anticenter. Maeder

et al.

(1980)) noticed that the ratio Ng/N™ of the numbers of red supergiants
(R)) and Wolf-Rayet
sharplyy peaked
thee

into that direction, whereas it reaches a minimum into

direction

presumablyy
decreasess

(WR) stars as a function of galactic longitude is

of

the

directly
as

a

galactic

related

function

to

center.

This

longitude

the heavy-element

of galactocentric

effect

abundance

distance.

The

is

Z, which
Magellanic

Cloudss which have a lower Z-value than the anti-center region, have an
evenn higher ratio N R / N ^ R - T" 1 8 suggests (Maeder et al.) that at high Z,
thee loss of the stellar envelope during the blue supergiant phase may
occurr already for stars of relatively low mass, I.e. upwards from 35 M Q
(Pylyserr et al. 1985), upon which they become WR stars - without passing
throughh the red supergiant phase. On the other hand, for lower Z-values
thee same will happen only if the stars are more massive, say > 45 M 0 .
Thiss means that our scenario may only be possible in regions that have a
smalll metal abundunce, which is exactly as observed.
Discussingg their first objection, Eggleton and Verbunt argue that
thatt it is unlikely that the system remains bound during the supernova,
sincee more than half of the system mass will probably be lost during the
supernovaa when the progenitor WR star is sufficiently massive to produce
aa black hole. In our opinion exactly the reverse is true: the presence
off the black hole makes it easier to understand that the system remained
bound.. The

essential

difference

between neutron star and

black hole

formationn is whether the shock that moves outward after the collapse of
thee 1.4 M Q iron core is able to expell the outer layers. If it succeeds
inn doing this only the remnant of the iron core remains as a neutron
star.. If on the other hand the shock stalls, the outer layers start to
falll in again, and the whole star collapses. In this case very little
masss could be lost from the system, and the companion can easily remain
bound. .
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CHAPTERR IV

BONDI-HOYLEE ACCRETION FLOW

IV.1)) A numerical study of cylindrically symmetric accretion flow

IV.2)) On the accretion of angular momentum from an inhomogeneous
medium m

IV.3)) On the accretion of angular momentum from an inhomogeneous
mediumm II : Isothermal flow

IV.4)) On the accretion of angular momentum from an inhomogeneous
mediumm III : General case and observational consequences

AA NUMERICAL STUDY OF CYLINDRICALLY SYMMETRIC ACCRETION FLOW

Abstract t
Wee present model calculations of cylindrically symmetric accretion flow
too a gravitational point source. The flow is calculated using a form of
thee particle-in-cell
statee

method. We consider

(y=1.0 and y=5/3),

and

two polytropic

one in which

equations of

the effects of

radiation

pressuree are taken into account. In the latter case radiation transport
iss included in the diffusion approximation. We confirm

the result of

previouss studies that the mass accretion rate is well approximated by
thee classical Hoyle-Lyttleton estimate. The kinetic energy dissipation
ratee is found to be several times larger than the classical estimate,
thee exact value depending on the equation of state and the Mach number
off the flow. It is stressed that although the mass accretion rate is
necessarilyy

limited

to

the

Eddington

rate,

the

kinetic

energy

dissipationn rate is not limited in this way as long as the surroundings
off the accreting object are optically thick.

I.. Introduction.
Thee gravitational capture of matter by a body moving relative to its
surroundingss is a proces which occurs in several astrophysical problems.
Thee first attempts at solving this problem (Hoyle and Lyttleton 1939,
Bondii and Hoyle 1944) were instigated by a study of accretion from an
intergalacticc medium by galaxies and the possibility of stars gaining a
non-negligiblee amount of mass from the interstellar medium during their
lifetimes.. A more recent application

is the capture of matter from a

stellarr wind by a compact star, which Is thought to occur in some X-ray
binaries.. Our own interest

in the problem derives from the study of

commonn envelope evolution of binaries, during which a compact or dwarf
starr is moving through the envelope of a giant companion.
Inn the general problem matter is flowing from infinity towards a
gravitationall point source. Far away from the object forces caused by
pressuree

gradients

and

viscosity

will be

small

and

the matter

will

followw a free Keplerian orbit. Behind the object there will be a line,
thee so-called
differentt

"accretion-line", where the orbits of matter coming from

sides

of

the

object

followss a free orbit leads
obviouslyy

intersect.

to an

Assuming

infinite' density

that
on

the

matter

this line, so

that approximation breaks down here. On the accretion line

pressuree and viscous forces will become important and, because of the
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cylindricall symmetry of the problem, will cause a complete cancellation
off momentum transverse to the accretion line. Assuming that the only
interactionn with other matter takes place when the accretion line is
crossed,, Hoyle and Lyttleton (1939) were able to give a first estimate
off the rate at which matter is accreted :

\L\L ' nRLp-V«

<!>

wheree p^, and v^ are the density and velocity of the gas at infinity and
R

HLL * s

tne

accreti

° n radius, defined by

2GM M
v v
00 0

withh G the gravitational constant and M the mass of the gravitational
pointt source. This result can be derived by assuming that all matter
whichh does not have sufficient kinetic energy left to escape from the
gravitationall field after the cancellation of transverse momentum at the
accretionn line is accreted. When using the simple picture of a very thin
accretionn line it should always be kept in mind that Cowie(1977) showed
thatt this assumption leads to an instability in the accretion flow that
precludess any time-independent solutions for the accretion rate.
Itt was shown by Bondi (1951) that
(i.e. ^ = 0

accretionn

) the accretion

in the case of stationary

rate can be estimated by an

expressionn similar to equation 1, with v^ replaced by c o , the sound
speedd at infinity.

Since

in the accretion line picture, where the

pressuree forces are neglected ( ^ « v ^ ) , the accretion rate is given by
eq.. 1, and in the stationary case (vOB«c00) by the same expression with
v^^ replaced by cffl it was proposed (Bondi and Hoyle 1944) that in the
intermediatee case the accretion radius would be given by
2GM M
R

AA

=

<3>

~2~1
vv +c
ooo

<n

Too get beyond the many simplifications used to derive the results above
andd to obtain more details of the actual flow pattern it seems necessary
too perform detailed numerical simulations of the problem. This was first
donee by Hunt (1971) who gave a full 2-dimensional treatment of the gas
floww

around

a gravitating

object

of very

small geometrical

radius

( R « R A ) .. These calculations were done using an adiabatic equation of
statee for an ideal gas. In the case that v„ < c /0,.u„„„*/,% 4„
*
.
°° N coo (subsonic) it was found
°°
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thatt

the

flow

closely

resembles

that

of

the

case v =0. When

v >c

ooo

(supersonic))

the

matter

colliding

on

the

accretion

00

line behind

CO

the

compactt object will shock, and this shock moves out to the sides to form
aa bow shock. For subsonic flow the accretion rate was approximately that
givenn

by

the

Bondi-rate

(eq.

3 ) , and

for

large

Mach

numbers

the

accretionn rate tends to the Hoyle-Lyttleton value (eq. 1 ) . In a later
paperr

(Hunt

polytropicc

1979) these calculations were
equation

of

state

repeated

y=4/3.

with

Other

for a gas with a
model

calculations

coveringg more or less the same topic are those by Livio,Shara and Shaviv
(1979)) and
calculationss

Shima

et

al

(1985). Also

of Da Costa and Fryxell

related

to

(1981) who

this work

are

considered

the

the flow

aroundd a star in a moving medium in the case that its geometrical radius
iss much larger than the gravitational accretion radius, in which case
gravityy

has

only

a

minor

influence

on

the flow. A

study

of

the 3-

dimensionall aspects of accretion flow was recently started by Livio et
al.. (1986), using a simplified version of the method used in this paper.
Thesee 3-dimensional aspects become important when the upstream boundary
conditionss are

not

constant

in space, which destroys the cylindrical

symmetry.. An example of this is the presence of a density gradient in
thee undisturbed gas.
II.. The numerical method.

Thee way in which we simulate the gas flow is based on the particle in
celll method (PIC) (see e.g. Potter 1973 , Hensler 1982a,b). The gas is
representedd by a large number of particles, which move according to an
equationn of motion in which the effects of gravity, pressure forces and
viscosityy are present. The pressure and viscous forces are calculated
fromm

the

particle

distribution

on a

2-dimensional

grid

of

cells

in

space,, and are then interpolated to the particle positions.
Too

describe

the

method

in

more

detail

we

shall

use

the

following

notationall convention : particle properties like mass, thermal energy,
velocity,, momentum, position are given the index n (m , e , v , p , x_)
too

indicate

the

particle

to which

they

refer. Grid

properties

like

density,density, thermal energy, pressure, velocity and temperature are given
thee

double

index

i,j

(p^ j>

^

<i

P

i i» ^i i»

T

i P

t0

denote

tne

gridcelll to which they refer (one for each dimension). We employ a 2dimensionall

grid

of

cylindrical

coordinates

(x,r) where

r

is

coordinatee perpendicular to vffl and x is parallel to it. The flow is
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the

i-11

x

K

n x1

\ + '\

Fig.. 1. A schematic illustration of the way the particle
propertiess
are
distributed
over
the grid
cells. For
explanationn see text.

assumedd

to

azicnuthall

be

rotationally

velocity

symmetric

(perpendicular

around

the

x-axis,

and

to both x and r) is assumed

the

to be

zero. .
Too calculate

the grid properties density, thermal energy density

andd momentum density from the particle properties we use a standard PIC
method,, slightly modified because of the non-cartesian coordinates. We
shalll

only

describe

the

calculation

of mass

density;

the

others are

calculatedd in the same way. The mass of a particle is distributed over
thee

four cells closest

to the particle

position. In standard

PIC the

weightss for this distribution are taken to be proportional to the area
off

overlap between a

particlee

position and

square

the size of a gridcell

the fixed gridcells

centered

on the

(see fig. 1 ) . We take the

weightss to be proportional to the volume of the tori around the x-axis
whosee cross-section with the x,r plane is given by the areas indicated
inn fig 1. If we define
xx -x.

6 + r +r .

rr -r.

hh - " V ^

° -1 )

2r
'
n n
wheree 6 is the grid cell size then the weights are given by
nn

6

*•
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"12-- (l"«n) h n
w 2 1 == g n (l~h n )
w

C5)

2 2 "" «n h n

Afterr the mass of the particles Is distributed over the cells using the
abovee weights, the density p., . is calculated by dividing the total mass
•*•»J J

inn a cell m, - by its volume V. ., which is again a torus around the xaxis.. In the same way we obtain the momentum p^

and thermal energy

e** .,• These grid properties are subsequently used to calculate the rate
off change of the particle velocity and thermal energy.
Thee

velocity

gravitationall

of a

particle

(or gas element)

can change

due to

forces, pressure forces and viscous forces. To simulate

thee viscous forces we first calculate the average velocity in each cell

Thee

next

is to give

step

the particles

a new velocity

which is

interpolatedd from the grid values using the same weight factors as were
usedd

for calculating

the averages.

For example,

the particle

illustratedd in fig 1 gets the velocity

VV

W

llVl,j

+ W

12Vl,j+l

+ W

2^I,j

+ w

( 7 )

22*i,j+1

Inn this way momentum is exactly conserved. Test calculations which were
to estimate

madee

the diffusion

of momentum

associated

with

this

between grid and particle velocities showed that it is
2 2
equivalentt to a viscous force with kinematic viscosity v - 0.16 6 /At ,

alternationn

withh 6 the size of a grid cell and At the timestep.
Thee

pressure

is calculated

on the grid

from the density and thermal

energyy density , using a choice of equations of state. In the case of an
isothermall gas the pressure is proportional to the density, and in an
ideall gas with y = 5/3 the pressure is two-thirds of the thermal energy
density.. For the more complicated case of a mixture of an ideal gas and
radiationn

in thermal

calculatee

the temperature

energyy

density.

accelerationn

Once

equilibrium

an iterative

and pressure

the pressure

from

procedure

in all' grid

that a gas element in the center

undergoo is calculated, according to
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is used to

the density and thermal
cells

is known the

of a grid cell would

:

Ï.JJ - - p t .

(vp,

(8)

i,J

Thesee accelerations are then interpolated from the grid to the particle
positionss to yield

a

, the time rate of change of the velocity due to

pressuree forces.
Sincee we neglect the self-gravity of the gas ( the total mass of gas in
ourr grid is always less than 10~

times the mass of the moving object)

thee gravitational acceleration of a particle is simply
GM(xx -x

)

n

a

nn

=

co

<9>

" ,+ + ,3
xx -x
I nn col

wheree G is the gravitational constant, M the mass of the gravitational
sourcee and x C Q its position.
Thee velocity of a particle at time t+At can now be expressed as
v n (t+At)) - v n + ( P

+ P

) At

(10)

Thee thermal energy of a particle can change due to three causes : i) the
dissipationn of kinetic energy by the velocity averaging procedure, ii)
pressuree work, and

in the models

that

take radiation effects

into

accountt by iii) radiation diffusion. In contrast to the evolution of
velocity,, which is directly applied to the particle properties, it is
moree convenient in this case to calculate the time rate of change of the
thermall energy in a grid cell, and redistribute the new thermal energy
overr the particles. The time rate of change of the total thermal energy
e^^ • in a gridcell due to viscous interactions is calculated by taking
thee difference in kinetic energy of each particle before and after the
velocityy averaging procedure and distributing this over the gridcells
usingg the weights » 1 1 , w 1 2

etc

-

:

(AE.,, ) = \ m f jv I 2 - jv I 2 )
kinn n
2 n ^ I nl
I nl '
Ae,, . = E E w
i,jj
n

(AE, , )
kin n

(11)
K

J

(12)
^"'

wheree the sum goes over all particles contributing to cell (i,j).
Too find the change in thermal energy due to pressure work we first
calculatee the change in thermal energy per gram
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p

Ae tt , -

ii i

- 2 ^ Ap

(13)

Thee change in density is found by taking the difference between the old
andd the new density

Ap=p

- p

• The change in total thermal energy

inn a cell due to pressure work then follows by multiplying with the
totall mass in a cell

Ae

i , jj

=

"i.J

A£

(14)

i,j

Thee third way in which e, . can change is by radiation diffusion. This
cann be described by the equation

vv

- ^dtH -- V.( 3^V(aT4) )

(15)

inn which V* .= is again the volume

of cell

(i,j), c the velocity of

light,, K the opacity (electron scattering) and a the radiation constant.
Thiss equation can be solved directly on the grid. A complication is that
whenn radiation diffusion is important the time step required for stable
integrationn of eq. (15) is smaller than the timestep required in the
dynamicall

part

of

the

calculations. We

therefore

integrate

eq.

(15)

separatelyy within each dynamical timestep, keeping the density constant.
Equationss (12), (14) and (15) yield the non-advective part of the change
inn

thermal

energy

of

a

gridcell

in a

timestep.

The

new

energy

is

distributedd over the particles in the normal way.
Justt

as

the velocity

momentummomentum

averaging

(viscosity),

so

the

procedure

causes a diffusion of

alternation

between

grid

and

particle

thermall energy causes a diffusion of energy with a diffusion coefficient
2 2
0.166 6 /At , which in case of high densities or low temperatures can
becomee

larger

than

diffusionn coefficient

the

energy

c/pic

diffusion

by

radiation, which

has

a

(eq.15).

Givenn an initial distribution and a set of boundary conditions on
thee grid the method above can describe the time evolution of a system of
particles. .

III.. Boundary conditions.

AA complication of a (semi) Lagrangian method like PIC in the case of
accretionn flow calculations is that we can not consider a fixed amount
off mass. Matter is continuously entering the grid fixed to the compact
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objectt from the upstream side and leaving it either on the downstream
sidee or by being captured. Hence in every timestep new particles must be
createdd

to represent

the matter entering, while particles which have

leftt the grid need no longer be considered. Since it is most convenient
too use a fixed number of particles this is handled as follows. After the
particlee

positions

are

particless are outside
assumedd

advanced

one

timestep

it

is

checked

which

the grid or have been accreted. (A particle is

to be accreted when it has entered one of the two gridcells

adjacentt

to the gravitational

source, which is considered

to be very

compact.)) These particles are subsequently injected at the upstream edge
off the grid, representing the matter which must have entered the grid in
thee last timestep. The position, velocity and mass of the particles is
chosenn in such a way that they represent matter which has come from a
homogeneouss density distribution far upstream (x=-«) and has moved from
theree in a free Keplerian orbit. Because of the gravitational focusing
particless enter the grid at bothh x = x m i n and r=r
gridd edge r=r

. Because of this the

is handled as an upstream boundary, and we have to take

caree that the bow shock of the compact object does not pass through it.
Thee boundary conditions on the axis (r=0) are imposed by the condition
off

cylindrical

derivativess

in

symmetry,
the

i.e.

r-direction

the

radial

are

zero.

velocity

is

Pressure

zero

and

gradients

the
(and

temperaturee gradients in the case that radiation diffusion is taken into
account)) on the sides of the grid are calculated by assuming an extra
gridcelll just outside the grid with a pressure (or temperature) equal to
thee adjacent

gridcell. The more exact method of extrapolation of the

outerr two gridcells can give rise to an instability when a shock crosses
thee boundary (Roache,1976).
Thee pressure in the cells next to the compact object is calculated by
takingg

the average of the two values one obtains by extrapolating the

pressuree
exactt

in the cells adjacent

choice

of

this

to it in the x- and r-direction. The

inner boundary

condition

hardly

influences

the

results,, as was verified with a test calculation in which the pressure
inn these cells was simply set to zero.
Wee use a grid of 64x64 cells, which extends upstream from the compact
objectt for one accretion radius (R H L ) and downstream for two accretion
radii.. All calculations were performed with 50,000 particles, giving an
averagee number of particles per cell of ~12. We start the calculations
withh the grid filled with particles with velocity v,,, and let the system
evolvee until a steady state is reached.
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IV.. Results.
a)) Isothermal equation of state.
Wee calculated models using an Isothermal equation of state (P^pRT^) for
Machh numbers 1.5, 2.0,3.0 and 3.75 , where the Mach number is calculated
relativee to the isothermal sound speed c 0 = p^/p^* In fig 2a and b the
densityy and velocity distribution for the case M=1.5 is shown. Typical
forr an isothermal shock are the large density and velocity jumps across
it.. Since the information about the presence of an obstacle in the flow
cann never propagate upstream, the shock will always be attached to the
innerr boundary, however small this is taken. For every Mach number the
stagnationn point of the flow on the accretion axis behind the compact
objectt lies near Rj„.

b )) Adiabatic ideal gas.
Forr

this

case

models

of

Mach

number

1.5,

2.0,

3.0

and

3.75

were

constructed.. Density and velocity plots are shown in fig. 3 a and b for
thee case M=3. The general features of the flow pattern are similar to
thosee of Hunt(1971) and Shima et. al. (1985). There Is some difference
inn the location of the stagnation point in the flow on the accretion
axis,,

in

the sense

that

in our calculations

this point

is situated

furtherr away from the compact object. The deviation is largest for small
Machh numbers. A consequence is that the mass accretion rate we find is
alsoo larger (see V . ) . A possible cause for these differences might be
thee

rather

high

diffusivity

in our

method, which would

explain why

agreementt is better for the more supersonic cases.

c)) Mixture of gas and radiation
Inn this case the Mach number alone does not completely determine the
flow,, since the relative importance of radiation pressure increases with
—88
3
temperature.. We chose an upstream density p 0 of 10
g/cm
and a
temperaturee
B(
rr

T^

of

10

= PP
/(P
+P
,))
*•
gas
gas
rad '

K.

This

corresponds

to

a

value

for

in the undisturbed gas of 0.35. In the region

closee to the compact object the temperature will be higher and 8 will
decreasee even further, and the results should become comparable to those
off

other authors

for y=4/3. For a mixture of gas and

adiabaticc sound speed is given by
„„
--

f raT

+ p RT 1

p (4aT44p RT )
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Fig.. 2a. The density distribution in the y=\.Q,
M=1.5 model. The mass
densityy is proportional to the density of points in the plot, the unit
off distance along the axis is R-,, . The maximum density is 42.9 p

Fig.. 2b. The velocity distribution in the central part of the grid,The e
maximumm velocity 3.0 v .
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1.0 0
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>>
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Fig.. 3a. The density distribution in the y=5/3, M=3.0 model. The maximum
densityy is 25.8 p .

Fig.. 3b. The velocity distribution in the central part of the grid. The
maximumm velocity 2.3 v .
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0.00 -

Fig.. Aa. The density distribution in the model with a mixture of gas and
radiation,, M=3.0. The maximum density is 42.4 p m .

Fig.. 4b. The velocity distribution in the central part of the grid. The
maximumm velocity 3.0 v .
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andd

the Mach

number

is determined

relative

to this sound

speed. We

calculatedd models for Mach numbers 1.5 and 3.0, and for the latter case
densityy and velocity distribution plots are presented in figures 4 a and
b.. Generally the shock has a smaller opening angle than in case of an
ideall

gas

because

the

dissipated

kinetic

energy

can build

up

less

pressuree for an effective y less than 5/3.

V.. The accretion rate.

Inn fig. 5 the average mass accretion rate by the compact object is shown
ass a function of Mach number for the different equations of state, and
thee typical short-time variability of the accretion is indicated. The
valuess are reasonably consistent with the results of Shima et al, the
greatestt difference being the somewhat higher rates found for the y=5/3
case.. In the isothermal models the accretion rate remains more variable
inn time than in the y=5/3 models, which is probably a consequence of the
factt that the accretion line instability described by Cowie (1977) Is
lesss suppressed by pressure effects. Note that in our models in which
radiationn pressure dominates we do not find the substantial increase in
accretionn rate over the Hoyle-Lyttleton value that was reported by Hunt
the Y = 4 / 3

(1979)) for

case. This Is in agreement with the results of

Shimaa et al.
Ann interesting phenomenon is the rise of the accretion rate over
thee classical Hoyle-Lyttleton value for Mach numbers just larger than 1
inn the isothermal case (or near isothermal, y=l*l * n
ett

a l . ) . This

can

be

understood

by

a

slight

tne

work of Shima

modification

accretionn line model. In this model it is assumed

of

the

that all matter is

accretedd which does not have sufficient kinetic energy left to escape
fromm

the

gravitational

field

after

the

cancellation

of

transverse

momentumm on the accretion line. When gas pressure effects are taken into
accountt the cancellation of momentum and the associated kinetic energy
dissipationn
isothermall

take

place

the velocity

in

the

shock. When

jump across

the equation

of

state

is

the shock is very large, and the

kineticc energy associated with the velocity perpendicular to the shock
iss completely dissipated. Now for Mach numbers close to one, when the
openingg angle of the shock cone Is ~45°, matter coming from upstream in
ann almost free Keplerian orbit will pass the shock at a point which lies
deeperr

Inside

the

potential

well

than

the intersection

point

of

orbitt with the accretion line, and at which a larger component of the
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the

-||

r

Y=1 1

YY = 5/3

HH

1

radiative e

1.55

2.0

2.5
3.0
Machh nr.

3.5

4.0

F i g .. 5. The mass a c c r e t i o n r a t e as a function of Mach number
forr the d i f f e r e n t equations of s t a t e . The a c c r e t i o n r a t e i s
normalizedd to the Hoyle-Lyttleton r a t e (A„ T ). The t y p i c a l
s h o r t - t i m e s c a l ee v a r i a b i l i t y i s i n d i c a t d by trie b a r s .
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totall velocity is perpendicular to the shock. These two factors tend to
increasee

the mass accretion

rate. As

the Mach number

increases, the

openingg angle of the shock decreases, and the accretion rate approaches
thee Hoyle-Lyttleton value.

IV.. The kinetic energy dissipation rate

Interesteningg parameters of the accretion flow problem in the context of
commonn

envelope

evolution

of binaries

are

the

total

amount

and

the

distributionn of frictional energy liberated in the surrounding medium by
thee

passage

of

the

compact

object. A

first

estimate

of

the kinetic

energyy dissipation rate as derived from the Hoyle-Lyttletonn picture is

E Q - j u R ^ p v ff - 1.12 1 0 3 8 ( M / M Q ) 2 (Poo/10"8) (v^/lQ 7 ) - 1 erg/sec

(17)

Wee have made an estimate of the total amount of thermal energy wich is
depositedd

in

the

surrounding

determiningg

the

subtractingg

the thermal

accretedd

(see

total

table

medium

kinetic

(E )

energy

energy which

1 ) . We find

in

our

dissipation

calculations
rate

is carried by

(Edis),

by
and

the matter being

that the total amount of dissipated

kineticc energy is between 7 and 10 times the estimate in equation (17).
Inn the y = 5/3 case the larger part of this thermal energy disappears with
thee

accreted

matter,

and

approximately

surroundings.. In the radiative case both E..

model l

E

dis/E0 0

2E Q

is

and E

deposited

in

the

increase with Mach

VE0 0

M-l.5, ,
Y=5/3 3

7.61 1

2.07 7

M-2.0, ,
Y-5/3 3

7.30 0

2.18 8

M»3.0, Y-5/3
,
3

7.30 0

2.36 6

M=3.75 .Y-5/3
5
3

6.98 8

2.42 2

M=1.5, ,radiative e

7.54 4

1.36 6

M-2.0, ,radiative e

8.41 1

2.67 7

M-3.0, ,radiative e

9.07 7

4.12 2

M-3.75 ,radiative
5
e

9.17 7

4.90 0

Tablee 1. The total energy dissipation rate E d i and the rate E
att which thermal energy Is deposited in the surrounding medium,
ass a function of Mach number and equation of state. Both are
normalizedd to the first-order estimate in equation 17.
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number.. The large values of E

are

caused by the fact that the hot

regionss near the gravitating object lose energy to their surroundings by
radiation.. The reason that these numbers are generally larger than the
firstt order estimate above is probably that much more matter is shocked
thann is accreted, since the bow shock extends to distances further than
R

our

From

HL**

calculations

it

is

difficult

to

determine

the

final

distributionn of this energy, since we only consider the region within a
feww

RJJL

from

estimatee

the

from

distributionn

compact

the

with

object. We

width
a

of

width

can however make a

the

bow

shock,

~1

Rjrr

for

of

which

the

qualitative

would

higher

yield

Mach

a

numbers

increasingg to about 2 R„T for a Mach number of about 1.5.

VII..

Possible effects of an accretion luminosity

Ann assumption made in most models up to date is that all matter which
flowss

through

the

inner

boundary

near

the

accreting

object

simply

disappears,, together with the thermal and kinetic energy it carries. In
somee applications
Eddingtonn
regionn

close

stoppedd
pressuree
Thee

the accretion

accretion
to

rate can become much larger than the

rate at which the luminosity, originating

the

accreting

object

and accumulates, becomes
overcomes

effect

where

so great

the gravitational

the

inflowing

in the

matter

that the outward

is

radiation

attraction, and accretion stops.

this will have on the flow pattern depends on the optical

depthh of the surroundings. When these surroundings are optically thin
(R H J J P < D K:«1))

the

effects

luminosityy

can

be

of

radiation

described

as

an

pressure

from

effective

the

accretion

reduction

of

the

gravitationall force. A simple analytical estimate of the accretion rate
basedd on the Hoyle-Lyttleton expression then yields ( for ^ ^ « A j ^ )

HL L
wheree A F d j is the Eddington accretion rate, at which the radiation force
exactlyy

equals

gravitation.

In

this

way

the

accretion

rate

can

be

reducedd significantly. Because the effective gravity is reduced at all
distancess to the compact object the flow pattern will simply scale to
thee

new

effective

accretion

radius.

This

means

that

the

energy

dissipationn rate will also be reduced.
Thee

limit

opposite

to

the

optically
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thin

case

is

when

the

surroundingss are sufficiently optically thick, that the photon diffusion
timee becomes larger than the dynamical time

> ^k

fefe
cc

(19)

v

v
CO O

Inn this case the flow far upstream can not be affected by the accretion
luminosityy since the photons which diffuse out of the region close to
thee compact object are swept away with the matter flowing along it. In
thiss

case

the

accretion

rate

will

be

limited

to a

value

near

the

Eddingtonn limit, but the energy dissipation rate will remain of the same
orderr since the typical size of the bow shock, is not affected. We have
triedd to simulate this behaviour by letting the energy wich is carried
byy

the accreting

object,,

so

matter accumulate

that

it

could

only

in the cells next to the compact

be

removed

from

there by

radiation

diffusion.. We find that the accretion rate decreases as expected. The
widthh

of

the

bow

shock

however

remains

unaffected.

The

bow

shock

developess an extra bulge on the front edge, very similar to the flow
patternn found by Shima et al for a hard non-absorbing sphere.

VIII.. Conclusions
Thesee

model

calculations

of

accretion

flow,

and

others

from

the

literature,, have shown us that although the actual flow patterns can be
veryy

different

from

the

simple

accretion

line

picture,

the

mass

accretionn rate is very well approximated by the simple Hoyle-Lyttleton
estimate.. The total amount of kinetic energy dissipation seems to be
underestimatedd in the classical estimate.
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Summary.. The problem of a compact object accreting from an inhomogeneous
mediumm has been studied, using a three-dimensional numerical scheme. When
pressuree effects are neglected > it has been shown that the mass accretion rate is
givenn by the Bondi-Hoyle value. Not more than a few per cent of the angular
momentummomentum deposited into the accretion cylinder are accreted by the compact
object.. Some possible consequences for the case of neutron stars and white dwarfs
accretingg from a stellar wind are discussed.

11 Introduction
Thee problem of axisymmetric accretion from an infinite medium, by a gravitating point mass, has
manyy astrophysical applications. It is not surprising, therefore, that many workers have treated
variouss aspects of the problem both analytically (e.g. Hoyle & Lyttleton 1939; Bondi & Hoyle
1944;; Spiegel 1970; Ruderman & Spiegel 1971; Lyttleton 1972; Wolfson 1977a; Rephaeli &
Salpeterr 1980) and numerically (e.g. Hunt 1971; Wolfson 1977b; Livio, Shara & Shaviv 1979;
Okudaa 1983; de Kool & Savonije 1985, in preparation).
Inn the non-axisymmetriccase (e.g. a medium containing a density gradient), progress has been
impededd by the lack of a fundamental theory. Some aspects of the problem were pointed
outt in the early works of Gething (1951) and Dodd & McCrea (1952), which used the classical
Bondii & Hoyle (1944) approach.
Thee non-axisymmetric case has gained renewed interest in the context of compact objects
accretingg from a stellar wind, the question of spin-up and the possibility of forming a disc from
windd accretion. Most workers have used a direct application of the Bondi-Hoyle result, noting
thatt a density or velocity gradient in the flow results in a net deposition of angular momentum
intoo the accretion cylinder (e.g. Illarionov & Sunyaev 1975; Shapiro & Lightman 1976; Wang
1981)) and assuming all that angular momentum to be accreted. Davies & Pringle (1980) pointed
out,, using a simplified two-dimensional picture, that the conditions required for matter to be
accretedd at all (in the Hoyle-Lyttleton picture) conflict with the possibility of accretion of angular
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momentum.. They concluded that tofirstorder in R*JH (/?acc the accretion radius, H the density
gradientt scale) no angular momentum will be accreted in their case but admitted that the situation
cann be more complex in the realistic, three-dimensional case. Their approach has been criticized
byy Wang (1981), who claimed that their result was merely a direct consequence of the particular
simplificationn of using an 'accretion line* going into a point mass.
Inn a recent paper, Soker & Livio (1984) have attempted to examine the problem of accretion
fromm a medium containing a density gradient, in the three-dimensional case, when the
interactionss were assumed to take place only on the accretion axis. Using a perturbative,
analytical,, Hoyle-Lyttleton-type approach, they have first shown that even in the
three-dimensionall case, the matter becomes confined to a thin 'accretion layer', after
encounteringencountering the accretion axis. They have then attempted to calculate (under
above-mentionedd assumptions) the first-order corrections to the specific angular momentum,
duee to pressure in the 'accretion layer'.
Inn the present work, we present a three-dimensional numerical study of accretion from an
inhomogeneouss medium. Our basic assumptions and method of calculation are described in
Sectionn 2. The results are presented in Section 3 and discussed in Section 4.
22 Assumptions and method of calculation
Wee have used a pseudo-particle method to describe the hydrodynamics. The gas is treated
ass being divided into individual particles with given masses. Similar calculations have been
usedd by Lucy (1977,1980), Gingold & Monaghan (1977,1978), Lin & Pringle (1976) and Hensler
(1982a,, b). Our method can be described as follows:

2.11 EQUATION OF MOTION

Inn the present, still preliminary calculation, we have neglected pressure gradients (the flow can be
considered,, therefore, as hypersonic). Most of the existing calculations which include pressure
gradientss do not conserve angular momentum and thus are not suitable, at least a priori for our
presentt purpose, which is to study the accretion of angular momentum (e.g. Hensler 1982a). The
equationn of motion for the particles is thus in general (in dimensionless form)
dtdt22

2 r3

wheree we have used as our unit length
* B H = _ --

(2)

wheree M is the mass of the accreting object and V0 the flow velocity at infinity. Our unit time was
chosenn as RBH/VQ. The term as in equation (1) describes the effect of inter-particle interaction,
too be described later.

2.22 THE GRID

Wee have used a three-dimensional, rectangular block shaped grid, -1.5<x<3.9, -1.5<>'<1.5,
0<z<1.5.. The flow direction was taken as the Jt-axis. In the calculations with an
inhomogeneouss medium, the density gradient was taken in the y direction as (achieved by
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changingg the masses of the particles)

K)--

(3) )

00 = Pu\

Sincee the problem is symmetric about the xy plane, the calculation was performed for the z>0
halff space (for every particle crossing with V. to the z<0 half space, we inject one at - z > 0 with
-- Vz). The compact object was taken as a cube at the origin of size 0.30. Our standard grid has
beenn divided into equal cubic cells of size 0.15. The number of cells used was 36x20x 10 (which
meanss an effective number of 14400 because of the use of the symmetry plane). We have also
performedd calculations using other cell sizes (and compact object sizes). We have used an average
off six particles per cell (a total of 43200), which is more than the number required for standard
PICC techniques (e.g. Potter 1973). The number of cells and particles that have been used was in
factt determined by the limitations imposed by the maximally allowed memory requirements in
theIBM3081D. .

2 . 33 INTERACTIONS AMONG PARTICLES IN THE SAME CELL

Wee have taken the particles in each cell;', to interact in the following way:
First,, the centre of mass and velocity of each cell are calculated
V e . / --

Ztfïj j
Smji-j j

(4) )

——

2/Mi i

thee summations being on the particles in the/th cell. Then, an angular velocity can be defined by

Lf^-ifQiLf^-ifQi

(5)

wheree R, is the particle's coordinate in the centre of mass (of the cell) frame, Lf is the angular
momentumm component and /*' is the moment of inertia component. We then find the new
velocityy of the particle by (see also Hensler 1982a; Lin & Pringle 1976).
(6)

V„ e w .i=V i (l-flf)+flfU ii

where e
Ui=VUi=Vee.j+RiXSlj.j+RiXSlj
andd or is a parameter determining the strength of the interaction in the cell (a = 0 means no
interaction,, a=\ full interaction).

2 . 44 INTER-CELL INTERACTION

Inn order to prevent jumps in the fluid velocity in neighbouring cells and the development of
instabilities,, we have introduced a smearing of velocities over adjacent grid cells by the following
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procedure.. At even time-steps the vertices of the cells were taken at the coordinates
\N\Nxx=—N=—NXTmnXTmn,,

(x,y,(x,y,

z) = AR(Nx, Ny, Nz)

for
" > = " " ' * y m a x >>
L/V,,

. .
'

, jVrmax

"yrrai

= 0, . . . , N:max

wheree AR is the cell size. At odd time-steps the vertices were taken at
(x,y,z)(x,y,z)

= AR[Nx + V2,Ny + V2,N: + l/2].

(9)

Thee scheme is shown symbolically in Fig. 1 for a two-dimensional grid. The scheme has the
followingg advantages: (i) It conserves angular momentum explicitly. This is to be compared to
somee of the methods for inter-cell interaction which use a cell around each particle, overlapping
withh neighbouring cells and do not conserve angular momentum (e.g. Hensler 1982a). (ii) The
schemee allows, in principle at least, the freedom of choosing different interaction strengths aA,aB
forr the two grids A and B (Fig. 1) and checking the effects of different choices. Obviously a
numericall viscosity v which is proportional to AR2/Ar is introduced.

2 . 55 CRITERIA USED IN NUMERICAL CALCULATIONS

Alll models were started with the particles randomly distributed and with a velocity V = (1, 0, 0).
Thee time-step was always chosen to obey the Courant-Friedrich-Levy condition. New particles
weree injected into the grid for particles escaping from the grid or accreted.
Thee procedure of injection has been the following: An impact parameter b and an angle with
thee v-axis <p, were chosen randomly the particle was assumed to travel on an unperturbed
hyperbolicc orbit corresponding to b and cp outside the grid and was injected into the grid along
thatt orbit (its mass has been determined according to the y coordinate corresponding to b and cp).
Usee was made of the z = 0 symmetry plane. In order to determine whether the system could be
consideredd in a steady state (which actually served as an initial state for the real calculation), we
havee used several criteria:
(i)) The number of particles injected (or escaping). The calculation has been carried out until the
numberr of particles we had to inject converged to a limiting value (apart from obvious
fluctuations,, see Fig. 2).
GRIDD B

Figuree 1. A schematic representation in two dimensions of the two grids on which the calculation has been performed
att alternative time-steps, producing inter-cell interaction (see text).
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Figuree 2. The number of particles injected every 10 time-steps as a function of the number of time-steps. The arrows
att the top indicate crossing times of the grid.

(ii)) Velocity criteria on the accretion axis. We have checked for the sums of the Vx component of
thee velocity in three regions of 16 cells each, located as shown in Fig. 3 (dashed areas) one cell
abovee the z = 0 plane. Again the calculation has been carried out until a limiting value has been
approached. .
(iii)) The number of particles at the accretion axis' 'tail'. The total number of particles in 40 cells
inn the z = 0 plane, at the edge of the grid around the accretion axis (see Fig. 3 marked by heavy
line)) was counted and followed till a limiting value was approximately reached.
Followingg the establishment of a steady state according to the above criteria, each run was
1.5 5
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Figuree 3. Regions used for velocity criteria (dashed areas) and number of particles criterion (marked by heavy line),
forr the establishment of a steady state (see text).
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Figuree 4. The velocity component Vx on the accretion axis as a function of ,t, in the symmetricc case. The standard case
(sixx particles per cell and AR = 0.15) is represented by the long dashes. The full line represents four particles per cell
andd the short dashes four particles per cell and AR = 0A.

performedd for at least 15 crossing times of the grid and average values were calculated for the
relevantt quantities. As we have already mentioned, our standard calculations were performed
withh an average of six particles per cell and a cell size of AR = 0.15. In Fig. 4 we present the results
forr VK on the accretion axis, from calculations performed with an average of four particles per cell
andd a cell size of A/? = 0.1. As can be seen, no significant changes are introduced.
33 Results
3 . 11 SYMMETRIC CASE

Inn order to test the numerical code and investigate the effect of various factors, we have first run
ann axisymmetric case in which no density gradient existed. The standard run assumed aA=aB= 1.
Thee results for the velocity profile in the z = 0 plane are shown in Fig. 5 and the density profile in
Fig.. 6. The stagnation point is clearly seen. Matter is seen to accumulate along the accretion axis
inn an 'accretion cone' the width of which is largely determined by the viscosity. The accretion
radiuss obtained was /? acc =1.0(2CM/V,i), in very close agreement to the Bondi & Hoyle (1944)
andd Hunt (1971) results. In Fig. 7 we present Vx on the axis,, as a function of X. Any solution along
thee largely dashed line that passes through the shaded region is a Bondi-Hoyle solution with the
samee stagnation point as ours (e.g. Lyttleton 1972). Our numerical solution clearly satisfies these
conditionss (the small deviation very close to the accreting body results from numerical viscosity).
Ann extensive study of axisymmetric accretion in two dimensions, using the PIC method is
presentlyy carried out by de Kool & Savonije (1985, in preparation). The results of the present
work,, which necessarily uses a more coarse grid, are consistent with theirs.
3 . 22 ACCRETION FROM A MEDIUM WITH A DENSITY GRADIENT

Wee have assumed the existence of a density gradient as described by equation (3) with H = 4. The
mainn results are the following.
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Figuree 5. The velocity profile in the z = 0 plane for the symmetric case.

Ass predicted by Soker & Livio (1984), the gas is strongly concentrated towards the 2 = 0 plane.
Thiss can be clearly seen in Fig. 8, where the mass in the downstream side of successive planes is
plottedd as a function of z.
Inn the 2 = 0 plane, the matter forms a displaced 'accretion cone', very similar to the one described
byy Davies & Pringle (1980) in their two-dimensional example. The 'accretion cone' is shown in
Fig.. 9 which represents an instantaneous picture of the location of all particles. The velocity and
densityy profiles in the z = 0 plane are presented in Figs 10 and 11 respectively and again exhibit the
clearr formation of the displaced 'accretion cone'. The accretion rate obtained (for a A = a B = l ) is
off the order M a c c =1.0M B H , where MBH is the Bondi-Hoyle accretion rate in the symmetrical
1.5 5
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Figuree 6. The density profile (represented by the areas of the squares) in the z = 0 plane for the symmetric case.
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Figuree 7. The velocity component Vx on the accretion axis, as a function of x, for the symmetric case. Our numerical
resultss are represented by the full line, the dashed line and the shaded region represent a Bondi-Hoyle solution.

casee (for Racc=2GM/VQ).
AS an additional check we tried decreasing aB which resulted in lower
accretionn rates as expected (the dependence being almost linear). It should be remembered that
thee results of Bondi & Hoyle (1944) for the symmetrical case actually only state that the accretion
radiuss is between GM/Vl and 2GM/V20.
Ourr most important new result concerns the accretion of angular momentum. Our results
indicatee that the rate of accretion of angular momentum is very low and certainly nol more than a
fewfew per cent of
11
(2GM)2
i B H = -- MBH——(10)
AHAH
V&
whichh was the rate assumed by Illarionov & Sunyaev (1975) and Shapiro & Lightman (1976),
basedd on the accretion of all the angular momentum entering the accretion cylinder. The results
aree in fact consistent with almost no accretion of angular momentum (other than that of matter
hittingg the accreting object directly from the upstream side and within the accuracy of the
calculation).. Most of the angular momentum accretion rate obtained, L a c c =0.08L B H. results
fromm the fact that our accreting body is relatively large, so that matter coming from the upstream
sidee can be accreted, with its angular momentum, prior to reaching the accretion cone. This fact
cann be realized by noting that even just the freee orbits of particles hitting the accreting object from
thee upstream side would lead to an accretion rate of L a c c ~0.06 LBH and the interaction effectively
increasess the size of the body. Calculations performed with different sizes of the accreting body
havee indeed shown that a significant fraction of the obtained angular momentum accretion comes
fromm upstream.
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Figuree 8. The mass in successive planes in the downstream side as a function of z (for two grid cell sizes).

Figuree 9. An instantaneous picture of the location of all particles in the grid, in the inhomogeneous case. The
accretingg object is marked by a cross.
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Figuree 10. The velocity profile in the z = 0 plane for the inhomogerteous case.

Thee fact that very little angular momentum is accreted can be traced to two causes:
(i)) A displacement of the accretion cylinder (or its cross-section facing the flow) towards lower
densitiess (which is related to the displacement of the accretion cone).
(ii)) Cancellation of transverse momentum at the displaced accretion cone as in the
Bondi-Hoylee (1944) picture. With respect to point (i), it can be shown that if the displacement is
smalll and the cross-section of the accretion cylinder is still roughly circular (which is actually
usuallyy not the case), then the decrease in the rate of angular momentum accretion resulting from
thee displacement alone can be roughly estimated as
^ -- = 1 — ^ MMaccacc/M/MBH BH
Uy Uy

(11)

++
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Figuree 11. The density profile (represented by the areas of the squares) in the z = 20 plane, for the inhomogeneous
case. .
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wheree d is the displacement of the cross-section (in dimensionless units), Ldis is the rate of angular
momentumm deposition into the displaced cross-section and £,>.„, is the rate of deposition if the
samee mass had gone into the symmetric cross-section. Typically in the numerical calculation a
reductionn by a factor of - 4 in the rate of angular momentum deposition resulted from this
displacement. .
Pointt (ii) above is in certain respects a manifestation of the point raised by Davies & Pringle
(1980)) in the two-dimensional case, that a cancellation of transverse momentum is required for
accretionn to take place. It should be noted that in our case RacJH= V* and the result is no longer a
first-orderr approximation in the Racc/H<\ case.
Keepingg aA=aB=l and changing other numerical parameters such as the grid size and the
time-stepp gave always results of the order A/acc=A/BH, Aacc=0.07-0.1 LBH. Similar results were
obtainedd when a different density gradient was used (Z/=16, equation 3).

44 Discussion
Thee indications of the preliminary results of the present study (which neglects pressure) can be
summarizedd as follows:
(i)) The mass accretion rate, on to a compact object moving through a medium containing a
densityy gradient, is not very different from the Bondi-Hoyle value, obtained in the axisymmetric
case..
(ii)) The rate of accretion of angular momentum is not more than a few per cent of the rate at
whichh angular momentum enters the Bondi-Hoyle (symmetric) accretion cylinder.
Thee present calculation does not include pressure effects, a calculation with pressure gradients
iss now in progress. Because of the preliminary nature of the results we do not want at this stage to
speculatee on all their possible consequences. We would like, however, to point out certain topics
whichh may be significantly influenced.
Accretionn of angular momentum from a stellar wind has been invoked to explain spin-up (and
spin-downn under certain circumstances) of some neutron stars (e.g. Vela X-l, 4U1538-52; Wang
1981).. The time-scale for the spin-up was taken as

PP

'

t] \ M a c J \ / W V^ns/

wheree Atfns, RM and ^ns are the neutron star's mass, radius and spin period respectively, Porb is the
binaryy orbital period and n is a parameter depending on the velocity and density gradients in the
wind. .
Iff the results obtained in the present work are confirmed by our more realistic calculations
(includingg e.g. pressure), then the time-scale for spin-up should be about 10-100 time longer than
thee one expressed by equation (12). Furthermore, the formation of an accretion disc around
neutronn stars accreting from the companion's wind is Marginal even in the existing 'theory', since
itt requires very low wind velocities (e.g. Wang 1981). Such a disc formation becomes virtually
impossibleimpossible when our present results are considered since a relative velocity of less than
—1000 km s - 1 is required between the neutron star and the wind.
Thee possibility of forming a disc from wind accretion would have been more favourable (if
equationn 10 is used) in the case of a white dwarf accreting from the wind of a cool giant, as pointed
outt by Livio & Warner (1984) for Mira, SY For and 56 Peg. However, again if our present results
aree confirmed, a disc cannot form in this case either.
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[tt should be pointed out, however, that if an accretion disc starts to form, even temporarily, it
willl probably grow due to the viscous interaction. This addss further weight to the point made by
Livioo & Warner (1984), that the observational establishment of the existence or non-existence of
discss in these systems and in similar ones such as HR3080, vHer, HR8157, can contribute
significantlyy to the understanding of the accretion process.
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Summary.. We have studied the problem of accretion (by a compact object) from
ann inhomogeneous medium, for the case of an isothermal flow.
Usingg a three-dimensional numerical scheme, we found the mass and
angular-momentumm accretion rates. The mass accretion rate agrees well with the
Bondi-Hoylee theory. The rate of accretion of angular momentum is only a small
fractionn of the rate at which angular momentum is deposited into the accretion
cylinder.. This confirms our previous results which were obtained without the
inclusionn of pressure effects.

11 introduction
Accretionn from an inhomogeneous medium, by a compact object, is an important process for two
classess of objects:
(i)) Neutron stars accreting from the wind of early-type companions and
(ii)) white dwarfs accretion from the winds of cool giants.
Becausee of the lack of a basic theory in the non-axisymmetric case, progress has been rather
limited.. Most workers have simply tried to make use of the Bondi & Hoyle (1944) results which
weree obtained for the axisymmetric case (e.g. Dodd & McCrea 1952; Illarionov & Sunyaev 1975;
Shapiroo & Lightman 1976).
AA fundamental question in the case of accretion from an inhomogeneous medium is whether
thee accreting object can accrete angular momentum. A simple inspection of the Bondi-Hoyle
picture,, reveals, that if the accretion cylinder (of radius rtacc) remains unchanged, then the
existencee of a density (or velocity) gradient in the medium results in a net deposition of angular
momentumm into the cylinder. Several authors have assumed that all the angular momentum
enteringg the accretion cylinder is actually accreted (Illarionov & Sunyaev 1975; Shapiro &
^Presentt address: Department of Astronomy, University of Illinois, Urbana, IL61801, USA.
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Lightmann 1976; Wang 1981). An objection to this assumption has been raised by Davies &
Pringlee (1980), who pointed out that the condition imposed on the matter to be accreted (a
cancellationn of the momentum transverse to the accretion line), conflicts with the idea that this
matterr can still possess angular momentum. Davies & Pringle (1980) have indeed shown, in a
highlyy simplified two-dimensional case, that no angular momentum is accreted.
Twoo important questions that thus emerged were:
(i)) Is angular momentum accreted in the three-dimensional case? Wang (1981) argued that the
resultt obtained by Davies & Pringle (1980) was a consequence of the use of a restricted
two-dimensionall model and the concept of an 'accretion line' [still in the Hoyle-Lyttleton (1939)
approachh neglecting pressure].
(ii)) What are the effects of pressure on the rate of accretion of angular momentum?
Inn an attempt to answer the first question Livio et al. (1986, hereafter Paper I) have performed a
three-dimensionall numerical calculation of accretion onto a compact object, from a medium
containingg a density gradient. The calculation was performed neglecting pressure gradients (in
thee Hoyle-Lyttleton approach) and using the PIC method. The results of Paper I have shown that
thee accretion rate (of mass) in the non-axisymmetric case, was very similar to the one obtained in
thee case of accretion from an homogeneous medium (e.g. Bondi & Hoyle 1944; Hunt 1971). The
ratee of accretion of angular momentum obtained, was very low and amounted to not more than a
feww per cent of the angular momentum flowing into the symmetrical accretion cylinder.
Inn the present work we make a first step towards answering the second question above, by
includingg pressure effects in the calculation of an isothermal flow.
Thee assumptions made, the numerical scheme and the results are given in Section 2 and the
resultss are summarized and discussed in Section 3.
22 The isothermal case, numerical scheme and results
Thee pseudo-particle scheme that was used to treat the three-dimensional hydrodynamics has
beenn fully described in Paper I, thus we shall not repeat this description here. The new element
thatt was introduced was the inclusion of pressure effects: (i) a calculation of the pressure in each
cell,, which in our velocity units (VaB=VQ=l) reads
P=P= —n

0)

wheree ^/6 is the Mach number for the flow, (ii) Pressure gradients in the equation of motion
thatt were calculated in the following way (see Hensler 1982): If we look at three adjacent
gridd cells j - \ , j , ; + l [say in the x (flow) direction] and a particle, *', that is located in the y'th
celll then the x component of the pressure gradient is

ii dp ïn^^-PjHxi-xj+jPj-Pj-Mxj+i-x.)
gg dX^

Q\

AR2

wheree A/? is the cell size and *,, xi+i are the boundaries of the respective cells.
Thee following requirements were fulfilled by all runs: (i) in all the calculations we required that
thee shock will be 'contained' in the grid, namely, thatt the shock will not cross the grid edges that
aree parallel to the flow, (ii) The average number of particles per cell was larger than 4.5 (e.g.
Potterr 1973).
Wee have used the same criteria as described in Paper I, to test the stability of the flow.
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Thee flow direction was taken as the x axis and again, a density gradient was assumed, of the
form m
(3) )

Q=Qo\Q=Qo\ 1 +

Thee number of cells used was 2 4 x 2 8 x 14.
Wee have performed calculations with a Mach number of 4 and H = 5 (equation 3) and with a
Machh number of 2 and H= 16. The density gradients corresponding to each Mach number were
chosenn in such a way that requirements (i) and (ii) above were fulfilled.
Thee accretion rates obtained were M acc =0.98 MHL for t h e M a c n 4 c a s e a n d M acc =0.89 M H L f o r
thee Mach 2 case, where the Hoyle-Lyttleton accretion rate MHL is (see also Bondi & Hoyle 1944)
4.T(GM) 2 po o
MmMm =

(4) )

Thee density profile in the z = 0 plane for the Mach 4 case is shown in Fig. 1, and for the Mach 2
casee in Fig. 2. We also give the density contours for the symmetrical case in Fig. 3. The shock is
veryy clear and it exhibits the typical broadening as one goes to lower Mach numbers. Another
featuree that is demonstrated in the figures is the displacement of the accretion cone towards the
lowerr density. The displaced accretion cone is more clearly visible in Fig. 4 which represents the
instantaneouss location of all particles for the Mach 4 case. The velocity profiles in the z = 0 plane
aree shown in Figs 5 and 6 for the Mach 4 and Mach 2 cases respectively.
Ourr main interest has been in the accretion of angular momentum. We found an accretion rate
off Z. acc =0.1 L B H in the Mach 4 case and L a c c =0.14L B H in the Mach 2 case where
11
L B H ==

(2GM)2

(5) )

^MHh~^~
HH = 5

MACH = 4

SZ SZ

Figuree 1. The density profile (represented by the areas of the squares) in the z = 0 plane for the Mach 4 isothermal
casee (H~5, equation 3).
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Figuree 2. Same as Fig. 1 for Mach 2 (f/=16) case.
iss the rate at which angular momentum is deposited into the (symmetric) Bondi-Hoyle accretion
cylinderr (see Dodd & McCrea 1952). We therefore find, as in Paper I, where pressure effects
weree not included, that only a small fraction of the angular momentum assumed to be accreted in
previousprevious works (e.g. Shapiro & Lightman 1976; Wang 1981) is actually accreted.
Inn an attempt to follow the process of depletion of angular momentum for accreted matter (by
interactionss and angular-momentum transfer), we have followed the mass and angular
momentumm of a ring about the accretion axis (for simplicity, in a calculation neglecting pressure).
Thee entire ring was contained also in the actual displaced, accretion cylinder cross-section. The
resultss are presented in Fig. 7. The small increase of the angular momentum between points t'
andd t" (marked only for discussion purposes), is a result of the fact, that due to the displacement of
thee accretion cone towards lower densities, all parts of the ring do not enter the interaction region
simultaneously.. We then observe the steep decrease in the angular momentum (as the matter of

-0755

o

,

2.85

Figuree 3. Density contours the z = 0 plane, for the homogeneous, isothermal case, Mach=2.
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Figuree 4. The instantaneous location of all particles in the inhomogeneous, isothermal, Mach-4 (tf-5) case.

thee ring collides with other matter) which precedes the decrease in the mass of the ring, as matter
startss to be accreted. It is thus demonstrated that the various parts of the mass that is accreted, are
depletedd of their angular momentum in the accretion cone region, as required in the
Bondi-Hoylee (1944) picture and consistently with the point raised by Davies & Pnngle (1980).
AA different exploratory calculation is described in Fig. 8. In this calculation we do not look for
thee steady state, but rather observe dynamical effects as accretion is initiated. We start with a
cloudd of matter (with a density gradient) at some distance from the accreting body and follow it as
itt hits the compact object. From the figure we see that the accretion rate increases first at t0, as
matterr encounters the accreting body. It then stays at a constant value, as accretion takes place
onlyy from the upstream side (for f 0 « « i ) and then it increases abruptly (at f,) to roughly its final
value,, as matter starts to accrete from the accretion cone downsteam. This demonstrates clearly
# = SS

MACH=4
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Figuree 6. The velocity profile in the z = 0 plane for the Mach 2 (f/=16) case.

thatt most of the accretion takes place via the accretion cone. The angular momentum accreted
fromm upstream (denoted by triangles), stays more or less constant (apart from fluctuations) from
/nn onwards. The total rate of accretion of angular momentum (empty circles) increases
temporarilyy as matter starts to accrete from downstream, but then settles to a value only slightly

244

32

40

48

TIMEE STEP
Figuree 7. The mass and angular momentum (relative units) of a ring about the accretion axis. (' and I" are chosen
arbitrarilyy around the increase of angular momentum (see text). The centre of mass of the ring A"cm (in units of
IGM/Vl)IGM/Vl) is shown on the right.
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Figuree 8. The accretion rate, from an impinging cloud, the rate of accretion of angular momentum and the rate
off accretion of angular momentum from the upstream side [L(Vx>0)], in relative units, as a function of time
(seee text).

abovee the rate of accretion from upstream. This demonstrates the point noted in Paper I, that
muchh of the accreted angular momentum comes from upstream, from matter hitting the accreting
objectt directly, without passing through the accretion cone.
Wee should mention that due to the presence of the pressure gradient imposed on our grid
(causedd by the assumed density gradient), the total angular momentum is not exactly conserved
(e.g.. it increases by 8.6 per cent in the Mach 4, H=5 case). This, however, does not affect our
conclusionn that only a small fraction of the angular momentum deposited into the accretion
cylinderr is accreted. This was confirmed by a number of different runs with different conditions
(e.g.. different sizes of accreting bodies). We also performed one run of Mach 2 (H=16) in which
wee have intentionallyy taken a narrower grid (which caused the shock to 'escape' through the sides
off the grid, a situation not allowed normally, as explained at the beginning of this section), this
resultedd in a decrease of total angular momentum by ~20 per cent, but nevertheless ~13.1 per
centt of the angular momentum entering the (symmetric) accretion cylinder was accreted, in very
goodd agreement with the standard case.

33 Discussion
Thee mass and angular-momentum accretion rates have been obtained, for accretion from an
inhomogeneouss medium, in the isothermal case. Bondi (1952) suggested an interpolation
formulaa for the accretion rate between the velocity-dominated and pressure-dominated regimes.
Thiss formula can be expressed as
/6' /6'
MMmm~M~MHL HL 2\3/2 222
(1+./Ó(1+./Ó ) )

(6) )

wheree A/ HL is given by equation (4) and . /i is the Mach number. For the cases calculated in the
presentt work (in all of which y=l) this would give Af acc =0.91 M H L for the Mach 4 case and
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A/acc=0.722 M H L f° r t n e Mach 2 case. While the numerical values do not agree exactly with the
numberss obtained (0.98 and 0.89, respectively), the qualitative trend does agree (the same trend
iss obeyed by the calculation without pressure, corresponding to hypersonic flow). Two things
shouldd be remembered here; (i) equation 6 does not represent an exact solution and (ii) numbers
differingg by a few per cent only, in the present calculation (having a relatively coarse grid), should
bee treated with caution.
Itt has been confirmed (at least in the isothermal case) that the rate of accretion of angular
momentumm represents only a small fraction of the net angular momentum deposited into the
Bondi-Hoytee (symmetrical) accretion cylinder. It should be noted, however, that the rate of
accretionn of angular momentum when pressure effects are included is somewhat larger than in the
Hoyle-Lyttletonn picture (neglecting pressure). It can be therefore expected that a somewhat
largerr fraction of angular momentum will be accreted for y>\. A calculation with y=4/3 is
presentlyy being carried out. Also, for any given value of y, the rate of accretion of angular
momentumm can be expected to be somewhat larger for lower Mach numbers.
Ass already mentioned in paper I, the fact that the rate of accretion of angular momentum is
lowerr than it has been previously assumed, (at least when pressure is neglected and in the
isothermall case), can have important consequences for two physical processes: (i) Spin-up (and
spin-down)) of neutron stars accreting from the winds of early-type companions, and (ii) the
possiblee formation of accretion discs around white dwarfs accreting from the winds of cool giants.
Wee shall postpone a detailed discussion of these issues, as well as a discussion of individual
systemss to future work, when we shall have a complete picture of the accretion process for
differentt values of y.
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Summary.. We study the problem of accretion by a compact object from an
inhomogeneouss medium, in the general y^l case. The mass accretion rate is
foundd to decrease with increasing y. The rate of accretion of angular momentum is
foundd to be significantly lower than the rate at which angular momentum is
depositedd into the Bondi-Hoyle, symmetrical, accretion cylinder. We discuss the
consequencess of our results for the cases of neutron stars accreting from the winds
off early-type companions and white dwarfs and main-sequence stars accreting
fromm winds of cool giants.

11 Introduction
Thee classical problem of accretion by a gravitating object, moving through an infinite medium
(Hoylee & Lyttleton 1939; Bondi & Hoyle 1944; Bondi 1952) has regained new interest through
thee use of multi-dimensional hydrodynamic calculations (e.g. Hunt 1975, 1979; Livio, Shara &
Shavivv 1979; Okuda 1983; Shima etal. 1985; Takeda etal. 1985). The problem of accretion from
ann inhomogeneous medium, however, suffered from both the lack of a basic theory (although see
thee works of Gething 1951 and Dodd & McCrea 1952) and the need to perform three-dimensional
calculations.. At the same time, it has been realized that accretion from an inhomogeneous
mediumm has important consequences for such processes as spin-up and disc formation, in the case
off compact objects accreting from stellar winds. In an attempt to produce results that can be
relatedd to observations, several authors have therefore used the Bondi-Hoyle (1944) picture to
arguee that all the angular momentum deposited into the symmetrical Bondi-Hoyle accretion
cylinderr is actually accreted (Illarionov & Sunyaev 1975; Shapiro & Lightman 1976; Wang 1981).
Daviess & Pringle (1980) were the first to point out that in the Bondi-Hoyle picture, for matter to
bee accreted at all, a cancellation of the momentum transverse to the accretion line is required and
thuss no angular momentum can be accreted. It was not clear, however, whether this conclusion
*Onn leave from: Department of Physics, Technion, Haifa, Israel.
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remainss valid in a realistic three-dimensional case, in which the 'accretion line' broadens into a
columnn or a cone (as argued by Wang 1981).
Inn an attempt to resolve the question of accretion from an inhomogeneous medium, we have
performedd a three-dimensional calculation, first neglecting pressure (Livio et al. 1986, hereafter
LSKS)) and then for an isothermal flow (Soker et al. 1986, hereafter SLKS). We found that for
thosee cases, while the mass accretion rate was very close to the one predicted by the Bondi-Hoyle
theoryy (for the homogeneous case), the rate of accretion of angular momentum was very much
lowerr than the rate assumed by previous authors (Ularionov & Sunyaev 1975; Shapiro &
Lightmann 1976; Wang 1981). In that present work we expand upon our previous work and
calculatee the general case of y # l {y - the specific heats ratio). The equations and method of
calculationn are described in Section 2, our results are presented in Section 3 and discussed in
Sectionn 4.
22 Equations and method of calculation
Thee method of calculation used is the same as that described by LSKS and SLKS (apart from the
treatmentt of the energy equation); we shall thus describe it only briefly for completeness.
2 . 11 EQUATION OF MOTION (FOR PARTICLES)

dd22rr
==

1 r 1
7 — VP+a,

(1)

wheree the unit length was chosen as RHL=2GM/Vl and the unit time as RHJV0 (VO=1). The
inter-particlee interaction is represented by a,-. The pressure gradient term was calculated as in
SLKS. .
2 . 22 INTER-PARTICLE INTERACTION

Thee velocity of each particle following the interaction is given by (see also Lin & Pringle 1976;
Henslerr 1982)
V„ew.,, = V,(l-ör)+flrU;

(2)

wheree a is a parameter defining the strength of the interaction (typically taken as 1) and

u.-v^+^xn,--

(3)

wheree VI>y is the centre of mass velocity of the ;'th cell and /?, is the particle's coordinate in the
centree of mass (of the cell) frame. The angular velocity fi is defined by

Lj=-/fa**

(4)

wheree Lj is the angular momentum of the cell and ƒ*' is the moment of inertia tensor components.
Thee inter-cell interaction is treated by the two-grid method described by LSKS.
2 . 33 THE ENERGY EQUATION

Thee energy equation was written in general as
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wheree £ is the internal energy, Ft represents the energy dissipation rate in the /th cell due to
inter-particlee interaction, 7} represents the effective rate of heat transport (by inter-particle
interactions)) and g is the gravitational acceleration. We have calculated the change in energy in
twoo steps; in the first step we calculated the change due to interactions alone (no acceleration
duee to gravity). We have assumed that the dissipation in kinetic energy is transformed into
internall energy and thus the enthalpy E} of each cell is given by
£ „ e w = £ oid ++

i ^

d 2
mi[{Vf ) -

(Vfcw)2],

(6)

wheree Vfd, K"ew represent the particle's velocities before and after the interaction respectively.
Thee specific energy per particle e, is related to £y through

Inn the second, acceleration step, we have
, n e w = e o . dd + I ^ ( V , o U ) 2 _ i ( K n e w ) 2 + i ^ _ ^ j
<»» ^ * ' '

< ^

x

'

'

->\ _new

„old ƒ I

(8) )

y\ y\
wheree old and new in this case refer to the stages before and after the acceleration has taken
place.. The pressure in the /th cell is calculated by (cell size normalized)

(9)

Pt-ir-D^Wi-Pt-ir-D^WiForr the particles that are injected into the grid (see LSKS) we have
e a - l M ^ - l ) ] - 11

(10>

wheree M is the Mach number.
Wee have used the same criteria as described by LSDS for the establishment of a (quasi) steady
state.. Following that, we have carried out the different runs for 35 crossing times of the grid and
thenn average values of the physical quantities were calculated. The grid in all runs (apart from a
feww test runs to be described shortly) contained 24x28x14 cells (use was made of the z=0
symmetryy plane). The accreting body was represented by a cube of size 0.15 (in our unit of
length).. The average number of particles per cell was four. These numbers were chosen based on
triall runs and the constraints imposed by the maximum allowable memory on the IBM 3081D. A
numberr of tests with different grid sizes (e.g. 32x24x12, 32x20x10) and different average
numberss of particles per cell (e.g. 6.37, 3.2) were performed and we shall discuss the effects of
suchh changes in the next section, when we present the results.
33 Results
Inn all calculations we have used a density profile at infinity of the form

'=4+3' '

(ID D

wheree the flow direction was taken as the x axis. In the present work we have used H=\6 (other
valuess of H have been used in LSKS and SLKS). We have performed calculations with y= lib at
Machh numbers M=3, 16, ^=4/3, 3/2, and 5/3 at Mach number 16. The velocity and density
profiless that were obtained in the z = 0 plane are presented in Figs 1-4. As can be seen in the
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(b) )
Figuree 1. (a) The velocity profile in the z - 0 plane for y=7/6, Mach = 3, H = 16. (b) The density profile (represented
byy the areas of the squares) in the 2 = 0 plane for y = l/6, Mach = 3, //=16.
104 4

AccretionAccretion from an inhoinogeneous
CAM.\fACAM.\fA = 7/0

MAI11 = 10

medium

11= lb
2.1 1

>—>—'-2.1 '-2.1

-0.75 5

2.85 5
(a) )
CAMMACAMMA = 7/6

MACH=16

H=I6
2.1 1

!
!

-0.75 5

HO/;, ,
(b) )

2.1 1
2.85 5

Figuree 2. (a) The velocity profile in the z = 0 plane f o r y = 7 / 6 , Mach = 16, ƒƒ= 16. (b) The density profile (represented
byy the areas of the squares) in the z = 0 plane for f = 7 / 6 , Mach-=16, H=16.
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Figuree 3. (a) The same as Fig. 2(a) for y=4/3. (b) The same as Fig. 2(b) for y=4/3.
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Figuree 4. (a) The same as Fig. 2(a) for y = 5/3. (b) The same as Fig. 2(b) for y=5/3.
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figures,, the shock slightly 'escapes' from the grid in the y= 5/3 case (also for y- 3/2) so we should
thereforee treat the numerical values obtained in these runs with caution. The results can be
summarizedd as follows:
(i)) For a given value of y, the shock angle is larger for a smaller Mach number [e.g. Figs 1(a),
2(a)) and figs 1-2 of SLKS]. This is of course a known result from flows past non-gravitating
bodies,, where the cone angle is arcsin(l/jW). However, it should be remembered that the
shockk in the case of a gravitating body is not produced by the fact that the flow directly impinges
onn the body, but rather by the dense region generated through the gravitational influence.
(ii)) For a given (large)>lach number the shock angle is larger for a larger value of y (Figs 1-4).
Thee same result was found by Shima et al. (1985) in their two-dimensional hydrodynamic study.
Thiss can be expected from the fact that, as ^is reduced (towards the isothermal, y=\ case), less
pressuree support is available for the shock. In a realistic flow, the situation with y~\ would
correspondd to a cooling time for the gas that is short compared to the flow time-scale, while
y = 5 / 33 would correspond to a radiationless case.
Thee increase of the shock angle with y was obtained also in the self-similar solutions of
Bisnovatyi-Kogann et al. (1979) and Wolfson (1977), corresponding essentially to an infinite
accretionn radius.
Wee find (as did Shima et al. 1985) that in the y = 5 / 3 case, an 'accretion cone' rather than an
'accretionn column' is formed, namely, the density in this case is highest behind the shock and not
alongg an accretion line. Our resolution is not good enough (because of the memory constraints
imposedd on a three-dimensional calculation) to be able to detect the formation of a bow shock
ratherr than a shock attached to the accreting body.
AA very crude estimate of the shock angle (at distances larger than the accretion radius) can be
obtainedd by noting that the post-shock flow is more or less parallel to the accretion axis [e.g. Figs
1(a),, 2(a) and 3(a); figs 4 and 5 in Hunt 1971, figs 2 and 3 in Shima et al. 1985). We then obtain
fromm the shock conditions (see Fig. 5 for the definition of the angles)
t a n a 22 = t a n a i

(r-i)M2+22

.
(y+l)M(y+l)M2 2

(i*-)

Fromm equation (12) it can be seen that for a given (large) M, a2 increases for increasing y and
forr a given y, a2 is a decreasing function of M, as was found in the calculation.
(iii)) The cross-section of the accretion cylinder is displaced towards the lower density and so is
thee accretion column or cone behind the accreting body. This effect is not so pronounced in the
presentt calculation because of the relatively large value of H, but is very pronounced in the larger
densityy gradient calculations of LSKS and SLKS.
(iv)) For a given (large) Mach number, the accretion rate decreases with increasing y (see Table
1).. The same result was found by Shima etal. (1985, their fig. 9). It is interesting to note that the

Figuree 5. A schematic representation of the prc-shock and post-shock velocities (at distances larger than the
accretionn radius, see text).
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Tablee 1. Results of numerical calculations for mass and angular momentum accretion rates.
Numberss appearing in parentheses should be viewed with caution (see text). The rate of
accretionn of angular momentum from upstream is denoted by L+.

YY

Mach-2 2

Mach-4 4

0.89 9

"/"HL L
£/£

BH H

C/L C/L

7/6 6

4/3 3

3/22

5/3

0.98 8

0.88 8

0.72 2

(0.58))

(0.48)

0.14 4

0.10 0

0.17 7

0.23 3

(0.18))

(0.14)

0.34 4

0.23 3

0.37 7

0.43 3

(0.49))

(0.50)

(maximal)) accretion rate obtained in the case of spherically symmetrical accretion from a
stationaryy cloud (Bondi 1952) behaves similarly. This of course reflects the effect of the pressure
thatt builds up, in the dense region, on the accretion rate. With respect to the dependence on the
Machh number, the isothermal calculation of SLKS has shown the dependence of the accretion
ratee on the Mach number to agree qualitatively with the Bondi (1952) interpolation formula (with
ann additional factor of 2, see also Shima etal. 1985; Livio 1986). We can, therefore, write the
accretionn rate as (Mco - the mass of the compact object)
MM

MM33
a{Y)a{Y)

^^

<ïï]Éy*

M3

4x(GMco)2Po
"-=«(>-) J^^JÏ
Vl

.

<13>

withh a{y) an almost linearly decreasing function of y, the values of which are approximately given
byy M/MHL in Table 1 (at least for y=£4/3), MHL being the Hoyle-Lyttleton value. In the results of
Bondii (1952) also a close to linear relation appears.
(v)) The rate of accretion of angular momentum (see Table 1) is in all cases significantly less than
thethe rate at which angular momentum is deposited into the symmetrical Bondi-Hoyle accretion
cylindercylinder (which has been assumed to be the rate of accretion of angular momentum by Illarionov
&& Sunyaev 1975; Shapiro & Lightman 1976; Wang 1981). The rate of accretion of angular
momentumm is smaller (L/L BH s0.1) in the isothermal and hypersonic cases than in y¥=l cases
(whenn L/LBH^s0.2), here
..

1 {GMcof

LLBBH=MHL-H=MHL-

titi

~T~-

(14)

V0

Furthermore,, of the accreted angular momentum a significant part comes from upstream
(denotedd by L+/L in Table 1), from matter that hits the (relatively large) accreting body directly
withoutt passing through the interaction region downstream.
Thee fact that the rate of accretion of angular momentum is much lower than that expected
naively,, by calculating the rate at which angular momentum enters the symmetrical Bondi-Hoyle
cylinder,, is in fact consistent with the Bondi-Hoyle picture, in which the matter that is actually
accretedd cannot have high specific angular momentum. This has been confirmed by following the
masss and angular momentum of an accreted ring of mass (see SLKS). Our calculation thus
supportss the suspicion, first raised by Davies & Pringle (1980), that relatively very little angular
momentumm can be accreted from an inhomogeneous medium.
Testt runs performed with other grid sizes and average numbers of particles per cell have
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shownn that: (a) The results do not change when an average number of 6.37 particles per
celll is used (instead of 4); however, the calculation tends to become unstable when the
averagee number is smaller than 3.2. (b) When different grid sizes were used (e.g. 3 2 x 2 4 x 1 2 )
differencess of at most 8 per cent in the accretion rate (but smaller in the angular momentum
accretionn rate) were found. These could usually be attributed to either a reduction in the average
numberr of particles per cell in the downstream side, or the shock slightly 'escaping' through the
sidess of the grid. Nevertheless, possible errors in the quoted values of up to a few per cent have
probablyy to be realistically assumed, due to the relatively coarse grid.
Inn Section 4 we shall discuss some of the possible implications that our results may have for
compactt objects accreting from a stellar wind.
44 Discussion
Accretionn by a compact object, from an inhomogeneous medium, occurs in the case of a neutron
starr accreting from the stellar wind of an early-type companion and in the case of a white dwarf (or
aa main-sequence star) accreting from the wind of a cool giant. We shall discuss each of these
classess separately in the context of the results of the present work (see also the discussions by
Whitee 1985; Henrichs 1983; Livio & Warner 1984; Livio 1986).
Inn Table 2 we present the parameters for some of the better studied X-ray binaries (taken from
Wangg 1981; White 1985; Eisner et al. 1985, and references therein). We would like to discuss the
implicationss of our results for three properties of these binaries: (i) the X-ray luminosity, (ii) the
spin-upp (or spin-down) rate, and (iii) the possibility of forming an accretion disc.
(i)) The luminosity. The accretion rate can be expressed as
64frG64frG22MM22xxp p
M a c c ==
—
,

O5)

wheree we have neglected the speed of sound compared to the relative velocity (between the
neutronn star and the wind) and 0=Macc/A/HL represents the deviation from the Hoyle-Lyttleton
(1939)) value (as found in Table 1). We shall now assume a spherically symmetrical wind from the
giant,, with V w ^ Vre, (actually a questionable assumption, as will be discussed later). We adopt an
averagee value of <5 = 0.8 (see Table 1 and Shima el al. 1985) and for the neutron star we take
M x = ll A/©, /? x =10 6 cm. Equation (15) can then be expressed as

VO.8//

//

\MJ

\10 6 cm /

V lO^Moyr-1/

L. y v y ^ - ^ , . ,

VlCFergs- 1 //

(16)

\3O/? 0 /

wheree L x is the X-ray luminosity, A/w is the rate of mass loss from the giant and a is the separation.
Thee resulting relative velocities are listed in Table 2 under the column labelled Vrct (luminosity).
Wee shall discuss the values that have been obtained after studying the implications of the spin-up
andd the possible existence of a disc (A/Whas been taken from White 1985, and references therein).
(ii)) Spin-up (or spin-down) rates. We shall ignore for the moment the question of whether
spin-upp (which occurs most of the time) or spin-down is actually observed, and treat average
valuess of P/P% (Ps, the spin period) observed over relatively long time-scales (short time-scale
variationss will be mentioned later). The observed P/P^ can be directly related to an implied rate
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off accretion of angular momentum by

== 6.28 xlO32

—-

(—

- d y n e cm,

(17)

wheree /, is the moment of inertia of the neutron star (e.g. Lamb, Pethick & Pines 1973). The
predictedd rate of accretion of angular momentum based on the present study is
V 0.2 AlO 3 7 ergs" 1 / VAf©/\l day/

^^

xx ( —-£— j ( „ rC' J dyne cm,
(18)
\10 6 cm/\10 8 cms~7 7
wheree £—///BH is t n e r a t i ° of the accreted specific angular momentum (according to our
calculations,, Table 1) to the specific angular momentum of matter that is deposited into the
Bondi-Hoyle,, symmetrical, accretion cylinder. Equating the rates in equations (17) and (18),
givess us for the relative velocity the values listed in Table 2 under VTel (spin-up). We have adopted
M*=MM*=M00,, Kx=106cm, £=0.2, and /x=1045gcm2.
(iii)) The possibility of forming a disc from wind accretion. An important question in the case
off a compact object accreting from a stellar wind is whether an accretion disc can be formed. The
radiuss at which a disc can start forming can be obtained by equating the specific angular
momentumm of the accreted matter to that in a Keplerian disc l=(G M x r D ) 1/2 . In the case in which
thee compact object is a magnetized neutron star, it is necessary, for a disc to form, that the
resultantt r D will be larger than the magnetospheric radius RM. This imposes the following
conditionn on the relative velocity (Shapiro & Lightman 1976; Wang 1981)
1/28 8

^.oxio'f-q""^^—H-r-))
\0.2J\0.2J

JJ

L-

1/28 8

)

VlO^eres" 1 / /
erg!" "

\MS/

Vlday/

cms" 11

\ 10» cm/
(19)

where//300 is the neutron star's magnetic moment (in units of 1030erg g _1 ). The upper limits on the
relativee velocity for disc formation are listed in Table 2 under Vre] (disc). In the case of CygX-1,
thee upper limit is derived by requiring the disc radius to be larger than the innermost stable orbit
aroundd the (possible) black hole (we have adopted Mx=10AfQ).
Lett us now discuss the implications of the relative velocities obtained in Table 2. The most
strikingg general property, that is revealed by examining Table 2, is the fact that almost all
thethe required relative velocities are much smaller than those that could be expected for radiatively
drivendriven winds, typically of order Vw~1000-2000kms_I. In fact, column density estimates,
obtainedd from the attenuation of the X-ray spectrum by photoelectric absorption, also seem
too indicate low velocities (e.g. WTiite 1985). Even from this result alone, we can therefore
immediatelyy conclude that the simple picture of a smooth, spherically symmetrical, radiatively
drivenn wind, is in general not applicable. The two major factors that can both change the
wind-floww picture and produce significantly smaller wind velocities (Roche lobe overflow will be
discussedd separately) are: (i) ionization by the X-ray source, which can decrease the radiatively
112 2

AccretionAccretion from an inhomogeneous medium
driven,, UV line accelerations (e.g. Hatchett & McCray 1977; MacGregor & Vitello 1982; Dupree
elel al. 1980) and (ii) a wind now concentrated towards the compact object (and in fact resembling
Rochee lobe overflow), caused by the primary being close to filling its lobe (Friend & Castor 1982).
Wee shall now look at some of the individual systems and examine what can be learned about
eachh of them. For Cen X-3, the relative velocity required to explain the luminosity and for disc
formationn is in fact lower than the orbital velocity (see also Conti 1978; Petterson 1978). The
velocityy derived from P is only slightly larger than the orbital velocity. Taking into account
thee facts that the spin-up appears quite smooth (Rappaport & Joss 1983) and that there is
additionall evidence suggesting the presence of a disc (lack of flaring due possibly to
smoothingg of fluctuations, evidence for scattering from a possible disc in the spectrum), we
havee to conclude that Roche lobe overflow must occur in this system, at least occasionally. The
situationn is almost identical in the case of SMCX-1; we conclude therefore that Roche lobe
overfloww occurs in that system too. An additional system, on which there is less information
available,, but for which the smooth spin-up rate (and the short spin-up time-scale, Eisner etal.
1985)) would require unreasonably low relative velocities is GX1 + 4; we therefore predict that
Rochee lobe overflow occurs in that system. The situation is somewhat less clear regarding
1538-52,, where the velocity required to explain the luminosity (and for the possibility of forming
aa disc) appears to be smaller than the orbital velocity but there are no good spin-up data to
supportt this conclusion. More observations related to spin-up or to the possible existence of a disc
aree required to establish whether Roche lobe overflow is expected in this case too.
Itt should be pointed out that if an accretion disc is formed, even temporarily, it can then spread
byy viscous angular momentum transport (see Livio 1986, for a discussion).
Thee velocities required to explain the luminosity and average spin-up (and spin-down) rates of
VelaX-11 are consistent with a stellar wind. However, the wind velocity should be significantly
reducedreduced with respect to the unperturbed, radiatively driven wind. In addition, a considerable
amountt of inhomogeneities in the wind, on several scales, is required to explain P/P as high as
1.8xl0" 10 s~ ll (Boynton et al. 1984). Under such circumstances, the spin-up and spin-down
behaviourr is consistent with a random noise process (Boynton et al. 1984). Less information is
availablee on 1700-33, but accretion from a stellar wind appears consistent with the observations
existingg so far on this object. In the case of Cyg X-l, it appears possible in fact for an accretion disc
too form from wind accretion.
Thee situation is quite complicated concerning GX301-2. The wind there is clearly variable due
too the fact that the orbit is elliptical e~0.47. The velocities (Table 2) that are necessary in order to
explainn the luminosity and the spin-up are extremely low. The absence of a smooth spin-up
behaviour,, together with the extremely low velocity required to form a disc, argue against the
existencee of a disc in this system. This is consistent with the fact that WRA 977 is not close to
fillingfilling its Roche lobe and with the absence of any lag between the 41.5 day period outbursts and
thee times of periastron passage (White & Swank 1984).
Thee second class of objects for which accretion from an inhomogeneous medium is applicable
involvess white dwarfs (or main-sequence stars) accreting from the winds of cool giants. This
classs includes such objects as (Livio & Warner 1984; Livio 1986): MiraAB, SYFor, £Cap,
CCCyg,Cyg, 56Peg, £ Aur, 32Cyg, 31 Cyg, 22 Vul, and possible vHer, HR3080, and HR8157.
Thee condition on the relative (and wind) velocity in this case can be written as

(X^Y(X^Y44~~

VteVte

\vJ\vJ

-16 Y'*( M*°Y'(

"L3XI0U8/

\0.6MJ
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Ur 7 A*oyr-V

w
(j-_yvv
x (j-)\10 , 5 cm//
\10 3 3 ergs-V
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wheree we have used the average mass of single white dwarfs (Koester et al. 1979) due to the large
separationn (and the appropriate white dwarf radius). For an accretion disc to form, the radius of
thee disc must be larger than the radius of the white dwarf (for non-magnetic white dwarfs); this
impliess the condition
V rcl s3.7xl0 6 ((
\ 0 . 2 //

cms" 1 .
\0.6MQI

VlOyr/

(21)

8

V 9.5xl0 cm/

Recentt 1UE observations of MiraB have claimed the existence of an accretion disc around
thee white dwarf (Reimers & Cassatella 1985; Cassatella et al. 1985, and see also the description
off the optical spectrum of Yamashita & Maehara 1977). In trying to establish the possibility
off forming a disc from wind accretion in this system, we face the unpleasant situation of no
knownn orbital period. Fernie & Brooker (1961) found the possible solutions of 59, 169 and
2611 yr of which the last one was considered the most plausible. Hopmann (1964) found
1399 and 842 yr. Baize (1980) found 400yr (quoted as private communication from P. Couteau by
Reimerss & Cassatella 1985). Walker (1985) found all existing orbits to be bad. Since the period is
likelyy to be larger than 100 yr (van Biesbroeck 1959) and the average value of all the estimated
periodss above 100yr is 362yr, we shall adopt 400yr as the period; it should be remembered,
however,, that this should not be regarded as an accurate determination. Using M w =10 _7 Moyr _1
(Reimerss & Cassatella 1985), a = 9.8 x 1014 cm (Jenkins 1952) and t a c c = 1033 erg s"1 (a lower limit
off 3.3X10 32 ergs -1 is indicated, Reimers & Cassatella 1985) we find
VTel(VjVTeiy/4~
1
5
_1
l.Slxltfcms* .. Now V w =5.6xl0 cms (Wannier et al. 1980) giving V rel =1.7xl0 6 cms _1
whichh is in reasonable agreement with the assumed orbit (giving Vrel—1.1 x 106cm s _1 ). Now the
conditionn for disc formation (equation 20) reads V re i£l.5xl0 6 cms~ 1 which indicates,
consideringg the uncertainties, that disc formation is indeed possible in this system. The initial disc
radiuss that is obtained if we take Vrei=l.l xl0 6 cm s - 1 is /?d=1010cm and thus much smaller than
thee one obtained by Reimers & Cassatella who used £=1. However, once a disc forms, it spreads
duee to viscous transport of angular momentum and thus the observational determination of
/? d =10 n cmm by Reimers & Cassatella may be correct.
AA different system which quite clearly contains an accretion disc around the mass-gainer star is
RZOphh (Olson & Hickey 1983; Baldwin 1978). While an inclination of i"= 76° which would have
enabledd the K5 mass-losing star to fill its Roche lobe has been suggested by Smak (1981), it has
beenn argued by Olson & Hickey (1983) that 80°£/s88°.
Iff we adopt the parameters of Olson & Hickey (1983) for the mass-gainer F star, M=3M®,
RR = 3.8RQ, we find that for a disc to form (P=262 day) we must have V rel s6.8xl0 6 cms" 1 . This
wouldd require a wind velocity V^.sS.SxlO^cms"1. We cannot entirely exclude, therefore, the
possibilityy that an accretion disc does form from wind accretion. However, the large dimensions
off the disc would suggest to us that Roche lobe overflow (or at least a wind concentrated towards
thee accreting star, Friend & Castor 1982) does occur in this system.
AA different group of objects for which the presence of a disc generated by wind accretion has
beenn suggested (at least for £ Aur and ö Sge) are the £Aur binaries (Che, Hempe & Reimers
1983;; Che-Bohnenstengel & Reimers 1985). Using the same parameters as Che-Bohnenstengel
&& Reimers (1985), but introducing f =0.2 (equation 20) in the rate of accretion of angular
momentum,, as indicated by our results, makes disc formation from a wind impossible in the case of
tAurtAur and only marginally possible for <SSge. Indeed the extremely high temperatures
(&70000K)) quoted for the disc in £ Aur cannot occur in a steady disc model around a star with a
radiuss of i? = 3.6xlO n cm (which would rather give temperatures of order ~400K). More
observationss of these systems and a possible re-interpretation of the observations (very probably
inn terms of a shocked region) are thus strongly recommended.
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AA re-examination of the systems 56 Peg and £ Cap (discussed by Livio & Warner 1984) reveals
thatt the formation of an accretion disc from wind accretion becomes only marginally possible in
thee case of 56 Peg ( K D ~ 8 x 10 8 cm) while it becomes impossible for the assumed parameters of
£Cap.. This may explain the appearance of only very narrow (FWHM
114km s _ l ) UV
emissionn lines in 56 Peg (Schindler el al. 1982). More observations of these systems are
encouraged. .
Too conclude, we have established the dependence of the accretion rate on the specific heat
ratio.. The rate of accretion of angular momentum from an inhomogeneous medium is
significantlyy lower than has been previously assumed. The results on the rate of accretion of
angularr momentum of the present study can be used to place severe constraints on models for
systemss involving a compact object accreting from the stellar wind of its companion. More
observationss of such systems, in particular in the case of white dwarfs and main-sequence stars
accretingg from the winds of cool giants, are extremely important for a better understanding of the
accretionn process.
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V.ll INTRODUCTION

Thee evolution of binary stars through a common envelope phase, in
whichh the binary is entirely surrounded by one gaseous envelope, is one
off the least understood stages of binary evolution. This is an unsatisfactoryy

situation

believedd

since

the

to be a crucial

formation

of

such a

common envelope

stage In the evolution of all

is

short-period

binariess that contain at least one compact star. The best known examples
off these are the short-period low-mass X-ray binaries and binary radiopulsars,,

in

which

the

compact

star

is

a

neutron

star,

and

the

cataclysmicc variables in which the compact star is a white dwarf. The
conclusionn that a common envelope (CE) phase has occurred in the history
off these binaries is unavoidable, since the progenitor of the compact
starr

must

have

presentt binary

been a giant, with
separation. During

dimensions

far greater

than

the

this phase the compact star or its

progenitorr (the core of the giant) and the companion must have reduced
theirr separation, while the envelope of the giant was ejected from the
systemm

(Paczynski

occurrencee

1976, Webbink

1979). Direct evidence for the actual

of this type of evolution

In nature can be found

in the

short-periodd double cores of planetary nebulae (Bond, 1985).
Too

gain

a

better

understanding

of

the evolutionary

history

of

presentlyy observed binary systems of the types mentioned above, we would
likee to be able to predict the final outcome of the CE phase from the
parameterss of the binary system just before the formation of the CE. In
particularr we want to know whether the giant core and the companion will
eventuallyy

coalesce, or, If

periodd

the remaining binary will be. One simple approach to this

of

this

is not

the case, what

the orbital

question,, that has been used widely in the literature (see eg. Chapter
III.2),, is to assume that all gravitational energy that is gained by the
reductionn of the orbital separation between companion and giant .core is
usedd

to eject

beyondd

the envelope. Since

the point at which

the separation can not be reduced

the companion fills its Roche-lobe if the

systemm is to survive as a binary, there is a maximum to the amount of
energyy

to be gained

in this way. By comparing

this to the amount of

energyy necessary to eject the envelope, one -can decide from the details
off

the

initial

configuration

whether

it

is

possible

to

eject

the

envelopee before companion and core coalesce. If this is the case, the
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methodd also yields an upper limit on the final separation. One of the
purposess

of a more

detailed

study of the CE-phase is to investigate

whetherr the assumptions entering this estimate are justified.
Inn

the literature

there

have been

problemm

of

initiall

conditions. The first model

CE evolution, which

are

two ways

probably

of approaching

applicable

the

for distinct

(Meyer and Meyer-Hofmeister,1978,

hereafterr referred to as MMH) applies when the giant star is corotates
withh the orbital motion (or at least very near) at the time it starts to
transferr mass to its companion. In this case the Roche-geometry can be
usedd

to

describe

the

problem.. A CE can
withoutt

mass

transfer,

form around

significant

mass

which

the binary

loss

from

the

greatly

simplifies

the

in not too violent a way,

system. The

second

approach

(Taam,, Bodenheimer and Ostriker,1978; LIvio and Soker 1984 ; Bodenheimer
andd Taam ,1984), which describes the start of the CE phase as a plunge
off the companion star into the more or less stationary giant envelope,
iss appropriate when the giant is far from corotation. In this review I
shalll first discuss what determines the rotation rate of the giant at
thee

time

mass

transfer

commences,

and

then

give

a

more

detailed

descriptionn of the two approaches mentioned above.

V.22 THE FORMATION OF A COMMON ENVELOPE

Whenn a single star evolves off the main sequence towards the giant
stagee its rotation
momentt

of inertia

rate is expected
increases very

to decrease significantly

rapidly, while

as the

the total amount

of

angularr momentum available remains constant. If the star is in a binary
tidall interaction will transfer orbital angular momentum into the spin
angularr

momentum

comparablee

of

the

giant.

When

the

stellar

radius

becomes

to the binary separation (or equivalently, the giant almost

fillss its Roche-lobe) this tidal interaction becomes very effective (see
e.g..

Zahn,1978), and because of

convectivee

giant

envelope

the

the high
tidal

turbulent

spin-up

viscosity

timescale

will

in the
become

shorterr than the evolutionary expansion timescale, on which the stellar
momentt of inertia Is changing (Alexander 1973, Zahn 1978). This means
thatt the giant will be nearly corotating with the orbital motion when it
startss to transfer mass to its companion.
AA necessary condition for this scenario is however that the binary
iss tidally stable (Counselman 1973), i.e. that the increase in orbital
angularr

velocity

(a>0rb^ **ue

to

or

bital angular momentum

120 0

lost

to the

giantt is not greater than the increase in rotational angular velocity of
thee giant (<*>rot) due to angular momentum gained from the orbit, i. e.

Usingg Keplers laws it is easily shown that this is equivalent to the
conditionn that the moment of inertia of the giant has to be less than
1/33 of the orbital moment of inertia. If we take typical values for the
momentt of inertia of a giant as found from evolutionary calculations,
andd

assume

that

the

giant

nearly

fills

its

Roche

lobe,

the

above

conditionn for stability translates to the more practical condition that
q,, the ratio of the mass of the companion to that of the giant, must be
greaterr than 1/6 (Sparks and Stecher,1974; MMH).
Hence,,

if

q>l/6

the

giant

is

expected

to

be

rotating

almost

synchronouslyy with the orbit at the onset of mass transfer. Following
thee

Roche-geometry,

accretionn

disk

matter

around

the

will

flow

companion.

through
What

the

LI

happens

point
then

into
is

an

again

determinedd by the value of q. If q.>qcrit (where q c r 4 t varies between
0.8366 and 1.2, see below) the response of the binary to mass transfer is
ann increase in orbital separation, and hence also in the size of the
Rochee lobe of the giant (see eg. Webbink, Rappaport and Savonije, 1983).
Inn this case the mass transfer will remain stable, since an increase in
masss

transfer will cause an extra increase in the size of the Roche-

lobe,, which in turn reduces the mass transfer rate. If however q<<Icrit»
thee response of the Roche-lobe of the giant is to shrink because of the
masss

transfer, which

causes

the mass

transfer

rate

to become

even

greater,, which is an obviously unstable situation. This instability is
aggravatedd when the mass transfer rate has become so high that the giant
cann

no

longer

maintain

thermal

equilibrium.

The

extended

convective

envelopee of the giant is to first approximation isentropic, and will
behavee like an n=1.5 polytrope, i.e. it will expand when its mass Is
reduced..

If

the

mass

loss

is

sufficiently

slow,

this

behaviour

Is

suppressedd because the entropy of the envelope will adjust itself (on a
thermall

timescale) in such a way that the radius of the star remains

approximatelyy constant. If the timescale for mass loss becomes shorter
thann the thermal timescale the giant will start to expand adiabatically,
increasingg the transfer rate even more. A star which becomes subject to
thiss instability will transfer a significant fraction of its envelope on
aa dynamical timescale, which is of the same order as the orbital period.
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(Inn fact, a giant with <l^<lCEjt Is also potentially unstable to this last
instability,, but the stable transfer rates never become high enough to
disturbb

the thermal equilibrium). The exact value of q c r 4 t depends on

thee details of the mass transfer process. If all mass transferred is
accretedd by the companion q . , "1.2, whereas if all mass transferred is
lostt from the system carrying the specific orbital angular momentum of
thee companion (as is probably the case in super-critical disk, accretion
m

withh matter being carried away In jets) 1CT

^'^^

(de Kool, Rappaport

andd van den Heuvel, 1986). Summarizing, we have the following situation.
Inn the case q<l/6, i.e. a giant which is much more massive than its
companion,, the binary

is tidally unstable and will not be corotating

withh the orbit when (unstable) mass transfer starts. If l/6<q<q cr ^ t

the

masss transfer is still unstable, but can at least initially be described
ass Roche-lobe overflow. If <!><lcrit the giant will be corotating, and the
masss transfer is stable. Typical mass transfer rates in this case are
100

to 10

^ / y r (Webbink, Rappaport and Savonije 1983), far less than

thee rates needed to form a common envelope.
Thee actual
timee

dependent

formation

of the common envelope is a

3-dimensional,

hydrodynamical problem involving very different length

andd time scales and hence remains rather obscure, although there are a
feww model calculations available in the literature that relate to the
problem.. The models which are most applicable to the corotating case are
probablyy

those

of

Sawada

et

al.(1984).

These

are

2-dimensional

hydrodynamicc calculations using cylindrical coordinates (r,4>,z) in which
thee

z-dependence

(e„ parallel

to

the rotation axis) of

the flow is

neglected.. This might yield an impression of the real flow pattern in
thee equatorial plane. The authors model a binary in which both stars are
assumedd

to be corotating and exactly filling their Roche-lobe, and in

whichh one star is losing mass over its entire surface at a constant rate
andd

velocity. An example of the resulting

wheree

density

plottedd

contours and

the velocity

flow is shown in fig. 1.,

in the corotating

frame are

for a binary with q=0.5. Although the simplifications used in

thesee calculations seem rather drastic, it is nevertheless interesting
too see that a number of features that have been predicted on the basis
off physical intuition (MMH) are found back in these results. The matter
thatt leaves the primary slowly builds up a common envelope which seems
too consist of an inner part wich is almost corotating with the binary
(loww velocity in the corotating

frame), and a differentially

rotating

outerr envelope. As we shall see below, this is very similar to the
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Fig.. 1. Velocity distribution and density contours in an envelope around
aa binary with q=0.5, in which both stars are filling their Roche-lobe.
Thee most massive star is losing mass over its entire surface with
constantt density and velocity. Velocities are represented in the frame
corotatingg with the binary (from Sawada et al., 1984).

predictionss of MMH.
Whenn the giant is far from corotation the Roche-geometry can not be
employed,, and as far as I am aware there are no numerical hydrodynamical
calculationss

of

this

problem.

The

first

to consider

this

case were

Sparkss and Stecher (1973), who wanted to explain some supernovae as a
resultt of the spiral-in of a white dwarf into a giant. They regarded the
giantt envelope as nearly
surfacee

with

its

orbital

stationary, the white dwarf moving
velocity.

The

acceleration

over the

and

resulting

velocityy of a matter element in the giant envelope due to the gravity of
thee white dwarf is then calculated using an impulse approximation, i.e.
thee

displacement

of

the

element

while

the

white

dwarf

passes

is

neglected.. Depending on the distance to the white dwarf some matter will
attainn escape speed
willl
Underr

from the red giant, another part of the envelope

just be lifted and fall back, radiating away its excess energy.
the assumption

that

the kinetic

matterr derives from the orbital energy

energy

put

into

the

envelope

(an ' error of a factor of 2 is

madee here) it is then possible to follow the decay of the orbit. The
radiuss of the giant is simply assumed
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to decrease proportional to the

orbitall separation. However, the assumptions and simplifications in this
modell

are

not

really

acceptable.

The

neglect

of all

hydrodynamical

effectss is at least questionable, and use of the impulse approximation
iss not justified since the duration of the passage of the white dwarf is
nott

short

compared

assumptionn

that

to

the dynamical

the giant

time of

is simply

the envelope. Also

"peeled",

i.e.

that

its

the

radius

decreasess when mass is ejected from the envelope, is contrary to what we
mightt expect in the light of the discussion above on the reaction of the
radiuss of a giant to mass loss.
Otherr
attemptedd

relevant
to

particlee

calculations

model

mass

trajectories

are

those

(1981),

Morris

transfer

in

a crude

form of hydrodynamical

and

a

of

non-corotating

binary

who
using

interaction

whenn these particles collide. The giant is simulated by a sphere covered
withh

particles,

that are

attracted

to the giant by its gravity, and

repelledd by some artificial force which prevents them from entering the
surface.. They can however be pulled off by the gravity of a companion.
Thiss

giant

particless

is
are

then

placed

followed

in a binary,

to

see

how

and

much

the

mass

trajectories

escapes,

how

of

the

much

is

accretedd by the companion, and how much falls back to the giant after
beingg pulled off. A number of models with different orbital separations,
masss ratios and rotation rates of the giant are constructed in this way.
Itt is found that the resulting flow is indeed strongly dependent on the
rotationn

rate

of

the

giant,

in

the

sense

that

the more

the giant

deviatess from corotation, the more violent the interaction. As a result
off

this

a

large

fraction

of

the

particles

is ejected

or

forms

an

extendedd cloud about the binary. In the case that the giant is nearly
corotatingg
strongg

most

particles

dependence

are simply accreted by

confirms

that

common

envelope

the companion. This
evolution

proceeds

differentlyy in the corotating and non-corotating case.
Alll these calculations are however unsatisfactory because they do
nott

include

the

response

of the giant

to

the mass loss. Sparks and

Stecherr (1974) introduced an (unrealistic) ad hoc assumption to describe
thiss

response,

and

Sawada

et

al.

(1984)

and

Morris

(1981)

only

consideredd the case where the mass transfer rates are small, i.e. where
thee mass of the stars does not change appreciably during the computed
timee interval of several orbital periods. A proper description of the
hydrodynamicall
essentiall

reaction of the giant to mass loss would seem to be an

ingredient

to

understanding

envelope. .
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the

formation

of

a

common

Too

investigate

what

kind

of

dynamical

effects

can be

expected

duringg the formation of a common envelope when the response of the giant
iss in some way taken into account, and if no a priori assumptions about
thee symmetry are made (except the symmetry with respect to the orbital
plane),,

we

have

performed

a

grossly

simplified

simulation

of

this

processs using a method called Smooth Particle Hydrodynamics (SPH). This
method,, first used by Lucy (1978) and further developed by Gingold and
Monaghann (1980, and references therein), represents matter by a number
off particles, which move according to an equation of motion in which the
accelerationn

due

to gravitation and pressure gradients

is calculated

usingg particle-particle interactions. For details of the method we refer
too the papers mentioned above, and we only remark here that the method
cann

be

reasonably

well

tested

by

modelling

radial

oscillations

of

polytropes. .
Wee

started

our calculations

by

constructing

a

simplified

giant

model,, taking one very massive particle (3 M Q ) as the giant core, and
addingg a large number (600) particles to represent the envelope (M

=

88 Hg ) . The gas of the envelope was taken to obey a poly tropic equation
off state with index n=1.5. We relaxed

this model until a hydrostatic

structuree was reached, and then transferred it to a rotating coordinate
systemm

revolving

around

the

center

of

gravity

of

the giant

and

companionn star, which is also represented as a massive particle

a

(mass

44 Hg,)* The dimensions of this binary were chosen in such a way that the
giantt would

not overfill

its Roche-lobe. We

againn until the giant was hydrostatic
separationn

of

the

binary

was

then

then

relaxed

the

system

in this new configuration. The
slowly

reduced

until

Roche-lobe

overfloww started, and from this point on the system was left to evolve
hydrodynamically.. In figures 2a,b,c we show the situation at the onset
off mass

transfer. The position of

the particles is indicated

in the

initiallyy corotating coordinate system system (x,y,z). The z-direction
iss perpendicular to the orbital plane, and the x-direction points from
thee giant core to the companion. Figure 2a gives the projections of the
particlee

positions on

the orbital

(x,y) plane, fig. 2b on the (x,z)

planee and fig. 2c on the (y,z) plane. The positions of the core and the
companionn

are

indicated

by

the

large

solid

dots,

and

the

cross

representss the center of mass of the entire system. The typical form of
thee Roche-lobe is easily recognized. In figures 2d,e,f the situation is
shownn at approximately

15 times the initial orbital period after mass

transferr started, and the companion has made slightly more than one
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Fig.. 2. A simulation of the formation of a common envelope. Figures
2a,b,cc represent the situation at the start of unstable mass transfer
figuress 2d,e,f after approximately 15 times the initial orbital period!
Forr a full explanation: see text.
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revolutionn about the giant core in the initially corotating frame.
Sincee the method used is so crude (no energy equation, very simple
equationn of state, poor description of hydrodynamics in regions of low
particlee

density,

lack

of

spatial

resolution)

the details

of

these

resultss should not be taken seriously. They do however illustrate the
followingg points:
1)) one has to be very cautious before assuming any symmetry (spherical
orr cylindrical).
2)) one has to take account of the fact that the giant core will start to
movee

through

the

envelope,

which

presumably

has

important

con-

sequencess for the nuclear burning.

V.33 COMMON ENVELOPE EVOLUTION IN THE CASE OF INITIAL COROTATION:
THEE MODEL OF MEYER AND MEYER-HOFMEISTER

Iff the mass ratio of a binary lies in the range 1/6 < q < q c r J t the
commonn envelope is expected to form in a relatively quiet way. According
too MMH this CE will consist of two distinct parts: i) an inner region
corotatingg with the "internal" binary formed by the star spiraling in
andd

the dense core of the giant, and

ii) an outer region which can

rotatee differentially. The situation is schematically shown in Fig. 3.
Thee inner region is forced to corotate by viscosity caused by tidally
inducedd turbulence, which resists differential rotation. The strength of
thiss tidally induced

turbulence determines the size of the corotating

region.. This strength is estimated by calculating the acceleration of a
non—corotatingg
potentiall

that

mass

element

varies

due

during

to
the

the

part

orbital

of

the

period,

gravitational

neglecting

the

displacementt during the acceleration. From this periodic acceleration a
typicall

turbulent

velocity

is

deduced.

Estimating

the

size

of

the

largestt turbulent eddies (lfc) to be the distance r of the matter element
too the center of gravity then yields an effective viscosity coefficient
of f

TII

- 0.5 p v 1

(2)

wheree p is the density and v the typical turbulent velocity. By using a
multipolee
inducedd

expansion of the time-varying potential MMH show that the
4 4
turbulent velocity scales with (a/r) , which makes T| strongly

dependentt on r. (In fact the typical size of the turbulent eddies would
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outerr envelope
(uu = constant)

internal l
binary y

innerr envelope
(war" 3 ) )

corotatingg core
Fig.. 3. A schematic illustration of the model by Meyer and Meyer-Hofmeister

bee better estimated by the integral of the turbulent velocity over one
halff of the orbital period, which yields l t = 0.19 a (a/r) , causing n
too be even more strongly dependent on r) The rapid decrease of ti with
radiuss implies that the radius of the corotating region will always be
similarr to the orbital separation, rather independent of the details of
thee calculations.
Sincee the time scale for convective transport in the envelope is
shorterr

than

the

timescale

on

which

the

angular

velocity

of

the

corotatingg core is changing, the envelope is expected to be in a quasistationaryy state, which is described by the equation:

Tör"(( *r ar") " °

(3) )

Assumingg TI to be constant this equation has two solutions, one which has
coo proportional to r

and another with inconstant. MMH assume that the

secondd solution applies in the outer part of the envelope, and the first
solutionn describes the angular velocity distribution in a narrow region
justt outside the corotating inner region, in which the angular velocity
changess from that of the core to that of the outer envelope. As pointed
outt

by

MMH,

the

angular

velocity

distribution

derived

in

this

way

remainss subject to some doubt, since the viscosity in the envelope is
thee result of turbulence driven by convection, which is non-isotropic,
whereass

equation 3 is only correct for isotropic viscosity

1951) )
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(Biermann,

Thee high viscosity in the inner envelope, caused by turbulence
drivenn by

convection

and by

the Rayleigh-unstable

angular velocity

distributionn (specific angular momentum increasing inwards), effectively
transportss angular momentum from the corotating region to the much more
slowlyy rotating outer envelope* Since this angular momentum derives from
thee internal binary, the orbit of this binary will shrink at a rate
determinedd by the magnitude of the angular momentum loss, which in turn
iss determined by the viscosity coefficient in the inner envelope and the
surfacee area of the interface between corotating region and envelope.
Usingg

the model

processess MMH

outlined

subsequently

above

to describe

use a normal

stellar

the

hydrodynamical

evolution code

to

calculatee the evolution of such a common envelope formed by a 5 M 0 giant
andd a 1 MQ main sequence companion. The central luminosity is given by
thee luminosity of the giant core (which is determined only by its mass,
seee MMH) plus an accretion luminosity

from the companion star. In

additionn there are energy source terms that describe the viscous energy
dissipationn in the envelope. It is found that the frictional luminosity
generatedd

in

the

inner

envelope

dominates

the

evolution.

The

calculationss show that this luminosity evolves to a constant value due
too

a

feed-back

mechanism

in

the

inner

envelope

region

: as

the

frictionall luminosity increases the radiation pressure in this region
alsoo increases, which causes

the density

to decrease. This density

decreasee in turn decreases the viscous dissipation (see eq. 2 ) , so that
thee luminosity decreases again. This mechanism causes the luminosity of
thee

star

to remain at a nearly

constant

value

during

the

entire

evolution.. Since the frictional energy derives from the binding energy
off the internal binary, the evolution of the orbital separation is well
approximatedd by
-r--r- ( — ) = constant.
att
a

(4)

Fromm this expression it can be seen that initially the orbit shrinks
veryy fast, but as it gets smaller the rate of shrinking also decreases.
MMHH conjecture that the evolution continues in this way until the star
whichh is spiralling in fills its Roche-lobe in the internal binary and
suddenlyy starts to release a large amount of mass in the inner envelope.
Thiss increases the coefficient of viscosity in this region and causes a
suddenn increase in the frictional luminosity that could drive off the
entiree envelope. It is, however, questionable whether sufficient energy
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Fig.. 4. A sketch of the flow pattern expected to develop when
dimensionall effects are taken into account in the MMH model.

iss

available

gainedd

by

at

the

this

point, since most

closing

in

of the

of

giant

the gravitational

core

and

companion

two-

energy

has been

radiatedd away, without causing a significant reduction in envelope mass.
Anotherr way of removing
stellarr

wind.

evolutionn

(

The

giant
L

10

the envelope may be in the form of a massive

0

has a

and

),

very

some

high

luminosity

observations

of

throughout

very

the

evolved

red

supergiantss (which are thought to be stars that reach a luminosity of
similarr magnitude by double-shell burning) indicate that they can have
veryy large wind mass loss rates (the so-called super wind, Iben 1981).
Apartt

from

the

unsatisfactory

turbulencee

in

the

assumptionn

of

spherical

dynamicall

MMH

effects. From

model,

the

symmetry,
the fact

description
major
and

that

viscosity

uncertainty

the
the

of

lies

associated

radius

of

in

(to

first

order)

the

equator

of

this

region

the

is

the

neglect

of

corotating

regionn is about equal to the orbital separation it immediatly
thatt

and

follows

rotating

at

Kepleriann speed, and that the material at this position will be forced
too

flow

outwards

circulationn

by

pattern

the
in

the

transportss

angular momentum

viscosity,,

and

will

cause

pressure
envelope
far more
a major

calculatedd by MMH.
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gradient.
as

This

sketched

efficiently
deviation

will

lead

to

a

in

fig.

4,

even

than

turbulent

from

the

which

evolution

as

V.44 COMMON ENVELOPE EVOLUTION WITHOUT INITIAL COROTATION

V.4.11 Spiral-in timescales

Iff the pre-common envelope binary has a very small mass ratio (q<l/6),
thee giant will not be

rotating

synchronously with the orbit when it

startss to transfer mass to its companion. After a short initial period
off violent interaction, in which the giant expands due to mass loss and
thee

orbit

shrinks

due

to

the

frictional

interaction

between

the

companionn and the transferred mass, the orbit of the companion will lie
insidee the giant envelope. The star will move through this envelope with
aa

relative

velocity

equal

to

the

orbital

speed

minus

the

local

rotationall speed of the giant. The accretion flow near the star which is
spirallingg in has a scale which is generally much smaller than the size
off the envelope as a whole (see below), and causes a disturbance in the
envelopee which destroys any symmetries that could be used to simplify
thee problem. This makes a simultaneous solution of the response of the
giantt envelope and the accretion flow very difficult. The calculations
thatt have been done so far have concentrated on the envelope structure,
whilee

using

the

so-called

Bondi-Hoyle

approximation

to describe

the

interactionn between star and envelope. Since the Bondi-Hoyle problem is
discussedd

elaborately

elsewhere

in

this

thesis

I will

only

give

a

summaryy of the pertinent results here, and discuss their implications in
thee context of spiral-in evolution.
Itt is found

that when a

point-like

relativee to a gaseous medium surrounding
regionn affected by the gravitational
radiuss a
R a:

source

of gravitation moves

it, the typical size of the

field is given by the accretion

wheree M is the mass of the gravitating object, v the relative velocity
andd c the sound speed in the gas far away from the object. Physically
thiss can be

interpreted

as the distance

to the object at which

the

gravitationall binding energy of a matter element is of the same order as
itss original total energy at infinity. If the motion is supersonic, the
matterr which is deflected by gravitation will collide and shock behind
thee star and its kinetic energy is largely converted to thermal energy.
Thiss kinetic energy dissipation rate is typically
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E

diss - 7 *Ra P v 3

(6)

wheree p is the density in the gas at infinity. If we consider a star
movingg through a stationary gas we see that the gas moving through the
accretionn radius is i) heated in the shock and ii) accelerated to the
velocityy of the star. Hence the total energy loss from the motion of the
starr is approximately

2 times E d i g . If the motion of the star is

subsonicc there is much less dissipation of kinetic energy, and the
entropyy

of matter

passing close to the compact star which is not

accretedd is only slightly increased by turbulent dissipation. In this
casee the drag exerted on the compact star is mainly caused by the
gravitationall force due to the higher density behind the star, and can
becomee smaller than the drag found from a straight application of eq.
(6)) (Shima et al, 1985). Assuming that the star moving through the
envelopee remains in an approximately Keplerian orbit, and that the loss
off kinetic energy given by eq. (6) derives from the change in binding
energyy of the system, one finds that the orbital separation a decays at
aa rate given by

--

G m M

<a>
,, 2
2a a

*Ldt

(7)
K J

2 E

dis

wheree m is the mass of the star that is spiralling in and M(a) the mass
off the giant interior to the orbit. These expressions form the basis of
alll calculations of the evolution of a non-corotating common envelope
thatt have been done so far.
Beforee describing in more detail the models in the literature which
employy the Bondi-Hoyle approximation, we shall investigate what can be
inferredd from a simple application of the above equations to the spiralinn process. To this end we have taken three giant models (kindly
providedd by dr. G.J. Savonije) which represent different evolutionary
phasess :
a)) a 1 MQ giant with a 0.48 MQ He-core, and a radius R= 209 RQ
b)) a 5 \

giant with a 0.90 MQ CO-core, and a radius R= 104 R0

c)) a 3 MQ giant with a 1.39 M0 ONeMg-core, and a radius R- 860 R 0
Ass a

first order approximation we calculate

the parameters of the

accretionn flow as a function of the distance to the giant center,
assumingg that the envelope structure is undisturbed. These parameters
aree of course also dependent on the mass of the accreting object, and in
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ourr examples we will assume this to be 0.1 times the mass of the giant.
Inn figure 5 the orbital decay time, defined as

(8) )

daa -v
At-Atdt t >

iss plotted as a function of radius. The behaviour of model a and b is
similarr

: The

decay

time

is

longest

in

the

outer

regions

of

the

envelope,, has a plateau in the inner part and decreases strongly again
ass the core is entered. In the much more evolved model c this plateau
hass developed into a broad maximum in the orbital decay time at a radius
betweenn

1 and

10 R^.

This maximum

is caused

by

the

fact

that

envelopee of such very evolved giants have a nearly constant

the

density,

whereass the orbital velocity of the star spiralling in increases with
decreasingg

radius. From eq. (5) and (6) we see that (if the relative

velocityy has become subsonic) this implies a reduction in the energy
dissipationn

rate,

and

hence

timescale.. It is interestening

a

lengthening

of

the

orbital

decay

to note that the maximum occurs at a

radiuss that is comparable to the observed orbital separation in several
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Fig.. 5. The orbital decay time scale during spiral-in
functionn of radius in our three giant models (see text).
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Fig.. 6. The Mach number of the orbital velocity as a function of radius
inn our three giant models (see text).

typess

of

post

common envelope binaries. The presence

of

the maximum

certainlyy

favors the possibility of ejecting the giant envelope before

thee

collides

star

with

the core,

condition.. This is because
definedd

massive

core

but

it

can

not

be

a

necessary

it only develops in giants with a sharply

(near

the

Chandrasekhar

limit),

while

many

cataclysmicc variables appear to have white dwarf masses well below 1 M, .
Theree are some indications

that white dwarfs in cataclysmic variables

aree on average more massive than the general population (Warner, 1976)
butt

this is very difficult

to establish because of selection effects

(Livioo and Soker 1984b, Ritter 1986).
Thee spiral-in times as given in figure 5 can change if the energy
dissipationn

rate

is

not

exactly

given by

equation

6.

Following

the

resultss of Shima et al (1985) and de Kool and Savonije (Chapter IV.1)
thee

energy

classicall
subsonicc

dissipation
estimate

rate

can

be

supersonic

substantially

relative

larger

speeds, and

than

the

smaller

for

speeds. To investigate the possible importance of this effect

wee have plotted
functionn

for

of

in fig. 6 the Mach number of the orbital speed as a

radius. The behaviour

is very

similar

for

the different

modelss : the Mach number is never very high, and varies between 1 and 2
overr the largest part of the envelope. Especially in model c the Mach
numberr

is very

close

to

one. This

implies

that

if

the envelope is

rotatingg by itself, either due to evolution prior to the spiral-in or
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duee to angular momentum transfer from orbit to envelope during

the

spiral-in,, the relative velocity between star and envelope could easily
becomee subsonic, with an accompanying reduction in the dissipation rate
andd increase in orbital decay time.
Sincee the relative velocity between star and envelope plays an
importantt role in spiral-in evolution, we would like to know whether the
angularr momentum deposited in the envelope by friction is able to force
thee surroundings of the star to corotation. We therefore introduce the
spin-upp timscale x s p , defined as
%% = I (a) <o , f 4 r ) _ 1
spp
e
orb v dt '
inn which to r^

v

(9)
'

is the orbital angular velocity, I (a) the moment of

inertiaa of the part of envelope with radius a, and dJ/dt is defined by
dJJ
7 11

\

2

2
P V orb

very

rough

= a %

Thiss

< 10 >
estimate may be as good

as some more

complicated

estimatess based on tidal interaction between star and envelope, since
thesee depend on a very uncertain viscosity coefficient and employ a
descriptionn of tidal interaction which is derived for situations in
whichh the orbital separation is larger than the radius of the giant.
Inn figures 7a,b,c we compare the spin-up timescale with the orbital
decayy timescale. In model c the star can already spin up the inner part
off the envelope to corotation when it has penetrated to a radius of
3500 R Q , and in models a and b these radii are 30 and 10 R
Thee fact that T

respectively.

can become shorter than T, is caused by the presence

off the plateau in the x d curves. In figure 7d the two timescales are
comparedd for a 16 MQ giant with a radius of 200 R @ , which has a much
muchh less sharply defined core, and we can see that in this case the
spin-upp time becomes smaller than the orbital decay time for very small
radiii (ca. 1 R Q ) , and at a radius where the density is about 10" times
greaterr than in the other models. In this case coalescence will be
difficultt to avoid. How these results change for different initial mass
ratioss can be inferred from the fact that T
—22
—1
mm

, and T d with m

seenn that

scales approximately with

. From the form of the curves in fig. 6 it can be

this implies

that for smaller initial mass

timescaless become equal at smaller radii.
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ratios

these
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I
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'

'

I
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1 1 1 1 ' 1
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f i g ..
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F i g .. 7 A comparison of the o r b i t a l decay time s c a l e x d ( s o l i d ) and the
spin-upp time s c a l e -r
(dashed) of the surroundings of the s t a r t h a t
s p i r a l ss i n , for the t n r e e models from the t e x t ( f i g u r e s 7 a , b , c ) and for
aa l e s s c e n t r a l l y condensed 16 M g i a n t ( f i g u r e 7 d ) .
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V.4.22 The spiral-in models of Taam, Bodenhelmer and Ostrlker and Delgado

Too follow the evolution of a massive (16 M 0 ) giant with a 1 M
neutronn

star

in

its

envelope

Taam,

Bodenhelmer and

(herafterr TBO) used a normal one dimensional
slightlyy

modified

contractions..

to be

Other

able

Ostrlker

stellar evolution code,

to follow hydrodynamical

dynamical

effects

were

(1978)

expansions or

neglected.

First

they

constructedd a model of a single 16 M Q giant, and then introduced
extraa

energy

source

term

given

by

eq.

(6). The

depositedd in a spherical shell of thickness R
orbitall

separation.

A

first

(and

very

extra

energy

an
was

and radius equal to the

fundamental)

difficulty

is

immediatelyy encountered : to calculate the velocity of the star relative
too

the

envelope

distributionn

it

is

necesary

to

in the giant. TBO make

assume

an

the assumption

angular
that

velocity

outside

orbitt of the star the angular velocity v e (r) varies with r

the

, so that

thee specific angular momentum is constant. This is based on the idea
thatt

convection

in

this

region

effectively

redistributes

angular

momentum.. (Note the difference with the MMH model in which convection is
assumedd to lead to solid body rotation). Inside the orbit the rotational
velocityy is assumed to be given by

v e (r)) = v e (a) exp -( - ~ f
a a

(11)

too mimiek the effects of a diffusion process. In this way the angular
momentummomentum of the entire envelope can be derived from v (a), and the value
off this quantity is always chosen in such a way that the total angular
momentummomentum

of

star

and

envelope

remains

constant. Using

eq.

(7)

evolutionn of the orbit can be followed simultaneously with that of the
star.. (Energy source terms such as accretion onto the neutron star or
turbulentt viscous dissipation due to tides or differential rotation are
alsoo considered by TBO but are generally found to be less important than
thee frictional luminosity E d i .) TBO consider two cases: case i ) , in
whichh the common envelope forms while the 16 M 0 star is a yellow giant,
att the onset of He-burning. In this evolutionary phase the envelope is
radiative,, and not very extended. In case ii) the spiral in starts when
thee massive star has evolved to a red giant with an extended convective
envelopee (R-535 Rg,)
Inn the first case the neutron star spends most of the time in the
outerr envelope because the density is very low there, which makes the
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the

frictionall

energy

losses

very

small. After about

3 10

yr the

star

startss to enter denser layers, and the orbital decay time is drastically
reduced.. Because of the very large frictional luminosity (10
thee

temperature gradient

convectionn
transportt

sets
all

in.

heat

It

in the envelope becomes
is

found

deposited

that

in

the

this

super-adiabatic

convection

envelope

ergs/sec)

to

the

is

and

able

surface

to

in a

sufficientlyy short time, and so avoid a build up of thermal energy (and
pressure)) around the position of the neutron star that could drive off
thee envelope. The spiral-in continues until the neutron star is very
closee

to the He-core of the giant, and the layers around the neutron

starr have been spun up to the velocity of the neutron star. When the
relativee velocity

disappears the frictional luminosity drops to zero,

andd further evolution proceeds on the timescale of the tidal and viscous
dissipation.. In fact the situation becomes very similar to that in the
MMHH model. This is where TBO stopped the calculations.
Inn case ii) the neutron star passes through the outer layers of the
giantt much more quickly because the density is higher than in case i ) ,
andd the entire spiral in process takes only about 20 yrs. Similarly to
casee i) the frictional luminosity increases as the star enters denser
layers,, but now the low densities and temperatures in the extended red
giantt envelope cause T „ , the timescale for convective energy transport
-11
-3
too be much
orbitall
becomess

longer

separation
shorter

transportedd

than
Is

in case

reduced

than

x .

i) (10

to only

The

versus

10

yr). When

3.5 R Q the orbital decay

energy

deposited

can

no

the
time

longer

be

to the surface quickly enough, and a pressure build-up at

thee radius of the neutron star then causes the envelope to acquire large
outwardd velocities. When the calculations were stopped the layers just
outsidee the orbit had velocities in excess of the escape velocity.
Fromm these calculations it would appear that a simple recipe exists
too predict the outcome of spiral-in evolution, based only on the total
availablee energy and the efficiency of the convective energy transport.
Wee will see below, however, that this result is severely dependent on
thee assumption of spherical symmetry that TBO had to use.
Delgadoo (1980) performed calculations very similar to those of TBO,
butt now considering a binary consisting of a 25 M Q blue supergiant and a
11 ^

neutron

star.

In

this

work

it

is

argued

that

if

the

total

luminosityy of the giant exceeds the Eddington luminosity very large wind
masss loss
commonn

rates might occur that modify

envelope. To

test

the further evolution of the

this he calculated

138 8

the evolution using

the

expressionn for wind mass loss due to Chios! et al (1978), modified to
makee the mass loss increase by a factor 10
equall

when the luminosity becomes

to L e d < j. Because of numerical difficulties the evolution could

onlyy be followed to the time at which the neutron star had crossed 3.5
percentt of the mass of the giant, which at that time had expanded to
aboutt 12 times its original radius. The frictional luminosity at this
pointt

exceeded

the luminosity

at

the surface of the star, which led

Delgadoo to the conclusion that the outer part of the envelope would be
ejected,, and that further evolution would proceed in similar steps, the
neutronn

star

entering

the

giant

by a

small

mass

fraction

and

sub-

sequentlyy blowing this off. However, this is only conjecture which is
nott directly supported by the results of the calculations.

V.4.33 The model of Llvio and Soker

AA different, semi-analytical approach (but also based on the BondiHoylee

approximation

envelope)) was

taken

to

describe

by

Livio

the

and

interaction

between

Soker(1984a,b). They

star

and

modelled

the

commonn envelope evolution of a binary initially consisting
evolvedd

low-mass

(0.001-0.0255

(0.88 M Q ) giant

MQ)*

An

and a

advantage

of

companion

starting

with

of

of a very

planetary

such

a

mass

low-mass

companionn is that the use of the Bondl-Hoyle approximation is very well
justifiedd in this case because the accretion radius is much smaller than
anyy of the length scales associated- with the giant structure. Neglecting
alll

structural

changes

in

the

giant

envelope

(which

again

can

be

justifiedd by the small mass of the companion) they calculate the decay
off the orbit of the planet due to friction and tidal dissipation, and at
thee same time follow the change in mass of the planet due to accretion
andd

thermal

transferr

from

evaporation.
planet

planetss below a
determinedd

by

Cases

with

to envelope

certain

critical

and

without

angular
It

is

momentum

are

considered.

found

mass

(the exact value of which

the assumptions used) evaporate completely. Above

that
is

this

criticall mass accretion dominates, and the mass of the planet increases
whilee

it spirals

with,,

it

is

able

in. If the planet is sufficiently massive to start
to accrete

the

entire

envelope

(0.16

M ) before

collidingg with the core, and a binary consisting of a white dwarf and a
mainn sequence dwarf remains. Such a binary is an excellent candidate for
aa cataclysmic variable progenitor. The lower mass planets will collide
withh the giant core, presumably being disrupted in the process. Although
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somee

aspects

of

this

model may

be

far

from

reality,

such

as

the

assumptionn that the planet can accrete all matter falling on to it and
continuess

to obey a simple mass radius relation in spite of the high

temperaturee of the accreting gas, this scenario is a very interesting
onee in view of the probable ubiquity of the progenitor binaries.
Livioo and Soker also calculated a few cases in which the planet was
nott

circling

inside

the

giant

envelope

but

in

the

giant

wind,

to

investigatee whether spiral-in evolution can be induced by strong wind
masss losses. It was found that the planet always spiralled out, because
thee widening of the orbit caused by the reduction in mass of the giant
wass stronger than the decay due to friction. By comparing the timescale
forr spiral-out (which is equal to the wind mass loss timescale m /n^, m g
beingg

the mass

of

the giant and fl^ the wind mass loss rate) to the

orbitall decay time scale we find that spiral out results from wind mass
losss as long as

PP
Heree m

g
is the mass of the planet, a the ratio of the velocity of the

starr relative to the wind to the orbital velocity (a>l), and f3 the ratio
off the wind velocity to the escape velocity at the surface of the giant.
Wee can see that this expression is independent of the actual wind mass
losss

rate.

conditionn

Since

in most

is generally

cases m

will be much larger

well satisfied

unless

than m p

the

p « l , i«e. the wind

is

extremelyy slow.

V.4.44 The model of Tutukov and Yungelson

Forr completeness we should also mention the paper by Tutukov and
Yungelsonn

(1979),

who also attempt

a

semianalytical

approach

to the

spiral-inn problem. Unfortunately, the physical basis used in this work
iss incorrect, since the authors assume that the frictional force between
starr and envelope scales with the relative velocity squared, which is
correctt for a solid non-gravitating body moving through a gas, but not
forr

gravitational

approximatelyy

accretion

flow,

in which

this

force

scales

with

the inverse of the relative velocity squared (see eq. 5

andd 6 ) . For this reason we shall not consider this model any further.
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V.4.55 A two-dimensional model

Thee most
spiral-inn

recent development

evolution

has

in the study

been

the

of common

application

of

envelope

or

two-dimensional

numericall hydrodynamics (Bodenheimer and Taam, 1984, hereafter BT). The
greatt difficulty in this type of calculations is the variety of length
andd time scales that is involved. To describe the structure of the giant
properly,, very small zones have to be taken near the core of the giant,
wheree

density

and

Courant-Friedrichss

temperature
condition

change

on a

small

length

scale. The

for stability of any explicit method for

thee solution of the hydrodynamical equations requires that the time step
bee smaller than the sound crossing

time of a grid zone. Since in the

zoness

temperature

closest

to

the

core

the

(and

hence

also

the

soundspeed)) is largest, the stability of the calculations in these inner
regionss require such small timestepe that following the entire common
envelopee

phase

becomes

impossible

in

terms

of calculation

time. To

investigatee the possible effects of dropping the assumption of spherical
symmetryy anyhow, BT therefore considered the following limited problem.
Theyy started with a one-dimensional giant model from the calculations of
TBO,, taken at a time when the neutron star had already spiralled in very
closee to the core, and had an orbital period sufficiently short that the
computationn could cover at least one orbital period. This giant model
wass then transferred to a two-dimensional grid in the (r,z) coordinates
off a

cylindrical

(r,$,z) coordinate

system.

(In this way

rotational

symmetryy about the orbital angular momentum vector is assumed) To avoid
extremelyy small timesteps the core of the giant was then replaced by a
pointt

mass

and

computationall

a

solid

effort

was

inner

boundary.

reached

by

not

Further

reduction

including

the

of

entire

the

giant

envelopee in most calculations, but only the inner part. This does not
influencee the results, since even with these simplifications the time it
tookk for the induced motions to reach the edge of the grid (1-2 orbital
periods))

was

about

all

that

could

be

calculated.

One

model

was

constructedd on a larger grid in which the entire envelope was included,
too check if any unexpected events occurred in the time that the motions
neededd to reach the surface of the star. The energy and angular momentum
transferredd from orbit to envelope by friction, which are calculated in
thee same way as by TBO, is distributed over an annular region consisting
off the

four zones

gravitationall

closest

potential

to the

position of

is calculated by
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the neutron

solving

star. The

the Poisson equation

simultaneouslyy
resultss

is

with

the

illustrated

hydrodynamlcal
in

figs

equations. An

8a ,b where

example

the velocity

and

of

the

angular

momentumm distribution in the red supergiant envelope after slightly more
thann one orbital period is shown. It is found that an equatorial outflow
develops,,

in which

the velocities

after

some

time

exceed

the local

escapee velocity. Physically, this result can be understood as follows.
Materiall close to the position of the neutron star first receives a kick
inn

the

direction

outwards..
relativee

The

of

effect

the
of

to the velocity

orbital
this

motion,

initial

gained by

which

kick

will

make

soon becomes

the buoyancy

it

move

unimportant

force acting

on the

material,, because it has also been heated by dissipation, and has gained
ann entropy excess relative to its surroundings. Since the Mach number of
thee

relative motion between star and

envelope

is not very high (see

fig.. 6) the thermal energy gained by the material is of the same order
ass the original thermal energy, and hence the buoyancy force is of the
samee order as the local gravitational force, but working in the opposite
direction.. Hence the material is accelerated

radially outward with an

accelerationn comparable to the local gravitational acceleration. Since
thee outer layers are already convectively unstable, this acceleration
cann continue over a long
forcess

path. This description in terms of buoyancy

(which is not used by BT) gives an explanation of the gradual

accelerationn
velocitiess

of

material

exceeding

the

from
local

the

vicinity

escape

of

velocity

the

neutron

further

out

star

to

in

the

envelope.. It is interesting to note that the buoyancy mechanism does not
operatee when the relative motion is subsonic, because in this case the
entropyy of the matter passing close to the star does not increase very
much. .
Inn the work of TBO it was found that the spin-up of the layers in
thee envelope around the neutron star reduced the relative velocity, and
hencee

the

materiall

rate

of

orbital

decay.

In

the

two-dimensional

models

the

that receives the angular momentum immediately moves outwards

andd is replaced by low angular momentum material. This means the spiralinn will
case..

proceed

The

even more

simplifications

rapidly
made by

than
BT

in the spherically

that will

probably

symmetric
affect

the

outcomee of their calculations most severely are:
1)) The symmetric, hydrostatic starting model. Since the structure of the
envelopee changes completely in one orbital period, this can not be
consistentt with the earlier evolution. Especially he effectiveness of
thee buoyancy forces may depend on the initial hydrostatic structure.
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Fig.. 8a. The velocity field in the giant envelope as calculated by
Bodenheimerr and Taam (1984), with a two-dimensional hydrodynamics code.
Thee largest velocties exceed the local escape velocity.
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Fig.. 8b. A contour plot of the angular momentum distribution in the same
modell as fig. 8a. Since the initial angular momentum distribition was
independentt of z, the height above the equatorial plane, the circulation
patternn from 8a can also be traced in the deformation of the contours.
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2)) The short computed time interval. Since this interval is even shorter
thann one dynamical time of the envelope, one can not really conclude
fromm the present results what the flow pattern developingon a longer
timescalee will be like.
3)) The

rotational

properlyy

symmetry. Even

described

by

a

if

the

initial

cylindrically

evolution

symmetric

model

could

be

which

is

followedd by a very sudden increase in frictional luminosity as the
starr hits denser layers near the giant core, the change in envelope
structuree

in one

orbital period

is not consistent with

rotational

symmetry. .
4)) The size of the region in which the energy and angular momentum is
deposited..

For

unclear

reasons

BT

chose

this

region

to be

much

smallerr than the accretion radius of the neutron star. If the energy
iss distributed over a much larger amount of matter smaller pressure
gradientss and hence smaller outflow velocities might result.

Inn

view

of

these

difficulties

the

results

of

the

two-dimensional

calculationss should not be used quantitatively. The conclusion that onedimensionall models can not describe the dominant physical processes is
howeverr very firm.

V.55 CONCLUSIONS

Wee conclude that the detailed studies of common envelope evolution
madee

so far have yielded

no more

than an

inventory

of

the

physical

processess that may be involved. The main difficulty is the complexity of
thee three-dimensional hydrodynamics with very different length- and time
scaless that is involved. This can probably only be resolved by using
numericall techniques, on a scale which is presently unattainable.
Returningg to the question posed In the introduction regarding the
outcomee of common envelope evolution, we can now conclude that there is
noo

justification whatsoever for the assumption

energyy

liberated

by

the

spiral-in

that the gravitational

Is efficiently

used

to eject

the

envelope,, which is the basis of most predictions of the outcome of the
CEE phase (Chapter III.2, Iben and Tutukov 1984). In the 1-D models it is
foundd that most of this energy is radiated away, in the 2-D models (at
leastt

as

far as

efficientlyy

used,

can be
since a

judged
small

from the present

results) it is not

fraction of the mass carries away a

largee excess of energy.
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Stellingenn behorende bij het proefschrift
"Modelss of Interacting Binary Stars"
1.. Het door Sawada et al. 1n hun numerieke bereklngen gevonden effect
datt de hoge effectieve viscositeit 1n accretieschijven In dubbelsterren
hett gevolg 1s van door de begeleider geïnduceerde spiraal schokken
verdientt meer aandacht dan het tot nu toe heeft gekregen.
Sawadaa et al. 1985, HNRAS 219, 75
2.. Een niet verwaarloosbare fractie van het aantal planetaire nevels Is
bijj het ontstaan beïnvloed door het feit dat de reus die zijn omhulsel
verliest,, onderdeel uitmaakt van een dubbelster.

3.. De conclusie van Matsuda et al. dat accretie van impulsmoment door
eenn neutronenster uit de sterrenwlnd van een begeleider zowel spln-up
alss spin-down kan veroorzaken, zelfs als de sterrenwlnd azlmuthaal
symmetrischh 1s, 1s gebaseerd op een onjuiste veronderstelling.
Matsudaa et al., preprint Kyoto University
4.. Het aanduiden van met elkaar 1n contact gekomen supernovarestanten
alss "tunnels" gevuld met heet gas, heeft bij veel mensen aanleiding
gegevenn tot een verkeerd beeld van de structuur van het interstellaire
medium. .
D.P.. Cox and B.W. Smith, 1974, Ap. J. 189, L105
5.. Een analytische oplossing van een fysisch probleem verschaft niet
altijdd meer Inzicht dan een numerieke oplossing.

6.. Sterrenkunde en bergbeklimmen hebben met elkaar gemeen dat zij wel
degelijkk een bepaalde romantiek in zich dragen, maar dat deze in de
dagelijksee praktijk ver te zoeken valt.

7.. Het opleggen van de feitelijke dienstplicht aan één bepaalde groep
Nederlanderss is een historisch gegroeide, maar naar huidige maatstaven
onacceptabelee vorm van rechtsongelijkheid.

8.. Christelijke politiek 1s principieel ondemocratisch, aangezien zij,
alss zij haar grondslagen serieus neemt, nooit de volkswil zal kunnen
aanvaardenn als deze 1n tegenspraak 1s met 1n de Bijbel vastgelegde
regels. .

9.. Het 1s didactisch niet verantwoord om studenten bij het vak
practlschee numerieke wiskunde uitsluitend gebruik te laten maken van
kant-en-klaree routines uit een numerieke bibliotheek.

10.. Een weerkaart van het gehele noordelijk halfrond verschaft veel meer
Inzichtt dan een kaart die slechts Europa of zelfs alleen de nabije
omgevingg van Nederland weergeeft.
H.H.. Lamb, "Climate, Present, Past and Future", Methuen Press
11.. Gezien de mate waarin de sociaal-economische voorspellingen van het
Centraall
Planbureau
1n het verleden zijn uitgekomen 1s het
verbazingwekkendd hoeveel aandacht er in de media aan besteed wordt.

Marthljnn de Kool

Amsterdam,, 3 juni 1987
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