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Introductionn and Summary

Sincee most stars are members of binary or multiple stellar systems
(50%-100%;; Abt, 1983), the study of binary systems is an important topic
inn astronomy* Many different types of stars are gravitationally bound in
nature,, and a great diversity of astrophysical phenomena result from
interactionss between binary components»
Onee group of interacting binaries of great interest is that of the
low-masss close binary systems with a compact component. Such systems
consistt of a low-mass (i.e. M w < 2.3 M 0 ) mostly hydrogen-burning star
accompaniedd by a white dwarf, a neutron star or possibly a black hole.
Whenn the low-mass (mostly hydrogen-burning) star tranfers mass towards
itss compact companion, phenomena such as nova-outbursts, strong emission
off X- (and possibly Gamma-) radiation, periodic and quasi-periodic
opticall and/or X-ray oscillations and even supernova-explosions may be
observedd as a result of the deposition of matter onto the compact
component. .

Althoughh some 170 low-mass interacting close binaries containing a
compactt object have been observed (Ritter, 1987), the formation of these
systemss is still poorly understood and probably a very rare phenomenon.
Nevertheless,, it is clear that the compact component is the remnant of
thee originally most massive star of the system, the so-called original
primary.. Furthermore, the generally very short orbital periods of these
low-masss close binaries strongly indicates that extensive loss of
orbitall angular momentum (and mass) must have taken place in the
formation-stagee of the system (Eggleton, 1986)•
AA very efficient process of extraction of angular momentum from a
binaryy system is friction while it is imbedded in a common envelope.
Suchh a situation may ensue when the expanding primary has become a giant
starr and starts transferring mass towards its (much) less massive
companion.. Since mass transfer occurs from the more massive star towards
thee less massive star, the process of mass transfer is unstable and very
rapidlyy the binary separation decreases. Soon, the giant's envelope
engulfss the low-mass companion and forms a common envelope around both
thee nuclearly processed core of the giant and the low-mass companion.
Thee latter process is accompanied by strong mass loss from the system
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throughh the outer Lagrangian points, if the mass ratio of the progenitor
systemm is < 0,3 to 0.4 (Packet, 1988). Detailed studies of commonenvelopee evolution are beyond the scope of this project and none of the
attemptss made so far have been able to predict the outcome of such a
phasee with any degree of credibility (de Kool, 1987). Nevertheless, one
cann demonstrate (see e.g. Webbink, 1984) that the final system has a
relativelyy small orbit and consists of the original secondary,
accompaniedd by the compact core of the- original primary. The envelope of
thee primary, which formed the common envelope has thereby been removed
fromm the system.

Dependingg on the orbital period of the low-mass close binary system
afterr the common-envelope phase, the subsequent evolution of the system
iss determined by either the nuclear evolution of the low-mass hydrogen
burningg star (i.e. the secondary), which causes a slow expansion of this
star,, or by orbital angular-momentum loss (AML) from the system, which
leadss to a decrease of the orbital period. Both processes decrease the
separationn between the surface of the secondary star and its surrounding
Roche-lobee and inevitably, a new mass-transfer phase will ensue. If
stellarr expansion occurs more rapidly than the contraction of the Rochelobee due to orbital angular-momenturn losses, i.e. if the evolutionary
timescalee of the secondary, T

t is shorter than the timescale for

angularr momentum loss, t A M I , the mass-transfer phase is likely to be
governedd by the expansion of the secondary star and will lead to an
increasingg orbital separation of the binary. Alternatively, if xAM- is
lesss than T V , the mass-transfer phase is determined by the orbital
angularr momentum losses and the binary period will decrease secularly.
Inn this work, these two types of binary systems will be referred to as
divergingg and converging systems, respectively.

Partt of this work is devoted to a study of the combined effects of
thee secondary's nuclear evolution and the orbital angular momentum
lossess on the evolution of these low-mass close binary systems* We will
introducee a critical initial orbital period pbif' which separates the
systemss with initial orbital period P ± > P bif , and those with P i < Pfaif,
andd which evolve as diverging and converging systems, respectively.
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Variouss mechanisms for orbital angular momentum loss in low-mass
closee binary systems have been proposed. The process of gravitational
radiation,, in which gravitational waves are emitted from the system at
thee expense of the orbital energy (landau and Lifschitz, 1959) occurs in
alll binary systems, but becomes an effective mechanism for angular
momentumm removal only in close binary systems for which the orbital
periodd does not exceed a few hours (Paczynski, 1967; Taam et al., 1980;
andd references therein). Although the process of gravitational radiation
iss very effective and even dominant in some specific evolutionary phases
off very close low-mass binaries, it has been shown to be insufficient to
explainn the observed mass-transfer rates in cataclysmic variable
binariess and low-mass X-ray binaries with orbital periods of a few hours
too about half a day (Patterson, 1984).
Thee existence of a second, more efficient mechanism for orbital
angularr momentum removal can be inferred from the rotational
characteristicss of single low-mass main-sequence stars that have a
convectivee envelope. Observations show that the rotation of such stars
iss braked on a relatively short timescale of order 10 7 to 10 8 yrs
(Skumanich,, 1972; and references therein).
Inn a close binary, such braking will also occur but tidal forces
willl continuously attempt to spin up the braked star, to restore corotationn with the orbital motion (Huang, 1966). As a result, orbital
angularr momentum will continuously be fed into the rotation of the mainsequencee component and then be lost by means of the rotational braking
mechanismm (Verbunt and Zwaan, 1981).
Inn order to understand the evolution of low-mass close binaries, it
iss essential to study the mechanism of rotational braking by means of a
magneticallyy coupled stellar wind of single low-mass stars and derive
thee physical parameters which determine this process.
Forr this reason, part of this work is also devoted to the study of
thee evolution of single low-mass stars, with rotational braking.

Thiss work can be divided into the following three main parts:
1)) Studies of the evolution of single low-mass stars with rotational
brakingg (Section 1.1).
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2)) Studies of the evolution of low-mass close binaries with a compact
componentt in which mass transfer is driven by interior evolution and
angularr momentum losses (Section 1.2).

3)) Studies of the spin evolution of magnetized neutron stars in low-mass
closee binaries with a special aim to understand the origin of the
millisecondd pulsars in binaries (Chapter II). In this Chapter, the
computationall results obtained in Section 1.2 are applied to observed
systems// in order to understand the rotational status of the neutron
starr in these systems•

Wee now briefly summarize the contents of each of these three parts
off this work.

1.. The Internal and rotational evolution of single low-mass stars
(sectionn 1.1) •

Sincee the original suggestion by Schatzmann (1962), enhanced
magneticc activity (and hence stellar rotational braking) has been shown
too be present in all main-sequence stars with color-index B-V > 0.4, in
subgiantss with 0.4 < B-V < 0.6 and giants with B-V > 0.6 (Rutten, 1986,
1987).. Direct comparison of these observational properties with the
evolutionn of the internal structure of low-mass single main-sequence
stars,, subgiants and giants indicates that the extent of the convective
envelopee can, in a first approximation, be used as a single parameter
forr the occurrence of magnetic braking (Pylyser and Savonije, 1988a).
Main-sequencee stars with mass M w > 1.25 M 0 do not have convective
envelopess sufficiently extended to yield magnetic braking. However, in
thee course of their evolution towards the giant stage, the convective
envelopee grows towards the center of the star and rapidly exceeds the
minimumm extent necessary to sustain magnetic braking.
AA study of the evolutionn of the rotation rates of subgiants (Rutten
andd Pylyser, 1988) indicates that the observationally derived rotationrate/agee relation derived for G-type main-sequence stars (Skumanich,
1972;; Smith, 1979; Soderblom, 1983), also approximately describes the
evolutionn of sub-giant rotation rates. Indeed, reconstruction of the
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distributionn of rotational velocities of low-mass subgiants and giants
onlyy in terms of changes in the moments of inertia during stellar
evolution,, was successfull for giants, but necessitated the inclusion of
thee process of magnetic braking in the case of subgiants.

2.. The evolution of low-mass close binaries (Section 1.2).

a.. Model computations.

Thee above obtained results on the rotational evolution of single
low-masss stars allow for an extension of low-mass binary calculations
towardss higher initial masses and more evolved initial states of the
secondaryy component.
Soo far, such calculations included gravitational radiation
(Paczynski,, 1967; Faulkner, 1971; Taam et al., 1980; and references
therein),, and if magnetic braking was included, the initial mass of the
hydrogen-burningg component was chosen to be less than about 1.25 M.
(Taam,, 1983; Iben and Tutukov,1984),

since

more massive

stars have

B-VV < 0.4, and were thought not to have magnetic braking.
Inn the present study, the mass-losing component is assumed to be
moree massive (up to 2.0 M 0 ) . Such stars normally do not have extended
convectivee envelopes until they become (sub)giants and are therefore not
expectedd to be subject to magnetic braking. However, during the phase of
mass-transfer,, we follow the evolution of the extent of the convective
envelopee of the secondary and whenever the critical extent is exceeded,
magneticc braking according to the description of Verbunt and Zwaan
(1981)) is included in the binary calculations.

Thee numerical calculations performed in Chapter I indicate that the
bifurcationn period varies between about 0.5 and 0.7 days, depending on
thee initial masses of both components. For a given mass of the compact
star,, the bifurcation period is only a function of the mass of the donor
star,, but for each value of the stellar mass of the donorstar, it
correspondss to a different initial evolutionary state of this star. For
example,, in the case that the secondary star is initially a 1.0 MQ-star,
itt may have developed a small helium core at the onset of mass transfer
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andd subsequently still form a converging binary system, while an
initiallyy 2.0 M 0 donor star should not have evolved to a core-hydrogen
abundancee X

< 0.30, in order to evolve as a converging system.

Iff the extent of the convective envelope exceeds its critical
value,, the evolution of a converging system and the mass-transfer rate
betweenn both components of such a system is at first governed by the
processs of magnetic braking. This situation lasts until either the
orbitall period of the system has become so short that the process of
angularr momentum loss, due to gravitational radiation becomes dominant,
orr the support of the magnetic field, i.e. the underlying radiative
layerr (Parker, 1955), disappears .when the secondary becomes fully
convectivee (Robinson et al., 1981; Spruit and Ritter, 1983; Rappaport et
al.. , 1983). From then on, the evolution of the converging system is
determinedd by gravitational radiation only.
Iff the star is on the Zero Age Main-sequence (ZAMS) when it becomes
fullyy convective, the calculations show that it has a mass of about 0.3
MQQ when rotational braking stops, and that the star briefly detaches
fromm its Roche-lobe. Although it is often argued that the subsequent
detachedd phase corresponds with the observed period gap of cataclysmic
variabless between 3 and 2 hours, the calculations show that the
scenarioss provided so far in order to model the period gap are either
insufficientt or incorrect, since they fail to reproduce the observed
extentt of the period gap. Furthermore, in converging systems in which
thee mass-losing component is not a ZAMS star, the secondary does not
becomee fully convective at the observed upper limit of the period gap,
butt at a lesser value of the orbital period, and the subsequent detached
phasee is systematically shorter and less evident in case of more evolved
secondaryy stars.
Despitee the above failures in modelling the period gap in detail,
thee evolutionary results for converging binaries with P

b

> 3 hours,

forr which magnetic braking is believed to determine the mass-transfer
ratee and govern the evolution of the binary, provide theoretical
characteristicss that are qualitatively in good agreement with the
observedd ones. The calculations indicate that the presence of secondary
starss with different evolutionary states in the sample of observed
systemss may contribute to the observed large spread in M as a function
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off the orbital period Porjj» The upper bound of the observed distribution
off systems in the M/Porl5 plane is then produced by the presence of
systemss with Zero Age Main-Sequence donor stars while the lower bound is
producedd by systems with more evolved donor stars, which probably had an
initiall period P^^ close to (but shorter than) the corresponding
bifurcationn period P b i f • An explanation is presented why the process of
magneticc braking is of essential importance to explain these observed
characteristicss (Pylyser and Savonije, 1988b).
Gravitationall radiation becomes dominant when the orbital period of
thee system becomes shorter than about 2 hours, even if it is assumed
thatt the process of magnetic braking is still present. Whenever the
decreasingg time seale of gravitational radiation becomes comparable to
thee increasing thermal timescale of the continuously mass-spilling
secondaryy star, the donor star departs from thermal equilibrium.
Independently,, nuclear burning in the core of the star fades and the
starr becomes degenerate, which causes it to subsequently expand as
reactionn to mass loss. As a result, the binary period begins to increase
andd the strong departure from equilibrium terminates. It has been shown
thatt the minimum orbital period attained is about 80 minutes, if the
donorr star has a core-hydrogen abundance X

= 0.7, and about 40 minutes,

iff X c « 0.00 (Paczynski, 1981; Pappaport et al., 1983; Paczynski and
Sienkiewicz,, 1981).

Binaryy systems starting mass-transfer with P^ > SV^f contain
secondaryy stars which are relatively evolved (i.e. X

< 0.33 for a

2.00 MQ-star and X c < 0.07 for a 1,5 M0-star; see Pylyser and Savonije,
1988a).. These stars will develop a helium core during the mass-transfer
phase.. Such binary systems can then be observed as wide cataclysmic
variabless if the compact component is a white dwarf or as bright lowmasss X-ray binaries, if it is a neutron star (Webbink et al., 1983).
Althoughh binary systems with P ± close to P b i f are still subject to
significantt angular momentum loss due to magnetic braking, the
importancee of magnetic braking during the mass-transfer phase decreases
withh increasing initial period p. and may be regarded as almost
insignificantt for P. > 1.3 days.
Whenn due to mass transfer, the hydrogen-rich envelope of the
secondaryy has been exhausted, the remnant helium core shrinks within its
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Roche-lobee and mass transfer terminates. If the compact component in the
systemm is a neutron star, it stops accreting and starts radiating away
itss rotational energy, due to magnetic dipole radiation. The system can
thenn be observed as a binary radio pulsar (Paczynski, 1983; Savonije,
1983;; Rappaport and Joss, 1983). This subject is considered in Chapter
III (see below).

b.. Applications to observed systems.

Ass an application of both the semi-analytical and the numerical
descriptionss of the evolution of low-mass close interacting binary
systems,, we examine and discuss in section 1.2 the evolution and current
statuss of some observed systems. In summary, the results are as follows.

(i)) The binary system A0620-00 is a transient X-ray source with a
possiblee recurrence-time of about 70 years. The orbital period is
7.755 hours, the spectral type of the secondary is K5V and more
interesting,, the compact component is the best binary black-hole
candidatee known at present, its mass being > 3.2 M 0 (McClintock and
Remillard,, 1966). In a first approximation, the evolution of the system
wass approached serai-analytically (de Kool et al., 1986). These authors
foundd that the primordial system consisted of a 40 M 0 star and a 1.0 M Q
companionn with an orbital period of about 500 days. Assuming that the
systemm survived the common-envelope phase and the supernova-explosion of
thee massive component and that during the subsequent and presently
observedd phase, the mass transfer is driven by gravitational radiation
only,, limits on some binary parameters could be obtained. They found
thatt the initial secondary and primary mass were < 2.0 M Q and between 27
too 46 f^j, respectively.
Inn a second refined investigation, some of these limits were reexaminedd with the use of numerical calculations, including angular
momentumm losses due to magnetic braking (Pylyser and Savonije, 1988a).
Itt was found that the presently observed secondary has a mass of about
0.433 MQ and can have developed a small He-core of about 0.01 M , even
beforee mass transfer started. The initial mass of the secondary must
havee been between 1.0 to 1.5 M Q and the latest mass-transfer phase
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startedd when the system had an orbital period of about 0.55 days.

(ii)) A discussion is given on the evolution of the low-mass binary
radioo pulsar PSR 1831-00, which, according to Dewey et al. (1986), has a
whitee dwarf secondary component with a mass of 0.06 to 0.13 M and an
orbitall period of 1.8 days. We find that the mass of the white dwarf
couldd be somewhat higher, i.e. 0.17 to 0.20 M @ . Mass transfer must have
startedd when the system had an orbital period of about 0.75 days, very
closee to the corresponding bifurcation period.

(iii)) The numerical calculations simulating the evolution of
convergingg systems, indicate that the ultra-compact binary systems
4U1626-67,, G16-29, 4U1916-05 and 1E2259+59, which all have orbital
periodss < 1 hour), contain secondaries which are most likely severely
hydrogen-exhaustedd (i.e. X

* 0.0; Savonije et al., 1985; Nelson et al.,

1986;; and references therein).

(iv)) Cen X-4, a system with an orbital period of 15.1 hour and a
mostt probable secondary-mass of 0.05 to 0.20 M 0 possibly is a system
closee to the end of mass transfer, with a mean rate of mass transfer of
aa few 10"

MQ/yr (Chevalier et al., 1988). The secondary in the system

mustt have started mass transfer when the binary period P^ was very close
to,, but longer than P b i f and the initial mass of the secondary was then
probablyy higher than 1.5 M 0 .

(v)) We further present indications that the observed
characteristicss of Sco X-1 may be in accordance with a present
evolutionaryy phase at the very end of a rapid mass-transfer phase,
whichh occurs whenever the initial mass ratio q is > 1. The initial
secondaryy and primary component-masses can then have been 1.5 and
1.00 MQ, respectively.

(vi)) Finally, we suggest that the cataclysmic variable GK Per,
whichh has an orbital period of 2 days, is in a stage preceding the
formationn of a low-mass X-ray binary by accretion-induced collapse of a
massivee white dwarf. The secondary has a mass of about 0.26 to 0^35 M
andd is likely to have developed a He-core of about 0.15 M~.
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3.. Spin-period variation of neutron stars due to aass-accretion
(Chapterr II).

a.. Modelling the spin-up evolution of neutron stars in low-mass close
binaries. .

Thee mass lost by the hydrogen burning low-mass star flows through
thee first Lagrangian point towards the conpact component, around which
itt will form an accretion disk. In Chapter II, we study the evolution of
thee spin period of the neutron star as a consequence of the accretion of
matterr with angular momentum. In these considerations, it is essential
too know the evolution of both the neutron star magnetic field and the
mass-accretionn rate, and to employ an appropriate description for the
accretion-torquess resulting from the interaction between the accretion
diskk and the magnetosphere (see e.g. Ghosh and Lamb, 1978, 1979). An
essentiall parameter in this analysis is the so-called "equilibrium" spin
period,, at which the accretion torques and spin-down torques cancel one
another. .
Thee evolution of the magnetic field of a neutron star is still a
matterr of debate, the question being essentially whether the surface
magneticc field decays with time or not (Taylor and Stinebring, 1986; van
denn Heuvel et al., 1986; Kundt, 1988). In this work, we will assume that
11 2

neutronn stars are born with strong magnetic fields of about 10
to
13 3
100
Gauss which decay in the course of time. Observations of radio
pulsarss in low-mass binaries (Kulkarni, 1986, 1987) then indicate that
thee field decay does not continue indefinitely, but stops when a
88
11
"bottom"-valuee of between 5. 10 and about 10

Gauss is attained. It is

possiblee that the strong initial field is the "crustal" field of the
neutronn star, while the "buttons-value corresponds with the field
associatedd with the superconducting interior of the star. The crustal
fieldd is believed to be formed at the birth of the neutron star and is
66
7
thoughtt to decay on a timescale of 10 to 10

years (Lyne et al., 1985),

untill the "bottom"-value is attained (cf. van den Heuvel et al., 1986).
Thus,, depending on the age of the neutron star, either the crustal or
thee core field are observed.
Forr the evolution of the mass-accretion rate onto the neutron star,
thee results of Chapter I are used. As long as the accretion-rates onto
11 1

thee neutron star are not super-Eddington, one may assume that all mass
lostt by the low-mass companion is accreted by the neutron star. Since
thee evolution of the numerically obtained mass-accretion rates may be
quitee different from those obtained (semi-) analytically (see e.g.
Webbinkk et al., 1983), it appeared to be interesting to extend and
improvee previous spin-evolution calculations, such as those performed by
dee Kool and van Paradijs (1987).
Qualitatively,, the spin-evolution of a neutron star, formed during
ann accretion-induced collapse of a massive white dwarf, can be divided
intoo three phases:
1)) spin-down due to magnetic dipole radiation during the detached phase
followingg the accretion induced collapse;
2)) spin-up and/or spin-down due to mass-accretion when the mass-transfer
phasee resumes;
3)) as in 1) when the hydrogen envelope of the donor star has been
exhausted,, and mass-transfer is terminated.

Accordingg to our calculations, the spin-evolution of the neutron
starr during the mass-accretion phase can in general be divided into
threee phases:
i)) evolution "in equilibrium" (i.e. with a spin-period equal to the
"equilibrium"" period) when the magnetic field of the neutron star has
nott yet decayed significantly. This phase lasts for about one field
decayy timescale.
ii)) evolution "out of equilibrium" (i.e. slower than with the
"equilibrium"" period) when the magnetic field is rapidly decaying, until
itss bottom-value is attained. This phase can last for a few times
100 years, depending on the precise value of the core field,
iii)) evolution "in equilibrium" again, when the bottom-field has been
reached.. During this phase, the spin-evolution of the neutron star is
completelyy determined by the evolution of the mass-accretion rate.
Bothh spin-up and spin-down phases can occur, depending on the rate of
changee of the mass-accretion rate. As a consequence of long-lasting
phasess of a decreasing mass-transfer rate, the neutron star can spin
g g
downn on a timescale of several times 10 years.
If,, however, the accretion phase is relatively short, due to a
largee accretion rate and a low amount of envelope mass available for
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transfer,, it is possible that the neutron star does not evolve through
phasee iii) or even phase ii).

b.. Applications to observed systems.

Thee neutron star in the low-mass binary radio pulsar system
PSRR 1855+09, which has an orbital period of 12.3 days, rotates with a
periodd of 5.36 milliseconds and has an approximate magnetic field
strengthh of 3.3 10

Gauss. The white dwarf companion has been observed

andd has a mass of about 0.2 to 0.4 M 0 and an effective temperature of
aboutt 5900 K (Wright and Loh, 1986), which indicates that it is very old
g g
(severall times 10 yrs). Consequently, the neutron star is also very old
andd its observed magnetic field strength is the strength of the core
field.. From the numerical calculations performed by Pylyser and Savonije
(1988a),, the evolution of the mass-transfer rate in the previous lowmasss X-ray binary phase can be inferred and used in the spin period
calculationss for the neutron star in this system. Assuming a standard
formation-scenarioo for the system, i.e. the formation of a neutron star
inn an accretion induced collapse followed by a mass-transfer phase until
thee hydrogen envelope is exhausted, and a standard decay scenario for
thee magnetic field of the newly-formed neutron star, it is possible to
modell the evolution of the spin period of the neutron star*, leading to
thee presently observed rotational status of the pulsar. Our calculations
indicatee that a minimum amount of mass of 0.04 M 0 must have been
accretedd by the neutron star at a rate of at least about 7. 10~ 10 M0/yr,
whichh indirectly suggests that the initial mass of the donor star must
havee been less than 1.5 M .

Thee spin period and period derivative of the low-mass binary radio
pulsarr PSR 1831-00, which has an orbital period of about 1.8 days,
indicatess that the neutron star in this system has an age of a few
100

years. The bottom-field in this system is found to be 8. 10 1 0 Gauss.

Wee find that the mass-transfer rate in a low-mass X-ray binary, which
terminatess mass-transfer with an orbital period of 1.8 days is almost a
factorr 10 too low to spin up a magnetized neutron star to a period of
aboutt 0.52 seconds, as observed, since the expected equilibrium period
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iss > 1 second. We suggest an alternative formation-scenario in which the
neutronn star was formed during an accretion-induced collapse after which
itt did not accrete matter any more. This is expected to be the case if
thee rotational period of the newly formed neutron star was in the
millisecondd range, a scenario in which the remaining hydrogen-envelope
off the orbiting secondary is "evaporated" and lost from the system (van
denn Heuvel and van Paradijs, 1988; Phinney et al., 1988; Kluzniak et
al.,, 1988; Ruderman et al., 1988).
Finally,, in the last part of section II.1, we briefly analyze the
observedd rotational characteristics of the X-ray pulsars Her X-1, GX1+4,
4U1626-677 and 1E2259+59 in the context of neutron-star spin-period
evolution. .

c.. On the relation between low-mass X-ray binaries and binary radio
pulsars. .

AA determination of the birth-rate of wide low-mass X-ray binaries
and,, independently, low-mass binary radio pulsars by Kulkarni and
Narayann (1988) indicates that possibly not all low-mass binary radio
pulsarss have to be the remnants of low-mass X-ray binaries. This holds
especiallyy for the relatively short orbital period systems (i.e. P o r b
aboutt a few days or less).
Ass the mean characteristics of wide-low-mass X-ray binaries and
theirr mass-transfer rates, obtained from our numerical calculations, are
quitee different from those obtained with analytical methods, we repeated
thee analysis by Kulkarni and Narayan, using our new results. We show
thatt the discrepancy between the birth rates of both kind of short
orbitall period systems is considerably smaller than that obtained by
Kulkarnii and Narayan (1988; i.e. a factor 40 versus 300-2000,
respectively).. The disrepancy may possibly even be insignificant, if we
assumee that part of the hydrogen-rich envelope of the secondary
companion,, instead of being transferred towards the neutron star can be
"evaporated"" from the secondary by the large impinging energy flux of a
nearbyy millisecond pulsar. The X-ray lifetime of a low-mass X-ray binary
cann thereby be shortened significantly, while simultaneously, the radio
lifetimee of the system increases. This brings the birthrates of the two
typess of systems in better agreement.

14 4

References s
Abt,H.A.:: 1983, Ann. Rev. Astron. Astroph. , 21, 343
Chevalier,C.,, Ilovaisky,S.A., van Paradijs,J., Pedersen,H., van der
Klis,M.:: 1988, submitted to Astron. Astroph.
dee Kool,M. , van den Heuvel,E.P. J., Pylyser,K.H.P.: 1986, Astron.
Astroph.,, 183, 47
dee Kool,M.: 1987, Ph.D. .Thesis, University of Amsterdam
dee Kool,M., van Paradijs,J.: 1987, Astron. Astroph., 173, 279
dee Kool,M., van den Heuvel,E.P. J. , Pylyser,E.H.P.: 1986, Astron.
Astroph.,, 183, 47
Dewey,R.J.,, Maguire,C.M., Rawley,L.A., Stokes,G.H., Taylor,J.H.:
1986,, Nature, 222, 712
Eggleton,P.P.:: 1986, in "The evolution of Galactic X-ray Binaries",
Eds.. Truemper,J. et al.. Reide 1 Publ. Comp. , Dordrecht
Faulkner,, J.: 1971, Astroph. J. Lett., 170, L99
Ghosh,P.,, Lamb,F.K.: 1978, Astroph. J. (Lett.), 223, L83
Ghosh,P.,, Lamb,F.K.: 1979, Astroph. J., 234, 296
Huang,S.S.:: 1966, Ann. d'Astroph., 29,331
Iben,I.Jr.,, Tutukov,A.V. : 1984, Astroph. J., 284, 719
Kluzniak,W.,, Ruderman,M. , Shaham,J., Tavani,M. : 1988, Nature, submitted
Kundt,, W.: 1988, in Comments in Astroph., 12, 113
Kulkarni,S.R.:: 1986, Astroph. J. Lett., 306, L85
Kulkarni,S.R.:: 1987, in IAÜ Symp. 125, "The origin and evolution of
Neutronn stars", Eds. D.J. Helfand and J.H. Huang, p407 (Dordrecht,
Reidee 1)
Kulkarni,S.R.,, Narayan,R.: 1988, Astroph. J-, in press
Landau,L.D.,, Lifschitz,E.M.: 1959, in "The classical theory of fields",
Pergamonn Press, Oxford
Lyne,A.G.,, Manchester,R.N., Taylor,J.H.: 1985, Mon. Not. Roy. Astron.
Soc.,, 213, 613
Lyne,A.G.. et al. : 1988, Mon. Not. Roy. Astron. S o c , in press
McClintock,J.E.,, Remi Hard, R. A.: 1986, Astroph. J., 308, 110
Nelson,L.A.. , Rappaport, S., Joss,P.C: 1986, Astroph. J., 304, 231
Packet,, W.: 1988, Ph.D. Thesis
Paczynski,B.:: 1967, Acta Astron., 7, 355
Paczynski,B.:: 1981, Acta Astron., 31, 1
Paczynski,B.:: 1983, Nature, 304, 421
Paczynski,B.,, Sienkiewicz,R.: 1981, Astroph. J. Lett., 248, L27
Parker,E.N.:: 1955, Astroph. J., 121, 491
Patterson,J.:: 1984, Astroph. J. Supp. Ser., 54, 443
Phinney,E.S.,, Evans,C.R., Blanford,R.D., Kulkarni,S.R.: 1988, Nature, in
press s
Pylyser,E.H.P.. , Savonije,G.J. : 1988a, Astron. Astroph., 191, 57
Pylyser,E.H.P.,, Savonije,G.J.: 1988b, Astron. Astroph., accepted
Rappaport,S.,, Joss,P.C: 1983, Nature, 304, 419
Rappaport,S.,, Verbunt,F., Joss,P.C: 1983, Astroph. J., 275, 713
Ritter,H.:: 1987, Astron. Astroph. Supp. Ser., 70, 335
Robinson,E.L.,, Barker,E.S., Cochran,A.L., Cochran,W.D., Nather,R.E.:
1981,, Astroph. J., 251, 611
Ruderman,M.,, Shaham,J., Tavani,M.: 1988, Astroph. J., submitted
Rutten,R.G.M.:: 1986, Astron. Astroph., 159, 291
Rutten,R.G.M.:: 1987, Astron. Astroph., 177, 131
Rutten,R.G.M.,, Pylyser,E.H.P.: 1988, Astron. Astroph., 191, 227
Savonije,G.J.:: 1983, Nature, 304, 420
Savonije,G.J.,, de Kool,M., van den Heuvel, E.P.J.: 1985, Astron.

15 5

Astroph.,, 155, 51
Schatzman,E.:: 1962, Ann. d'Astroph., 25, 18
Skumanich,A.:: 1972, Astroph. J., 171, 565
Smith,M.A.:: 1979, Publ. Astron. Soc. Pacif., 91, 737
Soderblom,D.R.:: 1983, in "Activity in red dwarf stars", IAU Coll. 71
Spruit,H.C,, Ritter, H.: 1983, Astron. Astroph., 124, 267
Taam,R.E.,, Flannery,B.P., Faulkner,J.: 1980, Astroph. J., 239, 1017
Taam,R.E«:: 1983, Astroph. J., 268, 361
Taylor,J.H.,, Stinebring,D.R.: 1988, Ann. Rev. Astron. Astroph., 26, xxx
vann den Heuvel,E.P.J., van Paradijs,J., Taam,R.E.: 1986, Nature, 322,
153 3
vann den Heuvel,E.P.J., van Paradijs,J.: 1988, Nature, submitted
Verbunt,F.,, Zwaan,C: 1981, Astron. Astroph., 100, L7
Webbink,R.F.,, Rappaport,S., Savonije,G.J.: 1983, Astroph. J., 270, 678
Webbink,R.F.:: 1984, Astroph. J., 277, 355
Wright,G.A.,, Loh,E.D.: 1986, Nature, 324, 127

CHAPTERR I .

16 6

1.1.. THE EVOLUTION OF LOW-MASS SINGLE STARS
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1.1.. Evolution of low-*ass single stars.

Thee following subsections are devoted to a study of the structural
propertiess of low-mass stars (section I.1.a), and their possible
relationn to the observed distribution of rotational velocities of these
starss (section I.1.b.).
Thee results obtained in section I.1.b indicate that the
-1/2 2
observationallyy derived relation v ~ t ' , which describes the
evolutionn of the rotational velocity v of main sequence stars of
spectrall type G as a function of time t (Skumanich, 1972), can also be
invokedd to explain the observed distribution of the rotational
velocitiess of subgiants.
Structurall Evolution

Basedd on their Internal structure, low-mass stars (M* * 0*7 M 0 2.33 M 0 ) can be divided into two categories, the separation occurring at
aa stellar mass of about 1.25 M0* Zero-age main sequence stars with mass
M** > 1.25 M 0 have a convective core during the core-hydrogen burning
phase,, which disappears when the core-hydrogen abundance X

drops below

aa value in the range between 0.05 to 0.1. As long as they evolve on the
mainn sequence, these stars do not have a significant outer convective
envelope.. However, during the subsequent evolution as a subgiant, an
extendedd convective envelope develops. Main sequence stars with mass
M** < 1.25 M 0 on the contrary have a rather extended outer convective
zonee and no convective core during their core hydrogen-burning evolution
phase. .
Forr a qualitative description of the evolution of stars in each
category,, we have chosen a 1.0 M 0 and 1.5 M 0 star, respectively, as
representativee examples.

Thee structural evolution of each star is presented in figures 1a
andd 1b, respectively. Regions labeled Hcc",,wsb" and "ce" represent
convectivee hydrogen burning cores, hydrogen burning shells and
convectivee envelopes, respectively.
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Figuress 1a,b: The evolution of the internal structure of a 1.0 M 0 (upper
left)) and 1,5 1L (upper right) single star, respectively. Regions
labeledd "cc", "sb" and "ce" represent convective hydrogen burning cores,
hydrogenn burning shells and convective envelopes, respectively.
Figuress 2a,b: The evolution of the stellar radius of a 1.0 M Q (lower
left)) and 1.5 M (lower right) single star, respectively. The radius of
thee 1.0 M -star continuously increases with time. Two phases of radiusdecreasee are observed in a 1.5 M -star: 1) at core hydrogen exhaustion
andd 2) when the burning shell crosses the hydrogen abundance
discontinuityy built up during core hydrogen burning.

Thee presence of a convective core during the main sequence phase of
thee 1.5 Mg-star causes the hydrogen abundance to decrease
uniformlyy

with time over a significant fraction of the star. In the

casee of a 1.5 MQ-star, hydrogen is completely mixed over the inner
0.088 M Q of the star. As a result, an almost discontinuous jump in the
hydrogenn abundance builds up at the boundary of the core during corehydrogenn burning, especially at the end of core hydrogen burning (see
fig.. 3b; also Iben 1967a). This is not the case in a 1.0 M0-star where
thee core hydrogen abundance increases gradually from the center of the
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Figuress 3a,b: Hydrogen abundance distribution in a 1.0 M 0 (left) and a
1.55 M Q (right) single star, respectively, at the end of core hydrogen
burning.. Due to convective mixing during core hydrogen burning in the
casee of a 1.5 M Q -star, the hydrogen abundance is constant throughout the
coree and increases relatively rapidly at the core-boundary. In a 1.0 M star,, the hydrogen abundance smoothly decreases from the outer regions
too the center of the star.

starr to the outer layers (figure 3a). At the end of core-hydrogen
burningg (Xc in the range 0.05-0.1), the energy generation in the central
regionss of the star becomes insufficient to compensate for the radiative
lossess at the stellar surface. Since, in a 1.5 M -star, hydrogen is
depletedd over a relatively extended region due to the interplay between
thee convective mixing and nuclear burning, a rapid contraction and
centrall heating are necessary to maintain hydrostatic equilibrium when
thee central nuclear energy source suddenly disappears. The overall
contractionn stops when hydrogen is ignited in a shell outside the helium
core.. A rapid overall contraction is not necessary in case of a 1.0 M star.. Here, the core hydrogen burning phase smoothly evolves into a
phasee of hydrogen burning in a thick shell. Hydrogen-shell burning then
providess sufficient energy to

maintain hydrostatic and thermal

equilibrium. .
Inn both types of stars, a thick hydrogen burning shell develops
afterr the exhaustion of hydrogen in the core. The boundaries of the

20 0

hydrogenn burning shells in figures 1a and 1b are chosen at a fixed level
off energy generation,, so that the qualitative evolution of these shells
cann be followed. The extent of the shell decreases with time while the
energyy generation at the center of the shell increases. Simultaneously
thee outer convective envelope grows inwards. The formation of the thin
shelll source causes a strong redistribution of mass in the stellar
interior,, resulting in a strong increase of the constant of gyration k
(seee discussion below, fig. 4; and Rutten and Pylyser, 1988 (section
• •
I.1.b);; their figure 1 c ) . Although the star is expanding during this
2 2
phase,, it is mainly the increase in k which increases the stellar
22
2
momentt of inertia I (I-k .M.R ; Rutten and Pylyser, 1988; their fig.
1b).. This evolutionary phase corresponds with a rapid evolution from the
bluee (hot) to the red (cold) part of the Herzsprung-Russel diagram,
untill the base of the red giant branch is reached. After the hydrogenburningg shell has become thin, the subsequent evolution is characterized
byy the increasing mass of the helium core, a simultaneous decrease in
masss of the outer convection zone and a strong increase of the stellar
radius.. This time it is principally the strong increase of the stellar
radiuss which is responsible for the increase of the stellar moment of
inertiaa (Rutten and Pylyser, 1988; their figure 1c). The latter phase
correspondss to the rapid evolution upward along the giant branch in the
Herzsprung-Russelll diagram.

Thee evolution of the stellar radius (in logarithmic scale) of a 1.0
andd 1.5 MQ-star is depicted in figures 2a and 2b, respectively. Apart
fromm the first contraction phase at the end of the core-hydrogen burning
phasee of the 1.5 0-star, a second contraction phase is observed shortly
afterr the shell-narrowing phase. The latter phase occurs when the
hydrogen-burningg shell crosses the hydrogen abundance discontinuity
builtt up during convective core-hydrogen burning (compare figures 1b and
2b;; see also Kippenhahn et al., 1967 and Iben, 1967b).

Wee present figure 4 in order to visualise the motions of mass
duringg the shell-narrowing phase. It represents the internal massdistributionn in a 1.5 M 0 post-main sequence star in progressively more
evolvedd phases. Before the she 11-narrowing phase, the distribution
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Figuree 4: The mass-distribution in a 1.5 M 0 post-main sequence
starr in progressively more evolved phases, each curve
correspondingg to a different evolutionary phase. Before the
shell-narrowingg phase, the distribution changes only
marginally.. Subsequently, the radius r of a given mesh-point
withh mass-coordinate m significantly increases (decreases)
withh time if the mesh-point is situated above (below) the core
boundary.. Such an internal mass-redistribution strongly
increasess the constant of gyration k of the star (k.R being
thee stellar gyration radius) and is the cause of the initial
increasee of the stellar moment of inertia (fig. 1c in Rutten
andd Pylyser, 1988). After the shell-narrowing phase, the core
boundaryy evolves outwards, the extent of the outer convective
zonee decreases simultaneously and the star expands
significantly. .
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changess only marginally > Subsequently, the radius r r of a given meshpointt with mass-coordinate m r significantly increases (decreases) with
timee if the mesh-point is situated above (below) the

core boundary. The

resultingg increase of the gyration constant k (k.R being the stellar
gyrationn radius) can be so strong that even if the star is losing mass
andd decreasing in size, due to external processes (i.e* by mass loss in
aa binary system with decreasing orbital period), the moment of inertia I
(*kk22 .M.R 2) still increases (Pylyser, 1986; unpublished).
Afterr the shell-narrowing phase, the stellar radius increases. The
relativelyy rapid stellar expansion corresponds with the giant-phase of
thee star and induces the second phase of increase of the stellar moment
off inertia.
Low-masss stars evolving along the giant branch all have a
degeneratee helium core, surrounded by a thin hydrogen-burning shell.
Theirr degenerate helium core grows steadily in mass as hydrogen is
convertedd into helium in the shell.
Refsdall and Weigert (1970) showed that the radii and luminosities
off these giants are in good approximation uniquely determined by the
masss M

of their degenerate core.

Webbink et al* (1983) have presented

fittingg formulae describing the radius and luminosity evolution of
populationn I and II stars along the giant branch, as a function of Mc»
Theyy showed that such relations considerably simplify calculations and
discussionss of the evolution of binary systems in which a low-mass giant
iss filling its Roche-lobe and spilling mass towards its companion (see
alsoo Rappaport and Joss, 1983; Savonije, 1983, 1987; de Kool and van
Paradijs,, 1987).
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Summary.. For cool giants and subgiants the observed dependence changess in the moment of inertia and the stellar radius during
off rotational velocity and Ca « H and K line-core emission on stellarr evolution. These calculations of the rotational velocity
colorr B— V is interpreted in terms of changes in the moment of evolution,, together with an empirical dependence of the Ca n lineinertiaa by stellar evolution. Modeling of the rotational velocity coree emission on the stellar rotation rate, yield the predicted
duringg the evolution of cool giants with masses between 2.0 M0 evolutionn of the Ca n line-core emission. This predicted evolution
andd 3.0 MQ, by taking into account the change in the moment of off the Ca II emission is compared to the observed Ca n emission for
inertiaa and assuming rigid-body rotation and conservation of giantss as a function of B— V.
angularr momentum, describes the observed decrease of v sin / with
Middelkoopp and Zwaan (1981) and Zwaan (1981) found many
B—B— V. The computed evolution of the rotational velocity, together
activee single G-type giants in Wilson's (1976) sample of eye
withh the empirical relation between the Ca n line-core emission estimatess of the Ca n emission strength, whereas single K-type
andd the rotation rate, explain the observed drop in the Ca n line- giantss are relatively inactive. The measurements presently availcoree emission for giants at B— V~* 0.95.
ablee show in more detail that the Ca n line-core emission of single
Forr subgiants with masses of about 1.5 M0 the change in the giantss decreases at spectral type early K (Middelkoop, 1982b;
momentt of inertia by itself can not explain the observed v sin / Rutten,, 1984: Fig. 6b). Presumably this drop in the Ca u tine-core
distribution:: there are indications of loss of angular momentum, emissionn corresponds to a change in the rotation rate during
presumablyy by magnetic braking.
stellarr evolution.
Linskyy and Haisch (1979) suggest a division in the HertzKeyy words: stars: rotation of- stars: evolution of- stars: activity
sprung-Russelll (H-R) diagram around spectral type early K which
off - stars: later-type
separatess yellow giants with evidence for chromospheres and
transitionn regions from red giants with evidence for chromospheress only. A similar dividing line separates giants with and
withoutt coronae (Ayreset al., 1981; Haisch and Simon, 1982). The
I.. Introduction
dividingg line is apparently not valid for giants in synchronized
binaryy systems since these stars do show strong chromospheric.
Magneticc fields have been measured in cool stars with a convective transition-region,, and coronal radiative emissions (Zwaan. 1981;
envelopee (Marcy, 1984; Saar et al., 1986). These magnetic fields Schrijverr et al., 1984; Oranje, 1986). Zwaan (1986) suggests that
aree presumed to be instrumental in the non-radiative heating of thee Linsky-Haisch dividing line reflects the tow rotation rates of
thee outer atmosphere, which results in the formation of a chro- singlee red giants, which cause the chromosphere to radiate a low
mosphere,, transition region, and corona. Inspired by the solar butt detectable minimum emission level (Schrijver. 1987), and
examplee the radiative flux in the chromospheric Ca n H and K line whichh brings the transition-region emission down to barely
coress has been used as a measure of the mean magnetic activity. detectablee levels.
Otherr measures of magnetic activity are the radiative emissions
Rotationall velocities of single, late-type giants and subgiants
formedd in the transition region and in the corona.
tendd to decrease with decreasing effective temperature. The
Thee Ca ii line-core emission of dwarfs is related to the stellar
rotationn rate of a single star changes (i) by stellar evolution which
rotationn rate (Wilson, 1966; Kraft, 1967b; Skumanich, 1972;
changess the moment of inertia and perhaps the distribution of
Vaughann et al.. 1981; Middelkoop, 1982a; Catalano and Marilli,
angularr momentum within the star, and (ii) by the loss of angular
1983;; Noyes et ai., 1984; Rutten, 1986). A similar relationship is
momentumm by magnetic braking through a wind streaming out
obtainedd for giants (Rutten, 1987). Therefore, in order to
alongg magnetic field tines that are rooted in the star.
understandd the observed levels of Can tine-core emission of
Grayy (1982 b, 1983) determined v sin / values of cool giants and
evolvedd stars as a function of color B—Vwe first determine how
reportss
a sharp drop in v sin / from approximately 40 km s ~' to less
rotationall velocities of giants and subgiants depend on color. The
thann
lOkms"'
at spectral type G 5 III. A drop in v sin /also occurs
measuredd rotational velocity as a function of color is compared to
modell calculations of the rotational velocity as derived from forr subgiants (Gray and Nagar, 1985) and for dwarfs (Gray,
1982a)) at spectral type mid-F. In all these cases Gray and
coworkerss interpret the drop in vsini towards cooler stars as a
SendSend offprint requests to: R.G.M. Rutten
resultt of magnetic braking.
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Endall and Sofia (1979) find that loss of angular momentum is
nott required to account for the observed low rotation rates of the
K-typee giants in the Hyades since these are easily explained from
thee increase in the moment of inertia during evolution. In the
modell of Gray and Endal (1982). however, which treats convectivee regions as rigid bodies and neglects transport of angular
momentumm in radiative regions, either loss of angular momentum
orr violation of the assumption of rigid-body rotation in the
convectivee layers is needed to explain the rotation rates of the
Hyadess giants. Their model with an uniform specific angular
momentumm in convective regions is capable of generating the
requiredd low surface rotational velocities in the giant phase.
Thee calculated development of the rotational velocity depends
onn the initial rotational velocity on the zero-age main-sequence
(ZAMS).. The very large spread in the rotational velocities of Bandd A-type stars on the main-sequence (see Danziger and Faber.
1972)) is usually ignored, and some mean rotational velocity of
starss on the main sequence is adopted. The presently available
dataa on the rotation rates of evolved stars allows a statistical study
off the history of rotation during evolution off the main sequence,
hencee we take the spread of the rotational velocities into account
inn the evolutionary calculations.
Thiss paper is arranged as follows. In Sect. 2 the evolutionary
calculationss are presented. Observed rotational velocities and 01 1
thosee computed from changes in the moment of inertia are o o
comparedd in Sect. 3. The effect of magnetic braking is discussed in
Sect.. 4. Chromospheric Call H and K line-core emissions of
giants,, and the Linsky-Haisch dividing line are discussed in terms
off the rotational velocity evolution in Sect. 5 and 6.

B-V V

3.SS

3.5

logTef, ,

2.. The evolution of the moment of inertia
Evolutionaryy tracks for stars with masses of 0.7 MQ, 1.0 A/Q,
1.55 MQ. 2.0 MQ and 3.0 M0, and with the solar chemical compositionn X = 0.70 and Z = 0.02. are computed using the code
publishedd by Eggleton (1971, 1972). Starting at the ZAMS, thetrackss are computed up to the helium-core burning phase.
Thee bolometric luminosity L and the total moment of inertia /
aree plotted against the effective temperature Tdf in Fig. 1 a and b,
respectively.. The colors B—V indicated in Fig. 1 are computed
usingg tables relating 7"clf to B — V for giants from Böhm-Vitense
(1981)) and Flower (1977). The sequence of luminosity class III and
IVV is indicated in Fig. 1 a.
Duringg the giant phase the moment of inertia increases as a
resultt of an increasing stellar radius and a change in the internal
radiall distribution of mass. The dimensionless quantity k, which is
definedd by
I=kI=k22

MR2

(1) )

dependss on the radial mass distribution. Note that the gyration
radiuss K=kR. Figure 1 c plots the quantity k1 versus 7"cff for the
1.55 MQ, 2.0 MQ and 3.0W o tracks: k2 increases by roughly a
factorr 4. starting just before the steep ascend on the giant branch.
Thiss increase in k2 is caused by the rapid decrease in thickness of
thee hydrogen-burning shell which results in a major internal
redistributionn of mass.
Thee rotational velocity follows changes in the moment of
inertiaa and the stellar radius according to
v(t) v(t) *C)/-ftzAMS S
/(0//ZAMS S

*ZAMS S
22

kk (t)(t)

R-, R-,

R(t)

1 11

4.0

3.9

3.8

3.77

3. 6

3.5

0.15 5

aa io

0.05 5

Fig.. 1 a-c. Evolutionary tracks of stars of 0.7 MQ, 1.0 M0,1.5 MQ, 2.0 MQ and
3.00 M0. Plotted versus the effective temperature are a the relative bolometric
luminosityy LjLQ, b the moment of inertia /, and c the quantity k2 = VMR1. In a
thee loganthm of the evolutionary time in years is indicated on each track: dashed
(2) ) curvess indicate the sequences for luminosity class 111 and IV stars. Spectral types
andd colors B— V refer to luminosity class III stars
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whichh assumes complete radial exchange of angular momentum,
Thee sharp drop in rotational velocities at spectral type G5
andd hence rigid-body rotation, and conservation of total angular suggestedd by Gray (1982b) is not obvious from the data shown in
momentum.. The evolutionary timescale rt(() for the rotational Fig.. 2a. However, in the attempt to demonstrate his suggestion
velocityy is given by
Grayy ignored the large spread in i; sin / by plotting some mean
rotationall velocity at each interval in spectral type. Moreover.
j
l3) Grayy does not find a spread in rsin/ for stars with
0.99 < B— V < 1.2 because he classifies the relatively rapidly rotat[
wheree At is a small time step in the evolutionary track. The ingg stars (4 to 10kms" ) in this color interval as luminosity class
timescalee re is listed as a function of B— V in Table 3 for the II—III. .
Thee star HD 117555. or FKCom. indicated by the cross in
1.55 M0, 2.0 M0 and 3.0 M0 track.
Thee validity of the rigid-body approximation to compute Fig.. 2a, deviates from the trend. FK Com may be the product of a
surfacee rotational velocities has been investigated by Endal and coalescedd binary system, or may have a low-mass companion (see
Sofiaa (1979). The computed surface rotational velocities in their Boppp and Stencel, 1981; and Bianchi et al.. 1985).
Thee sequence of luminosity class III stars roughly covers the
modell for the evolution of a 5 M0 star, which assumes rigid-body
evolutionaryy
tracks of stars of 2.0 MQ to 3.0 M0 (see Fig. la). The
rotationn in convective layers and incorporates dynamical and
secularr mechanisms for the transport of angular momentum in evolutionn of the rotational velocity of these stars is computed from
regionss dominated by radiative energy transport (see Endal and Eq.. (2), using the moment of inertia and the stellar radius as a
Sofia,, 1978), differs little from the rotational velocity if rigid-body functionn of time from the evolutionary models.
Thee full curves in Fig. 2a indicate the evolution of the
rotationn is assumed throughout. Observational support for the
rotationall
rigid-bodyrigid-body approximation is given by Alschuler (1975) who
found velocity computed from tracks for stars of 2.0 Mz and
the adopted mean values
thatt measured rotational velocities of giants at spectral type F 5 3.00 MQ, smstarting on the ZAMS with
l
aree compatible with rotational velocities computed according to <"zAMs ')) of 130 and 150 kms" , respectively (<rZAMS> taken
Eq.. (2). For the present purpose the assumption of rigid-body fromm Schmidt-Kaler, 1982, statistically corrected for
<sinn /'>=7r/4). The dotted and dash-dotted curves show the
rotationn seems acceptable.
evolutionn starting with a rotational velocity of 1/3 and 1.5 times
thee adopted mean value for the 2.0 MQ star, respectively. The
curvess cover the observed spread in tsin/ for F-type giants, and
appearr tofitthe color dependence of the measured v sin / values for
3.. Observed and computed rotational velocities
luminosityy class III stars. Even the slowest rotators among the
Projectedd equatorial rotational velocities rsin / measured of single giantss at B— V ~~ 0.9 are readily explained from the increase of the
starss of luminosity class III and IV are listed in Table 1 a and b, momentt of inertia during the evolution, conservation of angular
respectively.. Members of close binary systems with orbital periods momentum,, and a realistic rotational velocity (i ZAMS
l
lesss than 300 days are excluded because tidal interaction may sin/~30kms~ )) for a slowly rotating main-sequence star.
Thee initial decrease of the rotational velocity rsin/. in the
transferr orbital angular momentum to spin momentum, thereby
interferingg with the evolution of the rotation of the stellar rangee of early G-type giants, is largely caused by the increase of A:2
component.. Stars whose B— V color may be contaminated by a (seee Fig. 1 c and Eq. 2), which reflects an internal redistribution of
visiblee companion" are also excluded. Members of long-period mass.. During the ascend on the steep giant branch the increase in
spectroscopicc binaries are indicated by SB in Table 1, together thee stellar radius is responsible for the persistent decrease in r sin /
forr late G- and early K-type stars. Hence, for giants the
withh the orbital period.
Upperr limits to rsin/ determinations are not included in dependencee of vsini on B— V is readily accounted for by the
Tablee 1. Some of the rotational velocities taken from catalogue changess in the moment of inertia and in the stellar radius during
listingss are unreliable, however, since the rotational line broaden- evolution.. Loss of anguiar momentum need not be invoked to
ingg is close to the spectral resolution of the original instrument: explainn the low rotational velocities of K-type giants.
Inn Fig. 2b the rotational velocity rsin / is plotted versus B~ V
thesee unreliable values are marked by open symbols in Fig. 2.
Inn Fig. 2a vsini is plotted versus B—V for the giants forr the subgiants in Table 1 b. The time-dependent rotational
(luminosityy class III) listed in Table 1 a. The rotational velocity velocityy is computed from Eq. (2) for a 1.5 MQ star (corresponding
tendss to decrease from F- to K-type giants. For the F-type giants too F- and G-type stars of luminosity class IV), one again, under the
thee usinZ values are found to scatter over a large range from assumptionn of conservation of angular momentum and starting
100 k m s - 1 to 150kms~ l . To stress this large range in rotational onn the ZAMS with a rotational velocity of 1.5. 1.0 and 1/3 times
velocitiess we include upper limits to vsmi in Fig. 2 a for single thee typical main-sequence rotational velocity of a 1.5 MQ star
giantss with B— K<0.8, taken from the Bright Star Catalogue (^ZAMSS s m ' > = 100kms" 1 . The resulting curves in Fig. 2b indicatee that for B— V> 0.45 the computed rotation rates are much
(Hoffleitt and Jaschek, 1982).
Alsoo in the color range 0.9 < B— V < 1.2 there appears to be an largerr than the observed rotation rates. Hence, as already
appreciablee range in rotational velocities, although most stars conjecturedd by Gray and Nagar (1985). a substantial loss of
clusterr between i?sin/=2 and 4kms~ l . Five stars in this color angularr momentum is required to explain the drop in the observed
rangee have a reliable f sin / clearly above 4 kms"'. To check the i'sin// values for subgiants near B— ^~ 0.45.
luminosityy classification of these stars we determine the absolute
magnitudee from the parallax (see Table 2): the absolute magnitudess confirm the class III identification, except for HD 3712 which 4.. Magnetic braking
hass an absolute magnitude corresponding to luminosity class
II—IIII or II. Hence, the rotational velocities of single, late-G Magneticc braking of stellar rotation may be efficient, provided
andd early K-type giants of luminosity class III range from a few thatt magnetic fields and stellar winds are present in the outer
kms" 11 to lOkms" 1 .
atmospheres.. The relation between the Can H and K line-core
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Fig.. 2a and b. Projected equatorial rotational velocities v sin / versus color B— Kfor single stars ofluminosity classes III (a) and IV (b) listed in Table 1. Open symbols
referr to unreliable f sin i values and arrows stand for upper limits to v sin i. Spectral types are approximately indicated. Full curves indicate the calculated evolution of
i'(sin;)) for 2.0/V/Q and 3.0 A/3 stars (a) and for 1.5 A/Q stars (b). assuming conservation of angular momentum, derived from the changing moment of inertia during
evolutionn [Eq. (2)] and using <I'ZAMS>- The dotted and dash-dotted curves are the tracks starting on the ZAMS at 1/3 and 1.5 times <uZAMS>, respectively, for 2 M0
starss in a and 1.5 M0 in b. The dashed curves show the effect of incorporating magnetic braking in the evolution starting with <.vZAMS). For a 3 MQ star this dashed
curvee is indistinguishable from the full curve in a. The cross in a indicates HD 117555 (FKCom)

Tablee 2. Absolute magnitude from trigonometric parallax of some late G- and early K-type
giants s
HD D

B-V B-V

vv sin /
(kms~') )

Ref. .

Spectral l
type e

Parallax x
(arcsec) )

Ref. .

0.016 6
0.0099 + 0.005
0.017 7
0.021+0.005 5
0.016 6
0.0155 + 0.005
0.011 1
0.0200 + 0.006
0.0377
6

cc
dd
cc
dd
cc
dd
cc
dd
dd

3712 2

1.17 7

4.9 9

aa

KOIIIa a

74739 9

1.01 1

7.5 5

aa

G7.5IIIa a

112989 9

1.17 7

10.4 4

bb

G9III I

185958 8

1.05 5

8.9 9

aa

G8IIIa a

215665 5

1.07 7

6.0 0

aa

G8IIIa a

My My

-1.7 7
-3.0 0
0.2 2
0.6 6
0.9 9
0.8 8
-0.4 4
0.9 9
1.8 8

References:References: a) Gray and Toner (1986); b) Smith and Dominy (1979); c) Hoffleit and Jaschek
(1982);; d) Jenkins (1952)

emissionn and the rotation period (Rutten. 1986. 1987) is interpretedd as the result of stellar magneticfieldsgenerated by dynamo
action.. Since this relation between chromospheric activity and
rotationn rate exists for main-sequence stars later than spectral type
F33 (B— K~0.4) and for evolved stars later than spectral type late
F(5—— K~0.5 to 0.6), we assume that during the evolution of
2.00 M0 and 3.0 MQ stars magnetic braking sets in at B— V = 0.55.
Rutten'ss analysis does not provide this activity boundary for

subgiants.. The drop in the rotational velocity in Fig. 2b at
B—B— K~0.45 may indicate the onset of magnetic braking for
subgiants,, and hence the onset of magnetic activity.
Inn order to estimate the relative importance of magnetic
brakingg on the development of the rotational velocity, the typical
timescalee for magnetic braking TB is compared to the timescale for
evolutionaryy changes in the rotational velocity r t (Eq. 3). An
empiricall rule for magnetic braking in G-type dwarfs has been

30 0

Tablee 3. Comparison between the timescale for magnetic braking inn the explanation of the observed rotational rates, which is
TBB and the timescale for evolutionary changes in the rotational consistentt with the finding in Sect. 3.
velocityy re for 2.0 V/Q and 3.0 M0 giants (a) and subgiants of
Forr the 1.5 MQ star r 8 is much smaller than re during the
1.5A/Q(b) )
subgiantt evolution at B- f ~ 0.45 (see Table 3 b). Therefore, a
1.51.5 \fQ subgiant is spun down soon after magnetic fields are
B-B- V
Spectral
generated,, which explains the discrepancy between observed
r,(yr)
)
type e
(kms - 1 ) ) (yr) )
rotationall velocities and the velocities computed assuming con2.00 M0 3.00 MQ servationn of angular momentum (Sect. 3).
Notee that this comparison of timescales is carried out for the
rotationall velocities vt listed in Table 3. For more rapidly rotating
a)a) Giants
starss rB is smaller and consequently magnetic braking becomes
0.66
GO
90 0
44 106
11 107 11 106
6
moree important.
0.77
Gl
60 0
99 10
88 106 11 106
Wee estimate the effect of magnetic braking on the evolution of
0.88
G3
25 5
55 107
77 106 55 103
thee rotational velocity by computing the change in the rotational
0.99
G6
10 0
33 10a
33 107 11 106
velocityy A v during a small time step A t from Eq. (5), and adding A v
1.00
K0
55
11 109
55 107 55 106
too the change in the rotational velocity caused by stellar evolution.
1.11
Kl
44 107
-55
——
- 11 109
Thee dashed curves in Fig. 2a and b show the resulting evolution of
1.22
K2
-55
——
- 11 109
22 107
thee rotational velocity for a 1.5 MG and 2.0 M0 star. The dashed
1.33
K3
-55
- 11 109
11 107 -curvee in Fig. 2a shows that magnetic braking has only minor
influencee on the evolution of the rotational velocities of luminosb)b) Subgiants
ityy class III giants. The dashed curve in Fig. 2 b for subgiants
6
8
0.455
F6
110 0
33 10
66 10
approximatess
the drop in the relation between the measured v sin i
0.55
F7
25 5
55 107
33 108
andd B~ V reasonably well, which suggests that the timescale for
8
7
0.66
GO
10 0
33 tO
88 10
magneticc braking derived from the Skumanich rule [Eq. (4)] is also
0.77
G2
55
11 109
44 107
aa
reasonable estimate for subgiants.
0.88
G5
-55
- 11 109
55 107
8
0.99
K0
-55
- 11 10*
22 10
1.00
K2
-55
- 11 109
11 108
5.. Chromospheric activity
Thee Ca n H and K line-core flux densities at the stellar surface in
suggestedd by Skumanich (1972, see also Smith, 1979), who finds 1.099 A FWHM passbands have been measured using the
thatt the equatorial rotational velocity in k m s - 1 decreases with Mt.. Wilson Can H and K photometer (Vaughan et al„ 1978; for
conversionn to absolute fluxes, see Rutten. 1984). Subtraction of
timee / in units of 109yr as:
thee empirical minimum flux level from the total line-core flux
-1/2 2
v{t)~4t v{t)~4t
(4) ) densityy corrects for radiation that is not related to magnetic
activityy (Rutten. 1986; Schrijver, 1983,1987). The result is the linewhichh yields an estimate for the timescale of magnetic braking: coree excess flux density ^F C a l I .
Thee Ca H excess flux density AFCAII is plotted versus B- V for
T B s j ü / ü || = 32/y 2
(5)
6077 singlefieldstars of luminosity class III in Fig. 3. The hatching
Itt is not clear whether this braking timescale which is derived for indicatess the range of AFCin values which are quite uncertain
G-typee dwarfs is valid for very young or very old main-sequence becausee of the finite accuracy of the empirical minimum flux
stars,, or for giants. Moreover, theoretical model for magnetic densityy AFCia (see Rutten, 1987). In the color range
brakingg indicate several parameters (e.g. the photospheric magnetic 0.99 < 5— V< 1.1 the Can excess flux density decreases rapidly
fieldd strength and geometry, mass loss rate, and coronal tempera- withh increasing B—V.
ture)) determining the braking action, but these parameters are
Thee curves in Fig. 3 represent tracks for the evolution of A FCill
nott represented by Eq. (4) (for a comparison of magnetic braking forr a 2.0 MQ and 3.0 MQ star. These curves are derived from the
theoriess see Vilhu and Moss, 1986). Hence probably the braking computedd evolution of the rotational velocity that are indicated by
timescalee is different for different types of stars. We try Eq. (5) as a thee full curves in Fig. 2a. These computed rotational velocities are
roughh estimate for all cool stars simply because there is no convertedd to the rotation period P, and then translated into the
alternativee expression.
Cann excess flux density AFCaa, using Rutten's (1987) empirical
Forr several points along the evolutionary tracks for 1.5 MQ, relationss between AFCia and P. The dependence of JF CaI! on P is
2.00 M0 and 3.0 M0 stars xt is computed from Eq. (3), and TB from specifiedd by Rutten for different color intervals and appears to be
Eq.. (5) using typical rotational velocities of giants and subgiants validd for dwarfs and most of the giants with B- ^£0.6. The
estimatedd from the data in Fig. 2a and b, respectively. The resultingg dependence of AFCia onB-V fits the bulk of the data
timescaless TB and re are compared for giants and subgiants in remarkablyy well, especially around B- V= 1.0. Hence, the drop
Tablee 3 a and b, respectively. During the entire evolution of a inn the Ca n H and K line-core emission of giants at B~ V £ 0.95 is
3.00 M0 star the timescale for magnetic braking is larger than the readilyy explained by the decrease in the stellar rotation rate caused
evolutionaryy timescale. For the 2.0 AfQ star only around byy the increase in the moment of inertia during stellar evolution.
B—B— ^ = 0 . 6 is the magnetic braking timescale smaller than the Thee computed curves in Fig. 3 are located slightly above the
evolutionaryy timescale. Therefore, the effect of magnetic braking observedd values of AFCi„ for 0.5 < B- V < 0.9, indicating that the
onn the rotational velocity of single giants is probably small. These computedd rotation rates are somewhat larger than the actual
estimatess suggest that for giants of luminosity class III loss of rotationn rates. This deviation may indicate a departure from the
angularr momentum by magnetic braking is of minor importance assumedd rigid-body rotation: if the magnetic torque only brakes
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Fig.. 3. Can H and IC line-core excess flux density Jf C j l l
versuss color B— V for 607 single stars of luminosity class III.
Curvess indicate AFQIU derived from the calculated rotational
velocityy evolution for a 2.0 .W3 and 3.0 M@ star (full curves
inn Fig. 2a), converted to the rotation period P. and folded
withh the Jfcan ~ P relation. Full curves refer to
conservationn of angular momentum, and the dashed curve
incorporatess magnetic braking for the 2.0 .V/c track. In the
hatchedd part of the diagram -óf^u values are very uncertain
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thee rotation of the convection zone where the magneticfieldsare
rooted,, the surface rotational velocity will decrease more rapidly
thann in the case of rigid-body rotation throughout the star.
Presumably,, the departure between the curves and the data points
forr the coolest giants (B — V> 1.2) is caused by the uncertainty in
thee relation between AFCin and the rotation period P for these
starss of very low activity levels (see Rutten, 1987).
Thee Ca n emission data of subgiants are too scarce to allow a
similarr analysis for stars of 1.5 solar masses.
6.. Discussion
Thee projected equatorial rotational velocities t'sin i of cool, single
giantss of luminosity class III decline towards cooler stars
(Fig.. 2 a). In Sect. 3 it is shown that this color dependence of r sin/
iss readily explained by the evolutionary change of the moment of
inertia,, assuming rigid-body rotation and conservation of angular
momentum,, and taking a large spread in initial ZAMS rotational
velocitiess into account. Magnetic braking is found to be of minor
importancee for the rotational velocity history of single giants with
typicall rotation rates. We refute Gray's (1982b) suggestion that
theree is a sharp drop in the rotational velocity of giants at spectral
typee G 5, which would be caused by a sudden turn-on of magnetic
braking.. Gray (1983) associated the drop in v sin i with a decrease
inn the level of X-ray emission at approximately the same spectral
typee G5. However, the high X-ray emission from giants earlier
thann G5 indicates appreciable magnetic activity. Hence, if
magneticc braking would be important, as proposed by Gray, there
iss no reason to expect a sudden onset at G5 III but rather at some
earlierr spectral type where magnetic activity starts. Moreover, the
steepp drop in t; sin i suggested by Gray would imply an extremely
shortt braking timescale. less than the time it takes a star to evolve
fromm spectral type G4 to G6 (106 to 107 yr), which seems too short
forr these stars of moderately rapid rotation.
Forr subgiants appreciable loss of angular momentum, presumablyy by magnetic braking, is needed to explain the observed
rotationall velocities as a function of color, which is in agreement

withh the explanation by Gray and Nagar (1985). Figure 2b
suggestss that the timescale for magnetic braking suggested by
Skumanichh (1972) for G-type dwarfs is a fair approximation in the
casee of subgiants.
Inn Sect. 5 it is shown that the drop in the Ca II H and K linecoree excess flux density AFCdlt for single giants around
B—B— V~ 0.95 can be explained by the decreasing rotation rate
causedd by the increasing moment of inertia during stellar evolutionn (see Fig. 3). The dividing line in the color-magnitude
diagramm at V-R^.^.% (B- V~ 1.05) proposed by Linsky and
Haischh (1979) which separates yellow giants that show chromospheric.. transition-region line, and coronal soft X-ray emission,
fromm red giants with chromospheric emission only (see also Ayres
ett al., 1981; Haisch and Simon. 1982) coincides with the drop in
AA FClll (see Fig. 3). The drop in A /^„corresponds to similar drops
inn the transition-region and coronal radiative emission. This
concurrencee is the result of the fact that all the (excess) flux
densitiess originating in the outer atmosphere are connected by the
samee tight relations for stars on either sides of the dividing line
(Oranjeetal... 1982; Oranje, 1986; Schrijver. 1987). The extremely
slowlyy rotating red giants emit a minimum chromospheric flux
thatt is well measurable, but the corresponding minimum
transition-regionn and coronal emission are very low and more
difficultt to detect (see Rutten et al., 1988). Hence, we propose that
thee Linsky-Haisch dividing line results from the sharp decrease in
thee rotation rate of single stars during evolution, and from the
contrastt in the minimum flux level between the chromospheric and
transition-regionn lines.
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Summary.. We present an evolutionary scenario for the black
holee binary A0620-00, which starts from an initial configuration
consistingg of a massive star and a low-mass companion in a very
widee orbit. By using the presently observed system parameters
andd following the evolution backward in time we derive an upper
limitt to the initial mass of the companion of 2MQ, a relation
betweenn the present mass of the black hole and the mass of its
main-sequencee progenitor which for the most likely black hole
masss of 7 M0 yields a progenitor mass between 27 and 46 MQ,
andd a lower limit on the initial orbital period of 240 days.

ments)) together with the low-mass companion. The final collapse
off the burned-out core then produced a close binary consisting of
aa black hole and a dwarf star which, after tidal circularization
off the orbit, and orbital decay (for example by gravitational
radiationn losses) turned into the present system configuration.
Thiss evolutionary scenario is illustrated schematically in Fig. 1.
Wee study here, in terms of this model, the constraints which
thee presently observed system parameters set to the inital system
i0Mrr

!Mrr

evolution»windd mass loss

Keyy words: binary star evolution - X-ray binaries - black holes

Porb
r h -b 500 d
t. = 0

P

o r b - 7 5 0 dd
t2== 5 106 yr

1.. Introduction

Thee large radial velocity amplitude of 457 8 km s " ' of the K31.9 9
dwarff component of the transient binary X-ray source A0620startt ot mass transfer
formationn and ejection of common envelope
000 (P orb = 7*75) indicates an absolute lower mass limit of 3.20 M0
forr the compact star in this system, strongly suggesting that it is
aa black hole (McClintock and Remillard 1986, hereafter referred
PP . > 8 '
too as MR).
orb b
Wee investigate how this binary may have originated. We show
tt = 5.l0 5 .10'yr
thatt it is excluded that the black hole was formed by gradual
accretionn of matter onto a neutron star. Therefore, the only -12 2
possiblity,, aside from triple star models (Fabian et al., 1986;
windd mass loss from WR-star
Eggletonn and Verbunt, 1986) is that the black hole in this system
SNN and tidal circularization
waswas formed by core collapse of the remnant of an originally very
massivee star. McClintock and Remillard have suggested that the
modell which can explain the peculiar combination of a short
orbitall period and a low companion mass is similar to the one
orbb
f,
tt =6.10 yr
proposedd by Van den Heuvel and Habets (1984) (hereafter referred
too as HH) for the formation of the black hole X-ray binary LMC
X-3.. In such a model, which also seems most likely to us, the
originall binary system started out with a fairly wide orbit and
GRR - angular momentum losses
aa very large mass ratio, of order 20 or more. When the massive
componentt of the system evolved to the red supergiant stage, it
engulfedd its low-mass companion which then spiralled in and
P
removedd the envelope of the supergiant. The outcome of this
orbb '
^
processs is a very close binary system consisting of the core of
t jj = several times 10 yr
thee supergiant (composed of helium and possibly heavier elepresentt
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system

Fig.. 1. A schematic outline of the evolution of A0620-00 for one choice
off parameters
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parameters,, by taking into account that: (i) the system was not
disruptedd in the supernova explosion, (ii) the K-dwarf has only
slightlyy evolved away from the Zero Age Main Sequence (MR).
Wee show that these conditions allow one to constrain the original
masss of the low-mass star to <2.0,W o ; the original mass of the
massivee star to >20iW o and the original orbital period to >240
days.. Assuming that, in order to produce a black hole, the original
masss of the massive star should have been >40 M 0 (HH; Schild
andd Maeder, 1985), the original orbital period is constrained to
>4500 days.

2.. The evolution after the supernova
2.1.2.1. An upper limit to the initial mass of the secondary star

causedd by this sharp increase in mass transfer cannot be compensatedd by GR angular momentum losses, the orbital separation
andd period will increase again and a wide low-mass giant black
holee binary will form (Webbink et al., 1983: Taam. 1983). Since
thiss scenario has to be avoided to arrive at the present system,
thee criterion Tms > xy can be used to derive an upper limit on
thee initial mass of the companion M IC . To determine a numerical
valuee for this upper limit we have used the fact that if the mass
losingg star has a simple mass-radius relation of the form
RRcc = iM»r

(1) )

(forr stars in the mass range we consider a = 1.0 R0, /? = 0.6769.
vann der Linden, 1982) then the mass transfer rate due to angular
momentumm losses by GR is given by (Ritter, 1980: Savonije, 1984):

Thee optical star, which at present is very close to filling its Roche
-- - ( 5 / 6 + 0/2
-Mc/Mmrlt;
(2) )
lobe,, has a spectrum showing the typical features of a mid-K- Mr Mr
dwarff (~ K5, not earlier than K.2). The short orbital period indeed wheree x is the orbital decay timescale
y
onlyy allows a K-dwarf, i.e. a main-sequence star which has slightly
evolvedd away from the Zero Age Main Sequence (ZAMS). The
MMccMMmm(M(Mcc + MBH)
7 ^ 1 -- 1-24 109
(yr)) (3)
latterr is required since a star on the ZAMS with a mass of a K2
Ml> Ml>
R* R*
too K7 dwarf (i.e.: < 0 . 8 M o ) underfills its Roche-lobe by ~20%
inn a binary with P = 7*75. The most likely present mass of the wheree Jorb is the orbital angular momentum, JaK the angular moK-companionn is ~0.7 M0, independent of the mass of the com- mentumm losses and a the orbital separation. Equation 2 can be
pactt star, which, dependent on the orbital inclination, is most integratedd numerically for different values of M, c and M BH . In
likelyy to range between 4 M 3 (3<x lower limit) and 13 M G Fig.. 2 we show the mass of the companion as a function of time
forr Mm = 1MQ and MIC equal to 1.5, 1.86 and 2.0 M0 respec(cf.. MR).
tively.. In the same diagram we have drawn a line which gives the
Ass pointed out by McClintock and Remillard, the mass of
relationn between the mass of a star and its main sequence lifetime.
thee companion might possibly be as low as 0.25 M0, which is the
Thee evolutionary track for M, c = 2.0 crosses the Tms curve at
measuredd mass of the K.2 IV secondary in the old nova GK Per
tt = 109 yr, after which the star will evolve to the giant stage while
(Watsonn et al., 1985). An upper limit on the initial mass of the
thee orbit is widening. For M l c = 1.5 MQ the evolutionary track
secondary,, i.e. the mass before it started to transfer mass, can be
neverr crosses the r ms curve: the companion never leaves the main
derivedd from evolutionary considerations. If this initial mass was
sequencee and will transfer practically all of its mass while the
considerablyy larger than the present mass, the orbital separation
orbitt is shrinking. From Fig. 2 it can be seen that M IC = 1.86 MQ
alsoo must have been larger at that time to accomodate the comiss the critical mass which separates these two cases. For MBH =
panionn within its Roche lobe, and the binary subsequently
4iW 00 and MBH = 13Af0 the critical initial companion masses
evolvedd to its present state by shrinking of the orbit and transferaree 1.75 and 2.01 M Q respectively. These masses are of course
ringring mass. This implies that orbital angular momentum must
havee been lost since, if the mass-losing star is the less massive
one,, conservation of orbital angular momentum dictates that the
orbitall separation should increase due to mass transfer. (Even if
thee companion was initially the more massive one, a short phase
off very high mass transfer rates would have followed the onset
off mass transfer until the mass ratio was reversed). A reduction
inn orbital separation accompanied by mass transfer can therefore
onlyy be achieved if angular momentum is being removed from M C (M 0 0
thee orbit. By analogy to the situation in e.g. the cataclysmic
variabless the two processes that could be responsible for these
angularr momentum losses are gravitational radiation (GR) or
magneticc braking. If the angular momentum losses are caused
byy GR an upper limit to the initial companion mass can be
derivedd semi-analytically by comparing rms, the main sequence
lifetimee of the companion with xy, the timescale on which the
orbitt shrinks due to GR. As long as r ms > xy, the evolution can
proceedd as is required for the system considered: the binary is
88
9
10
11
slowlyy shrinking and transferring mass due to angular momentum
logg time (yr)
lossess by GR until the secondary has nearly disappeared. If
howeverr Tms becomes < xy the companion will start to leave the Fig.. 1 The mass of the companion as a function of time for MBH =
mainn sequence before the orbit has shrunk appreciably. The star 1M1M00 and M[C = 1.5, 1.86 and 2.0M o respectively, as calculated by
willl subsequently expand on a timescale «xy and the mass Eq.. (2). When the elapsed time becomes longer than the main sequence
transferr rate will increase drastically. The widening of the orbit lifetimee Tm, of the companion it will evolve to the giant stage in a
wideningg orbit
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strictlyy upper limits since the main sequence lifetime of a star
Thee second condition follows from the fact that if the system
whichh was originally more massive and has arrived at its present immediatelyy after the supernova was so wide that z. > rev, then
masss by mass transfer is always shorter than that of a star which thee companion would have evolved away from the main sequence
evolvess at constant mass.
too overflow its Roche lobe before gravitational radiation could
Ass mentioned above, in making this estimate we did not take becomee effective. In this case the mass transfer would presently
intoo account the possible effects of angular momentum losses by bee driven by interior nuclear evolution, which will cause a gramagneticc braking, as these do not lend themselves to analytical duallyy widening of the system. The companion would in that
estimates.. We are presently engaged in doing detailed numerical casee at present be a post-main-sequence star, a giant or a subgiant
calculationss where these effects are included. The first results —— which disagrees with the observations.
indicatee that our conclusions remain valid, since the dynamo
Thus,, an upper limit to Pposl_SN is set, for any value of MK, by
mechanismm responsible for the magnetic activity is not expected thee condition that this period must be such that Ty(Pposl.sN) ^ T5«.
too operate in stars which are more massive than the upper limit forr t „ < r Hubble and T..(PPO,1_SH) < THubble for rev > THubble, respecderivedd above.
tively.. In Fig. 3 the curve Pcontacl(A/ic) indicates the orbital period
AA closer consideration of the evolutionary scenario outlined att which the companion is filling its Roche-lobe on the ZAMS.
abovee also rules out the possibility that the black hole in A0620-00 Noticee that this period is independent of MBH, (see Faulkner
waswas formed by accretion induced collapse of a neutron star. If the1971).. To obtain from the P conlacl values the maximum possible
initiall configuration consisted of a main sequence star (of about initiall orbital periods Pmax(Af IC), we computed the orbital decay by
GR-lossess backward in time over a time interval Min (T„, rHubbiJ2M2MQQ)) and a 1.4 M 0 neutron star, the main sequence star would
startt to transfer mass on a thermal timescale until the mass ratio Thiss yielded the three P max - curves in the figure, for the three
reverses.. In this case the mass transfer rate is strongly super- valuess of M BH . The figure shows that the orbital period of the
Eddington,, and practically all transferred mass must be lost from system,, just after the formation of the black hole, cannot have
thee system. After this mass ejection there would be less mass left beenn larger than about one day.
inn the system than is presently observed.
3.. The system configuration prior to the formation of
thee black hole

2.2.2.2. The maximum post-supernova orbital period, as
aa function of the initial companion mass
Thee above considerations show that the present system configuration,, with a K-dwarf-like Roche-lobe filling companion, can
onlyy be obtained if the following conditions are fulfilled:
(i)) the initial companion mass - just after spiral-in - was
<< 1.4 — 2.0 Mo (for MBH between 4 Af0 and 13 M Q );
(ii)) Gravitational radiation already started driving the mass
transferr when the companion was still in the core-hydrogen burningg phase.

3.1.3.1. The evolution after spiral-in: constraints to the
ZeroZero Age mass of the progenitor of the black hole
Inn the wide system with very small mass ratio which we adopt
ass initial configuration, spiral-in of the low-mass star into the
envelopee of the massive star is unavoidable if the massive star
becomess a red supergiant. After the Common-Envelope (CE)
phasee and spiral-in, the system will consist of the helium core of
thee initially more massive star, together with the low-mass companion,, in a very narrow orbit. The lower limit to the post-spiral-
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Fig.. 3. The orbital period when the companion
exactlyyfillsits Roche lobe on the main sequence
(Pconucl)) and the maximum post supernova orbitall period (PmaJ as a function of companion
mass.. Pm„ is calculated by following the decay
off the orbit by gravitational radiation backward
inn time for one main sequence lifetime

inn orbital period is set by the condition that the low-mass star
(iii)) the thus obtained period Pposl.SN(AfIC, Mm, MHc) should
filledfilled its Roche lobe in the new system I helium stars have much
bee lower than the upper limit Pmix(M[c, MBH) to the post-SN
smallerr radii than hydrogen stars, and will therefore not fill their orbitall period, required for gravitational-radiation trapping, as
Rochee lobe. cf. Arnett. 1978).
representedd in Fig. 3
Massivee helium stars (M > 5 M0) are thought to be identified
Fromm these conditions, one derives, for each combination
withh Woif-Rayet stars (Paczynski, 1967; Kippenhahn. 1969: (AfIC,MBH)) an upper limit to MHe. These upper limits are given
Willis.. 1985). Such stars have very strong stellar winds, with v ~ byy the dashed lines in Fig. 4.
2000km/ss and a mass loss rate > 10~ 5 Af 0 /yr (cf. Willis, 1985).
Thee next step is to convert these M Hc values into initial masses
Thiss type of gradual spherically symmetric mass loss will make off the massive stars when they were on the ZAMS. Taking stellar
thee orbital period increase, but does not affect the circularity of windd mass loss during the hydrogen-burning stages of these stars
thee orbit (cf. van der Klis, 1983). The subsequent supernova ex- intoo account in the way described by HH. the relation between
plosionn of the helium star - leaving_the black hole as a remnant - thee main-sequence progenitor mass M{ and the helium core mass
willl also make the orbital period increase but makes the orbit MMHtHt,, for X = 0.70, Z = 0.02 is given by
eccentric.. After tidal circularization of the orbit (assuming con85
(5) )
servationn of orbital angular momentum, i.e. neglecting the rota- M„„ ^ O . l O l S A f P
tionall angular momenta of the components), the orbital period
(Forr other chemical compositions slightly different relations are
will,will, - relative to the pre-explosion period - have changed by
obtained,, cf. Tutukov et al., 1973). Using relation (5) to derive the
justt the same amount as in the case the explosively ejected mass
maximumm initial ZAMS progenitor masses from the maximum
hadd been lost gradually by means of a spherically symmetric
He-coree masses, the M r curves in Fig. 4 are obtained.
wind. .
Thee figure shows that for MBH = 4 M Q , the maximum proThus,, for the change in orbital period from MHe(P;) down to
genitorr mass is rather small, ranging from < 2 0 M o for Mlc =
AfBH(Pf),, one can use the same formula (cf. van der Klis 1983): 2M2M
to < 3 0 W for M = 0.7M . For M = 13 M these
QQ

P, P,

-V/.CC + Mh
MMICIC + MB

(4) )

withh the added constraint that no more than M„ M« M«
can n
havee been lost during the supernova to avoid disruption of the
binary. .
Forr a given combination of values of Mlc, MHc and Mm one
cann derive constraints to the post-SN orbital period from the
followingg considerations:
(i)) a lower limit to Pvon^:E is set by the constraint that after
CEE - evolution, the low mass star filled its Roche lobe;
(ii)) the increase in P from PPOS,-CE t o ^Post-sN ' s determined by
thee amount of mass AM = {MHc — MBH) lost by the massive star
whilee evolving from a He-star to a black hole.

o

K

o

BH

0

rangess change into: <50/Vf o , for Mlc = 2Af 0 , to < 8 0 M o for
MICC = 0 . 7 M o .
Off course, the lower mass limits of MHe are equal to MBH in
eachh case. Converting these values into M r values, one obtains a
lowerr limit to Mx of 17.44M 0 for MBH = 4 M 0 , 27M 0 for
MMBHBH = 7 MQ and 43.7 MQ for MBH = 13 M 0 .
Onee thus observes, for example, that for MBH = 7MQ, the
allowedd range of Afrvalues is 2 7 M 0 - 4 5 . 7 M 0 for Mlc =
0.77 M0, and 27 M 0 - 30 M G for MK = 2.0 M Q .
Takingg a possible range of 4-13 MQ for Mm, the total allowedd range for M, becomes 17 iVf0 — 80 M0. These absolute
lowerr and upper limits do not really contribute an interesting
result.. If. however, a better estimate of MBH could be made (for
instancee by the study of ellipsoidal variations in an improved
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Fig.. 4. Upper limits to the masses of the
WRR and main sequence progenitors of the
blackk hole, as a function of companion
masss and for different black hole masses

lightt curve, which yields a better estimate of the inclination), the
possiblee values for M, would be much more restricted.
3.2.3.2. Further narrowing down of the Zero Age mass range
ofof the progenitor
Thee lower mass limits derived in the foregoing section are absolutee lower limits derived from the present system parameters of
A0620-00.. However, stronger lower mass limits for black hole
formationn have been derived by HH from the presence of neutron
starss in some very massive X-ray binaries, and by Schild and
Maederr (1985) from the presence of neutron stars in some very
young~OBB associations. The thus derived lower (Zero Age) mass
limitt for black hole formation is 40 5 M 0 .

4.. Discussion

3.3.3.3. Lower limit to the initial orbital period before
CommonCommon Envelope evolution
Wee use the formulation of the spiral-in evolution as given by
Webbinkk (1984). In this formulation it is assumed that the change
inn orbital binding energy during the CE-evolution is entirely used
forr removing the envelope, i.e. equals the binding energy of this
envelope.. The latter binding energy can be expressed as
££

G(MG(M2f2f +
=

Mu)M2e

(6) )

wheree M2f and M2e denote the masses of the core and envelope
off the giant, respectively, axRL is its radius ( = Roche-lobe radius)
att the onset of the spiral in, a, is the orbital separation and X
iss a factor of order unity, which depends on the stellar density
distribution.. Setting Eq. (6) equal to the change in orbital energy
GMGMll(M(M2e2e + Mijl
lalaxx

GM,
2a2

M2{

(7) )

onee obtains for the ratio of final and initial orbital separation:
2M, ,
MM2f2f-M-Ml l
aa22/a/al l
M,, + '' (M 2 / + M2e)(
X,RX,RL L

(Eq.. 4) as M2f and the mass of the envelope at the time of central
H-exhaustionn as the envelope mass M2e (Chiosi et al.. 1978). For
RRLL we take the value 1, since the giant is much more massive
thann its companion and is not expected to be corotating, and
forr /i; we take 0.5, which is a reasonable value if we compare
Eq.. (6) with the results of detailed numerical stellar models. In
thiss way we can derive the pre spiral-in orbital period. To find
thee initial orbital period we correct this for the wind mass loss
duringg the main-sequence evolution of the massive star, and thus
arrivee at the periods plotted in Fig. 5. As the figure shows, this
orbitall period is not very dependent to the initial mass of the
BH-progenitor.. For an initial mass of 30 M0 the shortest initial
orbitall periods are obtained, which range between 240 and 660
dayss depending on the mass of the companion.

(8) )

Thee model which we adopt for the formation of the system is,
ass mentioned above, similar to the one suggested by HH for the
originn of LMC X-3, i.e.: a wide and massive binary with a mass
ratioo very different from unity. Adopting the semi-empirically
derivedd result that, in order to terminate with a black hole, the
initiall hydrogen-rich stellar mass must have been > 4 0 W o , and
combiningg this with our result that M c < 2 M 0 , implies an initial
masss ratio of the system <0.05. Observationally, unevolved Otypee binaries with such a low mass ratio are not known (Garmany,
1979;; Garmany et al., 1980). However, the orbital period range
investigatedd observationally so far is rather short (a few months).
Moreover,, the lower detection limit of the radial velocity variationss (15 km/s, due to the large width and variability of line profiless in O-type stars) limited the detection to companions with
masss ratios larger than about 0.1. Therefore, no observational
indicationss concerning the presence or absence of companions
withh mass ratios <0.05 and orbital periods larger than a few
monthss are available. Among the lower main-sequence stars, includingg the sun, many systems are present with dark companions
havingg orbital periods of several years and mass ratios of < 0.05,
soo we find no a priori reasons to assume that similar companions
couldd not be present among the O-type stars.

wheree M s is the mass of the low-mass companion.
Forr a given value of Mit one can calculate a2/al as a function
off the mass M 2 of the red giant, taking the core mass of the giant

Eggletonn and Verbunt (1986) have argued against an evolutionaryy scenario along the lines of HH because i) they could
nott see how the system managed to remain bound during the
supernova,, and ii) the spiral-in in the model of HH took place
beforee the massive star becomes a red supergiant, which makes
1000 0
itt difficult to eject the envelope with a companion as light as in
A0620-00. .
Regardingg the second point, indeed we find (Sect. 3.3) that the
massivee star has to become a red supergiant before the common
envelopee phase. It is still an open question whether very massive
starss become red supergiants, or proceed directly to the WolfRayett (WR) phase by losing their entire envelope through a massivee stellar wind while they are blue supergiants. In this respect it
mayy be significant that A0620-00 is located in the direction of
thee galactic anticenter. Maeder et al. (1980) noticed that the ratio
N R /N WRR of the numbers of red supergiants (R) and Wolf-Rayet
(WR)) stars as a function of galactic longitude is sharply peaked
intoo that direction, whereas it reaches a minimum into the direc0.66
0.8
1.0
1.2
U
1.6
1.8
tionn of the galactic center. This longitude effect is presumably
MicMc
directlyy related to the heavy-element abundance Z, which deFig.. 5. The minimum initial orbital period, as a function of companion
creasess as a function of galactocentric distance. The Magellanic
masss and for several choices of the main sequence mass of the black hole
Cloudss which have a lower Z-value than the anti-center region,
progenitor r
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havee an even higher ratio JVR/7VWR. This suggests (Maeder et ai.)
thatt at high Z, the loss of the stellar envelope during the blue
supergiantt phase may occur already for stars of relatively low
mass,, i.e. upwards from 35 Af0 (Pylyser et al., 1985), upon which
theyy become WR stars - without passing through the red supergiantt phase. On the other hand, for lower Z-values the same will
happenn only if the stars are more massive, say >45M 0 . This
meanss that our scenario may only be possible in regions that
havee a small metal abundance, which is exactly as observed.
Discussingg their first objection, Eggleton and Verbunt argue
thatt it is unlikely that the system remains bound during the supernova,, since more than half of the system mass will probably be
lostt during the supernova when the progenitor WR star is sufficientlyficiently massive to produce a black hole. In our opinion
thee reverse is true: the presence of the black hole makes it easier
too understand that the system remained bound. The essential differencee between neutron star and black hole formation is whether
thee shock that moves outward after the collapse of the 1.4M0
ironn core is able to expell the outer layers. If it succeeds in doing
thiss only the remnant of the iron core remains as a neutron star.
Iff on the other hand the shock stalls, the outer layers start to
falll in again, and the whole star collapses. In this case very little
masss could be lost from the system, and the companion can easily
remainn bound.
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Summary.. We present numerical calculations that simulate the
evolutionn of low mass close binary systems, in which a low mass
(1.0A/ o -2.0A/ o )-starr transfers mass to a compact object. The
masss transfer starts when the lobe filling star is in a stage between
thee Zero Age Main Sequence and the ascent of the giant branch.
Losss of angular momentum due to gravitational radiation and
magneticc braking was assumed. For several initial mass ratio's, we
determinedd the bifurcation periods that separate the formation of
convergingg systems (which evolve with decreasing orbital periods
untill the mass-losing component becomes degenerate and an
ultra-compactt binary is formed) from the diverging systems
(whichh finally evolve with increasing orbital periods until the mass
losingg star has lost its envelope and a wide detached binary is
formed). .
Divergentt systems with initial mass of the donorstar
>> 1.25 MQ show a very sharp (almost discontinuous) increase of
theirr final orbital period as a function of the initial evolutionary
statee of the donorstar. This corresponds to the coincidence of the
overalll contraction phase with the beginning of mass transfer. We
discusss the possible initial system parameters and current evolutionaryy state of the following observed systems: PSR1831-00,
A0620-00.. 4U1626-67, G16-29, 4U1916-05, ScoX-1, CenX-4,
GKK Per.
Keyy words: stars: binaries: close - X-rays: binaries - pulsars

1.. Introduction
Thee interest in the evolution of low mass close binaries, such as
cataclysmicc variables (CVs), low mass X-ray binaries (LMXB's)
andd binary radio pulsars (BRPS's) has been growing over the past
feww years, both observationally (see Patterson, 1984 for a review
onn CV's and van Paradijs, 1983 for a review on LMXB's) and
theoreticallyy (Taam et al., 1980; Rappaport et al., 1982; Webbink
ett al., 1983; Taam, 1983; Iben and Tutukov, 1984; Tutukov et al.,
1985,1986.. and references therein). A review of the evolutionary
scenarioss leading to the formation of BRPS's was recently
presentedd by van den Heuvel (1986).

SendSend offprint requests to: E. Pylyser
*E.P.. is supported by the Netherlands Foundation for Pure
Researchh (ZWO) under grant 782-371-017

LMXB'ss and CV's are semi-detached close binary systems, in
whichh a compact object (a neutron star or a black hole in LMXB's,
andd a white dwarf in CV's) accretes matter from a tow mass
companionn star, while BRPS's are detached binary systems
consistingg of a neutron star and a white dwarf.
Thee neutron star in the LMXB's must have been formed in a
speciall way. The canonical formation mechanism of a neutron star
iss connected with the supernova explosion of massive stars
(>1(>1 M0). Most of the massive star is thereby blown into space
whilee only the inner core of 31.4 M0 collapses to form a neutron
star.. Since a binary evaporates if more than half of its mass is lost
(unlesss one assumes very special conditions for the outflow), this
cannott have occurred in a LMXB where the non-collapsed
companionn has a mass of about 1 M 0 . It is therefore generally
believedd that the neutron star in LMXB's is produced during mass
transferr from the less evolved companion as a result of accretion
inducedd collapse (AIC) of a (massive) white dwarf (WD).
Numericall studies of accreting WD's suggest that these stars
cann only substantially increase their mass by accretion if the
accretionn rate is high ( £ 2 10"7 Af*0/yr; Nomoto, 1982a, b, 1984).
Forr lower accretion rates the accreted matter burns discontinuouslyy in strong flashes with violent mass outflow (nova
explosions).. But even for high accretion rates no neutron star is
formedd in general, because the WD is in general totally disrupted
byy thermonuclear deflagration. Only in the special case of a high
accretionn rate onto a massive O/Ne/Mg WD a neutron star will be
formedd (e.g. Nomoto, 1984).
Thesee considerations suggest that the formation of LMXB's is
ratherr special. However, there are other investigations that
suggestt that neutronstar formation by accretion induced collapse
off a WD may be a far more common phenomenon (that occurs in
oldd C/O WD's, see Canal et al., 1984).
Inn any case it is generally accepted that the LMXB's descend
fromm much wider binary systems in which the giant progenitor of
thee WD can have been accomodated inside its critical lobe. The
progenitorss of LMXB's (as well as the CV's) are therefore believed
too have evolved through a "spiral-in" phase in which the
companionn of the present compact star spiralled down into the
envelopee of the giant (Paczynski, 1976; Ostriker, 1976; Meyer and
Meyer-Hofmeister,, 1979). The dissipated orbital energy
evaporatedd the giant's extended envelope, so that only its core (the
presentt WD) remained, in a much tighter orbit.
Thee subsequent evolution depends critically on the orbital
periodd of the binary after the termination of the "spiral-in" phase.
Whenn the orbital period is shorter than some critical value
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(dependingg on the masses of the components) angular momentum
lossess (AML) such as gravitational radiation (Faulkner, 1971) or
magneticc braking (e.g. Ver bunt and Zwaan, 1981) will be
sufficientlyy strong to drive the two stars together in less than a
nuclearr timescale of the non-collapsed star (donorstar). The
donorstarr will then start to overflow its shrinking critical lobe and
initiatee a new period of tidal mass transfer in the binary. If the
donorstarr is the more massive star after the end of the "spiral-in"
phase,, it will first loose mass on roughly a thermal timescale (or
shorter)) with correspondingly high mass transfer rates. Once the
donorstarr has become the less massive component the mass
transferr continues on the timescale dictated by the AML, because
thee latter timescale is then short compared to the nuclear timescale
off the donorstar. The binary is thus "captured" by AML and the
orbitt continues to shrink, whereby the nuclear evolution is frozen
(e.g.. Taam et al., 1980; Paczynski and Sienkiewicz, 1981; Rappaportt et al., 1983; Iben and Tutukov, 1984; Tutukov et al., 1985,
1986). .
However,, if the orbital period after the "spiral-in" phase is
longerr than the critical period, AML are insufficient to drive the
twoo stars together within a nuclear lifetime of the donorstar. The
donorstarr will then initiate Roche-lobe overflow as a result of its
envelopee expansion due to the nuclear burning in its interior. As in
thee previous case, a rapid mass transfer (RMT)-phase occurs if the
donorstarr is the more massive component. If the donorstar is,
orr has become, the less massive component, the mass transfer
(mainlyy determined by the nuclear evolution of the donorstar) will
tendd to widen the orbit (unless the binary spills mass with a high
specificc angular momentum) so that the orbital evolution is
reversedd ("spiral out"). It has been suggested that this expanding
phasee (which occurs only in the wider LMXB's) corresponds to a
veryy bright X-ray phase in case the accreting WD has collapsed to
aa neutron star (Webbink et al., 1983). After the donorstar, which is
noww a (sub) giant, has depleted its envelope the neutron star
(collapsedd WD) becomes a radio pulsar (Paczynski, 1983; Rappaportt and Joss, 1983; Savonije, 1983).
Inn this investigation we study the bifurcation of the post spiralinn evolution into either a further "spiral-in" when AML dominate,
orr into a "spiral-out" when the effects of mass transfer determined
byy the nuclear expansion of the (then less massive) donorstar
dominate.. Our evolutionary calculations include AML from the
systemm in the form of gravitational radiation (GR), magnetic
brakingg (MB) of the donorstar and occasional loss of specific
orbitall angular momentum of the accretor when mass loss from
thee system is considered. We present evolution calculations of
systemss with donorstars commencing mass transfer when they are
inn the stage between the Zero Age Main Sequence and the initial
ascentt of the giant branch. Systems that begin tidal mass transfer
inn a later evolutionary phase, when a sizeable degenerate core
( ^ H C C ^ O - I S A / Q )) has developed, have been studied (semianalytically)) by Webbink et al. (1983) and de Kool et al. (1986)
andd (numerically) by Taam (1983) and Iben and Tutukov (1984).
Thee initial conditions chosen make our calculations useful for the
understandingg of the evolution and evolutionary status of
BRPS's,, LMXB's and (to a lesser extent) CV's.

lengthh of 1.5 pressure scale heights and initial abundances
^^ = 0.70 and Z = 0.02.
Sincee MB is a possibly very efficient way to remove angular
momentumm from a binary system (Huang, 1966; Mestel, 1968;
Eggleton.. 1976; Verbunt and Zwaan, 1981), it is important to
determinee under which circumstances magnetic braking may
operate.. It is generally thought that MB is caused by the
interactionn of a stellar wind with a magnetic field induced by the
differentiall rotation in the convective envelope. The magnetic
field,field, believed to be anchored in the underlying radiative layers o
thee star (Parker, 1955) forces the outflowing matter to corotate
withh the star by following the field lines before escaping into the
interstellarr medium. For stars which are members of a close binary
system,, the rotational braking is compensated by the effective
tidall coupling (because of the convective envelope) with the
companion,, so that orbital angular momentum is converted to
spinn angular momentum and the binary tends to shrink. Enhanced
magneticc activity, and hence MB, has been shown to exist in all
Mainn Sequence (MS) stars with colour index B-V^0A,
in
subgiantss with 0.4 < B- V< 0.6, and in giants with B- V> 0.6
(Rutten,, 1986a, b). By comparing the evolution of the convective
envelopee of single low mass stars with the above observations
theree appears to exist a correlation between the occurrence of
enhancedd magnetic activity and the extent of the convective
envelope.. For a 1.30 A/0-main sequence star the minimal value of
B—B— V- 0.4 corresponds to a (minimal) extension of the convectivee envelope of -4.5 103km. Test calculations show that the
derivedd minimum depth of 45 000 km for the convective envelope,
requiredd for effective MB in the main sequence band, is a quite
generall criterion that applies equally well to the more evolved
stars,, i.e. it predicts magnetic activity consistent with the above
mentionedd observations for (sub) giants. We adopted this computationallyy convenient criterion for the occurrence of MB and
calculatedd sequences in which the more massive (^1.25A/ 0 )
donorstarss automatically switched on MB when the depth of their
convectivee envelopes increased beyond the critical value when
theyy evolved away from the Zero Age Main Sequence (ZAMS).
Ann evolution study of the rotation rates of (sub)-giants (Rutten
andd Pylyser, 1987), indicates that the Skumanich- "rotation
rate/age"" -relation derived for (G-type) main sequence stars can
alsoo approximately describe the evolution of (sub) giant rotation
rates.. The distribution of the rotational velocity of (sub) giants
showss a significant decrease near B— V ~~ 0.50. Reconstruction of
thiss distribution simply in terms of changes in the moments of
inertiaa during stellar evolution was succesful for giants, but was
onlyy partially possible for subgiants. When angular momentum
lossess were taken into account according to the Skumanich
relationn for main sequence stars, good agreement with the
observationallyy derived decay of the rotational velocity of subgiantss could be obtained.
Thee following expressions for the AML were used:
(i)) Gravitational radiation losses (Landau and Lifshitz, 1959):
d\nJd\nJ
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(ii)) Magnetic braking of the donor star (Verbunt and Zwaan,
1981,, based on Skumanich, 1972):
2.. Assumptions

^ ~ - 0 . 55 10- a V" 2 /*/tfG> 3 s" 1 .

(2)
Forr the evolutionary calculations we used a version of Eggleton's
evolutionn code (Eggleton et al., 1973). Our code contains the mass wheree J is the orbital angular momentum of the binary system,
transferr description of Savonije (1979). We adopted a mixing andd A the orbital separation. Ma is the mass of the (compact)
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characterizedd by a letter and a number, where the letter correspondss to the initial evolutionary state of the donorstar and the
numberr equals the total mass of the system in units of 0.1 M0. For
example,, C25 characterizes an evolutionary sequence with a
donorstarr in a more evolved initial state (where '"initial" means: at
thee initiation of mass transfer) than sequence B25, while both
sequencess have initial donor and accretor masses of 1.5 MQ and
1.00 MQ, respectively. Most sequences were evolved including
AMLL due to GR and MB. A prime indicates that the sequence was
evolvedd without magnetic braking. Double primes denote sequences,, which were evolved with MB and in which mass loss from
thee system was included. Open dots along the tracks in the figures
markk the onset of MB.
Lett us now introduce a bifurcation period Pbif(Md, Ma) for a
givenn initial mass configuration (Md, Ma), that separates the
formationn of converging binary systems, with initial periods
PiPi < P bif , from the diverging binary systems, with Pt > Pbi!. The
sequencess characterized by the letter A (and occasionally Z)
alwayss correspond to converging binary systems, while those with
letterss B. C, etc. correspond to diverging binary systems. We have
takenn model sequences A and B close to (both sides of) the
RRcc = 0.49 A q2131(0.6 q2'2 + In (1 + q112)).
(3)bifurcationn limit.
Thee initial periods of the sets of sequences 25 and 33 in Table 1
wheree q= MJMa, and A the orbital separation.
aree indicated in Figs. 1 and 2, respectively. The dip in the curve of
(possible)) initial periods corresponds to the occurrence of the
overall-contractionn phase for single stars with masses ^ 1.25 MQ.
3.. Timescales and orbital evolution
Figuress 3-5 display the evolution tracks of the donorstars in
Too describe the evolution of binary systems with mass transfer thee Hertzsprung-Russell diagram of sequences A20-D20, A25ontoo a compact star it is useful to introduce the following four 125,, and Z33-C33 (including B 33', B33" and C 33"), respectively.
Itt can be seen that the donorstar in converging binary systems
timescales: :
(sequencess A and Z) evolves downwards in the HR-diagram,
(i)) The thermal readjustment time of the donor star:
almostt parallel to the ZAMS. The evolution tracks for the
rrKHKH = (GM!/RL).
donorstarss in the B-sequences (just beyond the bifurcation limit)
lookk very similar to those of the ,4-sequences and move upwards in
(ii)) The timescale for angular momentum losses due to the thee HRD only when the combined effect of mass loss, enhanced
emissionn of gravitational waves:
nuclearr evolution and inward penetration of the convection zone
r
startss to increase the helium content in the envelope of the
GR==
-(dlnJ/dOöi,
donorstar. .
wheree the term on the right is calculated with help of Eq. (1).
(iii)) The timescale for angular momentum losses due to
magneticc braking of the donor star:

accretor.. while Md, Rd, Id, and co are the mass, radius, moment of
inertiaa and spin angular velocity of the donorstar. respectively.
Almostt all calculations were performed with constant total system
masss M. Because we assumed that the accretors are white dwarfs
(att least during the initial phase of the rapid mass transfer phase)
withh high Eddington luminosities this seems a reasonable approximation.. Mass loss from the system, carrying away specific
orbitall angular momentum of the accretor, was assumed for two
sequencess which were calculated for comparison. For each model
off the evolution sequences Id was calculated and substituted in
Eq.. (2). It was further assumed that the spin angular momenta of
bothh components could be neglected and that tidal interaction in
thee binary was sufficiently effective to keep the (magnetically
braked)) rotation of the donor star synchronous with the orbit. The
factorr ƒ in Eq. (2), which we set somewhat arbitrarily equal to 1,
hass been determined observationally to be 0.73 <ƒ< 1.78 for
singlee main sequence G-stars (Skumanich, 1972; Smith, 1979).
Tidall mass transfer was started when the radius of the donorstar
becamee larger than the critical Roche-radius given by (Eggleton,
1983): :
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wheree the term on the right is calculated with help of Eq. (2).
(iv)) The timescale for tidal mass loss from the donor star:

R(d) )
ii

TTMLML=-(d\nMJdty=-(d\nMJdtyll. .
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Thee evolution of the orbital separation of the binary system
(assumingg constant system mass) can then be written as:
1/22 Jin A/dt = (!-<,) xü - (TOR1 + r^ 1 ),

1

A~~ EE
V0
2s
25

0.66 -

overall l
contraction n

(4) )

phase e

wheree q = (MdMa). For q > 1 the orbit will always decay, while for
qq < 1 the orbit can expand if the AML timescales are longer than
rML.. In the latter case the mass transfer is driven primarily by the
nuclearr evolution (expansion) of the donor star, so that rML S rBUC.
4.. Results and discussion
4.1.4.1. Bifurcation periods: converging and diverging systems
Thee results of our calculations are given in Tables 1-4 and shown
inn Figs. 1-10. Each initial binary configuration in Table 1 is

0 25

0.U 0.U
1.0 0

1.2 2

1.4 4

1.6 6

2.0 0
1.8 8
tjj (10ayears)

Fig.. 1. The curve shows the orbital period ?, in days as a function of evolution
timee (, (since the donorstar left the ZAMS) for a binary (with Md= 1.50 MQ and
MMaa = 1.00 MQ) in which the donorstar has just expanded to its Roche lobe. The
arrowss indicate the initiation of mass transfer. The sudden decrease in the curve
PiPi (/,) reflects the occurrence of the overall contraction phase at the end of the
coree hydrogen burning phase of a 1.50 A/Q single star
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Tablee 1. Binary parameters of the calculated models
Mod d

M

dd

MM
aa

XX
CSSt»SS33

. (*)

P

tt

logg M„

PP . M
nun n d f f

P

ff

neci i

X

Cf(**
necf f

T

ML L

Age e

A17 7
B17 7
C17 7
D17 7

1.00 0
1.00 0
1.00 0
1.00 0

0.70 0
0.70 0
0.70 0
0.70 0

8.49 9
9.05 5
9.55 5
9.73 3

0.006 6
0.02 2
0.07 7
0.09 9

0.58 8
0.67 7
0.82 2
0.92 2

-8.03 3
-8.00 0
-7.83 3
-7.27 7

0.07 7
0.47 7
0.69 9
0.80 0

0.11 1
0.18 8
0.21 1
0.22 2

0.07a a
0.95 5
3.21 1
4.77 7

0.01 1
0.15 5
0.19 9
0.20 0

A20 0
B20 0
C20 0
D20 0

1.00 0
1.00 0
1.00 0
1.00 0

1.00 0
1.00 0
1.00 0
1.00 0

3.49 9
9.05 5
9.55 5
9.73 3

0.006 6
0.02 2
0.07 7
0.09 9

0.60 0
0.69 9
0.85 5
0.95 5

-8.61 1
-8.61 1
-8.51 1
-8.27 7

0.14 4
0.53 3
0.77 7
0.91 1

0 .. 14
0.20 0
0.22 2
0.23 3

0.14a a
1.72 2
4.81 1
6.78 8

0.04 4
0.18 8
0.20 0
0.21 1

ZSO O
A50 0
BSO O

1.00 0
1.00 0
1.00 0

4.00 0
4.00 0
4.00 0

6.53 3
7.32 2
8.12 2

0.03* *
0.002* *
0.006 6

0.48 8
0.53 3
0.59 9

-9.43 3
-9.47 7
-9.49 9

0.31 1
0.16 6
0.46 6

0.61 1
0.19 9
0.20 0

0.31aa
0.16a a
1.93 3

. 0 0 2 * * 2 . 3 6 b b 8.21 1
. 0 0 0 1 * * 3 . 9 1 b b 12.75 5
0.18 8
6 . 8 1 1 14.93 3

B22 2

1.50 0

0.70 0

1.79 9 <0.001 1

0.73 3

-6.76 6

0.46 6

0.19 9

1.18 8

0.16 6

5.97 7

A25 5
B25 5
C25 5
D25 5
E25 5
F25 5
G25 5
H25 5
125 5

1.50 0
1.50 0
1.50 0
1.50 0
1.50 0
1.50 0
1.50 0
1.50 0
1.50 0

1.00 0
1.00 0
1.00 0
1.00 0
1.00 0
1.00 0
1.00 0
1.00 0
1.00 0

1.52 2 0 . 1 4 * *
1.61 1 0 . 0 8 * *
1.62 2 0 . 0 7 * *
1.79 9 <0.001 1
1.83 3 0.007 7
1.88 8 0.02 2
2 . 0 4 4 0.06 6
2 .. 15
0.09 9
2 . 2 1 1 0.14 4

0.70 0
0.75 5
0.75 5
0.76 6
0.78 8
0.83 3
1.02 2
1.34 4
1.66 6

-7.35 5
-7.37 7
-7.06 6
-7.04 4
-7.05 5
-7.05 5
-7.09 9
-7.28 8
-7.18 8

0.07 7
0.40 0
0.57 7
0.59 9
0.64 4
0.70 0
0.88 8
1.16 6
1.39 9

0.11 1 0 . 0 7 a a
0.. 17
0.58 8
0.21 1 2.30 0
0.21 1 2.49 9
0.22 2 3.24 4
0.22 2 4.46 6
0.24 4 9.68 8
0.25 5 15.70 0
0.26 6 20.21 1

0.002* *
0.15 5
0.18 8
0.. 18
0.19 9
0.20 0
0.22 2
0.23 3
0.25 5

2.24b b
7.69 9
9.89 9 11.50 0
4.41 1
6.03 3
4.04 4
5.83 3
3.30 0
5.13 3
2.57 7
4.43 3
1.10 0
3.14 4
0.59 9
2.74 4
0.40 0
2.61 1

Z55 5
A55 5
B55 5

1.50 0
1.50 0
1.50 0

4.00 0
4.00 0
4.00 0

0.00 0
0.28 8
0.71 1

0.70* *
0.63* *
0.50* *

0.48 8
0.51 1
0.56 6

- 9 . 2 1 c c 0.10 0
- 9 . 2 0 C C 0.10 0
- 9 . 2 2 C C 0.38 8

0.19 9
0.17 7
0.. 18

0.10a a
0.10a a
0.76 6

0.21* *
1.23 b b
0.09* *
1.56 b b
0.15 5 12.78 8

A25' '
B25' '
C25* *

1.50 0
1.50 0
1.50 0

1.00 0
1.00 0
1.00 0

0.00 0
0.48 8
0.98 8

0.70* *
0.57* *
0.40* *

0.43 3
0.48 8
0.55 5

-7.33 3
-7.28 8
-7.26 6

0.09 9
0.38 8
0.49 9

0.18 8
0.22 2
0.24 4

0.09a a
3.94 4
8.18 8

0.21* *
0.20 0
0.22 2

Z33 3
A33 3
B33 3
C33 3

2.00 0
2.00 0
2.00 0
2.00 0

1.30 0
1.30 0
1.30 0
1.30 0

0.20 0
0.55 5
0.62 2
0.88 8

0.59* *
0.33* *
0.25* *
0.14 4

0.51 1
0.70 0
0.77 7
1.91 1

-6.49 9
-6.42 2
-6.40 0
-6.36 6

0.24 4
0.09 9
0.54 4
1.66 6

0.66 6 0 . 2 4 a a
0.15 5 0 . 0 9 a a
0.28 8 1 . 5 1 * *
0.29 9 41.38 8

0.50* *
0.015* *
0.12 2
0.28 8

0.93b b
2.11bb
1.10b b
0.11 1

0.94 4
7.02 2
3.88 8
0.99 9

B33' '
C33' '

2.00 0
2.00 0

1.30 0
1.30 0

0.20 0
0.47 7

0.59* *
0.40* *

0.51 1
0.64 4

-6.49 9
-6.43 3

0.44 4
0.56 6

0.25 5 13.16 6
0.54 4 3 . 0 5 a a

0.23 3
0.15 5

5.84 4
8.65b b

6.04 4
2.87 7

B33" " 2 . 0 0 0
C33" " 2.00 0

1.30 0
1.30 0

0.62 2
0.88 8

0.25* *
0.14 4

0.77 7
1.91 1

-6.77 7
-6.54 4

0.41 1
1.86 6

0.18 8 1.15 5
0.29 9 36.95 5

0.14 4
0.28 8

5.93 3
0.11 1

6.55 5
0.99 9

3 . 6 5 b b 15.17 7
5.12 2 14.17 7
1.88 8 11.43 3
1.29 9 11.02 2
10.94b b
4.00 0
1.71 1
1.20 0

16.25 5
13.05 5
11.26 6
10.93 3

._-—___
_
___-_—_.
.
_
..._._.._.
.
______ _
—-.___.. ______
.

NotesNotes to Table 1:
M,<La,df
M, <La,df== mass donor, accretor, (donor, final)
== initial age
==
initial, final core hydrogen abundance
M«./> >
A/Hee c (( ƒ)= initial, final helium core
i,rain,ƒ == initial, minimum, final period of the system
== log (maximum of the mass loss rate of the secondary
logg Aif- duringg mass transfer)
== final age of the system present Md//MiM if superscript b
Age e
__ ƒ — present Mif/Mdot if superscript b, or
-Age-f< <
L

7.76 6

4.59 9
5.65 5
13.49 9

2 . 4 0 b b 13.41 1
14.96 6 15.44 4
6.42 2
7.40 0

** Mass transfer not finished at the end of the calculations
bb
Present rML = A/rf//A/dot
cc
At the onset of MB
Primess denote models, evolved with the inclusion of GR alone.
Doublee primes denote models, evolved with MB and mass loss
fromm the system.
Timess in 109yr; masses in MQ; periods in days; mass loss rates
inn A/Q/yr
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Figg 5. Same as F.g. 3. but for sets of sequences 33 and 33" and sequence B 33'. Dashed-dotted tracks, corresponding to double primed sequences, show the evolution
off b.nary systems which evolve with the inclusion of GR, MB and mass loss from the system. The dotted track, corresponding to a primed sequence shows the
evolutionn of systems for which only AML due to GR was assumed. The enlarged part of the diagram shows the return to thermal equilibrium of the donorstar
immediatelyy after the rapid mass transfer phase in sequences Z33 and B33'

Tablee 2. Bifurcation systems
XX
Set t

bif f

'ZAMS S

nec,i i

between n
17 7
20 0
50 0
25 5
25' '
55 5
33 3
33' '
33" "

58 8
60 0
53 3
0.70 0
0.43 3
0.51 1
0.70 0
"" <
0.70 0

between n
0.67
0.69
0.59
0.75
0.48
0.56
0.77

'ZAMS S

. (*)

7 0.30 0
9 0.31 1
9 33 3
5 43 3
8 0.43 3
6 0.48 8
7 0.46 6
0.46 6
0.777 0.46

6.. 10 J
02 2
6.. 10~ 3
02 2
2.. 10~ 3 *
10" "
0.14* *
08* *
0.70* *
57* *
0.63* *
50* *
0.33* *
25* *
"" >
0.70* *
0.33* *
0.25* *

Periodss are in days; masses in solar masses

Tablee 2 shows the bifurcation periods, the corresponding
evolutionaryy state of the donorstar and the minimum initial
periodd (that corresponds to a ZAMS donorstar) for the chosen
masss configurations. The lower limit on Pbif (2.00,1.30) for the set
off sequences 33" is simply determined by the lower limit for the set
off sequences 33. This follows from the fact that sequence A33
convergess and that additional AML due to mass loss from the

systemm will only enhance the convergent character of the binary
systemm A33 (see later).
Thee initial phase of mass transfer is qualitatively different for
binaryy systems with <?, > 1 and qt < 1. In the former case the orbit
mustt shrink [Eq. (4)] and the donorstar begins to lose mass on
roughlyy a thermal timescale (or shorter in case of a dynamical
instability)) in order to remain inside the shrinking critical lobe. In
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Fig.. 6. The evolution of the orbital period as a function of decreasing donorstar
masss of some sequences of set 25 (Mt= 1.50 MQ, Ma = 1.00 M0). Open dots
markk the onset of MB. The first part of the orbital evolution is determined by the
rapidd mass transfer phase (see Fig. 8). Sequence A25 corresponds to a
convergentt system. Sequence B 25 starts mass transfer before the occurrence of
thee overall contraction phase of the donorstar. Sequence D25 starts mass
transferr after the donorstar evolved through the overall contraction phase

Fig.. 7. Same as Fig. 6, but for sequences A33 and B33

systemss with q, > 1 the bifurcation between diverging and con- intermediatee phase of orbital decline caused by the angular
vergingg systems, for a given mass of the donorstar, occurs for momentumm losses. If, during this intermediate phase, the donorinitiallyy more evolved donorstars as compared to systems with starr succeeds to reach the end of the core hydrogen burning phase
qqtt < 1 (compare set of sequences 17, 20 and 50 or 25 and 55 in (causingg the disappearence of the convective core, which is
Tabless 1 and 2). This is because the (rapid) mass transfer favours revealedd by the dips in the graphs), the subsequent rapid envelope
thee convergence of the binary systems. This can be understood expansionn and high mass transfer rate forces the binary system to
qualitatively:: during the rapid mass-transfer (RMT) phase diverge.. Thus a necessary requirement for convergence ("cap(q(qtt>> 1), the nuclear evolution of the donorstar is frozenture")) of a binary system with a donorstar progenitor more
(TMLL S TKH < rnuc), so that for a given mass of the mass-losing massivee than 1.25 M0 is that AML are sufficiently strong to
secondary,, during the mass transfer phase, the donorstar remains inhibitt core hydrogen exhaustion in the donorstar. Binary systems
lesss evolved than in case q, < 1. The less evolved donorstar then withh less massive donorstarprogenitors can form convergent
needss more time to evolve towards the shell hydrogen burning systems,, even when they have evolved slightly beyond the core
phase,, so that AML have a better chance to "capture" the system hydrogenn exhaustion phase (see sequences A17, A 20).
beforee the donorstar is able to expand significantly.
Thesee phenomena can be understood with help of Figs. 8 and 9
Itt should be noted that in all the sequences calculated here, whichh show the four timescales rGR, rMB, rML and rKH (Sect. 3) as a
evenn for systems with qt < 1, the orbital separation decreases functionn of the decreasing mass of the donorstar for evolution
initiallyy (Pmin < Pt), as a result of the strong AML.
sequencess A25-D25 and A33-B33, respectively. A general
Figuress 6 and 7 show the evolution of the orbital period during patternn can be discerned in thesefigures:in the intermediate phase
thee mass transfer phase of sequences A25-D25 and A33-B33, off mass transfer we have TML S TMB which, for qt > 1 is preceded by
respectively.. The initial decrease of Parb, which occurs during the aa phase of rapid mass transfer with rML £ rKH. For converging
RMT-phasee (I?,>1), is sometimes followed by a temporary systemss TGR decreases steadily during the evolution, whereby the
increasee of the period when q < 1. In all cases this is followed by an binaryy is finally "captured" by gravitational radiation losses
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Logg IxXY

LoglTXY Y

LoglIXY Y

LoglTXY Y

1.00

1.5
M d (M ee )

Fig.. 8. The evolution of the relevant timescales rXY for sequences A25, B25
Fig. 9a-c. Same as Fig. 8, but for sequences A 33, B 33 and B 33'. The dashed line
andd D25 as a function of decreasing donorstar mass. The dips in the evolution
in c shows the MB-timescale, although MB was not included in the evolution of
off the mass-loss timescale rML in sequences A25 (M„~0.32Mo)
and B25
sequence B33'(see text)
(Mi(Mi ~ 0.90 MQ ) are caused by the disappearence of the convective core of the
donorstar.. GR = gravitational radiation timescale; MB = magnetic braking
timescale;; ML = mass loss timescale; KH = thermal relaxation timescale

= *GR < *MB < T„UC)- A more detailed description of the
furtherr evolution of these converging systems is postponed to
Sect.. 5.4.
Duringg the latest phase of mass transfer in diverging binary
systemss the orbit expands and TOR (like rMB) ends up increasing,
whilee the mass transfer timescale rML may either follow TMB closely
(inn systems very close to the bifurcation limit (like sequence B25)
orr decrease below rMB as the donorstar speeds up its internal
evolutionn after the end of core hydrogen burning (like sequence
B33).. The mass transfer is then driven primarily by the nuclear
evolutionn (expansion) of the donorstar (rML s xmc < rMB < r GR ),
soo that the mass transfer term in Eq. (4) dominates over the AMLterms.. This results in substantial expansion of the orbit.
(TMLL

4.2. Effect of magnetic braking
Thee full lines in Fig. 9 c represent the timescales relevant in the
evolutionn of sequence B33', for which MB was not included. The
dashedd curve shows T MB , for comparison. Since, during the
intermediatee mass transfer phase in B33', rMB is shorter than
T
MLL ~ Tmrc>il is c l e a r t n a t if MB would be included, the evolution of
thee binary would occur on a timescale dictated by MB and the
evolutionn of the system would be quite different (see sequence
Z33,, below).
Forr larger masses of the donorstar (^1.5Af Q ) the nuclear
timescalee declines, while magnetic braking starts only to work
afterr loss of some amount of mass whereby the convective
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Tablee 3. Illustration of the "gap" in the final periods of binaries with Md = 1.50 M~ and M, = 1.00 M~
XX

Mod d

P. .

. (

M.i i
\ \ ec,i i
aaaai i

A25 5
B25 5

0.7045
0.7460
0.7467
0.7479

C25 5
D25 5

0.7492 2
0.7609 9

5
0
7
9

1.8639
1.9268
1.9281
1.9300

9
8
1
0

1.9324 4
1.9523 3

0.1383* *
0.0757* *
0.0742* *
0.0717* *
gap-0.0684* *
-3 3
<< 10

convergingg
0.5800
0.6277
0.7222
2.301 1
2.490 0

model
0.1752
0.1768
0.1801
0.2074 4
0.2092 2

RnRn = the initial radius of the donorstar. For the meaning of the other symbols, see Table 1.
Radiii and masses in solar units; periods in days

envelopee thickens, or when the donorstar has become a (sub)
giant.. Nevertheless, inclusion of MB (from the moment when the
convectivee envelope reaches its critical size, see Sect. 2) appears to
havee a significant effect on the evolution of these more massive
systemss as can be seen by comparing sequences A25 and B25'
(Tablee 2). The latter system diverges while it starts off with a less
evolvedd donorstar (Xett ~ 0.57) compared to the donorstar in the
convergingg system A 25 (which starts transferring mass when
A^,;; -^ 0.14). Tables 1 and 2 show that even binaries with
donorstarss of 2.0 MQ can converge (sequence A 33) when MB is
takenn into account. Our calculations indicate that this is not true
whenn MB is not included; in that case the binary will diverge even
whenn the donorstar initiates mass transfer at the ZAMS. For
comparison,, we added to our sample the (converging) sequence
Z33,, starting off in the same state as B33', but which was evolved
withh the inclusion of magnetic braking. As MB was switched on
duringg the RMT-phase, the difference in evolution of both
sequencess becomes visible at (the end of) the RMT-phase (see
Fig.. 5, enlarged part).
4.3.4.3. Gap in the distribution offinalorbital periods

Inn addition, note that the gap occurs only for systems with
donorstarss that are initially more massive than about 1.25 M0
becausee less massive stars do not develop a convective core on the
mainn sequence and therefore do not evolve through an overall
contractionn phase.
4.4.4.4. Evolution sequences with massive accretor
Setss of sequences 50 (Md = 1.0MQ, Ma = 4.QMQ) and
555 (Md =1.50 MQt Ma = 4.00 A/ 0 ) were calculated to model the
evolutionn of the system A 0620-00 (Nova Monocerotis, see
Sect.. 5.2 for a more detailed discussion). An interesting result of
thesee computations is the non existence of converging systems
withh Ma = 4.0Mo for initial donorstar-masses larger than
SS 170 M0 (see Fig. 10a). Note that for any given initial accretormasss a maximum initial donormass can be found for which no
convergentt systems can be formed anymore. For sufficiently
massivee donorstars the remnant (after the RMT-phase) will be
sufficientlyy massive (and thus have sufficiently short evolutionary
timescales)) to evolve significantly and form a wide divergent
system.. This is true even when the donorstar initiates mass transfer
onn the ZAMS.

Thee search for Pbit (1.5, 1.0) revealed the existence of a sharp
4.5.4.5. Effects of supernova explosion on Pbif
increasee of the final orbital period as a function of the initial
evolutionn state, when the donorstar {Md > 1.25 MQ) approaches Lett us briefly discuss the effects of the supernova-explosion (due
thee overall contraction phase at the initiation of mass transfer. too the accretion induced collapse of the WD-component) on the
Tablee 3 shows a fine grid of diverging evolution sequences for evolutionn of our systems. Presumably, at least some 10% of the
whichh the donorstar initiates mass transfer while it is close to (or compactt component's mass is lost at the moment of collapse
hass just passed) the overall contraction phase. There appears a (correspondingg to the loss of the stellar binding energy). This
sharpsharp transition in the distribution of the final orbital periods (at
suddenn "mass-loss' from the system increases the period of the
thee end of mass transfer), depending on whether the donorstar has binaryy and detaches the donorstar from its Roche lobe (see e.g.
evolvedd through the overall contraction phase or not when it vann den Heuvel and Habets, 1984). During some time the system
beginss to transfer mass. We will refer to this sharp transition as a evolvess without mass transfer until either the angular momentum
"periodd gap" in the distribution of final orbital periods. For a losss mechanisms have sufficiently decayed the orbit or the
givenn systemic mass configuration and a supposedly homo- donorstarr has expanded to its Roche lobe, and the mass transfer
geneouss distribution of initial orbital periods, the population of resumes.. If the nuclear timescale of the donorstar at the moment
finalfinal systems (after the phase of mass transfer) will be substantially
off collapse is longer or of the same order as the angular
reducedd in this "gap" as compared to adjacent periods. Note that momentumm timescales involved, no significant evolution of the
thiss period "gap" disappears when we consider a statistical sample donorstarr is to be expected during the quiescent phase. However,
off binary systems since the position of the gap varies strongly as a thee situation will bee different for sequences with higher donorstar
functionn of the component masses (Md, Ma).
masses.. The more massive donorstars have shorter evolutionary
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thee orbit of the system and thus favours the formation of
convergentt systems.
Thee systemic mass loss resulted in shorter final periods (and
slightlyy lower final donor masses) which shows that the nuclear
evolutionn of the donorstar was somewhat inhibited compared to
thee corresponding conservative case (B33-C33). The total mass
lostt from the system was 0.53 M0 and 1.15 MQ for these two
sequences.. Since sequences C33 and C33" were both calculated
untill the envelope of the donorstar was depleted and the mass
transferr phase terminated, the final systems can be compared.
Notee that, although a substantial amount of mass was lost from
thee system in C33" (50%!), the final mass of the donorstar is
practicallyy the same (0.29 MQ) in both sequences. Also the final
periodd (41.4 and 37.0 days, respectively) is very similar. It appears
thatt the only substantial difference is a much reduced mass of the
accretor,, 1.50MQ in sequence C33' against 3.00M0 in C33.
Notee further that, except for sequence B22, the set of
sequencess 33 represents evolution with the largest initial mass
ratioo and thus the highest mass transfer rates.
Somee of the divergent binary systems of set of sequences 33
couldd not be evolved until the end of the mass transfer. The
growingg convective envelope penetrated deep into the star and
0.88
1.0
approachedd the hydrogen burning shell. A very sharp disconM d (M.) )
tinuityy in the hydrogen abundance was built up at the adge of the
Fig.. 10a and b. The evolution of the orbital period as a function of donorstar- convectivee envelope and numerical problems could not be
raassraass for the sets of sequences 55 (Md = 1.50M0, Ma = 4.0QMo, a) and 50avoided.. However, the sequences were evolved far enough to be
(M(M44"l.00M"l.00Moo,,
Ma = 4.00MQ, b) and sequence A135 {M,= 1.50Afo,
suree that these would form divergent binary systems.
M„M„ = 12.00 A / Q , dashed line a). The dashed-dotted line in Fig. 10a represents the
periodd of a ZAMS-single star with mass Md, starting mass transfer onto a
4.000 MQ compact companion. The current period of A 0620-00 ts 0.32 days. The
numberss along the tracks indicate the calculated KV-spectrum of the secondary
duringg mass transfer, e.g. a number 5 corresponds to a K5V spectrum. Open
dotss mark the onset of MB

timescales,, and can evolve substantially during the quiescent
phase.. As a result, a more massive donorstar will expand faster
whenn the mass transfer is resumed and this results in a larger
increasee of the orbital period. Because this favours the formation
off divergent systems, the effect of the supernova-explosion will be
aa shift of the bifurcation point to earlier initial evolutionary stages
off the donorstar. For example, the position of the bifurcation
limitss of sets 33 and 33' (assuming the accretor to be a WD) will be
alteredd by the effects of the accretion induced collapse of the white
dwarf,, while the position of most bifurcation limits for systems
withh a donor of lower mass (< 1.50 M0) will not be perturbed.
4.6.4.6. Effects of mass loss from the system
Inn set of sequences 17,20,22, and 25 we assumed the accretor to be
aa white dwarf (the remnant core of the giant after the "spiral-in"
phase).. Because the Eddington limiting accretion rate is very high
(~~ 10~5 MQ /yr) for white dwarfs, we assumed the mass transfer to
bee conservative (without mass loss from the system). This in order
too keep the calculations as simple as possible. However, we
performedd two calculations (B33" and C33") in which mass loss
fromm the system was taken into account. In these sequences, we
assumedd that the accretor was a neutron star that could not accept
masss at a rate > 1.0 10*8 MQ/yr (roughly the Eddington limit for
aa neutron star). For higher mass transfer rates, the extra mass was
expelledd from the system, carrying away the specific orbital
angularr momentum of the accretor. If the latter star is the less
massivee component this mass loss from the system tends to shrink

5.. Application to observed systems
Inn the following discussions, the secondary will always be the
opticall companion (the donorstar) and the primary will be the
compactt object of the observed system.
5.1.5.1. PSR 1831-00
Thee discovery of this new binary radio pulsar has recently been
presentedd by Dewey et al. (1986). The observations showed that
thiss binary has an orbital period of 1.81 days and a very low mass
function/(m)) = 1.2 10"4 M0. Savonije (1987), derived a mass of
~0.166 A/0 for the WD-secondary in this system.
Comparedd to the results of our numerical calculations (Table
1),, the observed orbital 'period is rather short, since our diverging
sequencess havefinalperiods which are generally longer than ~ 2.0
days.. Whatever the initial mass-configuration, this suggests that
thee initial period for the progenitor system must have been close to
thee corresponding bifurcation period. From Table 1, we find that
suchh systems form the least massive WD's, which is consistent
withh the derived low value for the mass of the optical companion.
Wee conclude from our computations that final periods of ~ 1.80
dayss correspond roughly with final WD-masses of ~0.190.200 MQ (see the interpolated sequences below). This is consistent
withh the above mentioned mass of ~ 0.16 M 0 since the theoretical
"errorr bars" are not well known and presumably correspond to at
leastt 0.03 MQ.
Lett us try to derive some limits to the initial binary parameters
off PSR 1831-00.
1.. Considering mass transfer from an initial 1.0 MQsecondaryy progenitor we obtain, by interpolation in the calculated
sequences,, final system parameters which resemble those of the
binaryy PSR 1831-00 rather closely. Sequence B20 with a final
periodd of 1.72 days and a WD-mass of 0.20 MQ seems an
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acceptablee model. Interpolation between B17 and C17 yields a andd the same initial evolutionary state of the secondary as in
systemm with a final period of 1.81 days and a final WD-mass of sequencee B55.
0.199 A/Q for an initial binary period of about 0.73 days.
Figuree 10a andd b show the evolution of the orbital period (full
However,, it is important to note that the age of both systems lines)) during the mass-transfer phase as a function of the mass of
(~~ 13 109yr), is close to the Hubble time. This indicates that the thee donorstar. The initial donorstarmasses were 1.50 A/Q and
lowerr mass limit to the initial (i.e. at the initiation of the last mass 1.00 M0.
transferr phase) secondary mass of PSR1831-00 is s 1.0 MQ.
Thee calculated K-spectrum is indicated by the numbers along
2.2. Let us consider systems starting with 1.50 A/ 0 secondaries. thee track. The dashed-dotted line, labeled Pz^a (in Fig. 10 a),
Interpolationn is made difficult in this case by the occurrence of the showss the orbital period as a function of Md for systems with
overalll contraction phase in the initial period range of interest. In 4.00 A/0-primaries and donorstars on the ZAMS.
thee previous section, we already mentioned the existence of a
Weefirstdiscuss the evolution of systems starting mass transfer
"gap"" in the final periods of diverging systems (for a given initial withh 1.5 A/0-secondaries. Although GR is included, the first part
masss configuration), due to the occurrence of an overall contrac- off the mass transfer phase is determined by the evolution of the
tionn phase in the evolution of the secondary-progenitor for donorstarr and the system widens. When the donorstar has lost
MMdd > 1.25 A/ Q . Set of sequences 25 shows the existence of a final somee mass (~0.2 A/ 0 ), the required extension of the convective
periodd 'gap" ranging from about say 0.75 days to 2.20 days. The envelope,, for inclusion of MB is reached and the orbit begins to
existencee of this "gap" lowers the formation probability of a decay.. Sequence B55. which is just beyond the bifurcation point,
systemm like PSR 1831-00 (PMb = l.%l days) appreciably if the evolvess through a minimum period of 0.38 days. This shows that
initiall mass configuration would have been (MdJ A/J»(1.50 A/ 0 , wee should start mass transfer with a less evolved donorstar to form
1.000 A/ Q ).
aa system like A 0620-00.
Thee calculated spectral type of the secondary at the currently
However,, since the position of the gap is a function of both Md
andd Ma it is possible to increase the formation probability by observedd period (Porb =« 0.32 days) indicates that the more evolved
increasingg or decreasing the mass of the accretor A/,, considering convergingg systems represent the evolution of A 0620-00 better.
MMdd 1.50 MQ. We estimate that the mass range for A/a for which Ann intermediate model between A 55 and B 55 yields the best fit for
thee period of PSR 1831-00 is situated in the period "gap" is about bothh the spectral type of the optical companion and the orbital
0.855 A/Q —1.20A/o. A similar discussion can be held for all period. .
Thee same discussion holds for systems with initial donorstarsystemss with initial donorstar-masses £1.25 M0.
3.. A slightly more evolved version of sequence B33" massess of 1.0 A/0 (Fig. 10b). However, in the latter case, the
(M(Mdd * 2.00 A/Q , A / , = 1.30A/Q, including mass loss from thesecondaryy may be much more evolved than is the case in systems
system)) would also yield a plausible scenario for the evolution of withh 1.5 A/ 0 -secondary progenitors.
Tablee 4 gives the initial (i) and current (P„h - 0.32 days)
PSRR 1831-00.
systemss parameters as derived from the calculations.
Interpolationn between sequences A50-B50 and A55-B55
yieldss current secondary masses of 0.46 M0 and 0.41 A/Q
5.2.. A 0620-00
55 A/ 0 ) (Fig 10a and b), respectively. The corresponding
Thee orbital parameters of this system were derived by McClintock spectrall classes for the optical companion are K3V and K4V,
andd Remillard (1986). A firm lower limit on the mass of the respectively.. The core hydrogen abundance of the K4V-dwarf is
compactt object was found to be 3.2 MQ indicating the probable veryy close to zero, while the K3V-star has already developed a
existencee of a black hole in this system. Given an orbital period of 0.011 A/Q helium core.
0.322 days and the mass-radius relation for main sequence stars,
Thee calculated ages of the systems with initial secondarytheyy derive a mass of 0.7 A/Q for the K5V-optical companion. massess of 1.0 A/Q set a lower limit on the secondary-progenitor of
Sincee a MS-star of 0.7 A/Q underfills its Roche-lobe they suggest 1.00
) A/ 0 , since again these ages approach the Hubble time
thatt the optical star is somewhat evolved.
(seee Table 4).
dee Kool, van den Heuvel and Pylyser (1986), proposed a
Ann upper limit of 1.70
) M0 for the initial secondary
plausiblee scenario for the evolution of A 0620-00. The massive masss can be derived from Fig. 10a by extrapolating the curve of
supergiantt should be sufficiently massive and evolved to form a sequencee B55 towards higher masses. This extrapolated line
3.22 A/Q to 13.0 A/0 helium core. They derived initial masses from crossess the ^j^-curve at a mass ~1.70A/ o . Thus a system
27A/ 00 to 40 A/ 0 for the primary and at most 2.0 A/ 0 for the consistingg initially of a 1.70 A/ 0 ZAMS-secondary and a 4.0 MQ
secondary.. The expansion of the supergiant induced a common primaryy will evolve through a minimum period higher than the
envelopee phase, leaving, after the removal of the supergiant- observedd period.
envelope,, a Wolf-Rayet (?)-star and a low mass, hardly evolved
McClintockk and Remillard (1986) derived a primary mass in
companion.. The collapse of the primary into a black-hole is not thee range 3.20-13.10 A/G. Therefore, we computed one sequence
expectedd to disrupt the system. Subsequently, AML due to GR (AA 135), with a more massive (12.0A/o) primary component.
andd MB decayed the orbit until the low mass companion filled its Comparisonn between sequences A135 and A 55 shows clearly
Roche-lobee and started mass transfer.
(Fig.. 10 a) that the secondary becomes more evolved, for a given
Wee now want to refine the analytically derived maximum secondaryy mass, since we can see a little dip at Md = 0.6 A/ 0 . The
initiall secondary mass (de Kool, van den Heuvel and Pylyser) with dipp corresponds to the disappearance of the convective core at the
helpp of numerical calculations, including AML due to MB. In endd of the core hydrogen burning phase of the secondary. In the
additionn to sequences A50-B50 {Md = 1.00 A/ 0 , M. = 4.00 A/Q) 1.55 + 4.0 A/Q-configuration this phase occurred when the secondandd A55-B55 (Md = 1.50 A/ 0 , A/a = 4.00A/o), we computed aryy was initially more evolved (sequence B55). This implies that
sequencess Z50, Z55, and A135 (A/rf = 1.50A/0, Ma = 12.00A/G). thee upper limit for the initial secondary mass decreases slightly for
Bothh Z-sequences are less evolved versions of the A -sequences and moree massive systems: an analogous extrapolation of the curve of
A1355 is a system starting mass transfer with a 12.0 A/0-primary sequencee A135 towards higher masses crosses the Puwcurve at a
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Tablee 4. Evolution sequences for the modelling of the binary A 0620-00
X

c,i<*> >

Mod d

ec,jL
"h--

Z555
1.50
A555
1.50
B55xx 1.50
A1355

logg M

opt t
4.00 0 0.00 0 0.70**
4.00 0 0.28 8 0.63**
4.00 0 0.71 1 0.50**

1.50 12.00

0.28

0.63*

c,p p
sp p
nec,p p

L

0.48
0.51
0.56

0.800
0.733
0.411

2.27
2.70
5.21

- 9.55 0.24*
- 9.49 0.13*
-10.03 0.03

0.51 1 0.60 0 4.30 0 -- 9.75 0.02*

G8-KO
~ KO
~ K3
~ K1

Z50 0 1.00 0 4.00 0 6.53 3 0.03* * 0.48 8 0.69 9 7.47 7 -- 9.52 0.01* ~ KO
A50 0 1.00 0 4.00 0 7.32 2 0.002* *0.53 3 0.55 5 9.01 1 -- 9.70 0.0001* ~ K2
B50x x 1.00 0 4.00 0 8.12 2 0.006 6 0.59 9 0.55 5 10.06 6 -- 9.80 0.03 K1-K2
Masss in solar masses, periods in days, times in 109 years, mass loss rates in solar masses per year
xx following the sequence number denotes the present parameters at minimum period
MMdada
= masses of the secondary, primary
MMoptopt = the present mass of the optical component (secondary)
ttipip
= initial, present age of the system
logg Mp = present mass loss rate
= present spectral class of the secondary
spsp
XXcUpcUp = initial, present core hydrogen abundance of the secondary
MMheciphecip = initial, present helium core mass of the secondary

slightlyy lower mass (the /^„j-curve for 12.00 M0-primaries is
hardlyy different from the curve in Fig. 10a. In any case, the values
°ff ^ZAMS f° r 12.00 Af0-primaries are slightly higher, thereby
enhancingg the just described effect). In addition, the current
systemm is older in sequence A135 (see Table 4), than in sequence
A55.. This implies, from a Hubble time argument, that the lower
masss limit for the secondary in systems with more massive
primariess should be larger.
Thee interpolated mass transfer rate in the two interpolation
sequencess (between A 50 and B50. and between A 55 and B55) is
aboutt 1.0 10" 10 M0jyx, while the observed mass loss rate derived
byy McClintock et al. (1983) (and which is discontinuous on
timescaless of 70yr) is - 3.0 10" 11 MQ/yr (see McClintock et al.,
1983). .
Wee can calculate the orbital period right after the supernovaexplosionn of the massive supergiant by considering the AMLtimescaiee at the estimated onset of mass transfer for the best fit
(interpolation)) progenitor systems. By assuming that the donorstarr is still on the ZAMS, at the moment of the supernova
explosionn we derive periods of 1.28 days and 0.58 days,
respectively. .

transfer.. This is important for the study of the minimum period of
ultra-compactt binary systems (PQIb < 1 h). The existence of such a
minimumm period for converging systems was pointed out by
Paczyhskii (1981) and since then a lot of work has been done on
thiss topic by several authors (see refs. below). It has been
extensivelyy shown that the minimum period decreases significantlyy with decreasing hydrogen content of the donorstar (Paczyhski,, 1981; Paczyhski and Sienkiewicz, 1983; Sienkiewicz, 1984;
Rappaport,, Joss and Webbink, 1982 for donorstars with solar
composition;; Sienkiewicz, 1984; Nelson et al., 1986; Savonije et
al.,, 1986; Tutukov et al., 1985 for calculations with hydrogen
deficientt donorstars).
Wee stopped the computations when the ages of sequences A20
andd A17 had become larger than the Hubble-time (see Table 1).
Sincee these sequences did not yet reach a minimum period, further
evolutionn of these systems was not interesting. Sequences A 25 and
A333 are more interesting, since the donorstars had nearly
exhaustedd hydrogen in their cores while the stars were less old than
aa Hubble time. We further evolved both systems and obtained
resultss in good agreement with previous work. Minimum periods
off 40-42min were found for sequences A25 and A33, respectively.. The masses of the secondary, the mass-transfer rates and
5.3.5.3. The ultra-compact binaries (UCFs): 4V1626-67, G16-29,thee ages of the systems at minumum period were, 0.045 M0 and
44 U1916-05
0.035A/o,, 1.4 10 _ 1 0 M o /yr and 8.5 1 0 " u M o / y r and 8.3 10»
9
Wee will now restrict ourselves to systems with very short orbital andd 8.2 10 yr, respectively. The corresponding core hydrogen
periodss (40-50 minutes), which, at the onset of mass transfer, have abundancess at minimum period were 0.0017 and 0.0015. Since the
progenitorr systems with a hydrogen burning secondary. We coree of the donorstar was still radiative at minimum period these
therebyy exclude systems like 4U1820-30 (^„„ = 685 5, Stella, convergingg systems cross the observed period gap for low mass
Priedhorskyy and White, 1986), which, at the onset of mass transfer X-rayy binaries (see e.g. White, 1986; Patterson, 1984) without any
havee probably a WD-secondary. The search for Pbit(Mit Ma) interruptionn in the mass-transfer rate due to a possible vanishing
showss how evolved a donorstar is allowed to be at the initiation of off the radiative core and the related disappearance of MB
masss transfer in a converging binary system. Theoretically, the (Robinsonn et al., 1981; Ritter, 1982; Spruit and Ritter, 1983;
starr could already have developed a low mass helium core Verbunt,, 1984). These results are very similar to the findings of
(s0.04A/ o ;; see sequences A17, A 20) at the beginning of mass e.g.. Iben and Tutukov (1984) and Tutukov et al. (1985).
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5.4.5.4. Cert X-4
vann Paradijs et al. (1980) constrained the spectral type of the
opticall companion of CenX-4 between K3V and K7V.
Ilovaiskyy et al. (1987) reported a 15.1 hour orbital period for
thiss system and derived a mean density for the companion about
5-100 times lower than for MS-stars with the above given spectral
type.. The absolute visual magnitude of the optical companion is
aboutt 7.2, which corresponds to a position in the HRD at the
lowerr edge of the main sequence band or even below, for the above
spectrall type. This yields a mass for the secondary of about
0.055 M0 to 0.20 MQ.
Suchh a low mass star filling its Roche lobe evolved off the
mainn sequence and formed a compact He-core surrounded by an
expandedd hydrogen-rich envelope.
Thee final models of the sequences between B25 and C25 in
Tablee 3 seem the right system-configuration for Cen X-4, if we
assumee that the observed system is very close to the end of mass
transferr (about 0.01 M0 left to be transferred).
Duringg this last phase of Roche lobe overflow, the mass
transferr rates are low, i.e. <1. - 2 10" l l A/ 0 /yr and the masslosingg companion has a mean density about 5 times smaller than a
mainn sequence star with the same spectral type, which is in very
goodd agreement with the above mentioned average density. The
positionn of the mass-losing companion in the HRD is very close to
thee lower limit of the main sequence band and is evolving towards
thee left in the diagram, in accordance with the results of Ilovaisky
ett al. (1987).
Wee note further that the final models of the computed systems
aree about 1 1010 yr old. Therefore, we expect that the minimum
masss of the secondary is not very much smaller than about
1.55 M0. Final configurations as described above are insensitive to
thee initial configuration, as long as the initial period is longer than,
butt very close to, Pw for the chosen initial component masses (see
alsoo e.g. sequences B55 and B17).

Thee K2IV-spectral type of the optical companion of GK Per
andd the 1.997 day orbital period of the system were derived by
Warnerr (1976) and Crampton et al. (1983), respectively. Both
indicatee that the secondary of the system is evolved, at least up to
thee end of the main sequence.
Basedd on these observations and on an analysis of the X-ray
pulsee period, Watson et al. (1985) estimated the primary and
secondaryy component masses to be £0.72Afo and ~0.25Mo
(withh a helium core of 0.17 M0), respectively. The current total
masss of the system is likely to be £ 1.70 MQ (since otherwise, the
masss of the primary would be too high for a WD). Since we
assumedd mass conservation, only a few sequences of set of
sequencess 17 (1.0 Af0 +0.7 MQ) are useful for comparison with
thee above estimates for the binary parameters.
Thee initial, minimum and final periods in Table 1 show that the
presentt period of GK Per rules out any sequence with
MM44»» 1.00 Af0 and Ma = 0.70 M0 which begins to transfer mass
beforee the donorstar has formed a He-core of -0.04A/ o . This
impliess that the initial period of the system should have been larger
thann about 0.73 days. For sequences Cl7-D17 we find a current
masss (and He-core mass) of the optical companion of 0.26 M0
(0.16M o )) and 0.33 M0 (0.15MQ), while the corresponding ages
off the systems are 1.08 10* and 1.03 109yr, respectively. The
calculatedd effective temperature (Iogre(r = 3.67-3.68) is in good
agreementt with the K2-spectrum, while the luminosity (log
LJLQLJLQ = 0.25-0.28) lies well above the main sequence values, and
correspondss to luminosity class IV. The derived component
massess are similar to those in previous work, but clearly show that
thee secondary could be more massive (and less evolved) than
arguedd by Watson et al. (1985). This is especially true if the
donorstarss are more evolved at the onset of mass transfer. In view
off the formation scenario of LMXB's, GK Per could possibly be a
directt progenitor of a wide LMXB.
6.. Conclusions

5.5.5.5. Sco X'l

Wee have extended the calculations of close binary evolution with
Thiss system has an observed period of 0.78 days (Gottlieb et al., masss transfer enhanced by angular momentum losses due to
1975)) and can be best described by sequence F25 (Md = 1.50 MQ, gravitationall radiation and magnetic braking to higher initial
MMaa ~ 1.00 MQ). At the end of the RMT-phase in this sequence, the massess of the donorstar (Md = 2.00 MQ).
Masss loss from the system was deliberately neglected in order
binaryy system has a period of 0.75 days and transfers mass at a rate
off 1.0 10"8 A/Q/yr. The corresponding masses are 1.07 MQ and too construct a homogeneous sample of binary evolution with
1.433 M0 for the secondary and primary, respectively. Shortly after donorstarss in the mass range 1.0 Afo-2.0 M0 and accretors of
thee end of thee RMT-phase, the orbital period of the system is 0.76 0.700 MQ to 1.30 MQ.
Ass expected, magnetic braking appears to have a substantial
dayss and mass is transferred at a rate of 2 10 * 9 Af0/yr. Secondary
andd primary masses are then 1.03 MQ and 1.47 A/ 0 , respectively. influencee on the binary evolution when the orbital separation is
Thesee component masses are in good agreement with those sufficientlyy small (i.e. mass transfer initiates during the MS-phase
inferredd from the orbital analysis: Mx = 1.3 MQ and M4 = 1.0 M0 off the donorstar). Adopting a simple estimate for the efficiency of
(Cramptonn et al., 1976). The initial, minimum and final periods magneticc braking (Verbunt and Zwaan, 1981) we determined the
obtainedd in sequences B25-F25 suggests that the secondary of bifurcationn periods which separate the converging binary systems
Scoo X-l passed through the overall contraction phase before (nuclearr evolutionn of donorstar frozen) from the diverging binary
initiationn of mass-transfer. The implied age of the system is about systemss (leading t 0 wjde detached binaries with a white dwarf
remnantt of the donorstar). The calculated bifurcation periods are
1.99 10° yr.
off course not completely unique, because the strength of magnetic
brakingg is not well determined. It appears that (because of the
drasticc reduction of the nuclear evolution timescale of the
5.6.5.6. GKPer
donorstarr after its MS-phase) for all reasonable estimates of the
Ourr choice of initial mass configurations implies that only a small efficiencyy of magnetic braking, the donorstar must initiate mass
2
partt of our calculations can be applied to CV's (where the compact transferr before it has developed a helium core (MHte < 10" M0)
iff
the
binary
is
to
be
captured
by
the
angular
momentum
losses
and
objectt is a WD). As long as the mass of the accretor does not
exceedd the Chandrasekhar mass, we may use our computations for converge.. For donorstars more massive than about 1.25 MQ the
masss transfer must even start before the donorstar evolves
comparisonn with observed CV's.
53 3

throughh the overall contraction phase near the end of core Nomoto,, K.: 1984. in Problems of Collapse and Numerical
hydrogenn burning if the binary is to converge.
Relativity,Relativity, eds. D. Bancel, M. Signore, Reidel. Dordrech
AA sharp transition in the evolution of diverging binaries with Ostriker,, J.P.: 1976. in Structure and Evolution of Close Binarv
initiall donorstar masses larger than about 1.25 M0 appears as a
Systems,Systems, eds. P.P.Eggleton, J. Whelan. Reidel, Dordrech
functionn of initial orbital period. This "gap" in the possible final
206 6
periodss of diverging systems is caused by the restructuring of the Paczyriski,, B.: 1976. in Structure and Evolution of Close Binary
donorstarr and the ignition of the hydrogen shell source at the end
Systems,Systems, eds. P.P. Eggleton, J. Whelan, Reidel, Dordrech
off the core hydrogen burning phase.
75 5
Paczyriski,, B.: 1981, Acta Astron. 31, 1
Paczyriski,, B.: 1983. Nature 304. 421
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Thee evolution of low-mass close binary systems with a conpact
component:: II. Systens captured by angular momentum losses

E.H.PP Pylyser and G.J, Savonije.

Summary: :
Wee present numerical calculations simulating the evolution of lowmass,, interacting close binary systems in which mass-exchange is started
fromm a 1.0 - 2.0 MQ mass-losing component towards an accreting compact
companion.. The range of initial periods of these systems has been chosen
suchh that it results in the capture of the system by angular momentum
losses.. This range covers a large part of the possible evolutionary
pathss of short-period cataclysmic variables and low-mass X-ray binary
systems.. Our investigation extends the initial donor star mass to higher
valuess than in previous studies of this type. The system characteristics
att different stages of the mass-exchange phase are in good agreement
withh results obtained in previous work. We argue that the observed
spreadd in mass-transfer rates for a given orbital period is, by means of
thee process of magnetic braking, related mainly to the spread in the
momentss of inertia of the mass-losing component in these

systems. This

reflectss the natural distribution of initial orbital periods {after
terminationn of the spiral-in phase) of their progenitor systems.
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1•• Introduction.

Thee final evolution of interacting low-mass close binary systems
suchh as low-mass X-ray binaries (LMXB's) and cataclysmic variables
(CV's)) has been extensively studied in the past ten years. Individual
andd statistical observational characteristics of these systems have been
extensivelyy reviewed and studied by, e.g. Ritter (1983) and Patterson
(1984).. Numerous theoretical studies have been presented in order to
modell the observed characteristics of the systems, as well as their
possiblee progenitor- and remnant-systems (see below for a detailed list
off references). It was found without ambiguity that these low-mass
binaryy systems consist of a low-mass, mass-spilling star accompanied by
ann accreting evolved compact component (a white dwarf (WD) in a
cataclysmicc variable or a neutron star (NS) in a low-mass X-ray binary).
Dependingg on the orbital period at the initiation of mass-exchange
betweenn both components, low-mass interacting close binary systems can
evolvee either into converging systems (which become ultra-close binary
systemss by evolving secularly with decreasing orbital period until the
mass-losingg component becomes degenerate) or into diverging systems
(whichh evolve with increasing orbital period, until the mass-losing star
hass lost its envelope and a wide detached binary is formed).
Accordingg to Pylyser and Savonije (Paper I, 1988), the bifurcation
orbitall period Pjjif (which is a function of the donor-mass M d and the
accretor-masss M & ) , at which the above mentioned

bifurcation in the

evolutionaryy paths of low-mass close binary systems occurs, is about
122 hours if orbital angular momentum loss due to magnetic braking
(Verbuntt and Zwaan, 1981) is included. The evolution of the diverging
low-masss binary systems with orbital periods at the onset of masstransferr longer than 12 hours is ultimately determined by the nuclear
evolutionn of the mass-losing component. The evolution of such systems
hass been extensively discussed by Taam et al. (1980), Webbink et al.
(1983),, Iben and Tutukov (1984), in Paper I, and references therein.
Systemss with periods shorter than 12 hours are captured by angular
momentumm losses (AHL), such as magnetic braking (MB; Verbunt and Zwaan,
1981))

and gravitational radiation (GR; Landau and Lifshitz, 1959). The

nuclearr evolution of the mass-losing component is thereby severely
inhibitedd and mass-loss occurs by the orbital decay due to angular
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momentumm losses (Taam et al., 1980; d'Antona and Mazzitelli, 1982a,b;
Taam,, 1983; Rappaport et al., 1983; Iben and Tutukov, 1984; Paper I).

Theree are three observational properties concerning the period
distributionn of short-period cataclysmic variables and low-mass X-ray
binariess which any realistic model of converging low-mass close binaries
withh a compact component should be able to explain (e.g. Patterson,
1984;; Ritter, 1983, 1987; White, 1986), viz.:
1)) For systems with orbital periods falling between about 3.0 hr
—1 1
—88
andd 1 day, the mass-exchange rate ranges from 10

M0/yr to 10

M0/yr,

whilee for systems with orbital periods falling between approximately 2.0
andd 0.7 hr., the mass-exchange rate ranges from 10
10

~~

*%/•*•

xt h a s b e e n

M

©/y r

to

suggested (i.e. Patterson, 1984) that in the

latterr case, angular momentum loss (and consequently, mass-exchange) is
drivenn by gravitational radiation only, while in the longer period range
(Porbb > 3 hr), additional angular momentum loss due to magnetic braking
(MB)) causes a high mass-transfer rate. MB is believed to occur in all
low-masss main sequence stars which have an extensive convective
envelope,, and is produced by the interaction of the stellar wind,
emanatingg from the star, with the surface magnetic field. The magnetic
fieldd is produced by a dynamo action (for which turbulence and
differentiall rotation is necessary) and is probably anchored in the
underlyingg radiative layer (Parker, 1955; Mestel, 1968). In a binary
system,, spin angular momentum loss by magnetic braking of the donor star
resultss in orbital AML as a result of tidal interaction between both
componentss which tends to keep the rotation of the donor star
synchronouss with the orbit (Huang, 1966; Verbunt and Zwaan, 1981).
Severall attempts have been made to explain the observed large
spreadd in the mass-transfer rate for a given orbital period at the long
sidee of the period gap {e.g. van Paradijs, 1986; but see also Czerny and
King,, 1986). Shara and co-workers (Shara et al., 1986; Prialnik and
Shara,, 1986) have advanced the hypothesis that the duration of the mass
tranferr phases in cataclysmic variables may only be of the order of
3 3
100 years, followed by intermittent long lasting quiescent phases (of
5 5
thee order 10 yrs). The interruption of mass-exchange is caused by masslosss during nova outbursts of the accreting WD. However, the donor star
iss not thought to detach immediately from its Roche-lobe. During and
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afterr the nova outburst, its surface is heated by the effects of the
outburstt and the mass-exchange rate "slowly" decreases on a timescale of
22
*
somee 10

years. The observed large scatter in the M ~ p o r K diagram could

thenn be explained by the different stages in which the systems are
observedd during the short mass-exchange phase* The probability of
observingg such systems in the phase of initiation (increase) or decay
(decrease)) of mass-transfer and in the "normal" mass-exchange phase
(constantt rate on short timescales) could then be of the same order*
2)) No CVs or IMXBs have been observed with an orbital period in the
rangee 2.2 to 2.8 hours. This topic has been extensively studied by
variouss authors (Webbink, 1979; d'Antona and Mazzitelli, 1982a,b; Joss
andd Rappaport, 1983; Rappaport et al., 1983; Spruit and Ritter, 1983;
Patterson,, 1984). Rappaport et al. (1983) presented an extensive study
onn the formation of the period gap, based on the assumption that MB
stopss when the donor star becomes fully convective. The termination of
magneticc braking causes a sudden and substantial drop in the orbital
angularr momentum loss rate, so that the donor star (which was slightly
drivenn out of thermal equilibrium by the high mass-transfer rate due to
thee magnetic braking) returns to equilibrium on a thermal timescale.
Thiss causes the star to contract and detach from its Roche-lobe. The
periodd gap corresponds with the subsequent detached evolution, whereby
thee orbit decays less rapidly (now only caused by GR) until the donor
starr fills its Roche-lobe again. Rappaport et al. (1983) argued that
modellingg the formation of the observed period gap with masstransferringg ZAMS-stars required a stronger magnetic braking than
assumedd by Verbunt and Zwaan (1981).
3)) A minimum to the distribution of orbital periods of CV's and
LMXB'ss has been observed at about 40 minutes. Hereby, we explicitly .
excludee systems which, to our knowledge, did not have a hydrogen burning
donorr star at the onset of mass-transfer (i.e. 4171820-30;
p

orbb

=

685

sec;

Stella et al. , 1986; Rappaport et al., 1987). It has

beenn generally recognized that all converging systems must evolve
throughh a minimum orbital period when the donor star, which is
continuouslyy spilling matter, becomes degenerate (Paczynski,1981;
Rappaportt et al., 1982; d'Antona and Mazzitelli, 1982b; Paczynski and
Sienkiewicz,, 1981, 1983; Sienkiewicz, 1984; Savonije et al., 1985;
Nelsonn et al. , 1986) and starts to expand in reaction to mass-loss.

58 8

Furthermoree it has been shown that this minimum orbital period decreases
significantlyy with decreasing hydrogen content of the donor star.

Thee numerical study presented here is an extension of a previous
studyy (paper I) which was mostly concerned with diverging low-mass
binaries^^ We study the effect of the initial binary separation, i.e. how
muchh the mass-exchange evolution depends on the evolutionary state of
thee donor star at the initiation of mass-transfer. Thereby we have
includedd the most extreme cases possible: a donor star which begins
mass-transferr on the ZAMS and a donor star which initiates mass-transfer
whilee being close to the end of core hydrogen burning, that is, a binary
systemm very close to the bifurcation period.
Wee will investigate in detail whether the large spread in the massexchangee rates for systems on the long-period side of the period gap
(i.e.. P or b > 3 hr) can be explained in terms of differences in the
initiall evolutionary state of the donor star. This causes a rather large
variationn in the donor star's moment of inertia and results in different
ratess for MB and mass-exchange, at a given value of the orbital period.
Inn section 2, we discuss the assumptions used in the present study.
Inn section 3, we introduce the expressions for the timescales involved
inn the orbital evolution of the converging binary systems. Section 4
containss the results of our calculations. We compare our numerical
resultss with the observational characteristics

mentioned above and with

resultss obtained in previous work in section 5. Finally, in section 6,
wee review our conclusions.

2.. AssiSDptions.

Wee refer to Paper I for a full description of the assumptions
underlyingg the numerical calculations. Assumptions specific to the
evolutionn of converging binaries are now discussed in more detail:
-- When a mass-losing donor star becomes fully convective, we assume
thatt magnetic braking stops (see also Rappaport et al, 1983). There is
somee observational evidence to support this assumption. Main-sequence
starss with B-V > 1.65 show a strong decline in magnetic activity in
Caa II-, H - and X-ray emission (Soderblom, 1983; Giampapa, 1983 and
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Golub,, 1983, respectively). Spruit and Ritter (1983) linked this
observationall phenomenon with the theoretical fact that single stars of
masss M* < 0.3 M^ become fully convective (see e.g. Copeland et al. ,
1970),, and do not offer the

support required for a magnetic surface

fieldd (i.e. a radiative layer; Parker, 1955).
-- In paper I, we directly related the occurrence of enhanced
magneticc activity to the extent of the convective envelope. We derived a
necessaryy minimum extent for the convective envelope of 4.5 10

km. For

consistencyy with our previous work, we assume that magnetic braking
terminatess whenever the convective envelope of the donor star becomes
smallerr than this critical value. However, it appeared that our results
aree not sensitive to this assumption.

3.. Timescales and orbital evolution.

Too describe the evolution of binary systems with mass-exchange and
losss of angular momentum it is useful to introduce the following four
timescales: :

i.. the thermal readjustment time of the donor star:

^KHH *

(G

* M d 2 / R d * Ld>

ii.. the timescale for angular momentum losses due to the emission of
gravitationall waves:
x G RR = - (din J/dt) G R - 1

iii.thee timescale for angular momentum losses due to magnetic braking of
thee donor star:

*MBB " "

(dln J/dt)

MB~1

iv.. the timescale for tidal mass-loss from the donor star:

6© ©

T

MLL = " (dln V d t ) " 1

Thee following expressions for the angular momentum losses (AML) were
usedd in the computations:

i.. Gravitational radiation losses (Landau and Lifshitz, 1959):
t/JJ dJ/dt » -32/5 * G 3 /c 5 * M d * M & * M * A~ 4

s"1

(1)

ii.. Magnetic braking of the donor star (Verbunt and Zwaan, 1981, based
onn Skumanich, 1972):
dJ/dtt « -0.5 10~ 2 8 * f~2 * I d * R d 2 * w 3

Z

dd "

k2

(2)

with

* M d * Rd2-

Heree J is the orbital angular momentum of the binary system, and A
thee orbital separation.
M

d

ff

R

f L

d' *d

d'

M a is the mass of the

k and w are tne mass

(compact) accretor, and

' radius, moment of inertia, surface

luminosity,, constant of gyration (i.e. k.R is the stellar radius of
gyration)) and spin angular velocity of the donor star, respectively.
GG and c are the gravitational constant and the speed of light,
respectively,, f is a constant with a value of about 1 (Skumanich, 1972;
Smith,, 1979). M is the total mass of the system.

Thee evolution of the orbital separation of the binary system
(assumingg constant system mass) can then be written as:
1/22 dlnA/dt « (1-q) * TML" 1 - (T QR " 1 + T a / 1 )

(3)

wheree q » M d / M a (see e.g. Savonije, 1983). Por q > 1 the orbit will
alwayss decay, while for q < 1 the orbit can expand if the AML timescales
aree longer than T ^ . In the latter case the mass-transfer is driven
primarilyy by the nuclear evolution (expansion) of the donor star, so
thatt nilnil
T M T s T_„_.
nuc
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Tablee 1a.
Twifiaii binary parameters

Modd

M, M
aa
a

t.
x

X„
c,i

P.
i

A144 0.7 0.7 0.00(0) 0.70

0.21

A177 1.0 0.7 8.50(9) < 0.

0.58

A200
Z200
A255
Z255
Y255
X255

0.60
0.53
0.70
0.63
0.51
0.43

1.0
1.0
1.5
1.5
1.5
1.5

1.0
1.0
1.0
1.0
1.0
1.0

8.50(9)
7.80(9)
1.52(9)
1.27(9)
7.10(8)
0.00(0)

< 0.
.0003
0.14
0.27
0.50
0.70

A333 2.0 1.3 5.46(8) 0.33
Z333 2.0 1.3 3.44(8) 0.50
Y333 2.0 1.3 0.00(0) 0.70

0.70
0.57
0.46

Tablee 1a: The initial system parameters of the calculated systems. The
numberss given between brackets are the exponents of the base 10.
"Initial"" means "at the onset of mass-transfer".
M,, : the donor-, accretor-mass (in M 0 ) ; t^: initial age of the donor
star;; X . : initial core hydrogen abundance of the donor star; X . < 0.
meanss "evolved beyond core hydrogen burning"; P. : initial orbital period
off the system

4.. Results of the calculations.
Tablee 1a and 1b list, respectively, the initial system parameters
off the calculated sequences and

the results of our calculations viz. :

thee binary parameters at the calculated upper and lower boundary of the
periodd gap and at minimum period. All systems (with component masses M,
andd M_) have initial periods shorter than, but sometimes close to, the
cL L

correspondingg bifurcation period pbif^Md'Ma^ ^ n

order to

probe

the

evolutionn of converging binaries to a sufficient extent.
Figuress 1a and 1b depict the evolution in the Hertzprung-Russell
diagramm of all sequences with initial component masses of
1.55 MQ + 1.0 M 0 and 2.0 M 0 + 1.3 M 0 , respectively. All systems are
characterizedd by a letter and a number: the number equals the total mass
off the system in units of 0.1 M 0 ; the letter A corresponds to the most
evolvedd starting conditions for the donor star in a set of evolution
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Tablee 1b
Binaryy parameters of converging systf

M o dd M

upp *upp ^upp

*d«t ,,!^,!^,i i ! 1 ?».. " M l o w

Mmin ?min tmln

A144 0.30 .70 2.3(8) 1.6(8) 3.08 2.78 5.9(-10) 7.5(-11) .080

Xmin

62 3.9(9)

""fcin

.70 7.2(-11)

A177

.160 229 1.3(10) < 0 2.3(-11)

A200
Z200

.190 326 1.3(10) < 0 2.3(-11)
.097 92 1.3(10) < 0 5.0(-10)

A255
Z255
Y255
X255

0.11
0.12
0.23
0.31

.00
.16
.44
.66

7.8(9)
1.65
4.4(9)
1.79
2.0(9) 3.1(7) 2.69
7.6(8) 5.6(7) 3.03

1.65
1.79
2.61
2.87

4.3(-11)
9.0(-11)
2.2(-10)
4.5(-10)

3.6(-11)
5.6(-11)
7.2(-11)
1.0(-10)

.049 38 8.4(9)
.051 56 5.7(9)
.075 68 4.3(9)
.087 72 3.4(9)

.00
.31
.55
.69

1.8(-10) *
5.3(-11)
6.4(-11)
7.5(-11)

1.55 1.55 8.0(-11) 6.5(-11) .028 43 7.4(9) .06 4.9(-11) *
A333 0.11 .01 6.5(9)
Z333 0.16 .31 3.1(9)
2.15 2.15 1.4(-10) 7.0(-11) .062 64 4.6(9) .40 6.1(-11)
V333 0.27 .56 1.4(9) 1.6(7) 2.83 2.78 2.9(-10) 9.5(-11) .077 68 3.66(9) .61 8.8(-11)

Tablee 1b: The results of the calculations. A "*" denotes sequences which
weree evolved beyond the minimum period. In other cases, the parameters
att the last calculated model are given.
M,, X t t and P have the same meaning as in table 1a;
M:: the mass-exchange rate (in M /yr);
t dd t : the duration of the calculated period gap (in yrs);
P
uppp a n d Plow i n hours'*
PP . in minutes.
Meaningg of the subscripts
uppii values at the moment when the donor star becomes fully convective;
low:: values at the moment when mass-transfer resumes after the donor
starr became fully convective;
min:: values at the moment when the system evolves through the minimum
periodd {*) or systemic parameters at the end of the calculations;
XX < 0. means "evolved beyond core hydrogen burning"

sequences,, while sequences with progressively less evolved donor stars
aree characterized by the letters Z,Y,X,... etc. Along the tracks in
figuress 1a and lb, the remnant mass of the donor star is given in M ,
whilee the onset of MB is indicated by open circles. For comparison, we
havee added in figures 1a and 1b results of evolutionary calculations
presentedd by Fappaport and Joss (1984): dashed tracks labeled RJ84 along
whichh the mass of single and homogeneous low-mass stars is

given for

twoo extreme core hydrogen abundances X «0.1 and 0.7. Finally, the
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F i g u r ee 1a: The e v o l u t i o n i n t h e H e r z s p r u n g - R u s s e l l diagram of t h e donor
s t a r ss f o r a l l s e q u e n c e s i n s e t 2 5 . The dashed c u r v e s l a b e l e d RJ84
(Rappaportt and J o s s , 1984) p r e s e n t t h e l o c a t i o n of s i n g l e and
homogeneouss low-mass s t a r s w i t h hydrogen abundances X=0.1 and X=0.7. The
d a s h e d - d o t t e dd t r a c k SKH85 ( S a v o n i j e e t a l . , 1985) p r e s e n t s t h e e v o l u t i o n
off a m a s s - l o s i n g Helium w h i t e dwarf. The remnant mass of t h e donor s t a r
i ss g i v e n a l o n g t h e t r a c k s .
Figuree 1b: As i n f i g u r e 1a, b u t f o r a l l sequences i n s e t 3 3 .
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evolutionaryy track of a mass-losing He-star (labeled SKH85; Savonije et
al.,, 1985) is presented in dash-dotted form.
Sincee the initial mass ratio q^ (*Ma/Ma) > 1t

tne

initial mass-

exchangee phase will occur on a short timescale, approximately the
thermall timescale of the donor star.
Wee assume that the compact component is a white dwarf which
accretess all the matter lost by the donor star. The white dwarf is
assumedd to collapse into a NS when its mass reaches 1.44 M . when this
occurs,, we determine the orbital period after the supernova-explosion
*PSNN f * b v

as8

umi n 9 a somewhat arbitrary mass-loss from the system of

aboutt 0.24 MQ (see also Pylyser and Savonije, 1988 , their section 4.5),
usingg the description for post-supernova binary parameters given by van
denn Heuvel and Habets (1984). P g N

f

is always longer than the orbital

periodd before the explosion. The donor star detaches therefore
temporarilyy from its Roche-lobe. During this detached phase (shown as a
dashedd line in Figure 1b), the donor star can be severely out of thermal
equilibriumm initially (especially in the sequences of set 33 where q is
stilll > 1), but it returns to thermal equilibrium before reexpanding to
itss Roche-lobe. For the subsequent phase of mass-transfer, we assumed
.thatt mass is lost from the system if the mass-transfer rate was higher
thann the Eddington mass-transfer rate for neutron stars. The specific
angularr momentum of the outflowing matter was set equal to the specific
orbitall angular momentum of the accreting star. However, test
calculationss showed that the final evolution of the systems is not very
sensitivee to these assumptions.
Mass-losingg ZAMS-donor stars (e.g. in X25, Y33, and A14) closely
followw the ZAMS down to very low effective temperatures and very low
massess until the donor star approaches the Hayashi-track and becomes
fullyy convective. Subsequently, the luminosity decreases relatively
rapidlyy due to the fading nuclear burning and the star becomes
degenerate.. Converging systems with more evolved donor stars depart
progressivelyy from the Zero Age Main Sequence and evolve below the ZAMS
att the approximate location of a 0.7 M -ZAMS single star.
Thee systems with the most evolved donor stars (i.e. A25, A33; those
systemss with P^^ close to P b i f ) evolve relatively rapidly below the main
sequencee towards the position of hydrogen-poor degenerate stars in the
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HR-diagram.. For example, the donor star in sequence A25, spills its
outerr hydrogen envelope and evolves towards a state in which it closely
resembless a homogeneous star with low hydrogen abundance (compare with
thee RJ84-track with Xc=0.1).

Only in these two most evolved systems,

thee extent of the convective envelope decreased below the critical
value,, given in the assumptions (section 2), for the occurrence of
enhancedd magnetic activity before the donor star became fully
convective.. Magnetic braking was then stopped (black dots). However,
thiss hardly affects the subsequent evolution of these systems since, at
thatt stage, most angular momentum is lost by GR.

TT

1

1

1

1

1

1

I

1

1

1

1

r

Figuree 2: The evolution of the donor stars in all the sequences of set
25,, represented in the log T - log p c plane. For comparison, the
evolutionn of a single 1.5 M 0 star and a 0.1 M Q cooling Helium white
dwarff are added.
Figuree 2 depicts the evolution of the donor stars in the binary
systemss of set 25, in the log T
1.55 Mg single star and a 0.1 M

- log p diagram. The evolution of a
cooling Helium white dwarf (dashed line;

Savonije,, 1986; unpublished) are added for purpose of comparison. The
lesss evolved donor stars evolve approximately along the corresponding
"ZAMS"-positionss of single low-mass stars in this diagram because no
nuclearr fusion induced core contraction occurs. For these donor stars
thee mass-loss timescale is much shorter than the nuclear timescale. For
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thee systems with the most evolved donor stars (e.g. A25), however, both
timescaless become comparable, so that the core density increases during
thee mass-exchange.

Because the mass-losing stars depart slightly from

thermall equilibrium (the effect is strongest for the less evolved donor
stars)) due to mass-transfer on a magnetic braking-timescale, the sudden
terminationn of mass-transfer when the donor star becomes fully
convectivee (black dots along the curves) results in a return to thermal
equilibrium,, i.e. in a slight contraction and corresponding increase of
thee central density. In the subsequent phase of mass-exchange, the masstransferr rate is smaller, so that the donor star remains in thermal
equilibrium.. The core no longer expands in reaction to mass-loss, but
contractss (and cools) until the orbital angular momentum losses due to
GRR become sufficiently large to perturb the thermal equilibrium again
(nearr miminum orbital period). The open dot on the track A25 corresponds
withh the disappearance of convection in the core, which indicates the
terminationn of the core hydrogen burning phase, and in fact of all
nuclearr burning in the star. There is some transient, but very weak
nuclearr burning in a shell at the boundary of the helium core. But
nuclearr energy production is far too small to prevent the star from
contractingg to a (electron) degenerate configuration. Thereby the core,
andd later on the whole star, begins to expand in reaction to mass-loss.
Figuree 3: The orbital period
versuss donor star mass for all
sequencess in set 25. The spikes
att M,=1.06 M- are the result of
aa
o
thee sudden increase of the
orbitall radius due to the
assumedd accretion induced
collapse. .
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Thiss then forces the binary to expand (by transferring mass to the now
muchh heavier compact companion) to keep the degenerate donor star within
itss Roche limit.

Thee evolution of the orbital periods of the sequences of set 25 is
representedd in Figure 3. The spikes in this Figure correspond to the
accretionn induced collapse (AIC) of the accreting white dwarf. Note the
initiall rapid decrease of the orbital period when mass is transferred on
aa thermal timescale (q>1). After this phase the orbit is so much
shrunkenn that angular momentum losses due to MB and GR have become
sufficientlyy strong to continue a relatively high mass-transfer rate.
Figuress 4afb show the gravitational radiation-, magnetic braking-,
mass-loss-- and thermal timescales (respectively labeled GR, MB, ML and
KH)) as a function of the donor star mass for sequences A25 and X25,
respectively.. Figure 4c shows the same timescales

for the more massive

binaryy model Y33. The initial phase of mass-transfer occurs on a
timescalee intermediate between the thermal and the magnetic braking
7 7
timescales.. During this phase, lasting some 4.-8. 10 years, the strong
—8 8
mass-transferr (3.-5. 10
M0/yr) drives the donor star out of thermal
equilibrium.. When the mass ratio is reversed and equals about 0.8, the
mass-transfer-inducedd orbital decay abates. Subsequently, the orbital
decayy and mass-transfer is driven by angular momentum losses, mostly due
too magnetic braking.
Inn sequences A25 and X25, the WD collapses to a NS (see figs. 4a
andd 4b) shortly after the rapid mass-transfer phase, by which the
orbitall period is enlarged (van den Heuvel and Habets, 1984) so that the
binaryy system detaches (at M d about 1.06 M0 in both systems). When, due
too angular momentum losses, mass-transfer is resumed, the mass-exchange
occurss on approximately the MB-timescale until the mass of the donor
starr reaches about 0.3 M 0 . When the donor star is a Zero-Age Main
Sequencee (ZAMS) - star (fig. 4b), it becomes fully convective whereby MB
iss assumed to terminate. As shown in Fig. 4b, the donor star reacts to
thiss with

a slight thermal readjustment which results in a contraction.

Thee system therefore detaches and mass-transfer is temporarily stopped.
Thiss is the most commonly adopted explanation for the existence of the
periodd gap (see section 2 ) .
Afterr a certain period of time, angular momentum loss due to GR
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Figuree 4a: The e v o l u t i o n of t h e
g r a v i t a t i o n a ll r a d i a t i o n (GR)-,
magneticc b r a k i n g (MB)-, massexchangee (ML)- and thermal
(KH)-timescaless i n sequence
A25,, a s a f u n c t i o n of t h e donor
s t a r - m a s s .. The assumed
a c c r e t i o nn induced c o l l a p s e
occurss at aa
M, = 1.06 M_.
0 The e
arroww determines the phase at
whichh the convective core
disappears. .
Figuree 4b: As in figure 4a,but t
forr sequence X25. At M = 0.3 3
MM , the donor star becomes
fullyy convective and magnetic
brakingg is assumed to
terminate.. This causes massexchangee to stop and induces a
spikee in the mass-exchange
timescale. .
Figuree 4c: As in figure 4b, but
forr sequence Y33. The assumed
accretionn induced collapse
occurss at aa
M, = 1.84 M..
0
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(figs.. 4b and 4c). Oncè the
periodd of the system has become
sufficientlyy short, the GRtimescalee (and consequently
alsoo the mass-loss timescale)

77

inn all systems decreases
significantlyy (i.e. for
0.0 0

OM OM 0.8 8

1.2 2

1.66

M dd < 0.20 M 0 ) . At about the

2.0

samee time, the nuclear burning

M d IM,) )

inn the donor star fades and
causess the luminosity to
decrease,, whereby

the thermal timescale increases. When the

graduallyy increasing thermal timescale finally becomes comparable to
thee mass-loss timescale, the star departs considerably from thermal
equilibrium.. After nuclear burning has stopped the star becomes
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degeneratee whereby its radius, instead of decreasing with decreasing
masss (as it is the case for a main sequence star) increases with massloss.. This forces the binary to expand, so that the system must evolve
throughh a minimum period (at M, about 0.049 M

in fig. 4a).

Notee that the (very evolved) donor star in sequence A25 becomes
degeneratee when its mass is still rather large ( about 0.3 M ). When its
masss has decreased to about 0.05 Mg the (whole) star starts to increase
itss size in response to mass-loss. This star does not become fully
convectivee in the vicinity of the observed period gap (see fig. 4a) . In
fact,, at M, about 0.33 M 0 , we observe the disappearance of the until
thenn still present convective core (arrow in fig. 4a). This results in a
slightt perturbation of the mass-transfer rate.

5.. Comparison with observations and previous work.

Lett us now compare our numerical results with the observations
listedd in the introduction. Figures 5a, 5b and 5c show the observed
distributionn of the mass-transfer rate versus the orbital period in
shortt period interacting low-mass binaries, as given by Patterson (1984;
largee dots). For comparison, the evolutionary tracks of sequences
A14,A17,Z17,A20,Z20,, sequences A25-X25 and sequences A33-Y33,
respectively,, are shown in the figure. Along the curves, the corehydrogenn abundance is indicated.
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Figuree 5a: The evolution of
sequencess A14, A17, A20 and Z20
inn the mass-exchange rate orbitall period -plane. Along the
tracks,, the core-hydrogen
abundancee of the donor star is
indicated.. The label "<0." means
"evolvedd beyond core-hydrogen
burning".. Magnetic braking is
assumedd to disappear when the
donorr star becomes fully
convectivee which results in a
sharpp discontinuity in the massexchangee rate. The black dots are
thee observed values for
cataclysmicc variables and lowmasss X-ray binaries, as
cataloguedd by Patterson (1984).
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Figuree 5c: As in figure 5a, but
forr all sequences in set 33.

--

systemss which have evolved
throughh the minimum period (A25

-12 2

--

Y25: : ^ 2 5 5
II

ii

11

1

ii

ii

-1.6 6

-1.4 4

-1.2 2

-1.0 0

-03 3

-0.6 6

11

-0.44

-02
0.0
l o g l P o r bb lld.l

andd A33) are in reasonable
agreementt with the results
obtainedd in previous work (e.g.
Paperr I; Nelson et al. , 1986).

1

--

—1 1

ii

II

i

' "I

Inn both sequences, the system

Id d
-7 7
!ogl-H) )
(M0/yrll
-- 8

-9 9

--

..

periodd of about 40 minutes,

.

""

whichh occurs for X - 0.00.

.«

--

-10 0

77

Z33

7^ ^

.40 0

##

\\

-11 1

--

/fA33 3
\i£ \i£

Suchh a minimum period agrees
welll with the shortest orbital

^ J 1 66

Q&s^Q&s^— —
((

ftft 33

sa a _ _ » - * * J I I

SI I

evolvess through a minimum

periodss observed for LMXBs and

fllV fllV
-ai i

CVss (see also section 5.2).

..

Alsoo the calculated mass-12 2

""

-11

1

-1.6 6

-1.4 4

ii
-1.2 2

ii

ii

i

-1.0 0

-0.8 8

-0.6 6

11
-0.44

, I
-02
loglPort.) )
Id.] ]

transferr rates at minimum
periodd (see the figures 5b and
5c)) agree well with the

observations.. In section 5.2, we will briefly readdress the problem of
thee binary systems with very short orbital periods (i.e. P Q ^ <

1

br) ,

inn relation to their progenitor-systems.

5.2)) The p e r i o d gap.
Iff one wishes to explain the occurrence of the period gap as due to
thee disappearance of MB when a ZAMS donor star becomes fully convective,
thee expression of AML by MB must be altered, as indicated by Rappaport
ett al. (1983). Indeed, table 1b shows that mass-transfer resumes too
soonn after the detached phase (caused by the disappearance of MB). In
thee most 'favourable' case (see X25 or A14) the calculated lower limit
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off the gap occurs at ?__>> - 2.8 hours (in agreement with the MBR4-model
inn Rappaport et al. , 1983). The (too short) detached phase from P Q r b - 3
Q Q

too 2.8 hours lasts a few times 10 years. After the system has resumed
88
9
masss -transfer/ it takes an additional 5. 10 to a few 10 years to
"leave"" the observed period gap (the lower boundary of the period gap
assumedd to be at

p

orK

Rappaportt et al.

=

2.2 hours).
(1983) showed that the observed extent of the

periodd gap can be modelled to good approximation by assuming that the
dependencee on R in eqn (2) is not to a power 4, but instead to a power
5/22 (see also Verbunt, 1984)• However, there is no physical
justificationn for this assumption.
Convergingg systems with "evolved" (i.e. 0.0 < X

< 0.3) donor stars

presentt an even graver problem in relation to the period gap. The donor
starss in these systems do not present any obvious intrinsic physical
characteristicss which could lead to the termination of mass-transfer and
thee formation of a period gap. These stars do not become fully
convectivee until (too) late in the mass-exchange phase. The assumption
thatt MB terminates when the extent of the convective envelope of the
donorr star drops below the in section 2 mentioned critical value, does
nott provide a means for resolving this problem.
Inn fact, more evolved donor stars become fully convective at
progressivelyy lower orbital periods of the system. In addition, the
detachmentt of the system becomes less evident and even disappears. The
resultingg drop in the mass-transfer rate becomes insignificant and
occurss at P o r b < 2 hours for the most evolved systems (see figures 5b
andd 5c) •
Wee note in relation to the Ultra-Compact Binaries (P o r b < 1 hr;
sectionn 5.1) that thesee observed systems can only be modelled if the
donorr star

is relatively highly evolved. Four of these systems have

beenn observed, i.e. 1E2259-59 (P Q r b - 38 min.; Middleditch et al.,
1983),, 4U1626-67 (P Q r b " 41.3 min.; Eisner et al. , 1983), GP Com
(P Q r bb = 46.5 min.; Nather et al., 1981; Stover, 1983) and 4U1916-05
(PP

, = 49.9 min.; Swank et al. , 1984). Their progenitor-systems must

havee evolved through the period-gap and have been observable there.
However,, sincee the lifetimes of these systems at P o r b about 40 min. and
88
9
betweenn orbital periods of 3 hr to 2 hr, is about 3. 10 and 2. 10 yrs,
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respectively,, their relative abundances is expected to be about 1 to 10.
Sincee 4 UCB's have been observed until now, it is surprising that we do
nott observe any progenitor systems in the period gap.

5.3)) The M -

p
orfr

distribution.

Thee evolution tracks in Figures 5 show that, for a given orbital
period,, the mass-exchange rate is smaller when the donor star is in a
moree evolved state (i.e. for lower X c ) . The sequence with the least
evolvedd donor star is A14 (Xc = 0.7; fig. 5a), which evolves through the
upperr part of the observed distribution of binary systems. Although some
systemss are observed above this track, we may argue that all systems
withh ZAMS-donor stars (i.e. X c = 0.7) delimit the upper region of
thee

M-P

h

distribution for P o r b > 3 hours. The few systems above this

trackk can presumably be explained by assuming less massive compact
componentss in the systems than we have adopted. Our results are in
qualitativee agreement with the results of calculations obtained for
ZAMS-starss by Patterson (1984). The lower limit on the observed
distributionn seem to be well modelled by systems like Z25, Z33 or a less
evolvedd version of Z20, which have donor stars with X between 0.1 and
0.3.. Thus, the distribution of CV's in the M-P Q r b plane for all orbital
periodss between 3 hours and about 1 day can be explained qualitatively
byy arguing that the donor stars in the lower part of the distribution
aree systematically more evolved (but still in a main-sequence state)
thann those in the upper part. In addition, we find that ZAMS-stars with
initiall masses in the range 1.5 - 2.0 M 0 are already slightly evolved
(i.e.. X

< 0.60) when the binary system arrives in the orbital period

regionn under consideration. These systems therefore tend to evolve
throughh the lower half of the distribution.

MBB is the dominant angular momentum loss mechanism for the longer
orbitall periods (where the donor star is not yet completely convective),
andd determines the mass-exchange rate (see figs. 5).
Angularr momentum losses due to MB are

2 2
proportional to I d times Rd

(eqn.. (2)) for a given orbital period, where R, decreases monotonically
duringg the mass-exchange phase up to the minimum orbital period. Let us
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investigatee how the rather large spread in mass-exchange rates for a
givenn orbital period (> 3 hours) can be explained in terms of
differencess in the donor star's evolutionary history.

Figuree 6 depicts the evolution of the donor star's moment of
inertiaa I, as a function of the orbital period of the system for the
evolutionn sequences of set 25. It can be inferred that, for example,
betweenn orbital period of 4 hr and 3 hr (log Port,(d) between -0.8 and
- 0 . 9 ) ,, the spread in the moment of inertia of the donor star contributes
2 2
fromm 50% to 75% to the spread in the mass-exchange rate. The term R d xn
eqn.. (2) is responsible for the remaining spread in the mass-exchange
rates. .
II

I

!!

11

I

1

i

ii

i —

— i

ogg I
//

53 3

//

/

1

.16 6

/

\\

1

1

'

\\

\

Z2

\\

\\

^A
A.

\\

08 8

*:AIC C

/

\v\

AA 25

((
\ \ss

Y25\\

\

\\

X 2 5 # / --- ^ A 2 5 5
-YT^J^ -YT^J^

51 1

.12 2

--

52 2--

\ V2S

\

\

50 0

—i

.20 0

54 4

.00 4

.
1.44

11

i

ii

i

i_

-1.2 -1.0 -0.8 -0.5 -04 -0.2
l

i

-144

ii

i

-1.2

J

1

1

-1.0 -0.8 -0.5

1—

-0.4 -0.2

logPrbb (dj

°g(porbi(d.) )

F i g u r ee 6: For all sequences in set 25, the moment of inertia of the
donorr star ( I , , in 10
g cm ) is displayed as a function of the orbital
p e r i o dd of t h e binary system. The spread in I,, at a given orbital
p e r i o d ,, due to the different evolutionary states of the mass-losing
donorr star, is reflected in the calculated mass-exchange rates between
bothh components .
22
2
F i g u r ee 7: For all sequences in set 25, k , defined as ^ / ( M a * 1 ^ ) i s

displayedd as a function of the orbital period of the binary system. At a
givenn orbital period, the difference in evolution of the internal massdistribution,, due to the different initial evolutionary state of the
donorr star is, to some degree, responsable for the spread in the moment
off inertia of the donor star (fig. 6) and consequently for the spread in
thee observed mass-exchange rates between the components.
Noticee that the most evolved donor star (i.e. in sequence A25) is
subjectt to a contraction phase, when the hydrogen in its core becomes
exhausted. .
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Figuree 7 shows k , defined as ^ c / ^ d ^ d )' versus the orbital
period.. It can be inferred that the internal mass distribution of the
mostt evolved system A25 (close to the bifurcation limit) evolves
qualitativelyy differently from the less evolved donor stars. The donor
starr in this system starts a long lasting contraction phase when its
coree hydrogen content decreases below 0.06 (its mass M d is then about
0.33 M Q ) • This contraction phase corresponds to the overall contraction
phasee in single stars which occurs when the convective core vanishes. In
singlee stars it is a short phase which ends when the temperature at the
edgee of the helium core rises to the ignition temperature for shell
hydrogenn burning. Here, however, is the evolution significantly altered
byy the mass-loss, so that the donor star is not able to ignite the shell
too any significant degree. The contraction phase therefore continues
(whilee M, decreases from 0.3 to 0.1 M Q ) until electron degeneracy sets
in.. After that k starts to grow again with further mass-loss.
Notee that for a given orbital period and total system mass the
angularr momentum losses due to GR can only vary proportional to q(1-q)
wheree q is the mass ratio of the binary. This results in a much smaller
spreadd in the mass-exchange rates (a factor 2-3; see the spread of the
mass-exchangee rates for orbital period < < 2 hr. and also Patterson,
1984). .

6)) Conclusions.
Inn section 5, we found that:
1)) The upper region of the distribution of CV's (and LMXB's) in the
M-PP

. plane can be modelled by converging binary systems which contain

ann unevolved secondary (Xc = 0.6-0.7). The lower limit of the
distributionn of CV's (and LMXB's) in the M ~ p o r D plane can be modelled
withh converging binary systems which contain an evolved

mass-losing

componentt (X = 0.1-0.3). We argue that the spread in the observed masstransferr rates are largely caused by the variations in the moments of
inertiaa of the donor stars in these systems. These variations in the
momentss of inertia are related to differences in the initial orbital
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periods,, i.e., in the differences of the evolutionary phase of the donor
starr at the initiation of mass-transfer in the binary.
2)) The low-mass binary systems with P or h about 40 min. have a donor
starr with a very low to insignificant core hydrogen abundance, which
setss very stringent constraints on its initial evolutionary state.
Previouss studies showed that this minimum period increases up to 80
minutess for systems with donor stars which have core hydrogen abundances
upp to 0.7.
3)) Our calculations indicate that systems with non-evolved donor
starss produce a small period gap ranging from 3 to 2.8 hours, when the
expressionn for the AML due to MB, provided by Verbunt and Zwaan (1981)
iss used. Converging systems with "evolved" (X

< 0.3) hydrogen burning

donorr stars evolve through the observed period gap without interrupting
mass-exchange.. Such systems should therefore be observable in the period
gap;; however, their observed number is much smaller that expected. We
concludee from our results that the commonly accepted explanation for the
occurrencee of the period gap between 2.8 and 2.2 hours is not
satisfactory. .
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II.. 1. SPIN EVOLUTION OF MAGNETIZED NEUTRON STARS IN LOW-MASS CLOSE
BINARIES. .
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Spinn evolution of neutron stars in low-mass close binaries.

E.H.P.. Pylyser

Summary: :
Wee present the results of calculations simulating the evolution of
thee spin period of neutron stars in low-mass X-ray binaries. This
evolutionn depends on the time histories of the magnetic field of the
neutronn star, and of the mass transfer rate in the binary. We assumed
thatt the magnetic field of the neutron star decays on a timescale of
7 7
aboutt 10 yrs until a transition- (or 'bottom1-) field is reached.
Subsequently,, the magnetic field is assumed to decay on a much longer
timescale.. The evolution of the mass transfer rates in low-mass
interactingg close binaries was obtained from numerical calculations.
Basedd on the observed characteristics of some galactic low-mass
binaryy radio pulsars and low-mass X-ray binary systems, we discuss the
rotationall status of the neutron stars in both types of systems and we
makee an attempt to reconstruct their rotational histories. Model
calculationss indicate that the neutron star in PSR 1855+09 has accreted
att least 0.04 Mg, and that the initial mass of the white dwarf
progenitorr in this system was about 1.0 to 1.4 M 0 . We suggest that the
neutronn star in PSR 1831-00 has not been accreting mass since its
formation,, and present an alternative formation-scenario for this
system,, involving an "evaporationM-process for the low-mass companion.
Finally,, we briefly discuss the present rotational state of the neutron
starr in some low-mass X-ray binaries.
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1•• Introduction
Accordingg to their observed characteristics, galactic X-ray sources
cann be divided into several subgroups, one of which is that of the lowmasss X-ray binaries (LMXBs). These systems consist of a low-mass star,
whichh fills its Roche-lobe, accompanied by a magnetized neutron star
(NS).. The mass lost by the low-mass component is (partly) accreted by
thee neutron star.
Onee aspect of accretion of mass onto a NS is the production of
energeticc X-radiation. The X-ray characteristics observed in this type
off systems depend on the magnetic field of the neutron star. If X-ray
pulsationss are observed (the system is then a binary X-ray pulsar), the
12 2
magneticc field of the NS is believed to be strong (i.e. > 10
Gauss)
whereas,, when X-ray bursts are observed (the system is then an X-ray
11 1
burster),, the field is believed to be much weaker (i.e. < 10

Gauss).

X-rayy pulsations and X-ray bursts are mutually exclusive phenomena (for
aa review, see Joss and Rappaport, 1984). In many of these X-ray sources,
quasi-periodicc oscillations have been observed, which in most of the
theoreticall models (see Lewin, 1986; Lewin et al., 1988) invoke neutron
99
10
starss with magnetic field strengths of 10 to 10
Gauss.
Furthermore,, in all these systems, with the accretion of matter,
alsoo angular momentum is accreted; depending on the strength of the
magneticc field of the NS and on the mass-accretion rate, this can result
inn a significant variation of the spin period of the NS. Depending on
bothh the magnetic field strength of the neutron star and the massaccretionn rate, spin-up or spin-down may occur during an accretion
phase.. Spin periods of the order of milliseconds can thereby be
attained.. During non-accreting phases, the NS always spins down due to
magneticc dipole radiation (Pacini, 1967).
Evolutionaryy scenarios leading to the formation of LMXBs and
describingg their observational properties have received a lot of
attentionn in the past decade. Pylyser and Savonije (1988a,b; see also
referencess therein) have presented the results of extensive numerical
calculationss describing the possible binary parameters of the
progenitor-- and remnant-systems of LMXBs. Based on that study, the LMXBs
cann be divided into two groups, depending on whether the progenitor
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systemss started mass transfer when their orbital period was
approximatelyy > 12 hours or < 12 hours. The orbital evolution of the
formerr group of LMXBs is
mass-losingg component,

determined by the nuclear evolution of the

which leads to the formation of LMXBs with

increasingg orbital periods (i.e.

diverging systems; Webbink et al.,

1983;; Pylyser and Savonije, 1988a (PS88a) and further references
therein)..

The orbital evolution of the second group of LMXBs is

determinedd by angular-momentum losses,
(Landauu and Lifschitz,

due to gravitational radiation

1959; Paczynski, 1967; Faulkner, 1971) and

magneticc braking (Huang, 1966; Verbunt and Zwaan, 1981), which leads to
thee formation of LMXBs with decreasing orbital periods (i.e. converging
systems;; Fappaport et al., 1983; Pylyser and Savonije, 1988b (PS88b) and
referencess therein).
Fourr LMXBs show regular X-ray pulsations, i.e. 4U1627-67
(P*7.77 sec), 1E2259+59 (P=6.98 sec), Her X-1 (P=1.24 sec) and GX1+4
(P=*1077 sec) (see table 1a). It is therefore likely that the neutron
starss in these systems all have a (still) strong magnetic field (i.e.
12 2

BB > 10
Gauss), and if one assumes that the magnetic field of a neutron
66
7
starr decays on a timescale 10 to 10 years (e.g. Stollman, 1987), these
7 7
neutronn stars must be relatively young (< a few times 10 yrs). The
firstt two systems have short orbital periods (P < 1h), while the latter
twoo systems (will ultimately) evolve with increasing orbital periods.
Suchh diverging LMXBs are the progenitor-systems of low-mass binary radio
pulsarss (LMBRPs), which mostly consist of a low-mass (< 0.45 M Q ) Helium
whitee dwarf (WD) and a (relatively) rapidly rotating magnetized NS
(Rappaportt and Joss, 1983; Paczynski, 1983; Savonije, 1983 and the
revieww by van den Heuvel, 1987). If the low mass companion is a WD, this
starr is thought to be the remnant of the (sub)giant progenitor, which
startedd mass-transfer (case B or possibly AB (see PS88a)) towards a
compactt object (a WD or a NS).
Iff the compact accreting component was initially a massive WD
{>{> 1.2 M0; Hernanz et al., 1988), it is possible that, as it was
accretingg matter, it has ultimately collapsed into a neutron star when
itss mass reached the Chandrasekhar mass (~1.4 M0; Nomoto, 1987; Hernanz
ett al., 1988 and references therein). In such a case, the sudden mass

82 2

T a b l ee 1a

S y s t e mm

Pgpin
s e cc

Herr X-1
GXX 1+4
4 U 1 6 2 7 - 6 77
1E2259+599

TQbs
yr

log B
G

1.2 3 . 105 3 . - 5 . 1 0 1 1
1 0 7 - 5 0
?
7.7 5.5 103
?
7.0 +
3-5 105
few 1 0 1 1
t oo 1 0 1 3

PQrb

1.71 d
> 10 d
4 1 . 3 min
3 8 . 0 min

f(MrM2)
MQ
?
?
1 . 3 10" b
0.008

l i k e l y M2
M0
2.0
?
0.02 - 0.1
0.02 - 0.1

T a b l ee 1b

P S RR

P

spin

mss
0820+02
1831-00
1855+09
1953+29
1957+20

2
0
9
9
0

865 5
521 1
5.36 6
6.1 1
1.6 6

^S^obs

ss
-16.0
-17.0
-19.7
-19.5
? ?

0
0
7
5

l o g B

P
f M
i i k e l
orb
< 1'M2}
* M2
MM
M
G ""
G
d d
o o
0 0
===========
=
=========
=
=
=====:==========
:
0.2-0.4 4
11.5 5 1232.4 4 0.003 3
1.81 1 0.00012 2 0.06-0.13 3
10.9 9
12.33 3 0.0052 2 0.2-0.4 4
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. : spin period of the NS; a "-", w + n following the spin period
indicatess "spin-up", "spin down", respectively
pp .: orbital period of the system
P
obs :: t h e o b s e r v e d variation of the spin period; T Q b s - P s p i n / p o b s
B:: the derived magnetic field strength
M-- 2 : mass of the compact object and companion, respectively
f(&wM„):: the observed mass-function of the system, i.e.

pp

(a^sin i ) 3
(M2*sinn i ) 3 A%2
f(Ml,MM )=
=
*
—
( M 1 + M 2 ) 22
G
PQrb2
withh i the inclination angle between the plane
off the orbit and the plane of the sky, a.^
thee semi-major axis and G the gravitational
constant. .

losss from the system, in the form of loss of binding energy of the
collapsingg compact object and possibly some expelled material, results
inn an enlargement of the binary system and the system becomes detached
(seee e.g. van den Heuvel and Habets, 1984). Mass transfer resumes when
thee expanding radius of the hydrogen shell-burning secondary reaches the
Roche-lobee again, and the system can be observed as a wide bright LMXB
(Webbinkk et al., 1983). Mass transfer finally ceases when the hydrogenrichh envelope of the (sub)giant is exhausted. Then, a U4BRP is born.
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Upp to now, five galactic LMBRPs have been discovered: PSR 1831-00,
PSRR 0820-02, PSR 1953+29, PSR 1855+09 and PSR 1957+20, the last three
beingg millisecond radio pulsars. Three more such systems have recently
beenn discovered in globular clusters (Lyne et al., 1988). The radio
pulsess originating from these objects yield the neutron star's rotation
period.. Table 1b presents the relevant system parameters of the galactic
LiMBRPs.. The evolutionary history of PSR 1957+20 is probably very
differentt of the other LMBRPs. We refer to e.g. Fruchter et al. (1988),
Phinneyy et al. (1988) and Kluzniak et al. (1988) for a detailed
descriptionn of this system and to van den Heuvel and van Paradijs (1988)
andd Ruderman et al. (1988) for the processes which are likely to be
involvedd in its formation and future evolution (see also section 2.5 for
aa short description)*
Thee aim of this work is to investigate, by means of semi-analytical
calculations,, the evolution of the spin period of a magnetized NS in a
LMXBB with a realistic mass-transfer profile. A comparison can be made
betweenn the calculated spin-period of the neutron star when the masstransferr phase in a LMXB terminates, and the observed pulse periods of
LMBRPs,, which we assumed to be their remnant-systems. Similar
calculations,, in which the mass-losing component is a giant, were
performedd by de Kool and van Paradijs (1987; KP).
Sectionn 2 describes the assumptions underlying our calculations.
Thee theoretical basis for a description of the evolution of the spin
periodd of both an accreting and non-accreting NS is briefly summarized
inn sections 2.1 and 2.2. Current ideas about the evolution of neutron
starr magnetic fields and their importance in the context of the spinevolutionn of accreting neutron stars are briefly reviewed (section 2.3).
Wee also discuss (and reconsider) the evolution of the mass-transfer
ratess in LMXBs (section 2.4). In section 2.5, we discuss the effects of
thee process of "evaporation" of the low mass secondary by the impinging
energeticc radiation of a non-accreting millisecond neutron star, and its
effectss on the evolution of the binary system. Section 3 presents an
examinationn of the effects of the physical processes (and the parameters
presentt in the modelation of these processes) on the evolution of th'e
spinn period of an accreting NS. Thereby, we extend and generalize the
workk performed by KP. In a first approach, the discussions in section 3
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aree qualitative. Some quantitative results are presented and compared
withh those obtained in previous work in section 3.5. In section 4, we
tryy to reconstruct the rotational history of some LMBRPs (section 4.1)
andd discuss thee observed status of some LMXB-pulsars (section 4.2).
Sectionn 5 summarizes the obtained results.

2.. Assumptions.
2.1.. Spin evolution of an accreting magnetized neutron star.

Masss transferred through the inner Langrangian point of an
interactingg binary is expected to form an accretion disk around the
neutronn star (see e.g. Petterson, 1983; Henrichs, 1983). After leaving
thee donor star matter falls in at the outer edge of the disk, where a
shock-frontt is created (the "hot spot"), and subsequently flows inwards
ass a result of the local viscosity. Matter at the inner boundary of the
diskk interacts and gets coupled to the magnetic field of the neutron
starr and then falls down along the field lines towards the neutron star
surface.. If a significant field is present, the interaction region
betweenn the field and the disk is instrumental for the transfer of
angularr momentum from the inner boundary of the disk towards the
magneticc field. The torque which results from this interaction is
transferredd by the field to the neutron star causing the spin period of
thee neutron star to change.

Thee calculations presented in section 3 are based on a refined
accretion-diskk model as developed by Ghosh and Lamb (1978, 1979), which
includess magnetic and viscous effects in the disk-field interaction.
Ghoshh and Lamb find that the magnetic coupling between the star and the
materiall outside the inner edge of the accretion disk can be
appreciable,, i.e. the interaction region is not infinitely thin. The
spin-upp torque exerted on rapidly rotating neutron stars is therefore
substantiallyy lower than that on more slowly rotating neutron stars and
spin-downn of the neutron star, even while accretion is still continuing,
iss possible for high rotation rates and low accretion rates.

Largelyy based on the presentation given by de Kool and van Paradijs
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(1987),, we briefly summarize the above refined disk model. The
calculatedd torque is expressed as a function of the

'fastness

parameter'' o> , defined as the ratio of the angular velocity of the
neutronn star co* and the Keplerian angular velocity at the magnetospheric
radiuss rm:

ww
SS

i — = 1.44 10"3 * B Q 6 7 7 * Mp" 3 / ? * M*~ 5/? * 1/P

=
Q

ir<rJ
K.. m

(D

•

Here,, r

is the radius of the magnetospheric boundary, B„ is the

mm

9

magneticc field strength of the neutron star in units of 10 Gauss, Mg is
—8 8
thee mass-accretion rate in units of 10
M0/yr, M* is the mass of the
neutronn star in solar masses, and P is the rotation period of the
neutronn star in seconds»
Thee evolution of the NS can be qualitatively understood by
consideringg the evolution of the relative positions of the
magnetosphericc radius r

and the co-rotation radius *CQr at which the

Kepleriann and stellar angular velocities are equal.
Inn the more simple theoretical approximations of the description of
thee interaction between the accretion disk and the magnetic field (i.e.
Pringlee and Rees, 1972; Davidson and Ostriker, 1973; Savonije, 1978),
equilibriumm is reached when r m = r

. If, for example, due to a decay of

thee magnetic field, or to an increase of the mass-accretion rate, r m
decreasess and becomes < r

, the neutron star will be spun up by

thee particles at radii in the range r m to r cQ , which have angular
velocityy w(r) > u>* = w c o , until (due to spin-up) the decreasing radius
rr
becomes equal to r , again. If this occurs on a timescale shorter
coo
^
m
'
thann the timescales governing the variation of B and/or the accretion
rate,, the NS will continue to rotate near equilibrium. If, on the other
hand,, the variation of the magnetic field strength occurs too rapid to
alloww the NS to adjust its spin-period to the continuously varying
situation,, the spin-period of the NS will depart from equilibrium.
Althoughh the theory of Ghosh and Lamb (1978, 1979) is more refined,
thee relative evolution of r and r
determines the spin evolution of
K
mm
co
thee neutron star in a similar way.
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Thee net accretion torque in the theory of Ghosh and Lamb is given
by: :

NN = N Q * n(ü)s),
wheree N

is the angular-momentum flux carried by matter flowing through

thee inner boundary of the disk at radius rm. If j x is the specific
angularr momentum of matter in a Keplerian orbit at radius r m then

*oo = 3K<rm> *

k

n(u))
) is determined by Ghosh and Lamb as:
s s
n(mm ) = 1.39M1-Ü) *(4.0 3* (1-w c ) # 173-.878))/(1-w )
SS

S

5

(2)

o

Wee notice that the dimensionless torque n(oos) becomes zero when u
s s
approachess 0.35. The star is then said to rotate at its equilibrium
periodd P

for the present values of the physical parameters. P

can be

expressedd as:
PP

= (2.7 ms) * B 6 / 7 * ( M / M e d d ) " 3 / 7 * M* _ 5 / 7

(3)

(Ghoshh and Lamb, 1979; Henrichs, 1983; Stollman, 1987).
MM , , is the Eddington limiting accretion rate for neutron stars, i.e.
M=(1.55 10

M0/yr) * M*. The equilibrium period is (becomes) thus

shorterr for higher (increasing) mass-accretion rates and neutron star
masses,, and for weaker (decreasing) magnetic fields.
Itt is important to notice that although the neutron star is
spinningg at Pecr, mass-accretion may still be continuing. Since most of
thee parameters which determine P
PP
eqq

(i.e. B^, M and M*) evolve with time,

is also continuously
So,
although the neutron star is
u changing.
?
*
^

spinningg at its equilibrium period, P may be different from zero.

Assumingg a constant moment of inertia of the accreting neutron star
(i.e.. 10 4 5 gem 2 ), the variation in the spin period is determined by :
PP = (-1.054 10~ 1 0

s/yr) * B g 2 * n(a)s)/(Wg2 * M*)
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(4)

Thee timescale for spin-up, defined as the time necessary to spin-up
aa neutron star from rest (w = 0.) to its equilibrium period (at which
n(cjj ) - 0., i.e. no torque is acting on the neutron star) is:

= (3.43 106 yrs) * B ^ 8 ' 7 * k ^

„JS

T s uu =

1

* M*"5/7

Q(o)s=0.) )

Forr decreasing values of all the determining physical quantities,
thee spin-up timescale increases. The thus defined spin-up timescale T g u
onlyy indicates how rapidly the spin period evolves towards its
equilibriumm period P . The observed time scale of spin-variation T Q b
s s
eq q
willl therefore only be of the same order of T S U / if the rotation period
off the NS is significantly different from its equilibrium period. If the
NSS rotates at (or near) equilibrium, T o b s ~T p (=P/P) 7* T S U - For example,
aa NS rotating at Pö , with a field which does not decay and accreting
masss at a rate which varies on a timescale x ey / defined as M/M yields
^ b s V VV

(Henrichs, 1983).

Inn the case of very low magnetic field strengths, the magnetic
boundaryy can become smaller than the radius of the neutron star (we
assumee R* = 1* 10 cm.). In such a case the model of Ghosh and Lamb is
noo longer valid. We then use a description (also used by de Kool and van
Paradijss (1987)), as follows:

NN * JK(R*) * M
and d
PP = (-4.35 10 - 5 s/yr) * P 2 * M Q
Equationn 3 shows that the rotation rate of an accreting magnetized
neutronn star can easily evolve into the range of milliseconds, as is
confirmedd by the observation of several millisecond binary radio pulsars
(Tablee 1b), which form a later evolutionary phase of the low-mass X-ray
binaries. .
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Finally,, we note that according to, for example, Papaloizou and
Pringlee (1978), Harding (1983) and Shapiro et al. (1983), the neutron
starr becomes unstable to non-radial oscillations whenever its rotation
periodd is shorter than about 1.5 milliseconds (this actually depends on
thee equation of state which is used). In such a case, spin angular
momentumm is effectively radiated away in the form of gravitational
waves.. The spin period does then not decrease any further.

2.2.. Spin evolution of non-accreting magnetized neutron stars.

Wee assume that, when the neutron star does not accrete, it loses
angularr momentum due to magnetic dipole radiation (Pacini, 1967). When
thee system ends its life as a LMXB, i.e. after the contraction of the
remnantt of a mass-losing (sub)giant, due to the exhaustion of its
hydrogen-envelopee (PS88a, and references therein), the system detaches
andd a LMBRP is formed.
Anotherr non-accretion phase may occur after an AIC of a white dwarf
too a NS (see section 1). Mass is then suddenly lost from the system
whichh results in an increase of the binary separation; the system
becomess detached (see e.g.

van den Heuvel and Habets, 1984). During

somee time the neutron star spins down and

the magnetic field of the

newlyy formed neutron star will decay. Mass transfer resumes when the
expandingg radius of the hydrogen shell-burning secondary reaches the
Roche-lobee again, after which the system is observed as a LMXB.
Finally,, we indicate that the top of the period gap (at 3 hours) in
thee distribution of orbital periods of cataclysmic variables and LMXBs
mayy be produced by termination of the mass transfer phase in these
systems.. We refer to e.g. Pylyser and Savonije (1988b; and references
therein)) for a discussion on the formation of this period gap. During
thee subsequent detached phase, the system could be visible as a low-mass
binaryy radio pulsar, until mass transfer resumes, due to orbital angular
momentumm loss resulting from gravitational radiation (but, see also van
denn Heuvel and van Paradijs, 1988).
Forr the calculations in section 3, we use the description of spin-
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downn of non-accreting neutron stars as presented by Stollman (1987),
Startingg the calculations with a spin period P Q and a magnetic field
strengthh B , the change in spin period is given by:
PP = 3/TD * exp<-2 * t/xD)/(1-exp(-2 * t/T D )+P Q 2 /(3 2 ) 1/2

(6)

wheree p 2 = B Q 2 * T D / a
andd a is defined as : B(t) 2 = a * P(t) * P(t)
x nn and P(t) are the decay tiraescale of the magnetic field and the
spinperiodd derivative at time t, respectively. A canonical value
forr a - 1. 10

Gauss /sec (Manchester and Taylor, 1977).

Summarizingg sections 2.1 and 2.2, the spin evolution of a neutron
starr in a low-mass close binary in which the NS was formed by an
accretionn induced collapse (AIC) can be divided into three subsequent
phases: :
1)) a spin-down phase due to magnetic dipole radiation during the postAICC phase until mass-accretion resumes.
2)) a spin-up and/or spin-down phase during the subsequent

mass-transfer

phasee between both components
3)) a spin-down phase, by magnetic dipole radiation, after the masstransferr phase, as a low-mass binary radio pulsar.

2.3.. Evolution of the magnetic field of the neutron star.

Thee evolution of the magnetic field of neutron stars in low-mass
binaryy systems has recently been the subject of much discussion.

Based

onn studies of newborn radio pulsars (Lyne et al., 1985; Stollman, 1987;
andd references therein), neutron star magnetic field strengths have been
6—7 7
foundd to decay on time scales of 10
yrs. Whether this decay timescale
remainss constant when the field decays or varies with the age of the
neutronn star cannot be inferred from these single radio pulsars, since
theirr radio luminosity decreases with time, finally rendering them
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unobservablee (Taylor and Stinebring, 1986) . However, a comparison of the
formationn rates of low-mass X-ray binaries and their probable remnant
systems,, i.e. the wide binary radio pulsars provides strong evidence for
thee existence of a "bottom" value for the magnetic fields of neutron
starss in low-mass binary systems (Bhattachanya and Srinivasan, 1986; van
denn Heuvel et al., 1986). Direct observational support for the existence
off a "bottom-field" for the magnetic fields of neutron stars is provided
byy the high age of the white dwarf companions of e.g. PSR 0655+64
(Kulkarni,, 1986, 1987) and PSR 1855+09 (Wright and Loh, 1986).
Furthermore,, the observed values for the spin period and its derivative
inn the system PSR 1831-00 indicate that its "age" (i.e. P/P) is of the
q q

orderr of a few times 10
iss still 8. 10

10

yrs, while its derived magnetic field strength

Gauss (see also section 4.1.2). These observations

indicatee that the bottom-field may be different in each system.
Vann den Heuvel (1986) reviewed two possible interpretations of this
phenomenon.. In one of these (Kulkarni,

1986, 1987), the magnetic field

off the neutron star possibly consists of two distinct fields: a rapidly
decayingg ( T B 1 ~

5. 10 yrs), strong surface field, which is anchored in

thee crust of the neutron star (the ncrustalM field), and a much weaker
componentt seated in the superconducting interior which decays very
slowlyy or perhaps not within the age of the Galaxy (the "core" field).
Dependingg on the age of the NS, the observed magnetic field is then
eitherr the "crustal" or the "core" field.
Anotherr interpretation is based on a model of non-decaying neutron
starr magnetic fields (i.e. Kundt, 1986; Blair and Candy, 1988) and on
thee specific binary nature of the systems: the fields of (single)
neutronn stars do not decay, but are presumably either weakened by the
occurrencee of mass-accretion during the previous mass-transfer phase
(Blondingg and Freese, 1986) or, independent of the circumstances, remain
constantt (see also Sang and

Chanmugam,

1988; Rundt, 1986). The

observedd torque-decay of single pulsars could then possibly be explained
byy the occurrence of the process of alignement of the rotation-axis and
thee field-axis (see Lyne et al. , 1988). Although no definitive
observationall distinction between both interpretations could be made up
too now, de Kool and van Paradijs (KP) adopted the first interpretation
inn their calculations of the evolution of the spin period of accreting
neutronn stars. The calculations presented in section 3 are based on the
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samee assumptions.

2.4.. The evolution of the mass-accretion rate onto the neutron stars.
Thee spin period calculations presented in this work differ from
thosee presented by KP in the adopted evolution of the accretion rates.
KPP determined the accretion rates semi-analytically based on a model for
brightt low-mass X-ray sources (see Webbink et al., 1983). This model
satisfactorilyy describes the evolution of wide low-mass galactic X-ray
binariess and their observational properties, and explains naturally the
formationn of binary radio pulsars as their remnants (Rappaport and Joss,
1983;; Paczynski, 1983 and Savonije, 1983, 1987). However, this semianalyticall approximation is strictly valid only for mass losing giants
whichh developed He-cores of mass between about 0.20 and 0.45 MQ (i.e.
wheree hydrogen is burned in a thin shell) at the onset of mass-transfer.
Itt is not valid for (sub)giants which start mass transfer shortly after
thee core hydrogen-burning phase (i.e. while a thick hydrogen burning
tt

shelll develops; see PS88a; Cote and Pylyser, 1988). In

PS88a, a series

off numerical calculations of (sub)giants starting mass transfer between
thee end of the core hydrogen-burning phase (or even earlier) and the
basee of the giant branch are presented. For all these numerical
calculations,, the mass transfer rates were stored as a function of time
rr

andd of a few additional system-parameters (see also Cote and Pylyser,
1988),, one of which is the mass of the donor star (see for example
fig.. 8a in section 3.3.4). These numerically obtained mass transfer
ratess will be used as accretion rates onto the neutron star in
sectionn 3, in order to follow the spin evolution of an accreting neutron
star.. Unless explicitely mentioned, we will assume that all mass lost by
thee (sub)giant will be accreted by the neutron star (i.e. we make the
so-calledd conservative assumptions).
Itt is important to note that any numerically obtained history of
masss transfer rate is dependent on the mass of the accompanying conpact
component.. In many of the calculations presented in section 3, we have
includedd the initial mass of the NS as a free parameter. The chosen mass
off the NS may be different from that used by PS88a. In section 3.4, we
discusss the effects of this difference on the evolution of the spin
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periodd of the NS and use a simple description to correct the numerically
obtainedd mass transfer rates whenever such a correction is thought to be
necessary. .
Finally,, we emphasize that, although the mass-accretion rates may
bee varying relatively rapidly (see later, figure 8a), the mass-accretion
ratess considered here are mean rates on timescales of at least 1. to
10.. 106 yrs. Fluctuations over timescales of the order 10 to 10 yrs
aree only considered qualitatively (section 4). It can not be excluded
thatt instabilities in either the mass transfer rate (dictated by the
evolutionn of the low-mass companion) or the accretion rate (dictated by
thee evolution of the disk) even quench the accretion of mass onto the
NS,, interrupting the X-ray phase. We shall demonstrate that such
variationss on short timescales can have important consequences.

2.5.. The process of evaporation of a low-mass companion by a nonaccreting,, rapidly rotating neutron star.
Inn the previous section, we mentioned that the spin-period of an
accretingg NS can relatively easily decrease to a few milliseconds. It
cann be shown that, if for one of the reasons presented above (sections
2.22 and 2.4), mass-accretion stops, the outflowing radiation of a
millisecondd neutron star is so strong, that even a fraction of the
impingingg energy can be sufficient to result in the evaporation of (part
of)) the hydrogen-envelope of the orbiting low-mass companion (Ruderman
ett al., 1988).
Thee recently observed LMBRP, PSR 1957+20 (Fruchter et al. , 1988) is
aa perfect example, which formed the inspiration for the above process of
evaporationn (van den Heuvel and van Paradijs, 1988; Phinney et al. ,
1988;; Kluzniak et al., 1988). Whenever the process of evaporation is
started,, it can not be interrupted. If the evaporation timescale ^ e v a p
iss much shorter than the spin-down timescale T s d , the low-mass secondary
willl be completely evaporated before the spin period increased
significantly.. If t e v a D > tsoy the evaporation process will terminate
duee to the decrease in energy outflow of the neutron star. If, after the
terminationn of the evaporation process, the low-mass companion still has
aa significantly massive remnant hydrogen envelope (M env at least about a
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feww 0.01 M Q ) , mass transfer towards the neutron star can resume, and
masss accretion can again spin up the neutron star.
Itt can be shown that the latter process of evaporation is of
significantt importance in the estimate of the lifetime and birthrate of
rr

LMXBss (Cote and Pylyser, 1988).

3.. Computational results.

3.1.. Introduction and working scheme.

Inn the following sub-sections,

we present the results of

calculationss of the evolution of the spin period of accreting neutron
starss in wide low-mass X-ray binaries. For this purpose, we create
variouss neutron star accretion situations in which the different
parameterss present in the magnetic field decay model and the massaccretionn sequences are varied. We discuss the essential effects of
thesee variations on the spin period evolution of the accreting neutron
star.. Table 2 lists the parameters and the ranges in which they will be
varied. .

Tablee 2
=== = = = = = :=====
:
. = = = = = = :=========
:
=
units s ref. .
range e
1.. 1 0 1 2 - 1.. 10l 3
1.. 10 6 - 1.. 10
9 9
1.. 10
10
1.. 1 0
- infinity y
5.. 10 6 - 5.. 10 7
0.5 5
0.001 1
0.66
- 1.6 6
1.. 10~ 7 - 1.. IQ" 11

Gauss s
yrs s
Gauss s
yrs s
yrs s
M

1 1
2
3
3
4

2
3
3
4

0 0

M 0 /yr r

References s
1)) Flowers and Ruderman, 197 7
2)) Lyne et al., 1985
Stollman,, 1987 and refs. therein
3)) Bhattacharya and Srinivasan, 1986
vann den Heuvel et al., 1986
4)) Sutantyo and van den Heuvel, 1985
5)) H o m e et al., 1986
Garciaa and Grindlay, 1987

6)) Pylyser and Savonije, 1988

5 5
6 6

B-- and B- are the initial "crustal" and "core" field, respectively. Tfil
andd T B 2 are the decay timescales of B^ and B2* respectively. t ^ e t is
thee duration of the detached phase after the assumed AIC. H^s is the
initiall neutron star mass, i.e. before accretion and AM is the total
amountt of mass to be accreted by the neutron star. M is the masstransferr rate between the components, used as the accretion rate onto
thee neutron star.
Wee will adopt the idea that the NS is formed by an AIC, followed by
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aa detached phase. The process of evaporation of the secondary, as
discussedd in section 2.5 is not included in the calculations and
discussionss presented in this section.
Alll the calculations are performed according to the following
scheme.. First, we choose values for B-j, B 2 , T B 1 , t B 2' ^Sis' ^ '

and

tne

durationn det
t, j_tof the detached phase after the assumed AIC. We also
selectt a mass-transfer sequence describing the evolution of an
interactingg binary system evolving towards a LMBRP (as presented by
PS88a). .
Thee initial spin period of the neutron star after the AIC is always
chosenn to be 50 ms (we refer to KP for arguments).
Thee accretion sequence is started at the point in the mass-transfer
phasee where the donor star mass M, is equal to the mass of its final WDremnantt after the end of the mass-transfer phase augmented with AM. As
ann example: in sequence G25 (see PS88a and figure 8a), the mass of the
WDD after the mass-transfer phase is 0.24 M Q . If the chosen total amount
off mass to be accreted by the NS is 0.5 M Q/ the accretion sequence is
startedd at the point of the mass-transfer phase where the donor star has
aa mass of 0.74 M 0 , using the corresponding stored mass-transfer rate as
ann accretion rate.
3.2.. Qualitative description of the evolution of the spin period and the
relationn to the underlying physical processes.
Figuree 1 presents, for some selected sequences, the spin behaviour
off an accreting NS as a function of time in terms of ü)s, the fastness
parameterr (fig. 1a), and P, the spin period (fig. 1b).
Thee evolution of the field and/or mass-accretion rate in these
calculationss are chosen somewhat arbitrarily, but with the aim to
understandd and demonstrate the effects of the physical processes
determinatingg the spin-evolution of the neutron star. Table 3 lists the
assumptionss about the evolution of the magnetic field and the accretion
ratee in the calculations presented in this sub-section. In all of them,
thee initial mass of the NS is assumed to be 1.3 M 0 , its initial spin
periodd is 50 ms, and the total amount of mass accreted by the NS is
assumedd to be 0.25 M . in order to examine the effects of the early
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CUU o

IBCMC C
"1BSMC C
0.30 0
°:B,o,=BrB2-B2 2

0.20 0

BCMS S

/-BSML L
-BSMC C

0.10 0
--

BSMC

Figuress 1a,b: The evolution of the fastness parameter o) (upper part)
andd the corresponding evolution of the spin period of the accreting
neutronn star (lower part) as a function of the time t elapsed since the
onsett of mass-accretion, for some selected sequences. The assumptions
aboutt the evolution of the magnetic field strength and the massaccretionn rate for each sequence are listed inn table 3. The open dots
alongg the curves indicate when the (eventually) decaying magnetic field
hass reached its bottom-value. Whenever oo > 0.35, the neutron star spins
down,, while spin up of the neutron star is characterized by w < 0.35.

96 6

- II
Sequencee

r

BSML
* p , n < l o » nn
- s p i n - u pp

EVOLUT

| 0 N ,N E Q U H .

SPIN-OOWN

EVOLUTIONN TOWARDS
EQUILIBRIUMM /SPIN UP

logt t
(yr! !

5.0 0

6.0 0

7.0 0

togt t

8.0 0

9.0 0

lyr) )

Figuree 1c: The evolution of some of the characteristic timescales during
thee accretion phase in sequence BSML. T is defined as P/P, x e v as M/M
andd T
in section 2.1 (eqn. (5)). T is displayed in dashed form, when
thee Nl U spins down. Tfl1 is the decay timescale of the "crustal" field.

magneticc field decay on the spin period evolution, the detached phase
afterr the AIC is quite arbitrarily chosen to be very short
(<< 1. 10 5 yrs.). Figure 1c displays the evolution of some of the
characteristicc timescales during the accretion phase in the sequence
BSML,, described below, x

is defined as P/P, x e v as M/M (see Henrichs,

1983)) and x s u in section 2.1.

Thee assumptions for the sequence labeled BCMC are very simple, i.e.
bothh the field strength and the mass-accretion rates are constant
(BB = 4. 10 8 G; M = 1. 1 0 " 1 0 M 0 /yr, respectively). In this case, the
(assumed)) initial spin period of 50 ms is long with respect to the
equilibriumm period (P eq = 9-8 ms, according to eqn. (3)). The torque on
thee NS is positive; after a few times 10 8 yrs, the equilibrium period
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Tablee 3

Seq..

As sinned evolution Assumedd evolution
off the accretion-rate
off the B-field

BCMCC

constant: i.e.
B=4.. 10 8 Gauss

constant:: i.e.
M-1-- 10~ 10 M0/yr

BSMCC

"standard"
(sectionn 2.3)
B 11 =*3. 10 1 2 G

constant:: as in BCMC

T

B I = 5 - 33 1 2 6 y r
B 22 -4. 10* G
T B2 -1.. 10 l 0 yr
BSMLL

"standard":
ass in BSMC

BCMS S constant: :
ass in BCMC

linearlyy decreasing from
5.55 10~~° to 1. 10~ 1 0 M0/yr
ass a function of the mass of
thee donorstar
"standard":: Sequence G25,
numericallyy calculated
sequencee of mass-transfer
ratess (obtained from PS88a)

iss reached (i.e. w„ * 0.35; the torque n(w_) » 0.) and since neither the
ss
s
fieldd nor the accretion rate vary (the mass of the NS increases only
marginallyy during the accretion phase), equilibrium is maintained until
mass-accretionn stops. The final equilibrium period is 9.8 ms.
Sequencee BSMC demonstrates the effects of the evolution of the
magneticc field. The mass-accretion rate is again kept constant, but the
12 2
magneticc field (of initially 3. 10
Gauss) is assumed to decay on a
66
8
timescalee of 5.3 10 yrs until a bottom field of 4. 10 Gauss is
attainedd (see section 2.3).
Thiss sequence is similar to the sequences presented by KP (1987):
afterr the short detached phase, the NS is spun down to its equilibrium
periodd (according to eqn. (3), P
thann 1. 10

yrs (i.e. z

is 17.4 sec) on a timescale shorter

; see figure 1c). Subsequently, the NS spins at

itss equilibrium period, which decreases on a timescale T B 1 ( T - T B 1 ;
figuree 1c), due to the field decay. After a few times 10 yrs, the NS
hass increasing difficulty to maintain its rotation period at the rapidly
decrasingg equilibrium period. Trie fastness parameter <os starts
decreasing,, thereby increasing the torque on the NS. When finally, the
spin-upp time scale T „ becomes comparable to or even exceeds the decay5U U
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timescalee t B 1 , the NS can no longer rotate at its equilibrium period,
untill the decaying field approaches its "bottom"-value (i.e. B2)« Once
thee field has stopped decaying, w s increases again and the NS evolves
towardss its (new) equilibrium period, now determined by the bottom
strengthh of the field and the mass-accretion rate (i.e. P

= 9.8 ms).

Fromm the above it appears that the NS rotates out of equilibrium as long
ass its magnetic field decays approximately between a few times
10 1 00 Gauss and its bottom-value. The subsequent spin-evolution is
qualitativelyy similar to the evolution described in sequence BCMC, since
fromm now on, the (core) field is assumed to be constant.
Wéé note that the evolution through the minimum value of o>g is less
discontinuouss than in the calculations of KP. This is due to our more
smoothh approximation of the transition phase from a rapidly decaying
crustall field to

the

almost constant core field (see also the

discussionn of fig. 12).
Inn sequence BSML, the assumptions about the field evolution are
identicall to those in sequence BSMC; however, the mass-accretion rate
decreasess linearly as a function of the decreasing mass of the donor
star,, from about 5.5 10

M

©/y* a t the initiation of mass transfer to

1.. 10~ 1 0 M_/yr at the end of the mass transfer phase. Since the masstransferr rate in sequence BSML is at any time higher than in sequence
BSMC,, the torque necessary to maintain the NS at its equilibrium period
beforee the effects of field decay become important, is sufficiently
strongg during a longer period of time than in sequence BSMC. Figure 1c
showss that until then,

the evolution of the spin period is dictated by

thee decay timescale T B 1 of the magnetic field. The subsequent evolution
awayy from equilibrium is as in sequence BSMC. Due to the higher massaccretionn rates, the minimum value of u)Q is slightly higher. The
evolutionn towards equilibrium is conparable to the first two sequences
untill equilibrium is approached and B - B2 is constant (see fig. 1c).
Equationn (3) shows that, subsequently, the equilibrium period increases
duee to the decrease of the mass-accretion rate. Although the NS is in
factt rotating at its equilibrium spin-period, a continuous negative
torquee is acting on the NS (n(ü)g) < 0. and ü>s > 0.35) and the NS spins
downn as long as M decreases. In such a situation, the observed spin-down
timescalee i

b

(i.e. T ) is determined by the decrease of the mass-

accretionn rate is of the order of x g v (see fig. 1c).
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Thee evolution of a sequence BCMS, in which the field is again kept
constantt (at 4. 10 8 Gauss) and in which the sequence describing the
mass-accretionn rate originates from the numerical calculations performed
byy PS88a (i.e. G25), is almost similar to the evolution of sequence
BCMC.. A discussion of some specific characteristics of the mass transfer
ratess is given below, where fig. 8a is presented. We note here the wavy
characterr of the evolution of the fastness parameter Ü)S and the spin
periodd at the end of the mass-accretion phase, which reflects the wavy
characterr of the evolution of the mass-transfer rate itself. A
decreasingg mass-transfer rate produces an increasing Q)g (and thus
decreasingg torque) and inversely. The final strong increase of the
fastnesss parameter corresponds with the termination of the mass-transfer
phase,, the mass-accretion rate rapidly fading away. As a result, the NS
ultimatelyy spins down.
Figuress 2a,b and 2c present the evolution of a "standard" model:
thee assumptions regarding the evolution of the magnetic field are as in
sequencee BSMC (or BSML) and regarding the mass-transfer rates as in
BCMS»» All the calculations performed in the following subsections will
bee qualitatively similar to one another. As such, the evolution of the
spin-periodd of the NS, described in figure 2 is qualitatively a
combinationn of the sequences BSMC and BCMS as described above: the
initiall and final evolution are identical to the initial evolution of
sequencee BSMC and the final evolution of system BCMS, respectively.
Wee notice the existence of two little dips in the curve describing
ü)) (see the arrows). These are caused by variations in the rate of
5 5

changee of the mass-accretion rate. We will come back to this phenomenon
inn a discussion on the spin evolution of the NS in Her X-1 (section
4.2). .
Inn all cases presented so far, the magnetic field did not decay
significantlyy (anymore) during the final phase of mass-accretion.
Inn some cases, however, the amount of mass which is accreted by the
neutronn star is sufficiently low and/or the accretion rate is
sufficientlyy high, that mass-accretion ends before the magnetic field
hass decayed significantly. Figure 3, curves (a), (b) and (c) present the
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Figuress 2a, b and c: The
evolutionn of the numerically
computedd mass-transfer rate in
sequencee G25 (see PS88a), as a
functionn of the time t elapsed
sincee mass-accretion started.
Inn this case, 0.5 M Q is
accretedd by the NS. Some
specificc characteristics of
thee evolution of the mass
transferr rate are discussed
laterr (fig. 8a). Assuming a
"standard"" evolution for the
magneticc field B (see section
2.3),, the corresponding
evolutionn of the fastnessparameterr and the spin period,
duringg the accretion phase are
shownn in figures 2b and 2c.
Duee to the wavy character of
thee evolution of the massaccretionn rate, the final
evolutionn of the spin period
off the NS is characterized by
alternatingg spin-up and spindownn phases.
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Figuress 3a,b and c: The
evolutionn with time of the
mass-accretionn rate, the
fastnesss parameter and the
spinn period, respectively, for
aa case in which the magnetic
fieldd of the NS has not yet
decayedd significantly. Only
0.0055 M was accreted at a
relativelyy high rate (sequence
125),, in order to terminate
masss transfer before
significantt decay of the field
couldd occur. The rapildy
decreasingg mass-accretion
rate,, which causes a rapidly
increasingg equilibrium period,
resultss in a rapid spin down
phasee at the end of the
accretionn phase. During this
finall phase, the NS is
rotatingg at equilibrium.

evolutionn of such a case. They depict the evolution of the massaccretionn rate, the fastness parameter and the spin-period,
respectively,, as a function of time elapsed since the AIC. The total
amountt of mass to be accreted onto the 1.3 M Q neutron star is in this
casee 0.005 M Q ,

and the mass-transfer sequence used describes the

evolutionn of sequence 125 in PS88a (see also figure 8a). The initial
evolutionn is similar to the spin evolution of sequence BSMC (or BSML) as
describedd above. However, the accretion phase lasts only about
4.. 106 yrs. Before the field has decayed significantly, the massaccretionn rate rapidly decreases at the end of the transfer phase. The
fieldd can thereby be regarded as constant, and the spin-evolution is
qualitativelyy similar to the final part of the evolution of, for
example,, sequence BSML, in which the neutron star spins down due to the
(relatively)) rapidly decreasing mass-accretion rate. During the whole
finall accretion phase, x e v >> T s u , showing that, although M varies
relativelyy rapidly, the NS is rotating in equilibrium.

Evolutionaryy sequences intermediate between, for example, BSML and
thee last presented sequence (i.e. in which mass-accretion terminates
whenn the NS is rotating out of equilibrium, due to the rapid decay of
thee magnetic field) are of course also possible, depending on the choice
off the parameters. In Section 3.3.5, we present such intermediate cases.

3.3.. Effects of the variation of the free parameters.
Inn

order to examine the influence of the values of the free

parameterss used in these calculations, we present sets of accretionsequences,, in which the parameter-values are varied separately in a
rangee dictated by results in previous

work

(see section 3.1).

Too provide a comparison, we define the following list of
M

standardn-values:: B 1 = 3. 10 1 2 Gauss
B 22 = 4. 10 8 Gauss
6

T B 11 = 5.3 10 yrs.
..

in10

'B2 2
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t d e t = 1. 107 yrs.
M*

= 1 . 3 M0

P s p i n / i = 50 ms

3.3.1.. Variation of B.,, T B 1 and t ^ ^ .

AA study of the influence of the different values of the parameters
B.. and x n 1 on the evolution of the spin-period of an accreting NS, is
onlyy relevant as long as B = B-, >> B 2 - Therefore, we ascertained that in
alll cases presented in this sub-section, the strength of the magnetic
fieldd B 11 was always >> B 2 at the end of the mass transfer phase (as it
wass the case in the final sequence discussed in section 3.2.).

Figuree 4: The e v o l u t i o n of an
a c c r e t i n gg NS i n t h e s p i n
p e r i o d - m a g n e t i cc f i e l d p l a n e
f o rr a d i f f e r e n t i n i t a l
" c r u s t a l "" f i e l d s t r e n g t h . The
f i e l dd was assumed t o decay on

-SEQUENCEE 0 25
-AMM =0005 M
%£** %£**
-T == 53.10 tyrsl
6

3

B1

-- V_ =1 10' lyrsl

rr

If?? IB.)

aa timescale of 5.3 10 yrs. In
alll cases, the mass of the NS
wass assumed to be 1.3 M and
0.00 05 M was accreted at a
ratee determined by sequence
G255 (see also fig. 8 a ) . The
detachedd phase, due to the AIC
lastedd 1. 10 7 yrs. P^^ and P f
aree the initial and final spin
periodd of the NS,
respectively.. P d e t is the spin
periodd at the end of the
detachedd phase. The magnetic
fieldd strengths are denoted in
aa similar way.

First,, we examine the effects of different values of the initial
fieldd strengths B 1 (=B ± ). In all sequences,
off

~ 1. 10

yrs, 0.005 M

after

a

detached

phase

was transferred towards a 1.3 M Q neutron

star,, using mass-transfer sequence G25 (PS88a). Figure 4 presents the
variouss relations that exist between the spin period of the NS and the
magneticc field strength B during the evolution. The final spin-period P f
iss given as a function of B. and B f , which are the inital and final
strengthh of the magnetic field, respectively. p £et^ B det*

re

lates

tne

periodd and the magnetic field at the end of the detached phase. The
initiall period P- , equal to 50 ms in each calculated sequence, as a
functionn of B. is labeled P i (B.). Dashed curves present (a part of) the
spin-evolutionn as a function of the magnetic field strength in some of
thee cases. The spin period of the NS starts at the relation P ^ B ^
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evolvess towards the relation

p

det (

B

<i et )

durin

9

the

detached phase, after

whichh accretion begins. On a short timescale (< 10

yrs) the neutron

starr evolves towards its equilibrium period (by spinning down). Once
equilibriumm is achieved, it is maintained while the NS spins up. After a
finall spin-down phase due to the rapidly decreasing mass-accretion rate
att the end of the accretion phase, the final configuration of the NS is
describedd by the relation P f (B f ).
Forr the neutron stars with the strongest fields, the spin-period
variationss at the onset of accretion are the strongest, as is to be
expectedd from the expression for the equilibrium period (eqn. (3)).

3.00 |2.6 6
P

SP,N(S)

)

12 12
1.8 8
1.4 4
PP 11(B
det det

1.0 0
0.6 6
'det^det1

1

0.2 2

8.6 6

9.2 2

9.8 8

10.4 4

11.00

11.6

logg B

Figuree 5: As in figure 4, but assuming a different decay timescale for
thee "crustal" field. The initial strength of the "crustal" field was
11 2Gauss.
assumedd to be 3. 10
Thee influence of the different values assumed for the decay time
scalee x D . of the magnetic field B 1 on the spin evolution of the NS is
illustratedd in figure 5. It depicts the evolution of the spinperiod as a
functionn of the magnetic field strength for different decay time scales.
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Thee spin period and magnetic field strength at the end of the detached
phasee (i.e. P d e t and B d e t ) and at the end of the accretion phase (Pf and
B-r)) are given. Since, for the longer decay time scales, the fields are
systematicallyy stronger than in case of shorter time scales, variations
off the spin period at the onset of accretion are the strongest in case
off the longest decay-timescales. For decay timescales T B 1 < 4. 10 yrs,
thee spin period at the end of the detached phase is longer than the
correspondingg equilibrium period when accretion begins, and the NS
startss spinning up.
Thee qualitative effect of varying the duration of the detached
phasee is very similar to that of the variation of, e.g. the decay
timescale,, since the duration of the detached phase as well as the decay
timescale,, both only determine

the field strength at the onset of

accretion.. Therefore, we did not perform separate calculations in which
thee duration of the detached phase is varied.

3.3.22 Variation of B, and T ^ .
Argumentss have been presented against a significant decay of the
coree field B~ (see section 2.1). We therefore assume that x B 2 is at
leastt 10 1 0 yrs, and have not made calculations in which this parameter
iss varied.
Thee variationn of the final spin period as a function of the value
off the core field strength is given in figure 6a. The assumed values of
thee other parameters are indicated in the figure. Figure 6b depicts the
evolutionn of the spin period of the NS as a function of the remnant mass
off the donor star. At the left hand axis of each curve, the value of B 2
iss given. The neutron star is rotating at equilibrium at the end of mass
accretionn phase and the final spin period is again a strongly increasing
functionn of the magnetic field strength (see eqn (3)). In addition, one
observess that variations in the mass accretion rate yield stronger
variationss in the spin period when the field is stronger.
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Figuress 6 a , b : F i g u r e 6a (upper l e f t ) p r e s e n t s t h e f i n a l s p i n p e r i o d of
t h ee NS as a f u n c t i o n of t h e assumed i n i t i a l v a l u e of t h e c o r e f i e l d
s t r e n g t h .. The v a l u e s f o r t h e model p a r a m e t e r s a r e l i s t e d i n t h e f i g u r e .
Inn f i g u r e 6b (lower l e f t ) , t h e e v o l u t i o n of t h e s p i n p e r i o d i s d i s p l a y e d
a ss a f u n c t i o n of t h e mass of t h e donor s t a r . Along each c u r v e , t h e v a l u e
off t h e assumed s t r e n g t h of t h e c o r e f i e l d i s given i n u n i t s of 10
Gauss. .
Figuress 7a,b ( f i g u r e s a t t h e r i g h t s i d e ) : As i n f i g u r e s 6 a , b ,
r e s p e c t i v e l y ,, but w i t h t h e i n i t i a l mass of t h e NS as a p a r a m e t e r .
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3.3.3.. Variation of the mass of the NS.
Figuress 7a and 7b are very similar to figuress 6a and 6b,
respectively.. The varied parameter, however, is now the mass of the
neutronn star, which is varied from 0.6 MQ to 1.6 M 0 . More massive
neutronn stars rotating at equilibrium yield shorter spin periods, which
iss expected from the expression of the equilibrium period <eqn(3)).

3.3.4,, Variation of the mass-transfer rates.
Thee final phase of mass-transfer between an initially 1.5 M 0 donor
starr and a 1.0 M. compact object, as obtained from the numerical
calculationss is shown as a function of the remnant mass of the donorstar
inn Fig. 8a. The initial evolutionary state of the 1.5 M 0 is different in
eachh sequence. The highest mass-transfer rates originate from the
systemss with the most evolved donor stars. In addition, for systems with
moree evolved donor stars, an extensive dip in the mass-transfer rate at
thee end of the mass-transfer phase becomes visible. This dip occurs, for
thee sequences with the more evolved donor stars, at

a systematically

higherr mass of the donor star. This peculiarity in the evolution of the
mass-transferr rate in binary systems with donor stars of similar initial
masss was already observed in the early binary calculations presented by
Kippenhahnn et al. (1967). These authors ascribed this decrease in the
mass-transferr rate to the stellar contraction due to the passage of the
risingg thin hydrogen burning shell through a hydrogen abundance
discontinuity.. Such a discontinuity in the hydrogen abundance can be
builtt up either during the preceding phase of mixing in the outer
layers,, when an extensive convective envelope is formed, or during the
phasee of core-hydrogen burning in the convective core of a star with
initiall mass M* > 1.2 M 0 (Iben, 1967).
Thee evolution of the mass-transfer rates originating from the least
evolvedd donor stars (i.e. sequence B25) does not present such a dip.
Thiss is due to the fact that the formation of a rising hydrogen burning
shelll does not occur before the end of the mass-transfer phase.
Figuree 8b shows the corresponding spin-period evolution of the
neutronn star, assuming the "standard" parameter-values. In total, 0.5 M 0
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wass accreted by the NS in these calculations. The shortest spin periods
aree obtained for systems with the largest accretion rates during most of
thee accretion phase.

log(-M/MQ/yr] ]

P

SP,N(S1

1

0.2 2

0.4 4

0.66

0.8
Md(MQ) )

Figuress 8a,b: The final evolution of the mass transfer (c.q. accretion)
ratee (upper part) for the different sequences in set 25 (see PS88a) and
thee corresponding evolution of the spin period (lower part) as a
functionn of the mass of the donor star. The specific characteristics of
thee evolution of the mass transfer rate are explained in the text.
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3.3.5.. Variation of the total amount of mass accreted by the NS.

Finally,, for the above

presented set of "standard" parameter-

values,, we vary the amount of mass accreted by the NS.

Figures 9a

andd 9b present the evolution of the fastness parameter and the spin
periodd as a function of time for two
differentt amounts of mass accreted
.40 0

. A MM =0.5 M„

byy the NS. The mass-accretion rate
iss determined by sequence 125 (see
fig.. 8a). Figure 9a shows a sequence
inn which the NS had not yet

.322 -

reachedd its equilibrium spin when
28 8

oo bottomfield is reached
24 4

thee accretion stopped (i.e.
withh AM = 0.05 M Q ) .

HH

1

1

r-

Sequencee I 25
Standardd B-evolution
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;AMM = 0.5M 8
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Figuress 9a,b: As in figs. 2b and 2c.
Inn each sequence presented in figure
9,, the total amount of mass accreted
byy the NS is different. One sequence
presentss a case for which the
neutronn star does not rotate at
equilibriumm when mass-accretion
stopss (i.e. when AM = 0.05 M 0 ) . At
thatt time, the magnetic field has
nott yet reached its bottom-strength.

3.4.. Corrections to the mass-transfer rates.

Thee working-scheme presented in section 3.1 contains implicitly an
arbitraryy choice of the moment at which the assumed AIC occurs during
thee mass-transfer phase. That moment depends on the choice of the total
amountt of mass to be accreted by the NS. We may, for example, as
extremes,, choose to transfer either 0.001 M 0 or 0.6 M Q from the donor
star.. Nevertheless, in each case, a certain initial mass for the NS is
chosenn (e.g. 1.3 M g ) . The mass transfer rates obtained from the
calculationss of PS88a, however, depend on the mass of the neutron star
att that moment in the numerical calculations, and that mass is usually
nott the same as the initial mass that we have chosen to start the
accretionn calculations. A correction for this has to be made. It is
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necessaryy to examine whether and to what extent the accretion
calculationss are sensitive to this correction. To this end, we use a
prescriptionn derived from Webbink et al. (1983) to correct our
numericallyy obtained mass-transfer rates:
(5/66 - M d / M H g -1
) 1

M(Md/MNS) )

or r

M <MM d' M NS,2 ))
M,,

=

^"d'^S,!* *

M,,

Mj-g

1

and M „ s

(5/5

are
2

" Md/MNS,1)/(5/6 "

V ^ S ^

(7) )

the mass transfer rate (depending on

thee masses of both components), the mass of the donor star, the mass of
thee neutron star in the numerical calculations and the mass of the
neutronn star in the calculations for the evolution of the spin period,
respectively.. This description is valid only for mass ratios
qq (=M-,/MMc)

<

0.8, a restriction which is fulfilled in all the

calculationss presented in the foregoing sections. Figures 10a,b and 10c
showw the evolution of the mass transfer rate, the fastness parameter and
thee corresponding evolution of the spin period of the NS as function of

11
-9.00

logt-M/Mg/yr) )

ii

I

i

i

r

corrected d
nott corrected

Sequencee 125
1 MM = 0 . 0 0 5 M „
7*ST T

•9.4 4

Figuress 10a,b and c: As
figuress 3a,b and c,
respectively.. The dashed
curvess show the effects of the
correctionn on the mass
transferr rates, as described
inn section 3.4.
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timee for a case, in which the

036 6

t»s s

magneticc field has not stopped
decayingg at the end of the

034 4

masss transfer phase (i.e. B »
B.,).. Figures 11a,b and 11c are

2.3 3
P

SPINN

<S>

similar,, but now B = B~, which

2.1 1

hass stopped decaying at the
endd of the mass transfer
4.22

4.6

5.0

5.4

5

6.22

6.6

logg (t/yrs)

phase.. Both figures show the
effectss of the correction made
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Figuress 11a,b and c: As in figures
2a,bb and c and figures 10a,b and c
respectively. .
-9.0 0
ogl-M/Mg/yr] ]

too the mass transfer rate, i.e. the

-9.4 4

dashedd curves present the original
numericallyy obtained mass transfer

-9.8 8

ratess (in figures 10a and 11a) and
uu
ss

thee corresponding spin-period

-3 6

evolutionn (in figures 10c and 11c)
.32 2

off an initially 1.0 M Q NS, accreting
Seauencee 3 2 5
A MM =0.5 M 0

28 8

masss at an uncorrected rate. The
fulll lines present the calculations

2U 2U

withh mass transfer rates corrected

-0.6 6
corrected d
•• not corrected

logl(|p I N /sec) )

forr the mass-difference of the NS.
Thee labels of the curves correspond

-i.O O

withh the evolutionary sequences in
-\.L -\.L

PS88aa from which the mass-transfer
ratess were used (see figure 8a).

-1.8 8

Fromm eqn. (7), it is clear that

-2.2 2

thee corrected and uncorrected mass700

7M

7.8

8.2

8.6
9.0
loglt/yr) )

transferr rates become almost
identicall for low mass ratios q<<1,

i.e.. at the very end of the mass transfer phase. This can be observed in
figs.. 10a and 11a. Figs. 10c and 11c show that the evolution of the spin
periodd of the neutron star, determined by the corrected and uncorrected
mass-transferr rates, closely follows the evolutionary behaviour of the
masss transfer rates, i.e. the differences in the final spin period are
ratherr insignificant. However, the evolution during the accretion phase
iss quantitatively different. Figure 10c, for example, shows that, as
longg as the neutron star spins up, the spin period of the neutron star
iss shortest in the case of properly corrected mass-accretion rates.
Indeed,, since the corrected mass-accretion rates are higher, slightly
shorterr spin periods are obtained (see section 3.3.4).
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3.5.. Some quantitative Results.

Inn all the following calculations, the mass-transfer rates have
beenn corrected as described in section 3.4.
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Figuree 12: The relation between the final pulsee period of the NS, the
totall amount of mass accreted by the NS and the final orbital period of
thee system for all sequences in set 25 (PS88a). Each point is the result
off one sequence calculation. All points, for which the total amount of
masss accreted by the NS was the same were connected by fully drawn
curves.. Each curve presents (or should present, eventually also outside
off the range of orbital periods presented in this work, see KP) a
minimum,, which migrates to shorter orbital periods and longer spin
periodss for decreasing amounts of accreted mass. At the right hand side
off that minimum, the magnetic field of the NS has not yet reached its
bottom-strength,, and possibly, the NS does not rotate in equilibrium,
whenn mass-accretion terminates. At the left hand side of the minimum,
however,, the NS rotates at equilibrium, and the magnetic field of the NS
hass reached its bottom-strength. The positions of the galactic low-mass
binaryy radio pulsars in this plane are indicated by a "*".
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Fig.. 12 presents the final spin period of the neutron star,
calculatedd with the standard set of parameter values presented in
sectionn 3.3 and with the mass-transfer rates of figure 8a, as a function
off final orbital period of the system. Each point in Figure 12
representss the outcome of one sequence calculation in which a certain
amountt of mass is accreted. Full curves are drawn through all points,
forr which a same amount of mass was accreted by the neutron star.
Figuree 12 shows that with the exception of curves A,E and F, all
curvess have a minimum. This minimum migrates to shorter spin periods and
longerr orbital periods when the total amount of accreted mass increases.
Inn fact, the same behaviour is expected for curves E and F: their
minimumm probably occurs at still longer orbital periods (see later).
Similarly,, according to the above qualitative description, curve A is
expectedd to contain a minimum at very short final orbital periods. The
meree existence of systems with such a short final orbital period is,
however,, highly improbable, since the sequence with the shortest orbital
periodd (i.e. sequence B25) already presents the evolution of a binary
systemm evolving very closely to the bifurcation between diverging and
convergingg systems (see introduction), and starting mass transfer with
stilll shorter initial periods would almost certainly result in the
generationn of a converging system

(PS88a) and would not produce the

widee LMBRPs studied in this section.
Figuree 12 displays the same quantities as Fig. 2 in KP (1987). In
fact,, their figure presents the far right hand-side part, inaccessable
too us, of our fig. 12 (P
calculationss with a 0.8 M

, > 20 d). These authors started their
donor star and a 1.3 M Q mass-accreting

neutronn star. Unfortunately, no final donor star masses or total amounts
off accreted mass are mentioned by KP. However, WRS (1983) and Savonije
(1983,, 1987) indicate that BRP's with a binary period of about 100 days
(att which KP find a minimum in their curve) contain WD's (i.e. donorremnants)) of mass about 0.30 M 0 . Thus, approximately 0.5 M 0 was
transferredd between the components in most of the calculations performed
byy KP. The left hand part of the curve in their Fig. 2 should thus
approximatelyy match the right hand part of the F-curve in the above
Fig.. 12, which indeed, it does quite well.
Thee increase of the final spin period at higher orbital periods (in
bothh our figure 12 and figure 2 of KP) is due to the fact that at the
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endd of the mass transfer phase, the "crustal" field has not yet decayed
sufficientlyy to become insignificant (because of the

much higher mass

transferr rates)» The total field is thus still stronger than the "core"
field,, which results in relatively longer spin periods, as already
mentionedd by KP.
Thee sharp transition from a slow decrease of the spinperiod towards
aa strong increase as a function of the orbital period at the right hand
partt of figure 2 of KP in fact corresponds to a smooth transition
throughh a minimum, as observed in our Fig. 12. The discontinuous
characterr of the curve in Fig. 2 of KP is due to the abruptness of the
introductionn of another decay timescale when the magnetic field has
decayedd below a value B.

(transition field; B 2 in our notation). The

magneticc fields of the neutron stars in the systems at the right hand
sidee of the discontinuity have not yet reached the transition field
strength,, and decay rapidly, while the fields of neutron stars at the
veryy left of the discontinuity just reach the transition field before
thee end of mass transfer, and subsequently decay very slowly. In this
work,, however, we considered two distinct and separate fields, i.e. the
"crustal"" field which is decaying rapidly (B-) and the "core" field
whichh decays very slowly (B2)^ which were simply added to form the total
field.. Technically, this construction yields a more smooth transition
fromm a rapidly decaying to a very slowly decaying total field, and
thereforee we observe a smooth minimum (instead of a discontinuity) in
Fig.. 12.
Figuree 12 indicates that more evolved systems (with longer orbital
periods)) form LMBRPs (shortly after the end of the mass transfer phase)
withh a great diversity in possible pulse periods, depending on the
totall amount

of mass accreted. However, for an accreted amount

off > 0.05 M^t the variation in the final spin period is relatively quite
small.. BRPs with very small orbital periods (P orb < 2 days) have a
relativelyy limited range in spin periods from about 15 ms to 100 ms.
Similarr results are obtained when analoguous calculations are
performedd with the other mass transfer sequences obtained from PS88a
(i.e.. diverging systems inn set 17, 20 and 33).
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4.. Applications to observed systi

4.1.. The galactic low-mass binary radio pulsars.
Fivee of these systems have been observed so far. Their system
characteristicss are presented in Table 1b. Three of them (PSR 0820+02,
PSRR 1953+29 and PSR 1957+20) have orbital periods'outside of the range
off final orbital periods obtained in the calculations of PS88a.
Therefore,, no numerically obtained mass-transfer rates are available,
andd no quantitative discussion on the spin-evolution of these systems
willl be made.
Onn the other hand, we discuss in more detail the spin evolution of
thee NS in PSR 1831-00 (P Q r b = 1.81 day) and PSR 1855+09 (P Q r b =
12.33 days) and their formation scenario.

4.1.1.. PSR 1855+09

4.1*1.1** Introduction
Thee circular orbit and the relatively short spin period of the NS
inn PSR 1855+09 (Segelstein et al., 1986; see table 1 for its
observationall characteristics) are definitee signatures of, respectively,
tidall interaction and mass transfer between both components, after the
formationn of the NS.
Wrightt and Loh (1986) found the companion of PSR 1855+09 to be a
0.33 M« white dwarf (WD) with a surface temperature of 590 0 K, implying
9 9
thatt this component is older than about 2. 10 years.
AA system like PSR 1855+09 fits easily in the formation scenario for
LMBRP'ss described in section 1 (see also e.g. Rappaport and Joss, 1983j
Savonije,, 1983; and Paczynski, 1983), according to which these systems
aree the remnant-systems of bright wide low-mass X-ray binaries.
Basedd on a semi-analytical description of that scenario (WRS,
1983),, Savonije (1987) obtained a mass of 0.22 M 0 for the WD in
PSRR 1855+09, and a rather low upper limit of 1.20 M 0 on the mass of the
neutronn star (see also Joss et al. , 1987). He estimates the
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masss transfer rate at the end of the mass transfer phase at about
7.. 10~ 10 Mg/yr.
Thee numerical simulations of low-mass close binary evolution
performedd by PS88a indicate that low-mass close binaries containing
radioo pulsars, with orbital periods of about 12 days, are formed with
companionss which have a mass of about 0.25 M 0 (see table 1 of PS88a).
Althoughh the latter value for the WD-mass is only marginally different
fromm the value derived by Savonije (1987), it yields an upper limit on
thee mass of the neutron star of about 1.50 M 0 , which is in better
agreementt with standard values for the masses of a NS than the upper
limitt of 1.2 MQ derived by Savonije (1987). In the following discussions
wee will use therefore these numerically derived values for the masses of
bothh components. From the calculations performed by PS88a, it can be
concludedd that the initial period of the system was about 1.2 days.
Inn the following sub-sections, the possible evolution of the spin
periodd and the magnetic field of the NS is reconstructed from its birth
untill its presently observed spin period (5.36 ms) and magnetic field
g g
strengthh (3.3 10

Gauss), adopting the same assumptions and working

schemee as presented in sections 2 and 3, respectively.
Constraintss on the total amount of mass accreted by the neutron
starr and the minimum accretion rate at the end of the mass transfer
phasee are determined in section 4.1.1.2. Section 4.1.1.3 summarizes the
conclusionss of section 4.1.1.

4.1.1.2.. Spin evolution of the neutron star

Ass mentioned in section 2, neutron stars are likely to be formed
12 2
withh a strong magnetic field (e.g. about 3. 10

Gauss) and spinning

withh a period of a few tens of milliseconds. The subsequent spin-history
off the neutron star in a low-mass binary is then as follows (section
2b):: 1) a first spin-down phase due to magnetic dipole radiation during
thee detached phase following the AIC; 2) the accretion phase, and 3) the
finall spin-down phase, due to magnetic dipole radiation.
Inn the following discussions, we start from the system
configurationn as observed today and make an attempt to determine the
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evolutionn of the different system parameters backwards in time.

i)) Spin-down of the NS after the end of the mass-transfer phase.

Wee first estimate the duration of the spin-down phase (due to
magneticc dipole radiation) after the end of the mass transfer phase. By
makingg use of the observed spin period, the estimated duration of the
spin-downn phase and the theoretical description of the spin-down
evolutionn of the neutron star (section 2.2), it is then possible to
determinee the spin period of the neutron star at the end of the
accretionn phase. To do so, we estimate the age of the He-WD companion,
formedd at the end of the mass transfer phase.
Inn order to determine the age (or the cooling time) of the low-mass
He-WD,, we calculate its luminosity. We assume a radius for the observed
He-WDD (of mass 0.25 M 0 ) of 0.0185 R0 (Haraada and Salpeter, 1961) and
sincee its effective temperature is about 5900 K (+1400,-1000) (Wright
andd Loh, 1986), the

stellar luminosity (Log L/L0) ranges then from at

maximumm -3.05 to at minimum —3»75.
Fromm the cooling curve of a 0.3 M 0 He-WD (Iben and Tutukov, 1986;
theirr figure 2), the above luminosity range of the WD yields a cooling
timee of 1.4 109 to 3.2 10 9 yrs. Since the final cooling evolution of a
0.66 MQ WD and a 0.3 M 0 WD (as presented by Iben and Tutukov (1986)) are
alreadyy approximately the same, we do not expect the cooling phase of a
0.255 NL He-WD to differ significantly from that of a 0.3 M 0 He-WD.
Duringg the cooling phase of the WD the accompanying neutron star is
spinningg down. It is not possible to determine whether or not the
magneticc field of the neutron star has already reached its bottom-value,
whichh we assume to be its presently observed field-strength, at the end
off the mass-accretion phase. If it did not, it is in principle possible
thatt mass-accretion terminated without having the neutron star rotating
inn equilibrium (section 3.3.5). In the following section, however, we
findd that, although the NS was possibly not strictly rotating with the
equilibriumm period at the end of the accretion phase, it was very close
to,, and the magnetic field of the NS must have attained its bottomstrengthh of 3.3 108 Gauss, shortly after the end of the accretion phase.
Iff one assumes that indeed the field had reached its bottom-value
att the end of mass-accretion, a rotation period for the neutron star at
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thatt time of about 1.5 to 4.3 ms can be expected, depending on the
durationn of the spin-down phase after the end of the transfer phase and
onn the assumed valuee of x B2 •
ii)) Spin evolution of the NS before and during mass transfer.

Inn all realistic cases, i.e. those with a duration of the detached
66
7
phasee (td t ) between 5. 10 and 5. 10

yrs (see Sutantyo and van den

Heuvel,, 1985), the pulse period of the neutron star at the end of the
detachedd phase was between 0.57 and 0.69 sec, assuming standard values
forr the initial field strength and the decay timescale.
Wee generate optimal conditions for spin up of the NS to
sufficientlyy short rotation rates by adopting weak magnetic fields
duringg the. accretion phase (i.e. by adopting long detached phases (e.g.
5.. 10 yrs) and long accretion phases (i.e. high AM)) and/or by adopting
g g
aa relatively weak "core" (bottom-) field (i.e. 3.3 10

G, the observed

strengthh of the field). We further assume that the bottom-field has a
decayy time x B 2 > 10

yrs.

Wee adopted the calculated mass-transfer rates (PS88a) between
componentss of wide low-mass binary systems for which the orbital period
att the end of the transfer phase was about 12 days, to obtain a
realisticc view of both the mass-accretion rate and the spin-period
evolutionn of the neutron star in this system. We use the sequences of
masss transfer rates, obtained in the systems G25 and H25 of PS88a, which
havee corresponding final periods of 9.68 and 15.7 days, respectively.
Interpolationn between the results obtained for these systems allows a
comparisonn with the observed spin period of PSR 1855+09. In addition to
thee mass-transfer rates obtained from the above sequences, which
originatess from sub-giants that have an initial mass of 1.5 M 0 , we
constructedd two sequences of mass-transfer rates, i.e. X17 and X20,
whichh are approximate extrapolations of the mass-transfer rates obtained
fromm the sequences C17-D17 and C20-D20 in PS88a, respectively. The aim
off the construction of these two X-sequences is to have an idea of the
spin-evolutionn of the neutron star under mass-accretion from an
initiallyy 1.0 Mg donor star.
Inn all the calculations, we ascertained that the mass of the NS at
thee end of the accretion phase was 1.5 M
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and its magnetic field

Tablee 4

Model l

M

B e
2i i B ace
88
10
G 10 88 G

N S S AM M

B

"0 0
= —
====== =

ace e B f f
vas vas 10 88 G

=
====== ======
=

s s

T

B22 =

••

1..

P

f f Pf f
mss 10

equil. .

'

10

1 0 yr r

•H25 5 11 .4 0.1 1 3.85 5 3.75 5 5.28 8 3.26 6 6.22 2 .190 0
G25-1.2 2 0.3 3 3.95 5 3.75 5 5.17 7 3.25 5 6.14 4 .192 2
1.0 0 0.5 5 4.00 0 3.78 8 5.20 0 3.28 8 6.17 7 .194 4

~Y Y
Y Y
Y Y

X20 0

1.4 4 0.1 1 3.80 0 3.76 6 2.96 6 3.27 7 4.42 2 .247 7
1.2 2 0.3 3 3.80 0 3.74 4 2.76 6 3.25 5 4.37 7 .253 3
1.0 0 0.5 5 3.80 0 3.74 4 2.75 5 3.25 5 4.26 6 .253 3

~Y Y
Y Y
Y Y

X17 7

1.4 4 0.1 1 3.80 0 3.76 6 2.94 4 3.27 7 4.41 1 .248 8
1.2 2 0.3 3 3.80 0 3.75 5 2.65 5 3.26 6 4.21 1 .258 8
1.0 0 0.5 5 3.80 0 3.75 5 2.63 3 3.26 6 4.20 0 .258 8

~Y Y
Y Y
Y Y

20200yr
. B 22 = 1. 10
G25-H25 5 1.4 4 0.1 1 3.30 0 3.30 0 4.70 0 3.30 0 5.64 4 .200 0
1.2 2 0.3 3 3.30 0 3.30 0 4.61 1 3.30 0 5.56 6 .200 0
1.0 0 0.5 5 3.30 0 3.30 0 4.65 5 3.30 0 5.60 0 .200 0

~Y Y
Y Y
Y Y

X20 0

1.4 4 0.1 1 3.30 0 3.30 0 2.72 2 3.30 0 4.12 2 .267 7
1.2 2 0.3 3 3.30 0 3.30 0 2.45 5 3.30 0 3.94 4 .280 0
1.0 0 0.5 5 3.30 0 3.30 0 2.44 4 3.30 0 3.94 4 .280 0

N~ ~
Y Y
Y Y

X17 7

1.4 4 0.1 1 3.30 0 3.30 0 2.73 3 3.30 0 4.12 2 .267 7
1.2 2 0.3 3 3.30 0 3.30 0 2.36 6 3.30 0 3.88 8 .284 4
1.0 0 0.5 5 3.30 0 3.30 0 2.35 5 3.30 0 3.88 8 .285 5

N~ ~
Y Y
Y Y

M^j-:: the initial mass of the neutron star
AM:: the amount of mass accreted by the neutron star
B 2 ..
f : the initial (i) core field, the total field at the end of
1 , aa
'
the accretion phase (ace), and the final (f) total field
strengthh of the neutron star, respectively.
PP
,.: the spin period of the NS at the end of the accretion phase
aCC
''
(ace) and the final (f) spin period, respectively.
i
P~:: the final (f) variation of the spin period of the NS at the end of
thee calculation,
equil:: if Y: the NS rotates at equilibrium at the end of the accretion
phase e
iff N: the NS does not rotate at equilibrium at the end of the
accretionn phase
ann additional "~" indicates that either the NS has just reached
itss equilibrium period (if Y), or that the NS is not yet rotating
att equilibrium, but the magnetic field has reached its bottom-value,
G25-H25:: The presented results were obtained, after interpolation
d
betweenn both sequences G25 (V^f9'1
> a n d H 2 5 (P orb" 15 * 7 d ) '
inn order to model the system PSR 1855+09, which has a period of
12.33 days.
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g g

strengthh about 3.3 10 Gauss. The spin-down phase after the end of the
9 9
mass-transferr phase was assumed to have lasted 1.4 10 yrs. Table 4
listss the obtained results.
Interpolationn between the results, obtained with the use of the
mass-transferr rates of sequences G25 and H25 (i.e. M^ ^ = 1.5 M Q ) ,
yieldss pulse periods for the NS in PSR 1855+09, which are slightly too
longg (i.e. 5.6 ms). Since, for all the calculations presented in
tablee 4, we have adopted the most favourable (and still acceptable)
configurationn of parameter-values, there is no alternative to decrease
thee final spin-period than to assume a higher mass-accretion rate during
thee accretion-phase, especially at the end of the accretion phase. The
finall mean mass-transfer rate in system H25, which has an orbital period
off 15.7 days, is sufficient to obtain spin-periods < 5 ms, and is about
-100
*
8.. 10
M-Vyr. The interpolated <M> (i.e. between G25 and H25) for a
-100
'
systemm with a period of 12.3 days is 5. 10

M

Q/Y

r

< s e e also Cote and

Pylyser,, 1988), and is insufficient. The minimum final mass transfer
rate,, necessary to spin-up the NS up to 5.3 ms (as observed) mist
thereforee lie between 5. and 8. 10~
7.. 10

M0/yr, in agreement with the value

J^/yr, obtained from eqn (2) and by Savonije (1987). Such a

mass-transferr rate at the end of the mass-transfer phase, occurring in a
systemm with a final orbital period of about 12 days, can only be
obtainedd by assuming that the initial mass of the donorstar is slightly
lowerr than the adopted 1.5 M0.
Thee mass-transfer rates originating from an initially 1.0 M Q star
aree higher than those obtained for an initially 1.5 M 0 star with a same
finall orbital period. By using the same assumptions and parameter-values
ass described above, we obtain much shorter final spin-periods for the
NS,, i.e. shorter than the observed spin period (see table 4). In fact,
itt is possible to relax some of the assumed parameter-values in the
modell calculations. From the calculations performed with the most
optimall conditions, we find that at minimum, 0.04 M 0 must have been
accretedd by the NS in the case of sequence X17.
Inn all the cases for which the spin evolution of the NS could be
modelledd and for which more than about 0.2 M 0 was accreted, the NS was
rotatingg at equilibrium at the end of the mass-accretion phase. For the
calculationss with AM < 0.2 M 0 , the spin period was only slightly out of
equilibrium,, which explains the slightly higher spin period of the NS
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forr the cases in which only 0.1 M 0 was accreted.

4.1.1.33 Discussion and conclusions
Thee observed spin period and magnetic field strength of the NS in
PSRR 1855+09, combined with the use of up to date theoretical
descriptionss of the evolution of the spin period of a NS and its
magneticc field allows an estimate of the range of the initial massvaluess of the donor star and the amount of mass accreted by the NS. If
wee adopt an evolutionary scenario for the magnetic field decay as
describedd in section 2.3, it can be shown that in case that the initial
masss of the donorstar was 1.0 M Q , its neutron star companion had to
accretee at least some 0.04 M 0 in order to be spun-up to a rotation
periodd as observed today. In case that the donor star was a 1.5 M Q star,
thee final mean accretion rate corresponding with the final orbital
periodd of the progenitor system of PSR 1855+09 is not sufficient to spin
upp the NS to its observed period.

We argue that the initial mass of the

donorr star mist have been in the range 1.0 - 1.4 M0.
Finally,, we add the following comment. As discussed in section 2.5,
thee process of evaporation of the secondary (van den Heuvel and van
Paradijs,, 1988; Rudermann and Shaham, 1988; Kluzniak et al. , 1988;
Phinneyy et al., 1988), which occurs in the vicinity of a pulsar with a
highh energy flux, can in some circumstances, seriously alter the
"standard"" evolution of LMXBs, as described in section 1. Although the
presentlyy observed characteristics of PSR 1855+09 definitely necessitate
aa phase of mass-transfer (with accretion of at least 0.04 M 0 , see
above),, it cannot be excluded that prior to the final mass transfer
phase,, part of the secondary's hydrogen-rich envelope was evaporated.
Suchh

a

scenario is only possible if the timescale for

evaporation,, T
down,, x

A

, is longer than the timescale for neutron star spin-

(see van den Heuvel and van Paradijs, 1988; section 2.5).

4.1.2.. PSR 1831-00.

Deweyy et al. (1986) reported the discovery of this 0.521 second
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LMBRP.. The WD-companion has not directly been observed, which makes an
estimatee of the duration of the spin-down phase after the end of the
accretionn phase, as done in the previous section for PSR 1855+09,
impossible.. However, an estimate of the most likely mass of the WD, from
thee pulsar's radial velocity orbit is given by Dewey et al. (1986) and
yieldss 0.06 to 0.13 MQ. The spin period variation P is determined to be
1.433 10~ 17 ss

(Taylor and Dewey, 1988), corresponding to a magnetic

fieldd field strength of 8. 10
..

Gauss. The resulting age of the neutron
g

star,, defined as P/P is about 1.5 10 yrs. Thus, the observed field
strengthh must in fact be the strength of the bottom field of the NS in
thiss system.
i)) Viability of a scenario with mass transfer and accretion.
Iff the system PSR 1831-00 was formed according to the "standard"
scenarioo for IMBRPs (see also section 4.1.1), its orbital period of 1.8
dayss in combination with the calculations performed by PS88a indicate
thatt the mass of the WD must then be about 0.17 M 0 < M W D < °-20

M
0

(PS88a). .
Thee relatively short orbital period and observed low mass of the WD
inn this system (< 0.17 M 0 , Dewey et al., 1986) indicate that, if mass
transferr occurred, the progenitor-system has been starting mass transfer
towardss the NS with an initial period P i close to (but longer than) the
correspondingg bifurcation period P b i f (i.e. P ± = 0.7 to 0.8 days; see
PS88aa for a discussion).
Thee low eccentricity of the orbit (< 0.002) indicates that during
nn

att least some 10 yrs, effective tidal interaction, possibly accompanied
withh mass transfer between both components must have occurred. An
—11 1M
estimatee of the final mass-accretion rate of 4. 10
0 /yr on the NS in
PSRR 1831-00 has been made by Savonije (1987).
Ass for the case of PSR 1855+09, we used the mass-accretion
sequencess from PS88a to reconstruct the orbital period of PSR 1831-00.
Wee examine sequence B20 (Md ±=1.0 M0; M a i=1.0 M0; P Q r b f f = 1.72 d) .
Thee mass-transfer rate at the end of this sequence is 4.-5. 10

MQ/yr

(inn excellent agreement with Savonije, 1987).
Thee equilibrium period of a NS with a magnetic field B = 8. 10
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Gausss and accreting at a rate of 4. 10~11 M0/yr is > 1 second, which
showss that the observed spin period of 0.521 sec. can not be reached
duringg a "standard", continuous mass-transfer phase, unless M was a
factorr 10 higher. We therefore consider the following formation
scenario,, in which we assume that no mass-transfer occurred and
consequentlyy no accretion on the NS took place, after its formation.

ii)) Evolutionary scenario without mass-accretion onto the NS.

Veryy recently, it has been suggested that a process of
"evaporation"" of the secondary in a low-mass close binary could take
place,, provided that the outflowing energy flux of the NS in these
systemss is sufficiently strong to power this process (Ruderman et al. ,
1988;; section 2.5). The hydrogen-rich envelope of the secondary is then
lostt from the system without the occurrence of mass-accretion onto the
NS,, and consequently without spin-up of the NS.
Wee examine here whether a scenario without mass-transfer in
PSRR 1831-00 is viable.
Lett us assume that the NS is formed during the AIC of a massive WD,
whenn the mass of the secondary is about 0.30-0.40 M 0 and its core mass
aboutt 0.12-0.15 M Q , respectively (which is the case in the calculations
off PS88a). The binary period is then about 1.2-1.6 days, respectively
andd increases suddenly due to mass-loss from the system, produced by the
supernova-explosion.. The eccentricity of the binary is also increased.
Iff a small amount of mass is lost from the system (i.e. about 0.3 to
0.155 M. , respectively), the orbital period does not increase too much
~ 1.8 days)
and the secondary still fills a large part
t*t* a -p
J
II i.e. *pOSt-sn
off the Itoche-lobe. Tidal interaction then remains very effective. Using
thee description of Savonije and Papaloizou (1985) for the evolution of
thee eccentricity of binary systems, in which the secondary has an
extendedd convective envelope, the timescale for circularisation is a few
7 7
timess 10 yrs.
Iff the newly formed NS rotates with a spin period < 10 to 15 ms,
thee large energy flux of the NS may be sufficient to evaporate the
remainingg hydrogen-rich envelope (i.e. 0.15 to 0.25 M 0 ) on a timescale
shorterr than the spin-down timescale of neutron stars (see the
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descriptionn of van den Heuvel and van Paradijs, 1988).
Oncee the evaporation process has terminated, a bare He-core as the
remnantt of the original low-mass star is left and the neutron star spins
downn secularly, reaching its presently observed spin-period after some
1088 to 109 yrs.

iii)) Conclusions

Thee observations clearly indicate that the NS in system PSR 1831-00
iss old and that consequently, in our field-decay picture, the observed
fieldd strength must be the value of the bottom field. Combination with
thee numerical result that a system like PSR 1831-00 should not have
accretedd mass at a rate > 4.-5. 10~

M0/yr shows that the so obtained

equilibriumm period is longer than the observed spin period. Therefore,
eitherr the mass transfer rate was a factor of 10 higher, which would
indicatee that the numerical determination of M in PS88a is incorrect, or
thee system has been formed in a different way. We point out that a
scenarioo in which no more mass is transferred towards the NS after its
formationn is viable, if the envelope of the remnant of the secondary is
evaporatedd by the energetic outflowing radiation of the NS.

4.2.. The X-ray pulsars in low-mass X-ray binaries.

Fourr LMXB's show periodic X-ray variations (Table 1a), indicating
thee presence of a still strong magnetic field. In the following subsections,, we briefly discuss their rotational history and their
evolutionaryy status.

4.2.1.. The long orbital period LMXBs (Poru >

1

day).

GX1+44 and Her X-1 are binary systems in which a (sub-)giant is (or
possiblyy has been; in the case of GX1+4) transferring mass towards its
neutronn star companion.
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4.2.1.11 Her X-1
Sutantyoo et al. (1985) investigated the possible evolutionary
scenarioss leading to the formation of a system like Her X-1. Based on
thee various observational characteristics, they estimated that the NS
wass born some 2. 10 7 yrs ago. They concluded that relatively recently,
probablyy an AIC occurred in this system, whereby some 0.3 M 0 was
expelledd from the system.
Thee about 1.9 MQ (sub)giant resumed mass transfer very recently
(<< 10 5 yrs) towards its 1.2 MQ neutron star companion (see Joss and
Rappaport,, 1984 for the mass-estimates and Sutantyo et al. , 1985, for
additionall remarks).
Thee neutron star rotates with a spin period of 1.24 seconds
(Sgelmann and Truemper, 1988) and showed a steady spin-up behaviour
= 3. 105 vrs) until 1982. If the feature in the X-ray spectrum of

(T(T
*•• ''obs

J

Herr X-1 is interpreted as a cyclotrom line, the magnetic field strength
off the NS is between 3. and 5. 10 1 2 Gauss (Truemper et al. , 1978; Voges
ett al., 1982). During 1982, observations with the Japanese satellites
Hakuchoo and Tenma indicated that the spin-up behaviour of Her X-1 became
lesss evident (Nagase et al., 1984) and even reversed in 1983, i.e. the
NSS then spun down.
Sincee the mass ratio of Her X-1 is > 1, mass transfer occurs (or
willl occur, in the relatively near future) on a timescale close to the
thermall timescale of the donor star, as shown in the evolutionary
calculationss presented by PS88a (e.g. their sequences C33 and C33").
Duringg this initial phase of mass-transfer, the mass transfer rate may
increasee up to 4. 10~7 M0/yr. This indicates that the mass-transfer
ratee in Her X-1, which until 1982 was about 10~9 M0/yr (from its X-ray
luminosityy of about 2. 10 3 7 ergs/s, Rappaport and Joss, 1983b) is
probablyy still increasing gradually.
Henrichss (1983) argued that the NS in Her X-1 rotates at
equilibrium,, and that the observed timescale of spin-up (= x o b s ) in this
systemm displays the spin-up behaviour of the equilibrium period, as a
resultt of the rapidly (timescale about 105 yrs) increasing mass
accretionn rate. (The calculations in section 3 show a qualitatively
similarr behaviour, although P e q is then decreasing due to a relatively
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rapidlyy decreasing mass-accretion rate, during the final phase of
accretion). .
Since,, in the case of Her X-1, T o b s (~ 10 yrs; Henrichs, 1983;
Savonije,, 1978) > 'T SU (about 1. 10 3 - 1. 10 4 yrs; see e.g. figure 1c),
itt is indeed likely that the NS is rotating at equilibrium and that its
spinn period is determined by the evolution of the mass transfer rate,
whichh increases on a timescale x e v **
—9

T

equilibriumm with its M of about 10

MQ/yr, its magnetic field strength

wouldd be 3. 10

11

0 bs'

I f it: i s r o t a t i n

9

at

Gauss. In view of the rather strong bottom-field

strengthh of 8. 10 1 0 Gauss observed in PSR 1831-00, it is not impossible
thatt the observed field strength of the neutron star in Her X-1 is in
factt the bottom-field strenght for this neutron star.
Inn order to understand the recent spin-down behaviour of Her X-1,
andd assuming that the field is still decaying on a timescale T ^ , we
recalll figure 2b and relate some of the characteristics found during the
accretionn phase after the strong field decay phase of the crustal field
withh similar phenomena, possibly occuring before the strong field decay
phase.. During the accretion phase following the rapid decay of the
crustall field, the NS is rotating at equilibrium and nevertheless,
slightt deviations in the rate of change of the mass transfer rate (on
timescaless of < 10 yrs) result in a variation of u>s (in fact rm; see
thee dips, arrows in figure 2b) and thus n(tos). Such a variation is
strongg enough to result in a short-lasting spin-down phase (see for
examplee the second dip in figure 2b) because the NS was rotating close
too its equilibrium period, i.e. n(ü)g) - 0. Such a behaviour may be
expectedd whenever a NS is rotating at equilibrium, i.e. also in the
phasee before the NS is evolving towards the phase of rotation out of
equilibrium,, when the field decays rapidly. As mentioned in section 2.4,
thee mass transfer rates used in this work are mean mass transfer rates
overr 106 to 10 yrs, although the short timescale behaviour of the
2 2
accretionn rate onto the NS may well be erratic on a timescale x e v - 10
too 10 3 yrs, < x

, possibly even in the initial phase of strong increase

off M. We suggest that the spin-down behaviour, observed in Her X-1 is
duee to such erratic behavior induced by small variations in the rate of
changee of the mass-accretion rate.
Inn case the observed field of the neutron star in Her X-1 should be
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itss bottom field, the same scenario holds for the spin-down behaviour of
Herr X-1- However, the field has then already stopped decaying.

4.2.1.22 GX1+4
Thee binary system GX1+4 consists of a M6III symbiotic giant star
orbitingg a NS with an orbital period of at least 10 days (Davidson et
al.,, 1977). Cutler et al. (1986) presented an elliptical binary model
forr GX1+4, based on a possible periodic enhanced spin-up behaviour of
thee NS in this system. They argued that the orbital period of the
system,, based on this assumption is about 304 days. Webbink et al.(1983)
indicatedd that the mass transfer rate in this system is possibly about
5.. 10~ 9 M /yr. The rotation period of the NS was about 122 seconds in
19800 (or possibly twice as much; see Doty et al. , 1981; Cutler et al,
1986;; but Strickman et al., 1980; Koo and Haymes, 1980) and was
decreasingg on a rather variable timescale with a mean of about 40-50
yrs.. Until then, the NS did obviously not rotate at equilibrium. In
1983,, the source disappeared as an X-ray source, while also its Haemissionn vanished, possibly indicating that mass-transfer stopped (Hall
andd Davelaar, 1983; Whitelock et al., 1983, respectively). Shortly
later,, however, the Ha-emission feature was again observed (Whitlock,
1984). .
Henrichss (1988; private communication) advanced the possibility
thatt the giant in this system is a pulsating star (i.e. a Miravariable).. Between pulses, i.e. during the quiet phases, the NS spinsdown,, possibly aided by strong wind-accretion (compare with the spin
periodss of NS in massive X-ray binary systems, e.g. van Paradijs, 1983),
whichh would explain the still relatively long spin-period of the NS in
1980,, despite the subsequent accretion phase by Roche-lobe overflow.
Whenn Roche-lobe overflow resumes due to the expansion of the giant,
mass-accretionn guarantees spin-up towards P e q on a very short timescale
AA scenario as described above indicates that the mass of the giant
iss (much) smaller than that of the NS. If q were > 1, the mass transfer
throughh Roche-lobe overflow would in any case decrease the orbital
period,, and would guarantee a continuous (although possibly variable)
transferr of matter on approximately a thermal timescale between both
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components,, whether the giant is pulsing or not. We may thus argue that
thee present mass of the donorstar in GX1+4 is < 1.4 M 0 , for a standard
masss of the NS-companion. Since 1.0 M0-giants have an age close to the
agee of the Galaxy (see PS88a), its initial mass must have been > 1.0 MQ,
Furthermore,, as already indicated by Webbink et al (1983), since T S U is
33-10 4 yrs (figure 1c), and the neutron star in
possiblyy at maximum ~ 10
GX1+44 obviously did not yet reach its equilibrium period, we may argue
thatt mass-accretion by Roche-lobe overflow (until 1983) did not start
33 to 104 years ago.
earlierr than some 10
4.2.2.. The short orbital period LMXB's ( P Q ^ < 1 hr)

4.2.2.1.. 4U1626-67
Thee most recent study on 4U1626-67 was performed by Levine et al.
(1988).. The still unconfirmed orbital period is 41 minutes. The mass of
thee donor star lies between 0.02 and 0.1 M 0 and its core hydrogen
abundancee must be very low (i.e. X_ < 0.02; PS88a,b and references
therein).. The derived mass transfer rate is about 2. to 8. 10

M0/yr,

iff it is assumed that the neutron star is rotating at equilibrium, has a
12 2Gauss, and that it has a mass of 1.4 M
surfacee field of a few 10
Q
(Levinee et al., 1988; eq. (3)). However, whether the NS is rotating at
equilibriumm is still an open question, since the observed spin-up
timescalee *cows of

4U1626-67, i.e. 5.5 10 yr (Table 1a) is of the same

orderr of x_. (figure 1c), which indicates that the NS may still be
evolvingg towards equilibrium. Another scenario is possible if one
assumess that the neutron star is spinning at its equilibrium period and
thatt it is accreting mass at a mean rate of a
< few 10~"

M^/yr, this rate

beingg variable on a timescale of T e v - ^Q^Q*
4.2.2.22 1E2259+59
Thee binary system 1E2259+59 has been observed to regularly pulse
withh a period of 6.98 seconds by Hanson et al. (1988) and Koyama et al.
(1987;; and references therein). Despite detailed analyses, the orbital
periodd of 2300 seconds, reported by Fahlman and Gregory (1983) could not
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bee confirmed by subsequent observations. However, if the orbital period
iss indeed as short as 38 minutes, the donor star in this system could be
veryy much similar to that in 4U1626-67. The mass transfer rate derived
forr thiss system is 3.-6. 10~ 11 M0/yr (Hanson et al., 1988; Koyama et
al.,, 1987), which in combination with the 6.98 second pulse period
yieldss a surface field strength of about 7. 10

Gauss, if the neutron

starr is assumed to be rotating at equilibrium.
Twoo characteristics in this system are rather peculiar and
complicatee the search for an evolutionary scenario. Firstly, the system
iss located at the center of a supernova-like shell G109-1.0, which is
believedd to be about 104 yrs old, while the field strength of the NS
indicatess that the NS would be much older (if one assumes a standard
fieldd decay scenario). Secondly, the NS is spinning down on a timescale
off 3.-5. 10 5 yrs (Table 1a). The long timescale indicates that the NS
couldd be spinningg near equilibrium and that the spin-down character
couldd imply that the accretion rate is decreasing on a timescale T Q V =*
T

obs* *
Ass yet, no viable evolutionary scenario has been advanced that

explainss all above characteristics of this peculiar binary system.

5»» Conclusions
Wee have studied in detail the spin evolution of a mass accreting
magnetizedd neutron star, and the relative importance of the evolution of
thee magnetic field and the mass accretion rate during the accretion
phase. .
Thee initial evolution of the spin period of a standard NS is
completelyy dominated by the (decay of the) magnetic field. After a first
phasee of rotation at equilibrium when the field of the NS is still
strong,, the spin period of the NS departs from equilibrium during the
phasee of strong decay of the field. Once strong field decay has
terminated,, the spin period of the neutron star return to equilibrium.
Thee subsequent evolution of the spin period is then entirely determined
byy the evolution of the mass-accretion rate. If the accretion rate is
rapidlyy decreasing, the NS will spin down, since the equilibrium period
off the NS increases. If the mass-accretion rate varies, a neutron star
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rotatingg at equilibrium will evolve through alternating spin-up and
spin-downn phases (see e.g. Her X-1).
Dependingg on the total amount of mass accreted by the NS, massaccretionn may terminate in various phases of the spin-evolution phase
describedd above. If the field has not yet decayed significantly, or when
itt has reached its bottom-field, the final spin-period equals the
equilibriumm period. If, however, mass-accretion stops during the rapid
fieldd decay phase, the NS is not rotating at its equilibrium period.
Modell calculations show that the NS in PSR 1855+09 must have
accretedd at least 0.04 M 0 during the previous mass-aceretion phase. In
addition,, it is likely that the initial mass of the donor star in
PSRR 1855+09 was in the range 1.0 - 1.4 M0.
Thee observed characteristics of PSR 1831-00, combined with data
fromm numerical calculations may be consistant with the idea that the
neutronn star in this system has not been accreting mass since its
formation.. We present an evolutionary scenario in which no mass transfer
between,, the components has occurred since the formation of the neutron
star,, and in which the envelope of the accompanying subgiant remnant has
beenn evaporated by the energetic radiation from the young neutron star
thatt was formed in an accretion induced collapse.
Thee characteristics of the four pulsating X-ray sources in low-mass
binariess are briefly interpreted in terms of the spin-up model presented
here. .
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II.. 2. ON THE BIRTH RATES OF LOW-MASS GALACTIC BINART RADIO PULSARS AND
THEIRR POSSIBLE PROGENITOR-SYSTEMS
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Onn the birth rates of galactic low-mass binary radio pulsars and their
possiblee progenitor systems*

J.. Cote
E.H.PP Pylyser

SUMMARY: :
Wee reconsider the birth rates of galactic low-mass binary radio
pulsarss and their possible progenitor systems. Kulkarni and Narayan
(1988)) found a discrepancy between galactic low-mass binary radio
pulsarss and low-mass X-ray binaries of short orbital period of a factor
betweenn 300 and 2000 and for long orbital period systems of at most a
factorr 6. We find that the birth rates for the short orbital period
systemss differ by at most a factor 39, whereas the birth rates of the
longg orbital period systems are in reasonably good agreement. The
largestt sources of uncertainties are the poor statistics of the sample
off binary pulsars with a low-mass companion, the estimated lifetimes of
thee low-mass X-ray binaries and the unknown number of progenitors of
low-masss binary radio pulsars, which accrete at a super-Eddington rate.
Wee suggest that (partial) evaporation of the secondary in a close binary
mayy resolve (part of) the discrepancy, found for the short orbital
periodd systems.
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11 • Introduction

Soo far, 5 galactic low-mass binary radio pulsars (LMBRPs) have been
detected,, including the recently discovered millisecond pulsar
PSRR 1957+20 (Fruchter et al., 1988). For a review on the binary radio
pulsarss with a low-mass companion, their formation and their evolution,
seee e.g. Van den Heuvel (1988). These systems consist of a neutron star
(NS)) and mostly a low-mass white dwarf companion {i.e. M2 < 0.45 M ) .
Somee of the LMBRPs may contain hydrogen-rich components of very low
mass,, e.g. the system PSR 1957+20 (Fruchter et al. , 1988; van den Heuvel
andd van Paradijs, 1988; Phinney et al., 1988). The progenitors of
LMBRPs,, which contain a white dwarf secondary, are thought to be the
widee low-mass X-ray binaries (LMXBs), in which the low-mass companion is
aa (sub)giant which overflows its Roche-lobe and transfers mass onto the
neutronn star companion, thereby generating X-rays (see e.g Webbink et
al.. , 1983 hereafter WRS; Pylyser and Savonije, 1988; and references
therein).. Various authors described the evolution of some of the LMBRPs
withh the model calculations for low-mass X-ray binaries, as presented by
WRSS (Joss and Rappaport, 1983; Paczynski, 1983; Savonije, 1983, 1987).
Thee single 1.5 ms pulsar, PSR 1937+21, is now believed to be the remnant
off a low-mass binary system, since it has been shown that the outflow of
energeticc radiation of a millisecond neutron star, in a close binary
system,, is able to completely "evaporate" its low-mass, hydrogen-rich
companion,, as observed in PSR 1957+20 (Fruchter et al. , 1988; van den
Heuvell and van Paradijs, 1988; Phinney et al. , 1988; Kluzniak et al. ,
1988). .
Duringg the mass transfer phase, the accreting NS acquires angular
momentumm from the infailing matter and it is spun up. The evolution of
thee spin period of an accreting NS is determined by the evolution of
bothh the NS magnetic field and the accretion rate (e.g. Ghosh and Lamb,
1978,, 1979; de Kool and van Paradijs, 1987; Pylyser, 1988). Three of the
galacticc LMBRPs and the single millisecond pulsar have pulse
periodss < 6 ms and very low P-values (see table 1), indicating low
g g
surfacee magnetic field strengths (i.e. < 5 x 10

Gauss).

Iff the LMXBs are the sole progenitors of all the LMBRPs, the birth
ratess of both types of system should be equal in a steady-state
situation.. Van den Heuvel et al. (1986) estimate the inverse birth rate
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Tablee 1
Thee properties of the LMBRPs in the sample
d d
P P logg P P orb b logg B
"2a a
(ms) ) (s/s) ) (days) )(Gauss) )(kpc) )
— — _______=_=
—
________»___
_ ____
-———————;
;
=
0820+02 2 865 5 -16.0 0 1232.5 5 11.5 5 1.92 2 0.22 - 0.4
1.81 1 10.9 b b
3.3 3 0.066 - 0.13
1831-00 0 521 1 -16.8 8
1855+09 9 5.36 6 -19.7 7 12.33 3 8.52 2 0.35 5 0.22 - 0.4
8.65 5
2.1 1
1937+21 1 1.56 6 -19.0 0
3.9 9 0.22 - 0.4
1953+29 9 6.1 1 -19.5 5 117.35 5 8.65 5

PSR R

—

—

-

—

-

•

—

——

<v v
—

—

—

—

—

age e
(years) )
- — — — — • — ——

—

—; — — —7 —

10 7 7
1.99 x 10 7
4.33 x 10 8
10 8 8
3.22 x 10 8

a)) Most likely mass for the secondary
b)) Log B for PSR 1831-00 was calculated using the value of the period
derivativee given by Taylor and Dewey (1988).

forr the LMXBs to be about 5.0 x 10 yr. If the magnetic fields of binary
pulsarss decay on the same timescale as that of the single radio pulsars
(aboutt 5 x 10 years), they would no longer be observable after about
7 7
22 x 10 years, and we would expect to observe no more than a few such
systemss in the whole Galaxy (Van den Heuvel et al., 1986). From the fact
that,, among the about 500 known galactic radio pulsars, five have
-2 2
alreadyy been observed in LMBRP-systems, an incidence of about 10
is
inferred.. The total pulsar population for our galaxy is estimated at
aboutt 1.5 x 10

(Narayan, 1987), suggesting a total number of LMBRPs of

aboutt 1500. This number exceeds, by a factor of 300 the number one
expects,, if the magnetic fields of binary pulsars decay continuously on
timescaless of the order of 5 x 10 years. This discrepancy can be
removedd if one allows for the existence of a bottom field, beyond which
g g
NSS magnetic field-decay occurs on a timescale of about 10 yr or longer,
(Bhattacharyaa and Srinivasan, 1986; van den Heuvel et al., 1986). Direct
evidencee for the existence for such a bottom field has come from the
opticall observations of the white dwarf companion in the binary systems
PSRR 0655+64 (Kulkarni, 1986) and PSR 1855+09 (Wright and Loh, 1986;
9 9
Kulkarni,, 1987), whose age of a few 10 years can be estimated from its
opticall colours.
Kulkarnii and Narayan (1988, hereafter referred to as KN) estimated
thee birth rates of LMBRPs, taking various selection effects into account
andd assuming the above field decay model for neutron stars. They made an
independentt estimate of the birth rate for the LMXBs and conclude that,
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forr the short orbital period systems, there is (still) a discrepancy
betweenn the birth rates of both types of system of a factor 300 to 200 0.
Forr the long orbital period systems, they found a discrepancy of at most
aa factor 6.
Wee here reconsider the birth rates of galactic LMBRPs and their
possiblee progenitor systems and discuss the significance of any
discrepanciess found. Section 2 discusses the birth rate of the LMBRPs,
andd Section 3 the birth rate of the LMXBs. In Section 4 the results are
summarizedd and possible solutions for the observed discrepancies are
given. .

2.. The birth rate of low-mass binary pulsars
Inn our analysis, we restrict ourselves to the population off LMBRPs
inn the disk and exclude the four recently discovered sources in globular
clusters.. We also include the single 1.5 ms pulsar PSR 1937+21 in our
sample.. Until recently, evolutionary scenarios for PSR 1937+21 indicated
thatt the progenitor system might have belonged to the group of the MXRBs
(e.g.. van den Heuvel and Bonsema, 1984; Bonsema and van den Heuvel,
1985).. However, the recent discovery of the 1.6 eclipsing binary
millisecondd pulsar PSR 1957+20, which has a secondary of only .0 24 M 0
(Fruchterr et al. (1988)), indicates that the progenitor systems of both
PSRR 1957+20 and PSR 1937+21, may have been a LMXB (Ruderman et al. ,
1988,, Van den Heuvel and van Paradijs, 1988; Phinney et al., 1988;
Kluzniakk et al., 1988).

Some of the characteristics of our sample of

LMBRPss are listed in Table 1. Because of the lack of sufficient data at
thiss time, PSR 1957+02 is not included. We note that our sample is
identicall to the sample used by KN.
Thee method used by KN to derive birthrates for LMBRPs, was
introducedd by Narayan (1987), who defined a scale factor S(P,L),
relatingg the observed pulsar distribution pQ(P,P,L) to the true
distributionn p (P,P,L). Narayan accounted for various selection effects,
andd allowed for a beaming factor that varies with the pulse period P, as
suggestedd by Narayan and Vivekanand (1983). They find that for fast
pull ars (P < 0.1 s) the beaming factor f(P) may be about 1.0, rather than
aboutt 0.2 (Gunn and Ostriker, 1970).
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Usingg the method of Narayan (1987), KN calculated the birth rates
off LMBRPs in more detail, They included 5 additional pulsar surveys to
thee four 400 MHz surveys used by Narayan (1987), in determining the
scalee factors. Some of the additional surveys were sensitive enough to
detectt millisecond pulsars. For the sample of systems given in Table 1,
KNN find a total inverse birth rate for the galactic population of LMBRPs
—— 1
4
5
off BR
- 3.3 x 10 yr and of 2.0 x 10 yr, at the 99 percent confidence
level. .
KNN separate the LMBRPs in 'slow' (P o r b >

2S

days) and 'rapid'

systemss (P , < 25 days), and make a similar division (at an initial
periodd P. of 3 days) of the LMXBs into slow and rapid systems. They find
4 4
inversee birth rates for the slow and rapid LMBRPs of 4.5 x 10 yr and
5 5
1.33 x 10 yr, respectively.
Thee total birth rate, and the birth rate for the short-orbital
periodd LMBRPs are dominated by the presence of PSR 1855+09 in the
4 4
sample.. The inverse birth rate derived for this pulsar is 5.7 x 10 yr
4 4
(KN),, whereas the total inverse birth rate for LMBRPs is 3.3 x 10 yr.
KNN estimate the total number of objects like PSR 1855+09 in the disk of
5 5
ourr galaxy to be about 1.5 x 10 , i.e. of the same order as the total
numberr of single pulsars derived by Narayan (1987), which seems
extremelyy high. The inferred birth rate for this system is so high,
becausee PSR 1855+09 is a nearby, low luminosity pulsar (Luminosity at
2 2
4000 MHz of 1.84 mJy kpc , adopting a distance of 350 p c ) , which results
inn a very high scale factor S(P,L).
However,, according to Stokes et al. (1986), the incidence of
millisecondd pulsars among the whole pulsar population may be of the
orderr 0.1. Since N t o t a i • 1-46 x 10

(Narayan, 1987) in our Galaxy, the

inversee birth rate for PSR 1855+09 then becomes about 5.7 x 10 yr.
Adoptingg the birth rates for the other systems from KN, the total
4 4
inversee BR is then 7.1 x 10 yr and the inverse birth rate for rapid
5 5
systemss becomes 1.6 x 10 yr.

3«« The birth rate of LMXBs.
Inn this Section we will use the numerical model calculations of
Pylyserr and Savonije (1988, hereafter referred to as PS), to derive the
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birthh rates for short orbital period LMXBs. The effect of magnetic
brakingg (Verbunt and Zwaan, 1981) is included in these calculations and
thee initial period of the calculated systems is < 1.9 days.

3.11 The method.
Inn wide LMXBs (i.e. P rv> > 12 h), mass transfer is driven by the
interiorr nuclear evolution of the donor star (WRS). According to WRS,
thee average mass transfer rate <M> and the final period Pf as a function
off the initial period Pj_ for such systems (for X=0.7, Y=0.02), are given
by: :
<M>> = -5.3 x 10~ 10 (P±/day)

<M0/yr~1)

logg P f = 0.73 (± 0.01) log P ± + 1.28 (± 0.01)

(1a)

(1b)

Althoughh Eqs. (1a) and (1b) are valid only for initial binary
periodss P. > 1.3 d, KN assume that Eq. (1a) can also be used for systems
withh 0.5 d < P- < 1*3 d. Observational evidence that Eq. (1b) is not
applicablee for these systems, comes from the LMBRP PSR 1831-00. Indeed,
thee shortest final orbital period P f , that can be reached in the models
off WRS, is 10.5 days, which is in contradiction with the observed
orbitall period of 1.81 days of the LMBRP PSR 1831-00.
Ann upper limit to the initial period P^ of LMXBs is set by the
Eddingtonn mass transfer rate, for which it is expected that X-ray
detectionn is inhibited by the large amount of matter accreted on the NS,
i.e.. P- < 25 d. The initial period range of 1.3 d < P^ < 25 d thus
correspondss to a final period distribution of 23 d < P^ < 217 d.
Thee orbital period of PSR 0820+02 (P Qrb = 1232.5 d.) indicates that
itss initial period is about 300 days and shows that during the previous
mass-transferr phase, accretion must have been super-Eddington and the
systemm was probably invisible as an X-ray source. De Kool and van den
Heuvell (1986; see also Helfand and Becker, 1985) suggest that the
progenitor-systemss of LMBRPs like PSR 0820+02 can be seen as axially
symmetricc radio sources (ASRs, see Shaver et al., 1985; Becker and
Helfand,, 1985; Becker, 1985). Whether or not these observed ASRs are
effectivelyy the progenitors of LMBRPs, which accrete matter at a super-
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Eddingtonn rate we will hereafter denote these systems as ASRs.
Wee notice here that according to Eq. (1b), an initial period P. of
33 days (at which KN made a separation between rapid and slow LMXBs),
correspondss with a final period of about 42 days. The latterr period
thereforee correspondingly divides the sample of LMBRPs in rapid and slow
systems,, instead of the dividing period of 25d, used by KN. Fortunately,
thee sample of rapid and slow LMBRPs remains the same as in KN, and
consequently,, their derivation of the birth rates of the sample of rapid
andd slow LMBRPs remains valid.

Inn view of the limitations of the semi-analytical description of
WRSS for short orbital period systems, we decided to use the results
obtainedd by PS, which include both the effects of gravitational
radiationn and magnetic braking. The initial periods of the systems in
thesee calculations range between 0.67 and 1.91 days.
Fig.. 1 presents the relation between the final period P f and
initiall period P i resulting from the calculations performed by PS. For
comparison,, the relation (1b) (WRS) is added in Fig. 1. For all P. < 1.6
d,, the relation obtained from PS is significantly different from WRS,
clearlyy demonstrating the effects of magnetic braking :
logg Pf

- 3.32 (± 0.45) log P ± + 0.78 (± 0.06)

(1c)

forr 0.67 d < P i < 1.91 d.
Fig.. 2 relates the mean mass-transfer rate and the initial orbital
period,, as derived from the calculations by PS, and can be described
byy :

logg <M> - (3.80 ± 0.33) log P ± + (-9.06 ± 0.04)

(1d)

forr 0.67 d < P ± < 1.91 days. The relation (1a) obtained by WRS is added
forr comparison.

Inn order to understand the above differences, we present in
figuree 3 the stellar radius as a function of the He-core mass for single
starss of 0.7 MQf 1.0 M 0 , 1.5 M 0 and a 2.0 M Q . The mean stellar radius coree mass relation derived by WRS is added for comparison (dash-crossed
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Figuree 1: The relation between the final and initial orbital periods P f
andd P. of short orbital period LMXBs (P. < 1.9 d . ) , according to the
numericall calculations by PS. The semi-analytical relation, derived by
WRSS is added for comparison. For all initial orbital periods
P.. < 1.6 days, the effects of inclusion of orbital angular momentum
loss,, due to magnetic braking, in the results of the numerical
calculationss and the limitations of the description for the evolution of
LMXBss as provided by WRS, is clearly demonstrated.
Figuree 2: The relation between the mean mass transfer rate <M> and the
initiall orbital period of short orbital period LMXBs (P± < 1.9 day). For
aa comparison, the semi-analytical relation derived by WRS is added.

line).. The relation of WRS only satisfies the numerical calculations of
singlee low-mass stars for core masses M

> 0.22 M 0 . Therefore, the use

off semi-analytical calculations, as those performed by WRS, is not
justifiedd if the initial core mass of the donor star is smaller than
0.22 2 M_ • This lower limit on M

corresponds with a lower limit on the

initiall and final orbital period of about 5 days (slightly depending on
thee mass of the donor star) and about 62 days (Eq. 1b), respectively.
Followingg

WRS, the mass transfer rate is proportional to dR/dM c ,

whichh is the variation of the stellar radius R as a function of the core
masss M . For M

< 0.22 M^ (i.e. P- < 5 d.), dR/dM , as derived from the

single-starr evolution calculations, is significantly lower than dR/dMc
ass derived from the relation of WRS (see figure 3 ) , which results in a
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muchh lower mean mass transfer rate. The inclusion of magnetic braking in
thee numerical calculations does, however, increase the mass transfer
ratee again, resulting in the picture presented in Fig. 2.
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Theree is evidence that a fraction of the neutron stars in LMXBs are
formedd by accretion induced collapse (AIC) of a massive WD (see e.g van
denn Heuvel, 1984, 1987). If, at the onset of mass transfer, the compact
componentt in the system is a massive white dwarf, the X-ray lifetimes
cann be significantly reduced, because as long as the accreting object is
aa white dwarf, the system is not seen as a bright X-ray source. The
mass-losingg component in such a system may have to transfer a
significantt amount of mass before the WD collapses to a NS, since the
occurrencee of nova-explosions may expell a large part of the accreted
matterr from the system (Starrfield et al., 1985). In this case, only the
remnantt mass of the hydrogen envelope of the donor star at the moment of
thee AIC determines the lifetime of the newly formed LMXB. As a tool for
thee determination of the X-ray lifetime in case such a situation occurs,
wee present Fig. 4. It gives the lifetimes of LMXBs as a function of
theirr final orbital period, for a certain amount of mass still to be
transferred.. It can easily be seen that, depending on the amount of mass
too be transferred, the lifetimes of LMXBs can vary significantly. KN
estimatee that, on the average, the X-ray lifetime lasts only a third of
thee total possible accretion time (i.e. corresponding with the transfer
off 0.2 Mg towards the N S ) .
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Figuree 4: The X-ray lifetime of
aa short orbital period LMXB as a
functionn of its final orbital
periodd and the amount of mass
leftt to be transferred between
thee components after the
accretionn induced collapse.
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KN find an

inversee birth rate for the LMXBs
off BR~

1

= 8.5 x 1 0

BR~ 11 = 7.0 x 10

7

yr for the rapid systems (0.5 < P.^ < 3.0 days) and

yr for the systems with initial periods within the

totall period range 0.5 and 300 days.
Usingg the results from PS (cf. Eq. 1d) , adopting AM = 0.2 M 0 , as
thee total amount of mass accreted by the neutron star (KN) and averaging
overr the same ensemble of initial periods as used by KN, we find that
thee mean birth-rate BR for the rapid LMXBs is given by:
BRR = N f r <P i 3 ' 8 °> / (2.3 x 10 8 )

(yr"1)

(2) )

wheree N is the number of progenitor systems of LMBRPs with P Q r b > -67 d,
ff

the fraction of rapid systems with 0.67 < P.^ < 1.91 days and the
33 8 0
factorr between brackets, i.e. <P. " >, represents the mean value over
3.80 0
thee total initial period distribution of P.^
Inn their estimate of the total birth rate of LMXBs, KN considered
thee inital period range 0.5 d to 300 d, thereby including ASRs, i.e.
systemss with P. > 25 d. However, this is inconsistent with the use of
NN

= 3 3 , since this number is determined by systems which must have had

P.. < 25 d. Based on the initial period distribution, we find that the
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fractionn of systems with P^^ > 25 d, with respect to the total initial
periodd range 0.67 to 300 d, is 0.39. Hence, there must be about 22 ASRs
andd the total number N of progenitor systems of galactic LMBRPs is 55.
Wee
11

BR**

adopt

the

same

period

distribution of

KN and find that

6

= 7.7 x 10 yr for I24XBs with P.^ < 1.91 days, a factor of 6 lower

thann derived by KN, for the same period range. We may expect that for
thee initial period range immediately following P^^ - 1.91 days, the mean
masss transfer rate is still higher, by a factor of at least 3, than the
masss transfer rate derived from WRS (see figure 2). As a result, the
meann lifetime of a LMXB with initial period longer than 1.91 days (or
ASRs,, if P- > 25 d)

will

be

shorter.

We expect that for

0.677 < P. < 3.00 d, the inverse birth rate of the progenitor systems of
—— 1
6
rapidd IMBRPs, BR

< 6.2 10 yr and that for the whole period range, it

willl be significantly lower than derived by KN. We find that the inverse
birthh rate for all systems with P ± > 0.67 is probably smaller than
1.44 x 105 yr.
4** Discussion and conclusions*
Adoptingg an incidence of systems like PSR 1855+09 of 0.1 with
respectt to the population of single pulsars, we derive an inverse birth
ratee for the total sample of low mass radio binary pulsars of
—— 1
4
5
BRR
* 7.1 x 10 yr, and for rapid systems of 1.6 x 10 yr. For the
progenitorr systems of IWBRPs, we find BR~ < 1.4 x 10 yr, for
—— 1
6
0.55 < P. < 300 days, and BR

= 6.2 x 10 yr, for P^^ < 3.00 days. Thus,

forr the total range of periods the birth rates differ by less than a
factorr 2, whereas for the rapid systems there is a discrepancy of a
factorr of 39. We recall that KN found a discrepancy between the birth
ratess of short orbital period systems between 300 and 2000.
Inn view of the recent discovery of the binary 1.6 ms pulsar
(Fruchterr et al., 1988), Kluzniak et al. (1988) Phinney et al., 1988,
andd van den Heuvel and van Paradijs (1988) suggest that rapidly spinning
neutronn stars in rapid IMBRPs may evaporate their secondaries. After at
leastt a few times 10

M Q have been transferred, the NS may be spinning

withh a period in the millisecond range if the NS magnetic field strength
g g
iss low (a few 10 G ) . If mass transfer is then temporarily interrupted,
forr example by a random fluctuation in the stellar radius of the mass145 5

losingg component, by only a few atmospheric scale-heights, the pulsar
becomess active as a radio pulsar and may emit sufficient energy to
"evaporate"" the entire H-rich envelope of the giant, thereby greatly
reducingg the X-ray lifetime and simultaneously increasing the radio
lifetimee of the system. The fraction of mass effectively transferred
determiness the X-ray lifetime of the system. This effect will bring the
birth-ratess of rapid LMXBs and LMBRPs in still closer agreement.
Alsoo the estimate of the total amount of galactic LMXBs may be
uncertainn and awaits confirmation. According to Blair et al. (1988), the
totall amount of these systems could possibly be a factor 5 higher than
derivedd by Bradt and McClintock (1983), thereby decreasing the
differencee in birth-rates between both types of system with the same
factor. .
Inn conclusion, we find that the birth rates for the total sample of
LMBRPss and their possible progenitors (i.e. wide LMXBs and ASRs) are
reasonablyy in agreement. The discrepancy of at most a factor 39, between
thee birth-rate of the rapid LMBRPs and LMXBs, may be resolved by the
destructionn of potential LMXBs with relatively short orbital period by
thee process of evaporation.

Acknowledgementss :
Thee authors wish to express their gratitude to Dr. van den Heuvel, Dr.
vann Paradijs, Dr. Kulkarni and Dr Srinivasan for useful and stimulating
discussions. .

References: :
Becker,R.H.:: 1985, Space Sci. Rev., 40, 507
BecJcer,R.H.,, Helfand, D. J. : 1985, Nature, 313, 115
Bhattacharya,D.,, Srinivasan,G.: 1986, Current Science, 55, 327
Blair,D.G.,, Candy,B.N., Fabian,A.C., Kembhair,A.K.: 1988, preprint
Bonsema,P.F.J.,, van den Heuvel,E.P.J.: 1985, Astron. Astrophys. 146, L3
Bradt,H.L.V.,, McClintock,J.E.A.: 1983, Ann. Rev. Astron. Astrophys., 21,
13 3
Dee Kool,M., van Paradijs,J.: 1987, Astron. Astrophys., 173, 279
Fruchter,A.S.,, Stinebring,D.R., Taylor,J.H. : 1988, Nature, 333, 237
Ghosh,P.,, Lamb,F.K.: 1978, Astrophys. J., 223, L83

146 6

Ghosh,P.,, Lamb,F.K. : 1979, Astrophys. J., 234, 296
Gunn,J.E.,, Ostriker,J.P.: 1970, Astrophys. J, 160, 979
Helfand,D.J.,, Becker,R.H.: 1985, Nature, 313, 118
Joss,P.C,, Rappaport,S.A.: 1983, Nature, 304, 419
Kluzniak,W.,, Ruderman,M., Shaham,J., Tavani,M.: 1988, Nature, submitted
Kulkami,S.R.:: 1986, Astrophys. J., 306, L85
Kulkami,S.R.:: 1987 in IAU Symp. 125, "The Origin and Evolution of
Neutronn Stars", ed. D.J. Helfand and J.H. Huang (Dordrecht, Reidel),
pp 407
Kulkarni,S.R,, Narayan,R.: 1988, Astrophys. J., in press (KN)
Narayan,R.,, Vivekanand,M.: 1983, Astron. Astrophys., 122, 45
Narayan,R.:: 1987, Astrophys. J., 319, 162
Paczynski,B.:: 1983, Nature, 304, 421
Phinney,E.S.,, Evans,C.R., Blandford,R.D., Kulkarni,S.R.: 1988, Nature,
inn press
Pylyser,E.H.P.,, Savonije,G.J.: 1988, Astron. Astrophys., 191, 57 (PS)
Pylyser,E.H.P.:: 1988; submitted to Astron. Astroph.
Ruderman,M.,, Shaham,J., Tavani,M.: 1988, Astrophys. J., submitted
Savonije,G.J.:: 1983, Nature, 304, 422
Savonije,G.J.:: 1987, Nature, 325, 416
Shaver,, P. A., Salter, C .J. , Patnaik,A.R., van Gorkom,J.H., Hunt,G.C:
1985,, Nature, 313, 113
Starrfield,S.,, Sparks,W.M., Truran,J.W.: 1985, Astroph. J.,291, 136
Stokes,G.H.,, Segelstein,D.J., Taylor,J.H., Dewey,R.J.: 1986,
Astroph.. J., 311, 694
Taylor,J.H.,, Dewey,R.J.: 1988, Asprophys. J. (in press)
Vann den Heuvel,E.P.J.: 1984, J. Astroph. Astr., 5, 209
Vann den Heuvel,E.P.J., Bonsema,P.F.J.: 1984, Astron. Astrophys., 139,
L16 6
Vann den Heuvel,E.P.J., Van Paradijs,J.A., Taam,R.E.: 1986, Nature, 322,
153 3
Vann den Heuvel,E.P.J. : 1987, in IAU Symp. 125, The Origin and Evolution
off Neutron Stars, ed. D.J. Helfand and J.H. Huang, (Dordrecht:
Reidel),, p 393
Vann den Heuvel,E.P.J.: 1988, in "The physics of compact objects: Theory
vss Observations", Eds. White and Filipov, Pergamon Press Oxford.
Vann den Heuvel,E.P.J., van Paradijs,J.A.: 1988 (submitted to Nature)
Verbunt,F.,, Zwaan, C : 1981, Astron. Astrophys., 100, L7
Webbink,R.F.,, Rappaport,S., Savonije,G.J.: 1983, Astrophys. J., 270, 678
(WRS) )
Wright,, G.A., Loh,E.D.: 1986, Nature, 324, 127

147 7

«kk

Dankwoord d

Ditt dankwoord gaat uit naar allen die rechtstreeks of
onrechtstreekss aan het tot stand komen van dit proefschrift hebben
bijgedragen. .
Inn eerste instantie wil ik mijn direkte begeleiders Gert-Jan
Savonijee en Ed van den Heuvel bedanken. Mijn eerste dwalende stappen in
ditt onderzoek werden door Gert-Jan continu in goede banen geleid, en
niett in de minste mate toen ik met het evolutieprogramma begon te
werken.. Ook toen ik naderhand mijn resultaten op papier begon te zetten,
heeftt hij een zware dobber gehad aan het voor anderen begrijpbaar maken
vann mijn hersenkronkels. Zowel Gert-Jan als Ed hebben in grote mate
bijgedragenn aan mijn algemene kennis over de diverse aspekten van de
evolutiee van lage massa interagerende dubbelsterren. Dankzij Ed werd ik
steedss opnieuw een van de eersten op de hoogte gesteld van ontdekkingen
vann nieuwe objekten, waarvoor dan ook zo snel mogelijk een model moest
wordenn verzonnen. Ook voor het oplossen van problemen van nietsterrekundigee aard heb ik steeds bij Ed kunnen aankloppen. Daarvoor,
Gert-Jann en Ed/ mijn dank.
Aann alle anderen, bij wie ik ten rade ging met specifieke
sterrekundigee vragen, en daarbij denk ik in het bijzonder aan Giel
Habets,, Eugene Damen, Wim Penninx, Martijn de Kool, Steve van Amerongen,
Sakee Hogeveen, Huib Henrichs en Jan van Paradijs, mijn dank. Rene Kutten
rr

enn Jacqueline Cote ben ik bijzonder dankbaar voor de uiterst gezellige
enn stimulerende samenwerking tijdens dit onderzoek. Met hen heb ik
geleerdd dat door toedoen van externe omstandigheden, het afronden en
gepubliceerdd krijgen van een stuk onderzoek niet steeds van een leien
dakjee loopt.
Edd Faverey en Maria Moesman, voor het verzorgen van de figuren; Ed,
voorr jouw raadgevingne bij het samenstellen van dit proefschrift, en
allee andere leden van het Instituut, voor de gezellige werksfeer, mijn dank.
Hett afronden van dit onderzoek is een direkt gevolg van het
suksesvoll behalen van mijn licentiaatsdiploma Natuurkunde aan de Vrije
Universiteitt Brussel. Daarom wil ik hierbij mijn dank betuigen aan twee
helee goede vrienden, die mij in verscheidene stadia van mijn
universitairee studies hebben bijgestaan, mal., Luk van Hamme en Peter
Monderen. .

Dee continue steun van mijn ouders in alles wat ik tot nog toe heb
ondernomenn is van onschatbare waarde geweest en mijn waardering daarvooi
iss niet in woorden uit te drukken. Pa, Ma, Chantal en Jean-Marie, dit
proefschriftt wil ik dan ook aan jullie opdragen.
Alss laatst, maar niet in de minste mate, wil Reintje bedanken voor
ditt onvergetelijke Nederlandse avontuur. Reintje, dit proefschrift is
ookk aan jou opgedragen. Zonder jouw aanwezigheid aan mijn zijde, was ik
mogelijkk niet in Amsterdam geweest, en zonder jouw morele steun tijdens
watt moeilijker tijden was dit proefschrift misschien niet tot stand
gekomen. .

Levensloop p
Ikk ben geboren op 22 augustus 1962 in Etterbeek (Brussel). In juni
19800 behaalde ik mijn diploma secundair onderwijs, richting
wetenschappelijkee A aan het Koninklijk Atheneum Schaarbeek. Door mijn
interessee in de sterrekunde, begon ik in oktober 1980 aan mijn
universitairee studie als Licentiaat Natuurkunde aan de Vrije
Universiteitt te Brussel. In juli 1984 werd deze studie na hard zwoegen
suksesvoll afgerond met een afstudeerwerk over de evolutie van massieve
enkelvoudigee sterren, onder de leiding van Bert de Loore en Claude Doom.
Inn oktober 1984 trad ik in dienst bij de Nederlandse Organisatie voor
Zuiverr Wetenschappelijk Onderzoek (Z.W.O., nu N.W.O.), als
wetenschappelijkk medewerker, voor een promotie-onderzoek van 3.5 jaar
aann het Sterrekundig Instituut van de Universiteit van Amsterdam. Het
doell van dit onderzoek was een theoretische studie over de mogelijk
eindfasenn van de evolutie van kortperiodieke, interagerende
dubbelstersystemenn van lage massa met een kompakte begeleider.
Inn september 1988 keer ik terug naar het geliefde vaderland België.

i i

