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Chapterr  5 

Thee Formation of Be stars through Close Binar y Evolution 

O.R.. Pols, J. Coté, L.B.F.M. Waters and J. Heise 
Astivn.Astivn. Astrophys. 241, 419-438 
Receivedd May 2, accepted July 14, 1990, Published January 15, 1991 

Summary y 

AA simplified model of case B close binary evolution is presented, on the basis of which the 
expectedd fractions of evolved close binaries among intermediate-mass main sequence stars are 
calculated.. During mass transfer, the original secondaries are rejuvenated and spun up. These 
rapidlyy rotating B stars should have either a helium star, a white dwarf or a neutron star 
companion.. The effect of uncertainties in the theory of close binary evolution and in the input 
distributionss on the expected fractions are studied. It is found that the amount of mass lost 
duringg the mass transfer phase and, to a lesser extent, the distribution of initial mass ratios, 
stronglyy affect the resulting fractions. The observed lower mass limi t to Be/X-ray binaries (of 
aboutt 8 MQ) implies that only systems with initial mass ratios > 0.3-0.5 produce Be stars after 
thee mass transfer. 

Thee expected number distributions of rapidly rotating B stars with an evolved companion 
overr spectral type are calculated by folding the predicted fractions with the distribution of 
BB stars in the Bright Star Catalogue. It is found that the predicted distribution is similar in 
shapee to the observed number distribution of Be stars, but does not resemble the observed 
numberr distribution of rapidly rotating B stars. Assuming all rapidly rotating B stars that are 
formedd through close binary evolution become Be stars, these systems can account for about 
halff  the population of known Be stars. 

Inn more than 80 percent of the predicted systems the evolved companion is a helium star, 
especiallyy among the late-type B stars. These systems may be detectable as XUV sources. 
Whitee dwarf and neutron star companions are found preferentially among earlier spectral types. 
Thee Be+white dwarf systems should outnumber the Be+neutron star systems by a factor of 
aboutt 10. Within 1 kpc, of the order of 100 Be+WD systems are expected. They should be 
observablee as low-luminosity X-ray sources, with luminosities typically in the order of Lx = 
1029-10333 erg/s. These systems may be significant contributors to the Galactic ridge of X-ray 
emission. . 

5.11 Introductio n 

Bee stars form an intriguing class of stars which, over the years, have attracted a lot of attention. 
Bee stars are B stars with luminosity classes II I to V that show, or have shown, emission lines in 
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thee visual (Ha). They also show excess infrared fluxes, which are most prominent in the far-IR, 
ass discovered dur ing the IRAS Survey (see Coté and Waters, 1987). Both the Ha emission and 
thee I R excesses are thought to originate in the circumstellar envelope of the star. Furthermore, 
mostt Be stars are very rapid rotators (v s int > 100 km/s). In our study we wil l exclude the 
Herbigg Be stars, which are objects that have not yet reached the main sequence. 

Manyy models for the Be phenomenon and the evolutionary status of Be stars have been 

proposed.. There are (at least) two ways by which a B star can become a Be star: 

1.. Be stars are in interacting binaries and the Be phenomenon is caused by an accretion disc 
off  mater ial lost by the Roche lobe filling  companion (Harmanec, 1987). Although the mass 
transferr may be variable in t ime, it is likely that in this case there wil l always be some Ha 
emissionn visible. Peters (1976) suggested that the Be star HR 2142 (B2Ven) is in such an 
interactingg binary. However, as is the case for most Be stars, there is no evidence for a mass-
losingg companion, which should be a cool giant, in either spectroscopy or photometry (see 
Waterss et al., 1991). Furthermore, it is highly unlikely that the vast majority of all Be stars 
aree interacting binaries, since the Roche-lobe overflow phase lasts only a very small fraction 
off  the total lif e t ime of the system (e.g. van der Linden, 1987). 

2.. The so-called Be mechanism, in which some unknown physical mechanism causes a strongly 
non-sphericallyy symmetric wind. In this case the disc is an excretion or mass loss disc and 
thee Be phenomenon is an intrinsic property of the B star. Observations of Be stars suggest 
thatt rapid rotat ion is a key ingredient for a star to become a Be star. However, the fact that 
manyy rapidly rotat ing B stars without emission lines are known, and the fact that Be stars 
cann lose their H a emission at irregular intervals, indicate that rapid rotation is not the only 
parameterr involved. In principle, the Be star can be either single or in a binary system in 
which,, however, no Roche lobe overflow is present. 

I nn this paper we assume that a rapidly rotat ing B star may become a Be star because of the 
Bee mechanism. Note that this is a different point of view than that proposed by e.g. Kfi z and 
Harmanecc (1975), who suggested that all Be stars fall in the first category. I t is remarkable that, 
inn spite of the very different nature of the discs around the Be stars in both cases (accretion 
andd mass loss), observations of Be stars do not seem to suggest any difference in the propert ies 
off  the discs, such as density, density distribution, or disc radius. 

Theree are three ways in which a rapidly rotating B star can be formed, corresponding to 
threee possibilities for the evolutionary status of Be stars: 

a.. Be stars are born spinning rapidly and the Be phase may occur at any point in the main 

sequencee lif e t ime. 

b.. The Be phenomenon occurs during the overall contraction phase that follows the exhaustion 
off  hydrogen in the core (Schild and Romanishin, 1979). In this case, we would expect Be stars 
nearr the end of the main sequence phase. Abt (1987) and Smith (1987), however, remark 
thatt observational evidence for the evolutionary stage of a Be star is hard to obtain and that, 
indeed,, the phenomenon may occur throughout the main-sequence band. Furthermore, the 
overalll  contract ion phase lasts only a few percent of the main sequence lif e t ime, whereas 
Bee stars const i tute about 10 percent of the B star population. 
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c.. Be staffs are post-mass-transfer  systems. A system wit h a B star  and a helium star  companion 
aree formed at the end of case B mass transfer  in intermediate-mass binaries. Calculations of 
transferr  of matter  and angular  momentum to the mass gainer  suggest that it is difficul t to 
avoidd spinning up the B star  to very high rotation rates (Packet, 1981), possibly even to break-
upp velocity. I t therefore is very likely that the products of case B evolution can be found 
amongstt  rapidl y rotatin g stars. In thi s case, Be stars should have an evolved companion, 
eitherr  a He star, a whit e dwarf or  a neutron star. 

Systemss which definitely are post-mass-transfer  systems are the Be/X-ray binaries, of which 
aboutt  30 are known (van den Heuvel and Rappaport, 1987; Tuohy et al., 1988). In these systems 
thee orbitin g neutron star  accretes matter  from the dense stellar  wind, thereby generating X-rays, 
wit hh luminosities typicall y in the range of ÏO^-IO 38 erg/s. The orbita l periods range from 16 
too several hundred days, and the Be stars in these systems are of an early spectral type (B2 and 
earlier).. Examples of such Be/X-ray binaries are X Per  (09.7ep) and HD 102567(BlVne). The 
propertiess of Be stars in Be/X-ray binaries are not different from those of other, presumably 
singlee Be stars. Thi s suggests that the Be mechanism has the same characteristics for  primordia l 
andd post-mass-transfer  Be stars, i.e. the history of the Be star  is not important , but it s rotation 
rat ee is. 

A nn evolutionary scenario for  the formation of Be/X-ray binaries was proposed by Rappaport 
andd van den Heuvel (1982). A helium star  which, if it is massive enough, evolves into a neutron 
star,, and a rejuvenated main sequence star  are formed, as a result of case B mass transfer  in 
massivee close binaries. Thi s scenario, which requires the original primar y to be more massive 
thann about 10 MQ in order  to leave a neutron star, can be applied to binaries of lower  mass 
ass well. Instead a whit e dwarf is produced from the helium star, and a Be+white dwarf binary 
iss formed (Van den Heuvel and Rappaport, 1987). These systems are expected to occur  wit h 
spectrall  types later  than B2 as well, and in much larger  numbers because low-mass stars are 
moree abundant and live longer. 

Waterss et al. (1989) predicted that the number  of Be+WD systems should outnumber  the 
Be+NSS systems by a factor  of about 10 and that the Be+WD systems should be observable as 
low-luminosityy X-ra y sources, due to wind accretion by the WD from the dense stellar  wind 
off  the Be star. The X-ray luminosities for  Be+WD systems are expected to be in the range 
102 9-10333 erg/s, i.e. significantly lower  than for  Be+NS systems. Such low-luminosity Be+WD 
X-ra yy sources may have been detected already. Peters (1982) lists K Dra (B6IIIpe ) and 48 Per 
(B3Ve)) as suspected X-ray sources wit h luminosities of only a few 1031 erg/s. Also, in a recent 
HEAO- 11 archival search Tuohy et al. (1988) reported the discovery of two low-luminosity X-ray 
sourcess associated wit h late-type Be stars: HR 4804 (B8Vne) and [i? Cru (B5Vne). These Be 
starss may have white-dwarf companions. 

I nn thi s paper  we study the formation of Be stars through close binary evolution (CBE) and 
investigatee the possibility that all Be stars are post-mass-transfer  systems, i.e. fall in category 
(c).. We present an evolutionary model (Section 5.2) and calculate the fractions of rapidl y 
rotatin gg B stars wit h a helium-star, a white-dwarf or  a neutron-star  companion, respectively 
(Sectionn 5.3). I n Section 5.4 we give estimates for  the number  of Be stars that should have an 
evolvedd companion, and compare them wit h observations. I n Section 5.5 we discuss the various 
systemss that are the outcome of CBE and their  observability. In Section 5.6 we summarize the 
results. . 
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5.22 T h e evo lu t i ona ry m o d el 

Wee use a model for the evolution of case B close binaries similar to that of Meurs and van 
denn Heuvel (1989), but with some useful modifications. (For details on case B evolution, i.e. 
masss transfer during shell-hydrogen'burning, see Paczynski, 1971a, Thomas, 1977). Only those 
systemss are included in which the primary still has a mostly radiative envelope when mass 
transferr s tar ts (case Br), because when the primary has developed a deep convective envelope 
(casee Be), mass transfer wil l be catastrophic and highly non-conservative (e.g. Webbink, 1979) 
andd is unlikely to produce Be stars. 

Sincee we wil l be dealing with intermediate-mass stars, it is necessary to consider two effects 
whichh were not included by Meurs and van den Heuvel. First, as shown by Iben and Tutukov 
(1985),, the helium star formed in a low-mass binary lives much longer relative to its companion 
thann in a massive system, thus reducing the lifetime of (or even preventing) the white dwarf 
stagee before its companion leaves the main sequence. Second, the fraction of intermediate-mass 
binariess that evolve as case Br is smaller than in the high-mass systems and decreases towards 
lowerr mass, because these stars become red giants at smaller radius. Instead, case C evolution 
becomess more important, but this (like case Be) proceeds very non-conservatively. 

I nn our model, we do not consider the possibility of extended mixing by means of turbulent 
diffusion,, due to baroclinic instabilities caused by the tidal deformation of a star in a close 
binaryy system (Maeder, 1987). The extent to which this phenomenon occurs is poorly known, 
whil ee the effect should be the similar to that of convective overshooting, which we do take into 
accountt (Sect. 5.2.2.1). 

5.2 .11 Desc r i p t i on of t h e m o d el 

Wee consider unevolved binaries with component masses M® (the primary) and Af° (the sec-
ondary)) and initial mass rat io go = M%jM% < 1. Masses wil l be given in solar units, unless 
otherwisee indicated. During the mass transfer (which occurs after a time 7 V ( A ^ ) , the main 
sequencee (MS) lifetime of the primary), a fraction ƒ of the transferred mass is assumed to leave 
thee system. This fraction is allowed to be a function of go hi the model (see Sect. 5.2.2). The 
pr imaryy loses most of its hydrogen envelope and becomes a helium star, whose mass M i is taken 
ass a function of the initial mass only, which is a good approximation: 

Mxx = MHe(M°). (5.1) 

Thee hel ium star has a He-burning lifetime Tff e(Mi) . The secondary accretes the remainder of 
thee transferred mat ter and becomes the new primary, of mass M^: 

MM22 = q0M? + [1 - / (g0) ] [M ° - MHe(M?)]. (5.2) 

Duee to the accretion the new primary is rejuvenated and spun up and its remaining main 
sequencee Ufetime is T'H(M2,Mi). The subsequent evolution of the system depends on the ratio 
TtfetMO/r^M^MO. . 

I ff  Tjje < Tfj, then after the exhaustion of helium in the core the He star rapidly evolves 
towardss its final state: either a white dwarf or a neutron star. A second phase of mass transfer 
fromm the He star to the new pr imary (so-called case BB) may ensue if 0.85 & M\ ^ 2.5-3.0, but 
att most a few tenths of a solar mass is transferred during this phase (Habets, 1986a). A neutron 
s tarr is assumed to form if M\ > 2.2, in accordance with results of evolutionary calculations of 
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heliumm stars by Habets (1986b). Some authors have found a limiting helium star mass that is 
considerablyy higher, even up to 3.2 M© (e.g., Delgado and Thomas, 1981). We wil l comment 
onn the influence of a higher limiting mass for neutron star formation, where relevant to our 
results.. The supernova explosion wil l disrupt the binary if more than half of the system mass is 
expelledd (assuming a symmetric explosion, Blaauw, 1961). Taking the canonical value for the 
neutronn star mass, 1.4 M 0 , the survival condition is: 

Mi<MMi<M 22 + 2.8, (5.3) 

whichh is satisfied in most cases. The MS+CC (compact companion) phase is terminated when 
thee new primary leaves the main sequence and expands. Probably a spiral-in ensues, leaving 
(iff  anything) the compact star orbiting the helium core of the new primary. Subsequently, a 
WD+WDD binary (e.g., LB 3459, Webbink, 1979), a WD+NS binary (e.g., PSR 0655+64, Taylor 
andd Dewey, 1988) or a NS+NS system may form (e.g., the Hulse-Taylor binary radio pulsar 
PSRR 1913+16). 

Iff  Tne > T'H, the new primary leaves the main sequence before a compact companion has 
formed.. This happens predominantly among binaries of low mass, and when go is close to unity 
(cf.. Table 1 of Waters et al., 1989). In that case, only the MS+He phase occurs and no MS+CC 
phase,, but instead a reversed mass transfer takes place to the helium star. The consequences 
aree uncertain, but it is expected that the helium star will expand upon accretion and a common 
envelopee wil l form (Iben and Tutukov, 1985). A double He star in a close orbit may be the 
remnantt of such evolution. 

Inn our model, only the MS+He star, MS+WD and MS+NS phases are considered. The mass 
transferr phases last very short compared to the other time scales involved and are neglected in 
thee model (we wil l return to these, however, in Sect. 5.5.5). The evolutionary phases following 
thee main sequence stage of the new primary are not considered, either. 

Thee rate of formation of case B close binaries with primary mass between M° and AfP+dMj 
andd mass ratio between go and go+dg0 is, in a steady-state situation: 

dndnBB(M?,qo)(M?,qo)dM?dqQdM?dqQ = B{MomMoWqo)dModq0i (5.4) 
at at 

wheree B(M°) is the fraction of close binaries with primary mass Mf that undergo case B 
evolution;; *(M?) is the initial mass function (IMF); and $(g0) is the distribution of initial 
masss ratios, normalized to the fraction of close binaries among new-born main sequence stars 
(thesee quantities are discussed in Sect. 5.2.2). This formation rate is equal to the rate of 
formationn of case B remnant (BR) systems, with new primary mass between M2 and Af 2+dM2 

andd helium star mass between Mi and Mi+dMi : 

dnBR{M2dnBR{M2''Ml)Ml)dMdM22dMdMll = B(M?)*(M?)*(qo)dM?dqo, (5.5) 

cfngfi(Af 2,M1)) = 

BfMftA/jD^MftMOW^M, ,, Mi)) 

dM\dM\ oMz 
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(5.8) ) 

Thee observed number distribution of case B remnants with the new primary still on the 
mainn sequence is then: 

nnBRBR(M(M22,M,Mll)dM)dM22dMdMll =  dnBRi^i,Ml)T'H(M2,M1)dM2dM1. (5.7) 

Thee number distribution of such systems with a He star companion is: 

n g j ^ . M OO = dnBR^M^THe{Mx) if TH€{Mx)<T'H{M2iM^ 

n%%(Mn%%(M22,,Mi)Mi)  = nBR(M2,Mx) if TH€{MX) > T^M^M^, 

andd the number distribution of systems with a compact companion is: 

n%%(Mn%%(M22,M,M11)) = nBR(M2,Mi) - nj%(M2,Mi) , (5.9) 

whichh of course for neutron star companions is subject to the survival condition (eq. 5.3). The 
totaltotal number of systems with new primary mass between M2 and M2+dM2 and with He star, 
whitee dwarf and neutron star companions, respectively, is found by integrating the distributions 
overr Mi: 

N§N§RR(M(M22)dM)dM22 = n^M^M^dMidMi, (5.10) 
1 1 

r Af i=2. 2 2 
N^N R̂R

DD{M{M 22)dM)dM22 = / n%c
R{M2,Ml)dMldM2 (5.11) 

JqJq00=l =l 

and d 
fMfM 11=M=M22+2.6 +2.6 

Ngi(MNgi(M22)dM)dM22 = / n%%(M2iM1)dM1dM2. (5.12) 
./Mii  = 2 .2 

Thee number of systems with a compact companion is N%R — JV^/p + Ngj[, and the total 
numberr of case B remnants is NBR = Ngjl + NBR-

Forr easier comparison with observations, the results of our calculations wil l be expressed as 
ratioss of the above numbers to the number of unevolved main sequence stars of the same mass, 
i.e.: : 

Y{M2)Y{M2) ~ Höm'' Höm'' (5-13) 

andd analogously for YHe
t Y

WD and YNS. NQ is given by: 

NN00(M(M22)dM)dM22 = *(M2)TH{M2)dM2. 

Sincee we have reason to believe that Be stars are only formed from progenitors with mass 
ratioss greater than a certain value qmin (cf. Sect. 5.3), the ratios Y are also calculated with 
thee distributions nBR integrated between qo = 1 and go = 9min- These ratios are denoted by 
YYqminqmin(M(M22),Y£:),Y£:nn(M(M22),etc. ),etc. 

5.2.22 Functions used in the model 

Wee now consider the various functions that enter the equations in the above section and discuss 
theirr uncertainties. 
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5.2.2.11 The helium star  mass MHC(MI) 

Fromm evolutionary calculations by Iben and Tutukov (1985) of case B mass transfer in binaries 
inn the mass range 3-12 MQ, it follows that in good approximation: 

MMHeHe(M°)(M°) = 0.08(M?)14, 

whichh is in fair agreement with calculations by van der Linden (1987) in the same mass range 
andd by De Greve et al. (1978) for larger masses. In none of these calculations the enlargement 
off  the helium core due to convective overshooting was included. Although this process is not 
widelyy accepted, a recent study by Maeder and Meynet (1989) indicates that a small amount of 
overshootingg offers the best correspondence with observed properties of star clusters. In their 
calculationss the helium cores are about 25 % larger than in calculations without overshooting. 
Wee therefore use the following relation: 

MMHH*(M?)*(M?)  = 0.08(1 + <x)(M?)1A, (5.14) 

inn which the parameter a is varied between 0 and 0.25 in order to determine the influence 
onn the results, a = 0.125 is used as the standard value. So, for M° > 9.8 a helium star is 
formedd which is massive enough to undergo a supernova explosion and leave a neutron star. 

5.2.2.22 Stellar  lifetimes 

Forr the main-sequence lifetime TH(M) we use the same relation as did Meurs and van den 
Heuvell  (1989) (which is based on Tinsley, 1972), and we refer to their Table 3 for details. The 
heliumm main-sequence lifetime as a function of mass, Tjje(M), was determined from evolutionary 
calculationss of helium stars by Paczynski (1971b) and Habets (1986b). The resulting lifetimes 
aree plotted in Fig. 5.1. We use the following approximation to these results: 

1.076-1077 M" 3-75 

1.71-1077 M" 2'45 

1.148-1077 AT1-6 

2.37-1066 A/" 0-6 

if f 
if f 
if f 
if f 

0.333 < M < 0.7 
0.77 < M < 1.6 
1.66 < M < 4.8 
M > 4 .8 8 

TTHeHe(M)(M) = { 'AQ ,n 7 1-fl ., / f i . w ^ / o (5-15) 

Thiss relation is not valid for He stars with M < 0.33 MQ, because these do not burn helium 
butt become degenerate dwarfs (Maeder and Meynet, 1989). However, eq. (5.15) is extrapolated 
too smaller values of M in our calculations, since for all systems considered the new primary 
mainn sequence lifetime is shorter than Tffe(0.33). Therefore, this is equivalent to assuming an 
infinitee He star lifetime. 

Forr the remaining main sequence lifetime of the rejuvenated secondary after the mass trans-
ferr phase, T'H(M2,Mi)y we adopt the relation suggested by van den Heuvel (1969): 

TTBB{M{M 2tMl2tMl)) = TH(M2) [1 - M c o r e ( M 2 ) TH(9oM°)J '  (5-16) 

Thee factor within parentheses corrects for the fact that some hydrogen has already been con-
vertedd into helium in the core. For Mcor^M), the mass of the convective core, we substitute 
Afjfe(Af )) because these quantities are, in very good approximation, proportional. 
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F iguree 5.1: Helium burning lifetimes of helium stars, derived from Paczyriski (1971b) and Habets 
(1986b),, and the power-law approximation used in the present calculations (dotted line). The lifetimes 
off  helium star remnants of case B mass transfer, fromlben and Tutukov (1985), are shown for comparison. 

5 .2 .2 .33 T he f rac t i on ƒ of m a ss lost f rom t he s y s t em 

Thee mass-loss fraction is probably the most uncertain parameter in the calculations, and also 
thee one with the largest effect on the results. If the mass transfer is non-conservative, i.e. ƒ > 0, 
thee new pr imary wil l have a smaller mass (and a later spectral type) than if ƒ = 0. Also, the 
finall  orbital period wil l probably be much shorter than in the conservative case. If ƒ = 0, there 
iss a simple relation between the initial (P0) and final orbital period (Pf): 

Pf^Pf  ̂ = /mMiy3
 = / ( ! + g o - M i / A i f j M j / M f 

PP00 VMi°M 2V \ <7o 

Wee do not explicitly calculate the distribution of final orbital periods in our model, however, 
becausee the relation for ƒ ^ 0 is very uncertain. 

ƒƒ was assumed by Meurs and van den Heuvel (1989) to be independent of the model pa-
rameters.. However, ƒ is expected to depend significantly on the initial mass ratio go and (to 
aa lesser extent) the initial orbital period Po of the system. When the primary has a radiative 
envelope,, as we are concerned with here, mass transfer takes place on the thermal t ime scale 
off  the primary. If the secondary stays within its Roche lobe, all transferred matter is probably 
accretedd (ƒ = 0) since it does not have sufficient specific angular momentum to escape from the 
system.. This is expected for binaries with mass ratios close to 1. For small q0, however, the 
thermall  t ime scale of the secondary is much longer than that of the primary. Calculations of 
accretingg main-sequence stars (e.g. Kippenhahn and Meyer-Hofmeister, 1977) show that, if the 
thermall  t ime scale is more than about 10 times the accretion time scale, the star wil l expand 

nn i i i i i i r ll  i i r 

AA Paczynski (1971) 
++ Habets (1986) 
OO Iben & Tutukov (1985) 

ii  r 

JJ 1 L II 1 I I I I I L 

(5.17) ) 
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significantly.. The orbital separation wil l shrink at the same time, so that the secondary may 
fillfill  its Roche lobe and a contact binary is formed. I t is as yet unclear how such a contact 
binaryy evolves, whether a deep common envelope forms accompanied by spiral-in of the binary, 
orr whether the two components remain distinct. In both cases, extensive mass loss from the 
systemm is expected, and the final orbital period is probably much smaller than in the conser-
vativee case (eq. 5.17), since the escaping mass takes away its angular momentum, which can 
bee very large. The maximum initial mass ratio for which a contact binary forms depends on 
thee init ial orbital period, but not very strongly, lying between 0.4 and 0.6 (Kippenhahn and 
Meyer-Hofmeister,, 1977). 

K ippenhahnn and Meyer-Hofmeister did not consider the spin-up of the secondary in their 
calculations.. However, a small amount of accretion (about 0.1 M©) is sufficient for spin-up 
too near break-up velocity (Packet, 1981). This may facilitate the expansion of the secondary, 
causingg the limitin g mass ratio to be even higher. The secondary may be rotat ing near break-up 
beforee i t fills its Roche lobe, refusing further accretion, while the transferred mat ter forms a 
disk,, part of which may escape from the system. In that case ƒ > 0 even for large mass ratios. 
Forr very small values of go (<0.1-0.2) the binary is out of co-rotation when mass transfer star ts 
(Dee Kool, 1987) and formation of a common envelope followed by spiral-in seems inevitable. 
I nn that case the secondary wil l hardly accrete any matter and it is doubtful whether a binary 
remnantt is left at all. 

Summarizing,, we conclude that it is likely that systems with go > 0.6 evolve conservatively, 
whereass for go < 0.2, ƒ « 1 and possibly no binary remnant is left. For 0.2 < go < 0.6 the 
situationn is less clear, but some mass loss is expected. As we shall see in Sect. 5.3.1, systems 
wit hh go & 0.4 probably evolve very non-conservatively and may not produce observable binary 
remnants. . 

Ourr model allows for a segmented, piece-wise linear function ƒ (go)- In view of the above 
discussion,, we defined a most likely relation, / i (go), which has ƒ = 0 for go > 0.6 and ƒ = 1 for 
goo < 0.2 and is linearly interpolated between these values. Two extreme relations are defined: 
/o(?o),, which has ƒ = 0 for go > 0.4 and ƒ = 1 for g0 < 0.1, and /2(go), which has non-zero ƒ 
forr all g0 and ƒ = 1 for g0 < 0.3. These three relations are shown in Fig. 5.2. I t is stressed that 
thesee relations are no more than reasonable guesses and do not follow from actual theoretical 
calculations. . 

5.2.2.44 T h e ini t ia l mass funct ion \&(M ) 

Forr masses M > 1 M 0 the Galactic IM F can to a good approximation be wri t ten as * ( M ) = 
* 0A*~ 2" 77 (Scalo, 1986). The value of * 0 depends on the precise definition of * ( M ) and is 

farr less certain than the shape of the IMF . However, since we calculate ratios and not actual 
numbers,, ^o cancels out. 

5.2.2.55 T h e case B fract io n B{M) 

Thee fraction of close binaries that undergo case B mass transfer is determined from evolutionary 
calculationss and the orbital period distr ibution of close binaries. A close binary is defined as 
aa binary in which, at some time during the evolution, mass transfer between the components 
takess place. This corresponds to orbital periods of less than about 10 years. 

Ass stated before, we have included only those systems in which mass transfer takes place 
afterr the terminal-age main sequence (TAMS) and before the red-giant branch (RGB) is reached, 
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Figuree 5.2: The assumed relations between the mass loss fraction ƒ and the initial mass ratio qa: fo(lo) 

(dashedd line), fi(qo) (solid line) and /2(<Jo) (dotted line). 

i.e.,, during the crossing of the Hertzsprung gap (case Br). Evolutionary calculations of single 
starss yield the radii at which the TAMS and RGB are reached as a function of stellar mass, 
RTAMS(M)RTAMS(M) and RRGB(M). Our systems have orbital periods such that the pr imary's Roche 
lobee radius is in between these values. The orbital period distribution of B-type close binaries 
cann be wri t ten as U(P)dP oc l / P dP (Abt and Levy, 1978; Abt, 1983). B(M) is then calculated 
ass follows: 

B{M) B{M) U U 
log g 

PRGB(M) PRGB(M) 

Tl{P)dP Tl{P)dP 
PTAMS(M) PTAMS(M) 

PRGB(M) PRGB(M) 

) / ( / : : 
Tl(P)dP Tl(P)dP 

?(M ) ) 
log: : (5.18) ) 

wheree Pm; „  and Pmax a r e the minimum and maximum orbital periods for close binaries, 
assumedd to be 1 day and 10 years, respectively. PTAMS a nd PRGB follow from RTAMS a nd 
RRGBRRGB which were derived from evolutionary calculations by Eggleton and Iben (from Webbink, 
1979),, Becker (1981) and Maeder and Meynet (1989): 

RTAMS RTAMS 

R R RGB RGB 

1.8M07 7 

M 2-22 if 2 < M < 16 
6 5 M0 77 if 16 < M < 30 

Wee then arrive at the following expression: 

B(M) B(M) {2 2 
43(1.55 log M
.67 7 

0.25) ) iff  M < 16 
iff  M > 16 

(5.19) ) 
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5.2.2.66 The initia l mass rati o distributio n $(90) 

Ann extensive study of the shape of $(90) for spectroscopic binaries was recently made by 
Hogeveenn (1991) One of the main conclusions is that for go & 0-25 the selection effects are so 
strong,, that the observed distribution (compiled from catalogues, etc.) is not representative of 
thee actual $(90)- The peak in the distribution near go = 1, found by Trimble (1974) and others, 
waswas shown to be very probably due to a sampling selection effect. Also, there is evidence for a 
spectral-typee dependent shape: for A-, F- and G-type stars the shape follows the IMF (at least 
forr go > 0.25) whereas for O-stars the distribution seems to be flat. 

Thee B-stars, which are of interest here, seem to form a transition group between these two 
distributions.. Studies of the duplicity of B-type stars by Wolff (1978) and Abt and Levy (1978) 
indicatee a shape that is less steep than the IMF, but rather like go-1- However, based on then-
smalll  samples and taking the selection effects for go £, 0.25 into account, neither an IMF-lik e 
norr a flat distribution can be excluded statistically. We therefore tried three different shapes in 
ourr model: 

 a flat distribution, $c(<Zo) = constant. 

 an intermediate distribution, $m(go) oc (1 + go)-3, which has a shape similar to go- 1 for go £ 
0.2,, but stays finite for go= 0. We consider this the most likely shape in view of the results 
off  Wolff and Abt and Levy. 

 an IMF-lik e distribution, $i(go) oc l/(e-f go2'7), that flattens for go < 0.25. e was chosen such 
(0.01665)) that $ $(go)dgo = 1 (i.e., all stars have a close companion, most with very small 
9o)--

Thee influence of these different shapes on our results is mainly a shift in the relative numbers of 
conservativelyy evolving systems (which may become Be stars) and non-conservatively evolving 
systemss (which probably do not become Be stars). 

Thee distributions were normalized on the interval go € [0.25,1] in view of the uncertain 
statisticss for go < 0.25. In Wolff's sample, 12 out of 73 B7-B9 stars have a companion with 
goo > 0.25 and P & 100 days. Assuming a period distribution II(P) oc 1/P, this implies that 
aboutt 29 % have a close companion with go > 0.25. In Abt and Levy's sample of 39 B2-B5 
stars,, 25-30 % have a companion with P & 10 years and go > 0.25. We therefore use the 
followingg normalization for *(go): JQ25 $(go)<*9o = 0.275. With this normalization, the total 
fractionss of close binaries (i.e. on the interval g0 € [0,1]) are 37 % with $c, 53 % with $m and 
1000 % with $i. The resulting distributions are displayed in Fig. 5.3. We like to point out that 
thiss normalization constant (i.e. the binary fraction) is also subject to some uncertainty. This 
uncertaintyy is passed on to our results in a linear way (cf. eq. 5.5). 

5.33 Computational results 

Fromm Sect. 5.2.2 it follows that there are at least three uncertain parameters or parameter 
functionss involved in the model: the overshoot parameter a, the initial mass ratio distribution 
$(go)) and the fraction of mass lost from the system ƒ (go). For each 'parameter' we tried three 
differentt 'values', one of which can be considered the most likely and the others as extremes, as 
discussedd in Sect. 5.2.2. In this Section we first describe the results of the standard model, i.e. 
withh the most likely values for each parameter. Next we discuss the influence of varying these 
parameterss between the extremes. 
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Figur ee 5.3: The initial mass ratio distributions used in the calculations: $e(<fo) (dotted line), $m(go) 
(solidd line) and $;(go) (dashed line). 

5.3.11 T h e s tandard m o d el 

Thee parameters used for the standard model are: a = 0.125, <3?(go) °c (l + ?o)~3, and ƒ = /i(go)-
I nn Fig. 5.4 the fractions Ycc and YWD (a) and YHe (6) are plotted against M 2, the new primary 
mass.. YNS is the difference between Ycc and YWD. The decrease of Ycc towards small M 2 is 
determinedd by the effects already mentioned in Sect. 5.2, namely the increasing relative lifetime 
off  the preceding He star phase and the decreasing fraction of case B binaries. The variation of 
YYHeHe wi th M 2 reflects these same effects: towards smaller M 2, YHe first increases slowly due to 
thee increasing He star lifetime, but for M 2 ^ 6 the decreasing number of progenitors causes a 
sharpp decrease. For M 2 £*, 5, an increasing fraction of the He star companions have M i < 0.33 
andd are He white dwarfs rather than He-burning stars. A number of these are probably still in 
thee mass transfer phase (see Sect. 5.5.5). 

Thee systems with the smallest go-values (ranging from go < 0.12 for M 2 = 2 to go < 0.26 
forr M 2 = 17) are disrupted by the supernova explosion after the MS+He phase. The solid 
y ^ - c u r vee represents only the systems which have survived the supernova, i.e. those with 
goo <; 0.12-0.26. However, since systems with go & 0.2 are also remnants of common envelope 
evolution,, it is doubtful whether they have survived the spiral-in as a binary or have coalesced 
intoo a single star. 

Towardss smaller M 2 the relative fraction of systems with a neutron star companion decreases 
comparedd to the fraction with a white dwarf companion, as shown by the curve for Y in 
Fig.. 5.4a1. However, both white dwarf and neutron star companions are expected for all new 
pr imaryy masses between 2 and 17 MQ. Therefore, if all new primaries are potential Be stars, 
thee Be+NS binaries should exist with all B spectral types. However, Be/X-ray binaries are 
observedd only with spectral types B2 and earlier, i.e. M 2 £ 8 M Q . We argue that the observed 

1Thee sharp edge in this curve at M2 ~ 13.5 is a result of the choice of /i(qo); it corresponds to qo = 0.6. 
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F iguree 5.4: The predicted ratios Y of the number of post-case B mass transfer main sequence stars with 
ann evolved companion to the number of unevolved main sequence stars of the same mass (both single 
andd primary components of binaries), calculated for the standard model (model A), (a) The fraction 
withh a compact companion (Ycc, solid line) and with a white dwarf companion (YWD, dashed line). 
Thee dotted lines give yo

c
4

c and yo
c
3

c, calculated with qmin = 0.4 and 0.3, respectively. The fraction YNS 

withh a neutron star companion is found by subtracting YWD from Ycc. (b) The fraction YHe with a 
heliumm star companion (solid line) and the fraction Yffi calculated with qmin — 0.4 (dotted line). 

lackk is real and not due to selection effects, for the following reasons. 
Thee predicted MS+NS systems with Mi < 8 all have progenitors with small initial mass 

ratios,, go < 0.4. After the mass transfer these systems should have, on average, smaller orbital 
periodss than systems with large qo, since the final orbital period is a decreasing function of 
goo (see eq. 5.17 and the discussion in Sect. 5.2.2.3). Indeed, the observed Be/X-ray binaries 
wit hh a neutron star companion have, on average, longer orbital periods than their progenitors 
(unevolved,, early-type main-sequence binaries), indicating g0 - v a m es that were not very small. 
Thee predicted late-type MS+NS binaries should have relatively high X-ray luminosities if the 
mainn sequence star were a Be star, since Lx increases sharply with orbital period (Waters et al., 
1988).. The number fraction predicted for the standard model implies about 100 such systems 
wit hh spectral type later than B2 within 1 kpc from the sun (Sect. 5.4). Although there are 
selectionn effects against detecting Be/X-ray binaries with short Port, (Waters and van Kerkwijk, 
1989),, at least some of them should have been observed. 

I nn order to explain the non-detection of late-type Be+NS binaries, we are thus forced to 
concludee that there is a minimum initial mass ratio (qmin) for the production of Be+NS 
binaries,, and therefore for the production of Be stars from case B evolution in general. The 
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necessaryy value of qmin depends on the details of the evolution, as wil l be discussed in Sect. 5.3.2. 
Forr the s tandard model, gm»n = 0.4, and the resulting fractions YQ

cf and Y0
H  ̂ are shown in 

Fig.. 5.4 (the lower indices indicate the assumed value of qmim see Sect. 5.2.1). There is some 
uncertaintyy in the value of qmin, connected with uncertainties in the determination of spectral 
typess of Be/X-ray binaries, i.e. of the precise cut-off spectral type. Since most Be/X-ray binaries 
aree optically faint, an error of 1 or 2 sub-classes is easily made. For example, with qmin = 0.3 
(seee Fig. 5.4a), the lower mass limi t shifts to 5 MQ, i.e. spectral type B4. Furthermore, the value 
off  <lmin. is derived for neutron star systems, i.e. high-mass progenitors, and it may be somewhat 
differentt for lower-mass progenitors. Unfortunately, these uncertainties strongly influence the 
predictedd fractions of Be+NS and Be-fWD systems (see Fig. 5.4a). The fraction of He-star 
systemss (Fig. 5.46) is hardly affected by qmin. 

Whatt are the evolutionary products of binaries with qo < qmin, if they are not Be stars? 
Wee offer three possibilities. First, these systems may simply not exist in great numbers due 
too a deficiency of progenitors with qo < qmin (there are strong selection effects for small qo, 
seee Sect. 5.2.2.6). In this case the shape of $(</o) should be very different than assumed here. 
Secondly,, if the progenitors do exist, there may be a bifurcation in the evolution at qmin- I n 

th iss case, systems with OQ < qm%n evolve in a very non-conservative way (i.e. into a common 
envelopee and spiral-in configuration), not leading to the formation of a B star binary, but to 
coalescencee or formation of a very low-mass binary). Thirdly, if the assumed evolutionary model 
iss correct and the predicted binaries do exist, the new primaries of remnants of systems with 
9oo < 9mm may not become Be stars, but normal B stars with white dwarf or neutron star 
companions.. I n this case, the B star should have a low rotational velocity, either because it was 
nott spun up in the mass transfer or because it was rapidly spun down again afterwards by t idal 
interactions.. However, this possibility has a number of observational consequences that render 
i tt ra ther unlikely, as wil l be discussed in Sect. 5.5.6. 

Wee wil l now discuss the expected companion masses for the standard model. Neutron star 
companionss are expected to have a mass of about 1.4 MQ, independent of the mass of the B star. 
Onn the other hand, the helium star and white dwarf companions have masses in a certain range 
forr each value of M2, corresponding to the different possible progenitor masses. In Fig. 5.5 
thee average and minimum masses of these companions are plotted. The average masses should 
bee interpreted as expectat ion values of the number distributions n^jjj and " ^ (Sect. 5.2.1), 
calculatedd for systems with 90 > 0-4. He stars more massive than 0.85 MQ produce less massive 
whi tee dwarfs due to a second stage of mass transfer (see Sect. 5.2.1). In Fig. 5.5 i t was assumed 
thatt if Mi > 0.85 the amount of mass lost increases linearly with M i in such a way that a 
2.22 MQ He star leaves a 1.4 MQ white dwarf. 

Sincee the least massive He stars have the longest lifetimes, the average He star mass is 
ra therr small and close to the minimum possible He star mass, which corresponds to progenitors 
wi t hh qo = 1. Al though very massive He star companions are formed (from systems with small 
qo),qo), these are very rare: about 95 % of all He star companions have masses less than twice 
thee average masses plotted in Fig. 5.5 for each M^. The white dwarf companions, on the other 
hand,, have rather large masses since only the most massive He stars evolve fast enough to leave 
considerablee t ime for the M S + WD phase. Only for small Mi does the average white dwarf mass 
decreasee sharply, due to the condition go > 0.4. White dwarf masses produced from systems 
wi t hh go < Qmin (for M2 < 8) are between about 0.7 and 1.1 MQ. The minimum white dwarf 
masss for each value of Mi corresponds to t he He star that lives just as long as the new primary. 

Wee see from Fig. 5.5 that the expected mass ratio q of a Be star produced from case B mass 
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Figur ee 5.5: The average and minimum companion masses as a function of M2, calculated with the stan-
dardd model. Solid line: average mass (i.e., expectation value) of white dwarf companions. Dash-dotted 
line:: minimum possible mass of white dwarf companions. Dashed line: average mass of He star com-
panions.. Dotted line: minimum mass of He star companions. The average masses were calculated for 
systemss with go < 9mm-

transferr (not to be confused with the initial  mass ratio 90) is small, on the order of q ~ 0.1-0.2. 
Thiss has consequences for the observability of Be stars as spectroscopic binaries (see Sect. 5.5.1). 

5.3.22 P a r a m e t er  s tudy 

Wee wil l now discuss the influence of the parameters involved in the model. Each of these 
parameterss is varied with respect to the standard model (previous section) while the other two 
parameterss are kept at their standard value. 

Thee effect of varying the overshoot parameter a is displayed in Fig. 5.6. A smaller value 
off  a causes a decrease of Ycc and an increase of Y , as a result of the less massive He stars 
produced.. Also, the transit ion from white dwarf to neutron star companions (yWD) shifts to 
higherr new primary masses. Hence, in order to keep the cut-off mass for Be+NS binaries at 
aboutt 8 MQ, a somewhat smaller value of qmi„  should be assumed (0.38 for a = 0, versus 0.43 
forr a = 0.25). The differences in Y between a = 0 and a = 0.25 amount to at most about 
0.033 in YHe at Mi « 10 and 0.025 in Ycc. However, the total fraction Y remains practically 
unchangedd under variations in a. 

AA variation of the lower mass limi t for a He star to produce a neutron star from 2.2 to 
3.22 M Q causes only an increase of Y , i.e. it influences the relative fraction of white dwarf 
too neutron star companions. Correspondingly, qm{n should be lowered from 0.4 to 0.35 in the 
standardd model. These uncertainties in qmin due to overshoot and the minimum He star mass 
aree small compared to those discussed in the previous Section and those due to ƒ. 
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Figur ee 5.6: Same as Fig. 5.4, but with different values of the overshoot parameter a: (a, b) for a = 0; 

(c,, d) for a = 0.25. 

I nn Fig. 5.7 the shape of the initial mass ratio distr ibution is varied between flat ($c(g0) ) and 
IMF-lik ee (* ; (g 0) ) . Wi t h the function $c, YHe is much larger than with $ ;, by at most a factor 
2.5,, due to the fact that the longest-lived He stars come from progenitors with 90 close to 1. The 
mostt marked difference in Ycc is the much steeper increase towards high Mi for <S?C, resulting 
inn larger Ycc for high new primary mass but smaller for low M 2 . A second difference is the 
muchh smaller fraction of systems with q0 < 0.4 (Ycc - Y^f), about 0.01 for $c , compared to 
0.0355 for $ j . On the other hand, Y0

C
4
C (representing the fraction of Be+CC systems) is not very 

sensitivee to $(go) for small M 2 (< 8 M 0 ) . However, for larger masses it becomes gradually 
largerr with 3>c compared to $ i , up to 70 % at M 2 = 17 M@. This results from the fact that 
mostt white dwarf and neutron star companions originate from intermediate go- Only for large 
MiMi  do systems with large go a l s o produce a significant number of compact companions, hence 
thee increase in Ycc. 

Thee mass-loss fraction is varied in Fig. 5.8. Increasing ƒ has two general effects, both caused 
byy the smaller amount of accretion, which results in a smaller new primary mass from a certain 
progenitor.. First, there is an overall decrease in Y, for both the CC and the He star systems, 
sincee for a fixed value of M 2 the progenitors are, on average, more massive and less numerous2. 

Second,, similar to the case with larger a, for fixed values of g0 and M 2 the He star is more 
massivee so that neutron stars are produced at smaller new primary mass. Therefore, with 
increasingg ƒ, a larger value of gmj „  must be assumed to explain the observed lower mass limi t 

22 Only for very small M 2 the numbers are comparable, because their initial mass ratios are generally small 
andd ƒ is close to 1 for small go in both models. 
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Figur ee 5.7: Same as Fig. 5.4, but with different initial mass ratio distributions: (a, b) for * = * c(go); 

(c,, d) for * = *i(go)-

Tabl ee 5.1: The parameters used in the three models. For the overshoot parameter, a = 0.125 

wass used throughout. 

Qmin Qmin 

* (?o )) <x 

modell  A model B modell  C 

/i(go)) /o(go) /2(go) 
0.44 0.3 0.5 

(11 + g0)~3 constant 1/(0.01665 + g0
2 7) 

off  Be+NS systems. Hence, for the function /2(go), Qmin = 0.5, and for /o(go), 9mm = 0.3 offers 
thee best correspondence to this limit . There remains of course the observational uncertainty 
discussedd in Sect. 5.3.1. 

Apparentlyy the parameters that have most influence on the predicted fractions are the mass-
losss fraction /(go) a nd the initial mass ratio distribution $(go)- The overshoot parameter a 
iss less important, certainly for the total fractions. In the next Section we wil l calculate the 
numberss of post-mass-transfer binaries per spectral type. In order to estimate upper and lower 
limits,, we wil l define three models, A, B and C, corresponding to the standard model, the "most 
favourable""  and the "least favourable" conditions, respectively. The parameters used for these 
modelss are given in Table 5.1 and the fractions calculated with them are shown in Fig. 5.4 
(modell  A) and Fig. 5.9 (models B and C). The parameter gm m in each of these models was 
chosenn such that it yielded no Be+NS systems later than B2. In view of the uncertainty in this 
limit ,, the resulting numbers are probably underestimated rather than overestimated. 
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Figur ee 5.8: Same as Fig. 5.4, but with different relations for the mass-loss fraction f(qo)'- (a, b) for 
ƒƒ = /o(<7o)i dotted lines are for qmin = 0.2, 0.3 and 0.4; (c, d) for ƒ = /2(?o); dotted lines are for 
IminImin = 0.4 and 0.5. 

5.44 P r e d i c t ed N u m b er  D is t r ibu t ion s 

I nn this Section, we wil l compute the number of rapidly rotating B+evolved companion systems 
wee expect to be contained in the Bright Star Catalogue (Hoffleit and Jaschek, 1982, hereafter 
referredd to as BSC). We wil l also compute the number of systems we expect to find within 
11 kpc. In Sect. 5.4.1 the predicted number distributions are presented. In Sect. 5.4.2 the results 
aree compared with observations. 

5.4.11 Resu l ts 

I nn order to test our evolutionary model, we need to investigate the characteristics of a large, 
homogeneous,, well studied and unbiased sample of B stars of spectral types B0-B9.5 and 
luminosityy classes III-V . The B stars in the Bright Star Catalogue form such a unbiased sample, 
albeitt a flux-limited one. The BSC lists stars brighter than about V ~ 7^0 and is almost 
completee up to V = 6™5. Table 5.2 lists the number distribution of all B stars ( 'normal' B stars 
ass well as Be stars), with luminosity classes I I I - V in the BSC (column 3)). The Be stars are 
listedd separately in column 4. In order to compare our model calculations with observations, 
nott only need we obtain the total observed number distributions of rapidly rotat ing B- type 
stars,, expected from our model calculations, but also the distribution of the companion stars. 

AA total number of 1651 B type stars is contained within the BSC, 193 of which are listed 
ass 'Be star '. Of these, 1485 (178) are brighter than 6™5. These numbers differ somewhat from 



5.4.. Predicted Number Distributions 

Figur ee 5.9: Predicted fractions Yqmi„  (solid lines) for model B (a, b) and model C (c, d; see Table 5.1). 
Thee dotted lines give the total fractions Y, i.e. with gmj n = 0. 

thee results by Jaschek and Jaschek (1983), who found a total number of 1547 B stars, and 
1655 Be stars, respectively. This difference is due to the fact that in our analysis we included 104 
late-typee B/Be stars, with unknown luminosity classes, but with spectral characteristics that 
indicatee that they are most likely main sequence stars (the so-called Mn and Cr-Eu-Sr stars, 
Vann den Heuvel, private communication). 

Sincee the BSC forms a flux-limited sample of stars, we wil l also estimate the number of 
post-casee Br mass transfer systems we expect within 1 kpc. Prom the number of B and Be stars 
inn the BSC with visual magnitudes V < 6™5, we can compute the number of B and Be stars we 
expectt to find within 1 kpc from the Sun, adopting a My-spect ral type relation (Schmidt-Kaler 
1982)) and assuming that, within 1 kpc, the Galaxy is a homogeneously filled, cylindrical disk. 
Thiss is a reasonable assumption, since the scale height for B stars is 90 pc (Mille r and Scalo, 
1979).. For an interstellar extinction of Ay =1'P9 kpc "1 (Allen, 1973) the results are listed in 
Tablee 5.2 (columns 5 and 6). 

Thee model calculations presented in Section 5.2 yielded, as a function of pr imary mass 
M 2 ,, the ratios of the number of evolved B+He, B + W D, and B+NS systems to the number of 
unevolvedd systems of the same mass, Y(M2) (cf Eq. 5.13). However, one observes the rat io of 
thee number of evolved systems, to the total number of B stars (evolved plus unevolved), of a 
givenn mass. The observed fraction is given by: 

YYobsobs(M2)(M2) = Y(M2) YYtottot(M(M22)) + 1 
(5.20) ) 
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Tab l ee 5.2: Statistics of Bright B and Be stars. Column 2 lists the adopted masses from 
Harmanecc (1988). Columns 3-4 give the total number of B and Be stars contained within the 
BSC.. I n columns 5-6 the estimated numbers of B and Be stars to be found within 1 kpc are 
listedd (see Section 5.4.1). I n the last two columns the model predictions for our 'best' model 
(modell  A) are summarized. 
Spec. . 
Typ e e 

BO O 
BO.5 5 
Bl l 
Bl.5 5 
B2 2 
B2.5 5 
B3 3 
B4 4 
B5 5 
B6 6 
B7 7 
B8 8 
B9 9 
B9.5 5 
Total l 

Adopted d 
masses s 

(Mo) (Mo) 
14.57 7 
13.19 9 
11.03 3 
9.73 3 
8.62 2 
7.20 0 
6.07 7 
5.12 2 
4.36 6 
3.80 0 
3.38 8 
2.91 1 
2.52 2 
2.38 8 

BSC C 
stars s 

B+Bee Be 

200 3 
222 1 
477 8 
411 5 

1855 41 
788 15 

1533 22 
644 19 

1399 12 
900 17 

1044 12 
2577 21 
3400 13 
1111 4 

16511 193 

Withi n n 
11 kpc 

B+Bee Be 

344 6 
533 3 

1533 27 
1644 22 
9022 205 
5399 96 

14122 210 
6366 185 

17444 161 
14244 260 
19788 253 
62888 554 

118677 435 
48044 190 

319988 2607 

Model l 
Predictions s 
BSCC 1 kpc 

2.44 4.2 
2.66 6.2 
5.11 16.7 
4.22 16.8 

17.77 86.2 
6.77 46.6 

11.88 109.1 
4.22 42.1 
7.77 96.0 
4.11 64.1 
3.88 71.5 
6.33 154.5 
4.77 162.2 
1.22 46.7 

82.44 925.8 

wit hh Yoba(M2) either Y£(M2),YZD(M2) or Y™{M2) and 

Ytot(MYtot(M22)) = YWD(M2) + YHe(M2) + YNS(M2) + YnmC(M2) (5.21) 

wi t hh Ynon (M2) the fraction of systems wi th initial mass ratio go < <7m»n (see Sect. 5.3). 
Harmanecc (1988) presented stellar masses as a function of Teff and, using Popper 's (1980) 

scalee of effective temperatures, obtained a mean relation between mass and spectral type. We 
adoptedd Harmanec's mass-spectral type relation to convert the fractions Y(M2) to Y(SpT), i.e. 
thee fractions as function of spectral type. T he adopted masses are listed in Table 5.2. We would 
lik ee to emphasize that the adopted masses are mean values and that the spread in masses is 
qui tee large. 

Too obtain the expected number distributions over spectral type, we folded the fractions 
Y(SpT)Y(SpT) with the number distr ibution of all B- type stars in the BSC (cf column 3 of Table 5.2). 
Thee predicted distr ibutions of the companions for all three models are listed in Table 5.3. Model 
AA predicts a number of 82 rapidly rotating B stars from close binary evolution, whereas our 
mostt 'opt imist ic' model (model B) predicts 116. Model C yields only 32 such objects. 

Thee expected distr ibution within 1 kpc is obtained by folding the fractions Y(SpT) with 
thee numbers of column 5 of Table 5.2. The model predictions are listed in Table 5.4 for all 3 
models.. For model A a total number of 926 rapidly rotating B stars with evolved companions 
iss predicted. Model B produces 1244 such systems, model C only 414. 

I nn Figure 5.10a we have plot ted the number distr ibution of rapidly rotat ing B stars that 
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Tablee 5.3: Predicted number distributions of rapidly rotating B stars with an evolved com-
panionn in the BSC. 

Spectral l 
Typ e e 

BO O 
BO.5 5 
Bl l 
Bl.5 5 
B2 2 
B2.5 5 
B3 3 
B4 4 
B5 5 
B6 6 
B7 7 
B8 8 
B9 9 
B9.5 5 
Total l 

Modell  A 
WDD NS He 

0.55 1.2 0.8 
0.88 0.8 1.0 
1.77 0.9 2.5 
1.44 0.5 2.3 
5.99 0.9 10.9 
2.00 - 4.7 
2.88 - 9-1 
0.88 - 3.5 
1.11 - 6.6 
0.44 - 3.7 
0.33 - 3.5 
0.33 - 6.0 
0.11 - 4.5 
0.00 - 1.1 

18.00 4.2 60.2 

Modell  B 
WDWD NS He 
0.77 1.5 1.3 
1.11 1.1 1.6 
2.99 0.6 3.9 
2.22 0.3 3.6 
8.33 0.4 16.8 
2.55 - 7.2 
2.99 - 14.0 
0.66 - 5.5 
0.66 - 10.3 
0.22 - 5.5 
0.11 - 5.1 
0.11 - 8.2 
0.00 - 5.4 

-- 1.3 
22.22 3.8 89.6 

Modell  C 
WDD NS He 
0.00 0.6 0.2 
0.11 0.5 0.3 
0.55 0.7 0.6 
0.66 0.3 0.6 
3.11 0.5 2.7 
1.22 - 1.2 
1.88 - 2.4 
0.55 - 1.1 
0.77 - 2.3 
0.33 - 1.4 
0.22 - 1.4 
0.22 - 2.8 
0.11 - 2.7 
0.00 - 0.8 

9.11 2.6 20.4 

Tablee 5.4: Predicted number distributions of rapidly rotating B stars with an evolved com-
panionn within 1 kpc from the Sun. 

Spectral l 
Typ e e 

B0 0 
BO.5 5 
Bl l 
Bl.5 5 
B2 2 
B2.5 5 
B3 3 
B4 4 
B5 5 
B6 6 
B7 7 
B8 8 
B9 9 
B9.5 5 
Total l 

Modell  A 
WDD NS He 

0.88 2.0 1.4 
1.99 1.9 2.5 
5.44 3.0 8.2 
5.66 1.9 9.3 

28.66 4.3 53.3 
14.00 - 32.6 
25.55 - 83.6 
7.88 - 34.4 

13.22 - 82.8 
6.33 - 57.8 
5.55 - 66.0 
8.11 - 146.4 
5.00 - 157.2 
1.00 - 48.7 

128.66 13.0 784.2 

Modell  B 
WDD NS He 

1.22 2.6 2.2 
2.77 2.5 3.8 
9.33 1.9 12.7 
8.77 1.1 14.3 

40.66 1.8 81.7 
17.00 - 50.0 
26.99 - 129.6 
5.55 - 54.7 
7.66 - 128.7 
3.22 - 86.9 
2.55 - 96.5 
2.88 - 201.2 
0.88 - 189.8 
0.11 - 54.0 

128.77 10.0 1105.9 

Modell  C 
WDD NS He 

0.11 1.0 0.4 
0.22 1.3 0.6 
1.77 2.1 2.1 
2.44 1.2 2.3 

15.00 2.5 12.9 
8.11 - 8.2 

16.22 - 22.6 
5.22 - 10.4 
8.44 - 28.5 
3.99 - 21.8 
3.44 - 26.9 
4.55 - 69.1 
2.22 - 95.6 
0.44 - 32.8 

71.44 8.2 334.2 

wee expect for the Bright Star Catalogue. The solid line gives the results for our 'best' model 
(modell  A), the dashed and dotted lines for our 'extreme' models (models B and C, respectively). 
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BO-l.55 B2 B2.5-3B4-5 B6-7 B8 B9 B9.5 BO-1.5 B2 B2.5-3B4-5 B6-7 B8 B9 B9.6 
Spectrall  Type Spectral Type 

F iguree 5.10: Predicted number distribution for models A, B and C (solid, dashed and dotted lines, 
respectively),, (a) Total distribution of rapidly rotating B stars, (b) Distribution of He star companions, 
(c)) Distribution of white dwarf companions, (d) Distribution of neutron star companions. 

I nn order to demonstrate the different distributions more clearly, we rebinned the data: all stars 
fromm B0-B1.5 have been summed, as have been those of types B2.5-B3, B4-5 and B6-7. Prom 
Fig.. 5.10a we see that the predicted distributions are very similar in shape. Al l models peak 
aroundd spectral type B2, albeit that for model C the peak is less pronounced. 

I nn Fig. 5.10b, c and d we have plotted the predicted BSC distributions for the companion 
stars.. Since, on average, about 74 percent of the companions are helium stars, the distr ibution 
off  helium stars companions (Fig. 5.10b) is very similar to the total distribution (cf Fig. 5.10a). 
Thee distr ibut ion of white dwarf companions (Fig. 5.10c) for spectral types B4 and later appears 
too be insensitive to the exact choice of parameters. However, as mentioned in Sect. 5.3.1, it is 
quitee sensitive to the adopted value of qmin, which was chosen such that no neutron star systems 
aree found at spectral types later than B2 (see Fig. 5.10d). For instance, if we use gm;„  = 0.3 
insteadd of 0.4 for model A, the predicted number of white dwarf systems in the Bright Star 
Cataloguee increases from 18 to 27, and the number of neutron star systems increases from 4 
too 10, 2.3 of which have spectral types B2.5-B4. These uncertainties make predictions of the 
exactt number of white dwarf and neutron star systems very difficult . The distr ibution of He 
starr companions is not so strongly affected by the value of gm;n and, since most of the systems 
wil ll  have a helium star companion, neither is the total distribution of rapidly rotat ing stars. 
Usingg qmin = 0.3 instead of 0.4 produces 100 systems in total, instead of 82. 

I nn Table 5.5 we list the total number of systems with go < Qmin for models A through C, 
i.e.. the systems which have been assumed not to result in rapidly rotat ing B(e) stars. Note, 
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Tabl ee 5.5: Expected total numbers of B stars with an evolved companion from progenitors 
wit hh qo < 9min, within the BSC and within 1 kpc. The numbers in parentheses in the last 
columnn are the expected numbers of B+NS systems with spectral type B2.5 and later. 

model l 

A A 
BSCC B 

C C 
A A 

11 kpc B 
C C 

total l 

27.7 7 
14.7 7 
42.1 1 

494.1 1 
252.3 3 
815.0 0 

Hee WD NS 

2.55 13.0 12.2 (6.5) 
1.77 7.3 5.7 (2.5) 
2.99 15.8 23.4 (16.5) 

54.55 311.0 128.6 (104.7) 
40.00 165.8 46.4 (33.0) 
61.33 398.1 355.7 (326.4) 

however,, that the cited numbers of WD systems are extremely sensitive to the precise value of 
Imin-Imin- The fate of the systems with go < 9min is unclear, as mentioned in Sect. 5.3.1. We wil l 
furtherr discuss these systems in Section 5.5.6. 

5.4.22 Compar i son w i t h observat ions 

I nn the previous Section, we computed the number distr ibution of B-type stars that, as a result 
off  case B close binary evolution, should be rapidly rotat ing and have an evolved companion. 
Thoughh some of these rejuvenated stars may become Be stars, i t is not necessarily true that 
allall  of them do so. In fact, there is a large number of rapidly rotat ing B stars that are not 
classifiedd as Be stars. For wsint > 200 km/s the 'normal' B stars in the BSC even outnumber 
thee Be stars 2 to 1. We wil l therefore compare the predicted number distr ibutions with both 
thee observed distr ibution of 'rapid' B stars, and the observed Be star distribution. 

Theree are 182 B (and Be) stars with known v s ini > 250 km/s. Since only about 65 percent 
off  the bright B stars have values of v s i ni listed in the BSC, we would expect a total number 
off  280 B stars with v s ini > 250 km/s within the BSC, if the 35 percent of stars with unknown 
vv s ini have on average the same distribution of rotational velocities as those with known v sin i. 
Forr a limi t to v s ini of 300 km/s there are 96 Be stars, and we would expect 148 to be contained 
inn the BSC. 

Ann addit ional problem in trying to compare the Be star and the close binary distr ibutions 
iss the question if the present distr ibution of Be stars in the BSC is in some way affected by the 
variabilityy of the Be phenomenon. In some cases, Be stars are known to lose their Be character 
altogetherr (Jaschek et al., 1980). The BSC lists a star as a Be star if i t shows or has shown Ha 
emission.. Therefore, the number of known Be stars is a lower limi t to the actual number of Be 
stars. . 

Thee fraction of 'dormant' Be stars is very difficul t to estimate, and it is hard to predict 
iff  it would affect the shape of the distr ibution of Be stars over spectral type. Of the 165 
Bee stars with known luminosity classes listed in the BSC (Jaschek and Jaschek, 1987), 101 
weree detected in the far-IR by IRAS (Coté and Waters, 1987), i.e. at a given t ime, about 60 
percentt of the Be stars are in a more or less 'active' phase. Coté (1987) searched the IRAS 
Pointt Source Catalogue (1985) for as yet undiscovered Be stars. She found only 3 candidates, 
usingg a rather strict criterion for the IRAS fluxes, which was met by 68 of the 101 Be stars in 
thee sample of Coté and Waters (1987). Therefore, if the 'dormant' population is similar to the 
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100 0 

BO-l.55 B2 B2.G-3 B4-5 B8-7 BB B9 B9.G 

Spec t rall  Type 
F iguree 5.11: (a) The expected distributions for rapidly rotating B stars from CBE for our best model 
(solidd line), the observed distribution of Be stars (dashed line) and the observed distributions of rapidly 
rotatingg B stars in the BSC. The dotted lines represent all bright B stars with usini > 250 km/s and 
vv sin i > 300 km/s, respectively. Note that of all B stars in the BSC only about 65 percent have measured 
valuess for usin i. (b) The input distribution of all B and Be stars in the BSC. 

knownn populat ion, there can be only a few (about 5 percent of the known population) of such 
'dormant'' Be stars. However, Be stars have been studied extensively only for some 20 years. 
Jaschekk et al. (1980) found that cycles of variation in activity can be quite long, and appear to 
increasee with later spectral type. Therefore, if the 'dormant' Be stars belong to a populat ion 
wit hh very long periods of inactivity (decades or longer), their number can be much larger than 
suggestedd above. In that case, the distribution over spectral type may also be affected. 

Plot tedd in Fig. 5.11a are the model predictions for model A (solid line) and the observed 
distr ibut ionss for Be stars (dashed line) and 'rapid' B stars (dotted lines). As in the previous 
Section,, we have rebinned the data to demonstrate the different distributions more clearly. 
Figuree 5.11a clearly shows the similarity in shape of the distribution of our model prediction 
andd the Be star distr ibution: both peak around B2 and fall off sharply towards later spectral 
type.. Both distr ibut ions of ' rapid' B stars, however, have a very different shape: rather flat 
fromm B0-B6, and increasing towards B8-9. Subtracting the Be stars from these samples would 
showw this peak even more prominently. In fact, the distribution of 'rapid' B stars is very similar 
too the total distr ibut ion of all B stars (see Fig. 5.11b). 

Thee similarity between the distributions of CBE-remnants and Be stars suggests a common 

== i — i | i — i — i — | — i — i — i — | — i — i — i — | — = 

observedd Bo (a) -

vv sin 1 > N/ 
2600 k m / s ^'^^^-^y'  '" 

II I I I I I I I 1 I I 
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origin.. Note that the shape is not strongly dependent on our model assumptions. However, 
modell  A predicts only 82 such systems, whereas there are 194 Be stars within the BSC (i.e. 
onlyy 40 percent). Even our most optimistic model (model B) can account for no more than 
600 percent of the Be stars. Furthermore, we have tacitly assumed that all CBE products wil l 
indeedd be Be stars. This may not be true, i.e. the CBE number distr ibution is always an upper 
limi tt to the actual contribution to the number distribution of Be stars. 

I nn what follows, we consider two extremes: the CBE remnants contribute a negligible frac-
t ionn to the populat ion of Be stars, or the CBE products dominate the Be distr ibution. Both 
extremess are possible within reasonable assumptions for our model parameters. 

1.. Negligible contribution of CBE products to Be star population. 
I ff  the CBE channel contributes only negligibly to the total number of Be stars, then the 
similarityy in shape between Be star and CBE number distr ibution (Fig. 2.11) would be 
fortuitous.. The observed number distribution of Be stars over spectral type would in this 
casee be entirely due to the "efficiency" with which the Be mechanism operates in stars of 
differentt spectral type, apparently rather efficient at B2, and dropping off to earlier and later 
spectrall  types. 

2.. Dominant contribution of CBE products to Be star population. 
I nn this case the distr ibution of Be stars over spectral type is controlled by the efficiency of the 
product ionn of CBE B stars as a function of spectral type, which would natural ly result in the 
CBEE and Be star distr ibution having the same shape. This possibility has vast consequences 
forr our understanding of the Be phenomenon. I t has been assumed up to now, that the 
distr ibutionn of Be stars over spectral type is an intrinsic property of the Be phenomenon, and 
hass to be one of the key features in any physical model. If the Be spectral type distr ibution 
iss dominated by the CBE production efficiency, then the Be distr ibution does not represent 
aa property of the Be mechanism, and we would conclude that we do not know if and how the 
Bee mechanism depends on spectral type! 

Thee best way to check which of the above mentioned possibilities is the correct one, is of 
coursee to determine the binary frequency and mass function of Be stars. This however is difficul t 
inn practice, as we shall see in Sect. 5.5.1 

Wi th i nn the BSC there is one confirmed 'classical' Be/X-ray binary: X Per (09.7ep, P^i ~ 
5800 days, Stella et al. 1986). The observed X-ray luminosity (1034 erg/s) is consistent with a 
neutronn star companion, as is the fact that it is an X-ray pulsar (Ppuise = 835 sec). Another 
Be+NSS candidate is 7 Cas (BOIVe, Lx = 2 1033 erg/s), but in this case no orbital period is 
known.. Furthermore, the X rays are not pulsed. The presence of one, possibly two Be+NS 
systemss within the BSC is, within the uncertainties, consistent with our model predictions, for 
modelss A through C. 

Presently,, there are 5 candidates of Be+WD systems in the Bright Star Catalogue (Waters, 
1989).. They are listed in Table 5.7 (see Sect. 5.5). As the sensitivity of X-ray detectors 
increases,, we expect to find more of these low-luminosity Be/X-ray binaries (see Sect. 5.5.2), 
188 of which should be contained within the BSC (model A) . 

5.55 Observat ional Consequences 

5.5.11 Dup l i c i t y of Be s tars 
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Tab l ee 5.6: Spectroscopic binary Be stars, arranged in order of increasing mass function f(M). 
Thee Table is divided in four par ts, which are discussed in Sect. 5.5.1. The last part contains 
systemss for which the mass function was derived from the spectrum of the companion (*) . 

HRR name 

11422 17 Tau 
11655 -q Tau 
12733 48 Per 
47877 K Dra 
2142 2 

888 Her 
19100 C Tau 
23433 u Gem 
61188 x Oph 
4966 4> Per 

59388 4 Her 
11422 17 Tau 
28455 & CMi 
16599 103 Tau 

1933 o Cas 
17888 T) Ori 

HD187399 9 
87622 o And 

HD173219 9 
71066 p Lyr 
2577 7 

21488 17 Lep 
73244 v Sgr 

AXX Mon 
KXX And 

P^P  ̂ (d) e f(M) 

4.2922 0 0.0005 
4.13499 0 0.0006 

16.599 0 0.0011 
61.555 0? 0.002 
80.866 0 0.007 
86.599 0.16 0.0079 

132.911 0.16 0.0094 
40.1988 0 0.033 

138.88 0.44 0.035 
126.6966 0.02 0.062 

46.1944 0.34 0.069 
100.466 0.52 0.11 
218.4988 0.48 0.17 
58.311 0.19 0.28 

10333 0.11 0.72 
7.98411 0.0 2.5 

27.97055 0.39 2.6 
23.88 yr? 0.22 3.9? 
58.3955 0.08 5.0 
12.93499 0.0 8.4 
588 yr? 0.35 14.5? 

260.00 0.13 0.24* 
137.95677 0.06 1.7* 
232.55 0.02 3.3* 
38.99 ? ? 

ref.1 1 

J J 
J J 
J J 

Ju u 
B B 
B B 
B B 
J J 
B B 
B B 

B B 
B B 
J J 
B B 

B B 
B B 
B B 
B B 
B B 
B B 
B B 

B B 
B B 
B B 
S S 

comments s 

otherr Port, than (B) 

uncertainn binary 

uncertain n 
uncertainn orbit 

nott found by (J) 

uncertainn orbit 
triple;; member OB-ass. 

comp.. A2p (shell?); not found by (J) 
uncertainn orbit 

comp.. K2II ; P ^ uncertain 

comp.. M1II I 
comp.. F2pe (He rich) 
comp.. gKO 
comp.. K: 

References:: (B) Bat ten et al., 1989. (J) Jarad et al., 1989. 
(Ju)) Juza et al., 1990. (S) Stefl et al., 1990. 

I ff  a large fraction of the Be stars are the products of close binary evolution, we would expect 
t hatt most Be stars are binaries. However, the observational evidence for binarity of Be stars is 
ra therr poor. In Table 5.6 we present a list of Be stars that are known or suspected spectroscopic 
binaries.. We emphasize that most of the orbital elements listed by Batten et al. (1989) are 
classifiedd as 'poor' or 'very poor', and for many systems the binary nature is not at all certain. 

Thee poor evidence for duplicity is not very surprising. As pointed out in Sect. 5.3.1, the 
expectedd mass ratios of the post-mass-transfer Be stars are small, ~ 0.1-0.2, whereas the orbital 
per iodss wil l be large (i.e., comparable to those of Be/X-ray binaries). This implies very small 
radiall  velocity variations and mass functions. For instance, a typical 5 MQ Be star with a 0.5-
1.00 MQ companion would have a velocity ampl i tude Kj s int <>  20-40 km/s for orbital periods 
^^ 5 days. Such small variations are difficult to detect in the spectrum of a Be star, due to 
thee intrinsic variability and rotational broadening of the absorption lines and the presence of a 
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circumsteUarr disc. Indeed, most Be/X-ray binaries are not known to be spectroscopic binaries. 
Inn spite of the poor quality of the data, we have divided the Be stars listed in Table 5.6 into 

fourr groups, according to their mass function f(M)i 

1.. The systems with the smallest f(M) are compatible with our predictions, i.e. their derived 
masss ratios q are ;$ 0.2. Except for one (uncertain) system, they also have eccentricities close 
orr equal to zero, as is expected after a mass transfer phase. Indeed, for <f>  Per there is evidence 
forr a He star companion and 48 Per and « Dra are suspected X-ray sources and possibly have 
aa white dwarf companion. 

2.. The next group have somewhat larger f(M), pointing towards q ~ 0.5. They also have 
fairlyy large eccentricities. Therefore, these are probably unevolved binaries which have not 
undergonee mass transfer, although the mass function permits a neutron star companion for 
33 of them (4 Her, 17 Tau and f3 CMi). However, these systems are not known to be X-ray 
sources.. (Note that 17 Tau is listed twice; the 100 day period from Batten et al. was not 
foundd by Jarad et al. (1989), confirming the uncertain nature of most systems!) 

3.. These systems have very large / (M) , compatible only with q £ 1. This group contains 
unevolvedd binaries (rj  Ori) as well as a variety of 'strange' systems: 0 Lyr is in the process 
off  mass transfer and HD 187399 should have a very massive companion that is not observed. 
Otherr systems in this group are quite uncertain. 

4.. Systems with spectroscopically observed cool, possibly Roche-lobe fining companions. Their 
masss functions are determined from the companion spectrum and indicate small q (^ 0.3). 
Thesee are probably in the mass transfer phase, which for v Sgr is probably the second phase, 
sincee the companion is a He-rich, H-poor giant. 

Abtt (1987) concludes that the binary frequency and the period distribution for periods > 
300 days are the same for both B and Be stars. Abt further remarks that there is a lack of short 
periodd Be binaries (Porb < 30 days), which he attributes to tidal braking of the rapidly rotating 
star,, which then loses its Be character. However, calculations of tidal interaction (Zahn, 1977) 
showw that only for f ^ j g, 10 days the synchronization time scale (which is a very strong function 
off  Port,) becomes shorter than the main-sequence life time. Recently, Jarad et al. (1989) found 
threee Be binaries with short P^t (see Table 5.6) and some Be/X-ray binaries also have P ^ < 30 
days.. Abt (1987) also concludes that the mass-ratio distribution of Be stars is similar to that 
off  (unevolved) B stars. Prom Table 5.6, however, it appears that binaries with q < 0.2 are 
thee most abundant, and there may be a lot more undetected systems. We conclude that the 
evidencee for Be-binarity is consistent with our earlier conclusion, i.e. a significant fraction of 
(butt not all) Be stars are post-mass-transfer binaries. 

5.5.22 Be + whit e dwarf systems 

Inn Be+WD systems, the white dwarf accretes matter from the circumsteUar wind of the Be star, 
therebyy generating X-rays. The total expected X-ray luminosity depends on the orbital period 
off  the system, the density and the outflow velocity of the stellar wind, at the position of the 
whitee dwarf. Waters et al. (1989) computed that, for a typical range of orbital periods, densities 
andd wind velocities, the X-ray luminosities of Be+WD systems should be in the range Lx ~ 
1029-10333 erg/s. For comparison, "classical" Be/X-ray binaries (i.e. the Be+NS systems) have 



88 8 55 Formation of Be stars through CBE 

Tabl ee 5.7: Candidate Be+WD Be/X-ray binaries. 

Name e 

488 Per 
KK  Dra 

HRR 4830 
fifi 22 Cru 

HRR 4804 

Sp.T. . 

B3Vne e 
B6IIIpe e 
B2III e e 
B5Vne e 
B8Vne e 

LxLx (erg/s) 

22 1032 

22 1031 

1 032 2 

1032 2 

1032 2 

ref.1 1 

P P 
P P 
T T 
T T 
T T 

Porb Porb 
16.6 6 
61.6 6 

10.2(?)2 2 

--
--

References:: (P) suspected X-ray source, Peters, 1982. (T) Tuohy et al., 1988. 2Orbi tal period 

fromfrom BSC (Hoffleit and Jaschek, 1982). 

luminosit iess of 103 4-1038 erg/s (Stella et al., 1986). Waters et al. (1989) mention two Be stars 
thatt are low-luminosity X-ray sources and may be Be+WD systems: fi2 Cru (HR 4899, B5Vne) 
andd HR 4804 (B8Vne). Waters (1989) mentions three additional candidates. The candidate 
B e + WDD low-luminosity X-ray binaries are listed in Table 5.7. Of these, at least two are 
spectroscopicc binaries: 48 Per and K Dra (see Table 5.6). Their orbital periods are roughly in 
thee same range as found for Be+NS systems. 

Thee narrow ridge of X-ray emission in the Galactic plane, discovered by the HEAO-1 A2 
instrumentt (Worrall et al., 1982), was interpreted by Worrall and Marshall (1983) as produced 
byy low luminosity X-ray sources (Lx < 1032 erg/s), such as cataclysmic variables, RS CVn or 
dMM stars. Warwick et al. (1985) studied the Galactic ridge with EXOSAT, they found a total 
X-rayy luminosity of 1038 erg/s and a scale height of ~ 100 pc. They suggested contributions 
off  discrete, low-luminosity {Lx < 1033'5 erg/s) sources, such as CVs, RS CVn systems, and 
possiblyy 'classic' Be/X-ray binaries, such as X Per and 7 Cas. Since B e + WD systems are 
expectedd to have luminosities <, 1033 erg/s, have scale heights ^ 100 pc (Mille r and Scalo, 
1979),, and are more numerous than the Be+NS systems, such as X Per, they may be significant 
contr ibutorss to the Galactic ridge. 

5.5.33 B e + h e l i um star  s y s t e ms 

Ourr model calculations show that most Be stars that result from CBE wil l have a helium 
starr companion. The helium stars wil l have masses of typically 0.3-2.5 Af©, depending on the 
masss of the Be star (see Fig. 5.5) On the helium main sequence, the stars wil l have effective 
temperaturess in the range 30,000-80,000 K and luminosities from 3.0 L© to 4.5 103 L©. Systems 
thatt now have a fairly massive primary of, say, spectral type B2V, wil l typically have He star 
companionss of M ~ IMQ. A good candidate Be + He star system is <j>  Per (HR 496, B2Vep). 
Accordingg to Poeckert (1979, 1981) it is a binary with a period of 126.696 days, and masses of 
211 M© and 3-4 M 0 , respectively. 

I nn Fig. 5.12a we have plotted the combined energy distribution of a B2V star with a 1 M© 
Hee star companion (Teff = 50 ,000 ,̂ R = 0.2-R©, logg = 5.84). For the B2 star we used the 
modell  calculations of Kurucz (1979) for T e/ / = 22,500K and log g = 4.0. For the helium star 
wee used an LTE atmosphere model, adopting a chemical mixture of X = 0.1 and Y = 0.9. For 
aa B2V primary, the mass of the helium star companion wil l be ^ 2 M©, larger masses may 
occurr but wil l be very rare. Typically, a 2.0 M© companion wil l be a 70,000K He star with a 
radiuss of 0.33.R© and log g ~ 5.7. In Fig. 5.12b we have plotted the expected combined energy 
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Figur ee 5.12: The combined energy distributions of a B2V staf, using a Kurucz (1979) model with Te/f = 
22,500KK and logg = 4.0, and: (a) a 1 MQ, 50,000 K helium star companion; (b) a 2 M&, 70,000 K helium 
star.. For wavelengths longward of 1600 nm, the fluxes of the helium stars have been extrapolated, using 
aa Rayleigh-Jeans approximation. The helium star models are for a chemical composition of X = 0.10, 
YY = 0.90. 

distr ibutionn for a B 2V star with a 2 MQ helium star companion. 
Fromm the combined energy distributions we can see that the luminosity in the XUV , below 

aboutt 90 nm, is dominated by the helium star. At longer wavelengths the contribution of the 
heliumm star is negligible and it would remain undetected. However, it might be possible to 
detectt the helium star due to the presence of He lines, as is the case in <f>  Per. 

5.5.44 B lu e Stragglers in Young O p en Clusters 

Ann independent test for our hypothesis may come from young open clusters, since they form ho-
mogeneouss sets of stars of the same age, chemical composition and distance. In a Hertzsprung-
Russelll  diagram (HRD) of a cluster, blue stragglers are stars lying to the left of the main 
sequencee turnoff point for the cluster, i.e. they appear to be still on the main sequence, whereas 
lesss massive stars in the cluster already seem to have evolved off the main sequence. Though 
manyy explanations for their existence have been offered (see e.g. Mermilliod, 1982a), the sug-
gestionn by McCrae (1964) and van den Heuvel and Rappaport (1987), that these objects are 
thee products of a case B close binary evolution, is very attractive. Indeed, in this case one 
wouldd expect the new primary to have been rejuvenated by accreting a lot of mass during the 
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Tab l ee 5.8: Young open clusters with B type blue stragglers. Column 3 lists the known blue 
stragglers,, some of which are also Be stars. Column 5 gives the total number of Be stars in that 
cluster.. Al l da ta are from Mermilliod (1982a,b). 

Cluster r 

NGCC 1342 
NGCC 1528 
NGCC 2168 
NGCC 2251 
NGCC 2287 
NGCC 2422 
NGCC 2516 
NGCC 3766 

N GCC 6025 
NGCC 6067 
NGCC 6475 

NGCC 66331 

I CC 2602 
Pleiades s 

Star r 

2 2 

1 1 
123 3 

1 1 
109 9 
45 5 

134 4 
5 5 
1 1 

267 7 
26 6 
56 6 
77 7 

37 7 
1432 2 

BS S 

HDD 21728 
HDD 26603 

HDD 41940 
HDD 259954 
HDD 49333 
HRR 2921 
HRR 3147 
HDD 100856 
HDD 143448 

HRR 6647 
HRR 6657 
HDD 170054 

HRR 4199 
HRR 1165 

SpT T 

B8pSi i 

B2V V 
B2IV/B8p p 
B4pHewk k 
B2IVe e 
B2IVne e 

B1.5III I 
B3lVe e 
B2II I I 
B5lVpHewk k 
B6V V 
B6 IV V 
BOIVp p 
B8HIe e 

# B e e 

2 2 
3 3 
13 3 

1 1 
1 1 

4 4 
X NGCC 6633 additionally contains 2 A-type blue stragglers and 2 Ae stars. 

mass-transferr phase, and thus to be found to the left of the cluster's main sequence turnoff 
point.. Additionally, we would expect the star to be rapidly rotat ing after the mass-transfer 
phase,, and to have an evolved companion. In fact, Mermilliod (1982b) remarks that ear ly-type 
bluee stragglers (with spectral types B1-B4) in young open clusters tend to have moderate-to-
highh values of v s in i, and are predominantly of the type Be or Of, whereas blue stragglers of 
laterr spectral type tend to rotate less fast. In Table 5.8 we list some young open clusters that 
havee B- type blue stragglers. In some of these clusters a few of the blue stragglers also have Be 
characteristics.. Listed are the names and spectral types of the candidate blue stragglers in the 
clusters.. I n addit ion to the clusters that contain blue stragglers, there are many clusters that 
aree rich in Be stars, but do not have blue stragglers. Examples are NGCs 663 (24 Be stars), 
8844 (x Per, 13), 6611 (8) and IC 4725 (9), see Mermilliod (1982b). 

Thee Be star frequency in young open clusters is very diverse. The Orion OBI association 
containss only 5 percent Be stars (Abt 1979), x Per 25 percent and NGC 663 34 percent (Sand-
uleakk 1979). However, Abt (1987) remarks that this diversity may be due to selection effects. 
Sanduleakk used multi-year observations of x Per and NGC 663, whereas Schild and Romanishin 
(1976)) used observations of the same clusters made at single t imes. They found significantly 
lowerr Be star frequencies of 10 and 24 percent, respectively. Thus the low Be star frequencies 
foundd by Abt (1979) and Schild and Romanishin (1976), of about 10 percent, may be due to 
selectionn effects. 

A nn interesting example of a B-type blue straggler of early spectral type, 6 Car (BOrVp, 
HDD 93030, HR 4199), was mentioned by Mermilliod (1982a). This star is a single line spectro-
scopicc binary (SB1) with a 1.7788 day period and eccentricity of e = 0.44. I t is also a fairly 
rapidd rotator, with v s i ni « 135 km/s. Another good candidate may be Alcyone (rj  Tau) in 
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thee Pleiades (HR 1165, B7IIIe) , a well-known Be star  that has us in: « 140km/s. Recently, 
Jaradd et al. (1989) found a binary period of 4.1349 days and a secondary mass of 0.3—0.5 M 0 

(Tablee 5.6), which could be either  a whit e dwarf or  a helium star. 
Thee expected number  distributio n in open clusters of B stars wit h an evolved companion 

shouldd be different from the expected distributio n of field stars (see Sect. 5.4). Field stars have 
aa more or  less constant birthrat e and are distributed according to the PDMF, whereas stars 
inn a cluster  are all born at the same tim e and have a distributio n according to an IMF , that 
mayy or  may not be the same for  all clusters. Therefore, our  calculations do not really apply to 
clusters,, and we can only make some qualitativ e statements. For  one, we expect to find most 
Bee stars close to the cluster  turn-of f point, since only systems that come from progenitors wit h 
?oo > Qmin are expected to evolve more or  less conservatively and become Be stars. The most 
massivee ones, coming from progenitor  systems wit h qo close to 1, should be observable as blue 
stragglers.. These most likely have a helium star  companion. Any Be stars of much later  spectral 
typee would most likely be 'primordial '  Be stars, i.e. were born very rapid rotators. Indeed, 
Mermillio dd (1982b) finds that most Be stars are found close to the cluster  turn-of f point. For 
instance,, NGC 884 (x Per) has a turn-of f at BO.5 and none of the 16 Be stars has a spectral 
classificationn later  than B2. Likewise NGC 3766 (turn-of f at B2) has 13 Be stars, none of which 
havee known spectral types later  than B4. However, since B stars of later  spectral type are much 
fainter ,, thi s may be (partially ) due to a selection effect. 

Secondly,, since the Be stars from CBE have been rejuvenated by mass transfer, one would 
expectt  them closer  to the ZAM S than other  cluster  stars. Mermillio d (1982b) found that the 
Bee stars are found all across the main sequence band, between ZAM S and TAMS . On the other 
hand,, Collins and Sonneborn (1977) found that rapidl y rotatin g stars were shifted to the right 
inn the HRD, the amount of which depended on size and orientation of the rotation . Since only 
vv sin i is known, and not v and i separately, the precise evolutionary state of the Be stars is 
unknown.. Recently, Waelkens et al. (1990) found that, in the rich clusters h and \ Per» most 
Bee stars lie to the left of the main sequence, as predicted by the CBE model. 

Thirdly ,, since the fraction of progenitor  systems declines towards later  spectral type (c/ 
Sect.. 5.3), we expect the fraction of Be stars to decline wit h cluster  age, as is indeed observed 
(Mermilliod ,, 1982b). 

Ann alternative explanation for  the blue straggler  phenomenon was proposed by Wheeler 
(1979)) and Maeder  (1987), who suggested that the main sequence lifetim e of a star  can be 
prolongedd considerably by extended internal (rotational ) mixing. In thi s case, blue stragglers 
shouldd also be rapid rotators, but should not be binaries wit h an evolved companion, and 
thereforee should not be accreting X-ra y sources. Since we expect about 25 percent of the 
Bee stars that result from close binary evolution to have either  a neutron star  or  a whit e dwarf 
companion,, and thus to be X-ra y sources, X-ra y observations of young, open clusters should 
provid ee a critica l test for  the validit y of either  hypothesis. 

5.5.55 S e m i - d e t a c h ed s y s t e ms 

Detailedd calculations of case B mass transfer  (van der  Linden, 1987) show that the mass transfer 
stagee can be divided into two phases: a rapid phase, on roughly the thermal tim e scale of the 
primary ,, in which the bulk of the mass is transferred, and a slow phase, durin g which only a 
feww tenths of a M® are transferred. Thi s slow phase lasts much longer  and is terminated by 
thee ignition of helium in the core. The results of van der  Linden show that the total duration 
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off  the mass transfer, dominated by the slow phase, lasts about 2 % of the subsequent helium 
burningg t ime. 

However,, helium stars with masses < 0.33 MQ do not burn helium, so in that case the mass 
transferr is not stopped by helium ignition. Instead it proceeds until almost the entire envelope 
iss transferred. As a result, the semi-detached phase of systems with helium stars < 0.33 M Q 

wil ll  last longer. This only affects remnants with M% < 5 MQ. A lower limi t to the lifetime 
off  these low mass systems can be found by extrapolating the lifetime estimate of the semi-
detachedd phase for higher masses (i.e. two percent of the helium burning time) to lower masses. 
A nn upper limi t to the lifetime can be found by assuming that the entire main sequence lifetime 
off  the new pr imary is spent in the semi-detached phase. 

Wee have calculated the expected number of systems in the mass transfer phase under the 
assumpt ionn that the observed masses for the rejuvenated, new primary are the final ones, i.e. 
ass they wil l be at the end of mass transfer. Since most systems wil l be observed in the slow 
phase,, in which only a small amount of mat ter is transferred, this is a reasonable assumption. 

Thee result ing number of semi-detached systems is rather small: using model A, we expect 
noo more than one semi-detached system for stars with spectral types B0-B4 within the BSC. 
Amongstt stars of later spectral type (B5-B9.5), we expect between 4 and 14 semi-detached 
systems,, corresponding with the assumed lower and upper limit s to the mass transfer lif e t imes. 
Notice,, however, that the above numbers only refer to the products of case Br mass transfer; the 
actuall  number of semi-detached systems may be larger because of product ion through case A 
masss transfer (i.e. while the pr imary is on the main sequence). 

Somee candidates for systems in which case Br mass transfer may be in progress are the 
so-calledd W Serpentis stars (e.g. /? Lyrae, SX Cas). Other candidates are Be stars with a cool, 
Roche-lobee filling  companion (e.g. 17 Lep, AX Mon and KX And). However, at most 15 semi-
detachedd systems are predicted within the BSC. Therefore, the hypothesis that all Be stars are 
inn interact ing binaries is clearly untenable. 

5.5.66 S y s t e ms w i t h s m a ll i n i t i al mass r a t i os 

I nn Sect. 5.3.1 a min imum initial mass ratio qm%n for the progenitors of Be stars was introduced, 
andd we suggested that the systems with qo < qmin may become normal, slowly rotat ing B stars 
wi t hh a neutron star or white dwarf companion. The analysis of Sect. 5.4 shows tha t, with the 
parameterss of model A (i.e. qmin = 0.4), about 130 B+NS systems are expected from systems 
wi t hh go < Qmin wi thin 1 kpc from the Sun, of which about 100 with spectral type B2.5 or later. 
Also,, about 300 B + WD binaries are expected from go < Qmin, »U with late spectral type, but 
thiss number depends heavily on the precise value of qmin-

Wee wil l concentrate on the observational implications for the late type B+NS binaries. Since 
thesee systems wil l have lost a lot of mass and angular momentum during the mass transfer, their 
orbitall  periods should be relatively short and a large fraction of them, possibly all, wil l have 
PorbPorb < 10 days. The rotat ion of the B star wil l be synchronized with the orbit within its main 
sequencee lifetime and, if Porb < 2.5 days, even before the helium star becomes a neutron star. 
Thiss may account for their non-Be character, although rotational velocities up to 200 km/s can 
bee reached for the smallest possible (Roche-lobe filling)  orbits. The spectrum of the B star 
shouldd show radial velocity variations of 30 to several 100 km/s. Also, due to the supernova 
explosionn the systems wil l have received recoil velocities of several tens of km/s. We would 
thuss expect a populat ion of late-type, moderately runaway B stars with fairly large z-heights 
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abovee the Galactic plane (up to a few hundred pc in most cases), which should be single-lined 
spectroscopicc binaries. 

Thee B+NS binaries would not be visible as X-ray sources like the Be+NS systems, since 
thee stellar wind mass loss rate of a normal, late-type B star is very small, M & 10- 11 M©/yr. 
However,, the systems should show up as strong, persistent X-ray sources for a very short time 
whenn the B star expands and almost fills its Roche lobe. X-ray luminosities of 1036-1038 erg/s 
aree expected from beginning, atmospheric Roche lobe overflow (RLOF), until the accretion rate 
becomess too large and the X-ray emission is quenched. The expected X-ray lifetime Tx can 
bee estimated from the expansion rate of the B star (Savonije, 1983). Prom the evolutionary 
calculationss of Maeder and Meynet (1989) we find that Tx is about 2-5 10- 5 times the main 
sequencee lifetime of the B star, if RLOF occurs during the (sub)giant stage. The 100 B+NS 
systemss predicted within 1 kpc with model A imply only 0.3-1 such X-ray sources in the 
Galaxy.. The persistent X-ray source Her X-l (a subgiant with a mass of about 2.35 M©) is 
ann example of this stage, the only one observed in the Galaxy. If evolutionary calculations 
withoutt overshooting are used (e.g., Becker, 1981), TX/TMS turns out to be 3 to 5 times larger, 
i.e.. 1-5 (sub)giant X-ray sources are expected. If RLOF occurs when the B star is still on the 
mainn sequence (i.e., for very small P^j,), TX/TMS can be up to 100 times longer. However, the 
fractionn of systems for which this occurs wil l be small, since the supernova explosion wil l widen 
thee orbit. In order to still have RLOF on the main sequence, the pre-supernova orbit must have 
beenn very small. No such X-ray sources are observed. 

Immediatelyy after the X-ray stage the neutron star wil l spiral into the B star's envelope. If 
aa binary remnant survives, it wil l be a short-period NS+He star, later evolving into a NS+WD 
binary.. Model A predicts that at least 5 % of all neutron stars formed are in such a binary. 
Thee neutron star is a potential radio pulsar, but it may not be observable as such. Until 
itss companion has evolved into a white dwarf, radio pulsations wil l be unobservable due to 
dispersionn in the stellar winds of the B star and the He star. During this time (3 107-109 

years),, the neutron star wil l have spun down beyond the pulsar "death line" and its magnetic 
fieldfield may have decayed. However, it is possible that it was spun up again during the spiral-in, 
orr due to mass transfer from the He star, and re-activated. If both the spin and orbital period 
aree very short, however, the dispersion caused by the orbital acceleration of the neutron star 
mayy again make it unobservable. The expected P^i, is on the order of days or less. The only 
observedd radio pulsar of this kind is PSR 0655+64, which has a magnetic field of 1010 gauss and 
aa white dwarf companion of at least 0.7 M© in a circular orbit with P ^ = 1.03 days (Taylor 
andd Dewey, 1988). Alternatively, this system could have originated from a 8-10 Af© Be/X-ray 
binary. . 

Thee observational evidence for the occurrence of the type of evolution outlined above is quite 
poor;; only Her X-l clearly seems to have followed this scenario. However, present observations 
cannott exclude the existence of late-type B+NS binaries. The B+WD systems wil l be even 
lesss conspicuous, since in these systems no supernova explosion occurs and no neutron star is 
formed. . 

Ann alternative possibility is that all binaries with go < ïmtn coalesce into single stars. These 
starss would have a helium core and probably evolve like primordially single stars. However, 
duee to mass loss during the spiral-in, the ratio of core mass to envelope mass may be different 
fromm that in normal stars and the surface chemical composition may show processed material 
whichh was dredged up in the common envelope phase. However, it is difficult to make concrete 
predictionss about this. 
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Tab l ee 5.9: Summary of the subsequent phases in the scenario for case B close binary evolution 
andd their possible observational counterparts. This Table applies to binaries with initial mass 
rat ioss qo £ 0.4. After the MS+He star phase the Table has been split in two parts for high-mass 
andd intermediate-mass progenitors respectively. 

M °° £ 10MQ 

Af ?? <, 1 0 Mo 

phase e 

unevolved d 

M SS + MS star 
masss transfer 

spun-upp MS star 
++ He star 

2ndd mass transfer? 

spun-upp MS star 
++ NS 

spiral-in n 
NSS + NS binary 

(orr 2 single NS) or 
W DD + NS binary 

spun-upp MS star 
++ WD 

spiral-in n 
NSS -1- WD binary 

or or 
W DD + WD binary 

counterpar t t 

B-typee (spectroscopic) binary 

WW Ser-like systems or 
Bee star with cool companion 

spectroscopicc binary Be star or 
'single'' Be star 

Bee star with He-rich giant comp. 

'classical'' Be/X-ray binary 

eccentricc binary radio pulsar 

circularr binary radio pulsar 

low-luminosityy Be/X-ray binary 

eccentricc binary white dwarf or 
eccentricc binary radio pulsar 

doublee white dwarf (circ. orbit) 

e x a m p le e 

/?Lyr r 
K XX And 

HRR 2142 (?) 
vv Sgr 

X P er r 

SSS 433 (?) 
PSRR 1913+16 

PSRR 0655+64 

488 Per (?) 
KK Dra (?) 

? ? 

? ? 

LBB 3459 

5.66 D i scuss ion and Conc lus ions 

I nn th is paper we have investigated the possibility that Be stars are the remnants of case B 
masss transfer in intermediate mass close binaries. I t was found that only progenitors with 
masss rat ios greater than a certain minimum value, qmin, are capable of producing a Be star 
afterr the mass transfer. The value of qmi„  lies between about 0.3 and 0.5, depending bo th on 
thee evolution parameters and on the observationally determined lower mass limi t of Be/X-ray 
binaries.. The general picture that emerges is as follows: in an intermediate mass binary with 
Ï00 > Qminy case B mass transfer proceeds more or less conservatively (ƒ & 0.5) and yields a 
rapidlyy rotat ing B star, which may be observed as a Be star, whereas a binary with 30 < Qmin 
probablyy goes through a common envelope phase and leaves either a lower-mass, slowly rotat ing 
BB star with an evolved companion, or a coalesced single star. In Table 5.9 we summarize the 
subsequentt stages in the conservative scenario and the suggested observational counterparts. 

Fromm our evolutionary model calculations, we find that the expected number of Be stars 
dependss strongly on the adopted parameters, especially on the initial mass-ratio distr ibut ion 
andd the fraction of mass lost from the system during the mass transfer. Wi t h the parameters 
off  our most realistic model A, the predicted number of rapidly spinning B stars from case B 
closee binary evolution is about 40 % of the observed number of Be stars. However, even using 
thee most optimistic model B and assuming that all rapidly rotat ing B stars, produced from 
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CBE,, indeed become Be stars, the CBE-remnants can account for no more than 60 % of the 
observedd Be star population. On the other hand, i t is remarkable that the predicted number 
distr ibut ionn over spectral type is similar in shape to the observed number distr ibution of Be stars 
(cf.. fig. 5.11), whereas it differs from the observed distribution of all rapidly rotat ing stars (with 
vs i ntt > 250 km/s ). This strongly suggests that a large fraction of the known Be stars are 
CBE-remnants. . 

Wee can speculate on several ways to increase the CBE-production and eliminate the dis-
crepancy.. First, by increasing the binary frequency of unevolved systems (see Sect. 5.2.2.6) 
byy a factor of about 2, i.e. to 100 % for model A. Such a large duplicity is not supported by 
observations,, but cannot be excluded. Secondly, by assuming that all progenitors, even those 
wit hh very small mass ratios, evolve nearly conservatively (ƒ « 0) and produce Be stars. This 
wouldd also explain the lack of late-type Be+NS binaries without the need to introduce the 
parameterr qmin- However, this is in contradiction with current ideas on close binary evolution 
(seee Sect. 5.2.2.3). Alternatively, there may be a contribution from late case B (case Be) or 
fromm case C mass transfer (see Sect. 5.2). Although one would expect that in those cases mass 
transferr is very non-conservative, i t cannot be excluded that secondaries, especially in systems 
wit hh mass ratios close to 1, accrete sufficient mass and angular momentum to become a Be star. 

Thee majority of post-mass-transfer Be stars, about 80 %, should have a helium star com-
panion.. These companions wil l be very hard to observe in the UV and longer wavelength range, 
butt may be detected in the XUV region (shortwards of 90 nm). Be stars with a neutron s tar or 
whitee dwarf companion should be observable as high and low luminosity X-ray sources, respec-
tively.. The predicted numbers of Be+WD and Be+NS systems depend strongly on the model 
parameters,, especially on the value of qmin. If qm%n is chosen such that no Be+NS systems with 
spectrall  type later than B2 are produced, between 80 (model C) and 140 (models A and B) 
Be+NSS and B e + WD binaries are predicted within 1 kpc from the Sun, in a rat io of about 1 to 
10,, rather independent of the chosen model. However, the cited numbers may be larger by a 
factorr of 2 if qmin is smaller than assumed here. 

Thee predicted X-ray luminosities for the Be+WD binaries are high enough to be detectable 
wit hh ROSAT, if these systems are within a distance of about 1 kpc. However, the number of 
systemss that are observable in X-rays during the ROSAT Survey depends on how many of the 
Bee stars are in an active phase at that t ime. Nevertheless, being rather optimistic about both 
thee activity of Be stars and our model predictions, we expect the ROSAT Survey to reveal some 
1000 B e + WD systems. Additionally, the Be+He star binaries may be detectable with the XUV 
instrumentt of the Wide Field Camera aboard ROSAT. Due to the severe interstellar extinction 
inn this wavelength range, these objects wil l only be observable at very short distances. 
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