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1
Introduction

Massive stars (8−12 M� and up; Poelarends et al. 2008) end their lives as core-
collapse supernovae (CCSNe). They are powerful cosmic engines that strongly im-
pact their immediate surroundings (e.g., Douglas et al. 2010). Their intense ioniz-
ing radiation, stellar winds, chemical processing, and energetic final explosions are
dominant processes affecting the evolution of the galaxies in which they reside (e.g.,
Bresolin et al. 2008). It is thought that at the end of the cosmic dark ages, which span
the first few hundred million years of time, massive stars were the first sources of
optical and ultraviolet light (e.g., Bromm et al. 2009). The masses of the First Stars
may have ranged between ∼10 M� and 1000 M� (e.g., Hirano et al. 2014, but see e.g.,
Stacy & Bromm 2014), and their surface temperatures may have reached values up
to 100 000 K. They produced copious amounts of photons energetic enough to ionize
hydrogen and, therefore, played an important role in the re-ionization of the universe
(e.g., Haiman & Loeb 1997). Possibly, they were also key to shaping the first galaxies
(e.g., Aoki et al. 2014).

The supernovae that ended the lives of First Stars enriched the ambient medium
with elements heavier than helium (e.g., Larson 1998; Takahashi et al. 2014). These
elements, perhaps also in the form of solids formed in the explosion, allowed for
more efficient cooling of the cosmic gas, impacting the outcome of subsequent star-
formation events in such a way that after a relatively brief time stellar births typically
produced solar-mass stars.

The properties of the envelope and core of a massive star that has reached the end
of its life determine the characteristics of the final explosion. Given the many types of
supernovae that have been identified, including Type II, Type Ib/c, hypernovae, pair-
instability supernovae, and long gamma-ray bursts (e.g., Woosley & Bloom 2006;
Smartt 2009), these progenitor properties are expected to have been quite heteroge-
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1 Introduction

neous. To understand the wealth of CCSNe types – and, broadening the scope, the
role of massive stars in our universe – it is pivotal to understand the formation and
evolution of massive stars.

Perhaps surprisingly so, little is known about these processes. The formation of
massive stars – rare events in the present-day universe – takes place deep inside dusty
interstellar clouds and can only be studied at long wavelengths (e.g., Devine et al.
2011). Though evidence is mounting that massive stars form through core accretion,
similar to low-mass stars, much of the physics controlling the formation process re-
mains also figuratively speaking ‘covered in clouds’ (e.g., Zinnecker & Yorke 2007;
Krumholz 2014a). One striking aspect that awaits explanation is why all massive
stars appear to form as part of multiple systems (Sana et al. 2014a), preferentially
in close orbit with one of their companions (Sana et al. 2012). What happens after
formation is also poorly constrained, essentially because of the complex interplay
between many relevant physical processes. These include mass loss from the stel-
lar surface, stellar spin, convective and rotational mixing, interaction with a close
companion, and possibly magnetic activity (e.g., Langer 2012).

Fortunately, stellar astrophysics is a field that is rapidly developing. With the
advent of new instruments and telescopes, astronomers can obtain even better qual-
ity data in terms of signal-to-noise and spectral, spatial and temporal resolution, of
ever larger samples. They can combine different techniques to gather information at
different wavelengths. Finally, they can observe stars that are located ever further
away, accessing environments with different chemical properties. All of the above,
combined with improved theoretical models and computer facilities, allow them (and
me) to continue taking steps towards a better understanding of massive stars.

The studies presented in this thesis pursue the spectral analysis of the largest
homogeneous sample of massive O-type stars – stars that are initially at least 15 M�–
secured so far. In this introductory chapter, I will place these studies in the context of
massive star evolution. The next section presents a short discussion of their physical
properties. Here, we already link results obtained in this thesis work to the larger
perspective of stellar evolution. In section 1.2 aspects of this evolution are reviewed,
focussing on the role of mass loss and rotation. Then, in section 1.3, the site where
the 360 O-type stars studied in this thesis reside is introduced, followed by a short
presentation of the observational campaign in which the spectroscopic data of these
sources is secured: the VLT-FLAMES Tarantula Survey. This first chapter ends with
a brief overview of the topics that will be discussed in the remainder of the book.
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1.1 Physical properties of massive stars

1.1 Physical properties of massive stars

Massive stars reside in the upper part of the Hertzsprung-Russell diagram (HRD). An
8 M� star has spectral type B1.5 V at the start of its main-sequence phase, implying
a temperature of about 23 000 K and a luminosity of 2 500 L�. More massive stars
have hotter initial surface temperatures, up to ∼50 000 K, and higher luminosities,
exceeding millions of solar luminosities. This thesis work is concerned with O-type
stars, which start out their lives with at least ∼16 M�. A zero-age main-sequence
(ZAMS) object of such mass would have a temperature of∼31 000 K and a luminosity
of ∼30 000 L� (Martins et al. 2005; Brott et al. 2011a). From here on, we will focus
on the properties of O-type stars only and refer to these stars as massive stars.

Stellar winds

Because O-type stars are hot and bright, they produce copious amounts of extreme
ultraviolet photons. When they are still surrounded by material from their natal gas
cloud, these photons can ionize the hydrogen in this gas to produce H ii regions.
Over time, the natal material is dispersed, probably by the combined effect of photon
pressure and stellar outflows produced by the massive stars themselves. The stellar
outflows are driven by radiation pressure on spectral lines of ionized metal species in
the outer atmospheres of the stars (Lucy & Solomon 1970; Castor et al. 1975). The
rate at which material is expelled from the star is a function of the stellar properties
and may range from ∼10−9 to ∼10−5 M�yr−1, assuming homogeneous outflows.

Much effort is invested in determining the mass-loss rates, as the impact of mass
loss on the evolution of massive stars is ginormous: prior to their supernova explo-
sion, they may lose up to ∼90 percent of their initial mass. Theoretical efforts have
focussed on gaining an understanding of the wind-driving mechanism and predicting
the mass-loss rate as a function of stellar properties (see Puls et al. 2008, for a recent
review). For the O-type phase most modern evolutionary codes apply the rates of
Vink et al. (2000, 2001) that provide such predictions as a function of the total metal
content Z, meaning all elements heavier than helium.

Mass loss leaves an imprint on the shape and strengths of spectral lines. During
the main-sequence phase of O-type stars, the Hα and He ii λ4686 lines are the most
sensitive probes in the optical spectral regime. The photospheric absorption features
of these lines start to be affected by emission originating in the outflow when the
mass-loss rate is at least ∼10−7 M�yr−1. Ground-level resonance lines of metallic
species such as C iv and Si iv in the ultraviolet regime provide much more sensitive
diagnostics and can probe losses as low as ∼10−9 M�yr−1. The shapes of these res-
onance lines develop into P Cygni profiles that, once saturated, facilitate the direct
measurement of the maximum outflow velocity and, using models, of the flow ac-
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1 Introduction

celeration profile. Terminal velocities of ∼1000−3000 km s−1 are found (e.g., Groe-
newegen et al. 1989; Kudritzki & Puls 2000). The outflow velocity stratification is
usually described by

3(r) = 3∞
(
1 −

R∗
r

)β
, (1.1)

where R∗ is the stellar radius, r the radial distance to the stellar center, 3∞ the terminal
velocity, and β essentially describes the rate at which the flow is accelerated (e.g.,
Lamers & Cassinelli 1999). Typical values for β are 0.8−1.5. It is unfortunate, and
often problematic, that both 3∞ and β can not be (well) constrained from optical
spectra. Compelling evidence has been presented (see e.g., Massa et al. 2003; Bouret
et al. 2005; Fullerton et al. 2006; Bouret et al. 2015) that small-scale inhomogeneities,
referred to as ‘clumps’, are present in the outflow. If the gas is clumped, Hα and
He ii λ4686 will be stronger than in the case of a homogeneous wind, as these lines
predominantly form in the electron cascade that is the result of recombination (a
process that scales with the square of the density). Hence, if one ignores the effect of
clumping in the spectroscopic modeling of the line profiles the mass-loss rates will
be overestimated. In case the medium in between the clumps is void, the empirical
mass-loss rates need to be scaled down by a factor 1/

√
fc, where fc is the volume-

filling factor associated with the clumping. In chapter 4 we report that for fc ∼ 1/7
to 1/5 we find agreement between the empirical mass-loss rates and the theoretical
mass-loss rates of Vink et al. (2001).

The debate on the appropriate range of volume filling factors for O-type stars
is ongoing (see Hamann et al. 2008, for a conference devoted to the topic). What
is essential to realize is that our findings imply that the mass-loss rates adopted in
modern models of evolution (Brott et al. 2011a; Ekström et al. 2012) are essentially
consistent with wind clumping properties as quoted above.

Massive stars spin

Establishing the range of rotational velocities of O-type stars in the Large Magellanic
Cloud (LMC) is one of the topics of this thesis. Classical studies in the field by Conti
& Ebbets (1977) and Penny (1996) show that the projected rotation rates – which
is what is actually measured from the broadening of spectral lines (Carroll 1933) –
of galactic O-type stars peak at about 70−80 km s−1, with a modest fraction of stars
spinning at rates up 300−400 km s−1. Our findings for the presumed-single stars in
our sample establish similar characteristics for LMC stars (Chapter 2).

Rotation is not the only process that broadens the spectral lines. In principle, each
type of velocity field in the stellar atmosphere will have this effect. Motions that are
coherent on spatial scales that are large compared to the radial line-forming region,
so-called macro-turbulent motions (Gray 1976), have typical speeds of tens of km s−1,
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1.2 Evolution of massive stars

but can reach up to ∼100 km s−1, and might find their origin in sub-surface convec-
tion zones (Cantiello et al. 2009) or stellar pulsations (Simón-Díaz et al. 2010a,b).
If macro-turbulence is not taken into account when assessing the projected rotation
speed, the derived spin rates will be overestimated by some amount, especially so for
low spin rates. We will discuss macro-turbulent motions in Chapter 2. Motions that
occur on spatial scales that are small compared to the radial line forming region and
that are random in nature, may also broaden the spectral lines. Such micro-turbulent
motions are discussed in Chapters 4 and 5.

Evolution may impact the spin-rate distribution of massive stars. Current models
predict that for stars more massive than ∼40 M� (Vink et al. 2010) angular momen-
tum loss in the stellar wind will lead to a spin-down of the star as it evolves along the
main sequence. Whether such spin down also occurs for lower masses depends on
the treatment of angular momentum transport in the stellar interior. In models where
internal magnetic fields cause the star to rotate rigidly, such spin down seems negli-
gible (Brott et al. 2011a). In models where magnetic fields do not have this effect it
is found that the outer envelope of stars with masses down to ∼20 M� may have spun
down by some tens of percent once the star has reached the end of the main sequence
(Ekström et al. 2012). The bulk of the O star sample studied in this thesis has masses
in the range of ∼15−30 M�, implying that their current projected spin distribution is
probably close to their initial spin distribution (Chapter 2 and 3).

1.2 Evolution of massive stars

A gaseous sphere starts out its life as a star once the temperature and density in its
core have reached values high enough for thermonuclear burning to start, transform-
ing hydrogen into helium. Over time, the internal structure of the star will change
and mass and angular momentum may be lost. This has consequences for the outside
appearance and therefore for the morphological characterization of the star. Stel-
lar evolutionary models essentially predict the sequence of morphological states that
stars experience before they explode or fade away, as a function of initial mass.

One way of visualizing these sequences for massive stars is shown in Fig. 1.1
(from Langer 2012). The horizontal axis shows the range of initial masses consid-
ered. Notice that no scale is provided, reflecting some of our ignorance about massive
star evolution. The vertical axis shows time, again with very limited information re-
garding scale. Stars evolve vertically up in the diagram along straight lines. The
main-sequence phase accounts for the bottom half of the diagram; the post main-
sequence phase for the upper half. It is fair to say that the further to the right and
the higher up in the diagram, the more unsure we are about the physical processes
that control the evolution. This suggests that the best known phase is in the lower left
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1 Introduction

Figure 1.1: Schematic representation of the morphological phases in the evolution of non- or slowly
spinning massive stars at solar metallicity. The lower panel shows the main-sequence phase, which
represents about 90% of the lifetime of the star. The upper panel represents the post main-sequence
phases, ignoring the very brief phase after core helium burning. A star of given initial mass moves up
vertically in the diagram. Within each region, time progresses linearly in the vertical direction. WN,
WC, and WO are sub-phases of the Wolf-Rayet stage; the letter E denotes ‘early’ and L denotes ‘late’.
Of stars are stars with particularly strong winds. The WNL main-sequence stars have even stronger
(optically thick) winds and are sometimes referred to as ‘stars on steroids’. From: Langer (2012).

corner, where the B-type dwarfs reside. Though in a relative sense this may be true
– B dwarfs are hydrogen burning and do not suffer from severe mass loss – we will
explain below that these ‘simple’ stars already offer a conundrum that we presently
can not solve.

The diagram illustrates that O-type stars always reside on the main sequence,
even if they are supergiants. In this sense, they fundamentally differ from B-type
stars. Beyond the main sequence, the initially O-type stars expand and cool and
develop into blue and red supergiants, or experience a short Luminous Blue Variable
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1.2 Evolution of massive stars

star phase in which they expel the main part of their outer envelopes. Once the
compact helium core is revealed it is identified as a Wolf-Rayet star. The supernova
progenitor state (at the top of the diagram) determines the characteristics of the final
explosion and therefore also the nature of the compact object that is left behind.

It is not only mass that governs the evolution of massive stars, the initial chemical
composition and rotation velocity also play an instrumental role.

Stars are mainly composed of the primordial elements hydrogen and helium. Es-
sentially all other elements formed later through nucleosynthesis in stars that returned
part of this enriched material to the interstellar medium by means of stellar winds
and supernovae. In our galaxy, the mass fraction of all elements with atomic number
higher than that of helium (referred to as the metal content) amounts to about 1.4%
(Asplund et al. 2005, 2009). Though only a modest fraction, these elements do pro-
vide the bulk of the line opacity of a typical gas mixture. This impacts the structure
of stars. For instance, relatively metal poor stars start out their lives somewhat more
compact, and hence have a higher temperature on the ZAMS. The strongest impact
of metal abundance is however its effect on the strength of the stellar winds. For hot
massive stars these winds are driven by radiation pressure on spectral lines of metal
ions, as the number of lines these ions provide by far outweigh the number of lines
provided by the lightest two elements. This has profound consequences for their evo-
lutionary paths and the duration of morphological phases. Examples of the impact
of metallicity are the ratio of red supergiants to blue supergiants (Eggenberger et al.
2002; Langer & Maeder 1995), the minimum mass of formation of a Wolf-Rayet star,
the duration of the Wolf-Rayet phase and the time spent in the different Wolf-Rayet
sub-phases (Meynet et al. 1994).

The gas in rotating stars is subject to the centrifugal force that partly compensates
the force of gravity, hence the central layers ‘feel’ a mass that is effectively less than
the stellar mass. As the centrifugal force is not a radial force, the stellar structure
becomes latitude dependent. If the spin rate is large, this may have a noticeable effect
on the properties of the surface. Such stars will have an oblate spheroidal shape
with equatorial regions that are cooler than the polar regions, as a result of gravity
darkening (von Zeipel 1924). Moreover, rotation triggers instabilities that lead to
the transport of energy, angular momentum, and matter (see e.g., Langer 2012). The
reduced effective gravity results in somewhat cooler surfaces and less luminous stars,
however, this is countered by the effects of rotation induced instabilities, causing
the stars to become slightly hotter and brighter (Brott et al. 2011a). As a result, the
impact on the evolutionary tracks is usually relatively modest, unless the stars spin at
a substantial fraction of their breakup speed.

For very rapidly spinning stars, rotation induced mixing may become so efficient
that the star remains quasi-chemically homogeneous at all times, not just on arrival
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1 Introduction

Figure 1.2: Evolutionary tracks for initial masses of 20, 30, and 60 M�, with Large Magellanic Cloud
metallicity. For spin rates surpassing a critical value the stars evolve quasi-chemically homogeneous,
i.e. the tracks do not evolve to the cool side of the diagram, but rather evolve up and toward hotter
temperatures. From: (Langer 2012).

on the ZAMS. Such evolution follows a track that runs along the ZAMS up to higher
temperatures and luminosities (see Fig. 1.2). Quasi-chemically homogeneous evolu-
tion sets in at lower spin rate for higher initial mass or lower metal content, but ceases
to occur if the rotational velocity drops below ∼350 km s−1 in all cases (Brott et al.
2011a). As the very rapidly spinning stars remain compact, they will not experience
spin down by envelope expansion in the post-main sequence phase. If also their mass-
loss rates are relatively modest, they may limit angular momentum loss and remain
rapid spinners up until their supernova explosion. It has been hypothesized that this
particular type of evolution may result in explosions that are associated with a long
gamma-ray burst (Yoon & Langer 2005; Woosley & Bloom 2006).

Whether indeed rotational mixing is at work in massive stars may be tested by
studying the relation between the surface abundances of the CNO cycle products and
the projected rotational velocity. In doing so, it is essential that the sample being
studied is large enough to correct for inclination effects. In the CNO cycle, nitrogen
is enhanced while carbon and oxygen are depleted. It is thus most practical to focus
on the nitrogen abundance. The first such studies by Hunter et al. (2008b) and Brott
et al. (2011b) have been done for presumed single B-type stars in the context of the
VLT-FLAMES Survey of Massive Stars (Evans et al. 2005), with the idea in mind
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1.3 30 Doradus and the Large Magellanic Cloud

that these are the simplest of all the massive stars (see above) and are therefore the
best targets to calibrate the efficiency of rotational mixing in massive stars.

These studies revealed a complicated picture, with only some ∼15% of the stars
clearly displaying a correlation between projected rotation velocity and nitrogen abun-
dance. More than half (∼60%) of the sample showed relatively low 3e sin i and nitro-
gen normal abundances, hence may be in accordance with rotational mixing but can
not be used to calibrate its efficiency. Interestingly, a significant population (20%) of
highly nitrogen enriched intrinsic slow rotators were found that are incompatible with
the models. A further 15% of them were relatively unenriched fast rotators, also chal-
lenging the concept of rotational mixing. Though the nature of the two anomalous
populations is presently unidentified, it may be that this B-star sample is inadvertently
‘polluted’ by binary systems. It remains to be investigated whether binary evolution
may lead to systems that show the characteristics that can not be understood in the
context of rotational mixing in single stars.

In Chapter 5 we present the first study of the relation between N-abundance and
spin velocity for O-type giants and supergiants. We find that also these stars show a
population of N-enhanced slow spinners that defy rotational mixing theory.

1.3 30 Doradus and the Large Magellanic Cloud

To understand the role of massive stars in the formation and evolution of galaxies and
their cosmic impact, it is important to study massive stars across a range of metallicity
environments. So far, large samples of massive stars can be analyzed in the Milky
Way (Z� to 2 × Z�) and in the LMC (Z ' Z�/2) and Small Magellanic Cloud (Z '
Z�/5), offering a span of metallicity reaching one order of magnitude. Observational
studies of massive stars in lower metallicity environments, more representative of the
early Universe, are still in their infancy owing to observational challenges. However
new observational facilities in the last five years have enabled the first quantitative
spectroscopic studies of O-type stars at sub-SMC metallicity (Bresolin et al. 2002a,b,
2007; Tramper et al. 2011; Garcia & Herrero 2013; Garcia et al. 2014; Tramper et al.
2014).

The work carried out in the context of this thesis is dedicated to massive stars
in the LMC, a satellite galaxy of the Milky Way that is visible by naked eye from
the Southern hemisphere (see Fig. 1.3). With Z ' Z�/2, the LMC has a metallicity
that is representative of the conditions in massive galaxies during the Universe star
formation peak, around a redshift z = 1 to 2 (Rafelski et al. 2012). The LMC further
hosts a sizeable population of massive stars, allowing observational astronomers to
obtain statistically significant constraints on massive star properties.

The Tarantula Nebula at the North-East edge of the LMC is the brightest H ii re-
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1 Introduction

Figure 1.3: Part of the Southern Hemisphere sky seen from the VLT site at Cerro Paranal in Chile.
Clearly visible are the Milky Way disk in the center and the Magellanic Clouds on the left. The dome
of Unit Telescope Antu (UT1) is visible on the right. From: ESO / Yuri Beletsky.

gion in the Local Group. Also known as 30 Doradus (30 Dor), the region has been
continuously forming stars for at least 25 Myr. Multiple sites of star formation have
been identified (Walborn & Blades 1997). The dense, massive star cluster “Radcliffe
136” at the core of NGC 2070, has a likely age of 2 Myr (de Koter et al. 1998; Massey
& Hunter 1998) and may consist of two subclusters (Sabbi et al. 2012). NGC 2060,
located about 6’ to the southwest of NGC 2070 is somewhat older, with an age esti-
mate of about 5 Myr (Walborn & Blades 1997). Hodge 301 and SL 639 are B-star
clusters with ages in the range of 10 to 20 Myr (Evans et al. 2015). Beside these local-
ized zones of star formation, a significant number of O- and B-type stars are spread
in the field of view. They may trace other, smaller scale, star formation events in the
region or may have been ejected from the clusters. Figure 1.4 shows a panoramic
view of 30 Dor released on the occasion of the 22nd anniversary of the Hubble Space
Telescope (HST) in October 2011.

By virtue of its location in the LMC, the distance to 30 Dor is well constrained
(we adopt a distance modulus to the LMC of 18.5 mag; Gibson 2000). Moreover,
the foreground extinction is relatively low compared to some of the most massive
Galactic clusters. Therefore 30 Dor constitutes one of the best possible laboratories
to investigate questions related to the formation and evolution of massive stars, with
implications for our understanding of massive stars in higher redshift galaxies (e.g.,
Erb et al. 2006).
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1.3 30 Doradus and the Large Magellanic Cloud

Figure 1.4: Panoramic view of 30 Doradus. The image is a mosaic of images taken with the Hubble
Wide Field Camera 2 and Advanced Camera for Surveys on board Hubble Space Telescope and ground
based images. Credit: NASA, ESA, D. Lennon (Principal Investigator).

The VLT- FLAMES Tarantula Survey (VFTS)

The VLT-FLAMES Tarantula Survey (VFTS) is an ESO Large Programme (ID 182.D-
0222) that has obtained multi-epoch optical spectroscopy of 360 massive O, 438
early-B and a dozen Wolf-Rayet stars across the 30 Dor region (Evans et al. 2011b;
Walborn et al. 2014; Evans et al. 2015). The VFTS was built on experience acquired
during the VLT-FLAMES Survey of Massive Stars (Evans et al. 2005, 2006) and con-
stitutes the largest homogeneous sample of massive OB-type stars spectroscopically
observed in the Local Group.

The observing campaign and the data reduction are fully described in Evans et al.
(2011b). In short, the VFTS obtained multi-epoch spectroscopy using the Fibre
Large Array Multi-Element Spectrograph (FLAMES; Pasquini et al. 2002) on the
Very Large Telescope (VLT). Most data were obtained with the medium-resolution
Giraffe spectrograph. A subset of the brightest targets were observed with the Ultra-
violet and Visual Echelle Spectrograph (UVES, Dekker et al. 2000). Observations
excluded a 15′′ region in and around R136 because the cluster can not be resolved in
seeing-limited observations as a result of high stellar density.

The O-type stars studied in this thesis have been observed with the Giraffe spec-
trograph and the Medusa fibers. The acquired data covered the 3950-5070Å range at
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1 Introduction

a spectral resolving power λ/∆λ of about 8000 as well as the Hα region observed at
higher resolution (λ/∆λ = 17 000). By repeating observations up to six times over a
one-year timespan, the multi-epoch strategy of the VFTS allows us to detect a large
fraction of the spectroscopic binaries in the sample.

Radial velocity (RV) measurements and spectral classification have been obtained
as part of the VFTS series of papers (Sana et al. 2013; Walborn et al. 2014, respec-
tively) and constitute a key input in our analysis. The method adopted for RV mea-
surements was based on Gaussian fitting that provided Doppler shift, amplitude and
full width at half maximum (FWHM) values for a subset of He i and He ii lines.
116 objects were classified as spectroscopic binaries (SB) on the basis of their sta-
tistically significant and large-amplitude RV variations ( ∆ RV > 20 km s−1). The
identified O-type binary sample contains 85 single-lined (SB1) and 31 double-lined
(SB2) spectroscopic binary systems. The remaining 216 O-type stars are considered
presumably single although up to 25% of them are likely undetected binaries, being
either long-period, low mass-ratio and/or low inclination systems. The contamina-
tion of the presumed-single star sample with unidentified binaries is a limitation that
needs to be kept in mind when interpreting the data. In particular post-interaction
binary products (mergers and mass gainers) are very difficult to identify as such in
RV studies (de Mink et al. 2014).

1.4 The studies presented in this thesis

In the first part of the thesis, we analyze the rotation properties of the presumed-single
O-type stars and O-type spectroscopic binary stars in the VFTS sample (Chapters 2
and 3, respectively). The VFTS sample is large enough that we can compare sub-
samples selected based on indicators for their mass, location, evolutionary status, and
multiplicity properties. Taken together, these two science chapters present the largest,
most homogeneous study of the rotational properties of O-type stars performed so far.

In the second part of this thesis (Chapters 4 and 5), we focus on the stellar, wind
and surface abundance properties of the single evolved O-type stars in the VFTS
sample (i.e., the giants, bright giants, and supergiants). Separate studies in the VFTS
series address the properties of the dwarf O-type stars (Sabín-Sanjulián et al. 2014
and in preparation) and of the very massive stars (Bestenlehner et al. 2014).

Combined with the results of the atmospheric analysis of the O V stars, of the
very massive stars and of the B-type stars, our results provide an unprecedented set
of observational constraints on topics as diverse as star formation, stellar evolution,
binary interaction and tidal effects.

12
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Abstract

The 30 Doradus (30 Dor) region of the Large Magellanic Cloud, also known as
the Tarantula nebula, is the nearest starburst region. It contains the richest popula-
tion of massive stars in the Local Group, and it is thus the best possible laboratory
to investigate open questions in the formation and evolution of massive stars. Us-
ing ground-based multi-object optical spectroscopy obtained in the framework of the
VLT-FLAMES Tarantula Survey (VFTS), we aim to establish the (projected) rota-
tional velocity distribution for a sample of 216 presumably single O-type stars in 30
Dor. The sample is large enough to obtain statistically significant information and
to search for variations among subpopulations – in terms of spectral type, luminosity
class, and spatial location – in the field of view. We measured projected rotational ve-
locities, 3e sin i, by means of a Fourier transform method and a profile fitting method
applied to a set of isolated spectral lines. We also used an iterative deconvolution
procedure to infer the probability density, P(3e), of the equatorial rotational veloc-
ity, 3e. The distribution of 3e sin i shows a two-component structure: a peak around
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2 Rotational velocities of the single O-type stars in 30 Dor

80 km s−1 and a high-velocity tail extending up to ∼600 km s−1. This structure is
also present in the inferred distribution P(3e) with around 80% of the sample having
0 < 3e ≤ 300 km s−1 and the other 20% distributed in the high-velocity region. The
presence of the low-velocity peak is consistent with what has been found in other
studies for late O- and early B-type stars. Most of the stars in our sample rotate with
a rate less than 20% of their break-up velocity. For the bulk of the sample, mass loss
in a stellar wind and/or envelope expansion is not efficient enough to significantly
spin down these stars within the first few Myr of evolution. If massive-star formation
results in stars rotating at birth with a large portion of their break-up velocities, an
alternative braking mechanism, possibly magnetic fields, is thus required to explain
the present-day rotational properties of the O-type stars in 30 Dor. The presence of
a sizeable population of fast rotators is compatible with recent population synthesis
computations that investigate the influence of binary evolution on the rotation rate
of massive stars. Even though we have excluded stars that show significant radial
velocity variations, our sample may have remained contaminated by post-interaction
binary products. That the high-velocity tail may be populated primarily (and perhaps
exclusively) by post-binary interaction products has important implications for the
evolutionary origin of systems that produce gamma-ray bursts.
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2.1 Introduction

2.1 Introduction

The distribution of stellar rotation rates at birth is a ‘fingerprint’ of the formation pro-
cess of a population of stars. For massive stars the rotational distribution is especially
interesting because so little is known about how these stars form (e.g., Zinnecker &
Yorke 2007). Considerations of angular momentum conservation during the gravita-
tional collapse of a molecular cloud suggest an ‘angular momentum problem’; i.e., it
appears difficult for the forming stars – whether they be of low- or high-mass – not
to rotate near critical velocities. However, very few massive O-type stars are known
to be extreme rotators.

If massive stars form through disk accretion, in a similar way to low-mass stars,
their initial spin rates are likely to be controlled by gravitational torques (Lin et al.
2011). Only massive stars that have low accretion rates, long disk lifetimes, weak
magnetic coupling with the disk, and/or surface magnetic fields that are significantly
stronger than what current observational estimates suggest, may have their initial spin
regulated by magnetic torques (Rosen et al. 2012). Perhaps in these cases, intrinsic
slow rotators can be formed.

The initial rotation rate is also one of the main properties affecting the evolution
of a massive star. For instance, rotation induces internal mixing and prolongs the
main-sequence life time (see Maeder & Meynet 2000a; Brott et al. 2011a; Ekström
et al. 2012). A very high initial rotation rate may cause rotational distortion and
gravity darkening (Collins 1963; Collins & Harrington 1966) and may even lead to
homogeneous evolution (Maeder 1980; Brott et al. 2011a,b). In low-metallicity envi-
ronments it has been suggested that this type of evolution leads to gamma-ray bursts
(Yoon & Langer 2005; Woosley & Heger 2006).

With the above science topics in mind, considerable effort has been invested in es-
tablishing the full distribution of equatorial rotational velocities (3e) of massive stars.
Spectroscopic studies provide projected rotational velocities (3e sin i, where i is the
inclination angle of the stellar rotation axis with respect to the line-of-sight). Large
populations are thus preferred in order to confidently deconvolve the observed dis-
tribution and obtain a true 3e distribution (Penny 1996; Huang & Gies 2006; Hunter
et al. 2008b; Penny & Gies 2009; Huang et al. 2010; Dufton et al. 2013). Obviously,
the current values of spin rates do not necessarily reflect initial values. Stellar expan-
sion and/or angular momentum loss via stellar winds are proposed as mechanisms
that spin down stars as time passes. Both these mechanisms, however, seem rather
ineffective for the bulk of the massive stars. Internal redistribution of angular mo-
mentum effectively prevents the spin down of the surface layers as the star evolves to
larger main-sequence radii and mass loss only seems effective for stars more massive
than 40 M� at birth (Brott et al. 2011a,b; Vink et al. 2010, 2011b).

Since the intrinsic multiplicity fraction of massive stars at birth seems very high
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2 Rotational velocities of the single O-type stars in 30 Dor

Figure 2.1: Spectral type (SpT) distribution of the O-type stars in our sample, binned per spectral
subtype. Different colors indicate different Luminosity class (LC) (see legend).

(Sana et al. 2012), it is also important to consider the effects of binary evolution on
the rotational properties. Interestingly enough, binary interaction quite often occurs
early on in the evolution of these systems, with up to 40% of all stars born as O-type
stars experiencing mass transfer before leaving the main sequence (Sana et al. 2012).
Using the intrinsic binary properties of Galactic O-type stars (Sana et al. 2012), de
Mink et al. (2013) show that binary interaction strongly affects spin rates, producing
a ‘high-velocity tail’ in the 3e sin i distribution through angular momentum transfer
processes. Though studies of O-type star populations often try to select samples from
which the known binaries have been removed, de Mink et al. (in prep.) show that
such samples likely remain strongly contaminated by (unidentified) binary interac-
tion products. Whether the results of de Mink et al. are consistent with all rapidly
(3e > 200 − 300 km s−1) spinning O-type stars being spun-up binary products is an
intriguing question. A positive answer may imply that the proposed homogeneous
single-star channel to gamma-ray-bursts mentioned above does not occur in nature.

The VLT-FLAMES Tarantula Survey (VFTS) is a multi-epoch spectroscopic cam-
paign targeting over 800 massive O and and early-B stars across the 30 Doradus
(30 Dor) region in the Large Magellanic Cloud (LMC), including targets in the OB
clusters NGC 2070 and NGC 2060. The distance to 30 Dor is well constrained (Gib-
son 2000), and its foreground extinction is relatively low (see Evans et al. 2011b,
hereafter Paper I). The large massive-star population is ideal for studying the rota-
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tional velocity distribution. The low metal content of the LMC is in this sense even
beneficial, because for such an environment the tail of the 3e sin i distribution pro-
duced by binary effects is expected to be more extended and pronounced (de Mink
et al. 2013).

The dense core cluster of the Tarantula nebula, Radcliffe 136 (R136), has a likely
age of 1-2 Myr (de Koter et al. 1998; Massey & Hunter 1998), but may actually be
a composite of two sub-clusters (Sabbi et al. 2012), with a third population that is a
few million years older nearby (Selman et al. 1999). The very central regions were
excluded from the VFTS because of crowding issues. A series of distinct populations,
with varying ages reaching up to ∼25 Myr can be distinguished in the Tarantula field
(Walborn & Blades 1997), suggesting that 30 Dor has been continuously forming
massive stars over the past 25 Myr, although probably with a variable formation rate.

The key questions we want to address in this study are: How are the rotational
velocities of O-type stars in 30 Dor distributed? Which fraction of the stars are slow
rotators? Does the distribution have a high-velocity tail? If present, is the distri-
bution of rapid rotators suggestive of a contribution of unidentified binaries? The
layout of the paper is as follows. Section 2.2 describes the selection of our sam-
ple. The methodology and the results from different diagnostic lines are described
in Section 2.3. Section 2.4 presents the 3e sin i and 3e distributions. The results are
discussed in Section 2.5 and our conclusions are summarized (Section 2.6).

2.2 Sample

The VFTS project and the data have been described in Paper I. Here, we focus on
the presumably single O-type stars that have been observed using the Medusa fibers.
The total Medusa sample contains 332 O-type objects. Sana et al. (2013, hereafter
Paper VIII) have identified spectroscopic binaries from multi-epoch radial velocity
(RV) measurements: 172 O-type stars show no significant RV variations and are
presumably single; 116 objects show significant RV variations with a peak-to-peak
amplitude (∆RV) higher than 20 km s−1 and are considered binaries. The remain-
ing 44 objects show low-amplitude significant RV variations (∆RV ≤ 20 km s−1 ).
The latter variations may be the result of photospheric activity (pulsations and wind
variability) or indicate a spectroscopic binary system. In Paper VIII, we estimated
that photospheric variations and genuine binaries contribute to the low-amplitude RV
variation sample in roughly equal portions. To avoid biasing our analysis against su-
pergiants, which are expected to show spectroscopic variability (see e.g., Simón-Díaz
et al. 2010a), we include these 44 low-amplitude RV variable objects in our sample,
reaching thus a total sample size of 216 O-type stars.

Because of the limited number of observing epochs, a subset of stars in our RV-
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2 Rotational velocities of the single O-type stars in 30 Dor

Figure 2.2: Spatial distribution of the presumably single O-type stars as a function of the LC. The
circles define regions within 2.4’ of NGC 2070 (central circle) and NGC 2060 (SW circle). Colors have
the same meaning as in Fig. 2.1 (only available in the online version).

constant sample are expected to be undetected binaries. Given the VFTS binary de-
tection probability among O-type stars (of ≈ 0.7, Paper VIII), one estimates that this
may be the case for up to about 25% of our single-star sample. Undetected binaries
are primarily wide and/or low-mass companions (see Sect. 3 in Paper VIII). Tidal
interactions are thus expected to be negligible for these systems so that the measure-
ment of the rotational velocity of the main component should be mostly unaffected
by the binary status.

The spectral classifications of the O-type stars in the VFTS will be presented in
Walborn et al. (in prep.). Figure 2.1 shows the spectral type (SpT) and luminosity-
class (LC) distribution for our sample, which is dominated by O9-O9.7 stars (52% of
the sample size) and by dwarfs and subgiants (LC V-IV). As indicated in Fig. 2.1, a
luminosity classification is missing for 22 stars, i.e. about 10 % of our sample. For
seven stars the precise spectral type has not been established either due to the poor
signal-to-noise ratio (S/N) or heavy nebular contamination. These seven stars have
been excluded from Fig. 2.1 but are still incorporated in our analysis.

The spatial distribution of our sample is shown in Fig. 2.2. The field of view is
dominated by the central cluster NGC 2070. A circle of radius 2.4’ (or 37 pc) around
the cluster center contains 105 stars from our sample: 62 are of LC V-IV, 15 are LC III
and 28 are LC II-I. A second concentration of 45 O-type stars is found in a simi-
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2.3 Measuring the projected rotational velocity

Figure 2.3: Spatial distribution of our sample in the 30 Dor field of view. Different colors identify the
different groups listed in Table 2.1 and are identified in the legend.

lar sized region around the NGC 2060 cluster, located about 6’ to the southwest of
NGC 2070. NGC 2060 is somewhat older than NGC 2070 (Walborn & Blades 1997).
Accordingly, it contains a larger fraction of LC II-I stars (23 %) than NGC 2070 (9 %).
The remaining stars, throughout the paper referred to as the stars outside clusters, are
spread throughout the field of view. These may originate in either NGC 2070 or 2060,
but may also have formed in other star-forming events in the 30 Dor region at large.

2.3 Measuring the projected rotational velocity

2.3.1 Methodology

The projected rotational velocity (3e sin i) of stars can be measured directly from the
broadening of their spectral lines (Carroll 1933; Gray 1976). Commonly used meth-
ods for OB-type stars include direct measurement of the full width at half maximum
(FWHM; e.g., Slettebak et al. 1975; Herrero et al. 1992; Abt et al. 2002), cross-
correlation of the observed spectrum against a template spectrum (e.g., Penny 1996;
Howarth et al. 1997), and comparison with synthetic lines calculated from model at-
mospheres (e.g. Mokiem et al. 2006). In this study we use a Fourier transform (FT)
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2 Rotational velocities of the single O-type stars in 30 Dor

Figure 2.4: Diagnostic lines used as a function of the SpT of the stars in our sample.

method and a line profile fitting method which we refer to as the goodness of fit
(GOF) method. Both methods are applied to a set of suitable spectral lines present
in the VFTS Medusa LR02 and LR03 spectra (see Section 2.3.2). A comparison of
the measurements obtained from both methods allows us to verify the internal con-
sistency of the derived values.

The FT method is explained in Gray (1976). It has been systematically applied to
OB-type stars by Ebbets (1979) and Simón-Díaz & Herrero (2007). In summary, the
first minimum of the Fourier spectrum uniquely identifies the value of 3e sin i. One ad-
vantage of the FT method is that the derived 3e sin i value is in principle not strongly
affected by the presence of photospheric velocity fields, such as macro-turbulent mo-
tions1. However, the method encounters difficulties in case of strong nebular con-
tamination, poor S/N, weak lines, or when the rotational broadening contribution is
close to the intrinsic broadening of the line.

The GOF method (e.g., Ryans et al. 2002; Simón-Díaz et al. 2010a) adjusts a
synthetic line profile to the observed profile using a least-square fit, taking the in-
trinsic, instrumental, rotational, and macro-turbulent broadening contributions into
account through successive convolutions. In this study we neglect the intrinsic width

1For evolved (B-type) supergiants macro-turbulent broadening may be caused by non-radial gravity-
mode pulsations. For a subset of these pulsators the 3e sin i values derived using the FT method may be
offset by 10-30 km s−1 (Aerts et al. 2009).
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Figure 2.5: Example of the GOF and FT measurement methods applied to the He i λ4713 line of
VFTS 280 (top row, high S/N) and VFTS 163 (bottom row, poor S/N), to illustrate two different
data qualities. Left-hand column: line profile (black) and its GOF solution (red). Right-hand column:
Fourier transform of the observed spectrum (black) and of the best fit GOF profile (red). The dashed
lines indicate the position of the FT first minimum.

of the spectral lines, effectively adopting a delta function for the intrinsic profile. The
latter is then convolved with an instrumental (Gaussian) function that preserves the
equivalent width (EW). For the rotational and macro-turbulent profiles, we follow
the description given by Gray (1976). The rotational profile assumes a linear limb
darkening law. We finally use a radial-tangential (RT) model parametrized with the
quantity ΘRT as an appropriate representation of the macro-turbulent profile.

2.3.2 Diagnostic lines

In general, different diagnostic lines do not provide the same accuracy in the 3e sin i
measurements. Metallic lines do not suffer from strong Stark broadening nor from
nebular contamination and hence are best for obtaining 3e sin i estimates. Si iii λ4552
is the only suitable metal line in our data set for these purposes. Unfortunately, it
is only present in 6% of the sample and restricted to late spectral subtypes. Next in
line in terms of reliability are nebular free or weakly contaminated He i lines, notably
He i λ4713, 4922, 4387, and 4471. By using the neutral helium lines we can study an
additional 54% of the sample (see Table 2.1).

The remaining sample of stars (31%) suffers from strong nebular contamination,
features only weak He i lines or – for the earliest spectral subtypes – does not show
these lines at all. In those cases, amounting to 26% of our sample, we relied on
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Table 2.1: Overview of the diagnostic lines used to derive the projected rotational velocity. Group A
diagnostics provide the most reliable measurements; those in Group B are of a lesser quality. The last
column lists the fraction of our sample for which each diagnostic can be applied.

Group line Sample (%)

Below the resolution limit 9%

A Si iii λ4552+He i lines 6%
A He i λ4713

54%
A He i λ4922
A He i λ4387
A He i λ4471

Total Group A 60%

B He ii λ4541 25%
B He i+He ii wings 6%

Total Group B 31%

He ii λ4541. Finally, 14 stars2 present strong nebular contamination in He i, weak
He ii lines and no Si iii line. We have estimated 3e sin i for these sources by compar-
ing rotationally broadened synthetic line profiles calculated using FASTWIND (Puls
et al. 2005) to the wings of He i and He ii lines. Though FASTWIND does not take
macro-turbulent broadening into account, it does, at least, allow us to derive upper
limits on 3e sin i for this small subset of stars.

The assumption of a delta function for the intrinsic profile ignores a possible con-
tribution from Stark broadening (more relevant for He i and He ii lines). Aware of that,
we scrutinized the reliability of these lines for 3e sin i determinations in Sect. 2.3.4.
For practical purposes we refer to the group of stars for which the Si iii λ4552 and/or
nebular free He i lines can be used as Group A and the remaining sample as Group
B. Group A thus identifies the stars for which the highest quality diagnostic lines are
available, while Group B has diagnostics of a lower quality.

The resolving power of the VFTS Medusa LR02 and LR03 is ∼ 0.6 Å (Paper I),
corresponding to 40 km s−1. We have adopted this value as our resolution limit, so
that when a 3e sin i measurement is below 40 km s−1, the corresponding star is system-
atically assigned to the 0–40 km s−1 bin (see Sect. 2.4) without any further indication
of the specific 3e sin i value.

Figure 2.3 shows the spatial distribution of stars below the resolution limit and

2VFTS 072, 125, 267, 405, 451, 465, 484, 529, 559, 565, 571, 587, 609 and 724.
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of stars in Groups A and B. Group A stars are spread out within the two clusters and
show a lower fraction in the field of view. Group B stars are mainly concentrated
in NGC 2070. There are two reasons that can explain this difference. First, part of
the NGC 2070 cluster lies behind a filament of nebular gas, therefore contamination
is stronger. Second, NGC 2070 is younger and, pro rata, contains more hot early
O-type stars that show neither Si iii nor He i lines in their spectra.

Figure 2.4 shows the spectral lines used for 3e sin i measurements as a function
of SpT. For late SpT, measurements are mostly obtained from He i, while He ii λ4541
is increasingly used for earlier SpT. Stars with 3e sin i below the resolution limit and
stars featuring the Si iii λ4552 line are almost exclusively late O-type stars. All stars
showing Si iii also display at least one suitable He i line. The accuracy of, and the
systematics between, 3e sin i measurements obtained from both methods and for the
different lines are discussed in the next sections.

2.3.3 Comparison of results from FT and GOF methods

An example of FT and GOF 3e sin i measurements for the He i λ4713 line is presented
in Fig. 2.5 for two different data qualities. In the upper panel the derived 3e sin i from
the FT and the GOF methods are in agreement. In the lower panel, the noise affects
the FT, resulting in an erroneous 3e sin i value, while the correct 3e sin i value is asso-
ciated with the shallow FT minimum at ∼ 200 km s−1. The combined investigation
of results from FT and GOF methods thus helps identify the more ambiguous cases
that must be explored in more detail.

The upper panel in Fig. 2.6 compares 3e sin i values obtained from applying the
FT and GOF methods to the He i λ4713 line. This plot includes all stars in our sam-
ple in which the He i λ4713 line is detected and the 3e sin i (FT) measurements are
above the resolution limit (116 stars). In addition to the full set of good quality mea-
surements, different symbols are used to highlight various cases: (i) strong nebular
contamination, (ii) low S/N (< 60) and/or a comparatively weak diagnostic line (EW
≤ 50 mÅ), (iii) ambiguous first minimum in Fourier space (this is, for example, the
case for VFTS163 in Fig. 2.5), and (iv) a central depth of the absorption-line profile
that is smaller than three times the noise level. These explain all but 14 deviating
points, which correspond to cases in which 3e sin i (GOF) is below the resolution
limit and 3e sin i (FT)> 3e sin i (GOF). This behavior is expected when the rotational
broadening contribution to the line profile is similar to the intrinsic broadening and
the S/N is not sufficiently high. In this situation the FT of the line may result in a spu-
rious first zero, which is moved to higher values of 3e sin i compared to the FT’s true
first zero (see, e.g., Simón-Díaz & Herrero 2007). In these specific cases 3e sin i (FT)
measurements must be considered as upper limits for the actual projected rotational
velocity. Save for one instance, these cases occur when 3e sin i ≤ 80 km s−1.
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Figure 2.6: Comparison of 3e sin i values obtained from the FT and GOF methods for He i λ4713.
Upper panel: Different symbols indicate different data quality, identified in the legend. Lower panel:
Same as above after discarding the lower quality data. Information on the LC and SpT of the targets
is provided by the symbol shapes and colors (see legend). In both panels, the dotted lines indicates the
1:1 relation. The dashed lines show the ±20 km s−1 or ± 20%, whichever is the largest, around the 1:1
relation.
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Figure 2.7: Comparison of the 3e sin i measurements from the FT and GOF methods for He ii λ4541.
Information on the LC and SpT of the targets is provided by the symbol shapes and colors. Lines have
the same meaning as in Fig. 2.6.

Once the poorer quality measurements resulting from cases (i) to (iv) are left
aside, the 3e sin i measurements for the 76 stars left in our comparison show strong
agreement between FT and GOF estimates over the full range of velocities, save for
3e sin i measurements close to the spectral resolution limit (Fig. 2.6, bottom panel).
Similar conclusions about the high degree of agreement between FT and GOF esti-
mates can be drawn for the other He i lines and from Si iii λ4552. From now on the
analysis is presented but excluding poor-quality measurements.

The situation is, however, less clear for measurements based on He ii λ4541
(Fig. 2.7, 101 stars). Above 150 km s−1, the FT and GOF measurements agree to
within 20%. A significant dispersion is, however, observed at lower velocities, with
FT resulting in systematically higher 3e sin i values than GOF. The origin of the ob-
served systematics is discussed further in Section 2.3.4.2.

2.3.4 Comparison of results from the different diagnostic lines

In this section we compare the 3e sin i measurements obtained from different diagnos-
tic lines (Table 2.3). Figures 2.8 to 2.10 show different cases of these comparisons,
and Table 2.2 summarizes the degree of agreement between the lines that have been
investigated. Only 3e sin i measurements that fulfill the quality criteria outlined in
Sect. 2.3.3 are considered.

25



2 Rotational velocities of the single O-type stars in 30 Dor

Figure 2.8: Comparison of 3e sin i values from the FT method for He i λ4713 and Si iii λ4552. Infor-
mation on the LC and SpT of the targets is provided by the symbol shapes and colors. Lines have the
same meaning as in Fig. 2.6.

2.3.4.1 Si iii λ4552 and He i lines

Figure 2.8 compares the 3e sin i values obtained from Si iii λ4552 and He i λ4713
for 12 stars. Measurements from both lines agree within ± 20 % or ± 20 km s−1,
whichever is the largest, in over 90% of the cases. A similar degree of agreement
is observed between FT measurements of He i λ4713 and He i λ4922 (Fig. 2.9) :
53 of the 58 stars displaying both lines again agree within ± 20% or ± 20 km s−1,
hence about 91% of the sample. We conclude that the comparison between 3e sin i
measurements obtained from Si iii and from different He i lines (Figs. 2.8, 2.9 and
Table 2.2) reveals no systematic differences. This justifies the grouping of all the
measurements from stars in Group A, irrespective of the diagnostic line from which
they have been obtained.

2.3.4.2 He ii λ4541

As discussed in Sect. 2.3.3, the FT and GOF measurements obtained from the He ii λ4541
line show general agreement well within the 20% for 3e sin i ≥ 150 km s−1 (Fig. 2.7).
However, the larger dispersion and systematics observed below 150 km s−1 cast some
doubts on the reliability of the He ii λ4541 measurements for slow rotators. In this
section we explore this issue further by comparing the He ii λ4541 rotational ve-
locities with those obtained from He i lines for those stars in Group A that display
both He i and He ii lines. This comparison will allow us to decide which of our two
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Figure 2.9: Comparison of 3e sin i obtained from the FT method for He i λ4922 and He i λ4713. Infor-
mation on the LC and SpT of the targets is provided by the symbol shapes and colors. Lines have the
same meaning as in Fig. 2.6.

methodologies provides the more reliable 3e sin i information for Group B stars.
Figure 2.10 (upper panel) compares 3e sin i measured from He ii λ4541 and from

He i λ4713 using the FT method. In the low-velocity domain (3e sin i < 150 km s−1),
FT values from He ii λ4541 are systematically larger by about 30 km s−1, on average,
with a dispersion of about 23 km s−1 compared to He i FT measurements. In this
domain, the contribution of Stark broadening to the He ii λ4541 line causes the power
of the first lobe of the FT to diminish. As a consequence, the first zero is easily hidden
within the white noise if the S/N is not high enough. The method then returns 3e sin i
values corresponding to the first FT zero that peaks out of the noise. This artificially
moves the measurement to higher 3e sin i values.

As illustrated in the lower panel of Fig. 2.10, the impact of the Stark broadening
on our 3e sin i measurements is partially mitigated by using the GOF rather than the
FT method for He ii λ4541. Although large deviations still occur in some cases, the
average systematic difference in the measurements between He i and He ii drops off

to 3 km s−1, which is negligible in comparison with our expected accuracy. Using
the GOF instead of the FT for He ii measurements thus allows to avoid a systematic
bias in the measurements, leaving the derived 3e sin i values only affected by random,
though relatively large, uncertainties.

In the high-velocity domain (3e sin i > 250 km s−1), a systematically lower 3e sin i
is obtained from He ii λ4541 than from He i λ4713. The good agreement found be-
tween FT and GOF estimates for He ii λ4541 in this 3e sin i domain suggests that the
difference is real and not related to a methodological bias. Fast rotation produces
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2 Rotational velocities of the single O-type stars in 30 Dor

Table 2.2: Comparison between different diagnostic lines. Col. 1: figure index. Col. 2: total number
of stars in the comparison. Cols. 3 and 4: diagnostic lines compared. Col. 5: number and fraction of
stars in the comparison for which the measurements agree within 20% or 20 km s−1, whichever is the
largest. Measurements from the FT method are used, unless specified otherwise.

Fig. Number Diagnostic Diagnostic ≤ 20 km s−1

of stars line 1 line 2 or ≤ 20 %

2.8 12 Si iii λ4552 He i λ4713 11 (92%)
- 17 Si iii λ4552 He i λ4387 14 (82%)
- 8 Si iii λ4552 He i λ4471 7 (88%)
- 14 Si iii λ4552 He i λ4922 13 (93%)

2.9 58 He i λ4713 He i λ4922 53 (91%)
- 66 He i λ4387 He i λ4713 57 (86%)
- 44 He i λ4471 He i λ4713 39 (86%)
- 52 He i λ4387 He i λ4471 43 (87%)
- 72 He i λ4387 He i λ4922 67 (93%)
- 46 He i λ4387 He i λ4471 41 (89%)

2.10 a) 31 He i λ4713 He ii λ4541 14 (45%)
- 40 He i λ4387 He ii λ4541 18 (45%)
- 31 He i λ4471 He ii λ4541 20 (65%)
- 31 He i λ4471 He ii λ4541 15 (48%)

2.10 b) 31 He i λ4713 He ii λ4541(GOF) 21 (68%)
- 40 He i λ4387 He ii λ4541(GOF) 21 (53%)
- 31 He i λ4471 He ii λ4541(GOF) 23 (74%)
- 31 He i λ4471 He ii λ4541(GOF) 23 (74%)

Table 2.3: Measured values of 3e sin i (in km s−1) for every star and diagnostic line. The ‘-’ sign
indicates that the line has not been used. The full version of the table is available online.

VFTS He i λ4387 He i λ4471 Si iii λ4552 He i λ4713 He i λ4922 He ii λ4541

014 87 104 - 94 79 85
016 - - - - - 94
021 52 67 - 40 57 45
046 160 166 176 167 166 -
051 413 - - - - -
064 99 113 - 99 104 15
065 164 - - - - 200
067 54 - - - - -
070 126 129 - - - -

... ... ... ... ... ... ...
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2.3 Measuring the projected rotational velocity

Figure 2.10: Comparison of 3e sin i measurements from He i λ4713 and He ii λ4541. Upper panel:
both diagnostic lines analyzed using the FT method. Lower panel: He ii λ4541 analyzed using the GOF
and He i λ4713 using the FT. Information on the LC and SpT of the targets is provided by the symbol
shapes and colors. Lines have the same meaning as in Fig. 2.6.

equatorial stretching of stars, which in turn induces a nonuniform surface gravity and
temperature distribution (von Zeipel 1924). In the particular case of fast-rotating O-
type stars, this means that the poles are hotter than the equator. As a consequence,
photospheric regions closer to the pole (resp. equator) will contribute more to the
formation of He ii (resp. He i) lines. Projected rotational velocities derived from He ii
lines are thus expected to be lower than those from HeI lines, as observed in Fig. 2.10.
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2 Rotational velocities of the single O-type stars in 30 Dor

2.3.5 Measurement uncertainties

The methods that we have adopted to estimate 3e sin i do unfortunately not provide
measurement errors. We have estimated the typical accuracy of our measurements
by examining the dispersions observed between measurements based on independent
lines. We outline here the main conclusions. At low rotational velocities, absolute
uncertainties provide a more sensible estimate of the true measurement error. At high
rotational velocity, however, uncertainties are better expressed in relative terms.

For Group A stars, the root mean square (rms) dispersion between measurements
from the different He i and Si iii lines amounts to about 10 km s−1 for projected ro-
tational velocities below 100 km s−1 (see Figs. 2.8-2.9 and Table 2.2). It is of the
order of 10% or better above 100 km s−1. For Group B stars, the rms dispersion in
the lower panel of the same figure indicates uncertainties not exceeding 30 km s−1

below 3e sin i = 200 km s−1, and not exceeding 10% above 200 km s−1 (see lower
panel Fig. 2.10).

As pointed out in the previous section, our He ii measurements may underesti-
mate the true rotational velocity of the stars for 3e sin i ≥ 250 km s−1. The five stars
in Fig. 2.10 for which this is relevant indicate that the effect is probably in the range
of 15% to 20%. Similarly, gravity darkening may cause our measurements to under-
estimate the true 3e sin i at high rotational velocity (see also the discussion in Dufton
et al. 2013, hereafter Paper X). Though both effects are not negligible, it will not
affect our conclusion on the presence of a well-populated high-velocity tail in the
rotational velocity distribution. Correcting these values would even strengthen that
outcome.

As a last point, we note that most of the comparisons performed in this section
concern mid- and late-O stars. The He i lines in early-O stars (O2-O5) are too weak
to provide reliable 3e sin i measurements, depriving us of an anchor point to test the
quality of He ii-based 3e sin i measurements. In Appendix 2.A we compare 3e sin i
measurements obtained from He ii λ4541 with those obtained from N v λ4604 for a
small set of stars. We find that above 80 km s−1, He ii and N v agree to within 10%.
This adds confidence in the quality of 3e sin i measurements for early-type Group
B stars in that regime. The quality of the He ii-based 3e sin i of early-O stars with
3e sin i ∼< 80 km s−1 cannot be investigated further with the current data set, and we
adopt a formal uncertainty of 30 km s−1 for these 15 stars.

2.3.6 Strategy for obtaining 3e sin i estimates

Based on the analysis presented in Sects. 2.3.3 and 2.3.4, we have adopted the fol-
lowing strategy to obtain the final 3e sin i measurements (see Table 2.4) for the full
sample of 216 O-type stars:
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2.3 Measuring the projected rotational velocity

Table 2.4: Averaged 3e sin i measurements and adopted uncertainties. The number of lines used and
the category are also indicated. The full version of the table is available online.

VFTS Group 3e sin i (km s−1) σ (km s−1) # of lines

014 A 91 10 4
016 B 94 30 1
021 A 54 11 4
046 A 167 5 5
051 A 413 20 1
064 A 104 6 4
065 A 164 20 1
067 A 54 20 1
070 A 128 20 2
... ... ... ... ...

– For those stars in Group A with FT measurements below 40 km s−1, we adopt
an upper limit of 40 km s−1, and include them in the 0 – 40 bin of the 3e sin i
histograms (see Sect. 2.4).

– For those stars in Group A with FT measurements above 40 km s−1, we com-
pute an unweighted average of the individual values obtained from the avail-
able He i and Si iii lines (see Table 2.3).

– For all stars in Group B where the He ii λ4541 diagnostic line is available, we
adopt the GOF measurement obtained from that line. If the obtained value is
below 40 km s−1, we consider the object below our resolution limit and assign
it to the lowest velocity bin in our histograms.

– For the remaining 14 stars for which the above diagnostics cannot be applied,
we use the wings of the lines and compare them to synthetic spectra as de-
scribed in Sect. 2.3.2.

While the GOF measurements of 3e sin i based on He ii lines are good enough
for the purposes of this study, individual values must be handled with care because
the measurements have a large dispersion. In particular, some of the Group B stars
included in the first three bins of the 3e sin i distributions presented in the next sections
may move between adjacent bins due to sizeable uncertainties. Because we verified
earlier that there are no systematic effects, the larger uncertainties for some stars in
Group B do not affect the overall distributions presented in this paper.
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2 Rotational velocities of the single O-type stars in 30 Dor

2.4 The 3e sin i distribution

In this section, we construct and investigate the 3e sin i distributions of the overall
O-type star population within 30 Dor, as well as within subpopulations of stars in our
sample. We approximate the probability density function (pdf) using histograms with
a bin size of 40 km s−1. Such a bin size is consistent with our resolution limit (see
Sect. 2.2) and is large enough to mitigate the effect of measurement uncertainties on
the appearence of the histograms. Figure 2.11 shows the overall 3e sin i distribution. It
is dominated by a clear peak at fairly low 3e sin i and a well-populated high-velocity
tail that extends continuously to 500 km s−1. With a measured 3e sin i of 609 and
610 km s−1, VFTS 285 (Walborn et al. 2012) and VFTS 102 (Dufton et al. 2011)
complete the projected rotational distributions at extreme rotation rates.

In the following sections, we analyze the 3e sin i distribution as a function of spa-
tial location, LC and SpT. We use Kuiper tests (KP, Kuiper 1960) to search for sig-
nificant differences between the considered subpopulations. Results are reported in
Table 2.5. Specifically, KP tests allow us to test the null hypothesis that two observed
distributions are randomly drawn from the same parent population. Compared to the
more widely used Kolmogorov-Smirnov test (KS, Kolmogorov 1933), the KP test
has the advantage of being similarly sensitive to differences in the tails and around
the median of the distributions, while the KS test is known to be less sensitive if dif-
ferences are located in the tails of the distribution. To support our discussion of the
outcomes of the KP tests, we also show the cumulative distribution functions (cdf)
because they provide a more direct view of the location of the differences between
the distributions.

2.4.1 Spatial variations

Figure 2.12 shows the 3e sin i distributions for stars in the NGC 2070 and NGC 2060
clusters and for stars outside these two clusters. Qualitatively, all three distributions
are similar with a peak in the low-velocity region and a high-velocity tail. The dis-
tributions for stars in the two clusters are statistically compatible. A KP test, how-
ever, indicates that the 3e sin i distribution of stars outside the clusters shows differ-
ences with the NGC 2070 and NGC 2060 distributions, at the 9% and 3% signifi-
cance levels, respectively. For NGC 2070 the difference manifests itself in the high-
velocity regime, the fraction of rapid rotators being larger outside of the clusters. For
NGC 2060 both the low- and high-velocity region contribute to the significance of
the differences detected by the KP test.

The difference in age between the two clusters, hence in the evolutionary stage
of their O-type star population, does not seem to have strongly affected the 3e sin i
distribution of NGC 2060 compared to the younger NGC 2070. This suggests that

32



2.4 The 3e sin i distribution

40 80 120 160 200 240 280 320 360 400 440 480 520 560 600 640
Projected rotational velocity (km s−1 )

0.00

0.05

0.10

0.15

0.20

0.25

Fr
e
q
u
e
n
cy

Below res. limit - Group A (20 stars)
Below res. limit - Group B (7 stars)
Group A (129 stars)
Group B (GOF) (60 stars)

Figure 2.11: Histogram of the projected rotational velocities of our sample of 216 O-type stars in
30 Dor.

standard evolutionary effects, such as spin down through wind mass loss and/or en-
velope expansion are modest. The presence of a larger fraction of fast rotators outside
clusters may, however, be linked to binary evolution if the field is relatively overpop-
ulated with post-interaction objects. Binary interaction is indeed expected to produce
rapidly rotating stars either through mass and angular momentum transfer to the sec-
ondary star during Roche lobe overflow or through the merging of the two compo-
nents (de Mink et al. 2013). A relative overpopulation of the field can be obtained in
two ways. Some of these binary products may have outlived their coeval single star
counterparts thanks to the rejuvenation effects resulting from the interaction process.
Alternatively, post-interaction systems may have been ejected from their natal clus-
ter when the primary experienced its supernova explosion. The correlation between
rapid spin and high radial velocity of the field stars identified in the VFTS O-type star
sample (Sana et al. in prep.) is an argument in favor of the latter scenario. This will
be the topic of a separate investigation within the VFTS series of papers.

Qualitatively, the origin of the lower number of slow rotators within NGC 2060
remains unclear. It may be related to the specific evolutionary stage of most of the
stars in the clusters or reveal differences in the initial 3e sin i distribution. That dwarfs
and subgiants (LC V-IV) and bright giants and supergiants (LC II-I) have very similar
distributions at low velocities (Fig. 2.13) tends to rule out differences in the evolu-
tionary stage of the two clusters as a straightforward explanation.
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Figure 2.12: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distribu-
tions of the projected rotational velocities of the O-type stars for three spatially selected groups.
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2.4 The 3e sin i distribution

2.4.2 Luminosity class

Figure 2.13 shows the 3e sin i distributions for three luminosity groups: V-IV (119
stars), III (38 stars), and II-I (33 stars). There are 26 stars in our sample with no LC
classification available, so we only used 190 stars. KP tests do not reveal statistically
significant differences between the distributions of giants (LC III) and bright giants
and supergiants (LC II-I). Both distributions are, however, statistically different from
those of the dwarfs and subgiants (LC V-IV), this latter group dominating the extreme
of the high-velocity tail (3e sin i ≥ 450 km s−1).

The difference in the high-velocity regime between the V-IV class and the other
classes can be explained from evolutionary considerations. Following Weidner &
Vink (2010), some 18% of our total sample presents masses above 40 M� (see Sect.
2.5.2). The bulk of our O-type star sample consists thus of main sequence stars ini-
tially less massive than about 40 M�. For such stars the loss of angular momentum as
a result of mass loss in a stellar wind is quite limited, therefore this is not expected to
be an efficient mechanism for spin down (see Vink et al. 2010; Brott et al. 2011a). As
the O-type stars evolve away from the zero-age main sequence their radii expand and
one may naively expect to observe a spin down of the surface layers for more evolved
stars. The spin down with increasing radius is, however, prevented by a simultaneous
contraction of the stellar core and the efficient transport of angular momentum from
the core to the envelope (Ekström et al. 2008; Brott et al. 2011a).

The critical rotation rate of a star, which is the maximum surface velocity above
which the centrifugal force exceeds gravity, is, however, mostly defined by its size.
Dwarfs are more compact than supergiants by about a factor two to three (Martins
et al. 2005), which corresponds to break-up velocities a factor up to

√
3 higher.

Break-up velocities for dwarfs and supergiants typical of our sample are around 700
and 400 km s−1, respectively (de Mink et al. 2013). These estimates match the max-
imum rotational velocities observed in Figure 2.13 well. It also explains the absence
of very rapid rotators among supergiants: such stars simply cannot rotate faster than
about 400 km s−1.

The low-velocity region shows a lower frequency of giants compared to the other
LCs. Although the cause of this is unclear, possible explanations include different
parent populations, different effects of the macroturbulent velocity field, and/or low
number statistics. Further investigations with higher resolution data are needed to
search for the origin of the observed paucity of giants with 3e sin i < 120 km s−1.

2.4.3 Spectral type

Figure 2.14 shows the 3e sin i distributions for the different spectral type categories.
There are seven stars with no SpT available, so we only consider 209 stars here.
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Figure 2.13: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distribu-
tions of the projected rotational velocities of the O-type stars for three different LC categories.
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Table 2.5: Kuiper tests (KP) statistics for different sets of the O-type stars (Cols. 1 and 2). The number
of stars in every subsample are given in Cols. 3 and 4. Col. 5 specifies the deviation between both
distributions. Col. 6 gives the probability pK of the KP statistics, stating the confidence level that the
two populations are randomly drawn from the same parent distribution.

Sample 1 Sample 2 n1 n2 D pK (%)

Spatial distribution

NGC 2060 NGC 2070 45 105 0.24 23
NGC 2070 Outside clusters 105 66 0.24 9
NGC 2060 Outside clusters 45 66 0.34 3

Luminosity class

LC II-I LC III 33 38 0.31 26
LC III LC V 38 119 0.31 4
LC II-I LC V 33 119 0.41 0.2

Spectral type

SpT 2-5 SpT 6-8 31 69 0.37 3
SpT 6-8 SpT 9 69 109 0.24 8
SpT 2-5 SpT 9 31 109 0.40 0.5

Though once again the overall appearance of the distributions seems similar, the
early-type group (O2-5) does not contain stars that rotate faster than 300 km s−1,
while the later SpT groups show a more extended high-velocity tail. Indeed a KP
test indicates that the O2-5 rotation rates are statistically different from the 3e sin i
distribution of the later types. The true maximum rotation rate of O2-5 stars could be
slightly higher than the observed 300 km s−1, since He ii λ4541 is the only rotational
velocity diagnostic for the early-O stars and systematically underestimates 3e sin i
by 15% to 20% compared to measurements based on HeI lines (see Sect. 2.3.4.2).
Even taking this into consideration does not make the early-O stars spin as fast as the
later-type stars.

The peak of the velocity distribution is also at somewhat higher 3e sin i for the
earlier type stars compared to the later types. The fraction of earlier type stars in the
first bin (below our resolution limit) increases when progressing to later groups of
spectral subtypes. This trend continues in the B-star domain as shown in Paper X.
Because of the limitation of the current data set, it is difficult to decide whether this
trend traces a real effect or results from a measurement artifact. We discuss both
options below.

In Sect. 2.3.4.2 we showed that there is a significant dispersion for 3e sin i (He ii)
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2 Rotational velocities of the single O-type stars in 30 Dor

with respect to 3e sin i (He i) measurements for 3e sin i < 150 km s−1. This comparison
is only done for mid-O stars, since a similar comparison cannot be performed for
stars earlier than O6. If broadening due to the linear Stark effect and as a result of
macroturbulent velocity fields is stronger among early-O-type stars (see, e.g., fig. 1
in Simón-Díaz et al. 2013, for the case of Galactic O-type stars) and if our method
cannot distinguish between rotation and extra broadening for early-O stars, as well
as for mid- and late-O stars, the rotation rates of the earliest types may be somewhat
overestimated. It is, however, unclear why the trend should continue for late O- and
early B-type stars.

If the signal is real, it suggests either that more massive stars cannot be spun down
as efficiently as lower mass stars or that an additional line broadening mechanism
exists whose strength correlates with spectral type. Such a mechanism remains to be
identified. A similar conclusion is reached by Markova et al. (in prep.) and Simón-
Díaz et al. (in prep.) using high-resolution data of Galactic samples of O-type stars.

The absence of a high-velocity tail among early O-type stars may also be related
to binary evolution effects (see Sect. 2.5.3). During a mass-transfer event, the sec-
ondary less massive star accretes mass and angular momentum from the primary star.
As a result secondaries are efficiently spun up to break-up velocities. Because the
masses of primary stars are higher than those of secondaries, and the distribution of
the mass ratio (q = M2/M1) favors relatively lower mass companions ( fq ∝ q−1

in the VFTS field; Paper VIII), the secondaries in the O+O binaries in 30 Dor will
be mid- and late-O stars much more frequently than early-O stars. A population of
unidentified post-interacting binary products in our sample could explain the strong
preference for mid- or late-type stars in the high-velocity tail of Fig. 2.14. Alterna-
tively, because they have the strongest winds, the earliest O-type stars may already
have experienced a larger spin down due to mass loss compared to later spectral
sub-type stars. However, current evolutionary models do not predict this effect to
be sufficient, unless of course the adopted mass-loss recipes have underestimated the
true mass-loss rates of these more extreme objects.

2.4.4 Comparison with earlier studies

Penny & Gies (2009) used FUSE UV observations with a spectral resolving power
of about 20 000 and a cross-correlation method to measure 3e sin i in a sample of
258 stars in the Galaxy (97 stars in total), LMC (106), and SMC (55). The cross-
correlation method measures the overall broadening of the line and does not allow
distinguishing between rotation and macro-turbulence. The method is, however, ver-
satile in that it allows double-lined spectroscopic binaries to be identified 3. For

3In those cases Penny & Gies (2009) provide 3e sin i values for both the primary and the secondary
stars.
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Figure 2.14: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distribu-
tions of the projected rotational velocities of the O-type stars for three different spectral type categories.
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all three metallicity environments, the authors report a lack of very slowly rotating
stars (i.e., 3e sin i ≤ 50 km s−1), which they interpret as the signature of additional-
broadening due to macro-turbulent motions.

Penny & Gies (2009) also divided their total sample into relatively unevolved
(V-IV) and evolved (II-I) stars, omitting LC III stars. For their Galactic sample, the
unevolved and evolved samples were statistically different for 3e sin i < 200 km s−1.
The authors interpret this as the result of a stronger photospheric macro-turbulence of
the evolved stars. For the LMC and SMC stars, such behavior was not observed, sug-
gesting that macro-turbulence depends on metallicity . Similar comparisons at high
projected rotational velocities (i.e. > 200 km s−1) revealed no significant statistical
difference between the unevolved and evolved objects.

The slowly rotating dwarfs in the three metallicity environments showed statis-
tical differences, but no clear trend could be identified, while the more rapidly ro-
tating dwarfs (> 200 km s−1) showed compatible distributions. For the evolved low
3e sin i stars, a trend could be identified: the higher the metallicity the smaller the
fraction of slow rotators. This too is consistent with a metallicity dependence of
macro-turbulent effects, in that such effects seem more prominent for higher metal
content. The rapidly spinning evolved objects did not show a clear trend, though the
SMC environment appears to be somewhat richer in these objects.

Huang & Gies (2006) used moderate resolution spectra to study projected ro-
tational velocities of 496 presumably single OB stars (∆RV ≤ 30 km s−1). Their
sample stars belong to 19 different open clusters in the Galaxy and span an age of
7-73 Myr. By using different diagnostic lines, such as He i λ4026, 4387, 4471, and
Mg ii λ4481, they fit 3e sin i using TLUSTY-SYNSPEC stellar atmospheres (Hubeny
& Lanz 1995). They find that the 3e sin i distribution of B-type field stars contains a
larger fraction of slow rotators than the B-type stars in clusters. Their high-velocity
tail extends up to 350 km s−1 and 400 km s−1, respectively. They finally suggests that
some of these rapid rotators may have been spun up through mass transfer in close
binary systems.

As a part of the VFTS project, Paper X studied a sample of around 300 stars
spanning SpT from O9.5 to B3, excluding supergiants. In addition to the set of diag-
nostic lines used here, Paper X also made use of He i λ4026, Mg ii λ4481, C ii λ4267,
and O ii λ4661. As in the present work, the FT method was used to estimate the
3e sin i for stars that do not show significant radial velocity variations. Because of un-
certainties in the initial crude VFTS classification, 47 stars, predominantly O9.5 and
O9.7 stars, were analyzed both in Paper X and in the present paper. The agreement
in 3e sin i in the overlapping set of stars between our and their analysis is excellent
(see Appendix 2.B). The 3e sin i distribution and the deconvolved 3e distribution of
the B-type stars in VFTS show a distinct bimodal structure with 25% of the sample
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Figure 2.15: Comparison of the cumulative distribution of projected rotational velocities of our work
(VFTS-O sample - purple), Penny & Gies (blue), Huang & Gies (green), and the VFTS-B sample of
Dufton et al. (2013) (red).

having 3e < 100 km s−1 (see Paper X). The components of the bimodal structure do
not correlate with different episodes of star formation nor with different locations in
the field of view.

Figure 2.15 compares our 3e sin i cumulative distribution of the O-type stars in
30 Dor with those from the studies summarized above. For Penny & Gies, we only
show the LMC sample (106 stars). From the total sample of Huang & Gies, Fig. 2.15
presents a subsample of 216 stars spanning SpT from O9.5 to B1.5 (see figure 4 of
their work). Their higher spectral resolution allowed them to extract lower 3e sin i
values than is possible for our data set (i.e. 3e sin i ≤ 40 km s−1, see Sect. 2.3.2).
Finally, the VFTS B-type star distribution excludes the 47 late-O stars in common
with the present work, to preserve the independence of the two samples.

The KP tests indicate that the Penny & Gies and VFTS B-star distributions are
statistically different, with a confidence level better than 1%, while the Huang & Gies
distribution marginally agrees with our O-star distribution (p ∼ 11%). That Penny
& Gies do not correct for macro-turbulence is a straightforward explanation for the
absence of slow rotators in their sample. The other three distributions agree well
with respect to the fraction of extremely slow rotators. The fraction of VFTS O- and
B-stars below our 3e sin i resolution limit (see Sect. 2.3.6), for instance, is roughly
similar.
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2 Rotational velocities of the single O-type stars in 30 Dor

Figure 2.16: Observed 3e sin i and Lucy-deconvolved 3e distributions. The dot-dashed line shows the
estimates, after 4 iterations in the Lucy-deconvolution, of the probability density function for the pro-
jected rotational velocity distribution. The solid line shows the probability density function of the actual
rotational velocities.

The distribution of 3e sin i of the Penny & Gies sample peaks at the same pro-
jected rotational velocity as in our distribution. The lack of stars spinning faster than
300 km s−1 in their sample is intriguing, but may result from a selection effect. Indeed
the FUSE archives may not be representative of the population of fast rotators in the
LMC, as individual observing programs may have focused on stars most suitable for
their respective science aims, possibly excluding fast rotators as these are notoriously
difficult to analyze.

The similarities between the O-star distribution in 30 Dor and the distribution of
late-O and early-B Galactic stars of Huang & Gies suggests a limited influence of
metallicity. This is consistent with our expectation that stellar winds do not play a
significant role in shaping the rotational velocity distributions in both samples, be-
cause they are dominated by stars less massive than 40 M�.

The differences with the VFTS B-star sample are striking and lack a straightfor-
ward explanation. The B-type stars show a bimodal population of very slow rotators
and fast rotators, with few stars rotating at rates that are typical of the low-velocity
peak seen in the VFTS O-type stars. We return to this issue in Sect. 2.5.
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2.4 The 3e sin i distribution

2.4.5 Analytical representation of the 3e distribution

The size of our sample is large enough to investigate the distribution of intrinsic ro-
tational velocities. By assuming that the rotation axes are randomly distributed, we
infer the probability density function of the rotational velocity distribution P(3e) from
that of 3e sin i. We adopt the iterative procedure of Lucy (1974), as applied in Paper X
for the B-type stars in the VFTS, to estimate the pdf of the projected rotational veloc-
ity P(3e sin i) and of the corresponding deprojected pdf velocity P(3e). As expected,
P(3e) moves to higher velocities compared to P(3e sin i) due to the effect of inclina-
tion. At 3e ≥ 300 km s−1, P(3e) presents small scale fluctuations that probably result
from small numbers in the observed distribution. The two extremely fast rotators
at 3e sin i ∼> 600 km s−1 are excluded from the deconvolution for numerical stability
reasons.

We can approximate the deconvolved rotational velocity distribution well by an
analytical function with two components. We use a gamma distribution for the low-
velocity peak and a normal distribution to model the high-velocity contribution:

P(ve) ≈ Iγ g(ve;α, β) + IN N(ve; µ,σ2) (2.1)

where

g(x;α, β) =
βα

Γ(α)
xα−1e−βx, (2.2)

N(x; µ,σ2) =
1
√

2πσ
e−(x−µ)2/2σ2

, (2.3)

and Iγ and IN are the relative contributions of both distributions to P(ve). The best
representation, shown in Fig. 2.17, is obtained for

P(ve) ≈ 0.43 g (α = 4.82, β = 1/25)

+ 0.67 N
(
µ = 205 km s−1,σ2 =

(
190 km s−1

)2
)

. (2.4)

The function is normalized to 0.99 to allow for including of an additional 1% compo-
nent to represent the two extremely fast rotators in our sample. One should note that
the reliability of the fit function is limited by the sample size at extreme rotational
velocities. This analytical representation of the intrinsic rotational velocity distribu-
tion may be valuable in stellar population synthesis models that account for rotational
velocity distributions.
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2 Rotational velocities of the single O-type stars in 30 Dor

Figure 2.17: Analytical representation of the deconvolved rotational velocity distribution (Eq. 2.4).

2.5 Discussion

The most distinctive feature of the 3e sin i and 3e distributions of the O-type stars in
30 Dor is its two-component structure: a low-velocity peak and an extended high-
velocity tail. In this section, we consider possible physical mechanisms that may be
responsible for the global shape of our 3e distribution. We start, however, by assessing
the projected spin rates 3e sin i relative to the critical spin rates.

2.5.1 3e sin i relative to the critical rotation rate

To estimate the critical rotation rate, 3crit, the sample is divided into three groups with
LC V-IV, III, and II-I. Stellar masses (M), luminosities (L), and radii (R) are then
obtained from the SpT calibration for the representative LC (V, III, or I) from the
spectral subtype calibration for rotating LMC stars by Weidner & Vink (2010). We
approximate 32crit = GM(1 − Γ)/R by correcting the mass for the effect of radiation
pressure on free electrons with an Eddington factor Γ. Around 50% of our sample
stars are found in the low-velocity peak with 3e sin i between 50 and 150 km s−1,
implying rotation rates less than 20% of the critical rotation rate 3crit. Figure 2.18
confirms the general behavior found in Sect. 2.4.3 that earlier O-type stars in our
sample lack extremely fast rotators relative to later spectral subtypes, either in abso-
lute 3e sin i or as a fraction of 3crit.
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Figure 2.18: Projected rotational velocity normalized to critical velocity, 3e sin i/vcrit, vs. spectral
subtype for our sample stars with known spectral types. Critical velocities are estimated using the SpT
calibration by Weidner & Vink. See legend for the information on the luminosity class. Stars indicated
in the legend as “upper limits" refer to stars with 3e sin i ≤ 40 km s−1.

2.5.2 The low-velocity peak

The low-velocity peak contains the large majority of the stars in our sample. The
origin of this peak may be related to the formation or early evolution of these stars.
Massive stars inherit their angular momentum from their parental cloud that contains
more than enough angular momentum to spin up the protostar to critical rotation
(see Larson 2010). Interestingly, Lin et al. (2011) find that gravitational torques
prohibit a star from rotating above ∼50% of its break-up speed during formation.
Magnetic coupling between the massive protostar and its accretion disk is expected
to be insufficient in spinning down the star further (Rosen et al. 2012). As pointed
out earlier, stellar winds and (single-star) evolution are also not effective in reducing
the rotation rate during most of the main sequence phase, save for objects initially
more massive than 40 M�. An additional braking mechanism is thus needed.

Meynet et al. (2011) and Potter et al. (2012) have explored stellar evolution mod-
els for magnetic main sequence stars. Based on a model for magnetic braking of
ud-Doula & Owocki (2002), they both predict that a massive star rotates at only a
modest fraction of its break-up velocity if it has a surface magnetic field strength on
the order of 2 kG. Most O-type stars in the Milky Way have no measured magnetic
field, and the majority of the few known magnetic O-type star have a magnetic field
strength of several hundred G to a few kG (Donati & Landstreet 2009; Grunhut et al.
2012). If magnetic braking is indeed the mechanism that slows down the stars after
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2 Rotational velocities of the single O-type stars in 30 Dor

their birth, most of the spin down has to occur within the first Myr, after which the
strength of the stellar magnetic field has to decrease below the detection limit of the
current surveys.

Within the context of a main-sequence magnetic braking scenario, the absence
of a large population of very slow rotators (3e sin i < 40 km s−1) in our sample may
indicate that either magnetic fields disappear before being able to fully spin down
the star or that the generation of the magnetic field itself is related to the high ro-
tational velocity. The analysis of spin rates for the early-B stars in the VFTS field
(Paper X) shows a bimodal distribution with a low-velocity component that peaks at
lower velocities relative to that for the O-stars. If this difference is connected to mag-
netic braking it may indicate that magnetic fields are initially stronger and/or more
efficient in spinning down early-B stars.

2.5.3 The high-velocity tail

Although most of the stars must spin down quickly after their formation to produce
the low-velocity peak (see Sect. 2.5.2), it is possible that some very young stars –
potentially rotating faster than average – are still present in our sample. Figure 2.18
shows that the later spectral subtypes contain a pro rata higher percentage of fast-
rotating stars, almost reaching the critical speed. The compatible rotational distribu-
tions of the stars in NGC 2060 and the younger NGC 2070 (see Sect. 2.4.1) and the
fact that star formation has very likely stopped in NGC 2060, however, argue against
newborn stars being a suitable explanation for the high-velocity tail.

The presence of a high-velocity tail is, however, predicted by recent population
synthesis computations that study the influence of binary evolution on the projected
rotation rate of massive stars (de Mink et al. 2013). Those simulations can create
a population of stars with high rotational rates through binary interaction. Such a
population is composed of mergers and of secondary stars that have been spun up by
mass transfer. In a second paper, de Mink et al. (in prep.) also argue that most post-
interaction binary products cannot be identified by RV investigations and will thus
contaminate our “single-star” sample. Interestingly, we find that the fraction of fast
rotators (3e > 300 km s−1) observed in the 30 Dor O-type star population (19% of our
‘single-star’ sample, hence ∼11% of the whole VFTS O-type star population) is the
same order of magnitude as the numerical predictions by de Mink et al. Dedicated
simulations that take the star formation history of 30 Dor into account are, however,
desirable for further investigating this scenario. Sana et al. (2013; Paper VIII) re-
port that the measured O-type star binary fraction in 30 Dor (51%) is apparently
lower than this fraction measured in young nearby Milky Way clusters (69%; Sana
et al. 2012). The assumption that most of the stars in our high rotational-velocity
tail are post-binary interaction products could potentially conciliate these two mea-
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surements. The pronounced high-velocity component in the 3e sin i distribution of the
early-B stars in the VFTS (Paper X) may also be in line with a post-binary nature, as
secondaries more often are of spectral type B than O.

If our interpretation of the high-velocity tail as resulting from binary interaction is
correct, it suggests that the low-velocity part of our distribution is a cleaner original
single-star sample. As, discussed by de Mink et al. (2013), the contamination of
the high-velocity end of the distribution by unresolved binary products complicates,
and may even invalidate, surface abundance analysis that aims to test or calibrate
rotational mixing theories, since such surface enrichment may also be the result of
mass transfer or mixing in merger products.

2.5.4 The single and binary channels for long-duration gamma-ray bursts

The nature of the high-velocity tail of the distribution of rotation rates as discussed
in Sect. 2.5.3 has important implications for the evolutionary origin of systems that
produce long-duration gamma-ray bursts (LGRBs). In both the collapsar model
(Woosley 1993b) and the millisecond-magnetar model (Lyutikov & Blackman 2001),
the Wolf-Rayet progenitor system of a stellar explosion producing a long (at least
two-second) burst of gamma rays is required to have a rapidly spinning core (see,
e.g., Langer 2012). Most, perhaps all (Niino 2011), of such gamma-ray bursts oc-
cur in regions of their host galaxies that have a low-metal content (Fruchter et al.
2006; Modjaz et al. 2008; Gräfener & Hamann 2008). Two channels leading up to
a GRB have been proposed. First, a close interacting binary system may lead to
the late production and spin-up of a Wolf-Rayet star (Izzard et al. 2004; Fryer &
Heger 2005; Podsiadlowski et al. 2010; Tout et al. 2011). With only limited time
left before the supernova explosion, the stellar wind of the Wolf-Rayet is not able to
remove sufficient angular momentum to prevent a gamma-ray burst, especially not at
low-metallicity where the outflow is less dense (Vink & de Koter 2005). Second, an
LGRB may occur for a single star that rotates so fast that mixing processes cause the
interior to become quasi-chemically homogeneous and the star as a whole to remain
compact (Yoon & Langer 2005; Woosley & Heger 2006). Since such a system devel-
ops Wolf-Rayet characteristics early on, a low-metallicity environment is required to
avoid wind-induced spin down.

The single-star LGRB progenitors need O-type star descendants that at birth spin
faster than ∼ 300-400 km s−1 and are more massive than about 20 M� (Brott et al.
2011a). Mokiem et al. (2006) identified presumably-single candidate objects for such
evolution, a result that actually spurred the above-mentioned groups to put forward
the possibility of a single-star channel. If indeed the high-end tail of the velocity
distribution is dominated by, or is exclusively due to, post-interaction binaries and
mergers, the relative importance of the single-star channel is reduced. Indeed, if the
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2 Rotational velocities of the single O-type stars in 30 Dor

high-end tail is exclusively composed of binary products, then the existence of the
single-star GRB channel may be challenged altogether.

2.6 Conclusions

We have estimated projected rotational velocities for the presumably single O-type
stars in the VFTS sample (216 stars). We find that the most distinctive feature of the
3e sin i distribution of O stars in 30 Dor is a two-component structure: a low-velocity
peak at ∼80 km s−1 and a high-velocity tail extending up to ∼600 km s−1. The pres-
ence of the low-velocity peak is consistent with previous LMC surveys, but we con-
clusively find a considerable population of rapidly spinning stars (3e > 300 km s−1

for 20% of the sample). The homogeneity and size of the sample also allows us to
study the 3e sin i distribution as a function of spatial distribution, luminosity class,
and spectral type.

Based on expectations of star formation and single-star evolution, most of the
stars seem to have to spin down shortly after their formation, from critical or half-
critical rotation rates to a much smaller fraction of their break-up velocity. For the
bulk of O stars, angular momentum loss in a stellar wind is insufficient and another
mechanism should act to efficiently spin down the stars; magnetic fields being prime
candidates.

The presence of a well populated high-velocity tail is compatible with expecta-
tions from binary evolution, and it qualitatively agrees with recent population syn-
thesis predictions (de Mink et al. 2013). The nature of the high-velocity tail of
the distribution has an important implication for the evolutionary origin of systems
that produce long-duration gamma-ray bursts. If the objects in the high-velocity tail
were predominantly products of binary interaction and mergers, a scenario for long-
duration GRB production without a preferred metallicity (range) for the progenitor
systems would be implied, unless binarity itself presents a metallicity dependence in
LGRB progenitor production. If the high-velocity tail is dominated by single stars
after all, a low-metallicity environment seems required for LGRBs.
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2.A N v λ4604 line

Though the N v line is not widely used to obtain 3e sin i, the line is affected little by
Stark broadening and may thus provide an alternative anchor point for He ii-based
measurements. Since N v λ4604 is intrinsically strong, it may be partly formed in the
stellar outflow. It can thus only be used for 3e sin i determination if the wind is weak
and the line is of photospheric origin; i.e., it should be symmetric.

Eight stars in our sample (VFTS 016, 072, 267, 506, 518, 566, 599, 621) show
both N v λ4604 and He ii λ4541.VFTS 180 was discarded due to its asymmetric
profile. Figure 2.A.1 compares the 3e sin i measurements obtained, for this subsam-
ple, from both diagnostic lines. Save for one target, all measurements agree within
±10 km s−1 or ± 10% of the 1:1 relation. The comparison lacks stars with low pro-
jected spin rates. The sole case for which the comparison is poor has the lowest spin
rate when using the N v diagnostic. On the basis of one case, we cannot conclude
whether this indicates a systematic effect at low 3e sin i or whether it is the result of
the relatively large dispersion of spin rate measurements based on He ii at modest
rotational velocities (see Sect. 2.3.4.2).

2.B Comparison with overlapping sample of the O and B-
type stars in the VFTS

Rotational velocities for the single B-type stars in the Tarantula Survey have been
presented in Paper X. There the FT technique was also used, but a different set of
lines was applied reflecting the different temperature range. Owing to uncertainties
in the preliminary spectral classification, 47 late-O and early-B stars were included
in both data sets.

Figure 2.B.1 compares both 3e sin i measurements. We find that there are no
significant systematic differences between the two sets of measurements. Despite two
outliers (VFTS 412 and 594 at about ∼180 km s−1), the overall comparison presents
an excellent agreement, with an rms dispersion of about 10% of the 1:1 relation.
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2 Rotational velocities of the single O-type stars in 30 Dor

Figure 2.A.1: Comparison of the 3e sin i measurements for He ii λ4541 and N v λ4604. Information on
the LC of the targets is provided by the symbol shapes. The dashed lines show the ±10 km s−1 and/or
± 10%, whichever is the largest, around the 1:1 relation.

Figure 2.B.1: Comparison of the 3e sin i measurements of the overlapping late O-type sample in Dufton
et al. (2013) and this study. Information on the LC of the targets is provided by the symbol shapes. The
dashed and dotted lines have the same meaning as in Fig. 2.6.
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Abstract

The initial distribution of spin rates of massive stars is a fingerprint of their elusive
formation process. It also sets a key initial condition for stellar evolution and is thus
an important ingredient in stellar population synthesis. So far, most studies have fo-
cused on single stars. Most O stars are however found in multiple systems. By estab-
lishing the spin-rate distribution of a sizeable sample of O-type spectroscopic bina-
ries and by comparing the distributions of binary sub-populations with one another as
well as with that of presumed single stars in the same region, we aim to constrain the
initial spin distribution of O stars in binaries, and to identify signatures of the physical
mechanisms that affect the evolution of the massive stars spin rates. We use ground-
based optical spectroscopy obtained in the framework of the VLT-FLAMES Tarantula
Survey (VFTS) to establish the projected equatorial rotational velocities (3e sin i) for
components of 114 spectroscopic binaries in 30 Doradus of the Large Magellanic
Cloud. The 3e sin i values are derived from the full-width at half-maximum (FWHM)
of a set of spectral lines, using a FWHM vs. 3e sin i calibration that we derive based
on previous line analysis methods applied to single O-type stars in the VFTS sam-
ple. The overall 3e sin i distribution of the primary stars resembles that of single
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3 Stellar spin rates of O-type spectroscopic binaries

O-type stars in the VFTS, featuring a low-velocity peak (at 3e sin i < 200 km s−1)
and a shoulder at intermediate velocities (200 < 3e sin i < 300 km s−1). The dis-
tributions of binaries and single stars however differ in two ways. First, the main
peak at 3e sin i ∼100 km s−1 is broader and slightly shifted toward higher spin rates
in the binary distribution compared to that of the presumed-single stars. This shift
is mostly due to short-period binaries (Porb ∼< 10 d). Second, the 3e sin i distribution
of primaries lacks a significant population of stars spinning faster than 300 km s−1

while such a population is clearly present in the single star sample. The 3e sin i dis-
tribution of binaries with amplitudes of radial velocity variation in the range of 20 to
200 km s−1 (mostly binaries with Porb ∼ 10 − 1000 d and/or with q < 0.5) is simi-
lar to that of single O stars below 3e sin i ∼< 170 km s−1. Our results are compatible
with the assumption that binary components formed with the same spin distribution
as single stars and that this distribution contains few or no fast spinning stars. The
larger average spin rate of stars in short-period binaries may either be explained by
spin-up through tides in such tight binary systems, or by spin-down of a fraction
of the presumed-single stars and long period binaries through magnetic braking (or
by a combination of both mechanisms). Most primaries and secondaries of double-
lined spectroscopic binary systems with Porb ∼< 10 d appear to have similar rotational
velocities. This is in agreement with tidal locking in close binaries of which the
components have similar radii. The lack of very rapidly spinning stars among binary
systems supports the idea that most stars with 3e sin i ∼> 300 km s−1 in the single
star sample are actually spun-up post-binary interaction products. Finally, the overall
similarities (low-velocity peak and intermediate velocity shoulder) of the spin distri-
bution of binary and single stars argue for a massive star formation process in which
the initial spin is set independently of whether stars are formed as single stars or as
components of a binary system.

3.1 Introduction

The spin rate that a massive star acquires at birth carries information about the poorly
constrained processes involved in its formation (e.g., Zinnecker & Yorke 2007; Rosen
et al. 2012; Krumholz 2014b). Once assembled, the spin of a massive star influences
its nucleosynthesis and lifetime and more generally its evolutionary scenario (e.g.,
Maeder & Meynet 2000b; Brott et al. 2011a; Ekström et al. 2012; Georgy et al. 2012)
and supernova characteristics (e.g., Yoon & Langer 2005; Woosley & Heger 2006;
Yusof et al. 2013; Groh et al. 2014a). For a review of these topics we refer to Langer
(2012).

Up to now, studies of the spin properties of massive stars have focused on the
presumed-single star population with only some reporting measurements of spectro-
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scopic binaries (e.g., Penny 1996; Penny & Gies 2009). Here we present an analysis
of the projected equatorial rotational velocity (3e sin i) properties of the O-type spec-
troscopic binary population observed in the context of the VLT-FLAMES Tarantula
Survey (VFTS; Evans et al. 2011b), a multi-epoch optical spectroscopic campaign
targeting 360 O-type objects and hundreds of cooler stars in the 30 Doradus region in
the Large Magellanic Cloud (LMC). Overviews of the VFTS project and the results
obtained so far are provided in e.g., Evans et al. (2011a), de Koter et al. (2011, 2013)
and Sana (2013).

For the single O-type stars in the VFTS survey, Ramírez-Agudelo et al. (2013,
also referred to as VFTS Paper XII) found a 3e sin i distribution peaking at about
80 km s−1. After deconvolution assuming arbitrary orientations of stellar spin vec-
tors this peak shifts to about 100 km s−1, corresponding to ∼20% of the break-up
speed. Because spin-down through stellar winds is limited for the vast majority of
the sample, Ramírez-Agudelo et al. (2013) suggested that this peak was representa-
tive of the initial distribution of spin rates of single stars, i.e., of the outcome of the
formation process.

Dufton et al. (2013) investigated the VFTS spin distribution of non-supergiant
early-B stars and found a strong bi-modality. The distribution presents a low-velocity
peak at 3e < 100 km s−1 and a broad and even stronger high-velocity component ex-
tending from 3e ≈ 170 to 350 km s−1. The low- and high-rotation velocity regimes
in the B-star sample are separated by a clear 3e sin i gap extending from 100 to about
170 km s−1. The strong bi-modality of the spin-rate distribution seen in the VFTS
B-star sample is generally not observed in the VFTS single O-type stars (Ramírez-
Agudelo et al. 2013). A hint of bi-modality may however be present in the O9 dis-
tribution and may suggest a smooth transition from the O star to the B star regimes.
The weakly pronounced second O-star peak is however located at a slightly lower
projected spin velocity and is not as broad as the one seen in the B-star distribution.
Further data would also be needed to validate the statistical significance of such a
peak in the O9 star population.

According to the authors, the low spin velocity peak in the B-star distribution
may be the result of magnetic spin-down, with long-lived magnetic fields possibly
been generated through stellar mergers in close binary systems. Since close binaries
are unlikely to contain stellar merger products, such a scenario would predict that
the fraction of binary components with the lowest spin rates is reduced in the spin
distribution of binary components.

The observed 3e sin i distribution of O stars further presents a declining high-
velocity tail at 3e sin i ∼> 300 km s−1. By comparison with the results of recent popu-
lation synthesis (de Mink et al. 2013), Ramírez-Agudelo et al. (2013) suggested that
the high rotational velocity tail may be dominated by spun-up post-interaction ob-
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jects. Such binary evolution products are indeed expected to be seen as single stars
in radial velocity (RV) surveys due to the absence of large RV variations, either be-
cause of coalescence of the binary components or because the mass donor has lost
so much mass that the induced RV variations of the mass gainer – that dominates
the system optical brightness after mass transfer – are below any practical detection
limit for spectroscopic binaries (de Mink et al. 2014). The mass gainer may also be
truly single in cases where the binary is disrupted by the supernova explosion of the
primary component.

The O-type binaries in the VFTS are identified by their RV variations (Sana et al.
2013) and hence will be dominated by pre-interaction systems (de Mink et al. 2014).
To first order, this sample provides thus a view on the rotation properties of massive
stars which is unaffected by strong binary interactions, either through mass transfer
or merging. In this respect, results from the binary sample may thus be confronted to
that from presumed-single stars, where binary interaction effects are expected to lead
to strong signals (de Mink et al. 2013, 2014).

Furthermore, we may look at the role of tidal interactions in systems with periods
on the order of 1–10 days. This tends to synchronize the rotation of the compo-
nents with the orbital motion, leading to a spin-up of stars that at first have modest
rotation rates, and to the synchronization of the angular velocities of primaries and
secondaries in the same binary (de Mink et al. 2013).

Finally, we may take out the strong binary effects from the single star spin distri-
bution, that of tides from the binary component spin distribution, and then relate the
differences, if any, in the two resulting distributions to differences in the star forma-
tion processes of single and binary stars.

This paper is organized as follows. Section 3.2 introduces our sample. Sec-
tion 3.3 describes the adopted methodology to estimate the projected spin rates of
the components of the VFTS O-type spectroscopic binaries. Section 3.4 presents and
analyses the obtained 3e sin i distributions. Our results are discussed in Sect. 3.5 and
our conclusions are summarized in Sect. 3.6.

3.2 VFTS data and O-type binary sample

The VFTS campaign has been described in Evans et al. (2011b). All spectra dis-
cussed here were obtained with the Medusa fibre-feed to the Giraffe spectrograph.
The VFTS Medusa sample contains 332 O-type objects. Spectral classification and
RV measurements were presented in Walborn et al. (2014) and Sana et al. (2013),
respectively.

The method adopted for RV measurements was based on Gaussian fitting and,
for each O star in the sample, provided Doppler shift, amplitude and full width at
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Figure 3.1: Spatial distribution of the O-type binary systems in the 30 Dor field of view. Dots indicate
SB1 systems (85 objects) and crosses SB2 systems (31 objects). The dashed circles have radii of
2.4′ and are centered on the central cluster NGC 2070 and on NGC 2060, at 6.7’ to the south-west of
NGC 2070. (A color version is available in the online version of the paper).

half maximum (FWHM) values for a subset of He i and He ii lines. 116 objects were
classified as spectroscopic binaries (SB) on the basis of their statistically significant
and large-amplitude RV variations (∆ RV > 20 km s−1).

The identified O-type binary sample contains 85 single-lined (SB1) and 31 double-
lined (SB2) spectroscopic binary systems. Figure 3.1 shows the spatial distribution
of the binary stars. The systems are concentrated in the two clusters, NGC 2070 and
NGC 2060 (6.7’ south-west of NGC 2070), although a sizeable fraction is distributed
throughout the field of view.

3.3 Projected rotational velocities

The projected rotational velocity, 3e sin i, of stars can be measured from the broaden-
ing of their spectral lines (Carroll 1933; Gray 1976). For OB-type stars commonly
used methods include the direct measurement of the full width at half maximum (e.g.,
Slettebak et al. 1975; Herrero et al. 1992; Abt et al. 2002), cross-correlation of the
observed spectrum against a template spectrum (e.g., Penny 1996; Howarth et al.
1997), and comparison with synthetic lines calculated from model atmospheres (e.g.,
Mokiem et al. 2006). Simón-Díaz & Herrero (2007, 2014) apply a Fourier transform
(FT) and a line-profile fitting method.

The phase coverage of the VFTS binaries does not allow us to disentangle the
spectra of the binary components, hence one cannot easily apply FT or line profile
fitting methods. To obtain the projected rotational velocities of the binary sample in
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3 Stellar spin rates of O-type spectroscopic binaries

Figure 3.2: 3e sin i derived by means of Fourier transform or line-profile fitting methods (vertical axis;
see Ramírez-Agudelo et al. (2013)) versus FWHM for He i λ4387, 4713, 4922, and He ii λ4541 (hori-
zontal axis). The lines show the fitted FWHM − 3e sin i calibration relations described by Eq. (3.1) and
Table 3.1.

a homogeneous way, we thus focus on the FWHM of specific spectral lines. The
FWHMs are indeed easily quantifiable and less affected by line blending and/or the
presence of faint or undetected companions than more sophisticated methods. The
drawbacks are relatively large error bars on individual measurements (see below) and
a limited discriminative power at 3e sin i ∼< 100 km s−1 due to the fact that the method
does not disentangle rotational broadening from other types of broadening such as
macro-turbulence and Stark broadening.

3.3.1 FWHM − 3e sin i calibration

For the single O-type stars in the VFTS sample, we used the projected rotational ve-
locities previously obtained using both a FT and a line profile fitting method (Ramírez-
Agudelo et al. 2013). The FT method is able to disentangle rotational broadening
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3.3 Projected rotational velocities

from other broadening agents (such as broadening due to macro-turbulent velocity
fields) in cases where rotational effects dominate. For stars where rotation does
not dominate the broadening, the line fitting method also takes into consideration
the presence of additional broadening (for more details see Ramírez-Agudelo et al.
2013).

The He i λ4387, 4922, 4713, and He ii λ4541 lines studied in Ramírez-Agudelo
et al. (2013) have also been used for RV measurements (Sana et al. 2013) and thus
have both 3e sin i and FWHM measurements available. This allows for a calibration
of the FWHM values in terms of 3e sin i.

Figure 3.2 compares 3e sin i vs. FWHM for the helium lines listed above. The
number of stars for which this comparison can be made differs per spectral line and
depends on spectral type and data quality. The main reason for this is that the lines
need to pass a set of quality criteria to ensure reliable measurements, i.e., they should
be of sufficient strength relative to the signal-to-noise ratio of the spectrum and to
have a 3e sin i measurement that is above the resolution limit (Ramírez-Agudelo et al.
2013).

All four lines show a clear trend between 3e sin i and FWHM. The scatter in the
relation for He ii is considerably larger at relatively low 3e sin i than for the three He i
lines. This results from the fact that the Stark broadening is more pronounced in He ii
lines, and that a treatment of this broadening is not properly included in Ramírez-
Agudelo et al. (2013).

To calibrate FWHM as a function of 3e sin i we obtain a phenomenological de-
scription of the trends seen in Fig. 3.2. We successively adjusted polynomials of order
1, 2 and 3 as well as a power-law function with and without an offset. We perform
F-tests to decide whether additional fit parameters result in significantly better repre-
sentations of the data. All fit functions, except the first order polynomial, give similar
quality results. As the power law without an offset has the fewest free parameters, we
opted for this representation1, i.e.

3e sin i = a × FWHMb, (3.1)

where a and b are the fitting parameters.
Table 3.1 summarizes the best fit values and their uncertainties for each of the

lines. The root mean square (rms) residuals are about 15 to 25 km s−1 for the He i
lines and reach 35 km s−1 for the He ii λ4541 line. In the next subsection, we lay out
our strategy in using these four relations and investigate the uncertainty in the 3e sin i
determinations that follow from this approach.

1While an extra offset would formally express the fact that spectral lines have an intrinsic width –
hence would be more physical – adding this extra parameter yields no improvements on the fit quality
and we opted for the simpler function.
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3 Stellar spin rates of O-type spectroscopic binaries

Table 3.1: FWHM − 3e sin i calibration based on the VFTS single O-type star sample. The columns
list the diagnostic line (column 1), the number of stars for which the line fulfills the selection criteria
(column 2), the coefficients of fit function Eq. (3.1) (columns 3 and 4) and the root mean square (rms)
deviation between fit and data in km s−1 (column 5).

Diagnostic line # stars a b rms
(km s−1/Å) (km s−1)

He i λ4387 102 28.99 ± 1.55 1.30 ± 0.03 25
He i λ4713 60 35.51 ± 1.81 1.20 ± 0.04 15
He i λ4922 69 26.00 ± 2.01 1.26 ± 0.04 25
He ii λ4541 92 10.17 ± 1.27 1.69 ± 0.07 35
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Figure 3.3: Comparison of 3e sin i values derived from the FWHM − 3e sin i calibration (Eq. 3.1) and
those of Ramírez-Agudelo et al. (2013), which are based on more sophisticated methods. The dashed
line shows the one-to-one relation.

3.3.2 FWHM−based 3e sin i values for the single star sample

We first apply the FWHM−3e sin i calibration to the sample of 216 presumably single
O-type stars, as this provides an internal consistency test. For four stars (VFTS 400,
444, 565, and 587), no FWHM measurements of any of the four diagnostic lines are
available. These have been excluded from our comparison, leaving 212 stars.

In Ramírez-Agudelo et al. (2013) the diagnostic lines have been divided into two
groups, one of relatively good quality lines (Group A) and one of lesser quality lines
(Group B). The Group A lines include the He i lines at 4387, 4713, and 4922 Å. Only
if these lines are very weak or not present, 3e sin i relied on He ii λ4541. These latter
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3.4 The 3e sin i distribution of spectroscopic binaries

measurements are referred to as Group B. We also adopt this division of measure-
ments in two groups in order to decide which lines provide the most reliable value
of 3e sin i. If more than one He i line is available in a Group A source, we use the
unweighted average to obtain the mean projected rotational velocity. As this mean
is based on at most three values, the standard deviation tends to underestimate the
true dispersion. We thus adopt the rms residuals of Table 3.1 as error bars for our
measurements, unless the standard deviation of a given star is larger. In that case we
adopt the computed value.

Figure 3.3 compares the 3e sin i values based on the FWHM− 3e sin i calibration
with those obtained in Ramírez-Agudelo et al. (2013). The systematic difference is
less than 5 km s−1 and the standard deviation is about 40 km s−1. For slowly spin-
ning stars, the calibration presented here tends to somewhat overestimate 3e sin i. In-
deed in this low-velocity regime the FWHM−3e sin i calibration fails to disentangle
the contribution of rotational broadening from other broadening mechanisms (see
Sect. 3.3.1). At large velocity (3e sin i > 400 km s−1), our FWHM-based measure-
ments tend to underestimate 3e sin i compared to values obtained with the FT or pro-
file fitting method. It may suggest the presence of a higher-degree component in the
calibrations but our previous tests show that, if present, the latter could not be firmly
identified considering our data quality.

Figure 3.4 compares the 3e sin i probability density distribution (top panel) and
3e sin i frequency distribution (bottom panel) of Ramírez-Agudelo et al. (2013) with
that derived from the FWHM−3e sin i calibration, adopting a bin size of 40 km s−1

as in Ramírez-Agudelo et al. (2013). The first bin of the new calibration is depopu-
lated relative to the Ramírez-Agudelo et al. (2013) analysis because of the neglect of
additional broadening processes. Such extra broadening may affect 3e sin i for stars
rotating below 150 km s−1, and also explains the shift of the peak of the distribution
to somewhat higher 3e sin i values. At velocities above 200 km s−1, the distribution
is not affected in a statistically significant way, and the small (one bin) changes that
occur can be explained by the random uncertainties in the two methods.

Importantly, the general shape of the distribution – a peak at about 100 km s−1

and a high-velocity tail – is preserved using the FWHM−3e sin i method. Despite rel-
atively large individual measurement errors, this method still allows us to statistically
investigate the rotational properties of massive stars, including those of binaries for
which more sophisticated methods are more cumbersome to apply.

3.4 The 3e sin i distribution of spectroscopic binaries

In this section, we construct and investigate the 3e sin i distribution of stars in
O-type binary systems. Out of 116 primaries 3e sin i values could not be established
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Figure 3.4: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distri-
butions of the projected rotational velocities of the presumed-single O-type stars obtained using the
FWHM−3e sin i calibration (Eq. 3.1) and those of Ramírez-Agudelo et al. (2013).

in two cases, VFTS 531 and VFTS 810, as the spectra do not pass the quality criteria
described in Sect. 3.3.1 and thus these two stars were excluded from our analysis.

From here on, we only use 3e sin i values obtained using the FWHM−3e sin i cal-
ibration, i.e., also for the set of single stars. This allows for a direct and consistent
comparison of the single and binary samples.

We further perform statistical comparisons of the 3e sin i distribution from dif-
ferent subsamples in order to identify statistically significant signals in our data. We
use Kuiper’s test of hypothesis (KP, Kuiper 1960) to search for significant differences
between the parent populations of the considered samples. Results are reported in Ta-
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3.4 The 3e sin i distribution of spectroscopic binaries

Table 3.2: Kuiper’s test statistics. The figure index is given in the first column. The considered samples
and number of stars in each of these samples are listed in Cols. 2 to 5. Column 6 specifies the KP test
statistic D and column 7 the probability pK.

Fig. Sample 1 Sample 2 n1 n2 D pK

(%)

3.5 Presumed-single Primaries 212 114 0.20 3
3.7 Primaries Secondaries 114 31 0.18 95
3.9 Low-∆RV High-∆RV 85 29 0.24 57
3.8 Primaries (SB2) Secondaries (SB2) 31 31 0.16 99

For 3e sin i ≤ 170 km s−1

3.10 Presumed-single Low-∆RV 156 64 0.15 76

Table 3.3: Frequency of stars ( f ) from different subsamples that are spinning more rapidly than the
specified limit. 68% confidence intervals (approx. ± 1 sigma error bars) were computed following
binomial statistics (Sana et al. 2014b).

f (3e sin i)

Sample > 200 km s−1 > 250 km s−1 > 300 km s−1

Presumed-single 0.193 ± 0.028 0.156 ± 0.024 0.104 ± 0.019
Primaries 0.175 ± 0.035 0.088 ± 0.026 0.026 ± 0.018
Primaries (SB2) 0.161 ± 0.065 0.032 ± 0.032 0.000 (< 0.032)
Secondaries 0.097 ± 0.065 0.032 ± 0.032 0.032 ± 0.032
Low-∆RV 0.141 ± 0.035 0.082 ± 0.035 0.035 ± 0.024
High-∆RV 0.276 ± 0.069 0.103 ± 0.069 0.000 (< 0.034)

ble 3.2, where we list the sum D of the absolute values of the most positive and most
negative differences between the two cumulative distribution functions that are being
compared and the Kuiper probability pK. Specifically, KP tests allow us to test the
null hypothesis that two observed distributions are randomly drawn from the same
parent population. This test is similar to the more well-known Kolmogorov-Smirnov
test but presents the advantage that it is as sensitive to variations in the tail as it is to
variations in the middle of the distributions.

In Table 3.3 we also present the frequency of stars in a given sub-population that
are spinning faster than the specified limit. We will use these statistics to assess the
significance of the presence of a high-velocity tail in these sub-populations.
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3 Stellar spin rates of O-type spectroscopic binaries

3.4.1 Primaries vs. single stars

3.4.1.1 Observed distributions

Figure 3.5 compares the 3e sin i distributions of presumed-single stars and primaries.
There is a surprising overall qualitative similarity between the two distributions. Both
are dominated by a low-velocity peak (< 200 km s−1) which contains ∼80% of the
samples, and show a shoulder at intermediate velocities (200 km s−1 ≤ 3e sin i ≤
300 km s−1). The distribution of single stars also features a clearly identifiable high-
velocity (> 300 km s−1) tail, which is hardly seen in the distribution of primaries.

Though qualitatively similar the main low-velocity peaks are not identical. The
main peak in the distribution of the primaries is wider than that of the presumed-
single sample and overpopulates the distribution in the region between 100 and
300 km s−1 by 18%. At large projected spin rates (3e sin i > 300 km s−1), there is a de-
ficiency of very fast rotating primaries with respect to the presumed-single stars. The
presumed-single sample harbours 22 stars out of 212 that exhibit projected rotational
velocities larger than 300 km s−1 (10.4 ± 1.9 % of that sample) while the sample of
primaries only has 3 stars out of 114 (2.6 ± 1.8 %, see Table 3.3). A KP test con-
firms that parent 3e sin i distributions of primaries and of single stars are statistically
different (pK = 3 %).

3.4.1.2 Impact of inclination distributions

Binary systems that are seen closer to edge-on, i.e., that have a large inclination an-
gle, are more easily identified as binaries because of larger projected radial velocity
variations. This may introduce an observational bias in the spin rate distribution of
binaries relative to that of single stars if the spin axis of the components is preferen-
tially oriented along the orbital rotation axis. For identical intrinsic spin distributions,
the observed distribution of single stars might thus be shifted to lower 3e sin i than that
of binaries, potentially explaining part of the shift that we see in Fig. 3.5.

An estimate of the most extreme effect of this bias is provided by comparing the
deconvolved 3e distribution of single stars (Fig. 16 of Ramírez-Agudelo et al. 2013,
which is Fig. 2.16 in Chapter 2) to the observed 3e sin i distribution of binaries in
Fig. 3.5. The latter indeed corresponds to the intrinsic distribution of binaries under
maximum detection likelihood corresponding to i = 90◦ for all systems. Even in
these conditions, the main peak of the binary distribution is still broader and shifted
towards higher 3e compared to the main peak of the single star distribution. Further-
more, we show in Appendix 3.A that the actual distribution of inclination angle of
the binaries in our sample is not sufficiently different to that expected from random
orientation in 3D space to significantly contribute to differences seen in Fig. 3.5. We
conclude that the possible bias induced by a preferred binary detection for higher in-
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Figure 3.5: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distributions
of the projected rotational velocities of the presumed-single O-type stars (3e sin i− FWHM method) and
O-type primaries (∆RV ≤ 20 km s−1).

clination system cannot be invoked to explain the difference of the 3e distributions in
the primaries and presumed-single star samples.

3.4.1.3 Intrinsic 3e distributions

In Appendix 3.A, we use a simulated distribution of orbital inclination of the binaries
in our sample and a Bayesian method to compute the intrinsic distribution of rota-
tional velocities of the primaries in our sample. We adopt a general analytical form
of the rotation velocity probability density function f (3e), similar to the one found
for single O stars within VFTS (Ramírez-Agudelo et al. 2013), i.e., a combination of
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3 Stellar spin rates of O-type spectroscopic binaries

Table 3.4: Baysian estimates of the rotation distribution parameters of Eq. (3.2). Reported values cor-
respond to the 50th percentiles and confidence interval to the 16th and 84th percentiles of the posterior
distributions.

Parameters Primaries Single stars
Adjusted parameters

α 7.83+1.39
−1.55 8.94+0.77

−1.33

β 0.0476+0.0091
−0.0101 0.0729+0.0086

−0.0121

µ 215+133
−111 320+40

−40

σ 142+171
−78 113+26

−23

Iγ 0.94+0.04
−0.15 0.71+0.06

−0.07

Computed parameters

µγ = α/β 164+11
−11 122+8

−7

σγ =
√
α/β2 59+9

−6 41+5
−3

a gamma distribution and of a normal distribution:

f (3e) = Iγ g(3e;α, β) + (1 − Iγ) N(3e; µ,σ2) (3.2)

where

g(x;α, β) =
βα

Γ(α)
xα−1e−βx, (3.3)

N(x; µ,σ2) =
1

1 + erf(µ/
√

2σ)

e−(x−µ)2/2σ2

√
2πσ

. (3.4)

In Eq. (3.4), erf is the error function. It is used to renormalize the Gaussian com-
ponent to unity between x = 0 and ∞. Similarly, Iγ and (1 − Iγ) are the relative
contributions of both distributions to f (3e), such that f (3e) is also normalised to
unity when integrated over positive 3e. Such renormalizations were not implemented
in the same way in Ramírez-Agudelo et al. (2013). For consistency in the compar-
ison, we thus also applied the Bayesian analysis method to the single star 3e sin i
measurements obtained through our FWHM calibration curves.

Table 3.4 provides the 50th percentiles as well as the 68% confidence interval
of the marginalized posterior distributions of each of the parameters of Eq. (3.2).
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3.4 The 3e sin i distribution of spectroscopic binaries

It also provides the mean (µγ = α/β) and standard deviation (σγ =
√
α/β2) of

the gamma-component in the rotation distributions. Projections of the corresponding
marginalized posterior probability distributions are shown in Figs. 3.A.3 and 3.A.4.
Finally, Fig. 3.6 compares a histogram of the observed 3e sin i data with the obtained
best-fit rotational velocity distributions (see Appendix 3.A for details).

For the single star distribution, the best-fit parameters are different from those
obtained by Ramírez-Agudelo et al. (2013). This likely originates from the differ-
ent analytical forms and fitting methodology used. It may also have origins in the
derivation of the 3e sin i measurements (now based on FWHM for consistency). Still,
the overall shape of the recovered intrinsic rotational velocity distribution is in good
agreement (see Fig. 3.A.2), which allows us to validate the method.

The Bayesian analysis allows us to confirm and quantify our previous conclusions
(see Ramírez-Agudelo et al. 2013):

(i) The peak of the intrinsic rotation distribution (3e) is shifted by almost 50 km s−1

towards larger values in the sample of primaries;

(ii) The main peak is 50% broader in the distribution of primaries (σγ = 59 km s−1

compared to 41 km s−1 in the single star distribution);

(iii) The high-3e sin i tail is very limited or altogether absent in the sample of pri-
maries2.

Our analysis is the most complete, bias-corrected and consistent comparison of
the rotation properties of single and binary massive stars. It reveals small but fun-
damental difference between both samples, which we will discuss in Sect. 3.5. We
also derive a suitable analytical representation of the intrinsic distribution of rotation
rates that can be used, e.g., in population synthesis. In doing so, two aspects have to
be kept in mind: (1) the derived distributions are present-day distributions, not initial
ones; (2) the lack of extremely slow rotators (3e sin i ∼< 40 km s−1) in the distributions
results from the limitation of our 3e sin i measurement method. Higher resolution data
and, for the binaries, spectral disentangling, would be needed to further our analysis
at low spin rates.

2The Gaussian-component – used to add enough degrees of freedom in the fit to be able to model a
possible high-3e sin i tail – is not significant, at the 5% significance level, in the distribution of primaries.
This yields very broad marginalized posterior distributions for µ andσ, hence poorly defined parameters
for the Gaussian component as indicated in Table 3.4. Within the 68% confidence interval, the amplitude
of the Gaussian component does however reach 1− Iγ = 0.21, in which case one could consider it to be
important. However, inspection of Fig. 3.A.3 reveals that the parameters of a Gaussian that would have
1 − Iγ ≈ 0.21 are given by µ ≈ 200 and σ ≈ 50, i.e., such a Gaussian does not contribute significantly
to a high-3e sin i tail above ≈ 250 km s−1.
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Figure 3.6: Rotational velocity distributions for 50 random samples of the MCMC chain for the pri-
maries (upper panel) and the single stars (lower panel). The intrinsic rotational velocity distributions
are shown in red. In blue we show the corresponding distributions projected (assuming the sin i distribu-
tion inferred for the detected binaries in VFTS for the primaries and a random orientation of the system
in 3D space for the single stars) and convolved with a Gaussian error distribution with σv = 20 km s−1.
Although the observed data is represented here by a histogram, the fit to the data is performed discretely,
i.e., without any binning. The histogram bins are chosen according to Knuth’s rule (Knuth 2006).
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Figure 3.7: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distributions
of the projected rotational velocities of the O-type primaries and secondaries.

3.4.2 Secondaries vs. primaries

In Fig. 3.7 we show the distributions for primaries (114 stars) and secondaries (31
stars). Qualitatively, there is no clear difference between both distributions, i.e., the
peak is at a similar rotational velocity and both distributions are equally broad. The
primary distribution presents two stars with 3e sin i ≥ 400 km s−1. These two outliers
represent less than 2±2 % of the total primary sample and do not impact a comparison
of the two distributions. A KP test shows that both distributions are compatible with
one another (pK = 95 %).

Similarly, Fig. 3.8 displays the probability density distributions of the primaries
and of the secondaries in our sample of 31 SB2 binaries. These systems mostly have
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Figure 3.8: Probability density distribution of 3e sin i for the 31 SB2 systems, for which 3e sin i of both
the primaries and secondary component can be constrained.

large radial velocity variations (∆RV > 200 km s−1) indicating that the population is
dominated by close binaries. A Kuiper test yields D = 0.16 and pK = 99%. This is
thus consistent with the hypothesis of tidal synchronization, assuming the sizes of the
accompanying primaries and secondaries are comparable.

3.4.3 Small vs. large RV variation systems

The size of the sample of primaries allows us to explore 3e sin i distributions for sub-
populations. By selecting a limit for the amplitude of the radial velocity variations
∆RVlimit of 200 km s−1 we divide the primary sample into two subsamples, i.e., stars
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3.4 The 3e sin i distribution of spectroscopic binaries

that display ∆RV ≤ ∆RVlimit (henceforth low-∆RV) and stars with ∆RV > ∆RVlimit
(high-∆RV). The latter are systems for which tidal synchronization is expected to be
important during the main-sequence phase. Indeed, given our sample properties and
using Monte Carlo simulations described in Appendix 3.A.2, we can show that 88%
of systems with ∆RVlimit > 200 km s−1 have orbital periods less than 10 days (see
Sect. 3.5.1). Most of the systems in the low-∆RV subsample will not suffer from tides
– 75% of them are expected to have P > 10 d and/or the mass ratio q < 0.5 (where
q = M2/M1). The exception is of course for short-period similar-mass systems that
are seen at low inclination angles or for which the RV-curve has been poorly sampled.

Figure 3.9 plots the 3e sin i distributions of the low-∆RV (85 stars) and high-∆RV
(29 stars) subsamples. At low rotation velocities the distribution of high-∆RV, com-
pared to the low-∆RV, appears shifted by one bin (≈ 40 km s−1) to higher rotational
velocities. The high-velocity tail (i.e., 3e sin i > 300 km s−1) of the low-∆RV dis-
tribution has three primaries (3.5±2.4 % of that sample), while there is no star in
the high-∆RV distribution. Despite these apparent differences, a KP test does not
allow us to reject the hypothesis that both samples are drawn from the same parent
distribution (pK = 57 %), possibly as a result of the limited size of the high-∆RV
sample. The weighted mean of the samples (130±2 km s−1 and 153±5 km s−1 for the
low- and high-∆RV samples, respectively) are however significantly different from
one another, confirming a higher average spin rate of the high-∆RV (short periods)
systems.

3.4.4 Single stars vs. low-∆RV binaries

We compare the subsample of low-∆RV sources with that of the presumed-single
stars in Fig. 3.10. As pointed out in Sect. 3.4.3 the primary stars in the sample of
long period systems are not likely to interact with their companion during their main-
sequence lives (where we have used a low-∆RV as a proxy for long periods, barring
low inclination systems and orbit sampling effects; see Sect. 3.4.3). As the bulk
of the binary systems and the presumed-single systems are on the main-sequence,
a comparison of the two may thus help to address the question whether or not the
primaries in wide (enough) binaries and presumed-single stars leave the formation
process with similar spin-rate distributions. In Ramírez-Agudelo et al. (2013) we
claimed the low-velocity peak to be the representative of the outcome of the forma-
tion process where in (projected) rotational velocity it extended up to ∼ 160 km s−1.
Indeed, for 3e sin i ≤ 170 km s−1 both distributions are very similar and a KP shows
that both distributions are compatible with each other (pK = 76 %, see Table 3.2).

For the binaries with projected rotational velocities larger than 170 km s−1 both
distributions behave differently. The sample of presumed-single stars presents a sig-
nificant contribution of stars rotating more rapidly than 300 km s−1, while the wide-
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Figure 3.9: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distributions
of the projected rotational velocities of the O-type primaries with ∆RV ≤ ∆RVlimit (low-∆RV) and
∆RV > ∆RVlimit (high-∆RV).

binary sample does not.

3.5 Discussion

The dominant feature in the 3e sin i distributions of the O-type primaries and secon-
daries in 30 Dor is their low-velocity peak. Compared to the rotational distribution of
single stars, there is a low occurrence of stars spinning faster than 300 km s−1 in the
distribution of primaries. The well developed high-velocity tail seen in the presumed-
single stars is thus nearly absent. In this section we consider possible physical mech-
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Figure 3.10: Cumulative (upper panel) and frequency (lower panel, with Poisson error bars) distribu-
tions of the projected rotational velocities of the presumed-single O-type stars and the subsample of
low-∆RV sources.

anisms that may be impacting the global shape of the initial 3e sin i distribution of
binary components, notably tidal interaction and mass transfer.

3.5.1 Signatures of tidal interaction

As discussed earlier, the bulk of our binary sample is expected to consist of pre-
interaction systems. de Mink et al. (2013) studied the effects of binary evolution
on the rotation rates of primaries and secondaries as a function of initial period and
initial mass ratio. Prior to the primary star filling its Roche lobe, changes in stellar
structure, mass loss and tides may affect the spin rates.
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Following Weidner & Vink (2010), we estimate that about 20% of the stars in our
total sample have masses above 40 M�, with the most massive stars (accounting for
∼4% of the total) being roughly 60–80 M�. It is these stars that develop winds that
are strong enough to facilitate significant angular momentum loss during their main-
sequence evolution (see Vink et al. 2001). As we focus on the ensemble properties,
this implies that the bulk of the stars will not have stellar winds strong enough to spin
them down significantly on the main-sequence timescale. Exceptions may be stars
with strong large-scale magnetic fields, which we discuss separately below.

Stellar expansion due to changes in internal structure will only have a minor ef-
fect on the spin rate when the star approaches the end of its main-sequence lifetime,
and can be further neglected (Brott et al. 2011a; de Mink et al. 2013). The most im-
portant effect on the spin rate before Roche lobe overflow takes over is therefore that
of tides. In systems where the radii of the components is comparable to the separa-
tion between the stars (de Mink et al. 2013), tidal interaction strives to synchronize
the rotation of the binary components with the orbit. For massive binaries this cor-
responds to systems with orbital periods up to about a week. Once synchronized
the rotational velocity of the co-rotating primary increases mainly because of secular
stellar expansion.

Like the single O-type stars in 30 Dor, the 3e sin i distributions of primaries
and secondaries also present a low-velocity peak at around 100 km s−1, though it
is broader and skewed to somewhat higher spin rates (see Figs. 3.5-3.8). Under the
assumption that the initial spin distributions of binary components and single stars
are the same, this difference is consistent with tidal interaction playing a role in our
binary sample. Effects of tides and, in a minority of cases, possible slow Case A mass
transfer (see Figs. 2 and 3 in de Mink et al. 2013), appear most visible in the contrast
between the projected spin-rate distributions of low-∆RV versus high-∆RV systems
(see Fig. 3.9), the latter corresponding to closer binaries and displaying larger spin
rates (see Sect. 3.4.3).

To investigate the effect of tidal locking we make use of a diagram showing the
relation between projected rotational velocity and amplitude of the RV variations
(see Figs. 3.11 and 3.12). The timescale of tidal synchronization is a function of the
primary mass M1, the mass ratio of the primary and secondary q = M2/M1, and the
orbital period Porb. For our sample we lack information about the latter and therefore
we use the amplitude of the radial velocity variations ∆RV as a proxy of the period.

For a (hypothetical) fully synchronized binary system 3e sin i and ∆RV are fully
determined by Porb, M1, the radius R of the primary and q through Kepler’s law.
The thick green line in Fig. 3.11 indicates this relation for a typical system assuming
a synchronized orbital and spin period between 10 days (lower left) down to the
minimum period at which the primary star would be filling its Roche lobe (upper
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right). Here we adopted a primary mass of 20 M�, with R = 8 R�, and a mass ratio
q = 0.5. The shaded region shows the area spanned by similar relations varying the
mass ratio between q = 0.25 (left side boundary of the green area) and q = 1 (right
side boundary). The thick grey line and grey shaded area show the same adopting a
primary mass of 60 M� with R = 10 R�. It stretches out to both higher rotation rates,
because 3e sin i scales with the stellar radius which is larger for more massive stars
and to larger ∆RV which is proportional to M1/3

1 .
Tides are most effective for short period systems (Zahn 1975, 1977) with a weak

preference for equal mass systems. Stars in the upper part of the shaded areas are ex-
pected to be fully synchronized as the timescale for synchronization becomes (much)
less than 1 percent of the main-sequence lifetime (de Mink et al. 2009). For binary
systems with periods larger than about 10 days and/or extreme mass ratios we do not
expect tides to have a significant effect during the main sequence evolution.

Forty VFTS primaries fall within the shaded zones. According to the above ar-
gument, they are expected to be synchronized or to tend toward synchronization.
Given their 3e sin i properties, these systems are sufficiently numerous to explain the
overpopulation of primaries in the 100-300 km s−1 range compared to the single star
sample (Sect. 3.4.1).

For the SB2 systems one can in principle check whether the two stars have syn-
chronized. In Fig. 3.12 we show the 31 stars for which we have obtained ∆RV and
3e sin i for both the primary and the secondary components. Most of the systems fall
in the green zone. This is a selection effect as SB2s are most easily recognized if the
radial velocity shifts are large (Sana et al. 2011). All primary and secondary pairs
have been connected with a straight line. If a pair is synchronized the angular spin
velocities are the same. In that case one expects the lines to be horizontal in case of
equal sized stars, and about horizontal when allowing for size differences. Indeed, by
far the most systems show an about horizontal line connecting the two components
and we thus interpret this property as the signature of tidal synchronization. Two
distinct outliers are both located in the lower left corner of the diagram, where the
timescale for tidal synchronization is the longest.

Using population synthesis de Mink et al. (2013) show that tides are expected to
only lead to relatively few systems with velocities larger than 200 km s−1, and that
∼300 km s−1 is the limit that tides can achieve. Close binary systems that potentially
could have acquired spin rates much in excess of 300 km s−1 at birth would be spun
down to ∼200 km s−1. Indeed, this expectation too seems consistent with our find-
ings: none of the components of the close systems (using ∆RV > 200 km s−1 as a
proxy for identifying such systems) spin faster than this limit (see Sect. 3.5.3). Only
when mass transfer occurs, later-on in the evolution, the secondary may reach spin
rates of up to about 600 km s−1.
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Figure 3.11: Projected rotational velocity vs. amplitude of the radial velocity variations in the primary
stars sample (114 stars). The shaded regions show approximately where we expect tidal synchronization
to play a role during the main-sequence evolution for a primary mass of 20 and 60 M� (with R = 8 and
10 R�, respectively). Here we varied the mass ratios q from 0.25 and 1 and periods Porb from 0.25 to
10 days. The labels on the top and right hand axes show the corresponding orbital and spin period for a
typical circular binary system assuming a 20 M� primary and a mass ratio of 0.5.

3.5.2 Magnetic braking

If a massive star possesses a sufficiently strong magnetic field, the interplay of the
stellar winds with the stellar magnetosphere may lead to a rapid spin-down of the
star. The efficiency of the spin-down depends both on the strength of the magnetic
field and on that of the winds (ud-Doula et al. 2009). For known magnetic Galactic
O stars, the timescale of magnetic spin-down is of the order of several 0.1 Myr to
3 Myr (Petit et al. 2013). Given the lower metallicity, hence lower wind strengths
of stars in the 30 Doradus region, their spin-down timescales will be longer. Using
ud-Doula et al. formalism, we estimated them to be of the order of 6 to 25 Myr for a
1 kG field, and a factor of ten shorter for a 10 kG field.

Possibly up to 10% of the Galactic O stars host a long-lived large scale magnetic
field (Morel et al. 2015; Wade et al. 2014). However, only one has a known mag-
netic field stronger than 10 kG (NGC 1624-2, Wade et al. 2012; Petit et al. 2013), a
condition that seems required but rarely met for magnetic braking to efficiently affect
LMC O stars. While the detected magnetic fields in Galactic OB stars are believed
to be in a stable configuration, Fossati et al. (2015, in prep.) argue that the decay
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Figure 3.12: Projected rotational velocity vs. amplitude of the radial velocity variations for secon-
daries in SB2 systems (31 stars) together with their corresponding primaries, linked with arrows. The
definition of the green and grey regions and the labels on the top and right hand axes are as in Fig. 3.11.

timescales in massive main-sequence stars may be shorter than their lifetimes. If the
field decay timescale is longer than the magnetic braking one (for stars to have time
to spin-down), but fast enough for most strong magnetic fields to elude detection, a
substantially larger fraction of stars may have been affected by magnetic braking than
what the current detection rate of strong magnetic fields suggests. As a consequence
one needs to consider the possibility that magnetic braking may have some impact in
our sample.

The origin of the magnetic fields in massive stars is still under debate. One pos-
sibility is that of a fossil field that is frozen into a stable large-scale configuration
during the star-formation process (Duez & Mathis 2010). Another is that the fields
are formed during a strong binary interaction, e.g., a stellar merger (e.g., Wickramas-
inghe et al. 2014). Merger products are not expected to be found in close binaries,
as then the pre-merger triple star would have been highly unstable. This agrees with
the fact that the vast majority of magnetic massive stars seems to lack a close binary
component, in contrast with their non-magnetic counterparts (Alecian et al. 2014).

If magnetic spin-down is affecting our sample and if magnetic fields are gener-
ated by binary interaction, one thus expects a reduced number of slowly spinning
components in close binaries compared to single stars or to wide binaries. However,
tidal interaction in close binaries leads to synchronization, such that this effect is
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3 Stellar spin rates of O-type spectroscopic binaries

not detectable. The resulting slowly spinning post-interaction products would mostly
show up in the sample of presumed-single O stars. This would move the main peak
in their initial spin distribution towards lower spin velocity. A similar effect may
affect the wide binary distribution. Indeed, systems born as hierarchical triples may
now appear as a wide binary, after the close pair has interacted. The post-interaction
products may spin slowly because of magnetic spin-down.

To conclude, this discussion illustrates the possibility that the observed shift of
the spin distribution main peaks in the primaries and in the single stars samples may
partly be due to magnetic braking in post-binary interaction products. Similarly mag-
netic braking may also have contributed to the larger average spin rate observed in
the short- compared to the long-period systems. To test this scenario, further higher
resolution spectra would be necessary as they would enable the search for magnetic
spin-down signatures in the form of sub-structures in the low-velocity part of the spin
distributions.

3.5.3 The nature of the high-velocity tail and the single-star channel
toward long-duration GRBs

Ramírez-Agudelo et al. (2013) suggested that the high-3e sin i tail identified in the
projected spin-rate distribution of the presumed-single O-type stars in the VFTS is
populated by binary interaction products that have been spun up through mass trans-
fer or coalescence. A test of this scenario is to determine the projected spin-rate
distribution of primaries and to check whether a high-velocity tail is present or not. If
the tail in the sample of presumed-single stars is dominated by post-interaction prod-
ucts one may anticipate that it is less pronounced or even absent in the binary sam-
ple. Indeed tides in pre-interaction binaries can not spin the components up beyond
300 km s−1 (see Sect. 3.5.1). We find that 2.6±1.8 % of the primaries spin faster than
300 km s−1, compared to 10.4±1.9 % in the presumed-single sample. This supports
the hypothesis that the high-velocity tail is actually dominated by post-interaction
products and that genuine single stars spinning faster than 300 km s−1 are rare and
maybe absent altogether.

Rapidly spinning single stars have been considered as a potential channel towards
the production of long-duration gamma-ray bursts (GRBs; Yoon & Langer 2005,
Woosley & Heger 2006). If stars are born with rotational speeds of at least 300–400
km s−1, depending on metallicity, they will evolve quasi-chemically homogeneously
(e.g., Maeder 1987; Brott et al. 2011a), i.e., they remain compact throughout their hy-
drogen burning phase and become Wolf-Rayet stars directly afterwards. In this way
their stellar cores may retain enough angular momentum to fulfill the requirements
of the collapsar model towards GRBs (Woosley 1993a), especially in low-metallicity
environments where stellar winds of Wolf-Rayet stars are weaker, hence remove less
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angular momentum (Vink & de Koter 2005).
If rapidly spinning single stars are rarely formed or not formed at all this particu-

lar channel toward GRB progenitors may not occur in nature. It is however too early
to tell whether or not this implies that single stars may not produce GRBs altogether,
as stars with low magnetic torques (Woosley 2011) or core collapse early-on in the
Wolf-Rayet phase (Vink et al. 2011a; Gräfener et al. 2012) might provide alternative
routes. Spun-up mass gainers in close binaries might evolve chemically homoge-
neously and provide a GRB at the end of their life (Cantiello et al. 2007), such that
the total number of GRBs predicted from chemically homogeneous evolution does
not necessarily change.

3.5.4 The nature of the low-velocity peak and the formation of massive
stars

The low-∆RV sources are mostly SB1 systems with relatively long orbital periods
(with probable periods ∼10-1000 d) and/or low mass ratio systems, neglecting in-
clination and sampling effects. They are likely dominated by pre-interaction systems
that do not undergo significant tidal synchronization (Fig. 3.11). The few systems that
are located in the region of the parameters where tidal interaction is expected to take
place (shaded areas in Fig. 3.11) occupy the lower left corner, where the tidal syn-
chronization timescale is the longest. Moreover, the stellar winds of the bulk of this
sample are too weak to induce significant angular-momentum loss, and spin-down
due to envelope expansion as a result of secular evolution may be neglected. This
points to the idea that the spin rates of the low-∆RV , wide and low-q spectroscopic
binaries have seldom been modified since the stars were formed and thus reflect the
outcome of the formation process.

While the formation process of massive stars is heavily debated (e.g., Zinnecker
& Yorke 2007; Tan et al. 2014; Krumholz 2014b), most theories agree on the need for
disk-mediated accretion. In its simplest form, the collapse of the initial natal cloud
and the gas-accretion phase concentrate by far more angular momentum in the central
region than can be stored in a single star. Therefore, the spin rate of genuinely single
massive stars may naively be expected to be close to the star break up velocity (the
so-called angular momentum problem). Gravitational torques between star and disk
appear capable of limiting the stellar spin rates to about half the break-up speed 3crit
(Lin et al. 2011). This value is however still substantially higher than the 0.1–0.3 3crit
that is typical for the observed low-velocity peak (e.g., Conti & Ebbets 1977; Huang
& Gies 2006; Penny & Gies 2009; Ramírez-Agudelo et al. 2013). Magnetic braking
might aid in a further spin-down of the stars, either by self-induced fields or by fossil
fields. Alternatively, the formation of massive stars as part of a multiple system may
provide a reservoir to store angular momentum from the natal cloud into the orbit of
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the components. This too may alleviate the need to have a large initial stellar spin.
The low-velocity peak of the presumed-single stars studied by Ramírez-Agudelo

et al. (2013) may also reflect the initial conditions. Here we compare the low-3e sin i
regime of the two samples to assess whether the spin distribution of presumed-single
stars is similar to that of low-∆RV primaries in binary systems. A Kuiper’s test
selecting the stars having 3e sin i ≤ 170 km s−1 in both samples fails to identify
significant differences and we henceforth accept that these samples may be drawn
from the same parent distribution.

The resemblance of the low-velocity peak in the 3e sin i distributions of the long-
period and/or low-q spectroscopic binaries and the presumed-single stars thus sug-
gests similarities in their formation process. This could be the case if primordial
magnetic fields control the birth spin properties of massive stars, be they either single
or part of a binary system. If the initial spin properties are controlled by multiplic-
ity, i.e., by a formation process that proceeds through the creation of pairs or higher
order multiples, the similarity in the spin distributions of presumed-single stars and
primaries might suggest that true single stars do not actually exist. Interestingly, a
high angular resolution survey of Galactic massive stars combined with spectroscopic
results from the literature has revealed an extreme multiplicity fraction (>90%), sug-
gesting that all massive stars may form as part of a binary or higher order system and
that higher hierarchical systems are not uncommon (Sana et al. 2014b). Therefore,
genuine single massive stars may not exist.

3.6 Conclusions

Based on a sample of presumed-single stars in the 30 Doradus region in the LMC
presented by Ramírez-Agudelo et al. (2013) we have constructed a calibration that
allows to estimate the projected spin rates of O-type stars from FWHM measure-
ments. We have applied this 3e sin i–FWHM calibration to determine the projected
spin rates of the components of 83 SB1 and 31 SB2 O-type binary systems in 30 Dor.

Given the uncertainties in individual measurements (20–40 km s−1) we have fo-
cused on the spin-rate distribution, and have compared it to that of presumed-single
stars. The sample is large enough to define subsamples that could be compared to
each other. This has lead to the following conclusions:

1. The overall spin distribution of the O-type binary components qualitatively re-
sembles that of the single O stars in the 30 Dor region (see Ramírez-Agudelo
et al. 2013). Both are dominated by a low-velocity peak (< 200 km s−1) which
contains ∼80% of the samples, and both show a shoulder at intermediate ve-
locities (200 km s−1 ≤ 3e sin i ≤ 300 km s−1). However, the spin distribu-
tion of presumed-single stars features a clearly identifiable high-velocity tail
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(> 300 km s−1), which is hardly populated in the binary population.

2. The main peak of the binary distribution, centered at ∼100 km s−1, is broader
and skewed to somewhat higher spin rates than in the single star distribu-
tion. Similarly, the spin distribution of primaries in systems with ∆ RV >

200 km s−1, which we associate with close binaries with Porb ∼< 10 days, is
skewed towards higher spin rates than that of primaries in the presumably wider
systems with lower ∆RVs.

3. About one third of our binaries are so close that the spins of their components
are expected to be tidally synchronized with the orbital motion. The current
spin rates in such close binaries are thus expected to be independent of their
birth spins. Tidal synchronization may be responsible for the larger average
spin rates that we observe between components of close binaries and that of
single stars and of stars in longer period systems. A part of this shift might
also result from magnetic braking affecting a fraction of the single-star and
long-period binary population. The latter scenario would be consistent with
magnetic fields being generated by strong binary interaction in an earlier epoch
of evolution of these systems.

4. The SB2 systems in our sample mostly show radial velocity variation am-
plitudes above 200 km s−1 and have tidal synchronization timescales that are
shorter than their main-sequence timescale. On average, we find that the 3e sin i
values of SB2 primaries and secondaries are similar, as expected for tidally
synchronized binaries.

5. Among the primaries of our binary systems, stars spinning faster than 3e sin i =
300 km s−1are about four times as rare as in the single star population, in
relative terms. This is consistent with the hypothesis, proposed by Ramírez-
Agudelo et al. (2013) and de Mink et al. (2013), that this tail in the (presumed)
single star distribution is dominated by post-interaction binary products. In par-
ticular, the population of wide binaries shows hardly any components spinning
faster than 300 km s−1 suggesting that massive star formation rarely produces
such systems, if at all.

6. The low-velocity peak in the sample of primaries in wide spectroscopic bina-
ries, that orbit their companion at distances of the order of 1–10 AU, is very
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similar to that of the presumed-single stars. This, together with the overall
qualitative similarity in the spin distribution of single stars and binary compo-
nents, and plausible scenarios for even explaining the quantitative differences
through binary evolution, suggests that the spins of massive stars are set in-
dependently of whether they form in single stars or binary systems and are
controlled by similar physics.

The results presented in this work focus on the overall spin distribution of our
binary O-star sample. A detailed analysis of the properties of multiple systems –
yielding periods rather than ∆ RV as proxies of these periods – and their relation to
stellar parameters is a logical next step in assessing the role of tides and mass-transfer
in binary systems and the differences and similarities in the intrinsic rotational prop-
erties of single and binary systems. Higher spectral resolution data and an emphasis
on metallic lines would also offer the possibility to obtain more accurate measure-
ments in the low spin regime. These are needed to investigate possible sub-structures
in the low-velocity peak and their relation to, e.g., magnetic spin-down.
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3.A A Bayesian derivation of the intrinsic rotation distribu-
tion

3.A.1 Analystical form of the 3e distribution

As described in the main text, we adopt a two-component general analytical form
for the probability density function (PDF) of the intrinsic rotational velocity distribu-
tion. Following Ramírez-Agudelo et al. (2013), the adopted PDF is composed of a
gamma distribution and a normal distribution (see Eq. 3.2). The five free parameters
in Eq. (3.2) (α, β, µ,σ, Iγ) also allow us to represent PDFs with a variety of shapes,
e.g., a velocity peak with varying skewness or peak location, and a high-velocity tail
that can vary from negligible to strong. For example, in the deconvolved rotational
velocity distribution of the sample of single O-type stars from the VFTS (Ramírez-
Agudelo et al. 2013), the gamma distribution allowed to represent a low-velocity peak
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and the normal distribution was used to model an additional high-velocity contribu-
tion.

3.A.2 sin i distribution

We use the intrinsic orbital parameters distributions of the VFTS binary sample and
the VFTS binary detection probability as a function of orbital period, mass-ratio,
eccentricity, sampling and accuracy of the RV measurements obtained in Sana et al.
(2013) to compute the intrinsic distribution of the orbital inclinations of the detected
binaries in the VFTS sample. The obtained inclination distribution shows a quasi-
absence (< 5%) of systems with i < 20◦ and an over abundance of systems with i >
50◦ compared to a distribution computed with random orientation of the binary plane
in the 3D space (Fig. 3.A.1). While the difference between the random-orientation
distribution and the detected-binary distribution are real, the overall effect is small
enough that we can show that – within the quality of our data – our results do not
depend of which distribution is adopted. For consistency, we nevertheless proceed
by adopting the detected-binary distribution for the binary sample and the random-
orientation one for the single stars.

3.A.3 3e sin i distribution

Given a PDF for the intrinsic rotational velocity distribution, the associated projected
rotational velocity distribution will depend on the distribution of orientations of the
rotation axis with respect to the line of sight. In what follows, we consider two dif-
ferent PDFs for the sin i distribution. The PDF for a case where the rotation axes are
randomly oriented can be written as:

h(sin i) =
1

(1/ sin2 i − 1)1/2
. (3.A.1)

For the sample of primaries of O-type binaries from VFTS, we also consider the PDF
of sin i computed for the detected spectroscopic binary systems in the VFTS (see
Sect. 3.A.2). Both sin i distributions considered are actually very similar, as shown in
Fig.3.A.1.

The PDF of the projected rotational velocity, q(3e sin i), is obtained by convolving
the intrinsic rotational velocity PDF with the sin i distribution in the following way:

q(3e sin i) =
∫ ∞

3e sin i
f (v′) h

(
3e sin i

v′

)
1
v′

dv′ (3.A.2)

where f is as defined in Eq. (3.2), and h can be either of the two sin i PDFs discussed
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Figure 3.A.1: sin i distribution for the two different cases considered: a random orientation for the rota-
tion axis, or a rotation axis aligned with the binary axis which is computed for the detected spectroscopic
binaries in the VFTS sample.

above. The likelihood of an individual 3e sin i measurement given the above model
and a measurement uncertainty σv is then obtained by the convolution of the above
PDF and a Gaussian distribution (assuming normally distributed errors):

lobs(3e sin i) =
∫ ∞

−∞

1
√

2π σv
exp

(
−(3e sin i)2

2 σ2
v

)
q(3e sin i − v′)dv′, (3.A.3)

where q is as defined above.
To illustrate the effect of inclination and measurement uncertainties on the rota-

tional velocity distribution, we show in Fig. 3.A.2 the intrinsic, projected, and ob-
servable velocity distribution for a chosen set of parameters that were identified by
Ramírez-Agudelo et al. (2013) as providing the best representation of the rotational
velocity distribution of the single O-type stars in VFTS (α = 4.82, β = 1/25, µ =
205 km s−1, σ = 190 km s−1, Iγ = 0.43). For this illustration, we assume a measure-
ment uncertainty of σv = 20 km s−1. We show an example adopting each of the sin i

82



3.A A Bayesian derivation of the intrinsic rotation distribution

distributions discussed above. As expected, in both cases, the projected rotational
velocity distribution is shifted to lower velocities due to the effect of inclination, and
observational errors slightly broaden the distribution.

3.A.4 Bayesian analysis and posterior sampling

We are interested in the posterior probability density function of the model param-
eters (Θ =

{
α, β, µ, σ, Iγ

}
) given the data (D: a set of 3e sin i measurements with

associated uncertainties σv). In a Bayesian framework, the posterior probability den-
sity can be written as:

p(Θ|D) =
1
Z

p(D|Θ)p(Θ), (3.A.4)

where p(D|Θ) is the likelihood function and p(Θ) is the prior distribution. The
normalization Z = p(D) is independent of Θ for a given choice of the form of the
generative model, so for the problem that we are interested in here, we can simply
sample from p(Θ|D) without computing Z. Our likelihood function is simply the
product of individual likelihoods as given by Eq. (3.A.3), i.e.,

p(D|Θ) =
∏

i

lobs,i(3e sin ii,σv,i;α, β, µ, σ, Iγ), (3.A.5)

where 3e sin ii corresponds to each individual measurement with uncertainty σv,i. We
assume uniform priors for all five model parameters over the following ranges: 0.1 <
α < 10, 0 < β < 0.4, 0 < µ < 500, 30 < σ < 450, 0 < Iγ < 1.

Finally, to sample efficiently from the posterior distribution and obtain a sam-
pling approximation to the posterior PDF, we use the Python implementation of the
affine-invariant ensemble sampler for Markov chain Monte Carlo (MCMC) available
through the emcee code (Foreman-Mackey et al. 2013). We use 100 walkers and run
the chains for 3500 steps with a burn-in phase of 500 steps. Our final results for the
parameters of the rotational probability density functions for the primaries and for
the single stars are given in Table 3.4 and illustrated in Fig. 3.6.
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Figure 3.A.2: PDF of the intrinsic (red), projected (green), and observable (blue) rotational velocity

distribution for a model with α = 4.82, β = 1/25, µ = 205 km s−1, σ2 =
(
190 km s−1

)2
, Iγ = 0.43,

and assuming σv = 20 km s−1. Upper panel: sin i distribution assuming random orientation of the
rotation axes. Lower panel: sin i distribution computed for the detected spectroscopic binaries in VFTS
is assumed.
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3.A A Bayesian derivation of the intrinsic rotation distribution

Figure 3.A.3: One- and two-dimensional projections of the posterior probability distributions of the
rotational velocity distribution parameters for the sample of primaries of O-type binaries, assuming the
sin i distribution computed for the detected binaries in VFTS.
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3 Stellar spin rates of O-type spectroscopic binaries

Figure 3.A.4: One- and two-dimensional projections of the posterior probability distributions of the
rotational velocity distribution parameters for the sample of apparently single O-type stars, assuming a
random orientation of the rotation axis.
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Abstract

The Tarantula region in the Large Magellanic Cloud (LMC) contains the richest
population of spatially resolved massive O-type stars known. This unmatched sam-
ple allows us to test main-sequence evolution stars in the range of 15-70 M�. Using
ground-based optical spectroscopy obtained in the framework of the VLT-FLAMES
Tarantula Survey (VFTS), we determine stellar, photospheric and wind properties of
71 presumably single O-type giants, bright giants, and supergiants. These parameters
are confronted with predictions of stellar evolution and of mass-loss in line-driven
outflows. We apply an automated method for quantitative spectroscopic analysis of
O stars combining the non-LTE stellar atmosphere model FASTWIND with the genetic
fitting algorithm PIKAIA to determine the following stellar properties: effective tem-
perature, gravity, mass-loss, helium abundance, and projected rotational velocity. We
present spectral subtype versus effective temperature calibrations for giants, bright
giants and supergiants, that show relative offsets that concord with physical expecta-
tions. Though all O stars are hydrogen-burning main-sequence stars, dwarfs, giants
and supergiants initially less massive than about 60 M� do reflect an evolutionary
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sequence. However, the late O III and II occupy the same region in the Hertzsprung-
Russell diagram, a region that is relatively devoid of dwarf stars. On the basis of the
secondary luminosity class classifier these stars would have been assigned a class IV
or V. The helium abundances and projected spin rates of 11 stars do not concord with
current predictions of rotational mixing in main-sequence stars. These may however
be unidentified (post-interaction) binaries. Adopting theoretical results for the rate
of acceleration of the wind flow, we find modified wind momenta for LMC stars that
are 0.2 dex higher than earlier results. In the strong-wind regime emperical mass-loss
rates are in agreement with predictions by Vink et al. (2001) for Hα and He ii λ4686
based clump volume filling factors fc ∼ 1/7 to 1/5.
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4.1 Introduction

4.1 Introduction

Bright, massive stars play an important role in the evolution of galaxies and of the
universe as a whole. Nucleosynthesis in their interiors produces the bulk of the chem-
ical elements (e.g., Prantzos 2000), which are released into the interstellar medium
through powerful stellar winds (e.g., Puls et al. 2008) and supernova explosions. The
deposition of these types of kinetic energy affects the conditions in the star-forming
regions where massive stars are found (e.g., Beuther et al. 2008). The radiation fields
they emit add to this energy and supply copious amounts of hydrogen-ionizing pho-
tons and H2 photo-dissociating photons. Massive stars that resulted from primordial
star formation (e.g., Hirano et al. 2014) are candidates for powering the re-ionization
of the universe and have likely played a role in galaxy formation. (e.g., Bromm et al.
2009). Massive stars produce a variety of supernovae, including Ibc, IIn, superlumi-
nous supernovae and gamma-ray bursts (e.g., Langer 2012), that can be seen up to
high redshifts (Zhang et al. 2009).

Models of massive star evolution predict the series of morphological states these
objects pass through before reaching their final fate (e.g., Brott et al. 2011a; Ekström
et al. 2012; Groh et al. 2014b; Köhler et al. 2015). Studying populations of massive
stars is a proven way of testing the outcome of such calculations. O-type stars are of
particular interest as they sample the main sequence phase in the range of 15 M� to
∼70 M�, be they dwarfs, giants or supergiants. They show a rich variety of sub-types
(e.g., Sota et al. 2011) emphasizing the need for large samples if to be confronted to
predictions.

The Tarantula nebula in the Large Magellanic Cloud (LMC) is particularly rich in
O-type stars, containing hundreds of these objects. It has a well constrained distance
of 50.3 kpc (Gibson 2000) and only a modest foreground extinction, making it an
ideal laboratory to study them. As a determination of their properties requires high
quality spectra and sophisticated modelling tools, sample sizes have mostly been
relatively modest (for LMC samples see e.g., Massey et al. 2004; Mokiem et al. 2007;
Massey et al. 2013). The VLT-FLAMES Tarantula Survey (VFTS) is a multi-epoch
spectroscopic campaign that targets 360 O-type and over 450 later-type stars across
the Tarantula region, spanning a field several hundred light years across (Evans et al.
2011b, hereafter Paper I). Establishing the multiplicity properties of the VFTS stars is
an important component of this project, the observing strategy allowing us to identify
close pairs (having periods up to ∼1000 day) that are expected to interact during their
evolution (Sana et al. 2012).

In this VFTS series paper we analyse the properties of the 71 presumed single O-
type giants, bright giants, and supergiants. These will likely not all be true single stars
as post-interaction systems may be disguising themselves as single stars, showing
small or negligible radial velocity variations (de Mink et al. 2013). By confronting
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4 Stellar properties of the O-type giants and supergiants in 30 Dor

Figure 4.1: Spectral-type distribution of the O-type stars in our sample, binned per spectral subtype
(SpT). Different colors and shading indicate different luminosity classes (LC); see legend.

the stellar characteristics with evolution tracks for single stars we may not only test
these tracks, we might also identify post-interaction systems if their properties appear
peculiar and contradict predictions from single star tracks. The outflows of O III-I
stars are dense and most of them feature signatures of mass-loss in Hα and He ii4686,
allowing to assess their wind strengths. This enables a confrontation with wind-
strength predictions using a sample that is unprecedented in size.

The layout of the paper is as follows. Section 4.2 describes the selection of our
sample. The spectral analysis method is described in Section 4.3. The results are
presented and discussed in Section 4.4. Finally, conclusions are given in Section 4.5.

4.2 Sample

The VFTS project and the data have been described in Evans et al. (2011b, hereafter
Paper I). Here we focus on a subset of the O-type star sample that has been observed
with the Medusa fibers of the VLT/FLAMES multi-object spectrograph: the presum-
ably single O stars with luminosity class (LC) III, II and I. The total Medusa sample
contains 332 O-type objects observed with the Medusa fiber-fed Giraffe spectrograph.
Their spectral classification is available in Walborn et al. (2014). Among that sam-
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ple, Sana et al. (2013, hereafter Paper VIII) have identified 116 spectroscopic binary
(SB) systems from significant radial velocity variations (RV) with a peak-to-peak
amplitude (∆RV) larger than 20 km s−1. The remaining 216 objects show either no
significant or significant but small RV variations (∆RV ≤ 20 km s−1). Most of them
are presumed single stars although it is expected that 25% of them are undetected
binaries (Sana et al. 2013). Rotational properties of the single stars and of stars in
binary systems have been presented by Ramírez-Agudelo et al. (2013, hereafter Pa-
per XII; and submitted).

The stellar and atmospheric properties of the LC V-IV stars (∼120 stars) are in-
vestigated in Sabín-Sanjulián et al. (2014, and in prep.). Here we focus on the 71
presumably single O stars with LC III to I. The remaining 25 spectroscopic single
objects could not be assigned a LC classification and for that reason are discarded
from the present analysis. Our sample breaks down as follows: 38 giants (LC III),
27 bright giants (LC II) and 6 supergiants (LC I). Figure 4.1 displays the distribu-
tion of spectral types and shows that 68% of the stars in the sample are late-type
O9-O9.7 stars. There are only a few Of stars and no Wolf Rayet (WR) stars in our
sample. These extreme and very massive stars in the VFTS have been studied by
Bestenlehner et al. (2014) by using the CMFGEN atmosphere code (see Sect. 4.3).

The spatial distribution of our sample is shown in Fig. 4.2. The stars are con-
centrated in two clusters, NGC 2070 (in the centre of the image), and NGC 2060
(6.7’ south-west of NGC 2070), although a sizeable fraction are distributed through-
out the field of view. In this paper we refer to stars located further away than 2.4’
from the centres of NGC 2070 and NGC 2060 as the stars outside clusters. These
may originate from either NGC 2070 or 2060 but may also have formed in other star-
forming events in the 30 Dor region at large. A circle of radius 2.4’ (∼ 37 pc) around
NGC 2070 contains 25 stars from our sample: 16 are of LC III, 8 are of LC II and
1 is of LC I. NGC 2060 is believed to be somewhat older and contains 24 stars in a
similar sized region. Accordingly, it contains a larger fraction of LC II and I stars
(63%; 15 out of 24) than NGC 2070 (36%).

4.3 Analysis method

To investigate the atmospheric properties of our sample stars, we obtained the stellar
and wind parameters by fitting synthetic spectra to the observed line profiles. This
method is described in the following sections.

4.3.1 Atmosphere fitting

The stellar properties of the stars have been determined using an automated method
developed by Mokiem et al. (2005). This method combines the non-LTE stellar at-
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Figure 4.2: Spatial distribution of the presumably single O-type stars as a function of LC. The dashed-
circles define regions within 2.4’ of NGC 2070 (central circle) and NGC 2060 (SW circle). Different
symbols indicate different LCs: III (circles), II (squares), I (diamonds).

mosphere model fastwind (Puls et al. 2005; Rivero González et al. 2011) with the
genetic fitting algorithm pikaia (Charbonneau 1995). It allows for a standardized
analysis of the spectra of O-type stars by a thorough exploration of the parameter
space in affordable CPU time on a supercomputer (see e.g., Mokiem et al. 2006,
2007; Tramper et al. 2011, 2014).

The algorithm makes use of normalised spectra1 to derive the effective temper-
ature (Teff), the surface gravity (log g), the mass-loss rate (Ṁ), the exponent of the
β-type wind-velocity law (β), the surface helium abundance (NHe), the microturbu-
lent velocity (3turb) and the projected rotational velocity (3e sin i). While the method
in principle allows for the terminal wind velocity (3∞) to be a free parameter, the lat-
ter can not be constrained from the optical range. Therefore, we used the empirical
scaling with the escape velocity (3esc) of Kudritzki & Puls (2000), taking into account
the metallicity (Z) dependance of Leitherer et al. (1992): 3∞ = 2.65 3esc Z0.13.

For the stars for which both He i and He ii lines are present up to 12 diagnostic
lines are fitted: He i+ii λ4026, He i λ4387, 4471, 4713 , 4922, He ii λ4200, 4541,

1The adopted continuum normalization of the spectra is described in Paper VIII.
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4686, Hδ, Hγ, Hβ and Hα. For the earliest spectral type stars, i.e. those with Teff >

40 kK, the neutral helium lines are absent from the spectrum and we rely on nitrogen
lines to constrain the effective temperature. We then add N iii λ4634, 4640, 4641,
N iv λ4058, and N v λ4603, 4619 to the list of diagnostic lines. For each fit, the
lines are visually inspected. Residuals of nebular correction were manually clipped.
Table 4.B.1 lists for each star which lines have been included in the final fit.

The absolute magnitude and the RV of the star are needed as input parameters;
the first one to determine the object radius, the second to shift the model and data to
the same reference frame. While both Mokiem et al. (2005, 2006, 2007) and Tram-
per et al. (2011, 2014) have used the V-band magnitude as a photometric anchor, we
chose to use the K-band magnitude (MK) to minimise the impact of uncertainties on
the individual reddening of the objects in our sample. We calculated MK using the
VISTA observed K-band magnitude (Rubele et al. 2012), adopting a distance mod-
ulus to the Tarantula nebula of 18.5 (see Paper I) and an average K-band extinction
(AK) of 0.21 (Maíz Apellániz et al. 2014). As for the RV values we use the measure-
ments listed in Paper VIII.

Appendix 4.A provides additional figures to support the discussion of our results.
Tables listing the best-fit properties of our stars, together with their uncertainties are
provided in Appendix 4.B. Appendix 4.C provides an example of our fitting results.
Best fits for the full sample will be available online.

4.3.2 Error calculation

The errors on the parameters are estimated in the following way. For each model, we
calculate the probability (P) that the χ2 value as large as the one that we observed
is compatible with statistical fluctuation: P = 1 − Γ(χ2/2, ν/2), where Γ is the
incomplete gamma function and ν the number of degrees of freedom.

Because P is very sensitive to the χ2 value, we normalize all χ2 values such that
the best fitting model has a reduced-χ2 (χ2

red) equal to unity. We thus assume that
the models with the smallest χ2 do represent the data and that the deviations of the
best model’s χ2

red from unity are induced by under- or overestimated error bars on the
normalised spectrum. This approach is valid if the best-fit model represents the data,
which is manually checked for each star (see Sect. 4.3.4). Finally, the uncertainties
on the fitted parameters are obtained by considering the range of models which sat-
isfy P(χ2, ν) > 0.05 and can approximately be considered ±2σ error bars in cases
where the best-fit parameter distributions follow a Gaussian distribution. If the latter
is not the case, we adopt the mean standard deviation of the sample. Table 4.B.2
provides the best-fit parameters for our sample stars together with their respective 1σ
confidence intervals.

To test the consistency of our results with the atmosphere fitting methods applied
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to O-type dwarfs within VFTS, we selected a representative subset of about 30 stars
from Sabín-Sanjulián et al. (2014). We computed their stellar parameters by means of
our atmosphere fitting approach. The values that we obtained are in agreement within
error bars. Specifically, the weighted mean and standard deviation of the temperature
difference are −0.68 ± 0.38 and 1.38 ± 0.38 kK and of the difference in the logarithm
of the gravity −0.1 ± 0.03 and 0.16 ± 0.03 cm s−2. Typical errors on the temperature
and gravity in both methods are ' 1 kK and ' 0.1 dex, respectively.

4.3.3 Derived properties

In addition to 3∞ (see Sect. 4.3.1), several important quantities can be derived from
the best-fit parameters: the bolometric luminosity Lbol, the stellar radius R, the spec-
troscopic mass Mspec, and the modified wind-momentum Dmom = Ṁ 3∞ (R/R�)

1/2.
The latter quantity allows us to compare the magnitude of the mass loss of star of dif-
ferent masses as Dmom is expected to be almost independent of mass (e.g., Kudritzki
& Puls 2000, see also Sect. 4.4.4). Furthermore, Dmom scales with the luminosity
through R, making it less sensitive to uncertainties in the luminosity determination.
Table 4.B.3 lists the Dmom values of our sample stars together with their correspond-
ing 1σ error bars.

4.3.4 Limitations of the method

When comparing the model with the data, we take into account several sources of
spectral line broadening: intrinsic broadening, rotational broadening, and broadening
due to the instrumental profile (see e.g., Gray 1976, for more details). We do not
however take into account the possibility of extra-broadening due to, e.g., macro-
turbulent motions in the stellar photosphere. This approach is slightly different to that
of Paper XII, in which a Fourier transform method was used to differentiate between
rotation and macro-turbulent broadening, given assumptions on the behavior of the
macro-turbulence. The line profile fitting method was not able to properly account
for intrinsic line broadening; for a detailed discussion see Paper XII.

Figure 4.A.1 compares the rotation rate obtained through both methods. The sys-
tematic difference is about 10 km s−1 with a standard deviation of less than 40 km s−1.
This is in agreement with the uncertainties discussed in Paper XII. For the slowly ro-
tating stars (3e sin i< 100 km s−1), measurements presented here tend to somewhat
overestimate 3e sin i. This is expected as the present method does not distinguish
between broadening from rotation and macro-turbulence.

The rate at which the flow is accelerated, measured by the value β, becomes
unconstrained if the mass-loss rate sensitive lines (Hα and He ii λ4686) are formed
close to the photosphere, where the flow velocity is still low compared to 3∞. In
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an initial determination of the parameters we let β be a free parameter, bracketing
the maximum value to two. In about half of the cases the fit returned a value β >

1.2 and a large uncertainty (of 0.5-0.8). Such a large acceleration parameter is not
expected for normal O stars from theoretical computations and we identified these
sources as having an unconstrained β. Given the large percentage of stars that fell
in this category and the potential impact of β on the mass-loss rate, we fitted the
entire sample adopting β = 0.9 for giants and 0.95 for bright giants and supergiants
conform theoretical predictions by Muijres et al. (2012). We will discuss the impact
of this assumption in Sect. 4.4.

4.3.5 Poor quality fits

All spectral fits were screened by eye to assess their quality. In doing so, we spotted
a total of 12 stars (out of 71) for which our best model did not give a satisfactory rep-
resentation of the observations. These stars are: VFTS 087, 103, 151, 153, 171, 188,
440, 451, 513, 664, 669, and 711. Walborn et al. (2014) note all of them as having
a somewhat problematic spectral classification. They all show small but significant
radial velocity variations ∆RV ≤ 20 km s−1 and could be binaries (Sana et al. 2013).
Indeed, part of them have a visual companion in HST/WFC3 images (see comments
in Tables 1 and 2 of Walborn et al. 2014). For these 12 stars our fits often implied
a helium abundance significantly lower than the primordial value. We decided to
discard these stars from our discussion, opting for a sample of high-quality fits only
and minimizing the risk of biasing our interpretation. We do however provide their
formally derived properties and uncertainties therein online.

4.4 Results and discussion

Figure 4.3 shows the effective temperature for the giants, bright giants and super-
giants as a function of spectral type. As expected, the spectral subtype (SpT) versus
effective temperature scales for different LCs show relative shifts. The scatter at
spectral type O9−O9.7, representing the bulk of the sample, is compatible with the
measurement errors. Using a weighted least-squares linear fit, SpT−Teff relations for
each LC are shown. The figure also contains the calibration of Mokiem et al. (2007).
Overall, the calibrations of the two samples are in reasonable agreement, especially
in view of the poor sampling at early spectral type. Specifically, the dwarfs are hotter
than the bright giants that in turn are hotter than the supergiants, for a given spectral
type. This behavior is expected and reflects the effect of density on the ionization of
helium: in giants the density in the line-forming region is higher than in supergiants,
hence, according to Saha’s equation, in giants the temperature needs to be higher in
order to produce the same ionization conditions.
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Figure 4.3: Spectral subtype versus effective temperature calibration for the O-type stars. Symbols and
colors denote the LC, with class III indicated by green circles, II by blue squares, and I by red triangles.
The full lines give the best weighted linear fit for the stars analysed in this work (using the same color
coding as for the individual stars). The lower opacity symbols and the dotted lines give the results for
the sample of LMC stars investigated by Mokiem et al. (2007).

Most of the stars in Mokiem et al. (2007) have also been computed using the
same fitting technique, though Mokiem et al. do not consider nitrogen lines (see
Sect. 4.3.1). These authors supplement their sample with a few stars from Evans
et al. (2004), Massey et al. (2004), Massey et al. (2005), and Crowther et al. (2002)
that have been analysed using different fitting constraints. To exploit the benefit of
sample size, we also derive an LMC spectral type−Teff calibration that combines
both samples. Figure 4.4 shows the results for the combined sample (CS). Weighted
least-squares linear fit results yield

Teff(LC III −CS) = (52.98 ± 1.10) + (−2.18 ± 0.13) × SpT (4.1)

Teff(LC II −CS) = (51.50 ± 1.39) + (−2.18 ± 0.17) × SpT (4.2)

Teff(LC I −CS) = (46.69 ± 1.31) + (−1.92 ± 0.17) × SpT (4.3)

where the spectral subtype is represented by a number, e.g., SpT = 6 for an O6 star.
At late spectral types giants are about 2 kK hotter than bright giants, that in turn are
about 2 kK hotter than supergiants.

Finally, a comparison of the combined LC I and III calibrations with the theoreti-
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Figure 4.4: Same as Fig. 4.3, but combining this sample with that of Mokiem et al. (2007). CS:=
Combined sample. The shaded areas reflect 1σ error bars on Teff .

cal results of Martins et al. (2005) for galactic stars is shown in Fig. 4.5. Though one
should be careful comparing relations for different metal contents, what is striking
is that the temperature sensitivity to the luminosity class is less pronounced in the
predictions. For early subtypes the Martins et al. results hardly show a difference; for
late subtypes a difference of ∼2 kK develops.

4.4.1 Gravities

We present the gravities graphically using the log g−log Teff diagram and the spectro-
scopic Hertzsprung-Russell (sHR) diagram (see Langer & Kudritzki 2014). The sHR
diagram shows L ≡ T 4

eff
/g, which is proportional to the inverse of the flux-weighted

mean Eddington factor. For a given surface opacity, the vertical axis of this diagram
thus sorts the stars according to their proximity to the Eddington limit; the higher
up in the diagram the closer their atmospheres are to zero effective gravity (see also
Castro et al. 2014).

Figure 4.6 shows both diagrams for our stars. We have supplemented them with
VFTS LC V stars analysed by Sabín-Sanjulián et al. (2014). One might have ex-
pected the different luminosity classes to be separated in the sense that higher lu-
minosity classes (i.e. higher roman numerals) represent stars closer to the ZAMS.
Indeed, as stars evolve away from the ZAMS their radii increase and hence their sur-
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Figure 4.5: Spectral subtype versus effective temperature calibration for the O-type giants and super-
giants in the combined sample. Giants are indicated by green circles and supergiants by red triangles.
The dot dashed lines give the theoretical calibrations of Martins et al. (2005) for galactic class III and I
stars.

face gravities decrease. This behavior is clearly visible for the supergiants that seem
most evolved along the main sequence. However, for giants and bright giants the
picture is more complicated. Notice in particular the group of late-O III and II stars
with log g between [4.0,4.5] clustering around the 15 M� evolutionary track. Such
log g values are relatively high for giants and bright giants. The primary luminosity
criterion for O-type stars is the equivalent width ratio of He ii λ4686 to He i λ4713.
The He ii λ4686 line-profile weakens gradually from strong absorption in LC V, at all
spectral types, to filled-in in late-O supergiants and emission in early-O supergiants.
The secondary classification criterion at late-O is the ratio of the strength of Si iv to
He i absorption lines, a criterion that is somewhat susceptible to abundance effects
(see Walborn et al. 2014). For the O stars in the VFTS the primary criterion has been
used to assign a luminosity class. However, the group of stars with relatively high
log g have Si iv weaker than expected, favoring a dwarf or sub-giant classification
when the secondary classifier is used. The inconsistency between the two criteria
may indicate a hidden intricacy in assigning a LC classification for these stars (see
appendix A.2. in Walborn et al. 2014, for a detailed discussion). It indeed seems
conspicuous that this group is preferentially located close to the ZAMS.

Our results thus show that the primary classification criterion adopted in Walborn
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Table 4.1: Frequency of stars from different sub-samples that display a larger helium abundance by
mass (YHe) than the specified limit.

f(YHe)

Sample > 0.30 > 0.35 > 0.40

All 0.15 ± 0.04 0.10 ± 0.04 0.03 ± 0.02
LC III 0.11 ± 0.05 0.08 ± 0.04 0.03 ± 0.03
LC II 0.11 ± 0.06 0.04 ± 0.04 0.00 ± 0.00
LC I 0.67 ± 0.19 0.50 ± 0.20 0.17 ± 0.15

et al. (2014) does not lead to a straightforward mapping onto physical parameters of
the star that characterize its position along the evolutionary sequence.

For stars positioned above the evolutionary track of a 20 M� star, LC II and III
stars do seem more evolved than LC V stars.

4.4.2 Helium abundance

Figure 4.7 shows the helium abundance YHe as a function of 3e sin i (top panel) and
log g (bottom panel). Most of the stars in our sample agree within error bars with
the initial composition of the LMC, YHe = 0.255 ± 0.003, which has been derived
by scaling the primordial value (Peimbert et al. 2007) linearly with metallicity (Brott
et al. 2011a). Indeed, about 85% of the sample has YHe ≤ 0.30, i.e. does not show
a clear signature of enrichment given the uncertainties. Table 4.1 summarizes the
frequency of stars in a given sub-population that present YHe larger than a specified
limit.

Assuming YHe > 0.30 to be a clear signature of enrichment, we find that 15% of
our sample stars fall in this category. All these stars have a projected spin velocity
less than 200 km s−1 (see upper panel Fig. 4.7). Some of the stars appear to have a
sub-primordial helium abundance. This is thought to be unphysical and may indi-
cate that these are actually unnoticed binary systems and that continuum dilution is
mimicking an unrealistically low helium content. The lower panel of Fig. 4.7 plots
helium abundance as a function of surface gravity. All sources with YHe > 0.35 have
gravities lower than 3.8 dex, though not all sources having such low gravities have
YHe > 0.35.

We will discuss the constraints these helium abundances may place on the role
of rotationally induced mixing in main-sequence evolution in the next subsection,
where we combine the helium constraints with the star’s positions in the Hertzsprung-
Russell diagram (HRD).
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Figure 4.6: log g vs. log Teff (upper panel) and spectroscopic Hertzsprung-Russell (lower panel) dia-
grams of the O-type giants, bright giants, and supergiants. Symbols and colors have the same meaning
as in Fig. 4.4. Evolutionary tracks and isochrones are for models that have an initial rotational velocity
of approximately 200 km s−1 (Brott et al. 2011a; Köhler et al. 2015). For the sHR the right-side ordi-
nate scale gives the atmospheric Eddington factor for hot hydrogen-rich stars. The horizontal line at
log L/L� = 4.6 indicates the location of the Eddington limit. The dashed straight lines are lines of
constant log g as indicated. [Color version available online].
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4.4 Results and discussion

4.4.3 Hertzsprung-Russell diagram

In this section we explore the evolutionary status of our sample stars by means of
the Hertzsprung-Russell diagram (see Fig. 4.8). Two versions of the HRD are shown
in Fig. 4.8. In the top panel our sample of giants and supergiants is complemented
with the VFTS sample of very massive stars (VMS; Bestenlehner et al. 2014) and
stars with LC V (Sabín-Sanjulián et al. 2014). VMS populate the upper left part of
the HRD. Giants, bright giants and supergiants are predominantly located in between
the 2 to 5 Myrs isochrones while dwarfs are found closer to the ZAMS. The location
of LC V stars compared to III-II-I stars reflects their surface gravities as shown in
Fig. 4.6.

There is a predominance of LC III and II stars and an absence of LC V stars at
the lowest luminosities. As discussed in Sect. 4.4.1 this may reflect a classification
issue as the primary and secondary LC classifier of stars in this part of the HRD do
not give consistent results.

The positions of the O stars in the HRD do not reveal an obvious preferred age
but rather show a spread of ages. HRDs of each of the spatial sub-populations defined
in Sect. 4.2 do not point to preferred ages either (Fig. 4.A.2), suggesting continuous
star formation in the Tarantula region. We do stress that the central 15" of Radcliffe
136, the core cluster of NGC 2070, is excluded from the VFTS sample. The age dis-
tribution of the Tarantula massive stars will be investigated in detail in a subsequent
paper in the VFTS series (Schneider et al., in prep.).

In the lower panel of Fig. 4.8 we include information on YHe and 3e sin i for our
sample stars. We also include iso-helium lines for YHe = 0.30 and 0.35 as a function
of initial rotational velocity (see figure 10 of Köhler et al. 2015). According to these
tracks, main-sequence stars initially less massive than ∼100 M� with initial rotation
rates of 200 km s−1 or less are not expected to show significant helium surface en-
richment, i.e. YHe < 0.30, while stars with an initial rotation rates of 300 km s−1

are only supposed to reach detectable helium enrichment if they are initially at least
50−60 M�, i.e. reside in a part of the diagram that our sample hardly populates. He-
lium enrichment is common for 20 M� stars and up if they spin extremely fast at birth
(3e > 400 km s−1). So, how does this compare with our sample stars?

First, our finding that all helium enriched stars have a present day projected spin
rate of less than 200 km s−1 (see also Fig. 4.7) appears at odds with the predictions
of the tracks. In the LMC one expects significant spin-down due to angular momen-
tum loss in the stellar wind and/or secular expansion only for stars initially more
massive than ∼40 M�, once these objects evolve into early-B supergiants (Vink et al.
2010). Only for much higher initial mass are the winds sufficiently strong to cause
rotation breaking during the O-star phase; this could perhaps explain the brightest
He-enriched object VFTS 180. For the remaining 10 stars above the track of 40 M�
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4.4 Results and discussion

it is extremely unlikely that all of them are seen pole on. If indeed these are main-
sequence stars that live their life in isolation rotational mixing cannot be used to
explain the helium mass fraction in this particular subset of stars. Alternatively, their
high helium abundances could point to a binary interaction history or post red su-
pergiant (post-RSG) evolution. Concerning the former option, one of these sources
is VFTS 399, which has been identified as an X-ray binary by Clark et al. (2015).
Concerning the latter option, unfortunately evolution tracks for an LMC metal con-
tent that account for rotation and that cover the core-He burning phase are not avail-
able. Tracks for a galactic metal content indicate that a brief part of the evolution of
stars initially more massive than 25 M� may be spent as post-RSG stars hotter than
30 000 K. However, these exceptional stars would be close to the end of core-helium
burning and feature very high helium (and nitrogen) surface abundances (Ekström
et al. 2012) and should be clearly distinguishable from main-sequence O stars.

Second, while we have only few fast rotators, these stars do not seem to be helium
enriched (see again also Fig. 4.7). Their YHe would be normal if the stars are still
young. If this is not the case, it would also challenge the reality of rotational mixing
in single stars. They could however be spun-up post-interaction secondaries in binary
systems that remained helium neutral. We pointed out above that some of the fastest
spinning stars appear to have sub-primordial helium abundances and that this could
be an indication of binarity, supporting the latter conjecture.

4.4.4 Mass loss and modified wind momentum

In the optical, the mass-loss rate determination relies on Hα and He ii λ4686. These
recombination lines are sensitive to the invariant wind-strength parameter

Q = Ṁ/(R3∞)3/2

that is inferred from the spectral analysis. For about ∼40% of our sample Ṁ can-
not be constrained; these are shown as upper limits. These stars mostly have Ṁ <

10−7 M�yr−1 and are at log (L/L�) < 5.0. This group, that is excluded from fur-
ther analysis, represents weak-wind stars. As a group weak-wind O stars have mid-
and late-type spectral sub-types and luminosities below about (1−2)×105 L�. Their
winds are substantially weaker, up to a factor ∼25, than the standard predictions of
line-driven winds of Vink et al. (2000, 2001) imply. This discrepancy is understood
in terms of a loss of driving force at the sonic point when iron recombines from Fe v
to Fe iv – progressing from high to low temperatures (Lucy 2010b,a, 2012; Muijres
et al. 2012). The standard predictions by Vink et al. employed a global energy conser-
vation method that did not consider local conditions, and therefore did not consider
explicitly the line-force at the sonic point where the mass loss is set. Hydrodynamical
simulations do confirm the standard predictions in the strong wind regime (Muijres
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Figure 4.8: Two versions of the Hertzsprung-Russell diagram. In the top panel our sample of single
O-type giants and supergiants is supplemented with the dwarf O star sample of Sabín-Sanjulián et al.
(2014) and the sample of very massive Of and WNh stars by Bestenlehner et al. (2014). The lower panel
only contains the sample studied here. The color coding in the lower panel shows three categories of
helium mass fraction i.e. not enriched (squares), moderately enriched (triangles) and enriched (stars).
The symbol colors refer to their projected rotational velocity (see color bar on the right). Evolutionary
tracks and isochrones for 2 and 5 Myr are plotted in both panels as in Fig. 4.6. Iso-helium lines for
different projected rotational velocities are from Köhler et al. (2015) and are color coded using the
color bar on the right.
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4.4 Results and discussion

et al. 2012) as long as the gaseous medium in the outflow is not extremely clumped
or porous (Muijres et al. 2011).

To facilitate a comparison of the mass-loss rates with theoretical results we place
our stars in the modified wind momentum versus luminosity diagram (WLD; Fig. 4.9).
The modified wind momentum Dmom is defined in Sect. 4.3.3. For given metallicity
Dmom is predicted to be a power law of the stellar luminosity, i.e.

log Dmom = x log (L∗/L�) + log D0, (4.4)

where x is the inverse of the slope of the line-strength distribution function corrected
for ionization effects (Puls et al. 2000) and D0 a constant. For a metal content of solar
down to ∼1/5th solar the value of x is about constant, which allows for a simple (i.e.
power-law) prescription of the mass-loss metallicity dependence.

The top panel of Fig. 4.9 shows the WLD for our sample, where Dmom is in the
usual unit g cm s−2 R�. A linear fit to the stars for which we have a constraint on the
mass-loss rate is given in blue, with the shaded blue area representing the uncertainty
as a result of errors in Dmom. Also plotted in the figure is the result of Mokiem et al.
(2007) for 22 stars in the star-forming region N11 and 6 stars located elsewhere in the
LMC. Our results imply somewhat higher Dmom values. The reason for this discrep-
ancy is illustrated in the lower panel, where we have repeated our analysis applying
identical fitting constraints as Mokiem et al.. This implies that we let β be a free
parameter and have removed the nitrogen lines from our set of diagnostics. In that
case, we recover essentially the same result. As pointed out in Sect. 4.3.4, allowing
the fitting method to constrain the slope of the velocity law yields higher β values
compared to the adopted values, i.e. the ones based on theoretical considerations, for
a substantial fraction of the stars. As the density in the line forming region is what is
constraining the mass loss, a shallower velocity stratification (which is what a higher
β implies) in the Hα and He ii λ4686 forming region results in a lower mass loss as
Ṁ is proportional to density times velocity, all other properties remaining equal.

When compared to the theoretical prediction of Vink et al. (2001), our stars show
higher Dmom values. This is interpreted as being due to inhomogeneities in the out-
flow, usually referred to as clumping. If the winds are clumped, disregarding this
effect would lead to an overestimate of the mass-loss rate by a factor 1/

√
fc where

fc is the clump volume filling factor assuming the inter-clump medium to be void. To
reconcile our results with theory would require fc ∼ 1/7−1/5, reducing the mass-loss
rate by a factor ∼2.5. This is somewhat higher than the fc ∼ 1/2−1/3 found by Mok-
iem et al. (2007) and that implies a reduction in Ṁ relative to a homogeneous outflow
of about a factor of 1.5. Placing constraints on the inhomogeneity of the wind in the
Hα and He ii λ4686 line-forming regions in this way relies on the accuracy of the the-
oretical predictions. For the strong-wind stars investigated here Muijres et al. (2012)
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Table 4.2: Coefficients describing empirical and theoretical modified-wind momentum relations.

Sample Slope Intercept

empirical
This work 1.72 ± 0.10 19.41 ± 0.55
Mokiem et al. (2007) 1.86 ± 0.19 18.43 ± 1.08

theoretical LMC relation
Vink et al. (2001) 1.83 ± 0.04 18.43 ± 0.26

showed that hydrodynamic modelling yielded mass-loss rates to within 0.1 dex when
adopting the same terminal flow velocities, confirming the reliability of the global
energy conservation assumption applied by Vink et al. (2001). If the material in
the outflow would be concentrated in relatively few and strongly over-dense clumps,
porosity effects may cause photons to escape ‘in-between the clumps’ reducing the
line-driving force, hence the mass-loss rate. However, Muijres et al. (2011) demon-
strated that for clumps that are smaller than 1/100th of the local density scale height
– thought to represent physically realistic situations – such effects are not significant
for volume filling factors as low as ∼1/30.

We conclude that the mass-loss rate predictions of Vink et al. (2001) for LMC
metallicity are consistent with Hα and He ii λ4686 based wind-clumping factors of
1/7 to 1/5.

4.4.5 Mass discrepancy

Stellar masses can be derived from the spectroscopically determined gravity and the
K-band magnitude constrained radius (see Sect. 4.4.1). The gravities were corrected
for the (small) contribution by the centrifugal acceleration, in magnitude assumed to
be (3e sin i)2/R. We also derived the current masses of our stars using the bayesian
tool BONNSAI by Schneider et al. (2014) that is available online 2. As independent
prior functions we adopt an initial mass function as given by Salpeter (1955), an ini-
tial rotational velocity distribution that is equal to the current 3e by Ramírez-Agudelo
et al. (2013), and a uniform age corresponding to an assumed constant star-formation
rate in the past. As for the observables, we used the derived effective temperature,
luminosity, and projected spin velocity. On the basis of these constraints BONNSAI
computes for each star the posterior probability distribution of its current mass and
supplies a mean mass and the 1σ uncertainty on this value. The evolutionary tracks
that are explored in BONNSAI are from Brott et al. (2011a) and Köhler et al. (2015)

2See: https://www.astro.uni-bonn.de/stars/bonnsai/
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Figure 4.9: Modified wind momentum (Dmom) vs. luminosity diagram. The dashed lines indicate the
theoretical predictions of Vink et al. (2001) for homogeneous winds. Top panel: the empirical fit for
this work and Mokiem et al. (2007) (both for L/L� > 5.0) in shaded blue and green bars, respectively.
Bottom panel: same as top panel but now for an analysis in which the acceleration of the wind flow, β,
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helium lines only. [Color version available online].
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and are for single main-sequence stars, i.e. evolved stars moving blueward in the
HRD are not considered. In all cases the probability distribution of current evolu-
tionary masses Mevol yielded a single, well defined peak. Both mass estimates are
given in Table 4.B.3.

The spectroscopic mass (Mspec) and evolutionary mass (Mevol) are compared in
Fig. 4.10. The mean of the difference, ∆ (Mspec − Mevol), is 1.09 ± 13.2 M�. So,
though we do not find a systematic mass discrepancy for the sample as a whole the
scatter around the one-to-one relations is sizable. For relatively small masses the
uncertainty in the spectroscopic mass is often larger than the uncertainty in the evo-
lutionary mass, and vice versa at higher masses. The low-mass sources are dimmest
and the signal-to-noise of their spectra are therefore the poorest. This in turn compli-
cates the placement of the continuum, an uncertainty that adds to the inaccuracy of
the mass determination. For the high-mass sources the uncertainty in the evolutionary
mass becomes large as the observables become more sensitive to the mass.

The discourse on the mass discrepancy in massive stars, triggered by the work of
Groenewegen & Lamers (1989) and Herrero et al. (1992), is extensive and no general
consensus on the topic has been reached. If present, the discrepancy usually implies
that evolutionary masses are found to be larger than spectroscopic masses. Limiting
ourselves to LMC stars, it is mostly O dwarfs that show a discrepancy whereas giants
and supergiants do not (e.g., Massey et al. 2005; Mokiem et al. 2007). Our results are
in line with the latter finding: we do not detect a conspicuous mass discrepancy.

4.5 Summary

We have determined the stellar and wind properties of the 71 presumably single O-
type giants, bright giants, and supergiants in the Tarantula Nebula in the LMC, ob-
served in the context of the VLT-FLAMES Tarantula Survey. Our main findings can
be summarized as follows:

• We use our sample of stars to calibrate the spectral type versus Teff dependence
of each luminosity class separately. These results are in reasonable agreement
with the results of Mokiem et al. (2007). Combining both data sets yields a
calibration based on 81 stars in which the expected decrease of temperature
from LC III to II to I is clearly visible. Linear relations for these calibrations
are provided in Eqs. 4.1 through 4.3.

• All O-type stars are main-sequence stars. The stellar properties of giants and
bright giants are quite similar and they cover the same regions in the (spectro-
scopic) HRD and log g versus log Teff diagram. Supergiants appear to be more
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Figure 4.10: Comparison of spectroscopic masses and evolutionary masses. Luminosity classes are
indicated with different colors, as explained in the legend. The upper panel shows a one-to-one com-
parison; the lower panel shows the difference.
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evolved than the other luminosity classes and are among the brightest objects
featuring the lowest surface gravities.

• The group of late-O III and II stars with log g in between 4.0 and 4.5 resides
in a region relatively close to the ZAMS that seems devoid of dwarf O stars.
This likely indicates a spectral classification issue. Indeed, though the primary
luminosity criterion (the He ii λ4686 / He i λ4713 ratio) indicates a LC III or II,
the secondary criterion (the ratio of Si iv to He i lines) is more in line with a LC
IV or V classification.

• The positions of the O giants to supergiants in the HRD do not point to a
preferred age but rather seem indicative of a continuum of ages. The sub-
populations in circles of 2.4’ around the centers of the associations NGC2070
(containing the core cluster R136 that is excluded from this analysis) and
NGC2060 (6.7’ south-west of R136) do not show preferred ages either, nei-
ther relative to each other nor relative to the remaining field population.

• The sample of presumed single stars contains helium enriched (YHe > 0.30)
stars that have 3e sin i ≤ 200 km s−1 and unenriched helium stars that spin in
excess of 300 km s−1. This does not concord with expectations of rotational
mixing in main-sequence stars. Though it is very unlikely that these stars are
post-RSGs, we can not exclude that they are post-interaction binaries. For four
out of the six stars spinning in excess of 300 km s−1 we find a helium content
below the primordial value. This is a spurious result and may indicate a binary
nature of these systems.

• We recover the wind-momentum luminosity relation of Mokiem et al. (2007)
if we treat the wind acceleration β as a free parameter. However, from optical
spectra this parameter is poorly constrained and treating it as a free parameter
often results in values that are not in agreement with theoretical predictions.
Adopting theoretical β values from Muijres et al. (2012) yields a log Dmom −

log L/L� relation that is shifted upwards by ∼0.2 dex. This relation can be
reconciled with the mass-loss predictions of Vink et al. (2001) if the wind is
clumped with a clump volume filling factor fc ∼ 1/7 − 1/5.

• The current masses derived from the spectroscopic analysis are in fair agree-
ment with those derived from a comparison with evolutionary tracks, though
the scatter is sizeable. We do not detect a conspicuous systematic mass dis-
crepancy.

The analysis presented here is part of a project that aims to establish the properties
of the bulk of the hot massive stars in the Tarantula Nebula. We aim to better constrain
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the physics governing their evolution, specifically the role of rotational mixing, mass
loss, and binarity. In a follow-up study we will use the results obtained here to study
the efficiency of rotational mixing in O III−I stars in more detail, using the surface
nitrogen abundances as a probe (Grin et al. in prep.). Of all massive stars that feature
strong winds, the wind-driving mechanism of the group of O III−I is thought to be
best understood. However, we have shown here that the rate of wind acceleration β
and the mass-loss rate Ṁ are degenerate if only optical spectra are analysed. Firm
constraints on both parameters, as well as an independent measure of the clumping
properties of the outflowing gas, can be obtained from far-ultraviolet spectra and we
signal the need to obtain such spectra to further our understanding of the mass-loss
mechanism of the most massive stars.
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Figure 4.A.1: Cumulative (upper left panel) and frequency (upper right panel, with poisson error bars)
distributions of the projected rotational velocities of the O-type LC III-I stars. Lower panel shows a
comparison of 3e sin i values derived from the GA analysis and Paper XII.
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Figure 4.A.2: Hertzsprung-Russell diagram of the sample for different spatial locations: NGC 2070
(upper panel), NGC 2060 (middle panel) and stars outside clusters (lower panel). Evolutionary tracks
(solid lines) and isochrones (dot-dashed lines) are from stellar models where the stars are initially
rotating with approximately 200 km s−1 (Köhler et al. 2015).
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4 Stellar properties of the O-type giants and supergiants in 30 Dor

4.B Online tables

Table 4.B.1: Statistics on the diagnostic lines used. The ‘-’ sign indicates that the line has not been
used. The full version of the table is available online.

Ion H He i He ii
VFTS Lines Hffi Hfl Hfi Hff λ4026 λ4387 λ4471 λ4713 λ4922 λ4200 λ4541 λ4686

016 12 X X X X X X X X X X X X
046 12 X X X X X X X X X X X X
064 12 X X X X X X X X X X X X
070 12 X X X X X X X X X X X X
076 12 X X X X X X X X X X X X
077 12 X X X X X X X X X X X X
080 12 X X X X X X X X X X X X
087 11 X − X X X X X X X X X X
091 12 X X X X X X X X X X X X
103 12 X X X X X X X X X X X X
104 12 X X X X X X X X X X X X
109 12 X X X X X X X X X X X X
113 12 X X X X X X X X X X X X
128 12 X X X X X X X X X X X X
141 12 X X X X X X X X X X X X
151 12 X X X X X X X X X X X X
153 12 X X X X X X X X X X X X
160 12 X X X X X X X X X X X X
171 12 X X X X X X X X X X X X
172 12 X X X X X X X X X X X X
178 12 X X X X X X X X X X X X
180 7 X X X X − X X − − X − −

185 12 X X X X X X X X X X X X
188 12 X X X X X X X X X X X X
192 12 X X X X X X X X X X X X
205 12 X X X X X X X X X X X X
207 12 X X X X X X X X X X X X
210 12 X X X X X X X X X X X X
226 12 X X X X X X X X X X X X
244 12 X X X X X X X X X X X X
259 8 X X X X − X X − − X X −

267 11 X X X X X X X X − X X X
306 12 X X X X X X X X X X X X
328 12 X X X X X X X X X X X X
332 12 X X X X X X X X X X X X
333 12 X X X X X X X X X X X X
346 12 X X X X X X X X X X X X
370 12 X X X X X X X X X X X X
389 12 X X X X X X X X X X X X
393 11 X X X X X X X X X X X −

399 11 X X X X X X X X X X X −

440 12 X X X X X X X X X X X X
451 9 X X X X X X X X − X − −

456 10 X X X X X X X X − X X −

466 12 X X X X X X X X X X X X
495 12 X X X X X X X X X X X X
502 12 X X X X X X X X X X X X
503 12 X X X X X X X X X X X X
513 10 X X X X X X X X − X X −

518 12 X X X X X X X X X X X X
528 12 X X X X X X X X X X X X
546 12 X X X X X X X X X X X X
566 10 X X X X X X X X − X − X
571 12 X X X X X X X X X X X X
574 11 X X X X X X X X X X X −

599 10 X X X X X X X X − X − X
607 12 X X X X X X X X X X X X
615 12 X X X X X X X X X X X X
620 11 X X X X X X X X X X X −

622 12 X X X X X X X X X X X X
664 12 X X X X X X X X X X X X
669 12 X X X X X X X X X X X X
711 12 X X X X X X X X X X X X
753 12 X X X X X X X X X X X X
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4.B Online tables

Ion H He i He ii
VFTS Lines Hffi Hfl Hfi Hff λ4026 λ4387 λ4471 λ4713 λ4922 λ4200 λ4541 λ4686

764 11 X − X X X X X X X X X X
777 12 X X X X X X X X X X X X
782 12 X X X X X X X X X X X X
787 12 X X X X X X X X X X X X
807 12 X X X X X X X X X X X X
819 12 X X X X X X X X X X X X
843 12 X X X X X X X X X X X X

Table 4.B.2: Best-fitting stellar and wind parameters. Poor quality fits are marked with an asterisk (*)
in the first column.

VFTS Teff log g log Ṁ NHe/NH vturb 3e sin i
(kK) (cm s−2) (M� yr−1) (km s−1) (km s−1)

16 48.8+0.98
−0.47 3.91+0.04

−0.01 −5.1+0.02
↓

0.09+0.01
↓

26.0+0.5
−4.5 130.0+8.0

−7.0
46 28.85+0.52

−0.78 3.23+0.04
−0.06 −6.4+0.08

−0.55 0.16+0.03
−0.02 5.0+3.5

↓
168.0+11.0

−5.0
64 35.65+0.25

−0.22 3.71+0.02
−0.05 −5.5↑

−0.08 0.06+0.01
−0.01 5.0+2.0

↓
116.0+11.0

−7.0
70 31.3+1.25

−1.03 4.2+0.13
−0.08 −7.45+0.33

−0.02 0.09+0.02
−0.02 7.0+8.0

−1.0 124.0+20.0
−14.0

76 33.25↑
−0.75 3.55+0.03

−0.06 −6.25↑
−0.17 0.09+0.04

−0.01 14.0+0.5
−4.5 90.0+6.0

−1.0
77 33.65+0.78

−1.05 4.28+0.15
−0.06 −7.45+0.27

−0.02 0.05+0.02
↓

29.0+0.5
−8.5 264.0+23.0

−19.0
80* 31.3+0.75

−0.5 3.85+0.09
−0.05 −7.35+0.38

−0.08 0.1+0.01
−0.01 5.0+5.0

↓
194.0+12.0

−11.0
87 29.25+0.25

−0.22 3.17+0.03
−0.02 −6.55+0.15

−0.35 0.17↑
−0.03 6.0+3.0

−0.5 86.0+2.0
−4.0

91 32.5+0.32
−0.65 3.9+0.05

−0.07 −6.95+0.15
−0.27 0.09+0.02

−0.02 6.0+7.0
−0.5 308.0+15.0

−11.0
103* 34.7+0.05

−0.23 3.88+0.05
−0.06 −6.2+0.02

−0.13 0.07+0.01
−0.01 5.0+2.0

↓
126.0+11.0

−14.0
104 30.8+0.95

−0.78 4.03+0.12
−0.04 −7.5+0.23

↓
0.07+0.02

−0.01 14.0+7.5
−4.5 198.0+21.0

−14.0
109 26.65+0.6

−1.7 3.48+0.05
−0.08 −7.0+0.13

−0.1 0.09+0.03
−0.02 7.0+4.0

−3.5 326.0+21.0
−19.0

113 33.3+0.45
−2.0 4.47+0.07

−0.12 −6.65+0.18
−0.42 0.08+0.02

−0.01 6.0+4.0
−0.5 12.0+22.0

−1.0
128 33.8+0.7

−0.7 4.29+0.06
−0.06 −7.4+0.45

−0.05 0.1+0.02
−0.02 7.0+6.5

−1.0 170.0+17.0
−16.0

141 32.0+0.23
−0.47 4.25+0.05

−0.04 −6.6+0.13
−0.45 0.09+0.01

−0.01 5.0+4.0
↓

166.0+12.0
−6.0

151* 37.65↑
−0.27 3.93+0.03

−0.01 −5.25+0.02
↓

0.09+0.01
−0.01 7.0+2.5

−1.0 108.0+7.0
−3.0

153* 33.85+0.38
−0.25 4.0+0.02

−0.03 −6.0+0.05
↓

0.09+0.01
↓

0.0+3.5
↓

158.0+4.0
−4.0

160 34.2↑
−0.93 3.8+0.09

−0.01 −6.0+0.1
−0.2 0.09+0.01

↓
9.0+0.5
−0.5 164.0↑

−6.0
171* 34.25+0.25

−0.23 3.55+0.03
−0.03 −6.0+0.02

−0.05 0.09+0.01
−0.01 6.0+1.5

−3.0 92.0+5.0
−5.0

172 34.7+0.02
−0.25 3.86+0.02

−0.03 −6.75+0.02
−0.08 0.08+0.01

−0.01 5.0+2.0
↓

118.0+10.0
−14.0

178 28.3+0.28
−0.43 3.11+0.03

−0.03 −5.75↑
−0.05 0.17+0.01

−0.02 5.0+2.5
↓

86.0+5.0
−4.0

180 41.75+0.68
−0.3 3.6+0.01

−0.01 −5.0↑
↓

0.29+0.02
−0.02 30.0↑

−2.0 108.0+7.0
−7.0

185 34.5+0.18
−0.07 3.36↑

−0.01 −6.1↑
−0.05 0.08+0.01

↓
17.0+1.0

−2.0 136.0+5.0
−5.0

188* 32.85+1.63
−1.03 4.45+0.2

−0.12 −7.35+0.42
−0.08 0.05+0.03

↓
30.0↑

−12.5 126.0+46.0
−21.0

192 31.3+0.72
−0.03 4.2+0.06

−0.02 −6.85+0.15
−0.33 0.09+0.01

−0.01 0.0+2.0
↓

46.0+6.0
−6.0

205 30.2+0.38
−0.75 4.31+0.04

−0.07 −6.9+0.1
−0.3 0.09+0.01

−0.01 6.0+4.5
−0.5 158.0+13.0

−9.0
207 30.8+0.3

−0.88 4.32+0.06
−0.07 −7.35+0.4

−0.08 0.08+0.02
−0.01 5.0+5.5

↓
164.0+17.0

−19.0
210 32.3+0.3

−0.5 4.05+0.06
−0.03 −6.65+0.1

−0.2 0.1+0.01
−0.01 5.0+4.0

↓
162.0+10.0

−10.0
226 32.3+0.3

−0.13 4.25+0.06
−0.03 −7.45+0.1

−0.02 0.08+0.02
↓

19.0↑
−5.5 64.0+2.0

−6.0
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4 Stellar properties of the O-type giants and supergiants in 30 Dor

VFTS Teff log g log Ṁ NHe/NH vturb 3e sin i
(kK) (cm s−2) (M� yr−1) (km s−1) (km s−1)

244 41.05+0.05
−0.55 3.65+0.02

−0.03 −5.65↑
−0.02 0.1↑

−0.01 18.0+2.5
−3.0 230.0+6.0

−9.0
259 35.9+0.07

−0.15 3.4+0.01
−0.01 −5.0↑

−0.02 0.1+0.01
−0.01 29.0+0.5

−4.0 100.0+7.0
−6.0

267 45.55+0.6
↓

3.9+0.02
↓

−5.0↑
↓

0.1↑
−0.01 24.0+2.5

−1.5 162.0+1.0
−4.0

306 31.75+0.35
−0.13 3.3+0.01

−0.02 −6.0+0.02
↓

0.09+0.01
−0.01 14.0+1.0

−2.5 96.0+3.0
−5.0

328 33.25+0.65
−0.38 4.19+0.1

−0.04 −7.45+0.27
−0.02 0.1+0.02

−0.02 7.0+5.5
−1.0 244.0+13.0

−17.0
332 32.25+0.1

−0.47 3.45↑
−0.02 −6.2+0.05

−0.07 0.1+0.01
−0.01 5.0+1.5

↓
84.0+2.0

−3.0
333 33.8+0.23

−0.27 3.45+0.02
↓

−5.45+0.02
−0.02 0.08+0.01

−0.01 16.0+1.5
−1.5 114.0+6.0

−4.0
346 31.7+0.6

−0.07 4.23+0.07
−0.02 −6.35+0.07

−0.08 0.07↑
−0.01 5.0+2.5

↓
92.0+8.0

−2.0
370 32.65+0.13

−0.25 4.13+0.03
−0.06 −6.45+0.02

−0.13 0.08↑
−0.01 5.0+1.5

↓
84.0+4.0

−7.0
389 34.8+0.2

−0.27 4.14+0.04
−0.02 −6.25+0.08

−0.13 0.1+0.01
−0.01 5.0+2.5

↓
160.0+7.0

−7.0
393 31.6+0.43

−0.18 3.48+0.05
−0.02 −7.35+0.57

−0.08 0.1+0.03
−0.02 5.0+7.5

↓
196.0+6.0

−14.0
399 30.1+0.05

−0.38 3.28+0.06
−0.05 −6.05+0.02

−0.05 0.07+0.02
−0.01 14.0+4.0

−4.5 324.0+23.0
−21.0

440* 33.8+0.25
−0.13 3.3+0.03

−0.02 −5.65↑
−0.05 0.08+0.01

−0.01 11.0+1.0
−3.0 140.0+10.0

−10.0
451* 34.25+0.5

−0.8 3.73+0.03
−0.09 −5.55+0.05

−0.1 0.05+0.01
↓

5.0+3.5
↓

296.0+65.0
−23.0

456 35.85+0.47
−0.5 3.72+0.06

−0.08 −6.0+0.05
−0.1 0.06+0.01

−0.01 25.0+1.5
−9.5 480.0+19.0

−25.0
466 33.8+0.25

−0.05 3.58+0.03
−0.03 −6.3+0.07

−0.08 0.09+0.01
−0.01 6.0+3.5

−0.5 88.0+6.0
−8.0

495 31.45+0.2
−0.28 4.31+0.02

−0.05 −6.55+0.02
−0.02 0.09+0.01

↓
9.0+1.5
−1.5 218.0+13.0

−8.0
502 29.75+0.3

−0.22 3.25+0.02
−0.03 −5.75+0.02

−0.05 0.09+0.02
−0.01 5.0+2.0

↓
102.0+9.0

−7.0
503 32.1+0.25

−0.25 3.38+0.03
−0.01 −6.25+0.02

−0.05 0.1+0.01
−0.01 5.0+2.5

↓
90.0+8.0

−1.0
513* 39.05+0.5

−0.7 4.2+0.03
−0.07 −5.9+0.03

−0.05 0.06+0.01
−0.01 8.0+4.0

−1.5 130.0+20.0
−22.0

518 45.15+0.03
−0.07 3.66+0.01

−0.01 −5.8↑
↓

0.18+0.01
↓

12.0+1.5
−2.0 128.0+3.0

↓

528 30.1+0.45
−0.45 4.13+0.04

−0.03 −6.35+0.07
−0.03 0.11+0.02

−0.02 5.0+4.0
↓

130.0+23.0
−17.0

546 31.65+0.03
−0.25 3.45+0.02

−0.03 −6.35+0.02
−0.05 0.17+0.02

−0.02 8.0+2.5
−1.5 96.0+4.0

−9.0
566 47.25+0.3

↓
3.92+0.01

↓
−5.35↑

↓
0.09+0.01

↓
19.0+0.5

−0.5 108.0+5.0
↓

571 31.1+0.68
−0.65 4.3+0.08

−0.04 −6.55+0.05
−0.1 0.08+0.02

−0.02 7.0+5.5
−1.0 148.0+34.0

−31.0
574 31.4+0.53

−0.63 4.04+0.06
−0.05 −6.6+0.1

−0.45 0.1+0.01
−0.01 12.0+4.5

−3.5 270.0+9.0
−12.0

599 47.3↑
↓

4.0+0.01
↓

−5.15↑
↓

0.12+0.01
−0.01 21.0↑

−1.5 134.0+6.0
−3.0

607 32.3+0.45
−0.3 4.22+0.06

−0.03 −6.45+0.1
−0.23 0.07+0.01

−0.01 5.0+3.0
↓

58.0+11.0
−9.0

615 30.7+0.25
−0.55 4.0+0.03

−0.05 −6.05+0.02
−0.1 0.05+0.02

↓
12.0+4.5

−3.5 372.0+20.0
−16.0

620 31.8+0.53
−0.8 4.11+0.06

−0.1 −6.55+0.1
−0.48 0.1+0.02

−0.02 6.0+7.5
−0.5 200.0+22.0

−17.0
622 31.2+0.7

−0.05 4.3+0.04
−0.07 −6.55+0.02

−0.18 0.08+0.01
−0.01 5.0+2.0

↓
90.0+13.0

−10.0
664* 35.65+0.28

↓
3.54+0.04

−0.03 −5.8+0.02
−0.02 0.07+0.01

−0.01 5.0+1.5
↓

98.0+10.0
−4.0

669* 33.8+0.25
−0.02 3.36+0.03

−0.03 −5.8+0.05
−0.02 0.13+0.02

−0.01 10.0+4.0
−2.5 106.0+9.0

−7.0
711* 32.8+1.0

−0.8 4.49+0.09
−0.15 −6.7+0.3

−0.4 0.06+0.02
−0.01 5.0+2.5

↓
39.0↑

↓

753 32.3+0.85
−0.75 4.02+0.11

−0.06 −6.9+0.28
−0.3 0.09+0.02

−0.02 11.0+4.5
−5.5 38.0+10.0

−14.0
764 28.65+0.65

−0.27 2.91+0.05
−0.03 −5.5+0.08

−0.05 0.09+0.02
−0.02 21.0+3.0

−2.0 88.0+8.0
−7.0

777 27.5↑
−0.68 3.0+0.01

−0.05 −6.1+0.02
−0.08 0.13+0.04

↓
1.0+1.0
−0.5 148.0+8.0

−5.0
782 33.8+0.23

−0.5 3.46+0.02
−0.03 −6.5+0.08

−0.25 0.09+0.03
−0.01 12.0+3.0

−3.0 82.0+3.0
−3.0

787 33.25+0.27
−0.63 4.45+0.07

−0.08 −6.6+0.1
−0.45 0.08+0.01

−0.01 5.0+3.0
↓

56.0+16.0
−11.0
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4.B Online tables

VFTS Teff log g log Ṁ NHe/NH vturb 3e sin i
(kK) (cm s−2) (M� yr−1) (km s−1) (km s−1)

807 33.25+0.48
−0.85 3.79+0.05

−0.07 −6.6+0.05
−0.43 0.14+0.04

−0.02 16.0+3.0
−3.5 28.0+9.0

−9.0
819 36.85+0.68

−0.55 3.8+0.08
−0.08 −6.85+0.15

−0.33 0.28+0.04
−0.05 10.0+6.0

−2.5 66.0+12.0
−12.0

843 31.3+0.42
−0.6 3.98+0.04

−0.04 −7.5+0.23
↓

0.1↑
−0.01 5.0+6.0

↓
316.0+8.0

−12.0

Table 4.B.3: Properties derived from the best-fit parameters. Poor quality fits are marked with an
asterisk (*) in the first column.

VFTS 3∞ log L R log Dmom Mspec Mevol
(km s−1) (L�) (R�) (g cm s−2 R1/2

� ) (M�) (M�)

016 3197.0+156.0
−19.0 6.07+0.02

−0.01 15.41+0.08
−0.16 29.8+0.04

−0.01 70.38+6.32
−0.88 95.4+18.79

−14.12
046 1405.0+69.0

−91.0 5.09+0.02
−0.04 14.25+0.23

−0.14 28.12+0.08
−0.57 12.57+1.18

−1.44 20.8+2.63
−1.28

064 2864.0+50.0
−156.0 5.74↑

−0.01 19.61+0.06
−0.08 29.4+0.01

−0.1 71.85+2.57
−7.39 40.8+5.26

−4.51
070 2721.0+435.0

−221.0 4.44+0.05
−0.04 5.73+0.11

−0.12 27.16+0.37
−0.05 18.94+6.67

−2.6 15.4+1.1
−1.27

076 1775.0+53.0
−116.0 5.1↑

−0.02 10.89+0.14
↓

28.32+0.01
−0.2 15.35+0.93

−1.79 22.2+1.91
−1.64

077 2842.0+546.0
−191.0 4.48+0.03

−0.04 5.2+0.09
−0.06 27.16+0.33

−0.05 18.75+8.27
−2.27 17.4+1.13

−1.24
080* 2088.0+230.0

−105.0 4.68+0.03
−0.02 7.55+0.07

−0.1 27.21+0.4
−0.09 14.7+3.41

−1.29 17.4+0.93
−0.99

087 1409.0+39.0
−29.0 5.24+0.01

−0.01 16.46+0.07
−0.08 28.01+0.15

−0.35 14.61+0.77
−0.52 24.2+3.83

−0.96
091 2273.0+125.0

−164.0 4.79+0.02
−0.02 7.98+0.09

−0.05 27.66+0.15
−0.29 18.43+2.14

−2.41 19.0+1.23
−1.01

103* 2651.0+162.0
−184.0 5.21↑

↓
11.36+0.04

−0.01 28.55+0.05
−0.14 35.7+4.62

−4.62 −

104 2112.0+313.0
−93.0 4.31+0.04

−0.03 5.1+0.08
−0.08 26.98+0.27

−0.02 10.17+3.18
−0.85 14.2+0.81

−0.85
109 1332.0+90.0

−103.0 4.36+0.02
−0.08 7.2+0.29

−0.09 27.35+0.14
−0.12 5.71+0.81

−0.75 12.6+0.95
−0.82

113 3533.0+327.0
−397.0 4.46+0.02

−0.08 5.19+0.19
−0.04 28.06+0.2

−0.46 28.93+6.2
−5.46 15.4+0.93

−1.09
128 2821.0+222.0

−188.0 4.46+0.02
−0.03 5.01+0.06

−0.06 27.2+0.46
−0.07 17.8+2.94

−2.14 16.6+0.75
−0.86

141 3499.0+207.0
−149.0 4.82↑

−0.02 8.44+0.08
−0.03 28.21+0.14

−0.45 46.2+5.58
−3.68 18.0+1.24

−0.97
151* 3779.0+144.0

−21.0 5.87↑
−0.01 20.57+0.08

↓
29.78+0.04

↓
131.28+10.96

−1.5 50.8+7.69
−5.92

153* 3032.0+81.0
−111.0 5.16+0.02

↓
11.27+0.05

−0.06 28.81+0.04
−0.01 46.32+2.25

−3.11 25.8+1.81
−2.36

160 2782.0+301.0
−34.0 5.43↑

−0.03 15.04+0.24
↓

28.83+0.15
−0.2 52.05+12.47

−1.13 29.2+2.77
−2.9

171* 2083.0+58.0
−80.0 5.43+0.01

↓
15.0+0.05

−0.06 28.71+0.03
−0.07 29.09+1.54

−2.16 30.0+3.88
−2.16

172 1718.0+31.0
−66.0 4.5↑

−0.01 5.0+0.02
↓

27.63+0.03
−0.09 6.6+0.24

−0.49 18.2+0.8
−0.68

178 1671.0+47.0
−60.0 5.6+0.01

−0.02 26.58+0.24
−0.14 28.98+0.02

−0.06 33.18+1.77
−2.15 34.2+4.43

−3.48
180 2350.0+41.0

−15.0 5.89+0.02
−0.01 17.01+0.06

−0.15 29.79+0.01
↓

41.97+1.5
−0.61 55.4+8.22

−6.28
185 1525.0+1.0

−18.0 5.28+0.01
↓

12.45+0.02
−0.03 28.43↑

−0.05 12.95+0.03
−0.31 28.4+2.12

−2.79
188* 3867.0+1061.0

−463.0 4.63+0.06
−0.04 6.51+0.12

−0.17 27.44+0.46
−0.11 43.48+28.04

−9.12 17.6+1.5
−1.17

192 2504.0+190.0
−61.0 4.3+0.02

↓
4.85+0.01

−0.06 27.69+0.17
−0.34 13.6+2.07

−0.71 14.6+0.9
−1.0

205 3236.0+150.0
−236.0 4.46+0.02

−0.03 6.29+0.09
−0.04 27.81+0.11

−0.33 29.44+2.71
−3.69 14.6+0.94

−0.75
207 3131.0+227.0

−217.0 4.42+0.01
−0.04 5.75+0.1

−0.03 27.33+0.42
−0.1 25.2+3.83

−3.04 13.6+0.82
−0.65

210 2434.0+181.0
−73.0 4.6+0.01

−0.02 6.47+0.06
−0.03 27.94+0.12

−0.2 17.13+2.75
−0.89 16.8+0.92

−0.76
226 2776.0+216.0

−93.0 4.43+0.01
↓

5.31+0.01
−0.02 27.16+0.11

−0.04 18.29+2.94
−1.18 16.0+0.77

−0.84
244 2123.0+38.0

−66.0 5.58↑
−0.02 12.38+0.09

−0.01 29.02+0.01
−0.04 24.95+0.89

−1.42 34.4+3.43
−3.39

259 2281.0+14.0
−36.0 5.97+0.01

↓
25.39+0.06

−0.03 29.86+0.01
−0.03 59.03+0.73

−1.71 54.2+9.26
−6.16

267 3257.0+75.0
↓

6.0+0.02
↓

16.37↑
−0.12 29.92+0.01

↓
77.59+3.59

↓
53.8+8.59

−7.0
306 1640.0+9.0

−37.0 5.39+0.01
↓

16.54+0.04
−0.11 28.62+0.03

−0.01 19.88+0.18
−0.89 29.2+3.41

−2.42
328 2543.0+312.0

−107.0 4.45+0.02
−0.02 5.12+0.03

−0.06 27.11+0.28
−0.04 14.79+3.84

−1.15 17.6+0.89
−0.64

332 1845.0+6.0
−34.0 5.32↑

−0.02 14.81+0.13
−0.03 28.45+0.05

−0.07 22.54+0.28
−0.77 27.0+2.29

−2.64
333 2434.0+68.0

−4.0 5.88+0.01
−0.01 25.78+0.12

−0.1 29.44+0.04
−0.03 68.25+3.6

−0.5 47.2+7.16
−5.59

346 2986.0+255.0
−70.0 4.56+0.03

↓
6.44+0.01

−0.07 28.33+0.11
−0.08 25.66+4.6

−1.23 15.8+0.97
−0.81

370 2544.0+91.0
−172.0 4.54↑

−0.01 5.88+0.02
−0.01 28.14+0.04

−0.14 17.02+1.26
−2.09 16.4+0.87

−0.66
389 3604.0+153.0

−81.0 5.23+0.01
−0.01 11.54+0.05

−0.03 28.64+0.09
−0.13 66.99+5.93

−2.94 25.8+2.29
−2.07

393 1547.0+101.0
−38.0 4.92+0.02

−0.01 9.72+0.03
−0.08 27.13+0.59

−0.07 10.39+1.39
−0.53 20.0+1.73

−1.25
399 1214.0+82.0

−66.0 4.81+0.01
−0.01 9.49+0.07

↓
28.32+0.05

−0.07 6.26+0.9
−0.65 18.4+1.62

−0.9
440* 1771.0+53.0

−40.0 5.63+0.01
↓

19.29+0.04
−0.08 29.04+0.02

−0.06 27.05+1.67
−1.21 38.2+4.8

−4.09
451* 2753.0+100.0

−252.0 5.56+0.02
−0.03 17.3+0.23

−0.13 29.31+0.03
−0.14 58.58+4.45

−9.52 31.4+5.5
−2.39

456 2082.0+172.0
−158.0 5.17+0.02

−0.02 10.13+0.08
−0.08 28.62+0.07

−0.13 19.61+3.61
−2.64 20.8+4.61

−0.32
466 1929.0+69.0

−64.0 5.22+0.01
↓

12.0+0.01
−0.05 28.32+0.09

−0.08 19.96+1.47
−1.29 25.8+2.41

−1.99
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VFTS 3∞ log L R log Dmom Mspec Mevol
(km s−1) (L�) (R�) (g cm s−2 R1/2

� ) (M�) (M�)

495 3274.0+84.0
−178.0 4.55+0.01

−0.01 6.44+0.03
−0.03 28.17+0.03

−0.04 30.84+1.76
−3.17 15.2+0.94

−0.7
502 1815.0+43.0

−70.0 5.55+0.01
−0.01 22.72+0.1

−0.13 28.99+0.02
−0.06 33.44+1.62

−2.49 31.6+4.77
−2.39

503 1495.0+50.0
−25.0 5.08+0.01

−0.01 11.42+0.05
−0.05 28.25+0.03

−0.05 11.41+0.74
−0.38 21.8+1.63

−1.87
513* 3013.0+127.0

−215.0 5.0+0.02
−0.02 7.02+0.08

−0.04 28.8+0.04
−0.08 28.49+2.49

−3.63 22.4+1.35
−0.94

518 2064.0+37.0
−11.0 5.68↑

↓
11.43+0.01

↓
28.84+0.01

↓
21.78+0.79

−0.25 48.0+5.15
−4.09

528 2900.0+159.0
−96.0 4.62+0.02

−0.02 7.65+0.06
−0.07 28.35+0.09

−0.04 28.75+3.3
−1.86 16.4+1.13

−0.77
546 1514.0+45.0

−50.0 4.94↑
−0.01 9.98+0.04

↓
28.13+0.04

−0.06 10.23+0.63
−0.66 20.0+1.84

−1.2
566 2982.0+30.0

↓
5.87+0.01

↓
13.11↑

−0.04 29.48↑
↓

52.07+0.86
↓

41.2+4.99
−4.01

571 2982.0+276.0
−137.0 4.39+0.03

−0.03 5.46+0.07
−0.06 28.09+0.07

−0.11 21.71+4.29
−1.83 15.4+0.92

−0.76
574 2149.0+149.0

−106.0 4.36+0.02
−0.03 5.17+0.06

−0.05 27.89+0.11
−0.46 10.66+1.47

−1.0 14.8+0.69
−0.74

599 3535.0+41.0
↓

6.01↑
↓

15.32↑
↓

29.79+0.01
↓

85.53+2.02
↓

96.2+19.87
−19.57

607 2857.0+213.0
−105.0 4.54+0.02

−0.01 6.03+0.03
−0.04 28.2+0.13

−0.23 21.99+3.54
−1.47 16.2+0.77

−0.78
615 2898.0+104.0

−159.0 4.92+0.01
−0.02 10.3+0.1

−0.05 28.72+0.03
−0.13 38.63+2.86

−3.69 19.6+1.75
−1.38

620 2248.0+182.0
−213.0 4.32+0.02

−0.04 4.81+0.07
−0.04 27.94+0.13

−0.48 10.86+1.9
−1.8 15.4+0.76

−0.77
622 2748.0+137.0

−217.0 4.25+0.03
↓

4.64+0.01
−0.05 28.02+0.02

−0.2 15.67+1.47
−2.28 15.0+0.84

−0.7
664* 2084.0+101.0

−70.0 5.52+0.01
↓

15.36↑
−0.06 28.91+0.04

−0.04 29.81+3.02
−1.94 33.8+3.13

−3.68
669* 1788.0+64.0

−59.0 5.52+0.01
↓

17.11+0.01
−0.07 28.87+0.06

−0.03 24.44+1.81
−1.56 33.2+4.41

−2.77
711* 4276.0+470.0

−587.0 4.73+0.03
−0.04 7.25+0.1

−0.12 28.16+0.31
−0.44 59.25+13.73

−13.61 17.0+1.16
−1.1

753 2593.0+361.0
−156.0 4.77+0.04

−0.03 7.87+0.11
−0.11 27.76+0.28

−0.32 23.67+7.21
−2.52 18.0+1.16

−0.99
764 1488.0+99.0

−38.0 5.82+0.02
−0.02 33.39+0.18

−0.41 29.23+0.1
−0.06 33.03+4.59

−1.47 35.0+3.99
−4.48

777 1220.0+15.0
−67.0 5.22↑

−0.03 18.27+0.27
↓

28.42+0.03
−0.1 12.16+0.3

−1.17 25.8+2.32
−2.54

782 1668.0+43.0
−52.0 5.2+0.01

−0.02 11.84+0.1
−0.04 28.06+0.08

−0.25 14.73+0.85
−0.85 25.6+1.79

−2.51
787 3642.0+345.0

−290.0 4.55+0.01
−0.02 5.77+0.07

−0.02 28.14+0.12
−0.44 34.2+7.09

−4.75 16.2+0.89
−0.73

807 1997.0+127.0
−137.0 4.83+0.02

−0.04 7.93+0.12
−0.06 27.95+0.08

−0.45 14.13+1.98
−1.67 19.4+1.24

−1.19
819 1866.0+186.0

−154.0 4.87+0.02
−0.02 6.77+0.06

−0.07 27.64+0.16
−0.35 10.53+2.27

−1.56 22.4+1.14
−1.11

843 2151.0+100.0
−94.0 4.47+0.02

−0.02 5.94+0.06
−0.05 27.02+0.23

−0.02 12.29+1.15
−1.03 15.6+0.71

−0.78

4.C Example of the fitting results

Figure 4.C.1: Best fit line profiles for VFTS 046.
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The VLT-FLAMES Tarantula Survey XXVI. Nitrogen

surface abundances of O-type giants and supergiants

N. J. Grin, O. H. Ramírez-Agudelo, A. de Koter, H. Sana, F. Tramper, J. Puls,
S. E. de Mink, N. Langer, C. J. Evans & W. D. Taylor

To be submitted to Astronomy & Astrophysics

Abstract

Rotation-induced chemical mixing in massive stars may have far reaching evo-
lutionary consequences, affecting the sequence of morphological phases, lifetimes,
nucleosynthesis, and supernova characteristics. We use a sample of 71 O giants to
supergiants observed in the Large Magellanic Cloud (LMC) in the context of the VLT-
FLAMES Tarantula Survey (VFTS). By analysing their surface nitrogen abundances,
we aim to test rotational mixing in evolved main-sequence stars initially more mas-
sive than 15 M�. Using stellar and wind properties derived in Chapter 4 (Ramírez-
Agudelo et al. in prep.), we compute synthetic spectra for a set of up to 21 N ii-v
lines in the optical spectral range, using the non-LTE atmosphere code fastwind. We
constrain the nitrogen abundance by fitting the equivalent widths of relatively strong
lines that are sensitive to changes in the abundance of this element. For 28 stars the
nitrogen abundance can be constrained; for 43 stars only upper limits can be derived.
We analyse the behaviour of the nitrogen abundance as a function of projected ro-
tational velocities, 3e sin i, confronting it with predictions of rotational mixing. We
find a group of N-enhanced slowly spinning stars that is not in accordance with pre-
dictions of rotational mixing in single stars. Among O-type stars with gravities less

119



5 Nitrogen surface abundances of O-type giants and supergiants

than log g = 3.75 this group constitutes 30−40 percent of the population. A group
with quite similar properties among B-type dwarf stars has been reported earlier, and
it may well be that the two groups have a common nature. For the rapidly spinning
O-type stars we only constrain upper limits to the nitrogen abundance, therefore the
current data of these sources do not offer the means to test the physics of rotation
induced mixing. The correlation of nitrogen abundance versus helium abundance is
consistent with expectations, suggesting that, whatever the mechanism that brings N
to the surface, it transports material that is well mixed. The surface abundances of
at least 30-40 percent of O-type giants to supergiants can not be understood in the
current frame of rotational mixing. Given the high multiplicity fraction among O-
type stars, it is plausible that effects of binary interaction need to be considered to
understand their surface properties. Alternatively, or in conjunction, the effects of
magnetic fields may need to be invoked.
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5.1 Introduction

5.1 Introduction

Despite the importance of massive stars in a Galactic and cosmic perspective, many
of the physical processes that control how these objects evolve are still not well un-
derstood (see Langer 2012). For example, it is still uncertain which mechanism drives
mass-loss (e.g., Puls et al. 2008) and how this depends on chemical composition (e.g.,
Vink et al. 2001; Vink & de Koter 2005). Also, massive stars form (almost) exclu-
sively in multiple systems (Chini et al. 2012; Sana et al. 2013, 2014a; Kobulnicky
et al. 2014), preferentially in close pairs that will interact during their lifetime (Sana
et al. 2012). This introduces complications with respect to observing and simulat-
ing populations of massive stars. Here we study another uncertainty: the effects of
mixing through rotation.

As of the key agents of massive star evolution, the effects of rotation are mani-
fold. The internal structure of spinning stars becomes latitude dependent (von Zeipel
1924), and may lead to a deformed star (e.g., Townsend et al. 2004). This re-
sults in stars showing relatively hot and bright polar regions and relatively cool
and dim equatorial zones – effects that are actually observed (Domiciano de Souza
et al. 2003, 2005). Spinning stars have longer main-sequence lifetimes (Brott et al.
2011a; Ekström et al. 2012; Köhler et al. 2015) and may follow different paths in the
Hertzsprung-Russell diagram (HRD), as the centrifugal force effectively reduces the
stellar mass and because rotation impacts mass-loss and angular momentum loss at
the surface (see Maeder 2009; Langer 2012, for an extensive discussion). Rotation
induced instabilities trigger internal mixing, transporting material from deep layers
to the surface. In extreme cases, this mixing may be so efficient that the stars remain
homogeneous throughout their lives and – because of this – avoid envelope expan-
sion (Maeder 1987). In special cases, this type of evolution has been proposed to lead
to a core collapse that produces long gamma ray bursts (e.g., Yoon & Langer 2005;
Woosley & Bloom 2006).

In models that consider strong differential rotation (e.g., Ekström et al. 2012),
shear between the layers causes swirling motions that induce mixing. In models
where internal magnetic fields enforce rigid rotation, mixing occurs through merid-
ional (Eddington-Sweet) circulation (e.g., Brott et al. 2011a). These processes are not
treated explicitly in the essentially one-dimensional codes mentioned before. Rather,
mixing is treated in a diffusion approximation where the efficiency of the process is a
free parameter that must be constrained from observations. The surface abundance of
nitrogen can be used for this purpose. In the CN and CNO cycle nitrogen is produced
at the cost of carbon and oxygen. Processed material that can escape from the core
before a chemical gradient is established at the core boundary, can be mixed into the
envelope (Meynet & Maeder 1997). This material will over time reach the stellar
surface. The faster the star is spinning, the more quickly the material will surface and
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5 Nitrogen surface abundances of O-type giants and supergiants

the higher the surface N abundance will reach.
Hunter et al. (2008a) searched for a correlation between surface nitrogen abun-

dance and projected spin velocity of a sample of evolved main-sequence early B-type
stars, observed in the context of the VLT-FLAMES Survey of Massive Stars (Evans
et al. 2006). A subset of their sample displayed such a correlation and was used
by Brott et al. (2011b) to calibrate the efficiency of rotational mixing. However, two
groups of stars did not concord with the expectations of rotational mixing. We discuss
this further in Sect. 5.5.4, comparing their findings with ours.

Here, we determine the nitrogen abundance of the O giants and supergiants that
have been observed in the Large Magellanic Cloud (LMC), in the context of the VLT-
FLAMES Tarantula Survey (VFTS; Evans et al. 2011b). The main questions we want
to address are: what is the behaviour of these O-type stars in terms of N-abundance
as a function of projected spin velocity? Is this behaviour similar to that of the B-type
stars studied by Hunter et al. (2008a)? Does our sample also contain groups of stars
that are not in agreement with the predictions of rotational mixing in single stars? If
so, can these be identified as the counterparts of the peculiar groups identified among
the B dwarfs.

The paper is organised as follows. In Sect. 5.2 we briefly introduce the sample of
O giants and supergiants. The method of nitrogen abundance analysis is explained in
Sect. 5.3. The results are presented in Sect. 5.4 and discussed in Sect. 5.5. Finally,
we summarise our findings in Sect. 5.6.

5.2 Sample and data

The VFTS project and the data have been described in Evans et al. (2011b). The
data analysed in this paper were obtained with the Medusa-Giraffe mode of the Fi-
bre Large Array Multi-Element Spectrograph instrument (FLAMES; Pasquini et al.
2002), mounted on the Very Large Telescope (VLT) at Cerro Paranal, Chile. Spectral
coverage provided by the adopted settings is λλ 3960−5070 Å and λλ 6442−6817 Å,
at spectral resolving power R ∼ 8000 and R ∼ 16000 respectively; full details are
given by Evans et al. (2011b).

Multi-epoch observations allowed for a selection of spectroscopic binaries on the
basis of their radial velocity (RV) variation (Sana et al. 2013). We consider that stars
are spectroscopically single if their peak-to-peak RV variation is either statistically
insignificant or significant but smaller than 20 km s−1. About half of the stars in the
latter category are however genuine spectroscopic binaries (Almeida et al., in prep).
Spectral classification of the O-type content has been presented by Walborn et al.
(2014). Here we analyse the nitrogen content of the presumably single O-type stars,
classified by Walborn et al. (2014) as giants and supergiants. An overview of the
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Figure 5.1: Comparison between nitrogen abundances derived with the automated fitting method (ver-
tical axis) and the method described in Sect. 5.3 (horizontal axis). Dotted lines indicate the nitrogen
baseline abundance of LMC stars. The dashed line shows the 1:1 relation. The observed stars are
marked with the VFTS ID. Except for one star (VFTS 269), the two methods agree to within about 0.1
dex.

distribution of our sample stars among luminosity classes III to I is given in Table 5.2.
These luminosity classes could be assigned in 71 cases, for 25 stars the spectra were
of such poor quality that no unique class identifier could be given. We discard these
25 sources from our analysis.

5.3 Method

5.3.1 Atmospheric parameters

Atmospheric properties of the sample discussed here have been determined in Chap-
ter 4 (Ramírez-Agudelo et al. in prep.), using an automated fitting method (Mokiem
et al. 2005; Tramper et al. 2011, 2014). In short, the method combines an analysis
of normalised spectra using the non-LTE stellar atmosphere model fastwind (Puls
et al. 2005) with the genetic fitting algorithm pikaia (Charbonneau 1995). fastwind
accounts for a trans-sonic, stationary radial stellar outflow. Six stellar properties are
determined: effective temperature Teff , surface gravity log g, mass-loss rate Ṁ, he-
lium content NHe, (an assumed constant) micro-turbulent velocity ξm, and projected
equatorial rotational velocity 3e sin i. The radius of the star R, hence the luminosity
L, is constrained using the self consistently computed KS bolometric corrections and
the Stefan-Boltzmann law. The stellar wind is assumed to accelerate following a β-
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type velocity law, which is prescribed by the flow acceleration parameters β and the
terminal flow velocity 3∞. Appropriate values for β are adopted from hydrodynam-
ical simulations (Muijres et al. 2012); values for 3∞ follow from a scaling relation
with the surface escape velocity (Kudritzki & Puls 2000).

For five of the hottest stars and one cool star, the nitrogen abundance is deter-
mined using the automated fitting technique. For hot stars the estimate of the effective
temperature is severely compromised when the He i lines disappear from the spec-
trum; for cool stars when He ii fades away. In those cases, N iii λ4634−4640−4641,
N iv λ4058, and N v λ4603, 4619 have been added to the set of hydrogen and helium
diagnostic lines. As will be discussed in Sect. 5.3.2, we adopt an alternative, faster
method to determine the nitrogen fraction of the full set of stars. For the six sources,
the difference in derived nitrogen abundance is shown in Fig. 5.1. Save for one source
(VFTS 269, that has a mass-loss rate that is so high that fastwind models may not be
appropriate) both methods agree to within about 0.1 dex.

5.3.2 Nitrogen diagnostic lines

The physics of nitrogen line-formation as implemented in fastwind is extensively
described and tested by Rivero González et al. (2011, 2012a,b). Here we discuss the
diagnostic lines used in this work.

In the optical spectral range available to us (covering λλ 3960−5070 Å and λλ 6442
−6817 Å) several tens of nitrogen lines can be identified. Not all of these lines are
suited for spectral analysis. To select the lines that are best for our purposes we
applied the following selection criteria: (i) the lines should not be blended; (ii) the
lines should be strong enough to be detectable, given the typical signal-to-noise of
our spectra and the range of projected spin velocities covered by our stars; (iii) the
lines should react as strongly as possible to changes in abundance. To assess the lat-
ter we computed a grid of fastwind models, covering the range of spectral types and
luminosity classes, in which we varied the nitrogen abundance relative to hydrogen

[N] = log
(

NN

NH

)
+ 12, (5.1)

where NN and NH are the number abundances of nitrogen and hydrogen, from the
Large Magellanic Cloud (LMC) baseline value [N] = 6.93 to [N] = 8.53. Figure 5.2
shows the outcome of this test for a few spectral lines. As expected, most lines
only show sensitivity in a given temperature range. On the basis of this exercise we
compiled a list of primary and secondary diagnostic lines, which is given in Table 5.1.
Primary lines are those most often used for abundance measurements, as they show
reliable results. Secondary lines are often not visible or give anomalous results as
explained in the next paragraphs.
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Table 5.1: Diagnostic lines used to derive the nitrogen abundance. See text for a discussion of the
primary and secondary categories of lines (see Sect. 5.3.2).

Primary diagnostic lines

N ii λ3995
N iii λ4379, 4511−4515
N iv λ4058
N v λ4603−4619

Secondary diagnostic lines

N ii λ4447, 4601−4607−4621−4630−4630
N iii λ4097, 4195,4518, 4523, 4535, 4634−4640−4641
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Figure 5.2: Equivalent width as a function of effective temperature and nitrogen abundance for several
diagnostic lines. Colors, from black to green, indicate nitrogen abundances [N] ranging from 6.93 to
8.53 in steps of 0.4 dex. For all models: log g = 3.9, log Ṁ = 6 and ξm = 7 km s−1.
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5 Nitrogen surface abundances of O-type giants and supergiants

The N iii λ4634−4640−4651 triplet, in combination with He ii λ4686, is used to
assign O stars the qualifier f . The modelling of this triplet is complex and has been
described in detail by Rivero González et al. (2011). We confirm their findings that
the abundances derived from this triplet are sometimes anomalous compared to that
of other lines and therefore we use it as a secondary diagnostic.

One of the strongest lines, N iii λ4097, is situated in the wing of Hδ. To be able
to perform an equivalent width analysis, we subtract a fit to the Hδ wing as if it
represented the continuum. In some cases this method worked, however in other
cases anomalous abundances were found, so we use this line too as a secondary
diagnostic only.

As stars rotate faster and their lines become broader, neighbouring spectral lines
can blend with each other. This is in particular the case for the N iii λ4511−4515−4518
complex. One could employ a similar method to measure their Weq as was done for
the N iii λ4097 line. However, at higher rotation rates (3e sin i > 150 km s−1), the line
blending is so severe that this process is hindered. For these stars, spectral synthesis
is the better option. Unfortunately, the signal-to-noise ratio (S/N) of our data is such
that for the rapid rotators in our sample, the spectral lines can not be distinguished
from the noise.

Rivero González et al. (2012b) derive the nitrogen abundances of LMC O-stars
relying mostly on the same lines we use. Martins et al. (2015), studying Galactic stars
using the code cmfgen (Hillier & Miller 1998), rely on 4 to 22 lines that partly overlap
with our set of lines. By virtue of their wider spectral range and higher baseline
abundance, Martins et al. are able to use more, as well as intrinsically weaker, spectral
lines. However, their list does not include our primary lines N iii λ4379, N iv λ4058
and N v λ4603−4619.

5.3.3 Abundance determination

We measure the equivalent width Weq of our lines by fitting a Gaussian to their con-
tinuum normalised profiles (see the middle columns of Figs. 5.3 and 5.4). In this
procedure, the continuum is held fixed. The center of the line is allowed to vary
within the uncertainty of the RV measurement.

Next, we compute for each star, using the stellar properties given in Chapter 4
(Ramírez-Agudelo et al. in prep.), a set of five models in which we vary the nitrogen
abundance from the baseline value [N] = 6.93 to [N] = 8.53 in steps of 0.4 dex. This
covers the full range of measured [N]. The behaviour of the line strength as a function
of [N] can be accurately represented on the basis of these points using a second order
polynomial, as is shown in the right-most panels of Figs. 5.3 and 5.4. For each
spectral line, the N-abundance and its error (blue solid and dashed lines) is then
extracted on the basis of the measured Weq and its error (red solid and dashed lines).
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For each star, we combine the results from different lines to compute a weighted
mean, where the N abundance measured from each line i is weighted according to its
error as 1/σ2

i . We consider the weighted standard deviation to be the error on the
measurement of [N]. However, in case the error on the weighted mean is larger than
the weighted standard deviation, we adopt the former as error of the measurement.
Be aware that these errors do not take into account the uncertainties in the determined
stellar parameters. We estimate that the impact of these uncertainties may reach up
to ∼0.2−0.3 dex.

Figures 5.3 and 5.4 show two examples of this procedure, for VFTS 466 and
VFTS 103, typical for high and low S/N data respectively. In each case, results for
only a few of the fitted lines are shown. By computing a model with the final solution,
and overplotting it on the data, we test the robustness of the method (left columns of
Figs. 5.3 and 5.4).

If no lines are detected, an upper limit on [N] can be set. Examples of this are
shown in Fig. 5.5. From the calculated models the strongest spectral lines in terms
of depth are selected. For these lines the noise in the continuum is measured and
converted into a maximum detectable depth, given by 1/2σ. The predicted depth as
a function of [N] is measured from the models and again described by a quadratic
fit. For each line, the maximum detectable depth then yields the upper limit on [N].
Assessing the outcome of this method for the strongest 5-7 lines, taking into account
their local continuum noise and individual strengths, allows us to set an upper limit
on the nitrogen abundance of a star.

5.3.4 Limitations of the method

Though the nitrogen lines appear weak, they may suffer from saturation effects and
therefore their strength can be a function of the micro-turbulent velocity. The fitted
ξm values range between a few and 30 km s−1, with often sizable uncertainties, and
where the latter value is the upper limit considered in Chapter 4 (Ramírez-Agudelo
et al. in prep.). We investigated the effect of the micro-scale turbulent motions on the
nitrogen abundance by computing formal solutions of the diagnostic nitrogen lines
adopting ξm = 10 km s−1. Following the method described in Sect. 5.3.3 we derived
the N abundance also for this constant value. In Fig. 5.6 we show the difference in
[N] between the two methods as a function of the ξm value from the automated fitting
approach. The differences are typically less than 0.1 dex, reaching up to almost 0.2
dex for the lowest and highest turbulent velocities. To allow for comparisons with
other results we henceforth adopt ξm = 10 km s−1 in all our computations.

After assessing the outcome of the automated fitting method in Chapter 4 (Ramírez-
Agudelo et al. in prep.), we concluded that it was challenging to reproduce the spectra
of some stars. This could be due to contamination by an unseen companion. After
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Figure 5.6: The logarithm of the difference in the N-abundance using the micro-turbulent velocity as
determined in Chapter 4 (Ramírez-Agudelo et al. in prep.) and ξm = 10 km s−1. All stars for which the
nitrogen abundance could be constrained are shown.

obtaining radial velocity measurements at additional epochs, indeed some of these
stars are identified as long-period spectroscopic binaries (Almeida et al., in prep.).
The stars under consideration are VFTS 087, 103, 151, 153, 171, 188, 440, 451,
513, 664, 669 and 711. In the top panel of Fig. 5.7 we flag their nitrogen measure-
ments. Because the parameters of these stars are uncertain they are excluded from
any quantitative comparison to theory.

5.4 Results

The derived surface nitrogen abundances and their uncertainties are listed in Ta-
ble 5.A.1 of the appendix 5.A. In Fig. 5.7 they are plotted as function of the projected

Table 5.2: Number of stars for which the nitrogen abundance could be constrained and for which only
upper limits could be derived, as a function of luminosity class.

LC III II I Total

Abundance constraint 10 12 6 28
Upper limit 28 15 0 43

Total 38 27 6 71
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rotational velocity. The symbol type denotes the luminosity class. Of the 71 sources
studied, we could constrain [N] in 28 cases and had to settle for upper limits in 43
cases. In Chapter 4 we identify 12 sources for which the quality of the spectral fits
is poor (see Sect. 5.3.4). They all show small but significant radial velocity varia-
tions and for some an anomalously low helium abundance was found. These poor fits
are identified in the top panel of the Figure 5.7 by a yellow circle. Also shown are
evolutionary tracks, which will be discussed in Sect. 5.5.

The sources for which the nitrogen abundance could be determined have 3e sin i
up to 200 km s−1. They span a fairly wide range of [N] values, from about 7.0 to
8.8, and are shown separately in the middle panel of Fig. 5.7. The [N] values do not
reveal conspicuous trends with either spectral subtype or luminosity class.

For all stars spinning faster than 200 km s−1 we can only constrain upper limits.
These are essentially set by the S/N of the spectrum and 3e sin i. This is illustrated
in the bottom panel of Fig. 5.7. The dashed lines show detection limits covering the
range of S/N of our sample stars. They have been computed for a star of spectral
type O9, representing the bulk of our sample, by considering the primary diagnostic
line N iii λ4379. For each S/N we establish the maximum detectable depth from the
inverse of the S/N, for a range of 3e sin i. For each 3e sin i, we compare the maxi-
mum detectable depth to model spectra for a range of [N] values (at the appropriate
3e sin i). This procedure yields the detection limits drawn in the panel. Given that the
typical S/N of our data is ∼100−200, one may indeed have anticipated problems in
constraining the nitrogen abundance at 3e sin i > 200 km s−1.
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Figure 5.7: Nitrogen abundance versus projected rotational velocity. For all panels, symbols denote
the luminosity class, colors indicate spectral type, and are explained in the legend of the top panel. Top
panel: Entire sample. Stars for which the properties, as derived in Chapter 4 (Ramírez-Agudelo et al.,
in prep.), are uncertain have a yellow circle overplotted (see Sect. 5.3.4). Middle panel: The subset
of stars for which the nitrogen abundance could be constrained. Bottom panel: The subset of stars for
which only upper limits could be derived. The dashed lines indicate detection limits for different S/N
and are discussed in Sect. 5.4. The evolutionary tracks shown in the upper two panels are for the O-type
stage of a 20 M� star (Brott et al. 2011a).
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5.5 Discussion

In this section we compare our findings to the nitrogen enrichment pattern that is ex-
pected for a comparable population of single O-type stars, with the aim to investigate
the role of rotational mixing in massive stars.

5.5.1 Population synthesis model

Figure 5.8 again shows the projected spin velocity versus nitrogen abundance plot
for all stars in our sample, with symbol shapes and colors as in Fig. 5.7. In the
background we show the results of a population synthesis computation for O-type
stars, based on models by Brott et al. (2011a).

We randomly draw a population of single stars from the evolutionary sequences
of Brott et al. (2011a), sampling distribution functions for their initial mass, spin rate
and spin axis orientation, and adopting continuous star formation. Masses follow a
Salpeter (1955) initial mass function (IMF) from 15 M� to 60 M�. After sampling the
IMF, the selected mass is rounded off to the mass of the nearest available evolutionary
track. The initial rotational velocity is interpolated between tracks. The spin axes are
randomly distributed in 3D space.

The initial rotational velocity distribution as given in Fig. 5.8 is flat and ranges
from 0 km s−1 to 500 km s−1, to clearly illustrate the effect of rotational mixing as a
function of the projected spin rate. In later figures, we will use the empirical rotational
velocity distribution for single O-type stars derived by Ramírez-Agudelo et al. (2013)
as input.

By accepting a drawn star only if its effective temperature is at least 29 kK,
we construct a probability distribution for O-type stars only. We impose Gaus-
sian distributed uncertainties of 0.15 dex in [N] and 10% in the rotational veloc-
ity, characteristic of the typical empirical errors. The results are then grouped in
10 km s−1 × 0.05 dex bins to generate the plot. Finally, the outcome of the simula-
tion is normalised such that the star count integrated over the plot equals the number
of real stars plotted. As the minimum N abundance that we display in the plots is 6.8,
i.e., 0.1 dex below the adopted initial nitrogen abundance for the LMC, we decided
to redistribute simulated points with [N] < 6.8 to the range [6.8, 7.0] to also visually
display the proper normalisation.
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Figure 5.8: Nitrogen abundance versus the projected rotational velocity for the full sample. Symbols
indicate luminosity class, colors indicate spectral type. Tracks (Brott et al. 2011a) drawn in solid black
lines are for a 20 M� star, evolved until the effective temperature is below 29 kK and they become B-
type stars. Initial rotational velocities for the tracks are 114, 170, 282 and 390 km s−1, they have been
multiplied by π/4 to account for the average projection effect. The population synthesis calculation
projected in the background is for the O-star phase only and assumes a flat distribution of rotational
velocities.

The overall predicted trend in Fig. 5.8 is one of increasing [N] with increasing
3e sin i. The reason for the relative dearth of nitrogen normal rapid rotators is that
the rate of nitrogen enrichment as a function of the fraction of the main-sequence
lifetime is a rather strong function of initial mass: the higher Minit the faster the
nitrogen enrichment occurs (Brott et al. 2011b; Köhler et al. 2012). For example,
a 10 M� star having an initial rotational velocity of ∼225 km s−1 reaches halfway
its main-sequence a nitrogen enrichment that is ∼ 40% of its final main-sequence
enrichment. For a 30 M� star halfway its main-sequence evolution this is already
∼ 85%. This implies that for early-B type stars the lower right corner of the diagram
is expected to be more frequently populated than for O-type stars.
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5.5.2 Population synthesis for the O III-I sample

Figure 5.8 does not allow for a direct comparison between observations and theory
because our sample of O-type stars is for giants to supergiants only, i.e., it lacks
O dwarfs, and the adopted (flat) spin distribution is not the observed one. To facilitate
a quantitative assessment, we limit ourselves to the stars that have log g < 3.75,
which overall selects the somewhat evolved stars for which our sample is near to
complete. To compare with the log g of modelled stars, we correct the observed
value for the centrifugal force. In the VFTS sample of presumed single O dwarfs,
analysed by Sabín-Sanjulián et al. (2014) only three sources have surface gravities
below this limit. These are VFTS 419, 484 and 581. Preliminary analysis (Símon-
Díaz, private communication) shows that these stars spin relatively slowly, 185, 180
and 91 km s−1 respectively, and show modestly enriched abundances, [N] ∼7.2. We
show the subset of low gravity sources (excluding the three O dwarfs) in Fig. 5.9
together with a population synthesis prediction suitable for direct comparison, i.e.,
for stars of which the spin distribution is as given by Ramírez-Agudelo et al. (2013),
that have temperature Teff > 29 kK and gravity log g < 3.75. The latter criteria
selects 22 stars. The population synthesis calculation is normalised as to produce
this number of stars if integrated over the predicted range of [N] and the initial spin
distribution.

Following Brott et al. (2011b) we define boxes in which we count the number
of observed and predicted stars (see Fig. 5.9). For the sake of clarity, the number-
ing of these boxes is chosen such as to best correspond to the box-definitions used
in that paper: Box 2 selects the N-enriched stars spinning up to 140 km s−1; Box 3
comprises the zone where the effects of rotational mixing are expected to be the most
pronounced. Stars in this region in principle behave conform to theory if the bulk is
positioned on or near the predicted colored diagonal. Box 4 is a region where nei-
ther stars are observed, nor a significant number of them is predicted. The diagonal
separating Boxes 2 and 4 from Box 3 is described by [N] = 0.0036 3e sin i + 7.15.

Table 5.3 shows the counts of the observed and simulated stars in the different
boxes. In the process of counting we take a Gaussian distributed uncertainty in the
observed nitrogen abundance into account. In case of upper limits, we consider their
actual values to be uniformly distributed between the upper limit and [N] = 6.8.

We find 59% of the sample to be in Box 3, containing relatively slowly spinning
stars that have at most marginally enriched nitrogen abundances and stars for which
only upper limits to [N] could be constrained. Theory predicts 85% of the stars to be
in this regime, which appears in reasonable agreement. Note that if all upper limits in
this box would be close to nitrogen normal, this would be inconsistent with theoretical
predictions. As we cannot investigate this with the data at hand, we conclude that this
population is not in violation with the predictions of rotational mixing.
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Figure 5.9: Nitrogen abundance versus projected rotational velocity for 22 O stars with gravities
log g < 3.75. It constitutes all of the VFTS sources fulfilling these criteria, save for three O dwarfs
studied by Sabín-Sanjulián et al. (2014) that would all end up in Box 3 (Símon-Díaz, private communi-
cation). Identical selection criteria have been applied to the population synthesis calculation projected
on the background. The applied initial spin distribution in this calculation is assumed to be that derived
for the presumed-single VFTS stars (Ramírez-Agudelo et al. 2013). The boxes, separated by the solid
black lines, are defined in Sect. 5.5.2.

Box 2 contains a population of apparently slowly spinning but nitrogen enhanced
stars. While theory predicts 7% of the stars to be in this region, we find 38% of the
population to be in this box. This amounts to 5.1 times more observed sources than
predicted sources. It is unlikely that this large overabundance of observed sources
can be explained by statistical fluctuations in the spin axis orientation distribution of
these stars, assumed to be random in 3D space. This statement gains more weight by
the fact that Box 4 is essentially empty, while population synthesis predicts an equal
amount of sources to reside in this region as in Box 2. We conclude that the bulk
of the sources in Box 2 are intrinsically slow rotators and that their high nitrogen
abundance is not explained by the evolutionary models.

Brott et al. (2011b) found that Box 2 is predominantly occupied by stars with
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Figure 5.10: Nitrogen abundance versus surface helium abundance. In the background the outcome of
population synthesis is projected, as explained in Sect. 5.5 and shown in Fig. 5.9.

relatively high masses, in their case the range 12 < M� < 20. We too find a mass
dependence: the average spectroscopic mass of stars in Box 2 is 38 ± 18 M�, while
that of stars in Box 3 is 19± 16 M�. Note that the uncertainties in spectroscopic mass
are substantial.

Table 5.3: Star counts and percentages of the total of observed and simulated stars in the boxes defined
in Fig. 5.9. The listed percentages do not always add up to 100% because of round offs. The errors
quoted are computed according to binomial statistics.

Box Observed Simulated Obs/Sim
# % # %

2 8.4 ± 2.3 38.3 ± 10.4 1.6 7.5 5.1
3 13.0 ± 2.3 59.0 ± 10.5 18.8 85.3 0.7
4 0.6 ± 0.8 2.6 ± 3.4 1.6 7.3 0.4

Total 22 22
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5.5.3 Correlation between nitrogen and helium abundance

In Fig. 5.10, we plot the nitrogen surface abundance derived here versus the helium
surface abundance as derived by Ramírez-Agudelo et al. (in prep.). Shown in the
background is the same population synthesis calculation as discussed in Sect. 5.5.2
and shown in Fig. 5.9, i.e., for O-type sources that have log g < 3.75. The results are
grouped in bins of 0.05 × 0.05 dex. The evolutionary tracks that are shown are for a
20 M� star initially rotating at 114, 170, 282 and 390 km s−1. Though the scatter is
sizable, the N and He abundances appear correlated. Such a correlation is also found
by Rivero González et al. (2012b). Moreover, the trend agrees quite well with the
models, suggesting that whatever the mechanism that brings N to the surface it is one
that transports processed material that is well mixed.

5.5.4 Comparison to other [N]-3e sin i studies

We limit a comparison to other studies to massive OB stars in the LMC, notably to
the work on early-B star by Hunter et al. (2008a, 2009) and Brott et al. (2011b), and
Rivero González et al. (2012b) for O-type stars. For an analysis of Galactic and SMC
B-type stars see Hunter et al. (2009); for that of Galactic O-type stars, see Martins
et al. (2015).

Rivero González et al. (2012b) determined the nitrogen abundance of the LMC
stars studied by Mokiem et al. (2007) in the context of the VLT-FLAMES Survey
of Massive Stars (Evans et al. 2006). This sample of O and early-B stars of all
luminosity classes comprises sources in the central LH9 and LH10 associations in the
young star-forming region N11, augmented by LMC field stars. Though the authors
refrain from a statistical analysis and comparison to predictions, it is interesting that
the seven O-type objects in their sample that have log g < 3.75 span essentially the
same range in nitrogen abundance found here and all would appear in Box 2. The
mean 3e sin i of this sample of seven is 68± 15 km s−1, which is lower than the 101 ±
14 km s−1 of our sample in Box 2. The main reason for this is that Rivero González
et al. account for macro-turbulent broadening of their lines, which in the 3e sin i
estimates used here is ignored. In the analysis of the full presumed-single VFTS
O-star sample Ramírez-Agudelo et al. (2013) employ similar techniques to correct
for the effect of macro-turbulent broadening. Using these results, the mean projected
spin velocity of our stars in Box 2 would be 84 ± 21 km s−1, i.e., within uncertainties
consistent with the findings of Rivero González et al. (2012b). We conclude that the
population of N-enriched slow rotators presented in Rivero González et al. (2012b)
is identical in characteristics to the Box 2 population found here. Its presence (in the
sample studied by Rivero González et al.) enforces our statement that the N-enriched
slowly spinning sources are not in agreement with predictions of rotational mixing in
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single stars.
Hunter et al. (2008a), in their analysis of 135 B V stars in the VLT-FLAMES

Survey of Massive Stars, identified a population of N-enriched intrinsically slow ro-
tators (∼20% of their sample) and a population of relatively unenriched fast rotators
(a further ∼20% of their sample) that both challenge the concept of rotational mixing.
The stars in the former anomalous population preferentially have masses in the range
of 12 M� to 20 M� and reach nitrogen abundances [N] ∼ 8, so somewhat lower than
the ∼8.7 that is reached by the O stars. This is in line with expectations of rotational
mixing, predicting a stronger enrichment with increasing stellar mass (see Brott et al.
2011b). The definition of the box of N-enriched low 3e sin i sources in Hunter et al.
is somewhat more stringent than in our case, in that all have a projected spin veloc-
ity 3e sin i < 50 km s−1. Brott et al. (2011b) compared the incidence of these stars
to the same models being tested here and found that this region of the [N] versus
3e sin i diagram contained 15 times as many stars as predicted. Whether the fact that
the nitrogen-enriched B dwarf population spins somewhat slower than the nitrogen-
enriched slowly rotating O stars and reach somewhat lower N-enrichments points
to a fundamental difference in the nature of this group remains to be investigated.
However, given that the global similarities between the two groups are substantial a
common nature seems plausible.

For the group of relatively unenriched fast rotators identified by Hunter et al.
(2008a) mostly upper limits to the nitrogen abundance could be constrained. By far
the bulk of this population seems compatible with an abundance that is consistent
with the LMC baseline value. The upper limits of our O stars sample are much less
constraining and it is therefore too early to tell whether this is also the case for this
group.

5.5.5 Alternative scenarios

5.5.5.1 Efficiency of rotational mixing

The efficiency of rotational mixing in the single star evolutionary models of Brott
et al. (2011a) is calibrated using efficiency factors. Rotationally induced instabilities
contribute in full to the turbulent viscosity (Heger et al. 2000), their contribution to the
total diffusion coefficient (the standard way in which all mixing processes are treated
in 1D models) is reduced by a factor fc. Brott et al. (2011a) calibrated this parameter
using the B dwarfs discussed in Sect. 5.5.4. The inhibiting effect of chemical gra-
dients on the efficiency of rotational mixing processes is regulated by the efficiency
parameter fµ = 0.1, calibrated following Yoon et al. (2006). The steepness of the
correlations shown in Figs. 5.8 and 5.9 is essentially the result of the fc calibration
for the quoted fµ. In doing so, they ignored the nitrogen enriched slow rotators (the
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Box 2 sources) and the relatively unenriched rapid rotators. Assuming the sources in
Box 2 reflect a much larger mixing efficiency, hence a much increased fc or fµ, seems
unrealistic and would also imply that the nature of the N-enriched slowly spinning B
dwarfs is fundamentally different from that of the O III-I population.

5.5.5.2 Binary evolution

de Mink et al. (2014) showed that using radial velocities variations to select a sample
against binaries may inadvertently increase the fraction of binary interaction prod-
ucts. This is a result of two considerations. First, merger products are essentially
single stars. Second, in a typical post mass transfer system the light is dominated by
the mass gainer, which in many cases displays only modest radial velocity variations
(less than 20 km s−1).

Indeed, the high-velocity tail (3e sin i > 300 km s−1) found in the single star sam-
ple by Ramírez-Agudelo et al. (2013) appears absent in the spin distribution of pre-
interacting binaries, i.e., sources that are also not affected by tidal effects (Ramírez-
Agudelo et al., in prep.). This strengthens the hypothesis that the high-velocity tail
in the presumed single star sample is the result of binary interaction (de Mink et al.
2013) and, in addition, that a sizable fraction of this sample is in fact a product of
binary evolution.

This scenario might explain the stars in Box 2 (and stars in Box 3 if their nitrogen
abundances turn out to be too low to concord with rotational mixing). This possibility
is also brought forward by Brott et al. (2011b) to explain the B dwarfs analysed
by Hunter et al. (2008a), to which we refer for a more extended discussion. Note,
however, that (close) binary interaction is more likely to produce fast rotators, be
it enriched or not. Channels reproducing the slow rotators in Box 2, e.g., through
spin-down by tidal interaction, are relatively less likely.

A quantitative test requires binary population synthesis models, which are not yet
available. An empirical approach to probing a post-interaction nature of the stars in
Box 2 is to compare the nitrogen abundances of the sample studied here to that of the
binaries in the VFTS.

It should be noted that if binarity is at play, one must consider the contribution of
the undetected companion to the total observed continuum light. This contribution
may dilute the strength of the nitrogen lines, implying the derived N abundances
reported here would formally represent lower limits.

5.5.5.3 Magnetic fields

Magnetic fields have been hypothesised to play a role in explaining the N-enhanced,
slowly rotating early-B dwarfs that challenge rotational mixing. Meynet et al. (2011)
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proposed that magnetic braking as a result of magnetic wind confinement (see ud-
Doula & Owocki 2002; ud-Doula et al. 2008, 2009) during the main-sequence phase
leads to slow rotation. The slowing down of the surface layers would result in strong
internal differential rotation, producing a nitrogen surface enhancement.

Alternatively, magnetic fields may play a role in conjunction with binary evo-
lution. If the mass gainer is also spun up by angular momentum transfer, efficient
rotational mixing leads to the surfacing of nitrogen. It may generate magnetic fields
that, after the surface is enhanced in nitrogen, spin down the star as a result of mag-
netic braking. As an extreme example of this mechanism one may envision the actual
merger of the two stars. Such merger products may represent of the order of 10% of
the O star field population (de Mink et al. 2014), a similar percentage as the incidence
rate of magnetic O stars (Wade & the MiMeS Collaboration 2014; Morel et al. 2015).

5.6 Summary

We have determined the nitrogen abundances of the O-type giants and supergiants
observed in the context of the VLT-FLAMES Tarantula Survey (VFTS) and com-
pared these to evolutionary models of rotating stars with the aim to quantitatively test
rotational mixing at the hot and bright end of the main-sequence. Using stellar pa-
rameters determined by Ramírez-Agudelo et al. (in prep.), we determine the surface
nitrogen abundances of stars by comparing synthetic equivalent widths of a set of
(weak) optical N ii-v lines to those measured from the spectrum. Of the 71 sources
in our sample, we can constrain the nitrogen abundance for 28. For 43 sources we
cannot distinguish the signature of the weak lines from the noise and we have to settle
for upper limits only. All stars with projected rotational velocities above 200 km s−1

are in this latter group.
Rotationally induced mixing transports CNO-processed material from the stellar

interior to the surface. The faster the stellar spin, the more efficient the mechanism.
Predictions indeed show that for larger initial rotational velocity, the speedier the N-
enrichment sets in and the higher the N abundance that is reached at the end of the
main-sequence (Brott et al. 2011a; Ekström et al. 2012). We performed a quantitative
test of the predictions for O-type stars with surface gravities log g < 3.75, for which
our sample is near to complete. From a comparison of the behaviour of [N] as a
function of 3e sin i with population synthesis computations, assuming a continuous
formation of single stars we conclude the following:

• The nitrogen surface abundance of 60−70 percent of the log g < 3.75 stars in
our sample are compatible with the predictions of rotational mixing as imple-
mented by Brott et al. (2011a). The upper limits that we derive for stars with
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3e sin i ∼> 200 km s−1 reveal no apparent contradiction, obtaining higher signal-
to-noise ratio data of these fast rotating stars is however desirable to further
confront the predictions of rotational mixing theory at large 3e sin i.

• About 30−40 percent of the low-gravity sample displays projected spin rates
less than 140 km s−1whilst showing strong N-enhancement. This group (the
Box 2 stars in Fig. 5.9) contains five times as many sources as expected and
is not compatible with predictions of rotational mixing. A similar group of
N-enhanced slowly spinning objects defying rotational mixing theory has been
identified in an LMC population of B dwarf stars (Hunter et al. 2008a).

• The mean projected spin velocity of the N-enhanced slowly spinning sources
is 84 ± 12 km s−1 when correcting for line broadening by macro-turbulent mo-
tions. The strongly enriched slow rotators studied by Hunter et al. (2008a) all
have 3e sin i < 50 km s−1. Whether this difference in projected spin rate points
to a different nature for these two groups remains to be investigated.

• The mean spectroscopic mass of the N-enhanced slowly spinning sources is
38 ± 18 M�, which is significantly larger than the 19 ± 16 M� of the remainder
of the stars.

• The correlation between the N and He abundance of the full set of O giants to
supergiants studied here is compatible with expectations of rotational mixing,
implying that the mechanism that enriches the surface – be it rotational mixing
or something else – transports material that is well mixed.

The present study has focused on single giants and supergiants O-type stars in the
VFTS. The nitrogen surface abundance of about 2/3 of the data is compatible with
the expectation of rotational mixing while the remaining third show a N abundance
that is too large for their projected spin rate. It remains to be investigated whether
effects of binarity need to be invoked to explain this anomalous group of stars. One
way forward is to perform population synthesis that accounts for the effect of binarity
and, possibly, magnetic fields. Another way is to measuring the nitrogen abundances
of O-type binaries in VFTS. If the anomalous nitrogen surface abundance of slow
rotators is the results of binary interaction through mass transfer and/or coalescence,
one may expect such a group to be largely absent in pre-interaction spectroscopic
binaries.

5.A Full table of results
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Table 5.A.1: Nitrogen abundances of presumed-single O-type giants and supergiants VFTS sources.
Upper limits are indicated by < in the fifth column. Poor fits are marked with an asterisk (*) in the first
column; see Sect. 5.3.4 for a discussion.

VFTS id SpT 3e sin i [N] σ[N]

016 O2III-If* 130.0 7.68 0.04
046 O9.7II((n)) 168.0 7.55 <

064 O7.5II(f) 116.0 8.19 0.21
070 O9.7II 126.0 8.48 <

076 O9.5III 90.0 7.36 <

077 O9.7:III:n 264.0 8.28 <

080* O9.7II-III((n)) 194.0 8.31 <

087 O9.7Ib-II 86.0 7.92 0.07
091 O9.5IIIn 302.0 8.11 <

103* O8.5III((f)) 126.0 7.43 0.10
104 O9.7II-III((n)) 198.0 7.95 <

109 O9.7II:n-p? 326.0 8.29 <

113 O9.7IIorB0IV? 12.0 7.76 <

128 O9.5III:((n)) 176.0 7.92 <

141 O9.5II-III((n)) 166.0 7.94 <

151* O6.5II(f) 114.0 7.86 0.24
153* O9III((n)) 158.0 7.25 <

160 O9.5III((n)) 164.0 7.22 <

171* O8II-III(f) 92.0 7.53 0.15
172 O9III((f)) 118.0 7.42 0.13
178 O9.7Iab 86.0 7.80 0.08
180 O3If* 108.0 8.78 0.33
185 O7.5III((f)) 136.0 7.21 <

188* O9.7:III: 126.0 8.49 <

192 O9.7IIorB0IV? 46.0 7.05 <

205 O9.7II((n))orB0IV((n))? 154.0 7.66 <

207 O9.7II((n)) 166.0 7.68 <

210 O9.7II-III((n)) 166.0 7.70 <

226 O9.7III 64.0 7.44 <

244 O5III(n)(fc) 230.0 8.54 <

259 O6Iaf 100.0 8.01 0.25
267 O3III-I(n)f* 162.0 7.37 0.12
306 O8.5II((f)) 96.0 7.57 0.06
328 O9.5III(n) 244.0 8.21 <
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VFTS id SpT 3e sin i [N] σ[N]

332 O9II-III 84.0 7.33 0.07
333 O8II-III((f)) 114.0 7.38 0.10
346 O9.7III 92.0 7.45 <

370 O9.7III 84.0 7.53 <

389 O9.5III 160.0 7.42 <

393 O9.5III:(n) 196.0 7.44 <

399 O9IIIn 324.0 7.76 <

440* O6II(f) 144.0 7.65 0.07
451* O9:III:(n) 296.0 8.44 <

456 O8-9:III:n((fc))? 480.0 7.70 <

466 O9III 88.0 7.61 0.08
495 O9.7II-IIIn 232.0 7.68 <

502 O9.7II 102.0 7.34 0.20
503 O9III: 90.0 7.02 0.12
513* O6-7III-II(f) 130.0 8.86 <

518 O3.5III(f*) 128.0 8.51 0.23
528 O9.7III:(n) 130.0 7.59 <

546 O8-9III((n)) 96.0 7.32 <

566 O3III(f*) 108.0 8.29 0.08
571 O9.5II-III(n) 148.0 7.67 <

574 O9.5IIIn 274.0 8.38 <

599 O3III(f*) 134.0 8.31 0.03
607 O9.7III 60.0 7.58 <

615 O9.5IIInn 372.0 8.52 <

620 O9.7III(n) 206.0 8.23 <

622 O9.7III 90.0 7.65 <

664* O7II(f) 98.0 7.58 0.21
669* O8Ib(f) 106.0 7.81 0.12
711* O9.7III 39.0 7.56 <

753 O9.7II-III 38.0 7.97 0.09
764 O9.7Ia 88.0 8.09 0.07
777 O9.5II 148.0 7.99 <

782 O8.5III 82.0 7.33 0.23
787 O9.7III 56.0 7.52 <

807 O9.5III 14.0 7.99 0.14
819 O8III((f)) 64.0 8.71 0.18
843 O9.5IIIn 312.0 8.19 <
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Summary

This thesis presents the quantitative analysis of massive O-type stars in the 30 Doradus
region of the Large Magellanic Cloud. The data have been collected in the context
of VLT-FLAMES Tarantula Survey (VFTS), an ESO Large Programme that has ob-
tained multi-epoch optical spectroscopy of 800 OB-type stars using the Very Large
Telescope (VLT) in Chile.

The first part of the thesis (Chapters 2 and 3) focusses on the stellar rotational
properties of spectroscopic single and binary stars in 30 Doradus. The distribution of
spin rates of massive stars is important because it is the fingerprint of their forma-
tion process, which it is not well understood, and an important ingredient for their
evolution.

In the second part of the thesis, the focus shifts to properties of O-type giants,
bright giants, and supergiants in the VFTS (Chapters 4 and 5). Using quantitative
spectroscopy, we constrain the stellar and wind parameters, and the surface abun-
dances of the objects in our sample. We then confront these observational constraints
to the predictions of theories of the evolution of massive stars.

Rotational properties of massive stars in 30 Doradus

Here we investigate the rotational distribution of O-type stars in 30 Doradus. 30 Doradus
is the nearest massive starburst and it contains the richest population of massive stars
in the Local Group. Using multi-epoch optical spectroscopy of over 330 O-stars,
VFTS identified 216 stars that are spectroscopically single (∆RV ≤ 20 km s−1) and
116 that are binary systems.

In Chapter 2 we investigate the rotational distribution of the presumed-single
sample. We found that the distribution of rotational velocity shows a two-component
structure: a low-velocity peak formed by 75% of the sample (3e sin i < 200 km s−1)
and a high-velocity tail that contains the remainder of the stars. The presence of

159



Summary

the low-velocity peak is consistent with previous surveys. Based on expectations of
star formation and single-star evolution, most of the stars seem to have to spin down
shortly after their formation, from critical or half-critical rotation rates to rotation
speeds that are ∼0.1-0.3 of break-up. For the bulk of the O stars, angular momentum
loss in a stellar wind is insufficient to accomplish this and therefore another mech-
anism should act to efficiently spin down the stars; magnetic fields being a prime
candidate. The presence of a well populated high-velocity tail is compatible with
expectations from binary evolution, and qualitatively agrees with recent population
synthesis calculations.

In Chapter 3 we investigate the rotational properties of stars in binary systems.
We also found a low-velocity peak, though broader and slightly shifted to higher
projected rotational velocities when compared to the spectroscopic single stars. We
argue that our results are compatible with the assumption that binary components
formed with the same spin distribution as single stars and that the different shape
of the low-velocity peaks between single and binary stars is the result of tidal inter-
action affecting the spin of stars in close binary systems. Interestingly, the rotation
distribution of binaries shows a lack of very rapidly rotating stars (i.e. stars with
3e sin i> 300 km s−1). This finding is also in agreement with the hypothesis that the
high-velocity tail in the presumed-single sample is populated by spun-up post-binary
products.

Physical properties of the O-type giants, bright giants, and
supergiants

In the second part of the thesis we investigate the stellar and wind properties, and
the helium and nitrogen surface abundances of the O-type giants, bright giants, and
supergiants in the VFTS. In Chapter 4 we present the stellar properties of the gi-
ants to supergiants by using a genetic algorithm optimizing routine to fit synthetic
line profiles generated by the non-LTE atmosphere code fastwind to the observed
spectral lines. All of our stars are core hydrogen burning; most with stellar masses
between 15-70 M�, although a few objects are in the ∼100 M� range. We present
temperature versus spectral sub-type calibrations as a function of luminosity class,
which show an offset that concords with expectations. We investigate the possible
correlation between helium abundance and (projected) rotational velocity and find
that rotation induced mixing of gas in the stellar interior cannot explain all of our
findings: the helium-enriched stars have 3e sin i< 200 km s−1. Finally, we present
the wind momentum versus luminosity diagram. Adopting theoretical results for the
rate of acceleration of the wind flow, we find wind momenta for LMC stars that are
0.2 dex higher than earlier results.
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In Chapter 5, we present the nitrogen abundances of the giants to supergiants.
Having the stellar parameters, we devise a method to quickly and robustly determine
the surface abundance of this element. The method compares the equivalent width
of nitrogen lines with theoretical equivalent widths supplied by fastwind models. By
comparing the nitrogen content of stars with their rotational velocity we confront the
theory of rotational mixing in massive stars. With the typical signal to noise ratio of
our data it is difficult to distinguish the nitrogen lines of rapid rotators (≥ 200 km s−1)
from the noise. The upper limits we retrieve for these objects do not contradict ro-
tational mixing theory. For the slow rotators, however, we find a group of enriched
stars that is not expected in the context of rotational mixing. We discuss possible
explanations, which include binary evolution or the presence of a magnetic field.
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Samenvatting

In dit proefschrift wordt de kwantitatieve analyse gepresenteerd van zware O-sterren
in het 30 Doradus gebied van de Grote Magelhaense Wolk. De data zijn vergaard
in het kader van de VLT-Flames Tarantula Survey (VFTS), een groot observationeel
programma van de Europese Zuidelijke Sterrenwacht waarin op meerdere tijdstippen
optische spectroscopie is gedaan van 800 OB-sterren met de Very Large Telescope
(VLT) in Chili.

Het eerste deel van dit proefschrift (Hoofdstukken 2 en 3) is gericht op de stel-
laire rotatie-eigenschappen van in spectroscopische zin enkelvoudige sterren en dub-
belsterren in 30 Doradus. De distributie van rotatiesnelheden van zware sterren is
belangrijk omdat dit een vingerafdruk is van hun vormingsproces, welke niet goed
begrepen wordt, en een belangrijk ingredient voor hun evolutie.

Het tweede deel van dit proefschrift is gericht op de analyse van de eigenschappen
van O-type reuzen, heldere reuzen en superreuzen in de VFTS (Hoofdstukken 4 en
5). Met behulp van kwantitatieve spectroscopie leggen we van de bronnen in ons
onderzoek de ster- en windparameters vast, evenals de oppervlakte abundanties. We
vergelijken deze observationele resultaten met voorspellingen van theorieën van de
evolutie van zware sterren.

Rotationele eigenschappen van zware sterren in 30 Doradus

We hebben de rotatiedistributie van O-sterren in 30 Doradus onderzocht. Dit is het
meest nabije gebied waar in korte tijd zeer veel zware sterren geboren worden, en het
bevat de grootste populatie van zware sterren in de Lokale Groep. Door op meerdere
tijdstippen spectroscopische waarnemingen in zichtbaar licht te doen van meer dan
330 O-sterren, hebben we met de VFTS bepaald dat 216 sterren alleenstaand zijn
(∆ RV ≤ 20 km s−1) en dat er 116 dubbelsterren zijn.

In Hoofdstuk 2 onderzoeken we de rotatiedistributie van alle enkelvoudige ster-
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Samenvatting

ren. We hebben gevonden dat de distributie van rotatiesnelheden twee componenten
heeft: een piek bij lage snelheden (3e sin i< 200 km s−1) voor 75% van alle alleen-
staande sterren en de rest bij hogere snelheden. De aanwezigheid van deze piek bij
lage snelheden is consistent met eerder onderzoek. Gebaseerd op theorieën van ster-
vorming en de evolutie van enkelvoudige sterren, lijkt het zo te zijn dat de meeste ster-
ren snel na hun vorming veel rotatiesnelheid verliezen, van kritieke of half-kritieke
snelheden naar ∼0.1-0.3 keer de snelheid waarbij de ster gas van zijn oppervlak zou
wegslingeren. Voor het merendeel van de O-sterren is het verlies van draaiimpuls-
moment door een sterrenwind niet voldoende om dit te bewerkstelligen, en een ander
mechanisme moet een rol spelen in het afremmen van de rotatie van sterren; een
magnetische veld is hier een vooraanstaande kandidaat voor. De aanwezigheid van
een aanzienlijke hoeveelheid sterren met een hoge snelheid is consistent met theo-
rieën van de evolutie van dubbelsterren, en komt kwalitatief overeen met recentelijk
gepubliceerde synthese-berekeningen.

In Hoofdstuk 3 onderzoeken we de rotatie-eigenschappen van sterren in dubbel-
stersystemen. Daar hebben we ook een piek bij lage snelheden gevonden, hoewel
deze breder is en verschoven richting hogere rotatiesnelheden in vergelijking met de
spectrocopische enkelvoudige sterren. We beargumenteren dat onze resultaten con-
sistent zijn met de aanname dat de sterren in dubbelstersystemen worden gevormd
met dezelfde rotatiedistributie als alleenstaande sterren, en het verschil in de vorm
van de piek bij lage snelheden komt door getijdenwerking welke een effect heeft
op de rotatie van sterren in compacte dubbelstersystemen. De rotatiedistributie van
dubbelsterren heeft weinig sterren die zeer snel roteren (3e sin i> 300 km s−1). Dit
is ook in overeenkomst met de hypothese dat een groot aantal van de alleenstaande
sterren met hoge snelheden wordt gevormd door het versnellen van de rotatie in een
dubbelstersysteem.

Fysische eigenschappen van type O reuzen, heldere reuzen
en superreuzen

In het tweede deel van dit proefschrift onderzoeken we de ster- en windeigenschap-
pen, en de abundanties van helium en stikstof aan het oppervlak van O-type reuzen,
heldere reuzen en superreuzen in de VFTS. In Hoofdstuk 4 presenteren we de sterei-
genschappen van de reuzen en superreuzen door gebruik te maken van een genetisch
algoritme om synthetische lijnprofielen die worden gegenereerd met de niet-LTE at-
mosfeer code fastwind te fitten aan de waargenomen spectrale lijnen. Al onze sterren
fuseren waterstof in hun kern; de meeste hebben een stermassa tussen 15 en 70 zon-
smassa’s, alhoewel een aantal bronnen ongeveer 100 zonsmassa’s zwaar zijn. We
laten zien dat de temperatuur calibratie van spectrale sub-typen per lichtkrachtklasse
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ten opzichte van elkaar verschoven zijn, in overeenstemming met theoretische ver-
wachtingen. We onderzoeken de mogelijke correlatie tussen de helium-abundantie
en rotatiesnelheid, en we concluderen dat niet al onze resultaten kunnen worden ver-
klaard door rotatie gedreven menging van het gas in de ster, aangezien sommige
helium-rijke sterren een 3e sin i< 200 km s−1 hebben. We presenteren ook het wind-
impuls versus lichtkracht diagram. Uitgaande van theoretische resultaten voor de
versnelling van de wind, vinden we een windimpuls voor sterren in de Grote Magel-
haense Wolk die 0.2 dex hoger ligt dan eerdere resultaten.

In Hoofdstuk 5 presenteren we de stikstof-abundanties van de reuzen en super-
reuzen. Met behulp van de in hoofdstuk 4 gevonden stellaire parameters hebben we
een methode ontwikkeld om op een snelle doch robuste wijze de abundantie van dit
element te bepalen. Deze methode vergelijkt de equivalente breedte van stikstoflijnen
met theoretische equivalente breedtes uit de fastwindmodellen. Door de hoeveelheid
stikstof te vergelijken met de rotatiesnelheid leggen we beperkingen op aan de the-
orie rotatie gedreven menging in zware sterren. Met de kwaliteit van onze data is
het moeilijk om de stikstoflijnen van snel roterende sterren (≥ 200 km s−1) te onder-
scheiden van ruis. De bovenlimieten die we hebben verkregen voor deze bronnen
spreken de theorie van menging door rotatie niet tegen. Voor de sterren die langzaam
roteren vinden we een groep verrijkte sterren die niet wordt voorspelt door de theorie
van rotatie gedreven menging. We bespreken mogelijke verklaringen, waaronder de
evolutie in een dubbelstersysteem of de aanwezigheid van een magneetveld.
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