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1
Introduction

The history of astronomy is a history of looking at the sky and coming up with a story
that explains what we see. In ancient times, this story might be something simple,
such as a beetle that rolls the sun across the sky. But as people looked more closely,
these stories gradually had to be improved. Copernicus (1473-1543) showed that the
Earth is not at the centre of the universe, even if this was not what the world wanted
to hear. The invention of the telescope in the early 17th century gave access to a
wealth of information about the universe, and mankind gradually had to adapt its
story of the universe to explain these observations.

As our understanding of the universe evolved, the theories that were used to
explain our observations also started to give rise to predictions of things we had not
yet seen. This became an important driver for astronomical observations, such as
in the case of the many different observations and experiments aimed at verifying
Einstein’s theory of general relativity. Other times, things that had been predicted a
long time ago were observed by accident, with the connection made only later. This is
what happened in the case of the discovery of neutron stars, which were hypothesized
to exist by Baade & Zwicky (1934) and then discovered by accident in the form of
periodic radio pulsations by Jocelyn Bell in 1967 (Hewish et al. 1968), which were
connected with neutron stars in 1968 (Gold 1968).

Magnetars were first observed in the 1970s and ’80s as a strange type of repeating
gamma-ray burster (Mazets et al. 1979), before the theory of a magnetar, a neutron
star with an extremely strong magnetic field, was proposed by Duncan & Thompson
(1992). Since then, our observational and theoretical knowledge of magnetars has
increased greatly, but much work remains to be done on both sides. In general, there is
something of a gap between the fundamental physics on which most of the theoretical
work on magnetars is based, and the wealth of complex observations that are available.
Many of the observed properties have not yet been explained unambiguously, while
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1 Introduction

many of the theoretical predictions have not yet been tested thoroughly.
This thesis aims to address part of that gap, by making numerical models of the

atmospheres of magnetars during magnetar bursts and flares, with particular emphasis
on how the radiation emitted influences and is influenced by this atmosphere. These
models are based on the fundamental physical theories of how we believe magnetars
work, and aim to turn these theories into predictions of observable quantities.

As magnetars are a subclass of neutron stars, I begin this introduction by introduc-
ing neutron stars in Section 1.1, with particular attention to neutron star atmosphere
models, as much of this work is based on those models. I will then turn my attention
to magnetars, and magnetar bursts and flares in particular, in Section 1.2. In Section
1.3 I introduce some radiation transfer theory as applicable to this thesis. Finally I
will briefly introduce and summarise the other chapters of this thesis in Section 1.4.

A note on units

This thesis uses the centimeter-gram-second (cgs) system of units, as is common in
astronomy. While the translation of the three base units to SI units should be obvious,
that of the electromagnetic units may not be. In cgs, the unit of energy is the erg,
which converts to Joules as 1 erg = 10−7 J. The unit of the magnetic field strength
is Gauss, which converts to Tesla as 1G = 10−4T. Additionally, I will also use
electron volt or more commonly kiloelectron volt, as a unit of energy. The conversion
for this is 1 keV = 1.60 × 10−9 erg = 1.60 × 10−16 J. Finally, I will occasionally
give temperatures in keV as well, which is a shorthand for the energy obtained by
multiplying the temperature with the Boltzmann constant. In this context, this unit
translates to Kelvin as 1 keV = 1.16× 107 K.

1.1 Neutron stars

Neutron stars are one of the possible end products of stellar evolution, and are formed
in the supernova explosion of a star of mass ∼ 8 − 30 solar masses (Woosley et al.
2002), or in the collapse of an accreting white dwarf. The existence of a type of star
consisting primarily of neutrons was first proposed by Baade & Zwicky (1934), and
later confirmed with the observation of the first radio pulsar (Hewish et al. 1968). A
neutron star has a mass of between one and two or three times that of the sun, but a
radius of only ∼ 10 km. This makes neutron stars the most dense objects known to
man (black holes may contain more mass in a smaller region, but they do not really
have a density in the common sense of the word). This makes a neutron star a unique
object of study, as the physical conditions found in neutron stars cannot be studied
in any other way. The exact mass limits for neutron stars are unclear, as theoretical
estimates predict a mass between the Chandrasekhar limit of ∼ 1.4 solar masses and
the Tolman-Oppenheimer-Volkoff limit of ∼ 3 solar masses, while measured neutron
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1.1 Neutron stars

star masses never exceed two solar masses.
In particular, neutron stars allow us to study the fundamental state of matter

at extremely high densities. The original theory of neutron stars proposed that as
matter gets compressed to these very high densities, atoms break down into elemen-
tary particles, and protons and electrons combine to create an object made primarily
of neutrons. Our current best understanding of the structure of a neutron star (see
Lattimer 2012, for a recent review) describes a thin atmosphere composed of normal
matter, the composition of which is determined by the conditions in which the neutron
star was formed. Inside this atmosphere lies a solid crust, consisting of a lattice of ions
and relativistic degenerate electrons. As one goes down deeper into the neutron star,
matter becomes more neutron rich and the exact state of the matter becomes less
well known. The core of the neutron star is at least partially composed of superfluid
neutrons, while in the inner core some theories predict neutrons to break down into
quarks, or form other elementary particles such as hyperons. Different theories for
the composition of a neutron star provide a different equation of state, the equation
that relates pressure and density. The way to distinguish between different theories
is to put constraints on this equation of state, by accurately measuring the masses
and radii of neutron stars. This is the ultimate goal of a large part of neutron star
research.

Neutron stars are observed in a number of different ways. Many known neutron
stars are radio pulsars, which emit a narrow beam of radio waves that sweeps through
our line of sight as the star rotates, and is thus observed as short regular pulses. This
emission is powered by a gradual loss of angular momentum: a neutron star is born
with a high rotational velocity and gradually slows down, emitting the energy lost
this way. This slowdown, called the spin-down rate, is caused either by misalignment
of the axis of the magnetic field with the axis of rotation, or by an outflow of particles
along open field lines Measuring the spin-down rate provides an estimate of the dipolar
magnetic field strength of the neutron star. The mechanism by which pulsars emit
radiation is still largely unknown, although it is certain that the magnetic field of the
pulsar plays an important role.

Neutron stars that are not found through radio emission are usually found from
their X-ray emission. This X-ray emission can be powered either simply by the gradual
cooling of the neutron star, or by accretion of matter from a companion object. This
emission is simpler in origin than the radio emission, as the temperature of the surface
of a neutron star or of the matter falling onto the neutron star naturally leads to
emission in the X-ray range. This X-ray emission can be either continuous or pulsed,
and either persistent or episodic, depending on the beaming of this emission, the angle
at which we see the star, and the emission mechanism. Accreting neutron stars can
also emit radiation in short bright flashes, creating X-ray bursts.

A type of X-ray burst that is of particular interest for this thesis is a so-called
photospheric radius expansion (PRE) burst. During a PRE burst, the luminosity
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1 Introduction

emitted by the neutron star becomes sufficiently high for the radiation force to over-
come gravity. The luminosity at which this happens is called the Eddington luminosity
(see Section 1.1.1). This causes the photosphere of the neutron star to expand, up to
a height of 100 km (from its usual height of 1 m). As the atmosphere expands it cools
down, causing the energy of the emission to go down as well, so that it falls below
the X-ray range. When the luminosity drops, the atmosphere contracts again and the
temperature rises, causing the emission to move into the X-ray band again (Hoffman
et al. 1978; Paczyński 1983). These events are recognizable in X-ray observations by
their double-peaked light-curves, with a gap in the middle where the emission falls
below the energy range of the detector. Because these events occur exactly as the
luminosity crosses the Eddington luminosity, which is a relatively simple function of
mass (see Section 1.1.1), observations of PRE bursts are used to constrain the mass
and radius of neutron stars (see for example Damen et al. 1990; Galloway et al. 2003;
Özel et al. 2009). In Chapter 2 of this thesis I investigate whether PRE bursts can
also occur in magnetars, by modelling the atmosphere of a magnetar.

1.1.1 The Eddington luminosity and neutron star atmospheres

Chapters 2 and 3 of this thesis both model the atmosphere of a magnetar during a
magnetar flare. Much of this work is based on the work done in the late 1980s on
modelling the atmosphere of a neutron star during an X-ray burst, which is why I
provide a brief introduction to this topic here.

A cornerstone of much of the work on the interaction between emission and matter
around neutron stars (as well as of stellar wind theory) is the concept of the Eddington
luminosity (Eddington 1926). This is the luminosity for which the outward radiation
force exerted on the matter around a star exactly balances the inward force of gravity,
assuming spherically symmetric emission, and is given by:

LEdd =
4πGMc

κTh

, (1.1)

where G is the gravitational constant, M the mass of the star, c the speed of light
and κTh the Thomson scattering opacity. This force balance does not depend on
the amount of matter present around the star, as both forces scale with density in
the same way. The Eddington luminosity as originally proposed assumes Thomson
scattering off free electrons to be the only relevant interaction between radiation
and matter. This luminosity is now often referred to as the classical Eddington
luminosity, while versions adapted for other types of interaction are referred to as a
modified Eddington luminosity, or in the case of magnetars the magnetic Eddington
luminosity. The modified Eddington luminosity may also be referred to as the critical
luminosity.

Much theoretical work has been devoted to predicting what happens when the
luminosity of a neutron star reaches the Eddington luminosity. This is especially
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1.2 Magnetars

important for accreting systems, as a super-Eddington luminosity can stop matter
from falling onto the star, but if the radiation force drives matter off the star this
can also cause an observable outflow. Quinn & Paczyński (1985) produced the first
self-consistent models of a stationary radiation driven neutron star outflow, showing
that under simple assumptions a slightly super-Eddington luminosity can drive an
outflow. These models were improved upon by Paczyński & Prószyński (1986), who
included general relativistic effects. Later work focused on a more advanced treatment
of radiation transfer, properly accounting for the transition from high to low optical
depth, and self-consistently including the origin of the radiation by including nuclear
burning (see for example Nobili et al. 1994).

While these models showed that neutron star bursts can drive an outflow, they
could not explain the observations of PRE events, as those events do not show any evi-
dence of significant mass loss. Instead, a PRE event is best modelled as an atmosphere
that evolves to larger size and back while remaining approximately in hydrostatic equi-
librium. Thus, modelling a PRE event requires models of hydrostatic atmospheres
with greatly extended atmospheres. Such models where developed by Paczyński &
Anderson (1986), who created hydrostatic neutron star atmosphere models with pho-
tospheric radii up to 200 km, supported by radiation force. They also demonstrated
that these extended radiation pressure supported atmospheres can only exist because
of a precise balance between general relativistic corrections to the luminosity and the
temperature dependence of the Compton scattering opacity, which allows the radia-
tive luminosity to stay within a fraction 10−4 of the modified Eddington luminosity
throughout this extended atmosphere while never exceeding it.

In general, these atmosphere models are created by solving the equations of stel-
lar structure. These equations relate the various physical variables in an atmosphere,
such as velocity, density, temperature and luminosity, and are based on simple phys-
ical principles such as force balance, momentum conservation, energy conservation
and mass continuity. Together, these equations form a system of coupled partial dif-
ferential equations, which can be solved numerically, using a suitable computational
method. The number of equations and their exact form depend on the assumptions
of the atmosphere model in question.

1.2 Magnetars

The existence of magnetars, neutron stars with very strong (∼ 1014− 1015 G) dipolar
magnetic fields, was proposed by Duncan & Thompson (1992). This new class of
object was originally conceived to explain the observations of a new observational
type of source that showed repeated bursts of soft gamma-ray emission (Mazets et al.
1979, 1982). This was in sharp contrast to ordinary gamma-ray bursts, which only
occur once for a single object, as they are associated with cataclysmic events. These
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1 Introduction

sources where established as Soft Gamma Repeaters (SGRs) (Laros et al. 1987; Atteia
et al. 1987; Kouveliotou et al. 1987), which were later confirmed to be magnetars
(Kouveliotou et al. 1998). Later, magnetars were also associated with anomalous X-
ray pulsars (AXPs), an observational type of source first discovered by Mereghetti &
Stella (1995), which distinguish themselves from other X-ray pulsars by emitting in
a very narrow energy band, and showing no evidence of being powered by accreting
material from a companion star. These sources where also suspected to be magnetars,
and their link to SGRs was confirmed with the observation of an SGR burst from an
AXP by Gavriil et al. (2002). We now know these two observational source classes are
different manifestations of the same objects, as many magnetars show both pulsations
and bursts (see Woods & Thompson 2006; Mereghetti 2011, for reviews). This thesis
focuses on the bursting and flaring behaviour of magnetars, which will be discussed
in more detail in Section 1.2.1.

For both SGRs and AXPs the very strong magnetic field of a magnetar was pro-
posed to solve a problem in the energy budget of these objects. SGRs show bursting
behaviour similar to X-ray bursts from neutron stars, but do not have a binary com-
panion to accrete matter from, so their repeating bursts cannot come from nuclear
fusion. AXPs show X-ray pulsations, but have neither a companion to accrete from,
nor a fast enough rotation period to be powered by rotational energy loss. Both of
these energy problems are solved by introducing a very strong magnetic field, as the
gradual decay of this field provides the required energy (Duncan & Thompson 1992;
Thompson & Duncan 1995). However, magnetars are not strictly defined as objects
with a magnetic field strength above a certain limit, as there are also sources with
magnetic field strength no higher than that of a typical radio pulsar which are still
classed as magnetars because of their observational signature (see Rea et al. 2010;
Livingstone et al. 2011). Rather, the definition of a magnetar is a neutron star whose
emission is powered primarily by the decay of its magnetic field. The existence of this
strong magnetic field is further confirmed by the spin-down rate of magnetars, which
is usually much higher than that of other neutron stars. As in regular neutron stars,
measuring this spin-down rate is also the primary way to measure the strength of the
magnetic field.

Magnetar research partially aligns with that of neutron stars in that we wish
to understand the physics and the behaviour of matter in the extreme conditions
found in these objects. As the magnetic field of a magnetar is of order 108 times
stronger than the strongest fields made in laboratories, this adds an additional degree
of uncertainty to the composition of a magnetar in its outer regions (see Harding &
Lai 2006). On top of that, while we understand that the emission of a magnetar is
powered by its magnetic field, we do not fully understand how magnetic energy is
converted into radiation in a magnetar, which is another big open question. Finally,
studying magnetars gives us the opportunity to study the behaviour of matter and
radiation in extreme magnetic fields. This is not just interesting because these are the
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1.2 Magnetars

strongest magnetic fields in the universe, but also because they are above the quantum
critical field limit Bcr = 4.4×1013 G, the field strength for which the cyclotron energy
of the electron is equal to its rest mass energy. Above this magnetic field strength, X-
ray photons can spontaneously split into two photons through a quantum mechanical
interaction called magnetic photon splitting. Additionally, the vacuum itself gains a
nonzero refractive index, due to creation of virtual electron-positron pairs out of the
energy of the magnetic field. Finally, these field strengths so strongly prohibit motion
of charged particles across magnetic field lines that the magnetic field completely
dominates the dynamics of particles close to the neutron star. These effects combine
to make the atmosphere of a magnetar very different from the atmosphere of a regular
neutron star, especially in terms of how radiation propagates through it, which I will
discuss in more detail in Section 1.3.3 of this introduction (see also Mészáros 1992;
Harding & Lai 2006).

The formation of a magnetar is not yet completely understood. The collapse of a
massive star to a neutron star naturally increases the magnetic field, as magnetic flux
conservation combined with a great decrease in size causes a much stronger magnetic
field. However, while this mechanism is strong enough to explain the existence of
magnetars (Ferrario & Wickramasinghe 2006), it cannot explain the number of mag-
netars observed (Spruit 2008), as the number of high magnetic field progenitor stars
in our galaxy is insufficient. This suggests the magnetic field of a magnetar must
increase during its birth, e.g. through a dynamo effect (Duncan & Thompson 1992).

All observed magnetars have a relatively low spin-down age, a characteristic age
derived from the spin period and spin-down rate of a neutron star: only a few thousand
years, up to a hundred thousand years at most. This also matches the fact that several
magnetars are associated with relatively young supernova remnants (see Mereghetti
2008, for an overview). These observations indicate that the lifetime of a magnetar,
or at least the observable lifetime, is relatively short in astronomical terms.

1.2.1 Magnetar activity

Magnetars show three types of burst, classified by their total energy output as short
bursts (< 1041 erg), intermediate flares (1041 − 1043 erg) or giant flares (1044 − 1046

erg). So far three giant flares have been detected, in 1979 (Mazets et al. 1979),
1998 (Hurley et al. 1999) and 2004 (Hurley et al. 2005). These giant flares are so
energetic that they were detected by all X-ray satellites that were operational at the
time of those flares, regardless of the direction those instruments were pointing in.
The lightcurves of giant flares all follow a pattern of a sharp initial rise followed by a
rather short intense peak and a slowly decaying tail (see Woods & Thompson 2006;
Mereghetti 2011). Intermediate flares can also follow a similar pattern of a fast rise
followed by a peak and a slow decay, but also appear without a decaying tail, or even
without the initial spike. Short bursts are usually much shorter and have highly varied
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1 Introduction

morphologies. These bursts can also recur on very short time scales with many bursts
occurring one after another in so-called burst storms (see Rea & Esposito 2011, for
a recent review), where it is often unclear when one burst ends and the next starts.
Examples of the light curves of all three types of flare can be seen in Figure 1.1. This
figure also shows that the tails of the light curves of the giant flare and this particular
intermediate flare contain strong periodic modulations. These modulations occur at
the rotation frequency of the magnetar, and are likely to be the result of significant
beaming of the flare emission (see Thompson & Duncan 2001), which I will discuss
further below.

Figure 1.1: Example light curves for all three types of magnetar flares. Top: giant flare light curve

from Hurley et al. (1999). Bottom left: intermediate flare light curve from Ibrahim et al. (2001).

Bottom right: four different short bursts from Huppenkothen et al. (2013). Note the difference in

timescales between the giant and intermediate flares and the short bursts, as well as the strong

periodic modulations in the tails of the giant flare and the intermediate flare, which occur at the

rotation frequency of the magnetar.

While we know that the energy for all three types of burst comes out of the
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1.2 Magnetars

decaying magnetic field of the magnetar, the exact mechanism by which this energy
is transformed to radiation is still debated (see Turolla et al. 2015, for a recent review).
The general picture is that of a magnetic field that slowly evolves into an unstable
configuration, building up stresses. At some point, these stresses reach a breaking
point, and the magnetic field reconnects into a more stable configuration, releasing a
burst of energy. This energy accelerates particles, which then emit gamma-rays. In
turn, this highly energetic radiation can cause pair production, creating a hot pair
plasma that emits somewhat less energetic X-ray radiation. I will further discuss the
creation of a pair plasma below. While the general picture of energy release through
magnetic reconnection is well accepted for all three types of burst, the location and
trigger mechanism for this reconnection are debated. Stress may build up either in
the core of the magnetar (Thompson & Duncan 1995), in the crust (Thompson &
Duncan 1995, 2001) or high above the surface in the magnetosphere (Lyutikov 2003).
These different locations for the buildup of magnetic stress are also associated with
different mechanisms for reconnection.

Regardless of the precise mechanism for the initial energy release, it is expected
that for at least the giant flares part of this energy is rapidly converted into electron-
positron pairs, forming a hot optically thick fireball trapped in the closed magnetic
field-line regions of the magnetar (see Thompson & Duncan 1995; Heyl & Hernquist
2005). This fireball then gradually cools, radiating away its energy. This model has
been used successfully to model the tails of giant flare light-curves (Feroci et al. 2001;
Hurley et al. 2005), nicely predicting the faster than exponential decay seen in those
tails. This fireball model is also likely to be applicable to many intermediate flares, as
intermediate flares release enough energy for significant pair production, and possibly
also to some short bursts (see Göğüş et al. 2001). The fireball model has also been used
qualitatively to explain the periodic modulations seen in the tails of giant flares (see
Thompson & Duncan 2001), but not quantitatively. Making this model quantitative
is the subject of Chapter 4 of this thesis.

Many of the short bursts and all of the intermediate flares and giant flares have
a luminosity well above the classical Eddington luminosity. Even when correcting for
the reduction of the Compton scattering opacity in a magnetar (see Section 1.3.3),
many of these flares surpass the magnetic Eddington luminosity for a period of time.
This suggests that the atmosphere of a magnetar (see e.g. Harding & Lai 2006, for
details of the composition of such an atmosphere) is likely to be affected by the flare
radiation. The influence of the flare radiation on the atmosphere of the magnetar is
the topic of Chapters 2 and 3 of this thesis.
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1 Introduction

1.3 Radiation transfer around magnetars

In the most general sense, the field of radiation transfer concerns itself with solving
the equation of radiative transfer, which describes how a radiation field evolves as it
travels through matter. In essence, this equation states that the change in intensity
of a radiation field as it travels through a volume of matter has to correspond to
the radiation emitted in the volume of matter minus the radiation absorbed there.
In astrophysical applications, solving the full equation of transfer is almost never
viable. A complete description of a radiation field requires one to keep track of the
intensity of radiation in all possible directions, for all possible radiation frequencies,
at every point in the system to be described. The absorption and emission coefficients
that change this radiation field would also have to be functions of both the direction
and the frequency of the radiation, as well as of the properties of the matter the
radiation travels through. To simplify this problem, a number of approximations are
commonly made, with the choice of approximation depending on the kind of problem
to be solved. In this section, I will discuss the ways in which radiation transfer is
modelled in this thesis.

1.3.1 Simplified radiation transfer for atmosphere models

The problem of radiation transfer is commonly simplified by using several approxi-
mations. In Chapters 2 and 3 I will use three of these approximations: local ther-
modynamic equilibrium, photon diffusion and a grey opacity. The assumption of
local thermodynamic equilibrium (LTE) states that the various components of the
atmosphere are in thermal equilibrium with each other. This means that the en-
ergy distribution of the gas (both ions and electrons) and the radiation field can be
described by a single temperature, greatly reducing the number of variables in an at-
mospheric structure model. This approximation holds as long as the mean free path
for photon scattering is significantly smaller than the length scale over which the gas
temperature changes. This makes it a good approximation at large optical depth, but
it becomes problematic at lower optical depth.

The second substantial approximation I make is that of photon diffusion. This
approximation assumes the photon field is locally isotropic in direction, and photons
essentially propagate through the atmosphere via a random walk. A net outward flux
of radiation is established because the number density of photons decreases outwards,
creating outward diffusion of photons. Combined with the assumption of LTE, this
lets the radiative flux be described as a simple function of the temperature and the
temperature derivative. Again, this approximation holds well deep in the atmosphere
where optical depth is large, but becomes poor higher up near the photosphere.

The third important approximation of radiation transport for model atmospheres
is that of grey opacities. A grey opacity is an opacity that is independent of photon
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1.3 Radiation transfer around magnetars

frequency, so that at a single point in the atmosphere the interaction between radiation
and matter can be described by this single value of the opacity. In practice, this means
that the actual opacity, which is often a strong function of photon frequency, needs
to be averaged over a range of frequencies in some way. The averaging scheme used
depends on the other assumptions and the aim of the model. The most common of
these averaging schemes is the Rosseland mean opacity, defined as:

1

κ̄
=

[
∫ ∞

0

1

κν

∂Bν(T )

∂T
dν

] [
∫ ∞

0

∂Bν(T )

∂T
dν

]−1

. (1.2)

In this equation, κ̄ is the Rosseland mean opacity, κν is the frequency dependent
opacity, Bν is the Planck function, T is the temperature and ν is the photon frequency.
This opacity is fully correct when the approximations of LTE and photon diffusion
hold, as the weighting emphasizes the path of least resistance for photons, which is
exactly how a diffusion process works.

While the Rosseland mean opacity works well to describe the interaction between
radiation and matter deep inside an atmosphere, it loses value further out in the
atmosphere, where the diffusion approximation starts to break down. At moderate
optical depth the weighting towards low opacities of the Rosseland mean continues
to be more or less correct when considering the energy transported by radiation,
as the outward transport of energy by radiation will continue to be dominated by
the lowest opacity photons, which transport their energy most easily. However, for
the calculation of the radiation force the Rosseland mean quickly becomes a poor
assumption.

Because the radiation force contributed by a single photon scales with the opacity,
the total radiation force can be dominated by a small fraction of the radiation that
has high opacity. This is especially true if the frequency dependent opacity has any
resonance features, as is the case for Compton scattering in a super-strong magnetic
field (see Section 1.3.3). Using the Rosseland mean opacity, the contribution of such
a resonance feature to the radiation force will be neglected. To correctly treat the
radiation force, the required grey opacity is the flux mean opacity, defined as κF =
∫

κνFνdν/
∫

Fνdν, where Fν is the frequency dependent radiation flux.
However, knowing the frequency dependent radiation flux at any point requires

solving a more complicated form of the radiative transfer equation, which complicates
the problem. Instead, the Planck mean opacity can be used, which averages the
opacity over the Planck function instead of over the flux, and is thus defined as
κP =

∫

κνBνdν/
∫

Bνdν. This makes the opacity a simple function of temperature
again, but neglects the fact that the photon field will always be somewhat biased
towards frequencies for which the frequency dependent opacity is low. This means
that using the Planck mean opacity one will somewhat overestimate the radiation
force. Because of this, I use the Rosseland mean and Planck mean opacities as lower
and upper bounds for the actual radiation force in part of Chapter 2.

11



1 Introduction

1.3.2 Monte Carlo radiation transfer

Where the approximations of LTE, photon diffusion and grey opacities discussed in
the previous section are aimed at making the best possible atmospheric model with a
simple radiative transfer model, Monte Carlo radiation transfer methods are typically
used to get as much knowledge as possible about the radiation field from a simple
atmosphere model.

The principle of Monte Carlo radiation transfer is that instead of treating the
entire radiation field at once, which quickly requires significant simplifying assump-
tions, the propagation of a single photon through a model atmosphere is simulated.
Whenever there are multiple options for what happens to this photon, one is selected
at random, using a realistic probability distribution. This process is repeated many
times, simulating thousands or millions of photons, to determine the properties of the
radiation field as a whole statistically.

The general principle of Monte Carlo methods was developed during the Manhat-
tan Project (Metropolis et al. 1953). This method started being used for radiation
transfer in the 1960s, and most modern Monte Carlo radiation transfer models are
built on the foundations laid in the 1980s (Pozdnyakov et al. 1983; Abbott & Lucy
1985). Much of the subsequent work focuses on how to determine properties of the
radiation field, such as radiation force and radiative cooling, at points internal to the
atmosphere model (see for example Lucy 1999). Additionally, much work has been
done to incorporate the influence of the radiation on the atmosphere self-consistently,
instead of setting up an atmospheric structure a priori (see Noebauer et al. 2012, for
a recent example). In Chapter 4 I use the simplest form of Monte Carlo radiation
transfer, where the properties of the atmosphere the photons transfer through are
fixed in advance, and results are only tracked at the point where photons escape the
atmosphere.

1.3.3 Compton scattering in a super-strong magnetic field

The scattering of photons off free electrons is significantly affected by the extremely
strong magnetic field of a magnetar, and is different from the normal case in several
ways. The most important of these is caused by the fact that the strong field prohibits
any motion of charged particles perpendicular to the field lines. This affects scattering
of photons off electrons, because in a scattering event the electron resonates with the
frequency of the photon in the direction of the polarization of the photon. Thus, if
the photon is polarized perpendicular to the magnetic field, this scattering is strongly
suppressed, by a factor that scales as ν2/B2, where ν is the radiation frequency and
B the magnetic field strength (see Herold 1979; Ventura 1979). Because of this effect,
photons polarized perpendicular to the magnetic field, called extraordinary mode
(E-mode) photons, have to be treated separately from photons polarized parallel to
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1.4 This thesis

the magnetic field, called ordinary mode (O-mode) photons. However, in a scattering
event a photon can switch from one polarization mode to the other, so the two photon
populations do interact. This suppression of the scattering of E-mode photons will
de described in detail in later chapters.

Note that treating a photon as being in either the E-mode or the O-mode is
a simplification of reality. These two modes represents the two orthogonal normal
modes that can be used to describe the polarization of the radiation. In reality, the
polarization of a single photon is not described by a single mode, but rather by a
superposition of the two modes. However, treating the radiation field as the sum of
a distribution of pure E-mode photons and a distribution of pure O-mode photons
is fully correct in terms of describing the physics of the radiation field, so in the
remainder of this thesis I will discuss photons as being polarized in a single mode.

In addition to the reduction of the scattering opacity of E-mode photons, the
strong magnetic field also causes the vacuum itself to become refractive (see Adler
1971; Harding & Lai 2006). This additional refractive medium changes the opacity,
and gives rise to a resonance feature in the opacity at the point where the polarization
of the vacuum and the polarization of the plasma cancel each other out, the so-called
vacuum resonance (see Ho & Lai 2003, for a detailed discussion). Additionally, a
strong resonance appears in the opacity at the point where the photon energy equals
the electron cyclotron energy. This resonance feature also marks the boundary for
the magnetic reduction of the E-mode opacity. When the frequency of the radiation
is higher than the cyclotron frequency, there is no reduction of the E-mode opacity,
and no difference in the opacity of the two polarization modes.

1.4 This thesis

I will now briefly introduce the three chapters that make up the rest of this thesis. All
three chapters are intended to be read as stand-alone papers, and have been either
published or submitted for publication.

In Chapter 2 we construct models of magnetar atmospheres in hydrostatic equi-
librium, testing whether it is possible to create the extended radiation pressure sup-
ported atmospheres required for photospheric radius expansion. This chapter builds
on the qualitative work of Watts et al. (2010), discussing the possibility of PRE in
magnetars. We find that extended radiation pressure supported atmospheres are not
possible in magnetars, as the largest photospheric height in our models is a few me-
ters, in contrast to the ±100 km high photospheres modelled for regular neutron stars
by Paczyński & Anderson (1986). This massive difference is caused by the difference
in scattering opacity. Because of the strong dependence of the Compton scattering
opacity on magnetic field strength and radiation frequency in a magnetar atmosphere,
the luminosity cannot stay close to the modified Eddington luminosity throughout an
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extended atmosphere, which is required to support the atmosphere against gravity
without blowing parts of it away. Thus, a large hydrostatic atmosphere supported by
the radiation force is impossible. We also find the maximum luminosity that can be
propagated through a hydrostatic magnetar atmosphere to be lower than indicated
by previous estimates.

The conclusions of Chapter 2 naturally leads to a question: what does happen
to the atmosphere of a magnetar when the luminosity becomes strong enough to
overcome gravity? The logical answer to this is that some sort of outflow must be
formed. In Chapter 3 we attempt to model such outflows, by making models of
stationary radiation driven winds from magnetars. We find three distinct types of
solution to this problem, but show that none of them are physical. This does not
mean that magnetars do not have radiation driven outflows, but rather that such
outflows will be strongly time dependent, and have to be modelled as such. As in
Chapter 2, this fundamental difference with the nonmagnetic case, where stationary
radiation driven winds do exist (see for example Quinn & Paczyński 1985; Paczyński
& Prószyński 1986; Nobili et al. 1994), is primarily caused by the different scattering
opacity in the magnetar case. In particular, the fact that the opacity changes from
being a very strong function of atmospheric height inside the cyclotron resonance, to
being more or less constant outside the cyclotron resonance, causes two of our three
solution types to be unphysical either inside or outside this resonance. The third
solution type is a mathematically correct solution to our system of equations that
does not make physical sense.

In Chapter 4 we look at the other side of the interaction between radiation and
matter, by modelling the radiation escaping from a magnetar atmosphere during a
giant flare, using a Monte Carlo radiation transfer method. The goal of this chapter is
to create a model that can be used to fit the rotational modulations in the tail of the
light curve of a giant flare, by modelling the beaming of the escaping radiation in the
fireball model for magnetar flares. Our model essentially quantifies the qualitative
beaming predictions made by Thompson & Duncan (2001). We find that a fairly
simple model of a fireball trapped in a dipolar magnetic field and a small (in terms
of energy budget) radiation driven outflow can reproduce both the amplitude and
the sharpness of the observed pulse profiles. The amplitude and shape of the pulse
profiles we find depend mainly on the velocity and shape of the outflow.
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Abstract

We investigate the possibility of Photospheric Radius Expansion (PRE) during mag-
netar bursts. Identification of PRE would enable a determination of the magnetic
Eddington limit (which depends on field strength and neutron star mass and radius),
and shed light on the burst mechanism. To do this we model hydrostatic atmospheres
in a strong radial magnetic field, determining both their maximum extent and pho-
tospheric temperatures. We find that spatially-extended atmospheres cannot exist
in such a field configuration: typical maximum extent for magnetar-strength fields
is ∼ 10m (as compared to 200 km in the non-magnetic case). Achieving balance of
gravitational and radiative forces over a large range of radii, which is critical to the
existence of extended atmospheres, is rendered impossible in strong fields due to the
dependence of opacities on temperature and field strength. We conclude that high lu-
minosity bursts in magnetars do not lead to expansion and cooling of the photosphere,
as in the non-magnetic case. We also find the maximum luminosity that can propa-
gate through a hydrostatic magnetar atmosphere to be lower than previous estimates.
The proximity and small extent of the photospheres associated with the two different
polarization modes also calls into question the interpretation of two blackbody fits to
magnetar burst spectra as being due to extended photospheres.



2 Hydrostatic atmosphere models

2.1 Introduction

Photospheric Radius Expansion (PRE) events can occur during bursts on neutron
stars when the luminosity of the object reaches the Eddington Luminosity, i.e. where
the radiation force balances the gravitational one:

LEdd ≡ 4πGM∗c

κTh

, (2.1)

(where M∗ is the stellar mass and κTh the Thomson scattering opacity) and the
large radiation pressure forces the atmosphere to expand outwards. For the hydrogen
atmosphere of a 1.4M⊙ neutron star, LEdd = 1.8 × 1038ergs−1, while for a helium
atmosphere it is twice that value. As a result, the photosphere moves to a much
larger radius, corresponding to a drop in temperature T . For a neutron star with a
modest magnetic field (up to ∼ 1012 G), Compton scattering dominates the opacity
in the atmosphere and various relativistic effects allow the atmosphere to expand up
to hundred kilometres, so that the temperature of the expanded photosphere drops
out of the X-ray range altogether (Hoffman et al. 1978; Paczyński & Anderson 1986).
The hallmark of PRE in neutron stars is thus a ‘double-peaked’ structure in the X-
ray light curve of a burst, in which the flux increases to a maximum and then drops
sharply (indicating the black-body temperature has decreased), before rising again
steeply to a slightly larger maximum as the bolometric luminosity drops again and
the photosphere contracts (Paczyński 1983).

PRE is characteristically seen in Type I X-ray bursts from accreting neutron stars,
in which the build-up of accreted material leads to a thermonuclear explosion on the
surface of the star, causing a huge increase in luminosity. PRE bursts have typically
been used to constrain the mass and radius of the neutron star, thus potentially con-
straining the equation of state of dense matter (e.g. Damen et al. 1990; Galloway
et al. 2003; Özel et al. 2009, 2010; Steiner et al. 2010; Suleimanov et al. 2011). How-
ever, PRE is generically driven by high luminosities, irrespective of the underlying
energy source. This has led to the recent suggestion that it might also happen in
bright bursts from magnetars (Watts et al. 2010) – isolated neutron stars with dipole
magnetic fields above ∼ 1013 G – whose bursts (which occur over a wide range of
luminosities) are thought to be powered by large-scale reconfiguration of the decaying
magnetic field (Thompson & Duncan 1995). Watts et al. (2010) argued that observing
PRE in magnetar bursts could put interesting constraints on the emission mechanism,
magnetic field strength and mass-radius relationship for magnetars.

The suggestion that PRE might happen in magnetar bursts was motivated by
the August 2008 observation of a large (LX ∼ 7 × 1039 erg s−1) burst from SGR
0501+4516, which showed a double-peaked light curve similar to those seen in Type I
X-ray bursts. In their paper on this burst, Watts et al. (2010) laid out several criteria
required for PRE to occur, and argued that they were in general met for magnetar
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bursts. For PRE to occur in a neutron star, the flux must be emitted from an optically
thick region, the radiation pressure must be sufficient to overcome gravity and other
confining forces, the emitting region must remain optically thick during the expansion
(so that the emission remains close to blackbody and effective temperature decreases
with increasing photosphere radius), and the opacity must increase with distance from
the star. The last point is slightly subtle: in order for the photosphere to expand,
the luminosity L must remain close to the critical luminosity (Lcr) needed to balance
radiation pressure with the confining forces1. However, both these quantities are
modified differently by the strong gravitational field, so that L/Lcr ∝ 1 + z, where
z is the gravitational redshift. To ensure that this quantity does not decrease with
radius, which would make expansion impossible (Paczyński & Anderson 1986), the
opacity (which determines Lcr) must therefore increase with radius. In Type I X-ray
bursts, this is effected by the Klein-Nishina corrections which reduce the Thomson
cross-section at high temperatures close to the stellar surface.

The presence of a magnetar-strength magnetic field complicates the hydrostatic
expansion of the atmosphere in three significant ways. In the ‘trapped fireball’ picture
of magnetar bursts (Thompson & Duncan 1995), the huge release of magnetic energy
leads to the creation of a pair-plasma, so that the atmosphere is dominated by this
dense pair-gas, rather than baryonic matter ablated from the star’s surface. Further,
closed field lines provide a strong confining force for both baryonic and leptonic mat-
ter, since plasma cannot easily move perpendicular to the field. A straightforward
calculation (see section 2.2.1) demonstrates that a very strong field can easily confine
even the largest giant flares with L ∼ 1044erg; s−1 (Lamb 1982), so that PRE in a
magnetar will likely only occur in open field line regions.

The final effect of the magnetic field, and the most important one in the present
work, is to modify the electron scattering cross-sections by several orders of mag-
nitude, depending on the polarization state of the scattering photon. The strong
magnetic field suppresses electron motion perpendicular to the field, so that photons
that try to excite this motion (i.e. that are polarized perpendicular to B; the ‘Ex-
traordinary’ or E-mode) have a greatly reduced scattering cross-section compared to
the Thomson scattering cross section σTh, while photons polarized parallel to B (the
‘Ordinary’, O-mode) are largely unaffected. The modified polarization-dependent
cross-sections will increase the critical luminosity (sometimes called the ‘magnetic
Eddington limit’) by several orders of magnitude (Thompson & Duncan 1995; Miller
1995). Additionally, since the E-mode cross-section scales roughly as (T/B)2 (see
Equation 2.14), the opacity increases steeply with distance from the star from the
decrease in field strength, and becomes strongly temperature dependent. Lcr is there-
fore a strong function of radius. As we will demonstrate, the strong temperature and

1Here and throughout the paper, we follow Paczyński & Anderson (1986) in defining Lcr as

the actual maximum luminosity as a function of radius, modified by the changing opacity and

gravitational redshift, whereas LEdd is strictly given by eq 2.1
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field dependence of the opacity has a profound effect on the structure of the magnetar
atmosphere in comparison to the non-magnetic case.

The object of this paper is to explore the structure of a magnetar atmosphere at
very high luminosities. We follow the approach of Paczyński & Anderson (1986) and
calculate the structure of a series of hydrostatic atmospheres with different masses,
base temperatures, and magnetic field strengths, solving the equations for stellar
structure. The main difference from Paczyński & Anderson (1986) is in our con-
sideration of the opacity, which is dominated by electron scattering in both cases.
They consider a non-magnetic star, for which the electron scattering cross-section is
the Thomson one (modified at high temperatures by Klein-Nishina corrections). We
instead use the cross-sections modified by the strong magnetic field, so that the radi-
ation is split into two polarization modes, and only E-mode photons diffuse through
the atmosphere.

The paper runs as follows. In Sections 2.2.1-2.2.2 we discuss the concept of a
‘critical luminosity’ in more depth, and present the equations we use to calculate the
structure of the atmosphere. Section 2.2.3 focuses on the electron scattering cross-
sections in a super-strong magnetic field. The field introduces several complications
(such as the dependence on photon energy of the scattering cross-section and the
presence of the cyclotron resonance), and we explain how we calculate the effective
opacity for a thermal photon distribution. Section 2.3 presents the main results of
our calculations, and Section 2.4 compares our results to previous calculations of the
critical luminosity. Finally, in Section 2.5 we examine additional physical processes
(most significantly, a pair plasma gas and magnetic confinement from closed field
lines), and argue that neither of these are likely to affect the qualitative conclusions
of the paper, by which we mean the non-existence of hydrostatic extended magnetar
atmospheres.

2.2 Model

The structure of the atmosphere of a magnetar can be calculated from the equations of
stellar structure. We do this from the surface of the magnetar to a point far away from
the star where the atmosphere can be said to have ended. We describe the various
equations in detail, starting with the critical luminosity and magnetic field in Section
2.2.1 and the stellar structure equations in Section 2.2.2. The form of the opacity
in a strong magnetic field is discussed in Section 2.2.3. We then treat the boundary
conditions and computational method in Section 2.2.4, and briefly summarize our
model.
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2.2.1 Critical luminosity in a super-strong magnetic field

Our goal is to compute the ratio between the local luminosity L and the critical
luminosity Lcr throughout the atmosphere, with the latter defined as the luminosity
at which the outward radiation force is exactly balanced by inward forces. If L/Lcr

is greater than one at any point, the atmosphere will be unstable there, and thus not
in hydrostatic equilibrium.

In this work we define Lcr to be the critical luminosity at which the radiative force
exactly matches gravity, reserving the term Eddington luminosity for the special case
where the opacity is given by the Thomson scattering opacity. This critical luminosity
is given by

Lcr =
4πcGM

κ

(

1− Rg

r

)−1/2

, (2.2)

where Rg = 2GM/c2 is the gravitational radius, M is the mass of the star, κ is
opacity, r is the radius measured from the centre of the star and c and G are the
usual constants.

In a magnetar atmosphere the opacity will be reduced by several orders of mag-
nitude from the Thomson opacity (Thompson & Duncan 1995; Miller 1995), giving a
critical luminosity of order 1040 − 1041 erg s−1, which is in the range of typical lumi-
nosities of magnetar bursts, and several orders of magnitude larger than the Eddington
luminosity of 2 × 1038 erg s−1. This critical luminosity is inversely proportional to
the opacity, which means that in a super-strong magnetic field it will be dependent
on the magnetic field strength, and thus be variable throughout the atmosphere. We
discuss the effect of the magnetic field on the opacity in detail in Section 2.2.3.

In closed field line regions, gravity will not be the dominant confining force. Here,
plasma is trapped by suppressing the transport of charges across field lines, and so
the radiation force is counteracted by magnetic stress. In a magnetar this effect will
dominate gravity, giving for the critical trapping luminosity (Lamb 1982)

Ltr ≃ 2.1× 1049
(

B

Bcr

)2 (
R⋆

10 km

)2

erg s−1, (2.3)

where B is the magnetic field strength, R⋆ the radius of the neutron star and Bcr =

4.4 × 1013 G is the quantum critical magnetic field strength, the field strength for
which the cyclotron and rest mass energies of the electron are equal.

For a typical magnetar this critical luminosity will be above 1050 erg s−1, far more
than the luminosity of even the rare giant flares. As PRE requires the luminosity to
reach the critical luminosity to cause expansion, it is clear that PRE can only ever
occur in open field line regions. In the remainder of this work we will therefore only
treat open field line regions.

Treating only open field lines does not limit the applicability of our models greatly.
Even in the trapped fireball model (Thompson & Duncan 1995, 2001), where the
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radiation is emitted from the surface of a fireball trapped in the closed magnetic field
lines, most of the radiation will be emitted through open field-line regions. This is
because the fireball is the hottest and thus most luminous near its base, where the
surface of the fireball borders on the open field line regions, so that the radiation is
emitted into the open field line region.

We consider a purely radial magnetic field with the field strength falling off as the
field of a dipole directly above either of the magnetic poles; the modifications incurred
at non-zero colatitudes are not expected to qualitatively alter our conclusions. We
use the fully general relativistic equations for the radial dependence of the magnetic
field (Petterson 1974; Wasserman & Shapiro 1983)

B = − 6µ

rR2
g

[

r

Rg

ln

(

1− Rg

r

)

+
Rg

2r
+ 1

]

, (2.4)

where µ is the magnetic dipole moment.

2.2.2 Stellar structure equations

We consider a spherically symmetric atmosphere model, using the general relativistic
equations of stellar structure given by Thorne (1977) to calculate the radial structure
of a magnetar atmosphere. The relevant equations are the equation of hydrostatic
equilibrium, the equation of energy transport, the equation for optical depth and the
mass continuity equation. We reformulate these equations as:

dP

dr
= −GMρ

r2

(

1− Rg

r

)−1 [

1 +
P + 1.5Pg + 4σSBT

4/c

ρc2

]

, (2.5)

as a specialized form of the Oppenheimer-Volkoff equation,

dT

dr
=

T

P

dP

dr
∇, (2.6)

dτ

dr
= −κρ

(

1− Rg

r

)−1/2

, (2.7)

d∆M

dr
= −4πr2ρ

(

1− Rg

r

)−1/2

, (2.8)

where P is the total pressure, Pg is the gas pressure, T is the temperature, ρ is
the density, τ is the optical depth, κ is the opacity (Section 2.2.3) and ∆M is the
rest mass of the atmosphere above radius r. ∇ is defined as d log T/ d log P ,
and depends on the manner in which energy is transported. In principle, this is
a combination of radiative transport, convective transport and conductive transport.
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However, conduction is only significant compared to radiation at much higher densities
than we consider (Potekhin et al. 2007), while convection, which is included in the
models from Paczyński & Anderson (1986), is strongly suppressed by the magnetic
field in the magnetar case (Rajagopal & Romani 1996). Thus, we set ∇ = ∇rad,
which is given by

∇rad =

[

κL∞

16πcGM(1− β)

(

1− Rg

r

)−1/2

+
P

ρc2

]

×
[

1 +
P + 1.5Pg + 4σSBT

4/c

ρc2

]−1

, (2.9)

with L∞ the luminosity as seen by an observer at infinity. Assuming blackbody
emission, this luminosity is linked to the temperature at the photosphere (where
r = Rph) through

L∞ = 4πσSBR
2
phT

4
ph

(

1− Rg

Rph

)

, (2.10)

a Stefan-Boltzmann law modified by general relativity, which imposes an effective
reduction in solid angles by the factor 1 − Rg/Rph. Here Tph is the temperature at
r = Rph and σSB the Stefan-Boltzmann constant.

Equations (2.5-2.10) are derived from Thorne (1977) by dropping the gravitational
acceleration correction factor 4πr3P/Mc2, which is always less than 10−10 in our
models, and using the ‘total mass’ from Thorne as our mass. These equations reduce
to those given by Paczyński & Anderson (1986) when combined with Equation (2.11),
correcting two typographical errors in Equations (3a) and (4b) of that work.

We consider a purely radial magnetic field and use an ideal gas equation of state,
so that the pressure in the atmosphere is simply given by the sum of radiation pressure
and gas pressure:

P = Pg + Pr, Pg =
k T ρ

µmH

, Pr =
4σSB

3c
T 4, (2.11)

where T is the temperature, ρ the density, µ the mean molecular mass per free particle
(both ions and electrons), k the Boltzmann constant and mH the mass of a hydrogen
atom. This equation for the radiation pressure assumes the gas is in thermodynamic
equilibrium with the radiation field, an assumption we will revisit in Section 2.5.1.
We ignore the effects of any mildly relativistic electrons, as these will not change our
qualitative results.

We assume the atmosphere to be entirely composed of fully ionized helium. This
is not necessarily a realistic composition for a magnetar atmosphere, but does make
for easy comparison to the nonmagnetic case. We will briefly discuss the effect of
a more realistic composition, including an electron positron pair plasma, in Section
2.5.2.
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2.2.3 Opacity

The opacity in a super-strong magnetic field is strongly reduced from the Thomson
opacity, because the scattering cross section of one of the two polarization modes of the
photons is suppressed by the magnetic field. Therefore, the opacity decreases strongly
with increasing magnetic field strength, which means that the critical luminosity
increases with magnetic field strength. We will now go into what this means for the
opacity in the atmosphere of a magnetar.

Since the photon energies under consideration here are typically above 2 keV (see
Woods & Thompson 2006 for typical magnetar burst spectra), the opacity can be
assumed to be dominated by Compton scattering off free electrons (Thompson &
Duncan 1995), and photoelectric and atomic transition contributions are generally
small. Some corrections for these atomic processes are needed at slightly lower photon
energies, but these are not expected to significantly change our results.

The monochromatic opacity κν follows from the Compton scattering cross sec-
tion. In a strong magnetic field, with its inherently anisotropizing influence, this
cross section depends strongly on the polarization mode of the photons. Photons in
the ordinary polarization mode (O-mode or ‖ mode), with their electric field vec-
tor lying in the plane containing their direction of propagation and the magnetic
field, have a much larger chance of scattering than extraordinary mode (E-mode or ⊥
mode) photons, which are polarized perpendicular to this plane. The strong magnetic
field also modifies the dielectric properties of both the atmospheric/magnetospheric
plasma, and polarizes the vacuum (Adler 1971; Harding & Lai 2006). Accordingly,
the field introduces profound modifications to the scattering opacity.

Assuming both photon modes are polarized perpendicular to their direction of
propagation, the scattering cross section for a photon in mode j (where j = 1 is the
E-mode and j = 2 the O-mode) traveling at an angle θ with respect to the magnetic
field direction is given by (Ho & Lai 2003)

σj =
σTh

1 +K2
j

[

1

2

ω2(1 −Kj cos θ)
2

(ω − ωC)2 + Γ2
e/4

+
1

2

ω2(1 +Kj cos θ)
2

(ω + ωC)2
+K2

j sin
2θ

]

, (2.12)

with

Γe =
2e2ω2

C

3mec3
, (2.13)

where σTh is the Thomson cross section, ω is the angular frequency of the photon, and
ωC = eB/mec is the electron cyclotron frequency. Γe is the classical natural linewidth
of the cyclotron resonance, and satisfies Γe/ωC = 2αf (B/Bcr)/3 where αf = e2/~c is
the fine structure constant. When ωC becomes a sizable fraction of mec

2/~, relativistic
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corrections to this linewidth become mandatory (Baring et al. 2005). However, in our
calculations we use the Rosseland mean opacity (except in Section 2.5.1, where we
discuss what happens when we revise this approximation), which will be detailed
below, which means the electron cyclotron resonance gets smoothed out. The precise
numerical value of the line width is therefore not very important, unless the local field
substantially exceeds 1015 G. The term Kj incorporates the influences of plasma and
vacuum dispersion on the scattering cross section, and is detailed in Appendix 2.A,
where we show how this form reduces to the various commonly used approximations,
as given by Herold (1979) and Ventura (1979).

For radiation frequencies below the cyclotron frequency, this form for the cross
section reduces to

σE ∼ ω2

ω2
C

σTh, σO ∼ σTh, (2.14)

with ω the radiation frequency, ωC the electron cyclotron frequency and σTh the
Thomson scattering cross-section. Thus, the scattering cross section to O-mode pho-
tons is roughly constant, while the cross section to E-mode photons scales roughly as
T 2/B2 when B ≫ T . The fact that the scattering cross sections are so different for
the two different polarization modes means that the atmosphere will have two distinct
photospheres: one for each photon mode. As the scattering cross section is signifi-
cantly larger for O-mode photons than for E-mode photons, the O-mode photosphere
will be located outside the E-mode photosphere.

We use the cross sections formulated by Ho & Lai (2003), as these incorporate the
quantum electrodynamical, vacuum polarization and plasma dispersion effects, mak-
ing them correct in the high-density regions of the atmosphere, where the commonly-
used scattering cross sections in the absence of dispersion from Herold (1979) break
down. However, these cross sections do not incorporate Klein-Nishina reductions,
which come into play when the electron thermal energy approaches its rest mass en-
ergy, i.e. kT ∼ mec

2. This is also the regime where kinematic modifications to the
opacity become significant, i.e., when the motions of the electrons must be accounted
for in treating photon transport. Neither of these effects will be considered in the
present work, as an opacity equation incorporating all of the above effects is not cur-
rently available in the literature. A side effect of this opacity treatment is that it is
impossible to reproduce the results of Paczyński & Anderson (1986) with our models
by setting the magnetic field to zero, as in the nonmagnetic case the existence of
extended atmospheres depends on the Klein-Nishina corrections.

To form the total opacity, the scattering differential cross section in Eq. (2.12)
is averaged over angles by multiplying it by sin θ before integrating over θ, so as
to model an isotropic distribution of photons. This neglects the inherent transport-
induced anisotropy of photons in the surface layers (Özel 2001) that will introduce
some quantitative (but not qualitative) modification to the outermost portions of our
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2 Hydrostatic atmosphere models

atmospheric profiles.
The scattering cross sections contain two resonances: the electron cyclotron res-

onance, and the vacuum resonance. While these resonances are crucial for spectral
modeling, we find that in our models they are not of great significance, being mostly
smoothed out to relatively minor features in the opacity due to the fact that we use
the Rosseland mean opacity. As we assume the photons to be in thermal equilibrium
with the gas throughout the atmosphere in the equation for radiation pressure, it is
reasonable to extend this assumption and take the opacity at any point to be the
Rosseland mean opacity at the local temperature, as given by

1

κ̄
=

[
∫ ∞

0

1

κν

∂Bν(T )

∂T
dν

] [
∫ ∞

0

∂Bν(T )

∂T
dν

]−1

, (2.15)

where ν is the frequency of the radiation, κν is the monochromatic opacity and Bν

is the Planck function. This form applies when the gradients in temperature arise on
much larger spatial scales than the gradients for opacity. As a consequence of averages
being formed for inverse opacities, more tenuous and low opacity domains dominate
the determination of the Rosseland mean, so that the various resonance regions do
not contribute much. We define the Rosseland mean opacity to E-mode photons as
κ̄E, and the Rosseland mean opacity to O-mode photons as κ̄O. We will discuss the
shortcomings of using the Rosseland mean opacity in Section 2.5.1.

For the purpose of the structure of the atmosphere, the opacity sets the radiative
energy transport through the atmosphere, as described by Equation (2.9), as well as
the radiative force, which determines the critical luminosity given by Equation (2.2).
For both energy transport and radiative force the relevant photon flux is the net flux,
as in both cases the effect of identical photons propagating in opposite directions
cancel out. Therefore, we will define an opacity κnet, as the average opacity to the
net outward flux of photons:

κnet =
FO

F
κ̄O +

(

1− FO

F

)

κ̄E, (2.16)

where F is the net outward flux and FO is the net outward flux in O-mode photons.
This represents an opacity that is appropriately weighted for the relative local fluxes
of the two polarization modes.

In a scattering event, a photon has a certain probability of changing modes. These
probabilities can be calculated from the cross sections for scattering into one specific
polarization mode and for X-rays in magnetar atmospheres are given by (Ulmer 1994;
Miller 1995)

PE→O =1/4,

PO→E ≃ω2/ω2
C. (2.17)
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2.2 Model

These equations are approximate and only valid in the limit ω ≪ ωC, which is true
close to the star, at least up to a few kilometers above the surface; they also apply to
the Thomson regime, i.e. provided ω ≪ mec

2/~.
At large optical depth the net opacity will be given by the opacity to E-mode

photons. O-mode photons will effectively be stuck in this region, as they have a much
larger scattering cross section than E-mode photons (Miller 1995). This does not
mean there are no O-mode photons deep in the atmosphere, merely that they move
inwards as much as outwards, not contributing to the net flux, and can only diffuse
effectively by converting to the E-mode.

At lower optical depth O-mode photons will start to contribute to the net flux. To
quantify this contribution, we consider the probability an O-mode photon at optical
depth τO has of escaping the atmosphere without converting to the E-mode. This
probability is roughly given by

Pesc = (1− PO→E)
τ2

O , (2.18)

in diffusive regimes. Any O-mode photon that escapes in this way contributes to a
net outward flux of O-mode photons at all points between its origin (the point where
it converted from the E-mode) and the outer edge of the atmosphere.

The probability given by Equation (2.18) is effectively zero in the region where
the optical depth to E-mode photons is greater than one, since the optical depth
to O-mode photons is several orders of magnitude larger. Thus, as long as the total
photon population is divided more or less equally over the two modes, which should be
true due to detailed statistical balance, we can safely assume the entire net outward
flux to be in E-mode photons at τE = 1. Between this point and the outer edge
of the atmosphere, these E-mode photons will scatter once on average, so that the
fraction of E-mode photons that scatter in any interval dτE in the region 1 > τE > 0

is approximately equal to dτE, assuming most of the net flux will still be in E-mode
photons. The fraction of the net flux that is in O-mode photons at a point τE = τ ′

in this region is then given by

FO

F
= −

∫ τ ′

1

PE→OPesc dτE , (2.19)

Note that this integral is constructed from inner radii to outer ones, so that τ ′ < 1 and
optical depth declines with radius. This equation can be used to track the approximate
fraction of the net outward flux of photons in the O-mode, and thus calculate κnet.

To test our method of determining the fraction of net outward photons in the
O-mode we compare this to the analysis and Monte Carlo simulations performed by
Miller (1995). The fraction of net outward photons in the O-mode at τ = 0 as given
by Equation (2.19) should match the fraction of escaping photons in the O-mode as
calculated by Miller (1995). We have tested this for a range of constant values of ω/ωC

and find that the fraction of photons that escape the atmosphere in the O-mode is
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2 Hydrostatic atmosphere models

roughly given by 0.22ω/ωC. Miller performed Monte Carlo simulations to calculate
the radiative force divided by flux, rather than the fraction of photons escaping in the
O-mode. However, he also performed an order of magnitude calculation to predict
the results of his simulations, where he calculated the fraction of photons escaping
in the O-mode, which he then multiplied with σTh/c to get the force divided by
flux. In this order of magnitude treatment he calculated that the fraction of photons
escaping in the O-mode is given by 0.1ω/ωC, which is a factor two lower than our
estimate. However, he also found that his final prediction for force divided by flux
was a factor two lower than the results of his simulations. Thus, if we take the results
of his Monte Carlo simulations and calculate back to the fraction of photons escaping
in the O-mode by dividing by σTh/c, we find that our predictions almost exactly
match his simulations. Note that while for this comparison we integrate Equation
(2.19) with a constant value of ω/ωC to match the approach taken by Miller, in our
atmosphere models this equation is solved simultaneously with the stellar structure
equations (Equations 2.5-2.8), using the radially variable values of ω/ωC and τO and
thus obtaining the correct radial dependence of FO/F .

2.2.4 Boundary conditions and method

We solve six differential equations of stellar structure, for pressure, temperature,
atmosphere mass and optical depth to O-mode photons, E-mode photons and a com-
bination of both, as given by Equations (2.5), (2.6) and (2.8) and three versions of
Equation (2.7): for the optical depth to E-mode photons, O-mode photons, and the
net flux of photons. We do this by integrating these equations from the stellar surface
at R⋆ = 10 km to Rend, which we choose as the point where the density becomes so
small that the atmosphere has effectively ended, choosing this cutoff density as 10−15

g cm−3. This is in principle an arbitrary value, but we have verified that increasing
this value to 10−12 g cm−3 does not change the results at all, indicating that our
chosen value is likely even lower than necessary. Additionally, we find no change in
our results from fixing Rend at 1000 km, which is well beyond the expected size of the
atmosphere.

We solve Equation (2.19) for the fraction of the net flux contained in O-mode
photons from the point τE = 1 to Rend. We integrate with a straightforward itera-
tive shooting procedure, using an eighth order Runge-Kutta method with embedded
Dormand-Prince error estimation from Press et al. (2007). We start with guesses
for all undetermined parameters at the stellar surface, and iterate until all the outer
boundary conditions are met.

Our input parameters are the magnetic field strength at the surface B⋆, the den-
sity at the base of the atmosphere ρ⋆ and the luminosity as seen by an observer at
infinity L∞. Further boundary conditions are provided by the assumption that the
atmosphere has ended at Rend, giving τ = τO = τE = 0 and ∆M = 0 at r = Rend.
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2.3 Results

The final boundary condition is provided by the assumption that FO/F = 0 at τE = 1.
We calculate a series of atmospheres with a density at the base of the atmosphere

ρ⋆ in the range 103−107 g cm−3, and luminosities from 1036 to 1042 erg s−1, repeating
this for magnetic field strengths at the surface of the star of 1014 and 1015 G, values
chosen to describe a typical magnetar. The range of densities is chosen to encompass
the total atmospheric mass from Paczyński & Anderson (1986), which is ∼ 2× 1020 g
for all models in that work, and to span a sensible density range at the base of
the atmosphere, as 103 g cm−3 is roughly the atmospheric density limit for a cold
neutron star, while 107 g cm−3 is roughly where it becomes impossible for X-rays to
propagate through the gas, due to the plasma frequency becoming greater than the
typical photon frequency.

Summarizing, our model consists of solving the differential equations of stellar
structure (Thorne 1977) from the surface of a magnetar out to a point where the
density is so low that the atmosphere has effectively ended. The input parameters
of our model are the surface magnetic field strength, surface temperature of the star
and the total mass of the atmosphere. We make the following assumptions.

• The magnetic field is purely radial, with the radial dependence of a dipole field
right above the magnetic pole. This also means there is no radial magnetic
pressure component, so that magnetic pressure can be ignored.

• The atmosphere consists of pure fully ionized helium.

• The radiation field is in local thermodynamic equilibrium with the gas.

• The opacity is dominated by Compton scattering, with the scattering cross
sections as given by Ho & Lai (2003).

• Relativistic effects in scattering that can potentially modify the opacity some-
what for temperatures in excess of 50 keV are neglected.

• For purposes of the structure equations, the relevant opacity is the opacity that
belongs to the net outward photon flux, as given by the sum of the Rosse-
land mean opacities to E-mode and O-mode photons, weighted by the relative
contribution of those two modes to the net outward flux.

2.3 Results

Our results differ dramatically from those found for non-magnetic atmospheres by
Paczyński & Anderson (1986). We find no stable atmospheres with photospheric
height greater than about 10 meters. Although the radius of the photosphere increases
as surface temperature is increased, it does so by a very small amount. Additionally,
the temperature at the photosphere is higher rather than lower for models with larger
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Figure 2.1: Radial structure of a magnetar atmosphere model, showing temperature T , density ρ

and gas pressure Pg divided by total pressure P plotted against radius for B = 1014 G, ρ⋆ = 106 g

cm−3 and L∞ = 1038 erg s−1. The two vertical lines represent the E- and O-mode photospheres.

Density and temperature drop rapidly below the E-mode photosphere. From there on out, temper-

ature stabilizes while density continues to drop, causing the total pressure to change from being gas

pressure dominated to radiation pressure dominated.

photospheric radius, because the increase in surface temperature required to make the
atmosphere expand more than compensates for any temperature decrease caused by
having a larger photospheric radius. Our results also show that the photospheres for
E- and O-mode photons are always close together, both spatially and in terms of tem-
perature, despite the large difference in the opacity to these two different modes. An
overview of input and output parameters for our computed hydrostatic atmospheres
is given in Table 2.1.

The general structure of the atmosphere in our results is illustrated in Figure 2.1.
Almost all the matter in the atmosphere is contained within the first ten meters, with
only a fraction ∼ 10−7 of the total atmospheric mass beyond that region. In those first
few meters, the temperature drops rapidly by about an order of magnitude, to stabilize
from there on out in an unheated coronal region. The density rapidly drops down to
the cutoff density where we define the atmosphere to end. The pressure is dominated
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2.3 Results

by gas pressure in the innermost region, and becomes dominated by almost constant
radiation pressure when the density drops. This structure is qualitatively the same for
all different combinations of L∞, B and ρ⋆, with different values giving only numerical
differences. In general, a higher luminosity gives a higher temperature throughout the
atmosphere, with luminosities that are too high causing the atmosphere to become
unstable so that no solution to the equations can be found. Higher magnetic field
strengths mean a higher critical luminosity due to a reduced opacity, so that a higher
luminosity can propagate through the atmosphere before becoming unstable. Finally,
a higher density gives higher temperatures and luminosities in optically thick regions
for the same escaping luminosity, so that the luminosity limit at which the optically
thick regions become unstable is lower.

The height of the photospheric radius of a few meters and the density structure of
our model atmospheres can be understood reasonably well in terms of the standard
atmospheric scale height. When considered at small height compared to the stellar
radius, in an atmosphere composed of pure helium, above a 1.4 M⊙ star, this scale
height is given by

H ≃ 4
kT

[keV]
cm. (2.20)

Thus, for a typical model atmosphere with kT⋆ = 25 keV this scale height is about one
meter. Over this length scale, the density will drop by a factor e, which causes a strong
drop in the temperature as well, as the two gradients are linked in optically thick
regions. However, as the temperature drops, the scale height, which is proportional
to temperature, decreases. This causes a rapidly steepening gradient in the density
and temperature profiles, so that the density decreases by many orders of magnitude
inside a few atmospheric scale heights, relative to that calculated at the surface. Over
the range of this huge drop in density the material becomes optically thin, which
causes the temperature profile to cease tracing the mass density profile and signifies
the photospheric radius.

Such gas pressure domination of the atmospheric structure close to the surface of
the star is also present in the nonmagnetic results from Paczyński & Anderson (1986).
However, in their results a huge radiation pressure supported region, extending up to
200 km, sets up above this gas pressure supported region. In contrast, in our models,
no significant radiation pressure supported region is present. The reason for this is
that for a radiation pressure supported region to be stable, the luminosity has to be
almost equal to (but below) the critical luminosity throughout this region (Paczyński
& Anderson 1986). This is also the only way to have an extended atmosphere, as the
thermal gas would need an unusually high (i.e., relativistic) temperature to support
a stable, extended atmosphere. For an extended atmosphere to be in hydrostatic
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temperature dependence of the opacity through the photon frequency. The sudden rise between the
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causing an increase in opacity.

equilibrium requires

dPr

dr
= −ρ

GM

r2

(

1− Rg

r

)−1/2

. (2.21)

Substituting for the gradient of radiation pressure using Equations (2.6, 2.9 and 2.11)
gives:

L

Lcr

(

1− Rg

r

)−1/2

≃ 1. (2.22)

This equation is of general validity, and is satisfied in the nonmagnetic case for a
large range of altitudes for an appropriate choice of temperature due to a fine balance
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between the general relativistic and Klein-Nishina corrections (Paczyński & Anderson
1986).

Figure 2.2 shows the ratio between luminosity and critical luminosity in a mag-
netar atmosphere as it follows from our models. This figure is analogous to Figure
2 of Paczyński & Anderson (1986), but while their results show that the luminosity
remains within a factor 10−4 below the critical luminosity up to a height of 200 km,
our results show a fluctuation of several orders of magnitude over that range, which
shows that the equality given in Equation (2.22) cannot be met in our models. These
strong fluctuations in L/Lcr are caused by the strong variations in opacity, which are
illustrated in Figure 2.3. This figure shows that the opacity in a magnetar atmo-
sphere drops rapidly with both decreasing temperature and increasing magnetic field
strength.

In our models, the temperature drops rapidly up to the photosphere, so that
the opacity also drops. The temperature only becomes close to constant when it
decouples from the density outside the photosphere, while for the photosphere to
extend the opacity would have to be close to constant over an extended region below
the photosphere. Additionally, at much larger length scales the decreasing magnetic
field strength would also prevent the opacity from being constant over an extended
range of radii.

We thus find that extended hydrostatic magnetar atmospheres in open field line
regions do not exist, as the strong radial dependence of the opacity prevents the exis-
tence of an extended radiation pressure supported region. This provides an important
additional ingredient to the results of our earlier work (Watts et al. 2010). While the
criteria set out in that work for PRE to occur in magnetars are all valid, its prelimi-
nary considerations omitted the requirement for near equality of the luminosity and
the critical luminosity throughout the atmosphere. This turns out to be a criterion
that cannot be met in open field line regions of magnetars. In summation, the con-
ditions given in Watts et al. (2010) are indeed necessary for PRE to occur, but they
are not sufficient.

2.4 Maximum luminosity

We now consider the maximum luminosity that can propagate through the atmosphere
of a magnetar as it follows from our results, and compare this to previous work. The
critical luminosity in the atmosphere of a magnetar has been estimated several times
in the literature. Two results in particular are generally quoted. The first is the
estimate Lcr = (ω2

C/ω
2)LEdd (Paczyński 1992), which is based on the reduction of

the scattering cross section of E-mode photons by the magnetic field as compared
to the nonmagnetic case. This estimate only takes into account E-mode photons,
based on the assumption that the entire luminosity will diffuse outwards in the form
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Figure 2.3: General behaviour of the electron and ion scattering opacities with differing temper-

ature and magnetic field, illustrating the dependencies on temperature and magnetic field strength

of the opacity that determine the stability of our atmosphere models. Plotted are the Rosseland
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scattering opacities, for ρ = 100 g cm−3 and kT⋆ =10, 1 and 0.1 keV, as marked in the figure. These

temperatures are chosen to show the general temperature dependence. A different density would not

change these curves as long as the gas is still opaque to X-rays, except for the position of the vacuum

resonance, which is the small resonance peak visible in the electron scattering opacity around 1012 G

for 0.1 keV and around 1013 G for 1 keV. This resonance is present in all curves, but smoothed out to

varying degrees in calculating the Rosseland mean. The maximum of the curves lies at the cyclotron

resonance, and at lower magnetic field than this the opacity reduces to the Thomson opacity. It is

clear that the ion and electron scattering opacities are comparable in the high field limit, while the

electron scattering opacity dominates at lower fields, with the crossover between these two cases lying

at higher magnetic field strength for higher temperatures. In our models, the lowest temperatures

are about 1 keV at 1014 G and about 3 keV at 1015 G, so all our models lie in the region where

electron scattering dominates, justifying our choice to neglect the ion scattering opacities. Note that

due to the nature of the Planck function, the peaks caused by the various resonances in the Rosseland

mean opacity do not occur at the same position in these graphs as they would for the corresponding

monochromatic opacities.
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of E-mode photons, as these have a much lower scattering cross section. The second
estimate we compare our results with is the one from Miller (1995), which is based
on the radiation force exerted by O-mode photons escaping the atmosphere, and is
given by Lcr = 5(ωC/ω)LEdd. This equation is based on a treatment in the region
around the O-mode photosphere, which is where Miller expects the critical luminosity
to be lowest. Therefore, we calculate this equation at the O-mode photosphere, and
treat the result as the maximum luminosity to be propagated through an atmosphere
without causing instability. Note that the critical luminosity in our models fully
incorporates the effects of gravitational redshift, while the given estimates do not,
but this does not cause major discrepancies.

A comparison between these different critical luminosities is shown in Figure 2.4,
and shows that the critical luminosity we find is generally lower than previous predic-
tions, although still significantly higher than non-magnetic limit. Our results follow
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the behavior of the relation from Paczyński (1992) up to the E-mode photosphere,
but are an order of magnitude lower, which is caused by the fact that we use the
Rosseland mean opacity, which takes into account a thermal distribution of photons,
rather than the monochromatic opacity their estimate is based on. Between the E-
mode and O-mode photospheres, our results switch to following the form from Miller
(1995), as here the O-mode photons start to dominate our opacity.

Our results show that a single critical luminosity for the entire atmosphere, or the
maximum luminosity that can be propagated through the atmosphere, is roughly given
by the lowest luminosity out of two approximations. The first is the approximation in
the E-mode dominated region following from our models, where the critical luminosity
is the minimum value that 0.1(ωC/ω)

2LEdd takes on below the E-mode photosphere.
The second is the approximation for the region where O-mode photons dominate the
radiation force, which gives a critical luminosity of roughly 5ωC/ωLEdd, calculated
at the O-mode photosphere, as given by Miller (1995). In our models the former is
always the lower of the two, but this does not necessarily have to be the case in more
detailed atmosphere models. These approximations break down when they get close
to the nonmagnetic Eddington luminosity, where the critical luminosity will become
equal to this nonmagnetic value.

In our results, we find that this critical luminosity for the whole atmosphere is
never approached closely. This is because in our models this critical luminosity is set
just above the surface of the star, where the pressure is dominated by gas pressure.
The critical luminosity gives the luminosity at which radiation force balances gravita-
tional force, but if there is significant gas pressure, this will also contribute to the force
balance. Thus, in a gas pressure dominated region the maximum luminosity that can
be propagated without violating hydrostatic equilibrium will actually be lower than
the critical luminosity we calculate above, with the precise value depending on the
atmospheric structure.

2.5 Additional physics

Throughout this work we have made a number of simplifying assumptions. None of
these assumptions qualitatively alters our main result: extended hydrostatic atmo-
spheres of magnetars cannot exist, because the near equality of the luminosity and
the critical luminosity is not possible over an extended range of radii.

Three of our main simplifying assumptions are: assuming the validity of using the
Rosseland mean opacity, ignoring the presence of an electron-positron pair plasma in
the composition, and ignoring magnetic confinement effects. We will now elaborate on
why relaxing these assumptions would not enable extended hydrostatic atmospheres
of magnetars.
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2.5.1 Grey opacities

Throughout our models, we have been using the Rosseland mean opacity as a way of
reducing a photon energy dependent problem to a simpler grey atmosphere problem.
However, this has two main limitations. Firstly, the Rosseland mean opacity is gen-
erally only a good approximation deep in the atmosphere, up to somewhere a little
below the E-mode photosphere. Secondly, due to the fact that the Rosseland mean
opacity emphasizes the low-opacity parts of the spectrum, the outward radiation force
is underestimated, particularly in the area around the vacuum resonance.

The first effect of using the Rosseland mean opacity in the outer regions of the
atmosphere is that we find an incorrect temperature profile in that part of the at-
mosphere. This effect has been quantified by Özel (2001), who showed that while
a Rosseland mean opacity model gives a constant temperature profile at low optical
depth, a full radiative transfer approach gives a temperature that continues to decline.

The effect that a more accurate temperature profile would have on our models is
fairly straightforward to predict. The optically thin regions would still be dominated
by radiation pressure, as the gas pressure falls away rapidly. The temperature of
the O-mode photosphere would be somewhat lower, and thus the value at which the
critical luminosity stabilizes in the outer regions of the atmosphere would be higher
by the same factor, since beyond the O-mode photosphere critical luminosity is set by
the temperature of the O-mode photosphere, following the scaling of ω−1 predicted by
Miller (1995). The critical luminosity would still stabilize at a constant value, as the
photons do not thermalize with the gas in this region, so the continuing decrease of the
temperature would have little effect on the radial structure of the atmosphere. Thus,
a more accurate temperature profile would change our quantitative results slightly,
but not our qualitative results.

The second problem with using the Rosseland mean opacity is more difficult to
quantify. The Rosseland mean opacity is the correct energy averaged opacity for
energy transport, as it is used in Equation (2.9). However, for the purposes of the
radiation force, the correct energy averaged opacity is the flux mean opacity, which is
only equivalent to the Rosseland mean in thermodynamic equilibrium. Although there
is no explicit radiation force term in our equations, the form given for the radiation
pressure in Equation (2.11) is based on the same assumption of local thermodynamic
equilibrium as the Rosseland mean opacity. So to correct our treatment of the radia-
tion force in the outer regions of our atmosphere models, where local thermodynamic
equilibrium is a very poor assumption, we have to calculate the radiation pressure
from the radiation flux and the flux mean opacity through

dPr

dr
= −κFρL∞

4πr2c

(

1− Rg

r

)−1

, (2.23)
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where κF is the flux mean opacity, which is defined as

κF =

[
∫ ∞

0

κνFν dν

] [
∫ ∞

0

Fν dν

]−1

, (2.24)

where Fν is the monochromatic flux. Equation (2.23) adds an additional differential
equation to our model, for which a boundary condition can be provided by requiring
Pr = F/c at the outer boundary atmosphere, where F is the total flux. Additionally,
the flux mean opacity should be used in Equation (2.2) instead of the Rosseland mean
opacity, as this equation is based on equating the forces of radiation and gravity. In
both these cases we still have to calculate κnet as defined in Equation (2.16), but from
the single mode flux mean opacities rather than from the single mode Rosseland mean
opacities.

While ideally we would use the flux mean opacity as outlined above, calculating
the flux mean opacity requires detailed radiative transfer equations. However, we can
use different grey opacities, which can be approximated without radiative transfer
modeling, to get an idea of the qualitative effect that using the flux mean opacity
would have on our models.

The Rosseland mean opacity will generally be lower than the flux mean opacity, as
it strongly emphasizes the low-opacity part of the photon spectrum. The flux mean
opacity also emphasizes the low-opacity energies somewhat, as the energy distribution
of the flux will be skewed towards those energies were opacity is lower, but not as
strongly as the Rosseland mean opacity. Thus, we can treat our models using the
Rosseland mean opacity as a sort of lower boundary to a more accurate result, in
which the radiation force is underestimated.

Similarly, we can create a set of models that function as a sort of upper boundary,
where radiation force is overestimated, by using the Planck mean opacity. This opacity
is defined as

κP =

[
∫ ∞

0

κνBνdν

] [
∫ ∞

0

Bνdν

]−1

. (2.25)

In a region where the frequency-dependent opacity κν changes slowly compared to the
photon mean free path, the Planck mean opacity will be higher than the flux mean,
as the Planck mean opacity does not emphasize any part of the photon spectrum,
while the flux will be skewed to low-opacity energies. Since the temperature gradient
in our models is set by photon diffusion, this should be roughly valid throughout our
models, so that it is difficult to imagine the Planck mean opacity being lower than
the flux mean opacity anywhere. Note that while the opacity to the net outward flux
of photons κnet does change rapidly between the E- and O-mode photospheres, this
is unrelated to the grey opacity used, but an effect of the mode switching of photons.
Thus, it is reasonable to assume that the Planck mean opacity will be either larger
than or comparable to the flux mean opacity throughout our models, and thus provide
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Figure 2.5: Thomson scattering opacity and monochromatic, Planck mean and Rosseland mean

opacities versus temperature, all for the E-mode. This is for magnetic field strength B = 1014 G

and density ρ = 100 g cm−3, which is typical for the density around the vacuum resonance in our

models. The peaks between 1 and 10 keV are cause by the vacuum resonance, while the sharp rise

in the Planck mean opacity near 100 keV is caused by the electron cyclotron resonance.

an interesting upper boundary to the effect of radiation force on our models. The
difference between the monochromatic, Rosseland mean and Planck mean opacities
is illustrated in Figure 2.5.

An additional argument for using the Planck mean opacity can be made by looking
at radiative transfer calculations of magnetar emission spectra. Such calculations
(Özel 2001; Ho & Lai 2001; van Adelsberg & Lai 2006; Suleimanov et al. 2009) typically
show emerging spectra that are very similar to blackbody, with large deviations only
occurring due to the proton cyclotron resonance. This resonance is not included in
our models, but falls inside the photospheres for some of our models with B = 1015

G, where it occurs at roughly 6 keV. However, as the frequency at which the proton
cyclotron resonance occurs is constant throughout the atmosphere, the photon flux
at this resonance will be greatly reduced, so this resonance will have little influence
on the flux mean opacity. Thus, the Planck mean opacity represents not only an
interesting bound to the radiation force in our problem, but actually gives a reasonable
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approximation to the flux mean opacity.
Using the additional differential equation given by Equation (2.23), substituting

the Planck mean opacity for the flux mean opacity, and replacing the Rosseland mean
opacity by the Planck mean opacity in the equation for the critical luminosity (but not
in Equation (2.9) where the Rosseland mean is the correct grey opacity) we construct
a new set of model atmospheres. The results from these models are summarized in
Table 2.2. The main difference between these results and our previous results is that
the highest luminosities for which we find stable atmosphere solutions are even lower
than the luminosities we found previously, generally by a factor of a few.

The radial structure of the atmosphere in these models is practically identical
to the structure detailed in Section 2.3 and shown in Figure 2.1, namely a compact
gas pressure supported atmosphere, with no significant contribution from radiation
pressure. While the behaviour of the opacity just below the O-mode photosphere in
these models is significantly different from that in our previous models due to the
much larger influence of the vacuum resonance, the Planck mean opacity does not
become (significantly) larger around the vacuum resonance than it is at the hot base
of the atmosphere. This can also be seen in Figure 2.6, which shows the variation
of the ratio between the luminosity and the critical luminosity with radius. While
this figure shows that the detailed behaviour of the critical luminosity is different
compared to our previous models, the strong radial dependence and the absence of a
radiation pressure supported region remain. Thus, the structure of the atmosphere in
these models is relatively unaffected compared to our LTE models. Furthermore, the
strong vacuum resonance in the Planck mean opacity introduces an additional radial
dependence into the critical luminosity, strengthening our qualitative argument as to
the impossibility of an extended radiation pressure supported region.

2.5.2 Electron-positron pair plasma

For the composition we have assumed an atmosphere composed entirely of fully ion-
ized Helium. Changing this to a different atomic composition would change the results
by a small numerical factor, and thus not have any significant impact on our conclu-
sions. However, a realistic magnetar atmosphere will also contain an electron-positron
plasma, particularly if it is hot enough to contain mildly-relativistic electrons. This
could make a significant difference, as it adds scattering particles without adding a
significant amount of mass, thus increasing the opacity.

The number density of a one-dimensional, magnetized, electron-positron plasma
is given by (Canuto & Ventura 1977; Thompson & Duncan 1995)

ne± =
B

Bcr

(mec

~

)3
(

kT

2π3 mec2

)1/2

e−mec
2/kT . (2.26)

The appearance of the crucial exponential factor encapsulates the rest mass contri-
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the Planck mean opacity, using different values of L∞ as indicated in the figure, for B = 1014 G

and ρ⋆ = 106 g cm−3. This figure is analogous to Figure 2.2, and the behaviour is similar to that

observed in that figure. The exception is the region between the two photospheres, where the opacity,

and thus the critical luminosity, becomes dominated by the vacuum resonance. This is what causes

the sharp peak seen between the two photospheres. The values for L∞ include the highest value

that gives a stable solution, and are otherwise chosen to aid visual clarity.

bution to the pair chemical potential when the pairs are in equilibrium with photons.
Calculating this number density for some of our atmosphere models shows that the
exponential dependence on T causes a drop of many orders of magnitude in the pair
plasma number density in the first few meters of the atmosphere, where the temper-
ature drops rapidly. This means that either the contribution of the pair plasma to
the total number density of electrons in the rest of the atmosphere is negligible, or
that the number density of electrons in the high temperature region at the base of
the atmosphere is incredibly large, which would then cause the critical luminosity to
drop below the radiation luminosity.

The rapid temperature drop in the first few meters of the atmosphere is also a
feature of the models from Paczyński & Anderson (1986), and likely of any magne-
tar atmosphere model. Thus, we conclude that even including an electron-positron
plasma in a hydrostatic model would not enable an extended atmosphere, although

39



2 Hydrostatic atmosphere models

such an extension is anticipated to influence the detailed atmospheric structure.

2.5.3 Magnetic confinement

The other major assumption in our model that we know to be wrong is treating the
magnetic field as purely radial, which means we ignore any magnetic confinement
effects. As we noted in Section 2.2.1, the confinement caused by an closed field line
region is too strong to allow PRE, as the required expansion will never occur.

In a poloidal field structure, the non-radial (i.e., confining) component of the
field scales as sinΘ at colatitudes Θ. Even if such a small closed field component
were to contribute to the confinement, Equation (2.3) has the same B2 dependence
as the critical luminosity from Compton scattering. The same can be asserted for
quasi-toroidal field components from non-poloidal field morphologies. Accordingly,
the vertical gradient of the non-radial component of the magnetic field would be
large. Thus, just as for Compton scattering, magnetic confinement cannot create near-
equality of the luminosity and critical luminosity. The only way for the field stress to
keep the critical luminosity roughly constant, and thus equal to the luminosity, over
an extended range of radii, would be for the closed field component to be at most a
very weakly-dependent function of radius. This is highly unlikely in any reasonable
magnetic field geometry.

2.6 Conclusions

Hydrostatic extended magnetar atmospheres do not exist, due to the fact that the
strong dependence of opacity on radius makes the required near equality of the lu-
minosity and the critical luminosity throughout the atmosphere impossible. A hy-
pothetical extended magnetar atmosphere will thus either have large regions where
luminosity is greater than the critical luminosity, or it will have large regions where
the luminosity is much lower than the critical luminosity, so that it is not supported
against gravity. Therefore, such an atmosphere cannot exist. This is unlike the non-
magnetic case, where a precise balance between luminosity and critical luminosity
means the photospheric radius can extend up to 200 km. The fact that magnetars do
not have extended hydrostatic atmospheres means that PRE, as envisaged previously,
cannot work, due to the fact that stable expansion of the atmosphere is not possible.

Additionally, we find that the maximum luminosity that can be propagated through
a hydrostatic magnetar atmosphere may be lower than the critical luminosity given
by Miller (1995), depending on the structure of the atmosphere. This is due to the
fact that Miller (1995) assumes the maximum luminosity that can propagate will be
set by the scattering of O-mode photons near the O-mode photosphere. However,
in our models the maximum luminosity is set by E-mode photons scattering in the
highest temperature region near the surface of the star, where the scattering cross
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section is relatively large due to the high frequency of the thermalized photons. This
means that depending on the atmospheric structure, more observed magnetar bursts
might have reached their critical luminosity than previously assumed.

Our results have implications for interpretation of spectral fits to magnetar burst
data. Magnetar bursts are typically fit with several different spectral models, the
main ones being two power laws, a power law plus a black body, two black bodies,
and more recently a power law with exponential cutoff and optically thin thermal
bremsstrahlung. The two black body model is typically one of the best fitting of these
models (Olive et al. 2004; Feroci et al. 2004), with typical fitting parameters giving two
temperatures around 3 and 11 keV, and typical emission region radius of roughly the
radius of a neutron star for the colder black body, and an order of magnitude smaller
than that for the hotter component, but with a large scatter in the sizes. While
this model has mostly been presented as purely phenomenological, it has occasionally
been suggested that this could be interpreted as representing the distinct signatures
of the E- and O-mode photospheres (Israel et al. 2008; Kumar et al. 2010). This
interpretation was attractive in the sense that it opened up the possibility of another
way of measuring the critical luminosity. Our results show that in a hydrostatic
atmosphere the temperature difference between these two photospheres is never more
than one or two keV, and that they are very close to each other spatially. This makes
the interpretation of the two blackbody model as representing the E- and O-mode
photospheres highly unlikely.

Our results pose the question of what does happen when a magnetar burst ex-
ceeds the critical luminosity. As we have shown, hydrostatic extended atmospheres
are impossible. Thus, solving this problem will require dynamical, time dependent
models. These models would very likely result in outflows, which could give rise to
several forms of observable emission, such as the radio emission seen from the out-
flow from the SGR 1806-20 Giant Flare (Cameron et al. 2005; Gaensler et al. 2005;
Granot et al. 2006), or the ‘Magnetar Wind Nebula’ recently detected around Swift
J1834.9-0846 (Younes et al. 2012). Any outflows would likely be very sudden, due to
the short sound crossing time and burst time scale involved. The observation that
prompted this research, that of SGR J0501+4516, likely reached or exceeded its crit-
ical luminosity (Watts et al. 2010), and would thus be a prime candidate for testing
any future dynamical models of magnetar bursts.
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2.A Details of the scattering cross section equation

This appendix gives more detail on the term Kj from Equation (2.12), which incor-
porates the effects of vacuum polarization and plasma dispersion into the Compton
scattering cross sections for photons in a super-strong magnetic field. The index j

indicates the polarization mode, where j = 1 stands for the E-mode and j = 2 for
the O-mode. This term is what differentiates the treatment by Ho & Lai (2003) from
older commonly used approximations (Herold 1979; Ventura 1979). We will now detail
what KJ is with and without including vacuum polarization and plasma dispersion
effects. Kj is given by

Kj = β

[

1 + (−1)j
(

1 +
1

β2

)1/2
]

, (2.27)

β = β0βV , (2.28)

β0 =
ωC

ω

1

2(1− ve)

sin2θ

cos θ
, (2.29)

ve =
ω2
P

ω2
, (2.30)

where ωP is the plasma frequency. The parameter βV describes the influence of
vacuum polarization. If vacuum polarization can be neglected, βV = 1, and the
cross section reduces to the form given by Ventura (1979), which includes plasma
dispersion and quantum electrodynamical effects, but not vacuum polarization. If
plasma dispersion is also neglected, β0 ≫ 1, so that K1 ∼ 0 and K2 → ∞, in which
limit Equation (2.12) reduces to the form given by Herold (1979).

When including vacuum polarization, the parameter βV is given by (Ho & Lai
2003)

βV =

(

1 +
â+ q

1− ve

)−1
[

1 +
(q +m)(1− ue)

ueve

(

1− â+m

q +m
ve

− ve(1−Mui)

1− ue

−â+ q +m(1− ve)

q +m

)

]

, (2.31)
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â ≃αF

2π

[

1.195− 2

3
ln

B

Bcr

− Bcr

B

(

0.8553 + ln
B

Bcr

)

− B2
cr

2B2

]

,

q ≃− αF

2π

[

−2

3

B

Bcr

+ 1.272− Bcr

B

(

0.3070 + ln
B

Bcr

)

− 0.7003
B2

cr

B2

]

,

m ≃− αF

2π

[

2

3
+

Bcr

B

(

0.1447− ln
B

Bcr

)

− B2
cr

B2

]

, (2.32)

ue =
ω2
C

ω2
, ui =

ω2
C,ion

ω2
, (2.33)

where ωC,ion is the ion cyclotron frequency, αF is the fine-structure constant and
M = ωC/ωC,ion. These equations have been derived under the assumption ui ≪ 1,
which is consistent with our results, as well as ve ≤ 1, which has to be true for
radiation to be able to propagate.
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Table 2.1: Properties of the computed magnetar atmospheres using the method described in Sec-

tion 2.2. Columns show the magnetic field strength, density at the base of the atmosphere, luminosity

surface temperature, total atmosphere mass, radius and temperature of the E-mode photosphere and

radius and temperature of the O-mode photosphere. For each combination of magnetic field strength

and surface density we show the result for the highest luminosity that still gives a stable atmosphere,

and the two round powers of ten in luminosity below that. A value of 0 for the height of the E-mode

photosphere means that that particular atmosphere model is optically thin to E-mode photons.

Input variables E-mode photosphere O-mode photosphere

B⋆ ρb L∞ kT⋆ ∆Mtot R− R⋆ kT R− R⋆ kT

(G) (g cm−3) (erg s−1) (keV) (g) (m) (keV) (m) (keV)

1014 104 1× 1038 1.9 1.3× 1017 0 1.9 0.4 1.7

1014 104 1× 1039 6.3 2.4× 1018 0.3 3.5 0.8 3.0

1014 104 4× 1039 24 9.8× 1018 1.2 4.9 1.9 4.2

1014 105 1× 1037 1.4 5.2× 1018 0.05 1.1 0.3 1.0

1014 105 1× 1038 4.7 1.8× 1019 0.2 2.0 0.6 1.7

1014 105 6× 1038 24 9.1× 1019 1.2 3.1 1.7 2.6

1014 106 1× 1037 6.3 2.3× 1020 0.3 1.1 0.5 0.9

1014 106 1× 1038 34 1.3× 1021 1.6 1.9 2.0 1.6

1014 106 2× 1038 68 2.6× 1021 3.3 2.3 3.7 2.0

1015 104 1× 1040 6.0 2.2× 1018 0 6.0 1.4 5.8

1015 104 1× 1041 10.9 4.1× 1018 0.02 10.8 2.4 9.1

1015 104 6× 1041 25 9.9× 1018 0.7 17 8.2 15

1015 105 1× 1039 3.4 1.3× 1019 0 3.4 0.9 3.1

1015 105 1× 1040 9.7 3.6× 1019 0.3 6.2 1.7 5.3

1015 105 5× 1040 27 1.0× 1020 1.2 9.2 3.2 7.9

1015 106 1× 1039 7.1 2.6× 1020 0.3 3.5 1.2 3.0

1015 106 1× 1040 60 2.3× 1021 2.9 6.2 4.3 5.3

1015 106 4× 1040 168 8.1× 1021 9.4 8.7 11.4 7.5
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Table 2.2: Properties of the computed magnetar atmospheres using the non-LTE method described

in Section 2.5.1

Input variables E-mode photosphere O-mode photosphere

B⋆ ρb L∞ kT⋆ ∆Mtot R −R⋆ kT R−R⋆ kT

(G) (g cm−3) (erg s−1) (keV) (g) (m) (keV) (m) (keV)

1014 104 1× 1038 1.9 7.1× 1017 0 1.9 0.4 1.6

1014 104 1× 1039 6.4 2.4× 1018 0.3 3.4 0.8 3.0

1014 104 3× 1039 20 8.9× 1018 1.1 4.6 1.7 3.9

1014 105 1× 1037 1.4 5.2× 1018 0.06 1.1 0.2 0.9

1014 105 1× 1038 4.7 1.8× 1019 0.2 1.9 0.6 1.7

1014 105 6× 1038 24 9.3× 1019 1.2 3.0 1.7 2.5

1014 106 1× 1037 6.3 2.3× 1020 0.3 1.1 0.5 0.9

1014 106 7× 1037 25 9.3× 1020 1.2 1.8 1.5 1.5

1015 104 1× 1039 3.4 1.3× 1018 0 3.4 0.8 3.3

1015 104 1× 1040 6.0 2.3× 1018 0 6.0 1.4 5.8

1015 104 5× 1040 9.0 3.4× 1018 0 9.0 1.9 6.5

1015 105 1× 1038 1.9 7.1× 1018 0 1.9 0.5 1.8

1015 105 1× 1039 3.4 1.3× 1019 0 3.4 0.8 2.8

1015 106 1× 1037 1.9 6.8× 1019 0.05 1.1 0.3 1.0

1015 106 1× 1038 3.0 1.1× 1020 0.1 1.9 0.6 1.6
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Abstract

Many magnetar bursts have sufficient luminosity to create radiation driven outflows.
We model these potential outflows by computing one-dimensional stationary radia-
tion driven outflows in a very strong magnetic field for a wide range of parameters.
These models could potentially be used to identify observational signatures of out-
flows caused by magnetar bursts, which may shed light on the underlying radiation
mechanism. We identify three classes of solution to our problem, but find that none
of them can represent physical stationary outflows. We do not find any stationary so-
lutions with supersonic speeds out to large distances, while subsonic outflow solutions
are highly divergent, indicating they are unlikely to remain stationary, and also tend
to a constant density at large distance, which is unphysical. We conclude that any
radiation driven outflows from magnetar bursts will be highly variable on a dynamic
timescale, which is often much shorter than the burst timescale.



3 Radiation driven magnetar outflows

3.1 Introduction

Magnetars commonly exhibit bursts with luminosities well above the classical Ed-
dington luminosity (see for example Woods & Thompson 2006; Turolla et al. 2015),
the luminosity at which the radiation force from Thomson scattering equals gravity.
While this limit has to be adapted for the super strong magnetic field present in most
magnetars (Thompson & Duncan 1995; Miller 1995) such a high luminosity is still
likely to have an effect on the dynamics of matter around a magnetar. In a previous
paper (van Putten et al. 2013) we demonstrated that despite the strong reduction of
the Compton scattering cross section in a super strong magnetic field, the maximum
luminosity that can be propagated through a hydrostatic magnetar atmosphere is
only between one and five orders of magnitude higher than the classical Eddington
luminosity of 2 × 1038 erg s−1. This is a large range, as it scales roughly with the
square of the magnetic field strength. However, these maximum luminosities are al-
ways one to two orders of magnitude lower than previous estimates (Paczyński 1992;
Miller 1995). This means that many of the magnetar bursts in the luminosity range
1039−41 erg s−1 are likely to have reached a point where radiation force can overcome
gravity, and cause matter to accelerate along open magnetic field lines (see below).
This paper aims to explore further the effects of these high-luminosity bursts on the
atmosphere of a magnetar, by modelling radiation driven outflows from magnetars.

In a strong magnetic field, any movement of charged particles perpendicular to
the direction of the magnetic field is restricted by magnetic tension. In the case of
a magnetar atmosphere, high temperatures mean the atmosphere will consist solely
of charged particles, and the very strong magnetic field means the force exerted by
magnetic tension is significantly larger than gravity. The luminosity required for
radiation force to overcome magnetic tension is given by the trapping luminosity:
(Lamb 1982)

Ltr ≃ 2.1× 1049
(

B

Bcr

)2(
R⋆

10 km

)2

ergs−1, (3.1)

where Bcr = 4.4 × 1013G is the quantum critical field strength, which is the field
strength for which the cyclotron energy of an electron is equal to its rest mass energy.
This trapping luminosity is much higher than the luminosity of any magnetar burst,
even the rare giant flares. So while the radiation force can overcome gravity at
luminosities that fall within the range observed from magnetar bursts, it is never
strong enough to overcome magnetic tension. This means that any effect of the
radiation force in a magnetar can only occur parallel to magnetic field lines, so any
outflows caused by radiation force will occur in open field-line regions, such as in the
regions above the polar caps.

It should be noted that this trapping luminosity is given at the surface of the
magnetar. The scaling of Equation 3.1 with B2R2 means that it will scale with
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radius as R−4. Thus, a radius exists at which the radiation force equals the magnetic
tension. Beyond this point, any outflow will deform the magnetic field, likely causing
all field lines to open out into a split monopole structure. Reformulating Equation
3.1 for a magnetar with a radius of 10 km shows that this point will be reached at
approximately:

Ropen ≃ 10

(

2.1× 1049 erg s−1

Lburst

)1/4(
B0

Bcr

)1/2

km, (3.2)

where B0 is the magnetic field at the surface of the star. For a typical SGR burst
with luminosity 1040ergs−1 and B0/Bcr ≃ 10 this gives a radius of 6800 km. Using
the classical equation for the shape of a field line in a dipole field (r = rmaxsin

2θ),
we find that in this example the bundle of field lines that open out to infinity has
an opening angle at the surface of the star of approximately 2.2 degrees. This means
that for a typical SGR burst the open field line region originates from a very small
fraction of the surface of the star, centred on the magnetic pole.

For the radiation force to have any effect on the structure of a magnetar atmo-
sphere, the radiation has to be emitted in an optically thick region. The region where
the emission comes from depends on the emission mechanism, which remains an open
question for magnetar bursts, as is the trigger that starts the burst. In the case of
the rare giant flares, a large part of the emission (the tail of the lightcurve) will be
emitted from a pair-plasma fireball trapped in the closed magnetic field-line regions
close to the star (Thompson & Duncan 1995), which is formed irrespective of the orig-
inal emission mechanism (see also Lyutikov 2006). However, the origin of the initial
spike of radiation is uncertain. For the smaller SGR bursts the emission may either
originate close to the surface of the star (Thompson & Duncan 1995) where there is
likely to be optically thick material to form an outflow, or it could originate in the
optically thin magnetosphere (Lyutikov 2003). Thus, observing signs of a radiation
driven magnetar outflow could shed light on the emission mechanism of magnetar
bursts. Additionally, the properties of any observed outflow could give clues as to the
magnetic field properties, and the location and mechanism of the emission.

Several observations have been made that point to outflows from magnetars, such
as the radio emission seen from the SGR 1806-20 Giant Flare (Cameron et al. 2005;
Gaensler et al. 2005; Gelfand et al. 2005; Taylor et al. 2005; Granot et al. 2006; Fender
et al. 2006; Spreeuw et al. 2010), and the ’Magnetar Wind Nebula’ found around Swift
J1834.9-0846 (Younes et al. 2012), which appears to have been created by repeated
bursting activity. Modelling magnetar outflows can help extract meaning from these
observations, which should help to constrain the emission mechanism of these bursts.

The goal of this paper is to study the possible properties of outflows from high
luminosity magnetar bursts by making models of stationary radiation driven magnetar
outflows. We explore the parameter space in which stable outflows can exist. By
linking the properties of a magnetar burst to an outflow we can gain an additional
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observational tool to help understand the emission mechanism of magnetar bursts.
An observed outflow, or the absence thereof, can also give an additional probe into
understanding the physics of extremely strong magnetic fields.

This paper is intended as a first attempt at understanding potential radiation
driven winds from magnetars, rather than a definitive model. We have deliberately
kept this model relatively simple, with the aim of being able to compare it to our
previous results for hydrostatic atmospheres (van Putten et al. 2013) as well as to
the early work done on radiation driven winds from neutron stars (see for example
Quinn & Paczyński 1985; Paczyński & Prószyński 1986). In particular, we do not
attempt to correctly treat the outer, optically thin part of the outflow. However, as
we find that all our solutions become unphysical before they become optically thin,
this simplification does not influence our conclusions.

In Section 3.2 we discuss the physical equations that make up our model. We then
discuss the numerical approach to solving these equations, and their solutions. We
consider two classes of outflow solution: a class of solution where the velocity of the
outflow crosses the speed of sound in a critical point, and a class of solution where the
velocity of the outflow is below the speed of sound all the way out to infinity. Because
of the presence of a critical point in the transsonic solutions, the numerical approach
for these two classes of solution is different. We discuss these numerical approaches
in Section 3.3. We find that the transsonic solutions give rise to a subclass of solution
with outflow velocity very close to the speed of sound over a large distance, which
we will call sonic solutions. This gives us three classes of solution in terms of results,
which we discuss separately in Section 3.4.

3.2 Input physics

We construct a model of an outflowing magnetar atmosphere by solving the differen-
tial equations for the structure of a radiation driven outflow, using the same setup
as outlined by Paczyński & Prószyński (1986). The equations we use are the fully
general relativistic equations of a stationary one-dimensional spherical flow, which
we describe in detail in Section 3.2.1. The fact that the magnetic field prohibits all
movement perpendicular to the field lines makes this problem fairly well suited to a
one-dimensional approach, even though the true topology of a magnetar atmosphere
is far from spherically symmetric. The radiation force is dominated by Compton
scattering off free electrons, a process that is strongly influenced by the super-strong
magnetic field in a magnetar. We discuss this process in Section 3.2.2.

3.2.1 Outflow structure equations

We use the model setup outlined by Paczyński & Prószyński (1986), integrating the
one-dimensional ordinary differential equations for velocity and temperature as a func-
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3.2 Input physics

tion of the radial variable r, measured from the centre of the star. We assume the
magnetic field is purely radial. This is motivated by the fact that any movement
perpendicular to the magnetic field will be strongly prohibited by the magnetic field,
as magnetic tension will always dominate gravity and radiation force in that direc-
tion. Therefore, we effectively model a one-dimensional outflow moving along an open
magnetic field line. However, we do take the radial dependence of the magnetic field
to be that of a dipole field, so effectively we model a one-dimensional outflow directly
above the magnetic pole. The radial dependence of the magnetic field directly above
the magnetic poles in full general relativity is given by (Petterson 1974; Wasserman
& Shapiro 1983)

B = −6µB

rr2g

[

r

rg
ln
(

1− rg
r

)

+
rg
2r

+ 1

]

, (3.3)

where µB is the magnetic dipole moment and rg = 2GM/c2 is the gravitational radius
of the star. This should be a reasonable approximation for the entire open field-line
region, where any outflow will flow along the field lines.

The differential equations for the structure of the outflow are obtained from
Paczyński & Prószyński (1986) 1, and are given by

r

v

dv
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=

(

1− v2
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)[

(
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r

)−1 GM
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(

A− v2s
c2

)
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]

(
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)−1

, (3.4)

for the velocity, which is a modified form of the well known momentum equation, and

r

T

dT
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=− T ∗ −

(

1− rg
r

)−1 GM

c2r

−
(

1− v2

c2

)−1
v2

c2
r

v

dv

dr
, (3.5)

for the temperature, where M is the mass of the star. The variable v2s is the isothermal
sound speed, defined as

v2s =
kT

µmH

, (3.6)

where k is the Boltzmann constant, µ is the mean molecular mass and mH is the mass
of the hydrogen atom. The intermediate variables A, C and T ∗ are defined as:

A = 1 +
3

2

kT

µmHc2
, (3.7)

1These equations were originally derived by Flammang (1982), who considered an accretion prob-

lem and as such used a different definition for what constitutes a positive velocity and mass flow

rate, which changes some of the signs in these equations
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C =
T ∗

ρ
(Pg + 4Pr), (3.8)

T ∗ =
L∞κ

16πcr

ρ

Pr

(

1 +
v2

c2

)−1

Y −3, (3.9)

where L∞ is the local diffusive luminosity in the reference frame of an observer at
infinity (not to be confused with the actual luminosity at infinity), κ is the opacity, ρ
is the density, Pg and Pr are the gas and radiation pressure (see Equation 3.13), and
Y is given by

Y =
(

1− rg
r

)1/2
(

1− v2

c2

)−1/2

. (3.10)

Along our entire outflow we specify a constant mass loss rate Ṁ and a constant
energy loss rate Ė, which is a requirement for the outflow to be stationary. The defi-
nitions of these constants then give two useful relations between the various physical
parameters of the outflow, with the mass loss rate given by:

Ṁ = 4πr2ρvY = constant, (3.11)

and the energy loss rate given by:

Ė = L∞ +

(

c2 +
U + P

ρ

)

Y Ṁ = constant, (3.12)

where P is the total pressure and U is the total energy density, both of which we will
now specify.

Our choice of magnetic field setup means that magnetic pressure does not play
a part in our models. In the radial direction this is only strictly true directly over
the magnetic pole, or in the case of a purely radial (split monopole) field structure.
However, this should also represent a reasonable approximation for the pressure along
an open field line as long as it is not curved too strongly. We therefore use a simple
ideal gas equation of state, where the pressure is the combination of ideal gas and
radiation pressure, as given by:

P = Pg + Pr, Pg =
kTρ

µmH

, Pr =
4σSBT

4

3c
, (3.13)

where σSB is the Stefan-Boltzmann constant. This combination of an ideal gas and
radiation gives for the energy density:

U =
3

2

kTρ

µmH

+ 4σSBT
4c. (3.14)
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In addition to the differential equations for velocity and temperature, we also
integrate the differential equation for optical depth, as given by

dτ

dr
= −κρ. (3.15)

This allows us to determine the location of the photosphere, giving an idea of the
properties of the radiation field as seen at infinity.

3.2.2 Photon scattering in a super-strong magnetic field

In the atmosphere of a magnetar, the dominant source of photon scattering is Comp-
ton scattering off free electrons (Paczyński 1992; Thompson & Duncan 1995). The
scattering cross section for this process is strongly modified by a magnetar-strength
magnetic field, as scattering is suppressed by the magnetic field for one of the polar-
ization modes of the photons. Photons with their electric field vector in the plane
spanned by their direction of propagation and the magnetic field vector are said to be
in the ordinary polarization mode (O-mode), and do not have their scattering cross
significantly reduced by the magnetic field. Photons with their electric field vector
perpendicular to this plane are said to be in the extraordinary polarization mode, and
have a strongly reduced scattering cross section.

We use the scattering cross section as given by Ho & Lai (2003), which for a photon
in mode j (j = 1 for the E-mode, j = 2 for the O-mode) making a pre-scattering
angle θ with the magnetic field is given by

σj =
σTh

1 +K2
j

[

1

2

ω2(1−Kj cos θ)
2

(ω − ωC)2 + Γ2
e/4

1

2

ω2(1 +Kj cos θ)
2

(ω + ωC)2
+K2

j sin
2 θ

]

, (3.16)

where σTh is the Thomson cross section, ω is the photon frequency and ωC = eB/mec

is the cyclotron frequency. Kj is a term incorporating the plasma and vacuum dis-
persion effects (see Appendix A of van Putten et al. 2013, for details of Kj). If these
effects are ignored, Kj reduces to zero for the E-mode and to infinity for the O-mode,
which recovers the scattering cross section given by Herold (1979). Γe is the classical
linewidth of the cyclotron resonance, and is given by

Γe =
2e2ω2

C

3mec3
. (3.17)

This ignores relativistic corrections to the linewidth of the cyclotron resonance, which
can become relevant at very high magnetic field strengths. However, we use the
Rosseland mean opacity in our models (see below), which smoothes out the cyclotron
resonance, and therefore the exact width of the resonance is not very important in our
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3 Radiation driven magnetar outflows

case. The opacity as given by Ho & Lai (2003) does not include relativistic corrections
for the movement of the electrons, which become relevant when the thermal energy of
an electron is a significant fraction of its rest mass. An opacity including both these
effects and the quantum electrodynamical vacuum polarisation and plasma dispersion
effects included by Ho & Lai is not currently available in the literature. Our choice
of opacity is consistent with our previous work (van Putten et al. 2013, see also the
discussion in that work).

To go from the scattering cross section to an optical depth as needed in Equations
3.8 and 3.15 we have to make a choice in how to account for contributions from
different incident angles and photon frequencies and polarization modes. Firstly, we
transform the cross section into an opacity, through κ = σ/µemH, where µe is the
mean molecular mass per free electron. We multiply this opacity by sin θ and integrate
over θ to obtain a monochromatic opacity for an isotropic distribution of photons.
This is a rough approximation, but should be acceptable most of the time (see Özel
2001).

We then calculate the temperature dependent Rosseland-mean opacity, which is
defined as:

1

κ̄
=

[
∫ ∞

0

1

κν

∂Bν(T )

∂T
dν

] [
∫ ∞

0

∂Bν(T )

∂T
dν

]−1

, (3.18)

where κν is the monochromatic opacity and Bν is the Planck function. Using the
Rosseland mean opacity is a good approximation at high optical depth, where the
photon diffusion approximation holds well, but becomes inaccurate at lower optical
depth. However, in our outflow solutions we find that the regions of low optical depth
occur very high in the atmosphere. At these heights the radiation frequency is above
the cyclotron frequency due to the magnetic field falling of with height, so that the
opacity is no longer strongly frequency dependent. Thus, high in our outflows any
choice of mean opacity will give the same constant value, approximately equal to
the Thomson opacity. The Rosseland mean opacity is thus a good approximation
throughout our models.

Finally, we choose to discount the contribution from O-mode photons, and calcu-
late the opacity purely for E-mode photons. This is justified by the fact that at high
optical depth, O-mode photons are effectively stuck in place until they convert to an
E-mode photon, due to their much higher scattering cross section as compared to E-
mode photons. Therefore, at high optical depth O-mode photons do not contribute to
the net photon flux (see Miller 1995). As for the Rosseland mean opacity, this approxi-
mation becomes poor at low optical depth, but again, this occurs at large atmospheric
height, where the various scattering cross sections all approach the Thomson cross
section, so that the differences between the two polarization modes disappear. Thus,
we can safely use an opacity based purely on E-mode photons.
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3.3 Numerical approach

3.3 Numerical approach

Our numerical method is different for solutions in which the velocity crosses the speed
of sound, the transsonic solutions, and for solutions for which it does not, the subsonic
solutions. This difference in approach is necessitated by the form of Equation 3.4, the
differential equation for the outflow velocity. When the velocity approaches the speed
of sound, the denominator of this equation goes to zero, causing a critical point. A
solution can only be continuous through such a point if the numerator of the equation
also goes to zero at this point, and only if it does so in such a way that the limit of
the full equation as the velocity approaches the speed of sound is finite. Because of
these complications, any numerical approach to calculating a transsonic solution has
to be based around the treatment of the critical point. We describe the way we treat
this critical point in detail in Section 3.3.1, while giving the specifics of our subsonic
solutions in Section 3.3.2. We will now first discuss the general parts of our method
that apply to both types of solution.

Our computational problem consists of solving two coupled differential equations:
Equation 3.4 for the velocity of the outflow and Equation 3.5 for the temperature.
These are solved in tandem with two conservation equations: Equation 3.11 for the
mass loss rate and Equation 3.12 for the energy loss rate of the outflow. This means
that to start an integration, we require starting values for v and T , and values for the
constants Ė and Ṁ , at a starting point r. The magnetic field is governed by Equa-
tion 3.3, and we determine the magnetic dipole moment required in that equation
by specifying B0, the magnetic field strength at the surface of the star. In addition,
we require values for the mass of the star M , which we set at 1.4 solar masses, and
the mean molecular mass µ and mean molecular mass per free electron µe, which are
both dependent on composition. We assume a composition of pure ionized hydrogen
throughout our models, which gives µ = 0.5 and µe = 1. Using a different mass or
composition would change our results quantitatively, but not qualitatively. In addi-
tion to integrating the velocity and temperature, we also integrate the independent
differential equation for the optical depth, given by Equation 3.15. Because this equa-
tion is independent of τ , it can be integrated from an arbitrary starting value and
corrected with a linear offset afterwards, so that it equals zero at the outermost point
of the model. Summarising, each model requires starting values for v and T at a
starting radius r, as well as values for the constants Ė, Ṁ and B0. We will discuss
how we determine these starting values in the following sections.

Our integration method is a fourth order Dormand Prince adaptive step size
method with fifth order error estimation, adapted from Press et al. (2007), with a
specified total relative accuracy of 10−3, which is more than sufficient for the present
qualitative study.
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3 Radiation driven magnetar outflows

3.3.1 Transsonic solutions

For our transsonic solutions, we choose the critical point as the starting point of our
integration, and integrate inwards as well as outwards from there. By starting at the
critical point we can satisfy the conditions that the numerator and the denominator of
Equation 3.4 have to go to zero at the same point without having to do any iterative
integration, which makes the integration process much faster. Thus, we only need to
provide four of the six starting values required (r, T and v at the critical point and
B0, Ė and Ṁ), and can then solve for the other two before starting integration. We
choose to supply values for B0, Ṁ , Ė and v, and analytically solve for T using the
requirement that the denominator equals zero. We then numerically solve for r by
iteratively trying values until the numerator of the velocity equation also equals zero.

In principle, we could reduce the number of free parameters in our models by
imposing additional boundary conditions. A physically motivated boundary condition
would be to require the luminosity and temperature to meet the well known condition
4πr2σT 4 = L at the photosphere. However, this is impossible in practice, as none
of our solutions ever reach a photosphere (see Section 3.4). We could also impose a
boundary condition at the surface of the star, following the approach of Paczyński
& Prószyński (1986) who require T = 109.7 K at their inner boundary. However,
considering our limited knowledge of the conditions during a magnetar flare, we choose
not to impose a similar boundary condition, as this would not be physically motivated,
and instead search a larger parameter space for solutions.

At the critical point the value of the velocity derivative cannot be simply cal-
culated from Equation 3.4, but instead needs to be calculated from some form of
approximation. In practice, an approximation is also needed in a small area around
the critical point, as the numerical solution is unstable in this region where both the
numerator and the denominator of the differential equation are very close to zero.
Thus, we calculate an approximate value for the derivative of v at the critical point,
and use this approximation to integrate away from the critical point, until we are far
enough away that the differential equations become stable.

To compute a value for the derivative of the velocity at the critical point, we use
l’Hôpital’s rule, as applied by Lamers & Cassinelli (1999). This rule states that:

lim
x→c

f(x)

g(x)
= lim

x→c

f ′(x)

g′(x)
if f(c) = g(c) = 0. (3.19)

Thus, we can compute the value of dv/dr at the critical point by dividing the values of
the derivative of the numerator and the derivative of the denominator at the critical
point. In practice, we find that the derivative of the numerator near the critical
point contains many terms that almost exactly cancel each other out, so that we are
forced to include all the derivatives of the general relativistic correction terms as well.
This yields an equation for dv/dr at the critical point that can no longer be solved
analytically, so we solve it iteratively.
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We use the approximated value of dv/dr until the integration is a fraction 10−2

away from the critical point in both directions, and switch to using the full differential
equation for the velocity at those points. We have tried varying this range between
10−1 and 10−4 and find that its precise value does not influence the results. Solutions
using the approximation for dv/dr over different ranges of r that are otherwise iden-
tical rapidly converge as soon as the approximation is dropped and the full equations
are used. Thus, we choose to use a fairly large range of 10−2 to ensure we do not run
into any issues with numerical instability close to the critical point.

3.3.2 Subsonic solutions

For subsonic solutions, the method is simplified compared to the transsonic case, as
there is no critical point. Therefore we can integrate from one end of our outflow to
the other in one go. However, we find that in the inner parts of the outflow integrating
outwards is numerically unstable. Therefore, we choose to integrate from the outside
to the inside. We choose a starting point at r = 1010 cm. This is in principle an
arbitrary choice, but we find it to be a good compromise between not adding needless
computation time and being able to see the behaviour of the outflow up to large
distance. A theoretical constraint on the starting point would be to require r dτ/dr

to be small at this point, so that it is reasonable to set τ = 0 there, but in practice
we find this constraint to be problematic (see Section 3.4.3).

At this starting point we supply values for the constants Ė, Ṁ and B0, as well as
starting values for v and T . In practice, we find that both temperature and velocity
tend to change rapidly initially before stabilising as the differential equations come
to equilibrium. We also find that there is some degeneracy in these starting values,
as different starting values of T and v can lead to the same results. This shows that
picking arbitrary values for v and T starts the system out out of force balance, which
it quickly recovers. We choose not to show the region in which this force balance is
recovered, as this represents a boundary effect rather than the physical behaviour of
our solutions. Therefore, we only show our results out to a radius of 2× 109 cm.

3.4 Results

We find three distinct classes of solution: transsonic solutions, where the outflow
velocity crosses the speed of sound, sonic solutions, where the outflow velocity is very
close to the speed of sound over a large range in radius, eventually crossing it, and
subsonic solutions, where the outflow velocity never reaches the speed of sound. The
transsonic and sonic solutions follow from the same numerical method, described in
Section 3.3.1, but are found in different regions of parameter space. The subsonic
solutions come from the numerical method described in Section 3.3.2.

Our solutions come from a mostly blind search of parameter space, as we have
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3 Radiation driven magnetar outflows

very little a priori knowledge of what solutions to expect. We merely require our
solutions to be continuous in all physical parameters, and for all physical parameters
to have physically sensible values (nonzero temperature, positive luminosity, positive
internal energy of the outflow) throughout the solution and up to the surface of the
star. Finally, we require the temperature at the surface of the star to be no greater
than ∼ 1010 K, beyond which the crust of the magnetar is likely to melt. After an
initial broad parameter space search, we have carried out a finer search in regions of
interest, specifically near any results meeting the above criteria, and in the regions
where the luminosity is close to the magnetically modified Eddington luminosity (the
classical Eddington luminosity as modified for the scattering opacity described in
Section 3.2.2) throughout the outflow, which seems to be a requirement for stationary
radiation driven outflows to occur.

The parameter space in which we have found solutions is shown in Figure 3.1.
We have searched this parameter space for two values of B0 (1014 and 1015 G),
for integer powers of ten in Ṁ and approximately for factors of two in Ė − Ṁc2.
Additionally, we have searched more finely in those parts of parameter space where
the local luminosity is close to the magnetically modified Eddington luminosity. We
have searched all these points for a wide range of values for the velocity at the critical
point (for solutions with a critical point) and velocity and temperature at the outer
boundary (for solutions without a critical point), spanning at least five orders of
magnitude in those parameters at intervals of no more than a factor three.

An important feature in all three classes of solution is the presence of the electron
cyclotron resonance in the opacity. This resonance represents the point where the
photon frequency crosses the electron cyclotron frequency. This resonance is also
clear in the Rosseland mean opacity, although due to the fact that the Rosseland mean
gives more weight to low opacity values than to high opacity values, it occurs at larger
radius and with a lower maximum than the resonance in the monochromatic opacity.
Up to this resonance the opacity is a very strong function of radius (κ ∝ T 2/B2),
while beyond the resonance it is essentially a constant. This significantly changes the
behaviour of the velocity equation (Equation 3.4) through the C term in that equation
(see Equation 3.8), and is visible in all our solutions as a clear turnover at a few to a
few tens of stellar radii. This point also gives the qualitative difference between our
transsonic and sonic solutions: the transsonic solutions have their critical point inside
the cyclotron resonance, while for the sonic solutions the critical point is outside this
resonance.

We find that the location of the cyclotron resonance is the main difference between
outflow solutions with different values of B0. Additionally, there are some differences
in the values of the parameters below this resonance. There are no qualitatively
different solution types that exist for certain values of the magnetic field strength in
our range and not for others.
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Figure 3.1: This figure shows the points in parameter space at which we have found solutions,

plotted as Ė − Ṁc2 vs Ṁ . Circles indicate transsonic solutions, stars indicate sonic solutions, and

triangles indicate subsonic solutions. Black symbols correspond to B0 = 1014 G, while grey symbols

correspond to B0 = 1015 G. All solutions have been found at integer powers of ten in Ṁ , but different

solution types have been offset horizontally to aid readability. The presence of a point can indicate a

single possible solution, but can also indicate a family of solutions with different values for the other

input parameters, such as the one shown in Figure 3.5. Note that we have only found sonic solutions

at two points (and in a small area around these points), which can be seen at low energy loss rate

for Ṁ = 1018 and 1019 g. As solutions with a critical point generally require a very specific value of

v at the critical point, absence of a point is this plot does not necessarily mean that no solution can

exist at that point.

3.4.1 Transsonic solutions

These solutions are defined by their outflow velocity crossing the critical point inside
the cyclotron resonance. None of the solutions we have been able to find in this class
are physically sensible, as all of them decrease in velocity again outside the cyclotron
resonance, causing the velocity to approach the speed of sound for a second critical
point. The derivative of the velocity remains close to constant right up to this second
critical point, which indicates that it is possible to cross this second critical point
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Figure 3.2: An example transsonic solution. The solid green line is the outflow velocity, the red

dashed line the speed of sound (showing the behaviour of the temperature as well), and the blue

dash-dotted line is the density of the outflow. This solution has Ṁ = 1018 g s−1, Ė = 1.4 × 1039

erg s−1 and B0 = 1015 G. The velocity rises rapidly in the inner part of the outflow, where the

opacity increases rapidly with radius, peaking at the point where the opacity reaches its maximum

as caused by the cyclotron resonance. The intersections of the velocity and the sound speed show the

two critical points that occur in this class of solution. The density can be seen to become constant

at large radius as the velocity drops as r−2.

as well. We compute some of these solutions with two critical points by matching
a transsonic solution to a solution obtained by integrating from the outside, using
the method described in Section 3.3.2, using the same values of Ė, Ṁ and B0. An
example of such a solution with two critical points can be seen in Figure 3.2.

We expect that an outflow that crosses the speed of sound twice in quick succession,
such as the solution seen in Figure 3.2, would be highly sensitive to instabilities, as
these often occur when a flow crosses the speed of sound. Additionally, these solutions
tend to a constant density at large radius (outside the second critical point), which
makes them of limited physical significance. This is also the case for our subsonic
solutions, and will be discussed in more detail in Section 3.4.3.
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Naively one would expect that the system of equations we solve should also allow
solutions which cross the critical point inside the cyclotron resonance and then level
off to a constant velocity far outside the cyclotron resonance. At large radius and
supersonic velocity, the equation for the velocity gradient (Equation 3.4) should ap-
proach the limit 2v2s /rv, giving a near-constant velocity. However, in practice we find
no solutions that reproduce this limit while still giving a physically sensible outflow at
all points between the surface of the star and the outside of the outflow. We find that
for the velocity to approach a constant at large radius the velocity gradient has to
be extremely steep at the critical point when the critical point is inside the cyclotron
resonance. This then makes it impossible to integrate the solution inwards to the
surface of the star, as it immediately moves into unphysical parameters.

3.4.2 Sonic solutions

We use the name sonic solutions for those solutions where the outflow velocity crosses
the speed of sound outside the cyclotron resonance. In these solutions the outflow
velocity crosses the speed of sound with a very small gradient, causing the velocity to
be very close to the speed of sound over a large range of radii. In this radius range,
the changes in the numerator of the velocity equation are balanced by the sensitive
nature of the denominator of that equation when the velocity is close to the speed of
sound.

We find no physically sensible sonic solutions. All our solutions in this class
have a vertical asymptote in the temperature, which represents a mathematically
correct solution to our system of equations that does not make sense physically. We
describe this behaviour in more detail in Section 3.4.2. An example of this type of
solution is given in Figure 3.3. We only find these solutions at very specific points in
our parameter space, as the input parameters have to be fine-tuned very delicately
to achieve the near-zero velocity derivative seen over a large radius range in these
solutions.

Asymptotic solutions

The behaviour of the temperature at large radius in our sonic solutions can be under-
stood by looking at an approximate analytical form of the equation for the tempera-
ture derivative. Taking just the dominant first term in Equation 3.5, the temperature
behaviour can be approximated by

dT 4

dr
≃ −3L∞κṀ

64π2σSB

1

vr4
. (3.20)

Now if we assume a power law behaviour for the velocity, which at large radius is fairly
common for radiation driven outflows, and neglect the variation with radius of L∞
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Figure 3.3: An example sonic solution. The solid green line is the outflow velocity, the red dashed

line the speed of sound, and the blue dash-dotted line is the density of the outflow. This solution

has Ṁ = 1019 g s−1, Ė = 9.143× 1039 erg s−1 and B0 = 1015 G. The solution is cut off at the point

where the temperature encounters the vertical asymptote described in Section 3.4.2, which can be

seen in the speed of sound in this plot.

and κ, which will be minor at large radius, this can be integrated straightforwardly
to find

T (r) = 4

√

Q

3 + α
r−3−α + S, (3.21)

where α is the index of the power law behaviour of v, and Q and S are constants that
are combinations of the constants in Equation 3.20 and the values of r, T and v at
the base of the atmosphere, or at any other reference integration point. The constant
S is particularly important, as it distinguishes between two families of solution. For a
negative value of S, there is a positive radius outside the reference integration point
at which the temperature becomes zero. This manifests itself as a vertical asymptote
in the temperature versus radius diagram. On the other hand, if S is positive the
root always remains positive, and there is a horizontal asymptote in the temperature
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behaviour, with the temperature going to 4
√
S at large radius.

Although the temperature derivative is only well described by Equation 3.20 at
large optical depth, we find that in our solutions the vertical asymptote is always en-
countered at a point well below the photosphere, where dτ/dr is still large. Therefore,
the occurrence of this vertical asymptote is not a symptom of our approach breaking
down for low optical depths.

While the value of the constant S and the position of either the vertical or the
horizontal asymptote in the temperature behaviour can only be calculated in a highly
simplified version of our models, the two classes of solution (one with the temperature
going to a constant value, the other with the temperature suddenly and rapidly going
to zero) can still be expected to exist in the full problem. Clearly, the physically
expected class is the one where the temperature becomes constant at large radius.
This is also what Paczyński & Prószyński (1986) found for regular neutron stars.
However, we do not find any solutions in this class. The other class of solution cannot
be truly physical, as the temperature drops to absolute zero, so these solutions while
mathematically correct do not represent sensible physical systems.

3.4.3 Subsonic solutions

The subsonic solutions are those solutions that never reach the speed of sound. These
solutions are created with the method described in Section 3.3.2. We find subsonic
solutions over a wide range of parameter space. While there are significant differences
in the maximum velocity these subsonic solutions reach, they all tend to very similar
velocities at the base of the atmosphere (of order 1 cm s−1), and they all have the
same velocity behaviour at large radius. This large radius behaviour matches the
behaviour expected from Equation 3.4, in which at low velocities and large radius the
sound speed terms will dominate both the numerator and the denominator, giving
v ∝ r−2. These solutions are similar to the so-called breeze solutions from stellar
wind theory, which were found and discarded as unphysical by Parker (1964). These
solutions are unphysical as true stationary solutions, because the r−2 behaviour of the
velocity causes the density to become constant at large radius, due to the requirement
of mass continuity. This means the pressure remains large, never matching the low
pressure of interstellar space, and the total mass of the outflow is infinite. Additionally,
in our models the value of this constant density is always fairly high, causing outflows
that are optically thick all the way out to infinity. An example of a typical subsonic
solution can be seen in Figure 3.4.

For constant values of Ė, Ṁ and B0, these solution can exist for starting values in
v and T that are orders of magnitude apart. While this reflects in differing values for
the maximum velocity, these solutions converge to near-identical values of v and T at
the surface of the star. This behaviour is illustrated in Figure 3.5. This leads us to
believe that in an actual magnetar these outflows are very unlikely to be stationary, as
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Figure 3.4: An example subsonic solution. The solid green line is the outflow velocity, the red

dashed line the speed of sound, and the blue dash-dotted line is the density of the outflow. This

solution has Ṁ = 1019 g s−1, Ė = 9.2 × 1039 erg s−1 and B0 = 1015 G. The solution follows the

same behaviour as the transsonic solution both close to the star and at very large radius, but has

the turnover caused by the cyclotron resonance at lower velocity, never crossing the sound speed.

a slight change in conditions at the surface of the star leads to very different outflow
solutions.

While our subsonic solutions cannot represent actual stationary outflows due to
their being optically thick out to infinite radius, they do show that a fairly slow
radiation driven outflow from a magnetar is likely to be possible. We also find that
stationary outflows only exist for a fairly limited combination of mass-loss and energy-
loss rates, as the luminosity at large radius always tends to the Eddington luminosity,
and the bulk kinetic energy of the flow is never very significant, leaving only the
internal energy carried by the flow as a variable contribution. We find subsonic
solutions with mass loss rates ranging from 1016 to 1020 g s−1. The luminosity at
large distance is always almost equal to the Eddington luminosity, and the internal
energy carried by the outflow varies from a few percent to ten percent of the rest mass
energy of the outflow.
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Figure 3.5: Four subsonic solutions that have almost the same physical properties at the surface

of the star, but very different outflow velocities at larger radius. The solid lines show the velocity,

while the dashed lines show the speed of sound. The top velocity belongs to the bottom sound speed

and vice versa. These solutions all have Ṁ = 1019 g s−1, Ė = 9.2× 1039 erg s−1 and B0 = 1015 G.

The difference between these solutions is the starting value (at the outside of the outflow, where we

integrate from) of the temperature, with the fastest outflow having the lowest starting temperature.

These highly divergent solutions show that stationary subsonic outflows are very unlikely, as the

velocity of the outflow can change greatly with minimal change at the surface of the star.

3.5 Conclusions

We find three different types of solution to our problem of stationary radiation driven
winds from magnetars. All three of these solution types have some property that
makes them unfeasible as physically sensible stationary outflows. We will now briefly
revisit all three solution types.

The subsonic solutions, described in detail in Section 3.4.3 are characterised by
an outflow velocity that does not reach the speed of sound. We find that all these
solutions have their velocity decreasing as r−2 at large radius, which means they have
a constant density due to the requirement of mass continuity. This constant density
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value is always fairly significant, causing these outflows to be optically thick out to
infinity, and have infinite total outflow mass. Additionally, we find that the parameters
of these outflows are highly divergent: for almost identical conditions at the surface
of the star the maximum outflow velocity can vary by orders of magnitude. Thus,
even if a magnetar would only briefly drive a subsonic outflow, circumventing the
optical depth and total mass problems, it would be highly unlikely to be stationary.
Therefore these models have little predictive value for true radiation driven outflows
of magnetars.

The transsonic solutions, described in Section 3.4.1 are characterised by an outflow
velocity that does cross the speed of sound, and does so inside the cyclotron resonance,
meaning that the average photon frequency is below the electron cyclotron frequency.
However, we have not been able to find any transsonic solutions that sustain a su-
personic velocity out to infinity. All our transsonic solutions decelerate again outside
the cyclotron resonance. This is caused by the sharp change in the behaviour of our
opacity equation at this point, as it changes from increasing rapidly to being constant.
This deceleration causes the velocity to cross the speed of sound again, after which
the solution behaves similarly to the subsonic solutions described above, giving the
same problem of constant density. Additionally, due to the velocity of the outflow
crossing the speed of sound twice, these outflows would likely be highly sensitive to
instabilities.

The third class of solution we find are the sonic solutions. These are solutions that
cross the speed of sound outside the cyclotron resonance, and do so very gradually.
These solutions only exist in a very limited part of parameter space, and we find
that this part of parameter space coincides with the part of parameter space where
our set of equations gives solutions with a vertical asymptote in the temperature, as
described in Section ??. Thus, none of our sonic solutions represent physical outflows.

Summarising, we find no stationary radiation driven outflows from magnetars that
could be sustained for any significant amount of time. All of our outflow solutions are
unphysical in some way, and many are likely to be sensitive to instabilities. We thus
conclude that radiation driven outflows from magnetars will always be strongly vari-
able on a dynamical timescale, which is often much shorter than the burst timescale.
Future work should aim to model these outflows as a fully time dependent initial value
problem.
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Abstract

Magnetar giant flares show rotational modulations in the tails of their light curves,
which can only be explained via some form of beaming. The fireball model for mag-
netar bursts has been used successfully to fit the phase averaged light curves of the
tails of giant flares, but so far no attempts have been made to fit the rotational
modulations. We present a relatively simple numerical model to simulate beaming
of magnetar flare emission. In our simulations, radiation escapes from the base of a
fireball trapped in a dipolar magnetic field, and is scattered through the atmosphere
of the magnetar until it escapes. Beaming is provided by the presence of a relativistic
outflow, as well as by the geometry of the system. We find that a simple model for the
relativistic outflow is enough to create the pulse fraction and sharp peaks observed in
pulse profiles of magnetar flares, while without a relativistic outflow the beaming is
insufficient to explain giant flare observations.



4 Radiative transfer simulations of magnetar flare beaming

4.1 Introduction

Magnetars are neutron stars with a very strong inferred magnetic field (Duncan &
Thompson 1992; Paczyński 1992), that commonly emit bursts with photon energies
ranging between a few and a few hundred keV. These bursts are usually divided
into three classes by their energetics: short bursts with total energy up to 1041 erg,
intermediate flares with energy 1041−43 erg and the very rare giant flares with total
burst energies of 1044−46 erg (see Woods & Thompson 2006; Turolla et al. 2015, for
reviews).

The light curves of magnetar bursts vary wildly in shape and duration. Most have
a sharp initial rise with a strong peak of emission, which can then be followed by
a slowly decaying tail. Most short bursts do not have an observable tail, but many
of the intermediate flares do have this tail, as do all three known giant flares. The
tails of the intermediate and giant flare light curves show a strong modulation at the
rotation frequency of the magnetar, which also appears to be present for the short
bursts that show a tail (see for example Hurley et al. 1999; Ibrahim et al. 2001; Woods
et al. 2005; Gavriil et al. 2006). These modulations tend to be strong in the giant
flares, up to an order of magnitude in size (see for example Hurley et al. 2005), but
are weaker for the short and intermediate flares. They can consist of multiple pulses
per rotation period, as in the case of the 1998 giant flare (Hurley et al. 1999, four
subpulses) and the 2004 giant flare (Hurley et al. 2005, two subpulses). This suggests
the emission making up the tail of a magnetar burst has a preferred direction, either
through the physical location of the emitting region or via some form of beaming.

The trigger and emission mechanisms of the various types of magnetar burst are
widely debated (see Turolla et al. 2015, for a recent review). However in the case
of the giant flares, there is consensus that an optically thick pair-plasma fireball is
formed, which is trapped in the magnetic field (Thompson & Duncan 1995, 2001;
Heyl & Hernquist 2005). The energy for the burst comes from some form of magnetic
reconnection event, caused by the gradual decay of the magnetic field. Part of the
energy output is emitted in the initial spike of radiation, while part of the burst
energy forms a pair plasma through rapid pair creation, and this plasma is trapped
in the closed magnetic field lines of the magnetar in the form of a fireball. This
fireball then gradually evaporates through radiative cooling, causing the observed
slowly decaying tail of the light curve. This model has been used very successfully
to fit the phase-averaged decaying tail of the light curve (see Feroci et al. 2001;
Hurley et al. 2005). The fireball model is also likely to be applicable to intermediate
flares, as the creation of a fireball is unavoidable when a large amount of energy is
injected into the magnetosphere (see Thompson & Duncan 1995), and intermediate
flare light curves are often very similar to giant flare light curves. For short bursts,
the applicability of the fireball model is debatable, as these bursts usually do not have
an observable decaying tail.
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The presence of a localized emission region (in the form of a trapped fireball) is not
sufficient to explain the periodicity in the light curves, as while one or more emission
regions rotating into and out of the line of sight would create rotational modulations to
the light curve, these modulations would change dramatically as this emission region
shrinks. This is not what is observed, as while the shape of the observed modulations
can change dramatically during the tail of the light curve, it usually stays constant for
large parts of the tail (see Feroci et al. 2001; Ibrahim et al. 2001; Hurley et al. 2005).
It is also worth noting that hot spots on or near the surface, as often invoked for X-ray
pulsars, would produce roughly sinusoidal variations with modest amplitude, which
is not what is observed. This suggests the modulations are caused by some form of
beaming, rather than by the physical location of the emitting region. It also suggests
that the shape of the pulse profile is not determined by the size of the fireball, but
rather by another physical characteristic of the system, and that this characteristic
can change during the flare, but does not always change.

In discussing the beaming of photons in a magnetar environment we have to dis-
tinguish between two photon polarization normal modes that behave differently in
a magnetar-strength magnetic field. These modes have very different cross sections
(see Herold 1979) for Compton scattering off free electrons, which is the dominant
source of opacity in a magnetar atmosphere (Thompson & Duncan 1995). Photons
in the ordinary mode (O-mode) are polarized parallel to the magnetic field, and have
scattering cross section roughly equal to the Thomson cross section, while photons in
the extraordinary mode (E-mode) are polarized perpendicular to the magnetic field,
which strongly inhibits scattering. As such, E-mode photons have a scattering cross
section much lower than the Thomson cross section, which scales approximately as
the radiation frequency squared divided by the magnetic field strength squared. This
means that close to the magnetar, where the magnetic field is strongest, E-mode pho-
tons may diffuse freely while O-mode photons couple strongly to the matter. The
result of this is that in regions of high magnetic field strength, the radiation flux will
be dominated by photons in the E-mode. However, O-mode photons do provide a
significant contribution to the radiation force (see Miller 1995; van Putten et al. 2013).
Note that these two modes are the normal modes of the polarization state of a photon,
and as such a single photon will generally be in a state described by a superposition
of these two modes, rather than by a single mode. However, treating the radiation
field as an ensemble of photons that are each described by a single normal mode is
fully correct.

Because the O-mode photons couple strongly to matter they can easily be beamed
by some form of relativistic outflow. Thompson & Duncan (1995) note that radiation
escaping from the base of the fireball can drive such a relativistic outflow, as the initial
spike of the flare will ablate material off the surface of the neutron star, which can
then be accelerated by the super-Eddington luminosity in the high-opacity O-mode.
O-mode photons advected with this flow will then get beamed along the direction of
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the flow. However, since any outflow has to follow the magnetic field lines, which curve
away from each other, this beaming will not be strongly peaked in a single direction,
and the low-opacity E-mode photons would not get beamed this way. Thompson &
Duncan (2001) refine this beaming scenario, providing a way in which both photon
modes can get beamed. While the E-mode photons have very low opacity close to the
star, this opacity increases rapidly away from the star, as it scales approximately with
the inverse square of the magnetic field strength. If there is matter suspended higher
up in the magnetic field of the star, supported against gravity by the high luminosity,
but unable to escape because it is on closed field-lines, this forms an optically thick
barrier to E-mode photons. The way for the E-mode photons to escape is to push
this matter aside, creating a sort of nozzle. This nozzle then causes beaming of the
E-mode photons, while the O-mode photons still get beamed by advecting along a
relativistic outflow.

Up to now the fireball model has only been used to fit phase-averaged light curves
of giant flares, showing that the energy released by a shrinking fireball is an excel-
lent fit for the observed light curves (Feroci et al. 2001; Hurley et al. 2005). The
goal of this paper is to start using the fireball model to also model the pulsations in
those light curves, and make the beaming predictions of Thompson & Duncan (2001)
quantitative, by making the simplest possible fireball model that produces the de-
sired beaming. Additionally, we want to start to model systematically the immediate
environment around a bursting magnetar.

We set up a model of a fireball trapped in a dipolar magnetic field that emits radia-
tion close to the surface of the star. Outside the fireball we create a relativistic outflow,
simulating the matter ablated from the surface of the star. This outflow is imposed a
priori, so the radiation field and the outflow in our model are not self-consistent (see
Section 4.2.1 for details). We then use a Monte Carlo radiation transfer code to scat-
ter photons through this setup, and track the direction in which the photons escape
the system. By varying the physical parameters of our model, particularly the size of
the fireball, magnetic field strength and density and velocity of the outflow, we test
how these parameters influence the degree to which the radiation becomes beamed.
The fireball size is of particular interest, as observations show the pulse profile should
be largely independent of this parameter. We also perform some simulations with
slightly more complicated geometrical setups, to recreate more closely the beaming
scenario set out by Thompson & Duncan (2001). Our simulations include special rel-
ativistic beaming effects as well as general relativistic light bending, take the vacuum
and cyclotron resonances into account, and allow photons to convert between the two
polarization modes where appropriate.

In addition to tracking the angular intensity profile of the escaping radiation, our
radiative transfer simulations also give us spectral and polarization information. This
is not a realistic output spectrum, as we do not include any sources of opacity other
than electron scattering. However, we can track differences in the spectrum for dif-
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ferent angular directions, to test whether we can recreate the spectral variations with
rotation found in some magnetar flares (Feroci et al. 2001; Boggs et al. 2007). We also
test whether the pulse profile is significantly different between the two polarization
modes, something which might be observable with proposed X-ray polarimetry mis-
sions (see for example Fernández & Davis 2011), such as XIPE (Soffitta et al. 2013),
IXPE (Weisskopf et al. 2014), XTP (Dong 2014) and PRAXYS (Jahoda et al. 2015).

The layout of this paper is as follows. In Section 4.2 we set out the geometrical and
physical setup of our model, detailing the assumption and approximations we make
with regards to the properties of the fireball and the outflow in our model, and discuss
the scattering opacity. In Section 4.3 we discuss our numerical method, describing
in detail how a photon propagates through our model. In Section 4.4 we present the
results of our simple geometrical model, and discuss how these depend on the various
physical parameters. In Section 4.5 we make some additions to our geometrical model
to more closely resemble to scenario set out by Thompson & Duncan (2001), and
discuss the results of these models. Finally in Section 4.6 we summarize our results
and discuss what they mean both for past and future observations.

4.2 Model setup

In the fireball model for magnetar flares (Thompson & Duncan 1995), a volume of hot
pair plasma is trapped in the magnetic field of a magnetar, and gradually shrinks as it
radiates away its energy. The fireball is expected to have an initial volume of the same
order of magnitude as the volume of the neutron star (Thompson & Duncan 2001),
and gradually shrink until it evaporates completely. Outside this fireball, matter will
be ablated off the surface of the neutron star, and this matter will form an outflow
due to the highly super-Eddington luminosity radiated by the fireball (Thompson &
Duncan 2001).

The shape of the fireball is an open question. It is typically described as a spherical
or cylindrical structure (see Thompson & Duncan 2001), but that kind of shape is
difficult to trap in a closed magnetic field line region. This is especially true in the
case of a neutron star, which has a solid crust, and thus prevents local twists in the
magnetic field.1 We choose to model the magnetic field as a pure dipole, which leads
to a torus-shaped fireball, as that is the only shape that can be trapped in the closed
field-lines of a dipole field. It should be noted that for the 1998 giant flare, Feroci et al.
(2001) show that the best fit for the fireball parameter a is a value of a = 3

4
, while for

the 2004 giant flare Hurley et al. (2005) find a = 0.6. A homogeneous fireball can not
have a value higher than a = 2

3
, which is also the value for a homogeneous sphere,

so these results show the fireball may have a more complex structure (Thompson

1Global twists in the magnetic field are possible, and are indeed commonly discussed in the context

of magnetars.
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Figure 4.1: Schematic of the geometry of our simulations. Photons propagate from their point of

origin until they are destroyed by hitting the star or the fireball, or until they escape at the top of

the grid. The outflow occurs everywhere outside the fireball. This image is not to scale, as in our

models the neutron star radius is 106 cm, while the top of the grid is located at r = 3 × 107 cm,

which is the point where we let photons escape.

& Duncan 2001). We use the equations for a dipolar magnetic field in full general
relativity given by Wasserman & Shapiro (1983). When considered in two dimensions
(as our model has rotational symmetry) the boundary of the fireball lies along a single
closed field line, which is determined by a single parameter. We choose to use the
diameter of the torus-shaped fireball as this parameter, and we let this parameter
vary between one and one hundred kilometres, to cover all possible fireball sizes.

The radiation is expected to escape primarily at the base of the fireball, where
its scattering opacity is lowest due to its dependence on magnetic field strength. For
simplicity, we let all radiation originate here. This is a rough approximation, but we
find that the properties of the escaping photon field are mostly determined higher up
in the outflow, so the exact starting point of the radiation is not very important. A
schematic of our model setup can be seen in Figure 4.1.

In the case of a giant flare, the fireball is expected to have a temperature on
the order of 0.1-1 MeV (see also the discussion in Harding & Lai 2006). However,
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the typical energy of the escaping photons is much less than this, as the best fit
blackbody temperature is typically around 10 keV. Small burst spectra tend to have
similar best-fit blackbody temperatures. This large drop in photon energy is mostly
caused by photon splitting (see Thompson & Duncan 1995; Baring & Harding 1998),
whereby a single photon spontaneously converts into two photons of roughly half the
energy in the presence of a very strong magnetic field. The observed temperatures of
around 10 keV also coincide well with the temperature at which photon splitting is
expected to freeze out, which is given by Thompson & Duncan (2001) as a blackbody
temperature of 11 keV. The photon field will reach this temperature at the splitting
photosphere, which is approximately the point where the magnetic field strength
equals Bcr = 4.4 × 1013G, the value for which the cyclotron energy of an electron is
equal to its rest mass. For typical surface magnetic field strengths of 1014 − 1015 G
this point is reached at a height of a few neutron star radii.

In our outflowing atmosphere models the point of largest optical depth falls around
the cyclotron resonance, the point where the photon frequency is equal to the electron
cyclotron energy. This occurs higher up in the atmosphere than the photon splitting
photosphere, which means that we expect all photons to be scattered multiple times
after their last splitting event. Because of this, and for the sake of simplicity, we
choose not to include photon splitting in our models. Instead, we only consider opacity
from Compton scattering off free electrons (see Section 4.2.2), which is the dominant
source of opacity in a magnetar atmosphere (Thompson & Duncan 1995). We take
our input spectrum as a blackbody with a temperature of 10 keV, the rough spectrum
expected outside the photon splitting photosphere (see Özel 2001; Lyubarsky 2002, for
more accurate spectral models). We also run some models with different blackbody
temperature to test the effects of higher or lower photon energies. Note that since
we focus on the beaming of the radiation, computing an accurate spectrum is outside
the scope of this paper. We do look at spectral variations in our results, but only
consider changes in the average energy of the spectrum. As such, the precise shape
of the input spectrum is also not important.

4.2.1 Outflow properties

We fix the properties of the outflow in our model in advance, as computing these
properties from the assumed radiation field in a self-consistent manner is outside the
scope of this work, and we want to keep our model as simple as possible. However,
we do base the density in the outflow on theoretical estimates of the amount of mass
lost through this outflow, which we will discuss below. For the velocity of the outflow
we assume a simple power law:

v(r) = vstart + (v∞ − vstart)

(

1− R⋆

r

)β

, (4.1)
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where vstart is the outflow velocity at the surface of the star, v∞ is the outflow ve-
locity at infinity, R⋆ is the radius of the neutron star and β is the power-law index.
This choice of a beta-law velocity profile is arbitrary, as this work is intended to be
exploratory, and there are no magnetar outflow models in the literature. We choose
to use a beta-law profile as this is a common choice in stellar wind theory. We set
vstart = 0 in all our models, as there can be no outflow velocity through the solid crust
of the star, and compute models for different values of v∞ in the range 0.1c to 0.95c.
The ranges over which we vary the various parameters in computing our results can
also be seen in Table 4.1. For β we use a value of 0.8, which is a fairly arbitrary choice
from the typical range this parameter takes in winds from massive stars. In fact, we
find that using a different value of β has a similar effect as using a different value
for v∞, so we choose not to vary this parameter in our results. The velocity of our
outflow is always directed along the local direction of the magnetic field, as charged
particles will follow the field lines, and the high temperature will ensure the ablated
matter is fully ionized.

The density of our outflow is determined by mass continuity, and can thus be
computed everywhere from a single constant value of the mass loss rate. We will
now estimate this mass loss rate in two different ways. Thompson & Duncan (1995)
compute the total amount of mass ablated from the surface of the neutron star by
a burst as ∆M ≃ Eth/gR⋆, where Eth is the total amount of heat absorbed by the
crust, and g is the gravitational acceleration on the surface of the star. They also
estimate that in a short burst Eth is approximately 1038 erg, which leads to a total
mass loss of ∼ 5 × 1017 g for typical neutron star parameters. If we scale this to a
giant flare, which produces on the order of 104 times as much energy, and divide by a
duration of ∼ 500 s, we find a mass loss rate of approximately 1018 g s−1. Our second
estimate of the mass loss rate is based on Thompson & Duncan (2001), who estimate

the mass loss rate of the outflow in their calculations as Ṁc2 . LEdd

(

GM
R⋆c2

)−1

, where

LEdd is the classical Eddington luminosity of 1.8× 1038 erg s−1 (for a 1.4 solar mass
neutron star with a hydrogen atmosphere). For typical neutron star parameters, this
gives a mass loss rate of approximately 1017 g s−1.

As the matter follows the magnetic field lines, which curve outwards, the density
in our outflow falls off more quickly than it does in the typical mass continuity case
for a spherical flow. In principle it should have similar behaviour to the magnetic
field strength, modified by the changing velocity, but we choose to use a simple r−3

approximation instead, which is also the first order behaviour of the magnetic field
strength. This means the density is given by ρ = ρ0 × v0/v × (r0/r)

3. We use the
subscript 0 to refer to values in our bottom grid cells (see Section 4.3) rather than
right at the surface of the star, as right at the surface of the star the velocity has to be
zero (due to the solid crust) so mass continuity would give an infinitely large density
there. The velocity v0 is simply v as given by Equation 4.1, with r the midpoint of
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the bottom grid cells, while ρ0 is an input parameter. For our baseline model with
v∞ = 0.2c we set ρ0 = 0.01 g cm−3, which when taking the solid angle of the outflow
into account gives a mass loss rate of approximately 1018 g s−1 (varying somewhat
with the size of the fireball). We also compute results for different values of ρ0, and
when computing results for different values of v∞ we change ρ0 accordingly to keep
the same mass loss rate.

As the outflow makes up only a small fraction of the total energy loss rate of the
flare, we expect the temperature of the outflowing matter to follow the temperature
of the photons, rather than the other way around. Thus, we choose not to give the
outflow a temperature, but rather to let all scatterings conserve photon energy in the
frame comoving with the flow. While this does not give the correct shape for the
output spectrum, it does give the right average photon energy, as in a flow dominated
by the photon field the small matter component should not be able to change the
average energy of the photons. Note that we take this approach in the reference frame
comoving with the outflow. The average photon energy in the observer frame does
change due to special and general relativistic effects. This means we also ignore any
beaming effects from relativistic random thermal motion of the electrons. We expect
these effects to be minor, as the typical blackbody temperature of a magnetar flare
spectrum of approximately 10 keV is only a small fraction of the electron rest mass
energy of 511 keV, and these corrections will be approximately random in direction
(although not entirely, as for relativistic electron temperatures a scattering does not
select a completely random electron), so they will largely cancel out.

4.2.2 Compton scattering in a very strong magnetic field

In a very strong magnetic field, the Compton scattering cross section is very different
from the non-magnetic case (Herold 1979), as the cross section for one of the two
polarization modes is strongly reduced by the magnetic field. O-mode photons have
scattering cross section similar to the Thomson cross section, while E-mode photons
have their cross section strongly reduced from the Thomson cross section. The cross
section for E-mode photons can be approximated as ω2/ω2

C times the Thomson cross
section, where ω is the photon frequency and ωC = eB/mec is the cyclotron fre-
quency, with e and me the charge and mass of an electron and B the magnetic field
strength. Note that for photons travelling close to parallel to the magnetic field the
distinction between the E-mode and the O-mode fades, and all photons have reduced
cross sections as long as the photon frequency is below the cyclotron frequency.

We use the opacity given by Ho & Lai (2003), which also includes the polariza-
tion of the vacuum caused by a very strong magnetic field, giving rise to a resonance
feature at a photon frequency that depends on the plasma density. In addition to
this feature, the opacity also includes a strong resonance feature at the point where
the photon frequency equals the cyclotron frequency. In the transverse mode approx-
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imation (meaning that the photons are polarized perpendicular to their direction of
propagation), the opacity for a photon scattering from polarization mode j (j = 1, 2

for E-,O-mode) to mode i is given by:

κji =
neσTh

ρ

1
∑

α=−1

ω2

(ω + αωC)2 + Γ2
e/4

∣

∣ejα
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∣

2
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α (4.2)

In this equation ne is the electron number density, σTh the Thomson scattering cross

section and Γe =
2e2ω2

C

3mec3
is the linewidth of the cyclotron resonance. The vector ej is

the normal mode polarization vector, whose components are given by:
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where θ is the angle between the incident photon and the magnetic field vector. Kj

is a term that incorporates the influences of vacuum and plasma dispersion. When
both dispersion effects are ignored this term reduces to zero for the E-mode and to
infinity for the O-mode, reducing the opacity to the form given by Herold (1979). For
the precise form of Kj the reader is referred to Ho & Lai (2003). Finally, Ai

α is the
angle integral given by:

Ai
α =

3

4

∫

∣

∣eiα(θ
′)
∣

∣

2
sin θ′ dθ′, (4.4)

where θ′ is the angle between the scattered photon and the magnetic field vector.
Equation 4.2 describes a photon scattering from polarization mode j and angle

with respect to the magnetic field θ to polarization mode i and angle θ′. The distribu-
tion of post-scattering angles is thus contained in Ai

α. We can construct a probability
density function for the post-scattering angle by simply differentiating Equation 4.2
with respect to θ′. We will discuss how we draw a random post-scattering direction
from this distribution function in Section 4.3.2.

The opacity for a photon in polarization mode j and incident angle θ to scatter
to any polarization mode and any angle is given by:

κj =
neσTh

ρ

1
∑

α=−1

ω2

(ω + αωC)2 + Γ2
e/4

∣

∣ejα
∣

∣

2
Aα, (4.5)

with Aα =
∑2

i=1 A
i
α. It can be shown that in the transverse mode approximation

Aα = 1 (Ho & Lai 2003), greatly simplifying the form of this opacity. This is the
opacity we use to compute the path length of a photon in our simulations.
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4.3 Numerical method

Our method consists of propagating photons through a spatial grid one by one until
they escape at the top of the system or are destroyed. We describe the properties of
the spatial grid here, detailing the propagation of a photon in Section 4.3.1, and our
method for selecting a scattering angle in Section 4.3.2. A schematic of the geometry
of our model can be seen in Figure 4.1.

Because the fireball is a torus in our model and the magnetic field has no azimuthal
component, our system is completely rotationally symmetric. We construct a two-
dimensional grid of cells of fixed size in radial and polar coordinates, with the grid
running from the surface of the neutron star at r = 106 cm to a fixed end point at
r = 3 × 107 cm in the radial direction, and from θ = 0◦ to θ = 90◦ in the polar
direction. We divide this grid in 300 cells in the radial direction and 100 cells in the
polar direction, and determine the properties of each cell at the midpoint of that cell.
Testing shows that increasing the number of grid cells does not change our results.

The top of our grid is chosen to fall well above the photosphere. The cyclotron
resonance typically occurs slightly below r = 107 cm, and we would expect the outflow
to be fairly optically thin above that. We find that between r = 107 cm and r = 3×107

cm photons scatter slightly less than once on average, which gives us confidence that
the top of our grid is sufficiently high. In the polar direction, we remove all grid cells
whose midpoint falls inside the fireball. Any photons that travel out of the grid in
this direction, or into the surface of the star, are destroyed. Photons exiting the grid
at θ = 0 are simply mirrored back into the same cell, as this is the symmetry axis
of our system, while only photons escaping at the top of the grid are added to our
output results.

While the physical properties of our fireball and outflow system can be described
fully in two dimensions, the movement of the photons in the azimuthal direction is
relevant, as the azimuthal angle partially determines the angle between the photon and
the local magnetic field direction, which is an important factor in the scattering cross
section. Thus, the photons in our system do have an azimuthal direction, and any
movements and coordinate transformations are carried out as in a three dimensional
system, but without keeping track of the azimuthal position of the photon.

Our computational method consists of propagating a large number of photons from
the point where we create them until they either escape at the top of the grid or are
destroyed. When a photon escapes at the top of the grid, we add a single photon to
the correct bin in a three-dimensional array of different escape angles, photon energies
and photon polarization modes. We run our code for a fixed amount of time rather
than for a fixed number of photons, as we find that both the number of photons
that can be propagated in a certain amount of time and the fraction of photons that
escape vary by several orders of magnitude depending on the physical parameters.
The results shown in this paper have been simulated in 16 hours of CPU time each,
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4 Radiative transfer simulations of magnetar flare beaming

on a 2.6 GHz Intel Xeon CPU.
In the propagation of a single photon, we take into account both general and

special relativistic shifts in the direction and frequency of the photon. Doing this, we
also naturally include the advection of photons with the flow in regions of high optical
depth. This is especially relevant for photons near the cyclotron resonance, for which
advection is the main mode of moving outwards. Below the cyclotron resonance, E-
mode photons generally diffuse quite freely, while O-mode photons move either by
advection or by converting to the E-mode. This advection enters our model through
the bias along the direction of the flow that is introduced when transforming the
photon direction from the comoving frame to the stationary frame. We have carried
out tests that confirm that photons in a region of large optical depth on average
advect outward with the flow at a rate approximately equal to the outflow velocity
times the time-step of our model, where the time-step is given by the propagation
distance of the photon divided by the speed of light.

We have tested the basic soundness of our scattering method and our code by
recreating the results of Miller (1995), as well as by using it to compute the flux,
radiation force and polarization mode distribution throughout the static atmosphere
solutions of our previous paper (van Putten et al. 2013), and comparing those results
to the integral based computations we performed in that work.

4.3.1 Photon propagation

The step by step by step propagation of a single photon in our model proceeds as
follows:

1. The photon is created at the midpoint of the grid cell closest to the base of the
fireball. It is given a random direction, with the constraint that its initial direc-
tion is away from both the neutron star and the fireball. For the initial energy
of the photon we iterate repeatedly through a pre-computed list of one hundred
equal probability photon energies, computed by integrating over a normalized
blackbody function and saving the energies at which this integral is an integer
multiple of 10−2.

2. The photon is assigned a random travel distance in optical depth units of ∆τ =

−lnx, with x a uniform random number between zero and one. This distance
is then converted to a travel distance in physical units ∆r = ∆τ/(κjρ), where
κj is the optical depth for a photon to scatter to any outgoing mode and angle,
as given by Equation 4.5, and ρ is the density of the cell.

3. The photon carries out its move. If the photon comes to a boundary of the cell
before completing the move, the remaining distance is converted back to optical
depth units, and then to physical units in the new cell, which has different
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density and opacity. The move is then continued in the new cell. This continues
until the move is completed.

4. Whenever a photon changes cell, we check whether it crossed the vacuum res-
onance in moving from one cell to another. This resonance occurs at photon
energy (Ho & Lai 2003):

Evac ≃ 1.02

(

Yeρ

1 gcm−3

)1/2(
B

1014G

)−1

f(B) keV, (4.6)

where Ye = Z/A is the electron fraction and f(B) is a slowly varying function of
order a few (see Ho & Lai 2003, for details). If a photon crossed this resonance
it has a chance of adiabatically converting to the other polarization mode. This
chance is given by Pcon = exp[−0.5π(E/Ead)

3], with E the photon energy and
Ead given by:

Ead = 2.52[f(B) tan θ]2/3

∣
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, (4.7)

where θ is the angle between the photon and the magnetic field, ωC,ion is the
ion cyclotron frequency and Hρ is the density scaleheight along the ray. We use
this condition to let a photon convert polarization modes when appropriate.

5. The electron cyclotron resonance is wide enough that it can not be missed by
a photon crossing cell boundaries. If the exact resonance point for a photon
falls in between two cells, its opacity will be significantly changed in both cells.
Therefore we do not need to make any special provisions for this resonance.

6. At the new position of the photon, we convert its direction from the reference
frame of a global observer to that of a local stationary observer, to incorporate
general relativistic beaming effects. This is done through:

µγs = µγ

(

1− Rg

r

)−1/2
[

1 + µ2
γ

Rg

r

(

1− Rg

r

)−1
]−1/2

(4.8)

where µγ is the cosine of the polar direction of the photon, and µγs the same
cosine in the local stationary reference frame. The azimuthal direction of the
photon is not affected by this frame shift.

7. We now rotate the direction of the photon over the polar angle of the magnetic
field, to convert its direction (both polar and azimuthal) to a direction in a
coordinate system with the magnetic field and the velocity along the polar axis.
We then perform a special relativistic transformation on the polar angle in this
coordinate system to obtain the final angle between the photon and the magnetic
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field in the reference frame comoving with the outflow. This transformation is
done through:

µγv0 =
µγvs − β

1− βµγvs
, (4.9)

where µγv0 is the cosine of the angle between the photon and the velocity (or
the magnetic field) in the local comoving frame, µγvs is the cosine of the angle
between the photon and the velocity in the local stationary frame and β = v/c.
Note that v also has to be transformed to the local stationary reference frame
first, as it is slightly modified by general relativity. The azimuthal angle is not
modified by the special relativistic transformation.

8. The frequency of the photon can be converted straight from the global observer
frame to the local comoving frame by computing the time component of its
four-momentum in the local comoving frame from:

−P 0
co = −hνco

c
= P σuσ, (4.10)

where h is the Planck constant, ν the photon frequency and the subscript co
indicates a quantity in the local comoving frame. P σ is the covariant photon
four-momentum and uσ is the contravariant four-velocity of the outflow. These
four-vectors are given by:

P σ =
hν

c

(

1 , µγ ,
√

1− µ2
γ , 0

)

(4.11)

and

uσ = γSch

(

−
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, βµv
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)−1
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√

1− µ2
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where γSch is the relativistic gamma factor in a Schwarzschild metric as defined
by:

γSch =

[

1− Rg

r
− β2µ2

v

(

1− Rg

r

)−1

− β2(1− µ2
v)

]−1/2

. (4.13)

In these equations Rg = 2GM/c2 is the gravitational radius of the neutron star
and µv is the polar angle of the velocity in the global observer frame.

9. Having determined the direction and frequency of the photon in the comoving
reference frame, we can pick a post-scattering direction in that same frame using
Equation 4.2. We will detail how we do this in Section 4.3.2. We do not change
the frequency of the photon in the comoving frame, but its frequency will change
in the global frame due to its new direction.
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10. We transform the direction and frequency of the photon back to the global
observer frame using the inverted functions of the transformations listed above.

11. Finally, the photon is assigned a new random travel distance in optical depth
units, over which it can be moved in its new direction. This process is repeated
until the photon is either destroyed by leaving the grid towards the star or the
fireball, or until it escapes from the grid at the top.

4.3.2 Selecting scattering angles

In principle the way to select a new polarization mode for a photon after scattering
would be to pick a new mode using the probability for mode conversion, and then
select a new angle from the probability density function for the post-scattering angle.
This probability density function is given by:

Pi(θ
′) =

dκji

dθ′
=

neσTh

ρ

1
∑
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ω2

(ω + αωC)2 + Γ2
e/4
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∣ejα
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2

× 3

4

∣

∣eiα(θ
′)
∣

∣

2
sin θ′. (4.14)

Note that this equation is not normalized. The mode conversion probability can be
computed from this equation, but only numerically. To pick a random angle θ′ from
this probability density function, we would have to compute the inverse function of
its indefinite integral. This is again something that can only be done numerically.
Instead of going through this process, we choose to pick post-scattering polarization
modes and angles by trial and error.

To pick a post-scattering mode and angle by trial and error, we generate a random
mode ir (1 or 2) and a random angle θ′r ∈ [0, π]. We then compute Pir(θ

′
r) from

Equation 4.14, and compare this to a randomly generated test value in the range
[0, 0.75κj]. The value 0.75κj is an upper limit for the maximum value of Pir(θ

′), which
we use instead of the true maximum because that can only be computed numerically,
while we already have a value for κj from propagating the photon. We now compare
our test value to Pir(θ

′
r). If Pir(θ

′
r) is greater than the test value we accept the values

of ir and θ′r. If it is smaller we generate new random values and continue until we find
a correct post-scattering mode and angle. This process is the most computationally
intensive part of our simulations, but is still quite manageable on a modern CPU.

4.4 Results

Our simulations depend on a number of physical input variables as described in Section
4.2. In Table 4.1 we give the baseline values we have used for these parameters
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Table 4.1: Input variables of our simulations and their values.

Variable Baseline value Range
Diameter fireball 20 km 1-100 km
B0 1015 G 1014 − 1015 G
v∞ 0.2 c 0.01 - 0.99 c
ρ0 0.01 g cm−3 0.0001− 0.1 g cm−3

Blackbody temperature 10 keV 1-300 keV

in computing our results, and the range in which we have varied them to look for
differences in the results.

We show our baseline result in Figure 4.2. This figure also shows results for
different fireball sizes, which are not significantly different from the baseline result,
something we will discuss further below. This figure shows the intensity of the escaping
radiation as a function of the direction in which it escapes with respect to the magnetic
axis of the star, for the two different polarization modes. This intensity is calculated
by dividing the number of escaped photons per angular bin by the size of that bin
in units of solid angle. We call this the intensity profile of the escaping radiation.
Note that this does not give any information about where on the star the radiation
escapes, but merely about which direction it escapes in. It can be seen that this
intensity profile is peaked in the direction parallel to the magnetic axis, and lowest
perpendicular to it. Note that this figure can be mirrored around 0 degrees, as that
is the symmetry axis of our system. It can also be mirrored around 90 degrees, as
at larger angles we would expect radiation coming from the other side of the star.
As our model only considers one hemisphere, this radiation does not appear in our
results.

This intensity profile can be related to an observed pulse profile by considering
the polar angle between our line of sight and the magnetic axis. If this angle is 30
degrees, we receive the intensity shown for 30 degrees in the intensity profile. As the
star rotates, this angle changes. The range within which it changes depends on the
angle between the magnetic and rotation axes, as well as on the inclination of the
system. Only for a very ‘lucky’ alignment will we see this angle move through the full
180 degree range of the intensity profile. In any other case, as the star rotates the
angle between our line of sight and the magnetic axes changes by less than 180 degrees.
Thus, the observed pulse profile will be shallower than our simulated intensity profile.
A single rotation period can either create a single-peaked pulse profile, if the angle
between the magnetic axis and our line of sight does not cross 90 degrees so that we
only see the emission from a single hemisphere of the star, or a double-peaked profile,
if we get some emission from both hemispheres. In the latter case, the two peaks
will almost never be equally strong, as that would only happen if the rotation axis is
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Figure 4.2: Intensity of the escaping photon field as a function of angle with respect to the polar

axis, for different fireball sizes. It is clear from this figure that the fireball size makes no significant

difference to the beaming of the escaping photons. Note that the angle (in this and all further figures)

refers to the direction of the photon, not to the position from which it escapes. Our grid only runs

from 0 to 90 degrees in polar angle, but in a physical system one would expect radiation to escape

from the other side of the fireball as well (from the ’bottom’ of the star), so that this intensity profile

would be symmetrical around an angle of 90 degrees.

exactly perpendicular to our line of sight.
In the rest of this paper, we will define the term intensity profile to mean the

angle dependency of the escaping intensity in our simulations, as seen in Figure 4.2
and similar figures further on. When we discuss the observed rotational modulations
in the light curve, we will use the term pulse profile.

The fact that the fireball size does not significantly affect our results (see Figure
4.2) can be explained by the fact that all escaping photons are reprocessed well outside
the fireball, and in particular at the electron cyclotron resonance. The fact that we
find no difference in the intensity profile of the escaping radiation also matches well
with observations, which show that the pulse profile of the tail of the flare light curve
is often stable over long periods of time (see for example Hurley et al. 1999, 2005).
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Several of our other parameters merely have the effect of changing the fraction of
photons that escape, and the distribution of those photons between the two modes,
but not the intensity profile. This is the case for the magnetic field strength, the
density and the blackbody temperature of the input spectrum. The one parameter
that we do find to change the pulse profile of the escaping radiation significantly is
the velocity. We will discuss this dependence separately in Section 4.4.1. Effectively
the field strength, density and temperature just change the total optical depth of
the system. This changes what fraction of all photons escape, how likely they are to
convert between modes, and the relative importance of photon diffusion to photon
advection. It also changes the outcoming spectrum, which we will discuss in Section
4.4.2. However, the total optical depth of the system does not significantly change
the intensity profile.

This means that observations of the pulse profile of a magnetar flare cannot be used
to identify the density and magnetic field strength of the system in our model. How-
ever, an improved model that computes the properties of the outflow self-consistently
from the radiation field would provide constraints on these properties. Additionally,
the distribution of photons over the two polarization modes, and how it changes over
time as the properties of the system change, is potentially observable with future
X-ray polarimetry missions (Soffitta et al. 2013; Weisskopf et al. 2014; Dong 2014;
Jahoda et al. 2015), although we should note that we have not performed detailed ob-
servability calculations. Our results also show that in general the O-mode is beamed
slightly more strongly than the E-mode. This could also be observable, as a difference
between the pulse profiles for different polarization angles.

4.4.1 Velocity dependence

We find that the velocity of the outflow is the main factor that determines the angular
intensity profile of the escaping radiation. Figure 4.3 shows this profile for three
different values of v∞, the velocity of the outflow at infinity. This figure shows that
the ratio between the intensity at small and large angles does not vary strongly as the
peaks of the profiles for different velocities are fairly close to each other. However,
the shape of the intensity profile is quite different between low and high velocity. We
quantify this observation if Figure 4.4, by showing the ratio between small and large
angle intensities, as well as the angle at which the intensity reaches 50% of its peak
value.

Figure 4.4 shows that the ratio between peak and minimum intensity is not a strong
function of velocity. This shows that the beaming that creates this ratio follows from
the geometry of the magnetic field, rather than from the velocity of the outflow. This
ratio between the peak and minimum intensity in our models is only about a factor
three. This is somewhat higher than (but fairly close to) the ratio between pulse and
off-pulse emission observed in short bursts and intermediate flares, which is typically

84



4.4 Results

0 20 40 60 80 100 120 140 160 180
Angle [degrees]

0

1

2

3

4

5
In
te
n
si
ty
 [
a
rb
it
ra
ry
 u
n
it
s]

v∞  0.1 c

v∞  0.4 c

v∞  0.8 c

Figure 4.3: Angular intensity profile of the escaping radiation for three different outflow velocities,

for both polarization modes. Solid lines indicate the O-mode profiles, while dashed lines indicate

the E-mode. All three results have the same mass loss rate, which has been accomplished by scaling

the density at the base of the outflow. These profiles are normalized with respect to the E-mode

intensity in the last angle bin before 90 degrees, which is why the E-mode curves intersect there.

The O-mode intensities are normalized to the same E-mode intensity values, so the ratio between

the E-mode and the O-mode intensity for one outflow velocity is preserved. It can be seen that this

E-mode to O-mode ratio varies significantly.

around a factor two (see for example Ibrahim et al. 2001; Woods et al. 2005; Kaneko
et al. 2010), while in giant flares this ratio can be as large as an order of magnitude
(Hurley et al. 2005). As noted in Section 4.4, the observed pulse profile will nearly
always be shallower than our simulated intensity profile, due to inclination effects.
Thus, the relative amplitude of our intensity profiles of a factor three corresponds
quite well to an observed pulse profile with a relative amplitude of a factor two.

The angle of 50% intensity we find is also relatable to observations, as the width
of our intensity profiles can be mapped to the width of the observed pulse profile,
which again becomes shallower due to inclination effects. The observed width seems
to vary strongly between observations, as some pulse profiles are very wide, such as the
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Figure 4.4: Plot of the ratio between the intensity at small angles and that at large angles, as well

as the angle at which the intensity is 50% of the peak intensity, against the velocity of the outflow

at infinity. We have defined the peak intensity as the average intensity between 0 and 9 degrees, as

the intensity in the lowest angle bin alone is relatively sensitive to statistical fluctuations because it

covers only a small solid angle. This average is also the value that the 50% intensity refers to. These

intensities are for the E- and O-mode combined. It can be seen that the intensity ratio is fairly

constant, while the angle of 50% intensity is a strongly decreasing function of v∞. Thus, a higher

velocity gives a narrower intensity profile. These results have been computed at the same mass loss

rate of ∼ 1018 g s−1.

intermediate flare observed by Ibrahim et al. (2001), while others are much narrower
and multi-peaked, such as the giant flares observed by Feroci et al. (2001) and Hurley
et al. (2005). Our results suggest that these differences in the width of the pulses
may be caused by different outflow velocities. However, even for a very high outflow
velocity of 0.95 c we still find a fairly wide opening angle of the beamed radiation of
about 25 degrees. Combined with the higher amplitudes seen in the giant flares, this
suggests that our simple model is not able to reproduce the strong beaming of the
giant flares, while it can approximate the results of the short and intermediate flares.

The applicability of our model to short and intermediate flares is somewhat de-
batable, as these flares may not be energetic enough to create a fireball and ablate a
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significant amount of matter from the star, and their luminosities may not be high
enough create an outflow. However, our results show beaming regardless of the veloc-
ity of the outflow or the size of the fireball. This suggests that emission from another
type of radiation source, such as a heated section of the surface, would get beamed
by the magnetic field structure in a similar way, and show a similar intensity profile,
provided there is matter present outside the fireball to scatter the radiation.

4.4.2 Spectral variations.

In addition to looking at the intensity profiles of our escaping emission, we also look at
the spectrum. We do not attempt to create an accurate model of a magnetar spectrum,
but we do look at shifts of the entire spectrum to higher and lower energies. We find
that the average energy of our output spectrum is strongly influenced by the total
optical depth through our model, as influenced by the density, magnetic field strength
and photon temperature. Figure 4.5 shows the output spectrum for three different
values of the density at the base of the outflow ρ0. We find that higher densities lead
to softer spectra.

There are three main effects that shift the average energy of the output spectrum
with respect to the input spectrum, working in different directions. The main effect
shifting the spectrum towards lower energies is the fact that lower energy photons
have lower optical depth in the E-mode, as the E-mode opacity scales roughly as
ω2/ω2

C. This causes lower energy photons to escape mores easily, and this effect is
more pronounced when the optical depth of the entire system is larger, such as at
high densities. This does not just affect the E-mode intensity, as photons regularly
convert between the two polarization modes. The main effect shifting photons to
higher energies is the presence of (mildly) relativistic electrons, which on average
cause photons to gain energy. Which of these two effects is stronger depends on
the specific parameters of the model, so that some of our output spectra have higher
average energy than the input spectrum, while others have lower average energy. This
is illustrated in Figure 4.5.

The final main energy shift in our results is caused by the fact that for different
velocities and different optical depths, the distribution of escaping photons over the
two polarization modes and over angles is different. This causes the overall spectrum
to shift in a different way from the spectrum for a single mode in a single direction.
This is what causes the high density spectrum to shift to lower energy when going
from the top to the bottom panel in Figure 4.5, while the low density spectrum shifts
to higher average energy.

In addition to these main effects, a small energy shift may be introduced by the
angle anisotropy of the scattering cross section, as the scattering angle determines how
the energy of the photon changes in transforming it from the global reference frame
to the local comoving frame and back. A similar effect may be introduced by the
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Figure 4.5: Normalized spectra for three different values of ρ0, the density at the base of the

outflow, compared to the input spectrum, shown for two different values of the outflow velocity:

v∞ = 0.2 c (top panel) and v∞ = 0.8 c (bottom panel). This shows that the average energy of the

output spectrum becomes lower for higher densities (because of the larger optical depth), and higher

for higher velocities. As these effects work in opposite direction, the average energy of the output

spectrum can be both higher or lower than that of the input spectrum. The three densities shown

give an optical depth to Thomson scattering through the system of 140 for a base density of 10−3 g

cm−3, and factors of 10 and 100 higher for the higher densities. This gives an estimate of the optical

depth through the system for O-mode photons, while E-mode photons have lower optical depth.
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Figure 4.6: Normalized spectra for three different angle bins, for v∞ = 0.8c. The vertical offset

is artificial to aid readability. Dashed lines correspond to the E-mode spectrum, while dotted lines

correspond to the O-mode. This figure shows that photons escaping in directions close to parallel to

the polar axis have a somewhat higher mean energy than those escaping close to perpendicular, and

that O-mode photons are slightly more energetic than E-mode photons.

curvature of the magnetic field, which causes the angle a photon makes with respect
to the outflow direction not to be preserved as the photon propagates outwards.

In addition to looking at the output spectrum as a whole, we can also create
output spectra for specific angular directions. Figure 4.6 shows the output spectrum
for three different angle bins for the same simulation. This figure shows that photons
escaping at narrow polar angles have higher energy than photons escaping at wide
polar angles. In observational terms, this means that we predict the mean photon
energy of the on-pulse emission to be higher than the mean energy of the off-pulse
emission, as narrow angles correspond to the on-pulse emission.

Interestingly, this is exactly what was observed by Boggs et al. (2007) for the 2004
giant flare, while Feroci et al. (2001) found exactly the opposite for the 1998 giant
flare. However, it should be noted that Feroci et al. measure a (100-700)/(25-150)
keV hardness ratio from BeppoSAX and Ulysses data, while Boggs et al. measure a
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4 Radiative transfer simulations of magnetar flare beaming

best-fit blackbody temperature from 20-100 keV RHESSI data, finding temperatures
from 5 to 12 keV. These energy ranges suggest that the results from Boggs et al. are
more likely to be applicable to our model. The Feroci et al. results may be caused by
a process at higher energies that is not included in our model. Alternately, if most of
the photons are around or below 25 keV, a higher mean photon energy may actually
cause a lower hardness ratio, as more photons shift into the lower band while the
higher band remains relatively unchanged.

In principle it could also be possible to test our predictions for spectral variations
with rotational phase for short bursts, as phase resolved spectroscopy data exist for
these bursts (Younes et al. 2014; Collazzi et al. 2015). However, these datasets incor-
porate many different bursts, so one would have to make some assumptions about the
properties of the fireball and the outflow between different bursts. Additionally, these
bursts might not create a fireball or an outflow, which would make some changes to
our model necessary.

4.5 More complicated geometries

The model we have considered so far has a very simple geometrical setup, with a purely
dipolar magnetic field and an outflow with the same properties everywhere outside
the fireball. So far, we have shown that this model cannot explain the observed
pulse profiles of giant flares, as those have higher amplitudes and narrower peaks
than our simulated intensity profiles. However, the assumptions of our simple model
may have oversimplified the problem. In this section, we test whether a slightly more
complicated model can create the pulse profiles observed in giant flares.

Firstly, a magnetar may well have a significant multipolar field component, which
would be the only way to trap a fireball with a shape different from a torus, and also
the only way to get more than two peaks in the pulse profile. The model proposed
by Thompson & Duncan (2001) for a four peaked pulse profile involves multiple
fireballs close together, with a narrow fan beam of radiation escaping from in between
these fireballs. Secondly, our assumption that the outflow has the same properties
everywhere outside the fireball is flawed, as most of the magnetic field lines outside
the fireball are closed, and only a small fraction of field lines open out to infinity. On
closed field lines matter will pile up, making a relativistic outflow along those field
lines impossible.

In this section we make two adaptations to our model to test the effects of changing
these two assumptions of our model. In Section 4.5.1 we adapt our model to simulate
a relativistic outflow with a small opening angle, with matter in between this outflow
and the fireball piling up on closed field lines. In Section 4.5.2 we introduce a solid
boundary with a small opening angle into our models to simulate the effect of radiation
escaping from two fireballs that are close together.
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4.5 More complicated geometries

4.5.1 A narrow relativistic outflow above the polar cap

In a realistic magnetar model, most of the matter ablated from the surface will end
up on closed field lines, as only a small fraction of field lines open out to infinity.
Matter on closed field lines will be able to flow out initially, but should pile up when
it meets matter coming from the other side of the star (assuming a symmetrical flare),
or when it physically hits the other side of the star. Thus, the relativistic outflow we
have assumed in our model so far is only feasible inside a limited bundle of field lines,
which starts as a cone with a narrow opening angle directly above the polar cap and
gradually diverges to a wide bundle of field lines opening out to infinity. The distance
at which field lines start opening out to infinity can be estimated from the trapping
luminosity given by Lamb (1982):

Ltr ≃ 2.1× 1049
(

B

Bcr

)2
( r

10 km

)2

erg s−1. (4.15)

This is the luminosity needed for radiation force to open out the field lines, which
is the relevant force when considering a radiation driven wind. Scaling from this to
typical magnetar flare parameters we find that the field lines beyond 103−104 km will
be opened out by a radiation driven outflow. From this, we use the classical equation
for the shape of a dipolar field line (r = rmax sin

2θ) to estimate the opening angle at
the surface of the bundle of field lines that open out to infinity. This gives an opening
angle at the surface in the range of 2-6 degrees.

We now adapt our model to have a relativistic outflow only inside a bundle of
field lines that opens out to infinity. This adaptation is illustrated in Figure 4.7. We
do this by defining a radius ropen = 108 cm beyond which we assume all field lines
open out. This radius defines a bundle of field lines which starts as a narrow cone
close to the surface, and opens out to cover a complete hemisphere beyond ropen.
Inside this bundle, we create a relativistic outflow with a final velocity v∞ = 0.8 c.
Outside this bundle we reduce this velocity by a factor dv = 80 to 0.01 c, simulating
matter slowly moving out as it piles up on a closed field line loop. We increase
the density outside the open bundle by the same factor, to keep the mass loss rate
constant everywhere outside the fireball, as the amount of matter ablated should not
depend on whether the field line it ends up on is open or closed. We also compute
solutions with ropen = 109 cm, and with a velocity reduction factor dv of 10 instead
of 80, to explore the effects of our assumptions. This model setup is closer to the
beaming scenario set out by Thompson & Duncan (2001) than our basic model, as
they assume a narrow jet of X-ray radiation and ablated matter, rather than a widely
spread outflow, with ablated matter outside the jet forming a sort of nozzle.

Figure 4.8 shows the results of this adaptation of our model for three different
combinations of ropen and dv. It is clear that this model is capable of creating much
stronger beaming than our basic model, as well as a more narrow beam. The ratio
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Figure 4.7: Geometry of the adaptation to our model made in Section 4.5.1. Instead of having

a (mildly) relativistic outflow everywhere outside the fireball, we model a fast outflow on narrow

bundle of field lines, assumed to be only those field lines that open out to infinity, while having a

slow outflow everywhere else, to simulate matter piling up on closed field lines. This figure is a copy

of Figure 4.1, and the labels in that figure also apply to this figure.

between maximum and minimum intensity is well above the order of magnitude or so
seen in giant flares. This means our model is able to recreate the peak/off-peak flux
ratio observed in giant flares, even for less than ideal inclination angles. Additionally,
for large ropen the intensity profile we find is very sharply peaked, enabling the sharply
peaked pulse profiles observed in giant flares.

4.5.2 A narrow scattering region between two fireballs

Magnetars may well have a magnetic field with significant multipolar components,
rather than a simple dipole structure. Thompson & Duncan (2001) sketch a picture
where two sphere-like fireballs trapped close together in a multipolar field create a fan
beam of radiation. In this section we adapt our basic model to simulate a situation
where two fireballs are close together. We do this by simply creating a hard boundary
in our model at an opening angle of 10 degrees, from the surface of the star up to a
height of 20 km above the surface, which is equal to the diameter of the fireball we use
as our base value throughout our models. While this does not simulate a multipolar
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Figure 4.8: Intensity profile of a model where there is only a relativistic outflow inside the bundle

of field lines that opens out to infinity. The radius at which we assume field lines open out to infinity
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a factor dv, which is either 80 or 10 (see legend), and the density is higher by the same factor. Solid

lines indicate the O-mode, while dashed lines indicate the E-mode. Note that the two modes overlap

for the middle model. This simulates a more realistic outflow situation, where only matter that is

on field lines that open out to infinity can form a relativistic outflow, while matter on closed field

lines piles up. This setup gives much stronger beaming than our basic model. The 0 − 9◦/81 − 90◦

intensity ratios (in order of the legend) are 35, 27 and 11, and the opening angles of of 50% intensity

are 22◦, 11◦ and 24◦.

field, it does simulate the effect of having two physical objects close together on the
surface of the star, with only a narrow area in between for radiation to escape from.

We find that the results from this adaptation of our model are identical to those
of our base model. Just as in the case of different fireball sizes, changing the physical
structure near the star has no influence on the intensity profile coming out, as nearly
all escaping photons scatter multiple times well above the fireball. Thus, creating a
narrow nozzle close to the star has no influence on the intensity profile if this nozzle
does not extend to large distance from the star, which would require a fireball of much
greater volume than any estimates suggest.
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4 Radiative transfer simulations of magnetar flare beaming

This does not mean that a multipolar field structure would have no effect on the
escaping intensity profile, as a true multipolar field setup would also create a very
different outflow from a dipolar field. Changing the geometry of the magnetic field
and the outflow would be the only way to create a pulse profile with more than one
peak per hemisphere in our models. This would require either multiple distinct open
field line bundles, or some sort of fan beam bundle of open field lines.

4.6 Conclusions

Our simulations are able to reproduce the basic properties of the rotational modula-
tion seen in the tails of magnetar flare light curves. Summarizing, our basic model
consists of a torus-shaped fireball trapped in a dipolar magnetic field with a (mildly)
relativistic outflow outside this fireball. We scatter photons through this system,
starting from the base of the fireball and letting them escape when they get suffi-
ciently far away from the star. We take Compton scattering off free electrons to be
the only form of opacity, but do include special and general relativistic light bending
effects in our model.

The angular intensity profile of our basic model only depends strongly on the
velocity of the outflow. The size of the fireball has no influence on this profile, which
matches well with observations, as most observations of the modulation in magnetar
flare light curves show very little change in the pulse profile over time. Additionally,
we find that the density, magnetic field strength and seed photon temperature only
influence the distribution of photons between the two polarization modes, as these
parameters all just have the effect of changing the total optical depth of the system,
and for the magnetic field strength and seed photon temperature the ratio between
the optical depth to E- and O-mode photons. A higher optical depth of the entire
system causes a larger intensity in the E-mode compared to the O-mode.

The velocity of the outflow does not strongly influence the ratio between the in-
tensity parallel and perpendicular to the polar axis, but it does strongly influence the
shape of the angular intensity profile, with higher velocities giving a much narrower
peak. We find the ratio between the parallel and perpendicular intensity to be ap-
proximately three for a wide range of parameters. This suggests this is a property of
the general setup of our outflow and magnetic field structure, and the Compton scat-
tering opacity in a very strong magnetic field, rather than of the specific properties
of the outflow.

A ratio between the parallel and perpendicular intensity of three can in principle
be used to explain any observed pulse profile with a ratio between maximum and min-
imum intensity of three or less, as the observed ratio depends strongly on the angle
between the rotation and polar axes of the star as well as the inclination at which we
observe it. Thus, our simple beaming model can adequately explain the pulse ampli-
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tude of most short bursts and intermediate flares that show rotational modulation in
their light curve. Our basic model can also recreate a fairly narrow angular intensity
profile, with the angle at which the intensity is at 50% of its maximum going down to
25 degrees for an outflow velocity of 0.95 c. As the pulse profiles of the modulation in
short and intermediate flares are usually fairly wide (see for example Ibrahim et al.
2001; Woods et al. 2005) our intensity profiles should be able to just about explain
the shapes of these pulse profiles.

Whether our models are applicable to short and intermediate flares is debatable,
as these flares do not necessarily have the energy to create a fireball and an outflow.
However, the results of our simple model show no dependence on the size of the
fireball, and show that the amplitude of the modulations can be created independently
of the properties of the outflow. We thus conclude that the geometry of the magnetic
field generates beaming along the magnetic axis as long as there is sufficient matter
present outside the fireball to scatter the radiation. However, this scattering matter
most likely has to come from some form of outflow. This outflow would not necessarily
have to be continuous, as long as the ejected matter does not have time to fall back
to the surface.

In the case of giant flares, our basic model clearly does not suffice to explain the
observations, both in terms of the amplitude and in terms of the shape of the pulse
profile. However, we find that with a simple adaptation these problems are alleviated.
We adapt our model to have a relativistic outflow along only those magnetic field
lines that open out to infinity, rather than everywhere outside the fireball. This is
also closer to physical reality, as a relativistic outflow along closed field lines cannot
be sustained, as matter would quickly pile up. Using this model we find a much
larger ratio between the parallel and perpendicular emission, and a narrower angular
intensity profile, both of which vary strongly with the properties assumed for the
relativistic outflow. This makes it possible to recreate the pulse/off-pulse ratio of the
giant flares of up to an order of magnitude without needing a particularly favourable
inclination axis. The angular intensity profile of this model can also be sufficiently
narrow to create the sort of sharp peaks seen in the giant flare pulse profiles (Feroci
et al. 2001; Hurley et al. 2005).

Unlike our simple model, which shows beaming regardless of the outflow velocity,
our adapted model does require a significant outflow, as that is the only natural way
to create a distinction between a narrow open field-line bundle and the rest of the
atmosphere. This leads us to the conclusion that giant flares require a radiation driven
outflow during the entire tail of the light curve to explain the observed modulations.

Our simulated intensity profiles can only be made into a prediction of the observed
pulse profile by assuming values for the inclination angle and the angle between the
magnetic axis and the rotation axis of the system. It has been shown that these angles
can be strongly constrained by modelling the pulse profile of the quiescent emission
of a magnetar (see Perna & Gotthelf 2008; Bernardini et al. 2011). Combining this
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analysis of the quiescent emission with our model for the flare emission for the same
source would greatly improve the descriptive power of our model, and would enable
us to fit the properties of the outflow in our model to the observed light curve.

Having shown that the angular intensity profile of the escaping radiation depends
mostly on the chosen size and properties of the relativistic outflow, we can now discuss
how our model could be adapted to enable the more complicated four-peaked pulse
profile seen in the 1998 giant flare (Feroci et al. 2001). Our results show that structure
close to the surface of the star does not enable a more complicated pulse profile, as the
radiation is always reprocessed higher up in the atmosphere, where the optical depth
to E-mode photons is highest (because of the scaling of the opacity with magnetic field
strength). Thus, we conclude that the way to make a more complicated pulse profile
would be by creating a geometrically different outflow, such as a fan beam, multiple
outflows per hemisphere, or simply an outflow that is not spherically symmetric.
This is not possible in a dipole magnetic field, but should be possible by introducing
multipolar components, as a more complex field structure would change the shape
of the field-line bundles that open outwards. It could also create multiple fireballs,
causing matter to ablate from multiple sections of the surface and form an outflow
with an asymmetric density profile.

While making an accurate model of the spectrum of a magnetar flare is outside
the scope of this paper, we can draw some conclusions from the average energy of the
spectra our model produces. Firstly, we find that a higher optical depth of our system
leads to a softer spectrum. This observation may be of value in interpreting spectral
changes during the tail of a magnetar flare. Additionally, we find that the emission
escaping parallel to the polar axis is harder than the emission escaping perpendicular
to the polar axis. This means that the hardness of the spectrum observed from
magnetar flares should correlate with the pulse profile. This prediction matches the
observations of the 2004 giant flare from Boggs et al. (2007), who show that the best
fit blackbody temperature of the phase-folded emission correlates with the phase-
folded light curve. Surprisingly, Feroci et al. (2001) find that for the 1998 giant flare
the (100-700)/(25-100) keV hardness ratio is anti-correlated with the pulse profile.
We believe this apparent contradiction can be explained by the fact that the lower
boundary of this hardness ratio of 25 keV falls fairly close to the peak of a typical
magnetar spectrum. Therefore, the spectrum shifting to higher energy can actually
cause a lower hardness ratio in this case, by shifting more counts into the denominator
of the ratio without significantly affecting the numerator.

Our results show only a moderate difference between the angular intensity profile
between the two polarization modes. However, the distribution of photons between
the two polarization modes is strongly variable with the various physical parameters
(velocity, density, seed photon temperature, magnetic field strength) of our model.
This means that future X-ray polarimetry missions, such as XIPE (Soffitta et al. 2013),
IXPE (Weisskopf et al. 2014), XTP (Dong 2014) and PRAXYS (Jahoda et al. 2015)
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could be able to add significant value to magnetar flare observations, by tracking what
happens to the polarization signature during the tail of a magnetar flare. Because
the photon mode distribution may change while the pulse profile does not, this would
add valuable constraints to any attempt to fit magnetar flare light curves using the
model set out in this paper.

In conclusion, we find that the model for magnetar flare beaming set out in this
paper, as based on the model proposed by Thompson & Duncan (2001), works well to
simulate the rotational modulations observed in these flares. We believe this model
is a promising way to fit light curves of the tails of magnetar flares, as such fits will
provide constraints on the field structure of the magnetar and the properties of the
expected relativistic outflow. These constraints can be made stronger by including
the results of fits to the quiescent emission, as well as changes in the spectrum and
the polarization of the observed radiation.
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Nederlandse Samenvatting

Dit proefschrift is een studie naar de invloed van de straling uitgezonden door een
magnetar op haar atmosfeer, en naar de invloed van de atmosfeer op de straling. Een
magnetar is een type neutronenster met een extreem sterk magneetveld. Een neutro-
nenster is een van de eindproducten van de evolutie van sterren, en wordt gevormd
wanneer een massieve ster (8-30 keer de massa van de zon) al haar brandstof voor
kernfusie heeft opgebruikt. Wanneer deze brandstof op is produceert de ster niet lan-
ger de energie vereist om tegendruk te leveren aan de zwaartekracht, en stort in. Deze
ineenstorting veroorzaakt een explosie, die bekend staat als een supernova, waarbij
het grootste deel van het materiaal waar de ster uit bestaat wordt weggeblazen. De
kern van de ster blijft echter achter. Omdat in deze kern geen kernfusie meer plaats-
vindt stort deze onder invloed van de zwaartekracht in tot een veel kleiner object:
een neutronenster. Een neutronenster heeft een massa van één tot drie keer de massa
van de zon, maar een diameter van slechts ongeveer 20-30 km. Zodoende heeft een
neutronenster een veel hogere dichtheid dan enig ander type object in het universum
(wellicht met uitzondering van een zwart gat, afhankelijk van de gekozen definities
van ‘dichtheid’ en ‘object’).

De voornaamste reden om neutronensterren te bestuderen is dat dit de enige ma-
nier is om te bestuderen hoe materie zich gedraagt bij de extreem hoge druk en
dichtheid die voorkomen in een neutronenster. Op elementair niveau verwachten we
dat wanneer materie zo ver samengedrukt wordt, atomen uiteen vallen in hun ele-
mentaire deeltjes (protonen, neutronen en elektronen), en dat protonen en elektronen
fuseren tot neutronen. De materie die overblijft zou zodoende voornamelijk bestaan
uit neutronen, en dit is ook waar de naam neutronenster vandaan komt. Tegen-
woordig weten we echter dat de werkelijke samenstelling van een neutronenster veel
ingewikkelder is. Er bestaan meerdere theorieën voor wat er gebeurt als materie nog
verder samengeperst wordt, en voor wat er gebeurt in de tussenliggende stadia. Het
testen van deze theorieën is een van de voornaamste doelen van het onderzoek naar
neutronensterren, en het bestuderen van neutronensterren is de enige manier om deze
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fundamentele fysica te testen, want de condities in een neutronenster kunnen niet
nagebootst worden in een laboratorium.

Een magnetar is een speciaal type neutronenster, dat niet alleen een zeer hoge
dichtheid heeft maar ook een extreem sterk magneetveld. Neutronensterren waren al
de sterkst bekende magneten in het universum toen magnetars ontdekt werden, en
bleek dat deze een magneetveld hebben dat nog tussen de honderd en tienduizend
keer zo sterk is als dat van een typische neutronenster. De typische sterkte van het
magneetveld van een magnetar is ongeveer honderd miljard (1011) Tesla, ruim hon-
derd miljoen keer zo sterk als het sterkste magneetveld gemaakt in een laboratorium.
Magnetars bieden zodoende een unieke mogelijkheid om te bestuderen hoe materie
zich gedraagt bij de sterkst mogelijke magneetvelden.

Magnetars werden voor het eerst waargenomen in de jaren ’70 en ’80, in de vorm
van een vreemd soort repeterende uitbarstingen van gammastraling, waarvan de oor-
sprong onbekend was. De objecten die deze uitbarstingen produceerden werden SGRs
(soft gamma-repeaters) genoemd, en hoewel de uitbarstingen van SGRs gelijkenissen
vertoonden met bekende uitbarstingen van neutronensterren in röntgenstraling werd
er gedacht dat SGRs geen neutronensterren konden zijn, omdat er teveel energie vrij
kwam bij deze uitbarstingen. De energie die gewone neutronensterren uitzenden komt
ofwel voort uit de rotatie van de ster, zodat deze afremt, ofwel uit materie van een
andere ster die op de neutronenster valt. SGRs leken echter geen begeleidende ster te
hebben waarvan zij materie zouden kunnen ontvangen, en roteerden niet voldoende
snel om hun uitbarstingen te verklaren met rotatie. Uiteindelijk werd voorgesteld
dat deze objecten verklaard konden worden als een neutronenster met een extreem
sterk magneetveld, en dat de energie benodigd voor de geobserveerde emissie voort
kon komen uit dit magneetveld. Sindsdien zijn er vele magnetars waargenomen, in
verschillende vormen van emissie.

Veel magnetars worden waargenomen door hun korte SGR uitbarstingen. Dit
zijn korte (meestal duren ze minder dan een seconde) heldere flitsen van straling op
het grensgebied tussen röntgen- en gammastraling. Sommige van deze magnetars
vertonen ook grotere uitbarstingen, de zogenaamde intermediate flares, waarbij meer
energie wordt uitgezonden. Deze uitbarstingen hebben ook een kort helder deel,
maar blijven daarna vaak nog enkele minuten stralen met minder hoge helderheid.
Vervolgens zijn er de reuzenflitsen, of giant flares, een van de helderste fenomenen
in ons universum. Slechts drie reuzenflitsen zijn ooit waargenomen, in 1979, 1998
en 2004. Elk van deze drie reuzenflitsen werd waargenomen door alle satellieten die
in staat waren om röntgen- en/of gammastraling waar te nemen, onafhankelijk van
of de satelliet op het moment van de reuzenflits in de juiste richting keek. Deze
reuzenflitsen vertonen eenzelfde soort gedrag als de intermediate flares: een korte en
extreem heldere flits, gevolgd door iets minder heldere straling die geleidelijk uitdooft
in de loop van vijf à tien minuten. Tot slot worden magnetars ook waargenomen
als AXPs (anomalous X-ray pulsars). Deze magnetars zenden continu een smalle
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bundel röntgenstraling uit, die wij waarnemen als pulsen doordat deze bundel door
ons gezichtsveld zwaait met het roteren van de ster.

Sinds hun ontdekking is er veel werk verricht om de eigenschappen van magnetars
te proberen te begrijpen, maar er zijn nog veel gaten in onze kennis van deze objec-
ten. Veel van de waarneembare eigenschappen zijn nog niet volledig verklaard, en
theoretische modellen zijn vaak nog niet grondig getoetst aan observaties. Dit proef-
schrift probeert dat laatste aan te pakken, met numerieke berekening gebaseerd op de
bekende theoretische modellen van magnetars. De resultaten van deze berekeningen
kunnen vervolgens vergeleken worden met observaties.

Hoofdstuk 2 en Hoofdstuk 3 van dit proefschrift gaan over de invloed van uitbar-
stingen van magnetars op hun atmosfeer. Straling die interacteert met materie oefent
een kleine kracht uit op deze materie. Op aarde is deze kracht over het algemeen erg
zwak, maar in uitbarstingen van neutronensterren (en ook in sommige andere typen
sterren) kan de straling dusdanig intens zijn dat deze kracht even sterk wordt als de
zwaartekracht. Wanneer dit gebeurt kan een deel van de atmosfeer van de ster weg-
geblazen worden als een uitstroom. Het is ook mogelijk dat de lichtkracht voldoende
sterk is om de zwaartekracht tegen te gaan, maar niet om materie van de ster af te
blazen. Dit is wat er gebeurt in zogenaamde PRE (photospheric radius expansion)
uitbarstingen van accreterende neutronensterren. Een PRE uitbarsting komt voor als
een accreterende neutronenster een plotselinge explosie van kernfusie ondergaat, en
de hierbij vrijkomende straling de atmosfeer van de neutronenster doet uitzetten van
zijn normale hoogte van een paar meter tot een hoogte van wel honderd kilometer.

Tijdens een PRE uitbarsting zet de atmosfeer van de neutronenster op een ge-
lijkmatige manier uit tot een hoogte van tien tot honderd kilometer, zonder dat de
atmosfeer hierbij instabiel wordt en er materie wordt weggeblazen door de stralings-
kracht. Om een PRE uitbarsting te kunnen ondergaan moet een ster dus een zeer
grote stabiele atmosfeer kunnen hebben, waarin de stralingskracht de zwaartekracht
compenseert zonder materie van de ster af te blazen.

De uitzetting van de atmosfeer tijdens een PRE uitbarsting zorgt ervoor dat de
bovenste regionen van de atmosfeer afkoelen, doordat deze verder verwijderd raken
van de hete ster. Dit zorgt ervoor dat de straling die aan de bovenkant uit de atmos-
feer ontsnapt minder energetisch wordt, waardoor deze onder het energiebereik van
de röntgensatellieten waarmee deze straling wordt waargenomen valt. Wanneer de
ster weer minder helder wordt aan het eind van de uitbarsting krimpt de atmosfeer
weer, waardoor deze ook weer heet genoeg wordt om waarneembare röntgenstraling
uit te zenden. Zodoende veroorzaakt een PRE uitbarsting een lichtkromme in rönt-
genstraling die uit twee pieken bestaat, doordat in het midden de straling tijdelijk
niet waarneembaar is. Omdat de lichtkracht waarbij de stralingskracht gelijk is aan
de zwaartekracht (de Eddington lichtkracht) een relatief eenvoudige functie van de
massa en de straal van de ster is, en omdat een PRE uitbarsting voorkomt wanneer
de lichtkracht van de neutronenster precies gelijk is aan deze Eddington lichtkracht,
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kunnen observaties van PRE uitbarstingen gebruikt worden om informatie te verkrij-
gen over de relatie tussen de massa en de straal van een neutronenster. Het meten van
deze massa-straal verhouding is de voornaamste manier om theorieën over de precieze
inwendige samenstelling van neutronensterren te testen.

In 2008 vertoonde de magnetar SGR 0501+4516 een uitbarsting met een licht-
kromme met twee pieken, lijkende op de lichtkrommes van PRE uitbarstingen van
gewone neutronensterren. Deze waarneming leidde tot de theorie dat bij deze mag-
netar wellicht ook PRE voortkwam. In Hoofdstuk 2 heb ik modellen gemaakt van de
atmosfeer van een magnetar om te testen of magnetars inderdaad PRE uitbarstingen
kunnen hebben. Deze modellen zijn gemaakt door het oplossen van de differentiaal-
vergelijkingen die de structuur van een stabiele atmosfeer beschrijven. Door in de
modellen de lichtkracht steeds verder te verhogen heb ik deze atmosferen zo groot
mogelijk geprobeerd te maken, om te testen of magnetars de grote, stabiele, door
stralingskracht ondersteunde atmosferen kunnen hebben die noodzakelijk zijn voor
een PRE uitbarsting.

De conclusie van Hoofdstuk 2 is dat magnetars geen atmosfeer kunnen hebben
met een hoogte van meer dan een paar meter. Dit in tegenstelling tot gewone neu-
tronensterren, waar hoogtes tot 200 km mogelijk zijn. Deze conclusie betekent tevens
dat PRE niet optreedt in magnetars. Het grote verschil met gewone neutronensterren
wordt veroorzaakt door een groot verschil in de opaciteit voor fotonverstrooiing tus-
sen gewone neutronensterren en magnetars. De opaciteit beschrijft hoe makkelijk een
foton verstrooit in een gas, en dus hoeveel interacties een foton dat zich voortbeweegt
door een gas heeft met de gasdeeltjes. Het aantal interacties bepaalt de sterkte van de
stralingskracht die door de fotonen op het gas wordt uitgeoefend. Terwijl bij gewone
neutronensterren de opaciteit vrijwel constant is door de hele atmosfeer, is bij magne-
tars de opaciteit sterk variabel met hoogte in de atmosfeer, vanwege het effect van het
magneetveld. Dit maakt het onmogelijk om door de hele atmosfeer een stralingskracht
te hebben die precies de zwaartekracht opheft: ofwel de stralingskracht is te sterk aan
de buitenkant van de atmosfeer, zodat een deel van de atmosfeer wordt weggeblazen,
of de stralingskracht is te zwak onderin de atmosfeer, zodat de atmosfeer van onder
niet ondersteund wordt. Zodoende is het onmogelijk voor een magnetar om de grote,
stabiele, door stralingskracht ondersteunde atmosfeer te hebben die noodzakelijk is
voor PRE.

Deze conclusie werpt een nieuwe vraag op: wat gebeurt er wel wanneer een mag-
netar zoveel straling uitzendt dat de stralingskracht sterker is dan de zwaartekracht?
Het antwoord op deze vraag is dat een deel van de atmosfeer van de magnetar weg-
geblazen moet worden in een uitstroom. In Hoofdstuk 3 heb ik uitstromen van mag-
netars gemodelleerd, om de eigenschappen van dergelijke uitstromen te voorspellen,
en te onderzoeken of deze uitstromen waarneembaar zouden kunnen zijn. Dit zijn
modellen van stationaire stralingsgedreven winden, wat wil zeggen dat de snelheid
van de uitstroom constant is in de tijd, en dat de uitstroom veroorzaakt wordt door

108



de stralingskracht. Deze modellen bestaan wederom uit het oplossen van de differen-
tiaalvergelijkingen die de structuur van een atmosfeer beschrijven, maar nu met een
naar buiten gerichte snelheid overal in de atmosfeer. Het oplossen van deze vergelij-
kingen wordt gecompliceerd door de aanwezigheid van een zogenaamd kritisch punt.
Dit is het punt waar de uitstroomsnelheid de snelheid van het geluid doorbreekt,
en dit punt moet met speciale aandacht behandeld worden bij het oplossen van de
structuurvergelijkingen.

Mijn uitstroommodellen geven drie typen oplossing. Het eerste type kruist het
kritische punt, maar wordt daarbuiten onfysisch, doordat de temperatuur onder het
absolute nulpunt terecht komt. Dit is een wiskundig correcte oplossing van de ver-
gelijkingen, maar een oplossing die fysisch niet zinvol is. Het tweede type oplossing
kruist ook het kritische punt, maar remt hierbuiten weer af, kruist het kritische punt
nogmaals, en blijft afremmen. Deze uitwaartse afname van de snelheid veroorzaakt
ook een onfysische situatie, want doordat de snelheid naar buiten toe snel afneemt
blijft de dichtheid van de uitstroom constant op een vrij hoge waarde tot op oneindige
afstand, terwijl in werkelijkheid de dichtheid af zou moeten nemen tot de zeer lage
dichtheid van de interstellaire ruimte. Het derde type oplossing bereikt het kritische
punt nooit, in dit type oplossing begint de snelheid al af te nemen voor deze de ge-
luidssnelheid bereikt. Zodra de snelheid af begint te nemen komt dit oplossingstype
in dezelfde onfysische situatie als het tweede type. Dergelijke oplossingen die onfy-
sisch zijn vanwege een constante dichtheid naar buiten toe waren reeds bekend uit de
theorie van uitstromen op andere typen sterren.

Omdat alle gevonden oplossingen onfysisch zijn, concludeer ik dat magnetars geen
stationaire stralingsgedreven uitstromen hebben. In plaats hiervan moeten uitsromen
van magnetars niet-stationair zijn, wat betekent dat de uitstroom versnelt en afremt
op korte tijdsschalen. Zulke uitstromen kunnen alleen beschreven worden met volledig
tijdsafhankelijke modellen. Deze intrinsieke variabiliteit in uitstromen van magnetars
maakt ook dat het moeilijk zal zijn om eventuele observaties van deze uitstromen te
gebruiken om eigenschappen van de ster te bepalen.

Nadat ik in Hoofdstuk 2 en 3 heb bestudeerd hoe de emissie van een magnetar
haar atmosfeer beïnvloedt, kijk in in Hoofdstuk 4 naar het tegenovergestelde effect,
door te modelleren hoe de atmosfeer de eigenschappen van de emissie beïnvloedt. Om
precies te zijn heb ik simulaties gemaakt van de beaming van magnetaremissie tijdens
de laatste fase van een reuzenflits. Beaming betekent dat de emissie sterker is in
sommige richtingen dan in anderen. We weten dat dit effect voorkomt bij reuzenflitsen
doordat observaties laten zien dat de intensiteit van de emissie sterk varieert in een
patroon van pulsen, dat zich herhaalt op een tijdsschaal gelijk aan de rotatieperiode
van de magnetar. Binnen een rotatieperiode van de magnetar zien we de ster van
verschillende kanten, en doordat de straling gebeamed is ontvangen we de straling
met een variërende intensiteit.

Deze beaming was al eerder kwalitatief verklaard, en ik heb deze beschrijving nu
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kwantitatief gemaakt met een numeriek model. Dit model bestaat uit een Monte
Carlo stralingstransportmodel, dat de eigenschappen van de straling berekend zoals
die ontsnapt aan de atmosfeer. Hiervoor heb ik gebruik gemaakt van een eenvoudige
beschrijving van de structuur van de atmosfeer van de magnetar, gebaseerd op het
vuurbalmodel voor magnetar reuzenflitsen beschikbaar in de literatuur. Een Monte
Carlo model werkt als volgt: in plaats van alle eigenschappen van de ontsnappende
straling in een keer te proberen te beschrijven met behulp van complexe vergelijkingen,
wordt simpelweg één foton dat door de atmosfeer propageert gesimuleerd. Wanneer er
meerdere opties zijn voor wat er met het foton gebeurt wordt willekeurig een van deze
opties gekozen, rekening houdend met de waarschijnlijkheid van deze optie. Wanneer
het foton de atmosfeer verlaat wordt een nieuw foton gesimuleerd, om zo uiteindelijk
miljoenen fotonen te simuleren. De eigenschappen van de ontsnappende straling in
het algemeen kunnen vervolgens statistisch bepaald worden uit de eigenschappen van
de individuele fotonen.

Het vuurbalmodel voor magnetar reuzenflitsen voorspelt dat tijdens een reuzenflits
een grote hoeveelheid elektronen en positronen wordt gecreëerd, en dat deze gevangen
worden in het magneetveld, en zo een vuurbal vormen. Deze vuurbal krimpt geleide-
lijk naarmate hij zijn energie verliest door straling uit te zenden, die vooral ontsnapt
aan de voet van de vuurbal, dicht bij het oppervlak van de magnetar. Buiten de
vuurbal veroorzaakt de sterke ontsnappende straling een uitstroom, en de ontsnap-
pende fotonen verstrooien in deze uitstroom op weg naar buiten. Hoofdstuk 4 laat
zien dat een simpel model voor de structuur van de vuurbal en de eigenschappen
van de uitstroom buiten de vuurbal voldoende is om de geobserveerde beaming van
de emissie te modelleren, waarbij de precieze sterkte van de beaming vooral afhangt
van de structuur van het magneetveld, en de vorm en snelheid van de aangenomen
uitstroom. Dit model is zodoende een veelbelovende manier om waarnemingen van
reuzenflitsen te bestuderen, en deze waarnemingen te gebruiken om meer te weten te
komen over magnetars.
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Summary

In this thesis, I have studied how the emission of a magnetar influences its atmosphere,
and how the atmosphere influences the emission. A magnetar is a type of neutron
star with an extremely strong magnetic field. In turn, a neutron star is one of the
end products of stellar evolution, and is formed when a massive star (8-30 times the
mass of the sun) has used up all its fuel for nuclear fusion. When this happens,
the star collapses, as it no longer creates the energy needed to support itself against
gravity. This collapse causes an explosion known as a supernova, which causes most
of the material the star was made of to be blown away. However, the core of the
star remains. Because the material in the core is no longer supported against gravity
by the pressure generated by nuclear fusion, it collapses into a much smaller object.
This is a neutron star. A neutron star has a mass between one and three times the
mass of the sun, but a diameter of only about 20-30 km. This means that a neutron
star is much denser than any other type of object in the universe (with the possible
exception of black holes, depending on the definitions of ‘density’ and ‘object’).

The main reason for studying neutron stars is that this is the only way to study
what happens to matter at the extreme pressure and density of a neutron star. In
terms of simple physics, we expect that when matter is compressed, atoms break apart
into their component particles (protons, neutrons and electrons) and protons and
electrons are fused into neutrons, creating matter that mostly consists of neutrons.
This is where the name neutron star comes from, although we now know that the
actual composition of a neutron star is much more complicated. There are different
theories for what happens to matter when it is compressed even further, as well as
for what happens in the several intermediate stages. Testing these theories, and thus
gaining a better understanding of the fundamental physics of matter, is one of the
key goals of neutron star research, and neutron stars are essential to this work, as the
extreme environment of a neutron star cannot be simulated in a laboratory.

A magnetar is a special type of neutron star, which in addition to being extremely
compact also has an extremely strong magnetic field. Neutron stars were already the
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strongest magnets known in the universe, when magnetars were discovered to have
a magnetic field between a hundred and ten thousand times stronger than that of
a typical neutron star, giving them a magnetic field of approximately one hundred
billion (1011) Tesla. This is approximately a hundred million times stronger than the
strongest magnetic fields made in laboratories. Thus, magnetars are a unique testing
ground for what happens to matter at the highest possible magnetic field strengths.

Magnetars were first observed in the 1970s and ’80s as a strange type of repeating
gamma-ray burster, the origin of which was unknown. While these bursts resembled
X-ray bursts observed from normal neutron stars, it was initially thought that the
objects producing these bursts, called soft-gamma repeaters (SGRs) could not be
neutron stars, as the bursts were too energetic. Neutron stars typically emit energy
that either comes from their own rotation, slowing down as they do so, or which
comes from material from another star that falls onto the neutron star. The SGRs
did not show any evidence of having a companion star from which they could receive
material, and did not rotate quickly enough to be powered by rotation. In the end
it was proposed that these observations could be explained by a neutron star with
an extremely strong magnetic field, and that the energy for the observed emission
could come out of this magnetic field. Since then, we have observed many different
magnetars, in several different ways.

Many magnetars are seen through their SGR bursts, which are short (usually less
than a second in duration) bright flashes of radiation on the edge between X-ray
and gamma-ray radiation. Some of these magnetars also show larger bursts, called
intermediate flares, which emit more energy. These bursts also have a fast bright part,
but regularly also continue to emit slightly less brightly for several minutes after the
initial flash. Then there are the giant flares, which are some of the brightest events
in our universe. Only three of these have ever been observed, in 1979, 1998 and
2004. Each time one of these giant flares occurred, it was observed by every single
satellite capable of detecting X-rays or gamma-rays, regardless of whether the satellite
was pointing in the right direction. These giant flares show similar behaviour to the
intermediate flares: a short extremely bright flash, followed by slightly less bright
emission that gradually fades away over a timespan of five to ten minutes. Finally,
magnetars are observed as anomalous X-ray pulsars (AXPs), emitting a continuous
narrow beam of X-ray radiation. We observe this beam as pulses of radiation, as the
beam crosses our line of sight as the magnetar rotates.

Since their discovery much work has been done on understanding the properties
of magnetars. However, there are still many gaps in our knowledge of these objects.
Many of the observed properties of these objects have not been fully explained, while
many of the theoretical models that do exist have not been fully tested. I have at-
tempted to address part of that second problem in this thesis, by performing numerical
calculations based on theoretical models of how magnetars are believed to work. The
results of these computations can then be compared to observations.
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Chapters 2 and 3 of this thesis are about the influence of magnetar bursts on
the atmosphere of the magnetar. When radiation interacts with matter, it exerts a
small force on that matter. This force is usually too weak to be significant on earth,
but in bursts of radiation from neutron stars (as well as several other types of star),
the radiation can be sufficiently intense to let this force become as strong as gravity.
When this happens, part of the atmosphere of the star may be blown away, creating
an outflow. It is also possible that the luminosity is sufficient to counteract gravity,
but not to blow matter away from the star. This is what happens in photospheric
radius expansion (PRE) bursts on accreting neutron stars, where the radiation force
from a thermonuclear explosion deep in the surface layers causes the atmosphere to
expand from its normal size of a few metres to a size of up to a hundred kilometres.

When a neutron star undergoes a PRE burst its atmosphere gradually evolves
from its normal height of a few metres to a height of between ten and a hundred
kilometres, without ever becoming unstable and having its matter blown away by the
strong radiation force. Thus, for a star to be able to have PRE bursts, it has to
be able to have very large stable atmospheres, that are supported against gravity by
radiation forces without being blown away by them.

The expansion of the atmosphere during a PRE burst causes the outer regions of
the atmosphere to cool down, as they get much further away from the hot star. This
causes the radiation emitted by the atmosphere to become less energetic, which in
turn causes it to fall below the energy range of the X-ray satellites used to detect these
bursts. When the luminosity goes down towards the end of the burst the atmosphere
contracts again, heats up, and emits in the X-ray range once more. All in all, this
event causes the observed X-ray light curve to have a big dip in the middle where
the radiation was not detectable. Because the radiation intensity at which radiation
force balances gravity (the Eddington luminosity) is a relatively simple function of
the mass and radius of the neutron star, observations of PRE events can be used
to constrain the mass-radius relation of neutron stars, which is extremely useful in
constraining theories of the internal composition of neutron stars.

In 2008 the magnetar SGR 0501+4516 showed a double-peaked light curve similar
to the light curves of neutron stars exhibiting PRE. This led to the theory that this
magnetar might also be undergoing a PRE event. In Chapter 2 I have created models
of the atmosphere of a magnetar to test whether magnetars can have PRE bursts.
These models are made by solving the differential equations of stellar structure for
a stable magnetar atmosphere. By increasing the luminosity going through these
atmosphere models, I have tried to make the atmospheres as large as possible, to see
if magnetars can have the large, stable, radiation supported atmospheres required for
a PRE event to occur.

The result of this work is that magnetars cannot have a stable atmosphere higher
than a few metres, in contrast to regular neutron stars which can have stable at-
mospheres up to 200 km high. This also means that magnetars cannot have PRE
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bursts. This large difference is caused by the fact that the scattering opacity is very
different in magnetars. The opacity describes how easily a photon scatters in a gas,
and thus how many interactions it has as it travels through the gas, which deter-
mines the amount of radiation force it exerts on the matter. For normal neutron
star atmospheres, the opacity is almost constant throughout the atmosphere, but in
magnetars it changes greatly between different heights because of the effects of the
magnetic field. This makes it impossible for the radiation force to exactly cancel out
gravity everywhere in the atmosphere: either the radiation force is too strong far out,
blowing part of the atmosphere away, or it is too weak close to the star, so that the
atmosphere is not supported at the bottom. Thus, magnetars cannot have the large
atmospheres supported by radiation force required for PRE.

This conclusion throws up a new question: what does happen when a magnetar
emits enough radiation for the radiation force to overcome gravity? The answer is
that the magnetar must blow away part of its atmosphere, creating an outflow. In
Chapter 3 I have modelled outflows from magnetars, to try to predict the properties
of such outflows, and see if they might be observable. These are models of stationary
radiation driven winds, which means that the velocity at a single point in the model
does not change over time, and the force driving the outflow is the radiation force.
These models again consist of numerically solving the differential equations describing
the structure of the atmosphere, which now has an outwards velocity throughout.
These solutions are complicated by the existence of a so-called critical point. This is
the point where the velocity of the outflow crosses the speed of sound, and this point
has to be treated with special care in solving the structure equations.

My outflow models have three types of solution. The first type of solution crosses
the critical point, but then becomes unphysical, as the temperature crosses absolute
zero. This is a mathematically correct solution to the problem, but one that does
not make physical sense. The second type also crosses the critical point, but then
slows down, crosses the critical point again, and continues to slow down outwards.
This outwards decrease of the velocity also causes an unphysical situation, because
the rate at which it decreases causes the density to become a high constant value all
the way out to infinity. In reality, the density should drop to the near-zero density
of interstellar space. The third type of solution never crosses the critical point as the
outflow velocity already starts to decrease down before it gets to the speed of sound.
Once the velocity starts to decrease this type of solution has the same problem of
constant density as the second type. These types of solution that are unphysical
because the density becomes constant were already known from outflows on other
types of stars.

Because I do not find any physically sensible solutions, I conclude that magnetars
cannot have stationary radiation driven outflows. Instead, outflows from magnetars
have to be non-stationary, meaning that they accelerate and slow down on short
timescales, and thus have to be modelled in a fully time dependent manner. This
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intrinsic variability will also make it difficult to use observations of outflows to study
the properties of these stars.

Having looked at how a magnetar’s emission alters its atmosphere in Chapters 2
and 3, I have studied the opposite effect in Chapter 4, modelling how the atmosphere
affects the properties of the emission. In particular, I have simulated the beaming of
magnetar emission during the last phase of a giant flare. Beaming means that the
emitted radiation is stronger in some directions than in others. We know that this
beaming exists, as observations of giant flares show that the intensity of the observed
emission varies strongly in a repeating pulse pattern, and that the duration of this
pattern equals the rotation period of the magnetar. As the magnetar rotates we see it
from different directions, and because the radiation is beamed we receive a different
amount of radiation.

This beaming was already described qualitatively, but my model makes these
predictions quantitative for the first time. I set up a simple atmosphere structure,
following the fireball model for magnetar flares as described in the literature, and used
a Monte Carlo radiation transfer method to calculate the properties of the radiation
escaping this atmosphere. In a Monte Carlo method, instead of trying to describe all
the properties of the escaping radiation at once, you simply simulate a single photon
as it scatters through the model atmosphere. Any time there are multiple options for
what happens to this photon an option is chosen at random, taking into account the
probability for that option to happen. When this photon escapes the atmosphere,
you start again with another photon, in the end simulating millions of photons. This
way, the overall properties of the escaping radiation can be calculated statistically
from the properties of the escaped photons.

The fireball model for magnetar flares predicts that during a magnetar burst,
a large volume of electrons and positrons will be created, and these will become
trapped in the magnetic field, forming a fireball. This fireball then gradually shrinks,
as it loses its energy by emitting radiation. This radiation mostly escapes at the
base of the fireball, close to the surface of the magnetar. Outside this fireball the
strong radiation will cause an outflow, and the escaping radiation scatters through
this outflow on its way out of the atmosphere. I find that a simple model for the
structure of the fireball and the properties of the outflow is enough to recreate the
observed amount of beaming, with the exact amount of beaming depending mostly on
the magnetic field structure, and the shape and the velocity of the assumed outflow.
This makes this model a promising way to fit observations of giant flares, and to use
these observations to learn more about the objects that emitted them.

115





Acknowledgements

First of all, I would like to thank my supervisors Ralph and Anna, for giving me the
opportunity to do a PhD in the first place and for supporting me throughout. Ralph:
I have at times summarised my PhD arrangements as ‘Ralph pays me to work for
Anna,’ but while that gives a reasonable idea of the area I have worked in it does
not accurately reflect your contribution. Even though my project ended up far away
from what you originally planned for me to do, and completely removed from what
the rest of your group was working on, you were always able to offer helpful insights
and advice, and it was always a pleasure to talk to you and listen to your anecdotes.
Anna: Thank you for convincing Ralph to hire me in the first place, and for all your
help and support. You may have saddled me with a slightly more difficult problem
than you anticipated when I started my masters thesis with you five years ago, but
it has been an interesting journey nonetheless, and I have enjoyed working with you
throughout.

Next, I would like to thank the many colleagues who have helped me to get through
and/or enjoy my PhD in various ways. Yuri, thanks for helping me with all kinds of
minor programming issues, and for patiently guiding me through the major issue of
general relativity. Caroline, thanks for your help on my first paper, as well as your
support later on. Thanks to the rest of the neutron star theory group for the group
meetings which were often interesting and occasionally enlightening. Thanks to my
climbing buddies for many enjoyable vertical evenings; especially to Oscar without
whom my plan to go climbing would have ended before it started. Thanks to the
pathfinder group for many fun adventures, and especially to Daniela for organising
them. I also want to thank my many office mates throughout the years: the fact that
I did not take the opportunity to move to a more private office when offered is all I
need to say about how much I have appreciated your company.

Special thanks go out to Rik and Tullio: we have gone through six years of Masters
and PhD together, and I could not have asked for two better people to share my
journey with.

117



4 Acknowledgements

I would also like to thank the API in general, and all the people who make it such
a nice institute to be part of. The fact that everyone is always happy to help with
anything regardless of whether it is part of their job description makes the API a
great place to work, and the great social atmosphere makes it a very nice institute to
be part of.

I owe many thanks to my family: my parents Dick and Marjolijn and my sister
Saskia and her boyfriend Binyam. It is easy to take your family for granted, but I do
appreciate how special it is to have such a great and supportive family.

Finally, my deepest thanks to Estrelle. When I started my PhD we had only just
moved in together, while now I can call you my wife. I cannot imagine how the last
four years would have been without you, but I do know they would have been a lot
worse, and I look forward to sharing my future with you.

Thijs van Putten
Den Haag, January 8 2016

118


	Introduction
	Neutron stars
	Magnetars
	Radiation transfer around magnetars
	This thesis

	Models of hydrostatic magnetar atmospheres at high luminosities
	Introduction
	Model
	Results
	Maximum luminosity
	Additional physics
	Conclusions
	Details of the scattering cross section equation

	Models of stationary radiation driven outflows from magnetars
	Introduction
	Input physics
	Numerical approach
	Results
	Conclusions

	Radiative transfer simulations of magnetar flare beaming
	Introduction
	Model setup
	Numerical method
	Results
	More complicated geometries
	Conclusions

	Bibliography
	Contribution from co-authors
	Nederlandse Samenvatting
	Summary
	Acknowledgements

