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55 X-Ray spectra from protons illuminating a 
neutronn star 

B.B. Deufel, C.P. Dullemond , B.C. Spruit 

Abstract.. We consider the interaction of a slowly rotating unmagnetized 
neutronn star with a hot (ion supported, ADAF) accretion flow. The viri -
alizedd protons of the ADAF penetrate into the neutron star atmosphere, 
heatingg a surface layer. Detailed calculations are presented of the equi-
libriumm between heating by the protons, electron thermal conduction, 
bremsstrahlungg and multiple Compton scattering in this layer. Its tem-
peraturee is of the order 40-70 keV. Its optical depth increases with the 
incidentt proton energy flux, and is of the order unity for accretion at 
10_ 2-10_11 of the Eddington rate. At these rates, the X-ray spectrum 
producedd by the layer has a hard tail extending to 100 keV, and is simi-
larr to the observed spectra of accreting neutron stars in their hard states. 
Thee steep gradient at the base of the heated layer gives rise to an excess 
off  photons at the soft end of the spectrum (compared to a blackbody) 
throughh an 'inverse photosphere effect'. The differences with respect to 
previouss studies of similar problems are discussed, they are due mostly 
too a more accurate treatment of the proton penetration process and the 
verticall  structure of the heated layer. 

5.11 Introduction 

Thee spherical accretion of matter onto the surface of an unmagnetized neutron star 
(NS)) has attracted much attention since Zel'dovich & Shakura (1969) [henceforce 
ZS69]]  first addressed this problem more than thirty years ago. As a model for the 
thenn newly discovered X-ray stars, these authors considered a neutron star whose 
surfacee was heated by radially infalling gas, and modeled this gas as consisting of 
freelyy falling ions. A hot X-ray emitting layer is formed, the temperature of which 
dependss on the penetration depth of the protons into the atmosphere of the star. 
Thee model could reproduce the observed hard X-rays, but was eclipsed by accretion 
diskk models once it was realized that accretion is not radial because of the angular 
momentumm constraint. The disk model, however, only explains the sub-keV part 
off  NS spectra, somewhat in contradiction with observed spectra. In addition to the 
opticallyy thick disk, an additional source of hot gas thus had to be found to produce 
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thee hard X-rays. This was proposed in the form of the so-called two-temperature 
accretionn flows (Shapiro et al. 1976; Ichimaru 1977; Rees et al. 1982; Narayan & Yi 
1994,, 1995a). In this form of accretion, now called ADAF, the flow is geometrically 
thick,, supported by virialized protons, while the electrons stay at a lower temperature 
aroundd 100 keV due to their high radiative energy losses and the low rate at which 
Coulombb interactions transfer accretion energy from the ions to the electrons. 

Whilee it is not entirely clear at the moment how such a flow would originate 
fromm the cool disk present at larger distances from the star's surface, the observed 
hardd X-ray component is often taken as an indication of its existence. If accretion 
nearr the star takes indeed place in the form of such a two-temperature plasma, the 
star'ss surface is exposed to protons with energies around 50 MeV, and the physics is 
veryy much like the model proposed by ZS69. It is therefore interesting to pick up this 
linee of theory and revisit proton-injection models in context of NS-ADAF accretion. 

Inn ZS69 the importance of the penetration depth of the accreted protons for 
thee outcoming spectrum was recognized. The penetration length in terms of the 
amountt of material required to stop the protons was estimated and used as a model 
parameter.. The injected energy of the infalling protons per unit time and mass in 
thee neutron star atmosphere was then uniformly distributed in this stopping layer. 
AA second parameter of their model was the accretion rate (or luminosity). Their 
computedd spectra essentially show a blackbody spectrum with a high-energy tail 
duee to Comptonization in the heated atmosphere. 

AA more detailed numerical approach was presented by Alme & Wilson (1973). 
Theyy introduced more physics into their model and also realized that the proton 
decelerationn depends on the atmospheric temperature. They solved the atmospheric 
structuree and the beam deceleration simultaneously in a time dependent evolution of 
thee model. But they did not account for the strong dependence of proton deceleration 
onn the local proton velocity and used an estimate only for the amount of material 
neededd to stop the infalling protons. Their resulting spectra again show a blackbody 
pluss an additional high energy tail. 

Bildstenn et al. (1992) were interested in the fate of the accreted CNO elements in 
thee neutron star atmosphere. They assumed an isothermal atmosphere at a temper-
aturee defined by the accretion rate and the proton stopping depth. Again a similar 
estimatee for the penetration depth of the ions was used. 

Thee model of spherical accretion onto a neutron star was revisited by Turolla 
ett al. (1994). They confirmed the existence of the formerly known "cold" solutions 
(ass in Alme &; Wilson 1973). In addition to this, they also found "hot" solutions for 
thee same luminosities. But their work was limited by the fact that the spectrum was 
justt described in terms of a mean photon energy. 

Zanee et al. (1998) confirmed the existence of the hot solutions with a much more 
accuratee treatment of the radiative processes including pair processes. The emergent 
spectraa of the hot solution should be characterized by hard spectra peaking at « 100 
keV.. Both models use the stopping depth as a free input parameter. The effect of 
thermall  conduction was not included in these calculations. 
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5.25.2 The Neutron star Mumination model 

Inn continuation of this series of papers Zampieri et al. (1995) presented solu-
tionss for neutron stars accreting at low rates, i.e. with luminosities LNS = 10~7 -
10-3Z<Edd-- They showed that the deviations from a blackbody spectrum with the 
effectivee temperature of the neutron star increase with decreasing accretion lumi-
nosities. . 

Protonn illumination is not only restricted to the accretion of matter onto the 
surfacee of a neutron star. Spruit (1997), Spruit & Haardt (2000) and Deufel & Spruit 
(2000)**  have shown that this process might also be of importance for accretion disks 
embeddedd in a hot corona. With an improved version of the code used in Deufel 
&&  Spruit (2000) we reconsider the accretion of matter onto the surface of a neu-
tronn star (i.e. ion illumination of a neutron star surface). The code now includes 
aa better treatment of the radiative processes by including thermal emission due to 
bremsstrahlung.. We also allow for energy redistribution due to electron thermal con-
ductionn within the atmosphere. The interaction between the accreted protons and 
thee neutron star atmosphere and the radiative processes are computed time depen-
dencyy in a one-dimensional, plane-parallel approximation. The density distribution 
throughh the atmosphere is found from hydrostatic equilibrium including the pressure 
fromfrom the penetrating ions. 

Inn the following we give a complete description of our model. First the heating 
off  the electrons via Coulomb interactions is presented. We show that the use of 
aa stopping depth treated as a free parameter is not sufficiently accurate for the 
calculationn of the proton stopping. The radiative processes are treated by solving 
thee radiative transfer equation instead of the Monte Carlo method used before. This 
hass advantages in terms of computation speed and the ability to treat layers of 
arbitraryy absorption optical depth. 

5.22 The Neutron star illumination model 

5.2.11 Proton stopping by Coulomb collisions 

Wee consider protons in the vicinity of a neutron star of mass M* and radius R*. In 
ADA FF accretion the typical energy of such protons at the surface of a neutron star 
iss the virial temperature, 

pp 3i2* proton \MQJ \ R* J y ' 

wheree G is the gravitational constant, mp the proton mass and k the Boltzmann 
constant. . 

Iff  protons with such energies encounter a much a cooler and dense medium, 
theyy wil l be stopped very efficiently by Coulomb interactions with the cold electrons 
insidee their Debye sphere. The stopping of a fast particle in an ionized plasma was 

ss bibliographic reference corresponds to chapter 2 of this thesis. 
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quantitativelyy discussed by Spitzer (1962). In a time dt, such a proton with energy 
EEpp wil l loose an amount of energy dE, 

dE dE 
—— = -£{Ep)nevp, (5.2) 

wheree ne is the electron density of the neutron star atmosphere and v% ss 3kT/mp 

iss the proton velocity. e(Ep) is called the stopping power of a plasma. Ryter et al. 
(1970)) show that it is given through Spitzers's formalism by 

e(E)e(E) = ^ ]nA[t/>(x)-xil/(x)].  (5.3) 

Heree In A = ln[(3/2e3)(fc3re
3/7rne)

1/2] is the Coulomb logarithm, oT is the 
Thomsonn cross-section, ip(x) and ip'(x) are the error function and its derivative, 
andd x = (meUp/2fcTe)

1/2 is the ratio of the incident proton velocity to the thermal 
velocityy of the electrons. This formula holds for non relativistic electron and proton 
temperatures. . 

Noww we can express the energy loss of a proton moving at an angle 6 with respect 
too the vertical coordinate z, per unit of vertical Thomson depth, dr — n^ardz by 

dEdE 1 47re4 . . , , / *  ,// M , 
—— = 2 l n A ^ x - x^'(x)]. 5.4 
CLTICLTI <JT rrie^p cos 6 v ' 

Inn a time-dependent evolution of the model we follow the protons numerically 
throughh the neutron star atmosphere with temperature T(T) and density ne(r). We 
recordd the loss of kinetic energy of the protons as a function of optical depth. This 
yieldss the local time dependent heating rate A p(r). In this way the stopping depth 
off  the protons is obtained self-consistently. 

Ass mentioned in Sect. 5.1 the penetration depth significantly influences the 
outcomingg spectrum of the proton illumination model. Usually a global estimate is 
usedd to calculate the stopping depth of the protons in an atmosphere. The estimate 
forr the stopping length As is obtained following Spitzer (1962), 

Ass = vp ts , (5.5) 

wheree ts is the slowing down time scale given by Spitzer (1962), Eq. (5-28). If we 
expressess the stopping length in terms of Thomson optical depth, we get 

ss me3lnArP-xil>'' ^ ° ' 

wheree vx is the vertical component of the proton thermal velocity and c is the speed 
off  light. This expression is inaccurate because of several factors. Most importantly 
thee proton velocity enters this formula as the fourth power. As the proton velocity 
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5.25.2 The Neutron star illumination model 

Tpp [MeV] 

23 3 
46 6 
92 2 

Temperaturee Te [keV] 
11 10 100 

numm est num est num est 
0.22 0.8 0.4 0.8 6.8 7.8 
0.88 3.1 0.9 2.4 10.2 12.4 
3.11 12.4 2.6 8.9 15.9 21.6 

Tab.. 5.1: Estimated stopping depth (est) and calculated stopping depth (num) 
[accordingg to Eq. (5.4)] in units of Thomson optical depth for a isothermal 
atmospheree with temperature Te and uniform electron density ne = 1022 cm- 3 

forr various proton energies. 

decreases,, this factor drops rather fast and shortens the penetration depth consid-
erably.. Counteracting is the function tp — xrp'. For x > 2 this function is unity (see 
alsoo Fig. 2.3). But for 0 < x < 2 it is small, increasing the stopping length but also 
reducingg the energy loss [cf. Eq. (5.4)]. Even the Coulomb logarithm should not be 
takenn as constant (as it is often done). In the wide range of electron temperatures 
andd densities of interest (as solutions from e.g. Turolla et al. (1994) suggest) the 
Coulombb logarithm can easily vary by a factor of two. 

Tablee 5.1 gives some values for the estimated stopping depth [from Eq. (5.6)] 
andd the calculated stopping depth [according to Eq. (5.4)] by following a penetrating 
protonn through an isothermal electron layer until it has lost all of its energy in excess 
withh respect to the ambient electrons. The estimated stopping depth is generally 
higherr than the numerical result due to the reasons mentioned above. For low electron 
temperaturess these discrepancies are quite conspicuous. 

Eq.. (5.4) is only valid for non-relativistic conditions, whose validity needs to 
bee checked for the high proton temperatures in an ADAF. Analytic expressions for 
relativisticc temperatures exist only in special cases. Stepney (1983) has derived such 
ann expression for the rate of transfer of energy between populations with relativistic 
Maxwelliann distributions in terms of an integral over the scattering cross-section. 
Inn the case of hot protons heating cooler electrons the Rutherford cross-section is 
thee relevant cross-section. An expression in closed form for the heating rate (in ergs 
c m- 33 sec- 1) is given by Stepney & Guilbert (1983), 

3mee (A;r e-feTp) 
* **  = -^n*n>aTCXK2(i/ee)K2(i/ep)

lnA 

xx r2(fle + 0p)
2 + i Ki ree + ep\ + 2KQ /fl« + gp\ i ^ (5 7) 

&&ee + dp \ 8e9p J \ 6e8p ) J 

wheree 9e = kTe/mec
i,8p = kTp/mpc*, and KQ, ATI, AT2 are Bessel functions. 
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00 100 200 300 
protonn temperature [MeV] 

Fig.. 5 .1: Energy loss rates of a hot thermal distribution of protons in a 
coolerr ionized hydrogen plasma (with temperature indicated along the curves). 
Solidd line: fully relativistic expression of Stepney and Guilbert (1983), dash-
dottedd line: the non relativistic expression from Spitzer's (1962) theory. Dashed 
line:: Spitzer's formula, but averaged over a relativistic instead of a classical 
Maxwellian.. Spitzer's treatment is accurate to better than 5% for proton tem-
peraturess Tp < 100 MeV. 

Thee proton-electron heating rate according to the stopping formula derived 
fromm Spitzer's theory is given by 

q(vq(vpp)) = ne np vp e(Ep) . (5.8) 

Byy averaging Eq. (5.8) over a thermal velocity distribution we obtain a rate that 
cann be compared directly with Eq. (15) from Stepney & Guilbert (1983). We do this 
averagingg both with a classical Maxwell distribution and a relativistic Maxwell dis-
tribution.. The results of this comparison are shown in Fig. 5.1. The heating rates are 
almostt indistinguishable up to proton temperatures of roughly 100 MeV. At higher 
protonn temperatures the deviations increase steadily. But for the proton tempera-
turess used in our simulation (kTp < 100 MeV) Spitzer's formalism is accurate to 
betterr than 5% compared to Stepney's result. Therefore we are confident that the 
usagee of the classical stopping formula following Spitzer (1962) together with a clas-
sicall  Maxwell distribution for the protons wil l yield the correct results for to energy 
transferr from virialized protons to electrons near a neutron star surface. 
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5.25.2 The Neutron star illumination model 

5.2.22 The model atmosphere 

Wee compute the density distribution through our plane-parallel one dimensional 
modell  atmosphere from the equation of hydrostatic equilibrium, 

Heree g = ^^- is the gravitational acceleration, which we treat as constant as 

thee atmosphere is thin compared to the neutron star radius, and Kes = 0.40 cm2g_1 is 
thee electron scattering opacity.  (r) denotes the force exerted by the deceleration 
off  the protons as a function of optical depth. The change of momentum (exerted on 
thee atmosphere) of an incoming proton with respect to the vertical can be expressed 
by y 

Apj__ = - m p Av cos 6. (5.10) 

Thee force dPp/dr is evaluated by recording the change of velocity Av of the incoming 
protonss as a function of optical depth. Since we only study cases with luminosities 
beloww the Eddington limi t we neglect the contribution of the radiative pressure. 

Wee solve the pressure profile by starting with To=0 at the top of the atmosphere 
andd integrate Eq. (5.10) to the maximum optical depth of the model atmosphere 
rmax.. We usually set rm ax = 10. At this optical depth the energy flux of the protons 
iss already negligible. 

5.2.33 Accretion from the ADAF 

Thee protons from the ADAF have a temperature of the order of the virial temper-
aturee [Eq. (5.1)]. As mentioned above we use a Maxwell distribution for the proton 
velocities.. Additionally, the ADAF has a rotation rate, which is somewhat smaller 
thann the Keplerian rate fix (e.g. Narayan & Yi 1995a). When computing the pen-
etrationn of the protons we take the Maxwellian velocity component of the protons. 

Neutron n 
Star r 

X-rays s 

accretionn disk 

Fig.. 5.2: The neutron star is embedded in an ADAF like hot plasma which 
rotatess at a rate £QK- The protons hit the NS surface at shallow angles. The 
protonn illuminated atmosphere brightly shines in X-rays. 
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Furtherr we take into account the component of velocity tangential to the neutron 
starr surface due to the ADAF rotation. Instead of using a detailed model of an ADAF 
inn which these velocity components can in principle be determined quantitatively, 
wee model it with a temperature T = £Tvi r and tangential velocity v = TJRSIK, i-e. we 
usee the parameters £ and TJ to scale these quantities. Both the tangential and vertical 
velocityy components add to the energy deposited, but are not equivalent since the 
thicknesss of the heated layer is smaller the more the protons enter tangentially. 

5.2.44 The radiative transfer 

Thee radiative transfer equation appropriate for our model is 

wheree 7Mil , is the intensity as a function of frequency v and photon angle fi — cos(0). 
Thee coordinate z is measured from the top of the atmosphere where the density is 
virtuallyy zero (z = 0) downwards into the neutron star atmosphere until z = zmAX 

(correspondingg to rm a x) . 
Thee bremsstrahlung absorption coefficient of is given by 

11 _ e-hv/kT 
off  = 3.7 x 108 nen,  ̂ gs (5.12) 

inn units of cm- 1 . The symbol gff represents the velocity averaged Gaunt factor 
forr bremsstrahlung (see e.g. Rybicki &z Lightman (1979)). The Compton extinction 
coefficientt otcv is simply 

OL%OL% = neo
c
v , (5.13) 

wheree o% is the electron cross section with Klein-Nishina corrections. For the non-
relativisticc limi t this equals the Thompson cross section o r. 

Thee bremsstrahlung emission jj f is given by 

ee-hu/kT -hu/kT 
jffjff  = 5.4 x KT 39 nem —j=~ gff (5.14) 

inn units of erg c m- 3 sec- 1 s ter- 1. The Compton 'emissivity' (i.e. radiation scattered 
too fi, v from some other / / , u') is 

j * t VV =ne (—J ly,y <JC ( / i > ' , v) diidv' . (5.15) 

Heree <rc(//> v' —>/x, v) is the Compton Scattering Kernel (CSK). An efficient algo-
rithmm for run-time computation of the CSK is described by Kershaw et al. (1986) and 
Kershaww (1987). Both erf, and ac(^',u'—yfi, v) depend on the electron temperature. 
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5.25.2 The Neutron star illumination model 

Wheneverr the temperatures of our solutions are low enough, kT <C m^c*, we 
cann simplify the Compton emissivity Eq. (5.15) without compromising accuracy. We 
introducee the angle-averaged Compton cross section oc{v' —*v) defined as 

Uciy'^v)Uciy'^v) = - ƒ crc(n',v'-+n,v)dii,dii . (5.16) 

AA semi-analytic expression for <j c{y' —> v) is given by Poutanen & Svensson 
(1996).. The angle-averaged intensity Jv is defined as 

J»J» = \Jl»,vdn. (5.17) 

Byy replacing <j c(ii',i/  —> n,v) with its average uc{v' —  u) in Eq. (5.15) one 
obtainss an approximative expression for the Compton emissivity 

ffvv = ne J ( £ ) Jv,uc{v'^v)du' , (5.18) 

whichh is independent of /i, and which involves only a single integral instead of the 
doublee integral of Eq. (5.15). 

Eqs.. (5.11, 5.12, 5.13, 5.14, 5.15/5.18) constitute the complete set of equations 
forr the radiative transfer. Since Eq. (5.11) and Eq. (5.15/5.18) are mutually depen-
dent,, the solution cannot be found by direct evaluation. To solve the system, we use 
aa standard Lambda Iteration scheme (see e.g. Rutten (1999) and references therein; 
seee also Zane et al. (1996), Poutanen & Svensson (1996)). 

Wee discretize frequency v with equal spacing in log*', and photon angle /x = 
cos(0)) according to the roots of the Legendre polynomials of order n. At the start 
off  the procedure we choose Jc = 0, or any other initial guess that might be appro-
priate.. For each Ui and /ij we now integrate the transfer equation (Eq. 5.11) from 
zz = 0 to z = zmax for fij  > 0, or from z = zmax to z = 0 for \ij  < 0. At z = 0 
wee impose zero inward flux as boundary condition, while at z = zmax we choose a 
Planckk function at temperature TBC as the starting value for the integration. The 
temperaturee TBC of this Planck function is chosen such that: 

== 2-K I fid/j, I 
JoJo Jo 

(JT&Q(JT&Q =2-R ƒ / id/i / du Ip,v{z = 2max) (5.19) 
JoJo Jo 

soo that at the bottom of the atmosphere the net flux is zero. 
Afterr performing this operation for every Vi and / i j , we can evaluate the new 

j£ „„  by employing Eq. (5.15/5.18). This new j ^ v is inserted into Eq. (5.11) and 
thee integration of Eq. (5.11) is repeated along the lines sketched above. After each 
iterationn the relative difference of the solution with the previous iteration step is 
computed.. If this relative difference drops below 10"3, we assume that the solution 
hass converged. Since in our solutions the scattering optical depths remains always of 
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thee order of a few, we need not worry about the well-known convergence problems 
off  the lambda iteration procedure sketched above. 

Oncee the radiative transfer solution is obtained, the radiative heating and cool-
ingg rates can be evaluated by flux differences. The flux at each position x is defined 
as s 

//

++ 1 POO 

HdfiHdfi dvl^ix) . (5.20) 
Thee net cooling rate is then 

A__ . . dF(z) 
rad(* °° = dT~  (5'21) 

Thee radiative transfer is solved on a grid set up in terms of Thomson optical 
depthh when solving the pressure profile (Sect. 5.2.2). This grid is then transferred to 
thee vertical z coordinates for the radiative transfer code by the usual 

z(r)z(r) = f 
Jo Jo 

Tmm ax 

{n{nee{T)a{T)aTT)~)~lldT.dT. (5.22) 

Thuss we immediately obtain the net cooling rates A rad(r) as a function of Thom-
sonn optical depth. 

Wee also checked our solution for the importance of pair processes, calculating 
thee pair number densities according to Zane et al. (1998). We find that in our model 
thee electron temperatures are too low and the electron densities too high for pair 
productionn to become important. 

5.2.55 Energy balance from heating and cooling 

Wee start our calculations with an isothermal atmosphere in hydrostatic equilibrium 
accordingg to Sect. 5.2.2. For the initial electron temperature we set Te = 1 keV 
throughoutt the layer. After each time step we obtain the heating rates A+(r) from 
thee Coulomb interactions and the cooling rates A^f-r ) due to the radiative processes 
bremsstrahlungg and multiple Compton scattering as a function of optical depth. The 
timee step of every cycle in our simulation is adjusted to the shortest energy exchange 
timee scale occurring in the calculation. 

Additionallyy we include the energy redistribution due to electron thermal con-
ductivity.. Generally the flow of heat per unit area, Q, in the presence of a temperature 
gradient,, is given by (see e.g. Spitzer 1962) 

QK-KVT.QK-KVT. (5.23) 

Thee heat conductivity « for a fully ionized gas is given by 

-T-5/2 2 

KK « 1.85 x 1(T5 —— erg s e c ^ R ^ c m- 1 . (5.24) 
Inn A 
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5.35.3 Results of the model computations 

Thuss the change of enthalpy dw/dt due to electron conductivity can be ex-
pressedd by the divergence of the heat flux Q, 

^^ = pep | £ = V  (K VT) =: Acond(r) (5.25) 

wheree Cp is the specific heat at constant pressure. 
Noww we can calculate the total change of enthalpy per time step, 

^ r = ^ ^ = A > ( T ) + A ^ ( T ) + A c ° " d ( T ) -- (5-26) 

Withh Eq. (5.26) we are able to calculate the change of temperature and thus 
thee new temperature profile after each time-step. With the new temperature profile 
wee can update the hydrostatic structure according to Sect. 5.2.2. We follow the 
simulationn until the Coulomb heating is balanced by the radiative cooling and energy 
redistributionn by conductivity and the temperature and density structure as well as 
thee spectra have reached a stationary state. 

5.33 Results of the model computations 

Forr our model calculations we use fixed values for the mass M* = IMQ and the 
radiuss i?*  = 106 cm for the neutron star. For the rotational angular velocity of the 
accretingg material we use r\ = 0.5. The results depend on the proton energy flux 
perr unit area of the neutron star surface. In order to make the results interpretable 
inn terms of a total luminosity, we assume that 60% of the neutron star surface is 
involvedd in the accretion process. This takes into account the approximate vertical 
extentt of an ADAF (Popham & Sunyaev 2001). 

5.3.11 Dependence on proton energy flux and temperature 

Fig.. 5.3 shows an equilibrium solution for a proton energy flux Fp = 1.6 x 1024 

ergg c m- 2 sec- 1,£ = 77 =0.5, yielding a luminosity of L*  = O.ILEÓÓ- The neutron 
starr atmosphere is clearly devided into two parts. A hot surface layer is separated 
byy a sharp temperature front from the much cooler bottom part. The maximum 
temperaturee in the hot part of the atmosphere is Te « 50 keV. This is considerably 
hotterr than previous calcucations showed (e.g. Alme & Wilson 1973; Turolla et al. 
1994)) but also significantly cooler than the "hot" solutions from Turolla et al. (1994) 
andd Zane et al. (1998). We did not find any comparable hot solutions. 

Fig.. 5.3 also shows that energy redistribution through electron conductivity gets 
importantt at the transition zone from the hot to the cool part. The emergent model 
spectrumm in Fig. 5.3 illustrates that the hot part acts as an effective Comptonization 
layerr with an optical thickness of order unity. The downward directed photons are 
almostt completely thermalized in the cold part. This justifies our assumption of 
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Sect.. 5.2.4 that the downward flux of photons is converted into a blackbody flux of 
upwardd soft photons of temperature T B C at the base of our model since almost all 
thee thermal izat ion has already taken place. 

>pii J depth r 
0.11 1.0 

0.11 1.0 
opticall depth r 

1.0 0 
opticall depth 

Fig.. 5.3: Overview over typical equilibrium solution (from top to bottom 
andd left to right:) emergent model spectrum (solid line), downwards directed 
(dashed)) and blackbody input spectrum (dotted-dashed); heating (solid line) 
andd cooling rates (squares) - the dashed line shows the contribution from con-
ductivityy alone; temperature Te; pressure P; density ne; geometrical depth z. 

Fig.. 5.4 shows the emergent spectra and temperature profiles through the at-
mospheree at a fixed proton energy flux level Fp — 1.6 x 1024 erg c m- 2 for various 
protonn temperatures, £,TV[T. The higher the initial proton temperature the lower is 
thee electron tempera ture in the hot part of the atmosphere and vice versa for the 
coldd par t. The optical depth of the hot part is of order unity in every case. As a con-
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5.35.3 Results of the model computations 
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Fig.. 5.4: Emergent model spectra and temperature profiles at a fixed proton 
energyy flux Fp = 1.6 x 1024 erg c m- 2 sec- 1 for various initial proton temper-
atures,, £Tvir , with £=0.25,0.5,0.75, and 77=0.5. Higher proton temperatures 
producee lower electron temperatures in the hot part of the atmosphere and 
softerr emergent spectra. The dotted dashed line shows the corresponding black-
bodyy spectrum with the effective temperature of the layer, Teg = (Fp/a)1^4. 
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Fig.. 5.5: Emergent spectra and temperature profiles for various values of the 
protonn energy flux (in erg c m- 2 sec- 1, denoted by the numbers at the lines) at 
constantt proton temperature, £ = 0.5. With decreasing energy flux the optical 
depthh of the heated layer shrinks. 

81 1 



55 X-Ray spectra from protons illuminating a neutron star 

10"'' 10  10' 102 10~4 10~3 10"2 10"' 10  10' 

Fig.. 5.6: Emergent spectra and temperature profiles at low proton energy flux 
(inn erg cm" sec-1, denoted by the numbers of the lines) and constant proton 
temperature,, £ = 0.5. The hot part is extremely thin in terms of Thomson 
opticall  depths. The dotted dashed lines show the corresponding blackbody 
spectraa with the effective temperature of the layer. 

sequencee harder spectra are produced with lower initial proton temperatures. This 
cann be explained with the decreasing penetration depth of the protons at smaller 
velocities:: the heating rates in the upper part of the atmosphere are increased and 
thuss the temperature is higher there. 

Fig.. 5.5 and Fig. 5.6 show the dependence of the solution on the proton energy 
fluxx at constant proton temperature, £ = 0.5. At low proton energy flux (Fig. 5.6) 
thee optical depth of the hot part is small (rhot < 10~2). The solutions for these cases 
aree comparable to those found by Zampieri et al. (1995). But the temperature of 
thee hot part in our solutions turns out to be much higher than in their solutions. 
Thiss hot part causes an (energetically unimportant) bump in the emergent spectra 
att high frequencies due to optically thin bremsstrahlung emission in this layer. As 
inn Zampieri et al. (1995) the emergent spectra are significantly harder than the 
blackbodyy at the layer effective temperature, Teff = (Fp/er)1/4. We also see a harder 
spectrumm with respect to the blackbody of the layer effective temperature at the 
lowestt luminosity. 

Byy further increasing the proton energy flux the temperature jump moves inward 
too greater optical depth reaching order unity at the highest flux levels. Thereby the 
temperaturee in the hot part is roughly kept at a constant value in contrast to the 
temperaturee of the cold part, which increases continously. At Fp = 1.6 x 1024 erg 
c m- 22 sec"1 the hot part acts as an effective Comptonization layer for the cool thermal 
photonss from the interior. In addition the electron thermal conduction smoothes the 
tempaturee profile and the shock is not as sharp as in the low energy flux cases. 
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Fig.. 5.7: Absorption optical depth as a function of photon energy and atmo-
sphericc temperature for an equilibrium solution with £ = 0.5 and r) = 0.5. The 
linee depicting ra = 1 is emphasized. 

5.3.22 A reverse photosphere effect 

Evidentt in our model spectra is an excess of soft photons (see e.g. Figs. 5.3,5.4) with 
respectt to a blackbody with the effective temperature of the corresponding energy 
flux.. Though energetically unimportant it is an interesting feature of our model 
spectra.. This soft photon excess is caused by the reverse temperature profile of the 
atmosphere,, i.e. the high temperatures are above the cooler parts (in contrast to e.g. 
thee solar photosphere). Fig. 5.7 shows the absorption optical depth as a function of 
thee photon energy and electron temperature for an equilibrium solution with £ = 0.5 
andd rj  = 0.5. The line for ra = 1 is emphasized. For low photon energies ra = 1 
iss found high in the neutron star atmosphere, where the temperature is high. For 
highh frequency photons the atmoshere gets more and more transparent and Ta = 1 
occurss at lower temperatures. Thus the high frequency photons decouple at lower 
temperaturess and propagate outwards. As a result there is an excess of low energy 
photons,, which decouple from the atmosphere at higher temperatures. 

Thee same arguments explain the harder spectra at low proton energy fluxes. 
Heree the temperature profile in the atmosphere is dominated by the increase of 
temperaturee with optical depth, as has already been explained by Zampieri et al. 
(1995).. Thereby the high energy photons decouple in the deeper, hotter layers and 
propagatee out freely. This contribution to the high energy part of the spectrum causes 
thee harder spectra compared to the blackbody of the layer effective temperature. 
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Fig.. 5.8: Comparison of an emergent model spectrum with £ = 0.25 and 
t)t) = 0.5 with observed neutron star spectra from 4U1705-44, GX354-0 and 
4U1608-5222 in their hard states. The spectra are arbitrarily shifted in the 
verticall  direction for clarity. 

5.44 Discussion and conclusions 

Thee main conclusion from our work is that a neutron star surface embedded in a hot 
ADAF-typee accretion flow does not act like a simple blackbody thermalizer. Instead 
thee interaction with the hot ions produces spectra with pronounced high energy, 
Comptonizedd tails. 

Wee have considered the accretion of protons onto the surface of a neutron star for 
aa wide range of proton energy fluxes. In our model the stopping depth of the protons 
iss obtained self-consistently. We allow for the scaling of the proton temperature 
Tpp = £Tvi r, which in our model controls the vertical velocity component of the 
protons.. Further we consider accretion from an ADAF, where the protons have a 
tangentiall  velocity component v = T]QK. By variation of the proton temperature 
andd the proton energy flux a range of X-ray spectra can be produced. Our model 
computationss show that the local proton energy flux determines the optical depth of 
thee hot part whereas the temperatures through the atmosphere are determined by 
thee initial proton temperatures. 

Previouss models considered spherical accretion onto the neutron star. The free 
infalll  velocity of the protons was used in such models. If accretion takes place from an 
accretionn disk or an ADAF, the vertical velocity component is considerably smaller 
thann than the free infall velocity. This has important consequences on the emergent 
spectraa as our solutions suggest: at the same local energy flux a decrease in the 
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verticall  proton velocity increases the temperature of the hot part of the atmosphere, 
andd X-ray spectra similar to those of neutron stars in their hard states can be 
produced.. Fig. 5.8 shows a comparison of a model spectrum with observed spectra 
off  X-ray bursters in their low/hard states (taken from Gilfanov et al. 1998). 

AA question left unanswered by our studies is how the spectrum from the surface 
iss modified by the overlying accretion flow. E.g. an overlying optically thick boundary 
layerr might significantly thermalize hard photons from the neutron star surface again. 
Butt we can conclude that the input spectrum at the bottom of a boundary layer is 
nott Planckian at high proton energy fluxes. If the boundary layer is optically thin the 
contributionn to the observed hard spectral component at high proton energy fluxes 
mightt be quite important. A discussion whether there is an optically thin boundary 
layerr can be found in e.g. Barret et al. (2000). For low accretion rates the boundary 
layerr is indeed optically thin (e.g. King & Lasota 1987). 

Detailedd studies about the accretion disk boundary layer around a NS have been 
performedd by Popham & Sunyaev (2001). They show that the accretion disk near 
thee NS is radially and vertically extended and that the angular velocity Q is reduced 
withh respect to the Keplerian value. Such a boundary layer naturally produces a 
protonn illumination scenario as described in our model. Their boundary layer is 
opticallyy thin to absorption. For high luminosities this region has a radial extent 
largerr than one stellar radius, i.e. the hard radiation from the NS surface, produced 
byy proton illumination, can easily propagate outwards without being thermalized. 
Thee boundary layer even further enhances Comptonization as the gas there is hot 
(>> 108 K). 

Ourr results emphasize the importance of the neutron star surface for the con-
tributionn to the hard spectral component in low mass X-ray binaries (LMXBs). A 
prerequisitee for the occurrence of a hard spectral component is a high local pro-
tonn energy flux. The local proton energy flux onto the neutron star surface depends 
onn both the mass accretion rate and the size of the accretion belt on the neutron 
star.. Our model computations have local validity, i.e. if the involved accretion belt 
iss small, high proton energy fluxes on the neutron star surface can even occur at 
accretionn rates well beneath the Eddington limit . Therefore our model does not ex-
cludee the possibility of hard spectral components from the neutron star surface at 
loww luminosities, as is observed. 
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