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InIn the beginning, there is light... 

Genesiss 1: 1 





Fromm Be/X-ray binaries 
too double neutron star  systems 

Be/X-rayBe/X-ray binaries and double neutron star systems - two different kinds of bina-
ries,ries, yet connected by one or more evolutionary channels. This is the subject of 
thisthis thesis. 

VariousVarious aspects of stellar and binary evolution are involved in the path leading 
fromfrom a Be/X-ray binary to a double neutron star. The Be star evolves and at 
somesome point fills its Roche lobe and starts transferring matter to the neutron star. 
TheThe observed double neutron star systems have very close orbits - much smaller 
thanthan the radii of the giant progenitors of the neutron stars. This suggests that a 
periodperiod of common-envelope evolution has occured, which can be caused by a 
largelarge difference in mass of the two components. The outcome of this common-
envelopeenvelope phase is a very close binary consisting of the helium core of the Be 
starstar and the neutron star. The helium core, which we now call helium star, also 
evolvesevolves and finally explodes as a supernova. How a Be/X-ray binary evolves 
intointo a double neutron star system is described by an evolutionary channel called 
"the"the standard scenario". Apart from this channel, a few alternative evolutionary 
scenariosscenarios have been put forward for the formation of double neutron stars. We 
willwill  discuss these later in this chapter. 

InIn this thesis we adopt the standard scenario for the formation of double neutron 
starstar systems. This chapter describes the basic ingredients to build this thesis. We 
willwill  start with introducing the two types of binary system - Be/X-ray binaries and 
doubledouble neutron star systems. Before coming to the description of the scenario, 
wewe will  explain the evolution of single stars and binary systems, the common-
envelopeenvelope evolution, and the evolution of a helium star as a single star. These are 
thethe stages which we need to know in order to understand the formation of double 
neutronneutron stars through the standard evolutionary channel. The organization of the 
thesisthesis as well as the basic assumptions are described at the end of this chapter. 

1 1 
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1.11 X-ray binaries and binary pulsars 
AA binary system that contains either a neutron star or a black hole accreting material from a 
companionn star usually emits energy in X-rays and is therefore called an X-ray binary. There 
aree two main classes of X-ray binaries, viz.: (i) the high-mass X-ray binaries (HMXB), in 
whichh the donor is a massive O or B star, and (ii) the low-mass X-ray binaries (LMXB) , in 
whichh the companion is a star of spectral type later than A and a mass < 2.3 M 0, or in some 
veryy evolved systems, a white dwarf. When the accretion process stops, the neutron star in an 
X-rayy binary may switch on as a radio pulsar. Resulting from the two main classes of X-ray 
binaries,, there are two classes of binary radio pulsars, i.e. (i) the high-mass binary pulsars 
(HMBP),, in which the neutron star has another neutron-star or a massive (> 1 M 0) white-
dwarff  companion, and (ii) the low-mass binary pulsars (LMBP), in which the companion is 
aa low-mass (< 0.5 M 0) white dwarf. We refer to, e.g., Verbunt (1993); Lewin, van Paradijs, 
&&  van den Heuvel (1995) for an extensive review on X-ray binaries, and to, e.g., Phinney & 
Kulkarnii  (1994) on binary pulsars. 

1.1.11 High-mass X-ray binaries 

AA high-mass X-ray binary is a binary system which consists of a neutron star or a black 
holee as the X-ray source with a massive companion (M > 8 M 0). There are two classes of 
HMXB,, distinguished by the nature of their optical companions, X-ray emissions, and orbital 
parameters,, as follows: 

1.. The standard massive X-ray binaries, in which the companion of the compact object 
iss a massive OB supergiant (M > 20 M 0) . They have short periods (Porb < 10d) and 
almostt circular orbits (e < 0.1). A massive companion and short orbital period indicate 
thatt the X-ray source is powered by wind accretion or due to the beginning of Roche-
lobee overflow (RLOF) from the companion, which make the system a persistent X-ray 
source. . 

2.. The Be/X-ray binaries, in which the companion is an unevolved Be star with mass in 
thee range of 8 - 20 M 0. They are found in long period (Potb ~ 20 - 200d) and eccentric 
orbitss (e ~ 0.3 — 0.5). The X-ray emission is transient and thought to be powered by 
accretionn of material when the compact object moves through the dense disc of the Be 
starr at the periastron passage. Often the discs of Be stars disappear for years to decades. 
Duringg such periods the Be/X-ray system is quiet and it turns on only when the B-star 
ejectss a new disc of gas from its equatorial regions. 

Wee refer to, e.g., Bhattacharya & van den Heuvel (1991) and van den Heuvel (1994b) for 
aa detailed explanation of the classification of HMXB. An up-to-date lists of HMXBs can 
bee found in Bildsten et al. (1997) and Liu, van Paradijs, & van den Heuvel (2000); and of 
Be/X-rayy binaries in Ziótkowski (2002). 

Recently,, a third class of HMXB has been proposed by Pfahl et al. (2002). This new class 
consistss of 6 long orbital period (Porb > 30d) HMXBs in orbits of low eccentricity (e < 0.2). 
Theyy have an unevolved Be companion and may show transient behaviour, two features that 
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makee them to belong to the class of Be/X-ray binaries. Although their almost circular orbits 
distinguishh them from the "classical" Be/X-ray binaries, for our purpose, they are included in 
thee class of Be/X-ray binaries. 

1.1.22 High-mass binary pulsars 
AA "high-mass" binary pulsar is believed to originate from a HMXB with a neutron star as 
thee compact object. If the donor star in the HMXB exceeds the critical mass for neutron star 
formationn (> 8 M 0), at the end of its life it will explode as a supernova. If the supernova 
explosionn does not disrupt the system, two neutron stars bound in an eccentric orbit will be 
thee outcome. In the case where the companion in the HMXB is less massive than the critical 
mass,, it wil l evolve to a white dwarf in a circular orbit around a radio pulsar. 

Wee will concentrate our work on the neutron star-neutron star binaries. There are four 
doublee neutron star (DNS) candidates known in our Galaxy, which share the same character-
isticss of having eccentric orbits (e > 0.25) and short pulse periods (38 - 104 ms) and low pe-
riodd derivatives (~ 10- 1 8ss_ 1) . The two latter parameters result in a weak surface magnetic 
fieldfield (~ 1010 G) which indicates that the pulsar is recycled (Alpar et al. 1982), and that the 
observedd pulsar in each system is the older neutron star in the system and has been recycled 
(e.g.. Srinivasan & van den Heuvel 1982; van den Heuvel & Taam 1984). The most up-to-date 
parameterss of the four galactic double neutron star systems are presented in Table 1.1. 

1.. B1913+16 
Thee Hulse-Taylor pulsar PSR B1913+16, named after the discoverers, is the first neu-
tronn star binary found (Hulse & Taylor 1975). It is a highly relativistic binary pulsar in 
aa relatively short and highly eccentric orbit. Taylor (1992) published the total mass of 
thee system as 2.82843(2) M 0, the pulsar mass Mp = 1.4411 (7) M 0 and the companion 
masss Mc = 1.3877(7) M 0. Since the discovery, this binary pulsar has been the best 
laboratoryy to test the theory of general relativity (e.g. Weisberg & Taylor 1984; Taylor 
&&  Weisberg 1989; Taylor 1992). 

2.. B1534+12 
PSRR B1534+12, known as the Wolszczan pulsar, is a highly relativistic binary pulsar 
inn a short and eccentric orbit (Wolszczan 1991). Stairs et al. (1998) provided a total 
masss 2.67838(8) M 0 and an equal mass for the pulsar and its companion, 1.339(3) M 0. 
Moree recently, Stairs et al. (2002) revised these value to a total mass 2.678428(18) M 0, 
Mpp = 1.3332(10) M 0, and Mc = 1.3452(10) M©. Note that in Chapters 3 and 4, which 
weree prepared before the revision by Stairs et al. (2002), we used the earlier values 
publishedd by Stairs et al. (1998). 

3.. Jl518+4904 
PSRR J1518+4904 is a relatively wide and moderately eccentric binary pulsar (Nice, 
Sayer,, & Taylor 1996). Lack of any optical source down to m% = 24.5 rules out a 
main-sequencee companion. The high eccentricity, together with similarities in spin 
periodd (short) and magnetic field strength (weak) with the two earlier-mentioned DNSs 
suggestt that the companion is another neutron star. A white-dwarf companion is not 
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possiblee because it will either give a circular orbit (if the white dwarf was formed later) 
orr a strong magnetic field (if it was formed first). With a derived total mass 2.62(7) M 0, 
Thorsettt & Chakrabarty (1999) found Mp = 1.56+g;̂  M 0 and Mc = 1.05+°;̂  M 0. 
Laterr timing observations yielded a total mass of 2.69(4) M 0 (Nice, Taylor, & Sayer 
1999). . 

4.. J1811-1736 
PSRR Jl811-1736 is a binary pulsar in a very wide, highly eccentric orbit (Lyne et al. 
2000).. The high eccentricity and low magnetic field strength suggest that the pulsar 
companionn is another neutron star. However, an optical observation following the dis-
coveryy of the pulsar reveals that a main-sequence star or a red dwarf companion is also 
possiblee (Mignani 2000). 

Itt is also necessary to mention PSR B2303+46, a binary pulsar in wide (Porh = 12^34) 
andd eccentric (e = 0.658) orbit (Stokes, Taylor, & Dewey 1985). This system has long been 
thoughtt to be another DNS with total mass of 2.64(5) M 0, Mp = 1 .301Q̂  M 0 and Mc -
11 -34+5J;?3 M 0 (Thorsett & Chakrabarty 1999); until the observations made by van Kerkwijk & 
Kulkarnii  (1999) revealed that the pulsar companion is a heavy white dwarf (1.2 < Mc < 1.4). 
Thee long pulse period, P = 1.066 s (Stokes et al. 1985), and high period derivative, P = 
0.5699 x 10"15 ss"1, result in a strong magnetic field, # = 0.8 x 1012 G (Lyne & Bailes 1990) 
-- suggesting that the pulsar is not recycled. The eccentric orbit indicates that the neutron 
starr was born after the white dwarf. Up to now only one binary pulsar, Jl 141-6545 (Kaspi 
ett al. 2000), shares these characteristics. This pulsar is found in a short (Porb = 0^198) and 
eccentricc (e = 0.172) orbit, and has a strong magnetic field (B — 1.3 x 1012 G), showing no 
evidencee of being recycled. The total mass of the system is 2.300(12) M 0. 

1.22 Stellar  and binary evolution 

1.2.11 The evolution of single stars 

Whenn we observe a star, we measure its spectrum and colours which are translated into the ef-
fectivee temperature Teff, and its brightness which is related to the luminosity L, assuming the 
distancee to be known. The Stephan-Boltzmann relation L = 4KR2ÖT  ̂ relates the two ob-
servedd parameters with the stellar radius. As the star evolves, its temperature and luminosity 
change;; the evolution of the effective temperature and the luminosity of a star is represented 
byy its evolutionary track on the so-called Hertzsprung-Russell (HR) diagram (see Fig. 1.1). 
Wee briefly summarize the evolution of stars of intermediate to high mass, M > 2.3 M 0. 

Starss spend most of their lives burning hydrogen into helium in the core, a stage of evo-
lutionn called the main sequence (between points A and B in Fig. 1.1). During this stage 
off  evolution, L and R slowly increase. The entire star slightly contracts during hydrogen 
exhaustionn (between points B and C). When hydrogen is exhausted in the core, the energy 
productionn by nuclear burning moves to a shell around the helium core, causing the core to 
contract.. The contraction increases the pressure and temperature in the core. In the mean-
time,, hydrogen shell burning causes the envelope of the star to expand and the star moves 
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Figuree 1.1. The evolutionary tracks in the Hertzsprung-Russell diagram for 5, 10. and 15 MQ stars. 
Thee dotted lines mark the positions where the radius of a star is 1, 10, 100, and 1000 R(.;. See text for 
ann explanation of the labels. 

too the right on the HR diagram. The expansion transforms the star into a red giant (between 
pointss D and E for 5 and 10 M 0 stars). The stage between main sequence and red giant is 
calledd the Hertzsprung gap (between points C and D). At the end of the Hertzsprung gap, 
thee star develops a deep convective envelope. This stage of evolution, on the almost vertical 
partss of the tracks in the right-hand part of the HR diagram, is called the red giant branch 
(RGB).. When the central temperature is sufficiently high, helium is ignited in the centre and 
burnedd into carbon and oxygen (point E). At the same time, hydrogen still burns in a shell 
aroundd the core, so the star has a double nuclear energy source. Stars more massive than ~ 
133 M., (represented by a 15 M 0 star in Fig. 1.1) ignite helium before reaching the RGB, and 
thereforee skip this phase. After helium in the centre is exhausted, the nuclear burning occurs 
inn a shell around the core. The core now consists mainly of carbon and oxygen, contracts and 
thee star expands further and becomes a red supergiant. 

Thee evolution of a star depends on its mass and chemical composition. In stars with 
MM < 6 — 8 MQ the CO core becomes degenerate while the radius expands enormously. The 
correspondingg phase is called the asymptotic giant branch (AGB). If the degenerate CO core 
couldd reach the Chandrasekhar mass the star would ignite carbon in a flash. Such a carbon 
flashh would lead to a complete disruption of the star. However, most probably these stars 
neverr reach carbon ignition, since before such a star reaches this stage it has already lost its 
entiree envelope in a stellar wind, and its core becomes a CO white dwarf. In more massive 
stars,, the core contraction brings an increase in central temperature and carbon is ignited 
non-degeneratelyy (point F). These stars develop heavy-element cores more massive than the 
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Figur ee 1.2. Three-dimensional representation of the potential (gravitational and centrifugal) in the 
orbitall  plane of a binary system with mass ratio q = 2, together with the mapping of equipotential 
contourss on the orbital plane. The critical points where gravitational acceleration vanishes are called 
thee Lagmngian points. The most important point is L\, the point of gravitational balance between the 
twoo components along the line of centres (courtesy Martin Heemskerk). 

Chandrasekharr mass such that they are expected to leave neutron stars or black holes as 
thee remnant. In stars with M > 10 -12 M 0 the process of core and shell nuclear burning 
repeatss and during the subsequent stages, i.e. carbon, neon, oxygen and silicon burning, 
heavierr elements are produced until an iron core is formed. The iron core collapses due to 
photodisintegration.. In stars in the intermediate mass range (between 6 -8 and 10-12 MQ), 
thee core collapse is triggered by electron captures on Ne and Mg in the degenerate ONeMg 
coress (see e.g Nomoto & Hashimoto 1988, see also Sect. 1.2.4). 

1.2.22 The evolution of binary systems 

Inn a binary system, the initially more massive component is called the primary (with mass 
Mi) .. The less-massive component (mass Mi) is called the secondary. Up to a certain point, 
thee two components of a binary system evolve approximately like single stars, i.e. their evo-
lutionn depends on their masses for a given chemical composition. However, in a sufficiently 
closee binary, they cannot expand to their maximum radii as in the case of single stars, because e 
theirr radius expansion is limited by a critical equipotential surface, which consists of the two 
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Figuree 1.3. Detached binary for a system with mass ratio q = 1.176: both components are well inside 
theirr Roche lobes (after Hilditch (2001)). The contours represent the shape of the equipotentials at the 
stellarr surface. 

pear-shapedd Roche lobes (see Fig. 1.2), each centred on the centre of mass of one component. 
Anyy particle inside one lobe belongs gravitationally to that lobe alone; particles outside the 
twoo lobes belong gravitationally to the whole system. However, the Roche model is applica-
blee only in the corotating frame of reference; i.e. if the two components are in synchronous 
rotationn with the orbit, and if the orbit is circular. The volume of the Roche lobe defines the 
maximumm volume that a component in a binary system can have. For simplicity, the Roche-
lobee radius /?L (also called the Roche radius) is defined as the radius equal to that of a sphere 
withh the same volume as the Roche lobe. It depends on the masses of the components, M\ 
andd M2, and on the orbital separation of the system, a, and can be approximated as (Eggleton 
1983) ) 

0.499 a 
RLRL""  0.6 + 4-2/3 ln( l + < 7' /3) ( L 1 ) 

wheree q = M\ /M2 is the mass ratio of the system. If the two components of a binary are well 
separatedd and neither photosphere is in contact with their Roche lobes, the system is called 
aa detached binary (Fig. 1.3). When one component expands and fills its Roche lobe while 
thee companion is inside its Roche lobe, the system is called a semidetached binary (Fig. 1.4). 
Thee term a contact binary (Fig. 1.5) is given to systems in which both components fill  or 
overfilll  their Roche lobes. (Nee, Tiwi, ze zijn geen pinda's) 

Becausee of the radius expansion due to the nuclear evolution, or because of the reduction 
off  orbital separation due to loss of angular momentum such that the Roche radius decreases 
(seee eq. 1.1), a star can make contact with its Roche lobe. If the radius expansion or the 



// .2 Stellar and binary evolution 9 9 

Figur ee 1.4. Semi-detached binary for a system with mass ratio q = 3.333: the lower-mass component 
fill ss its Roche lobe while the other component is still inside its Roche lobe (after Hilditch (2001)). The 
innerr Lagrangian point L\ is the point that connects the two lobes. The Roche lobe and the surface of 
thee more massive component are separately indicated. 

Figur ee 1.5. Contact binary for a system with mass ratio q = 2.5: both components have overflowed 
theirr Roche lobes. In this illustration, the two stars overfill their respective Roche lobes, so that a com-
monn envelope surrounds both stellar cores, and there is an adjoining neck around the inner Lagrangian 
pointt Li (after Hilditch (2001)). 
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orbitall  shrinkage continues, the volume of the star exceeds that of the Roche lobe. The 
excesss matter is then transferred to the companion star through the so-called first (inner) 
Lagrangiann point L\, and the process is called mass transfer or Roche-lobe overflow (RLOF). 
Thee primary, being more massive, evolves faster, and therefore fills its Roche lobe earlier 
thann the secondary. In general, the star that fills its Roche lobe and transfers matter is called 
thee donor and the star that accepts matter is called the accretor. We have discussed in the 
previouss section that a star expands on the main sequence, during hydrogen shell burning, 
andd during helium shell burning. Consequently, depending on the stage of evolution of the 
donorr at the time when RLOF is initiated, there are three types of mass transfer (Kippenhahn 
&&  Weigert 1967), i.e.: 

1.. Case A, in which mass transfer is initiated on the main sequence when the star still 
burnss hydrogen in the core. Case A mass transfer ends when the star shrinks during the 
hydrogenn exhaustion in the core. 

2.. Case B, in which RLOF begins after the end of hydrogen core burning but before 
heliumm ignition. For primary masses > 2.3 M 0 there are two kinds of case B mass 
transfer,, i.e. (i) early case B, in which RLOF is initiated on the Hertzsprung gap when 
thee star has a radiative envelope, and (ii) late case B, in which mass transfer begins on 
thee RGB when the star has developed a convective envelope. 

3.. Case C, in which the star overfills its Roche lobe during helium shell burning or be-
yond. . 

Thesee three types of mass transfer and their relation with the stellar radius evolution is pre-
sentedd in Fig. 1.6. For stars more massive than about 13 M 0, a hybrid between case B and C 
iss possible when the star fills its Roche lobe during the helium core burning. After a case A 
masss transfer terminates, another phase of mass transfer follows when the star expands again 
duringg hydrogen shell burning, which is often called case AB. A mass-transfer phase is called 
conservativeconservative if all the transferred matter is accreted by the accretor. A non-conservative mass 
transferr occurs if only part of the transferred matter is accreted, and the rest is lost from the 
system. . 

Duee to the mass transfer, the mass ratio of the system changes, and consequently the 
Rochee radii of the components also change. Once mass transfer is initiated, the stability 
off  the process depends on the reponses to mass loss of the donor's radius and its Roche 
radius,, which are determined by the structure of the donor at the onset of RLOF, and by the 
masss ratio of the system. These responses can be described in terms of the so-called mass-
radiuss exponent £ = dlnR/dInM (e.g. Hjellming & Webbink 1987), for either the adiabatic 
responsee of the stellar radius (£ad), the thermal-equilibrium response (i^,), and the Roche 
radiuss response (£L). Webbink (1985) (see also Pols & Marinus 1994) discussed three modes 
off  mass transfer, i.e. 

1.. Stable Roche-lobe overflow, if £ad > £L and £th > CL (i.e. the donor expands less rapidly 
orr contracts more rapidly than its Roche lobe in response to mass transfer). In this case 
masss transfer is driven by the radius expansion of the donor due to nuclear evolution or 
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Figur ee 1.6. Evolution of the radius of 10 and 15 MQ stars. Dotted lines delineate the ranges of radius 
att which mass transfer is called a case A, B, or C. In the 15 M 0 star, the radius does not decrease during 
heliumm core burning such that the margin between case B and C is not straightforward. The moment of 
heliumm ignition at the 15 M 0 star is marked by a dot. 

duee to orbital shrinkage, takes place stably and the donor remains in thermal equilib-
rium.. It proceeds on the nuclear timescale xnUc = R/R until the donor contracts on its 
ownn accord, or on the orbital shrinkage timescale. Roughly, this type of stable RLOF 
occurss if the accretor is more massive than the donor. 

2.. Thermal-timescale mass transfer, if ^ad > £L > Cth (i-e. the donor keeps overfilling its 
Rochee lobe in order to achieve thermal equilibrium). When the donor is more massive 
thann the accretor and has a radiative envelope (i.e. in case A and in early case B), mass 
transferr is driven by thermal relaxation and takes place on the thermal timescale tth = 
GMGM22/RL./RL. The structure of the donor changes rapidly; thermal equilibrium is recovered 
onlyy when the donor becomes less massive than the accretor, and mass transfer relaxes 
too the stable mode. 

3.. Dynamically unstable mass transfer, if £L > Cad (i-e- the donor's radius keeps exceed-
ingg the Roche radius in order to achieve hydrostatic equilibrium). This mode of mass 
transferr occurs roughly when the donor has a deep convective envelope and is more 
massivee than the accretor (i.e. in late case B and in case C mass transfer). It proceeds 
onn the dynamical timescale Xdyn = R/Vs, where Vs is the speed of sound in the envelope. 
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Oncee dynamically unstable mass transfer is initiated, the donor's envelope will not be 
ableable to maintain synchronous rotation such that the Roche model loses its significance. 

Apartt from the three modes of mass transfer, a binary system can be tidally unstable if in 
synchronouss rotation the rotational angular momentum of one component exceeds one third 
off  the orbital angular momentum (e.g. Darwin 1879; Counselman 1973). This situation can 
bee found if the donor is more than roughly 6 times as massive as its companion (Sparks & 
Stecherr 1974), even before the star fill s its Roche lobe. The orbit then decays on the tidal 
timescale.. The donor cannot maintain synchronous rotation with the orbit, and the accretor 
iss dragged into the envelope with a differential velocity. 

1.2.33 Common envelope evolution 

Inn a stable RLOF, the donor is roughly less massive than the accretor such that the mass-
transferr rate is relatively low, and therefore the accretor also remains in thermal equilibrium. 
Inn thermal-timescale and dynamically unstable mass transfer, the donor is more massive than 
thee accretor such that the mass-transfer rate is high. If the accretion timescale Tacc — Ma/M is 
shorterr than the accretor's thermal timescale, the accretor gets out of its thermal equilibrium 
andd expands. The expansion might cause the accretor to also fil l its Roche lobe and form a 
contactt binary. This is virtually inevitable in the case of dynamically unstable mass transfer. 
Sincee also the primary star is overflowing its Roche lobe, the two components have to ex-
pandd to recover thermal equilibrium, and hence matter will surround the two stars forming a 
commonn envelope (CE). For a review on CE evolution, we refer to Iben & Livi o (1993) and 
too Taam & Sandquist (2000) for CE phases that involve a massive-star donor and a compact 
companion.. We will consider the latter situation in our work. 

Whenn a relatively compact gravitating mass moves supersonically through an extended 
mediumm like the envelope of a giant star, a flow of matter passes the compact object through 
aa conical shock and a fraction of it undergoes collisions behind the object (Bondi & Hoyle 
1944),, creating a frictional drag force between the compact object and the envelope. The drag 
forcee dissipates the orbital kinetic energy of the compact object. As a result, the orbit decays 
andd the compact object spirals into the envelope. The orbital angular momentum deposited 
intoo the envelope is then converted into the angular momentum of the CE, which causes the 
envelopee to be spun up. Eventually, if enough energy and angular momentum is transferred 
too the envelope, it can be ejected. Therefore, the outcome of a CE phase is a reduction in the 
binaryy separation and, in many cases, the ejection of the envelope. A system will survive a 
CEE and spiral-in phase if in the final orbit, the Roche radius of the core remnant is larger than 
thee radius of this remnant - in this case a binary consisting of the core of the giant and the 
compactt object in a very tight orbit is the outcome of the CE phase. 

Theree are many uncertainties involved in calculations of the spiral-in phase during the 
CEE evolution. A complete study of the problem would also require very detailed multi-
dimensionall  hydrodynamical calculations, which are beyond the scope of this thesis. Such 
studiess have been done (see Taam & Sandquist 2000, and references therein), but conclusions 
aboutt the outcome of the CE phase are still uncertain because the timescale of the process 
becomess too long to follow in such calculations. Instead, to calculate the outcome of CE 
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evolution,, we apply the simple approximation proposed by Webbink (1984), that relates the 
changee in orbital energy with the binding energy of the envelope. We will discuss this in 
moree detail in Chapter 2. 

1.2.44 The evolution of single helium stars 
Thee first mass-transfer phase usually ends when almost the entire hydrogen-rich envelope 
hass been transferred to the companion. In this way, a star consisting of a helium core with a 
thinn hydrogen envelope is formed, which we call a helium star. Case B mass transfer from 
primaryy stars more massive than 2.3 MQ produces a helium star which starts burning helium 
inn the centre, i.e. a star on the helium-star main sequence, while case C leaves a helium star 
withh a CO core and helium burning in a shell as the remnant. The further evolution of the 
heliumm core is practically independent of the presence of the hydrogen shell, and therefore 
cann be approximated by the evolution of naked helium stars. We refer to e.g. Paczyriski 
(1971);; Habets (1986a,b); Pols (2003) for extensive studies of the evolution of single helium 
stars.. We will consider helium stars of intermediate and high mass (Mue > 1.5 M 0) in our 
work.. These are remnants of stars > 8 M 0. 

Thee main-sequence stage of a helium star is characterized by a slow increase in luminosity 
andd slow expansion of the radius followed by decreasing radius and increasing Teff during the 
lastt part of helium core burning. After helium is exhausted in the core, nuclear burning takes 
placee in a shell and the envelope of the star expands. The CO core contracts until its central 
temperaturee is high enough to burn carbon, or until it becomes degenerate (Mue £ 2 M 0). 

Thee stellar structure at the ignition of carbon depends sensitively on the stellar mass and 
iss crucial in determining the fate of a star. Above a certain critical mass MC:\ (presented as Mi 
inn Fig. 1.7), carbon is ignited in an off-centre shell flash while the core is partly degenerate. 
Polss (2003) found this critical mass to be 1.86 M 0 if convective overshooting is not taken into 
accountt (STD models) and 1.55 M 0 in models with convective overshooting (OVS models). 
Withh increasing stellar mass the carbon shell flash occurs at deeper mass shells (see the + 
signss connected by a dotted line in Fig. 1.7), while the central conditions become less and 
lesss degenerate. During the flash a convective zone develops and penetrates outward and 
inward. . 

Abovee another critical mass MCj2 (given as Mj in Fig. 1.7), carbon ignition takes place in 
thee centre. The central conditions are still mildly degenerate at masses near this critical mass, 
leadingg to a mild carbon flash and heating and expansion of the core, after which carbon 
burnss steadily in a convective core. This critical mass is 2.65 MQ in STD models and 2.2 M 0 

inn OVS models (Pols 2003; Habets 1986b). Above this critical mass, the core mass at the 
ignitionn of carbon in the centre Mcore is higher than the Chandrasekhar mass Afch (see the 
dott symbols connected by the solid line in Fig. 1.7). If Mcore > A*ch, then the ONeMg core 
masss is > 1.37 M 0 (see e.g. Nomoto 1984, 1987) which is high enough to ignite neon. Then, 
probablyy in all cases, eventually an Fe core is formed (after Ne, O, Si burning) leading to 
coree collapse by photodisintegration, although the evolution is very complicated for Mcore 

closee to but above MCh- If Mcore < A*ctn neon is not ignited, but a degenerate ONeMg core 
iss formed. In absence of mass loss, this core will also grow to Afch and undergo electron 
captures,, leading to core collapse. Even below MCt\, probably a degenerate ONeMg core wil l 
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Figur ee 1.7. The conditions at carbon ignition for helium stars between 1.5 and 3.2 M©, for models 
withoutt (left) and with (right) convective overshooting. The large dots connected by a solid line show 
thee CO core mass MC0K at carbon ignition, and the + signs connected by a dotted line indicate the mass 
shelll  where the convective carbon flash occurs (after Pols (2003)). 

formm after off-centre carbon ignition at mr w 1.3 M 0 (Pols 2003). Therefore, the limiting 
masss for neutron star formation from a single naked helium star is determined by mass loss, 
ratherr than by whether M core > MCb- In reality, most helium stars are in sufficiently close 
binariess that mass transfer reduces the mass to « M core before core collapse can occur. In this 
casee the limiting mass is RS MCJ, but possibly smaller. 

1.33 The formation of double neutron star binaries 

1.3.11 The "standard" evolutionary scenario 

Inn a pioneering study of the evolution of massive X-ray binaries, van den Heuvel & de Loore 
(1973)) found that the donor star in an HMXB wil l evolve and transfer matter to the neutron 
star,, and the system becomes a helium star-neutron star binary. Flannery & van den Heuvel 
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Figur ee 1.8. An example of the standard evolutionary scenario for the formation of double neutron star 
systems.. See text for an explanation. 
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(1975)) suggested that the helium star-neutron star system will produce a neutron star-neutron 
starr binary, if the system is not disrupted by the supernova explosion. Based on the two 
above-mentionedd studies, and also on the theory of common-envelope evolution, a stage of 
binaryy evolution at that time currently proposed by Paczyriski (1976) and Ostriker (1976, 
unpublished,, quoted in Eggleton (1976) and Ritter (1976)), Smarr & Blandford (1976) pro-
posedd a scenario for the formation of a DNS, which later became known as the "standard" 
evolutionaryy channel for the formation of double neutron star binaries. An example of this 
scenarioo is presented in Fig. 1.8, which is described as follows: (I) At time 0, the binary 
consistss initially of two main-sequence stars. (II) At t = 14.14 Myr, the primary that has 
lostt some mass due to stellar wind, fills its Roche lobe and undergoes conservative mass 
transfer.. (Ill ) At the end of RLOF (r = 14.19 Myr) the system consists of the helium core 
off  the primary and the now much more massive secondary. The orbit widens during RLOF. 
(IV)) The helium star explodes and becomes a neutron star (t = 16.28 Myr). If the explosion 
doess not disrupt the system, a binary consisting of a neutron star and a main-sequence star 
remains.. (V) The secondary now becomes a giant and fill s its Roche lobe (t = 20.42 Myr). 
Masss transfer is dynamically unstable leading to a CE phase due to the large mass ratio of 
thee system. (VI) If the system survives the CE phase, the remnant is a binary consisting of 
aa neutron star and the helium core of the secondary in a tight orbit (t = 20.42 Myr). (VII ) 
Eventually,, the helium star explodes in the second supernova and the system becomes double 
neutronn star (t = 21.63 Myr). We refer to Bhattacharya & van den Heuvel (1991) for a more 
detailedd explanation. 

1.3.22 Previous work 

Attemptss to find or to put constraints on the progenitors of the observed DNSs have been 
madee previously by various authors. Weisberg & Taylor (1984) published the pulsar mass of 
B1913+166 and its companion mass as 1.444 and 1.384 M 0, respectively. Assuming that the 
secondd neutron star was formed by a symmetric supernova explosion, Burrows & Woosley 
(1986)) found that the helium star mass prior to the explosion is 3.13 M 0 (assuming the 
observedd pulsar is the older neutron star). They compared these masses with the evolution of 
massivee stars done by Woosley & Weaver (1986) and concluded that a helium star ~ 3 M 0 is 
nott massive enough to produce a neutron star with the observed mass. Instead, a helium star 
off  5 - 6 M 0 is required, with the consequence that an asymmetric SN explosion is necessary. 
Theyy suggest that the pre-SN separation is ~ 4.5 R0. 

Yamaoka,, Shigeyama, & Nomoto (1993) and Fryer & Kalogera (1997) also found that 
aa symmetric explosion cannot explain the formation of the observed DNSs and that the pro-
genitorss of these systems are helium stars of 4.5 - 5 M 0, although for different reasons than 
Burrowss & Woosley (1986). We will return to this in Chapter 4. Recently, Francischelli, 
Wijers,, & Brown (2002) studied the evolution of the magnetic field in helium star-neutron 
starr binaries, with the assumption that wind-fed mass transfer is responsible for the recycling 
off  the observed double neutron star systems. They found that systems with close initial orbits 
(a(a ~ 2 — 3 R0) and an initial helium star mass in the range 8 < AfHe/M0 < 15 are able to 
explainn the observed spin periods, orbital separations, and magnetic fields of B1913+16 and 
B1534+12. . 
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Off  all the above-mentioned works, none was based on detailed calculations of helium 
starss in binary systems. Furthermore, most of them were carried out assuming that the he-
liumm star does not fil l its Roche lobe. In this thesis we investigate the interaction in helium 
star-neutronn star binaries. Based on our detailed evolutionary calculations we try to put con-
straintss on the progenitors of the galactic DNSs, under the assumption that the DNSs are the 
descendantss of helium star-neutron star systems which may have experienced RLOF. 

1.3.33 Alternativ e scenarios 
1.3.3.11 Independent evolution vs. non-conservative mass transfer 

InIn order to be able to survive the CE phase, a long initial orbital period is needed. However, 
suchh a long period is not expected for systems which undergo a conservative, early case B 
masss transfer. The fact that the first-born neutron star in B1913+16 is the more massive of 
thee two components complicates the problem. From evolutionary calculations, more mas-
sivee stars are expected to leave more massive remnants, although the initial-final neutron star 
masss relation is not necessarily monotonie (Woosley, Heger, & Weaver 2002). According to 
thee scenario depicted in Fig. 1.8 this would not be possible as the first-born neutron star is 
thee remnant of a star that was less massive than the progenitor of the second-born neutron 
star.. Therefore, Terman & Taam (1995) argued that the standard scenario cannot explain the 
existencee of B1913+16. They proposed that the binary progenitor of B1913+16 consisted 
initiallyy of 15 and 13.5 M 0 stars in a wide orbit (Porb = 6.3 yr) such that the two components 
evolvee independently. The more massive component then undergoes a supernova explosion 
withh an asymmetric kick directed such that the orbital period is reduced and the system be-
comess a neutron star-massive star binary in a somewhat less wide orbit. The secondary fill s 
itss Roche lobe, and the system undergoes a CE phase. The wide orbit allows the system to 
survivee the CE phase. The rest of the evolution is the same as in the standard scenario. 

Thee first-born neutron star in B1534+12 is not the more massive of the two components. 
Too obtain a long orbital period prior to the CE phase, Terman & Taam (1995) start with 12 and 
7.55 M 0 stars in relatively wide orbit (PQrb = 2 yr). The primary undergoes a non-conservative, 
dynamicall  mass transfer followed by conservative mass transfer on a nuclear timescale which 
widenss the orbit. After the mass-transfer phase is terminated, the primary explodes to become 
aa neutron star. The following stages of evolution are the same as in the previous paragraph. 

1.3.3.22 Evolution without accretion on to the neutron star 

vann den Heuvel & de Loore (1973) have considered the possibility that a neutron star can 
becomee a black hole by accreting enough material during a mass-transfer phase. Chevalier 
(1993)) argued that a neutron star which moves in the dense environment of a stellar envelope 
cann accrete a considerable amount of matter. Except in very extended stars, radiation pressure 
iss unable to limit the accretion to roughly the Eddington rate because photons are advected 
withh the mass flow. The hypercritical accretion allows the neutron star to evolve into a black 
hole.. Brown (1995) elaborated this possibility and argued that a massive star-neutron star 
binaryy that goes through a CE and spiral-in phase must produce a helium star-black hole 
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binaryy instead of a helium star-neutron star binary, and therefore a DNS cannot be produced 
byy the standard scenario. 

Brownn (1995) (see also Wettig & Brown 1996; Bethe & Brown 1998) suggested that the 
doublee neutron star binaries originate from a binary consisting of two helium stars in a close 
orbit.. The first-born neutron star accretes from the wind mass loss from the other helium star 
whichh weakens the magnetic field of the neutron star. To obtain a double helium star binary in 
aa close orbit, the system has to start with almost equal mass components (within 4 per cent). 
Becausee of the similarity in mass, both components ignite helium and fil l their Roche lobes 
att almost the same time. A contact phase and common envelope (which they called a double 
CEE phase) takes place, and during this phase the hydrogen envelopes of both components are 
removedd from the system and the helium cores spiral-in toward each other which tightens 
thee orbit. The similar masses of the two main-sequence stars results in similar masses of the 
heliumm binary components, and hence in similar masses of the two neutron stars. 

1.3.3.33 The formation of non-recycled double neutron stars 

Followingg the work of Brown (1995), Belczyriski & Kalogera (2001) proposed a new evolu-
tionaryy channel to form DNSs. This scenario is presented in Fig. 1.9. The evolution begins 
withh two massive stars of almost equal mass (within 7 per cent). A non-conservative mass 
transferr from the primary occurs until the hydrogen-rich envelope is removed, such that the 
systemm consists of a low-mass helium star and a massive secondary. A second dynamically 
unstablee mass-transfer phase occurs when the secondary becomes a giant, leaving two helium 
starss in a close orbit - the second helium star is more massive than the first. The helium stars 
evolvee and expand such that both fil l their Roche lobe and go through a contact phase. The 
COO cores of the helium stars are engulfed in the common helium envelope. The outcome of 
thiss double CE phase is two CO cores in a tight orbit, which eventually explode and form two 
neutronn stars. Since neither of the two neutron stars experienced a phase of mass transfer, 
theyy are not recycled and hence live as a radio pulsar for a relatively short time (~ 106 yr 
comparedd to ~ 108 — 1010 for the recycled pulsars). Non-recycled binary pulsars can also 
bee formed by a double CE phase during the hydrogen-rich stage followed by another double 
CEE phase in the helium star binary (Belczyiiski, Kalogera, & Bulik 2002b). However, these 
scenarioss cannot apply to the observed, recycled galactic DNSs. 

1.3.3.44 The formation of ultra-short-orbi t double neutron stars 

Belczyriski,, Bulik, & Kalogera (2002a) found another population of DNSs by allowing hy-
percriticall  accretion on to the neutron star. The evolution starts with two massive stars (see 
Fig.. 1.10). The primary evolves, transfers mass to the secondary non conservatively, and 
explodess to become a neutron star. The massive secondary in turn fill s its Roche lobe which 
leadss to a CE phase. During this CE phase, the orbit shrinks and the neutron star accretes 
matterr hypercritically, increasing its mass to ~ 2 MQ. The secondary becomes a helium star 
whichh again expands and fill s its Roche lobe. Another CE phase occurs which produces a re-
cycled,, "heavy" neutron star and the CO core which eventually becomes the second neutron 
star.. Due to the second CE phase, an ultra short neutron star binary with a merger time scale 
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~~ 1 Myr is obtained. Belczyriski et al. (2002b) proposed 9 other evolutionary channels which 
leadd to the formation of these ultra-short orbit double neutron star systems, with a common 
characteristicc that the last binary interaction is hypercritical accretion during the CE phase 
off  a low-mass helium star giant and the first-born neutron star. In all these proposed chan-
nels,, the second CE phase occurs by assumption rather than by a self-consistent calculation 
off  mass transfer in helium star-neutron star binaries. 

1.44 This thesis 

Duee to its large mass ratio, a Be/X-ray binary will go through a CE phase. We will start our 
workk in Chapter 2 by evaluating the binding energy of an evolved star, which is crucial to 
determinee the survival of a binary system which goes through a CE and spiral-in phase. We 
alsoo study various criteria to determine the core mass of the donor star which is important 
forr the calculation of the binding energy. We have seen in Sect. 1.3.3 that there are several 
evolutionaryy channels that can produce a double neutron star. However, to produce a recycled 
pulsarr a phase of mass transfer to the first-born neutron star must have taken place. Hence, 
thee last stage before the explosion of the second neutron star must have been a helium star-
neutronn star binary (stage VI in Fig. 1.8 and stages VI - VII in Fig. 1.10). We therefore 
studyy the evolution of helium stars in close binary systems in Chapter 3. The latest stages of 
thee evolution, as well as the possible final products of the helium star-neutron star binaries 
aree investigated in Chapter 4. The question how likely is it to produce a double neutron star 
systemm through the standard scenario is investigated in Chapter 5. The summary of our work 
ass well as possible future studies are presented in Chapter 6. 

1.4.11 Basic assumptions 
Duringg the CE phase following the evolution of Be/X-ray binaries, and also during the mass-
transferr phase from the helium stars, mass can be transferred at high rates. We refer to e.g. 
Houckk & Chevalier (1991) and references therein for an explanation about the hypercritical 
accretionn process on to a neutron star. Chevalier (1993) and Brown (1995) have argued 
thatt if M > 10- 3 M 0 yr_1, the neutron stars can accrete sufficient matter in the neutrino-
dominatedd regime to form black holes. However, strong accretion might not occur if the 
companionn is very extended (Chevalier 1993) or if rotation of the magnetized neutron star 
iss taken into account (Chevalier 1996) or if there is strong outflow from a disc around the 
neutronn star (Armitage & Livi o 2000). This might allow the spiral in of real (rotating and 
magnetized)) neutron stars into the stellar envelope of highly evolved giants without them 
becomingg black holes. Furthermore, van den Heuvel (2001) argued that when the accretion 
ratee slightly exceeds the Eddington limit, the radiation pressure will prevent it from growing 
further.. Taam, King, & Ritter (2000) considered that the low rates of accretion characteristic 
off  the low density envelopes of more evolved stars, in combination with the short duration 
off  the CE phase (< 10 — 100 yr) suggests that accretion is not important. Following their 
arguments,, we assume that the neutron star does not accrete a significant amount of matter 
whilee it is embedded in the donor's envelope. 
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Figuree 1.10. The evolutionary scenario for the formation of recycled pulsar in ultra-short orbit through 
aa hypercritical accretion on to a neutron star during the common-envelope evolution (after Belczynski 
ett al. (2002a)). 
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Earlyy nucleosynthesis calculations suggested that stars with different initial masses pro-
ducee neutron stars with slightly different masses (e.g. Woosley & Weaver 1986; Thielemann, 
Nomoto,, & Hashimoto 1996). On the other hand, Woosley & Weaver (1995) and Timmes, 
Woosley,, & Weaver (1996) found that stars less massive than about 19 M 0 produce collaps-
ingg Fe cores of about the same mass, which produce neutron stars of ~ 1.4 M 0 (gravitational 
mass).. Since our study is about stars with masses not more massive than 20 M 0, we will 
thereforee assume that every helium star produces a neutron star with the same mass, i.e. 
1.44 M 0 . 

1.4.22 A brief introduction to the numerical computer  code 
Thee evolutionary calculations in this thesis were carried out using an updated version of the 
numericall  stellar evolution code of Eggleton (1971, 1972, 1973). This code uses a self-
adaptive,, non-Lagrangian mesh-spacing which is a function of local pressure, temperature, 
Lagrangiann mass and radius. It treats both convective and semi-convective mixing as a dif-
fusionn process and finds a simultaneous and implicit solution of both the stellar structure 
equationss and the diffusion equations for the chemical composition. Later improvements are 
thee inclusion of pressure ionization and Coulomb interactions in the equation-of-state, and 
thee incorporation of recent opacity tables, nuclear reaction rates and neutrino loss rates. The 
mostt important recent updates of this code are described in Pols et al. (1995, 1998) and some 
aree explained in Han, Podsiadlowski, & Eggleton (1994). 

Wee performed such detailed numerical stellar evolution calculations for a grid of initial 
systemm parameters in order to explore the entire range of possible progenitor systems that 
mayy produce DNSs, including systems similar to the four known galactic DNSs. 
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OnOn the energy equation and efficiency parameter of the common envelope evolution 
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and d 

OnOn the binding energy parameter of common envelope evolution -
DependencyDependency on the definition of the stellar core boundary during spiral-in 

T.. M. Tauris & J. D. M. Dewi, Astron. Astrophys. 369, 170 - 173 (2001) 

WeWe investigate the structure of evolved giant stars with masses 3-50 A/© in 
orderorder to evaluate the binding energy of the envelope to the core which is crucial 
forfor determining the outcome of binaries evolving through a common envelope 
(CE)(CE) and spiral-in phase. We show that the binding energy which is expressed 
byby a parameter X depends strongly on the evolutionary stage (i.e. stellar radius) 
ofof the donor star at the onset of the mass transfer. For a given observed binary 
system,system, the existence of this relation enables us to derive a unique solution for 
thethe original mass and age of the donor star, as well as the pre-CE orbital period. 

TheThe exact location of the point which separates the H-rich envelope from the in-
nerner core region of the donor is very important for evaluating X. We compare var-
iousious methods to define the core/envelope boundary of evolved stars with masses 
4,4, 7, 10 and 20 M 0. On the asymptotic giant branch, where highly degenerate 
andand condensed cores are formed, we find good agreement between the various 
methods,methods, except for massive (~ 20 MQ) stars. On the red giant branch, the en-
tropytropy profile gives a high core mass and a maximum X value, while a criterion 
toto use 10 per cent abundance of hydrogen as the core mass yields a smaller core 
massmass and a minimum X. 

WeWe find that X can be larger than 5, particularly on the AGB of lower-mass stars. 
AA high value of X (rather than assuming a high efficiency parameter, T\CE > 1) 
isis sufficient to explain the long final orbital periods observed among those binary 
millisecondmillisecond pulsars which are believed to have evolved through a CE-phase. 

23 3 
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2.11 Introductio n 

AA very important stage of the evolution of close binaries is the formation of a common enve-
lopee (CE). Generally, if a star in a binary fill s its Roche-lobe (either because of the swelling 
upp of the envelope due to exhaustion of nuclear fuel at the centre - or reduction in the sepa-
rationn due to loss of orbital angular momentum) there will be an attempt to transfer mass to 
thee companion. However, if the thermal re-adjustment timescale of the accreting star is larger 
thann the mass-transfer timescale, the accreted layer piles up above the companion, heats up 
andd expands so that the accreting star will also fill  its Roche-lobe. The result is that the trans-
feredd matter will form a common envelope embedding both stars (Paczyriski 1976). When 
thee mass ratio is large the CE-phase is accompanied by the action of a drag-force, arising 
fromm the motion of the companion star through the envelope of the evolved star, which leads 
too dissipation of orbital angular momentum (spiral-in process) and deposition of orbital en-
ergyy in the envelope. Hence, the global outcome of a CE-phase is reduction of the binary 
separationn and often ejection of the envelope. For a general review on common envelopes, 
seee e.g. Iben & Livi o (1993). 

Theree is clear evidence of orbital shrinkage (as brought about by frictional torques in 
aa CE-phase) in some observed close binary pulsars and white dwarf binaries (e.g. PSR 
1913+16,, L 870-2 - see Iben & Livi o 1993 and references therein). In these systems it is clear 
thatt the precursor of the last-formed degenerate star must have achieved a radius much larger 
thann the current orbital separation. Since the present short separation of degenerate stars in 
somee binaries can not be explained by gravitational-wave radiation or a magnetic wind as 
thee main source of the loss of JOT\y, frictional angular momentum loss was probably responsi-
blee for the very close orbits observed. An alternative process recently investigated (King & 
Begelmann 1999; Tauris, van den Heuvel, & Savonije 2000) is a highly super-Eddington mass 
transferr on a subthermal timescale. However, as shown by the latter authors this process can 
nott explain the observed properties of all systems. They conclude that CE and spiral-in evo-
lutionn is still needed to account for the formation of double neutron star systems and mildly 
recycledd pulsars with a heavy white dwarf companion and Porb < 3 days. 

Theree are many uncertainties involved in calculations of the spiral-in phase during the CE 
evolution.. The evolution is tidally unstable and the angular momentum transfer, dissipation 
off  orbital energy and structural changes of the donor star take place on very short time scales 
(1033 — 104 yr). A complete study of the problem would also require very detailed multi-
dimensionall  hydrodynamical calculations which is beyond the scope of this paper. Here we 
aimm to improve the simple formalism developed by Webbink (1984) and de Kool (1990) for 
estimatingg the orbital evolution of binaries evolving through a CE and spiral-in phase. An 
importantt quantity in their formalism is the binding energy between the envelope and the 
coree of the donor star. This quantity is expressed by a parameter A, which depends on the 
stellarr density distribution, and consequently also on the evolutionary stage of the star. With 
aa detailed evolutionary calculation, Bisscheroux (1998) found that X ~ 0.4 - 0.6 on the red 
andd asymptotic giant branches of a 5 M© star. In the literature this parameter is usually taken 
too be a constant (e.g. X = 0.5) disregarding the evolutionary stage (structure) of the donor star 
att the onset of the mass transfer process. This in turn leads to a misleading (over)estimation 
off  the so-called efficiency parameter, TJCE, often discussed by various authors. From obser-
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vationss one is able to put constraints on the product T]CEX (see eq. 2.4 below). However, by 
underestimatingg X the derived values for r)CE will be overestimated - e.g. van den Heuvel 
(1994a)) and Tauris (1996) concluded r|cE > 1 by assuming X = 0.5. By calculating A, as a real 
functionn of stellar radius we are able to improve the estimates of post-CE orbital separations 
andd hence put more realistic constraints on rjcE-

Detailedd calculations of the binding energy of the envelope to determine the outcome of 
binariess evolving through a CE-phase have been done by Han et al. (1994) and Han, Podsi-
adlowski,, & Eggleton (1995). The method and the stellar evolution code used to calculate 
thee binding energy in their work is similar to the one applied in our work. However, here we 
discusss the binding energy within the context of the A.-parameter in the Webbink-formalism. 
Wee also raised the important question of how to define the core-mass boundary - i.e. once 
thee spiral-in process is initiated, and frictional torques deposit kinetic energy in the envelope, 
wheree is the exact location of the point of bifurcation in the envelope which separates the 
ejectedd material from the remaining condensed core region? We present calculated values 
off  X for stars with initial mass in the range of 3 - 50 M 0 at different evolutionary stages. 
Suchh values are useful for an estimation of the orbital decay during a common-envelope and 
spiral-inn phase. We also demonstrate a new approach to find a unique solution for the stellar 
andd binary parameters of systems evolving through a CE and spiral-in phase. 

Wee will in particular consider binaries in which the companion of the evolved star is a 
neutronn star. Such binaries are the progenitors of binary millisecond pulsars (BMSPs) with 
aa massive degenerate companion (e.g. van den Heuvel 1994a) and they may appear in nature 
ass short lived intermediate-mass X-ray binaries (IMXBs). 

Inn Sect. 2.2 we describe the basic concepts of common envelope evolution concerning 
thee energy equation and the problems of defining the binding energy. Sect. 2.3 explains the 
variouss methods to derive the core boundary. The results are discussed in Sect. 2.4. We 
summarizee our conclusions in Sect. 2.5. 

2.22 Common envelope and spiral-in phase 

2.2.11 The energy equation and orbital evolution 

AA simple estimation on the reduction of the orbit can be found by simply equating the differ-
encee in orbital energy (before and after the CE-phase) to the binding energy of the envelope 
off  the (sub)giant donor. Following the formalism of Webbink (1984), the original binding en-
ergyy of the envelope at the onset of mass transfer will be of the order: -GMdonor^env/fli 1.» 
wheree Mdonor is the mass of the donor star at the beginning of the CE-phase; Menv is the 
masss of the hydrogen-rich envelope of the donor; a\ is the orbital separation at the onset 
off  the CE and r^ = Rh/a\ is the dimensionless Roche-lobe radius of the donor star, so that 
a;; n = RL « Z?donor- A parameter X was introduced by de Kool (1990) as a numerical factor 
(off  order unity) which depends on the stellar density distribution, such that the real binding 
energyy of the envelope can be expressed as: 

^env v 
GMGMdonordonor Menv 

Xa\r^ Xa\r^ 
(2.1) ) 
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Thee total change in orbital energy is given by: 

A ~~ GMCOKM2 GMdonorM2 
A^orbb = z 1 z (2.2) 

22 of LCL\ 

wheree Mcore = Mdonor - Menv is the mass of the helium core of the evolved donor star; M2 is 
thee mass of the companion star and of is the final orbital separation after the CE-phase. 

Lett rjcE describe the efficiency of ejecting the envelope, i.e. of converting orbital energy 
intoo the kinetic energy that provides the outward motion of the envelope: £env = HCE A£orb 
or,, by equating eqs. (2.1) and (2.2): 

'' GMC0K M2 GMdonor M2" GA/donorA^env v 

== ricE 

whichh yields: 

flfflf  MC0TeM2 1 

Mdonorr M2+2 Menv / (r|CE ̂  1 ) 

(2.3) ) 

(2.4) ) 

2.2.22 The binding energy of the envelope 

Thee total binding energy of the envelope to the core is given by: 

rr / GM(r) \ 

EbindEbind = / ^+U)dm (2.5) 
ee \ r / 

wheree the first term is the gravitational binding energy and U is the internal thermodynamic 
energy.. The latter involves the basic thermal energy for a simple perfect gas (3^7/2/^), the 
energyy of radiation (aT4/3p), as well as terms due to ionization of atoms and dissociation of 
moleculess and the Fermi energy of a degenerate electron gas (Han et al. 1994, 1995). 

Thee binding energy of the envelope can be expressed by eq. (2.5), under the assumption 
thatt the entire internal energy is used efficiently in the ejection process. However, it is not 
knownn how much of the internal energy is involved to unbind the envelope. Han et al. (1995) 
introducedd a parameter atn and expressed the envelope binding energy as: 

donor r /"A/donorr GM(r) fMdo 

EEemem = - —dm + ath Udm (2.6) 

Thee parameter atn depends on the details of the ejection process, which is very uncertain. 
AA value of atn equals to 0 or 1 corresponds to minimum and maximum envelope binding 
energy,, respectively. By simply equating eqs. (2.1) and (2.6) we calculated the parameter X 
forr different evolutionary stages of a given star. The minimum and maximum derived values 
off  A, are denoted by Xg (ath = 0) and X  ̂(atn = 1). 

Byy taking the core mass A/core as the lower boundary of the integral, we assume that the 
structuree of the core does not change during the envelope ejection process, and therefore we 
assumee that there is no exchange of energy between the core and the envelope. 

Forr the case of binary stars we use the radii of the stars to calculate the separations at 
thee onset of the mass transfer assuming a companion star of mass M2. An expression for the 
Roche-lobee radius is given by eq. (1.1). 
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Tablee 2.1. The estimated X (see text) as a function of stellar radius for different donor stars (graphs 
shownn in Fig. 2.1. ƒ? is in units of R© and k2 = I/MR2 is the gyration radius of the star. The cor-
respondingg orbital period, Por  ̂(days) is also given at the onset of Roche-lobe overflow, assuming a 
1.33 M© neutron star companion. * marks the red giant branch stage of evolution, **  the asymptotic 
giantt branch. 
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Tablee 2.1 (continuation from previous page) 
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400.00 ** 
425.00 ** 
445.00 ** 

R R 

100.0 0 
200.0200.0 * 
300.0300.0 * 
400.00 ** 
450.00 ** 
475.00 ** 
500.00 ** 
525.00 ** 
550.00 ** 
579.00 ** 

R R 

100.00 * 
200.0200.0 * 
400.00 * 
500.0500.0 ** 
550.0550.0 ** 
600.00 ** 
625.00 ** 
650.00 ** 
675.00 ** 
697.0697.0 ** 

R R 

100.0 0 
200.0 0 

2.144 0.19 
2.133 0.21 
2.133 0.22 
2.122 0.25 
2.122 0.31 
2.099 0.54 

0.36 6 
0.42 2 
0.46 6 
0.56 6 
0.79 9 
2.68 8 

M=M=  10.0 M 0 

^ c o ree A,g 

2.077 0.10 
2.066 0.11 
2.077 0.10 
2.866 0.11 
2.866 0.14 
2.855 0.15 
2.855 0.17 
2.844 0.18 
2.833 0.21 
2.822 0.26 

\b \b 

0.20 0 
0.22 2 
0.19 9 
0.20 0 
0.30 0 
0.29 9 
0.35 5 
0.37 7 
0.45 5 
0.66 6 

M=M=  12.0 M© 

' '"coree ^g 

2.722 0.10 
2.711 0.08 
2.733 0.12 
3.544 0.09 
3.544 0.11 
3.533 0.13 
3.522 0.14 
3.522 0.16 
3.511 0.18 
3.500 0.20 

A,b b 

0.22 2 
0.16 6 
0.22 2 
0.17 7 
0.21 1 
0.26 6 
0.28 8 
0.34 4 
0.39 9 
0.45 5 

M=14.OM0 0 

ee ^-g 

3.344 0.09 
3.344 0.06 

X\, X\, 

0.21 1 
0.13 3 

0.11 1 
0.11 1 
0.11 1 
0.11 1 
0.11 1 
0.12 2 

kk2 2 

0.02 2 
0.08 8 
0.10 0 
0.10 0 
0.10 0 
0.11 1 
0.11 1 
0.11 1 
0.11 1 
0.12 2 

kk2 2 

0.01 1 
0.01 1 
0.10 0 
0.10 0 
0.10 0 
0.11 1 
0.11 1 
0.11 1 
0.12 2 
0.12 2 

kk2 2 

0.01 1 
0.01 1 

573.2 2 
641.1 1 
711.0 0 
783.0 783.0 
858.6 6 
919.9 9 

^orb b 

83.8 8 
235.2 2 
432.2 2 
681.0 0 
813.5 5 
882.2 2 
952.6 6 

1025.1 1 
1100.0 0 
1188.1 1 

b b 

73.9 9 
209.1 1 
591.3 3 
845.3 3 
978.2 2 

1114.6 6 
1188.1 1 
1256.8 8 
1333.5 5 
1395.5 5 

Porb Porb 

67.0 0 
189.6 6 

(continuedon(continuedon the next page) 
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Tablee 2.1 (continuation from previous page) 

400.00 * 
500.00 ** 
550.00 ** 
600.00 ** 
650.00 ** 
700.00 ** 
725.00 ** 
747.00 ** 

R R 

200.0 0 
400.0 0 
550.0 0 
600.0 0 
650.0 0 
750.0 0 
800.0 0 
850.0 0 
900.0 0 
928.0 0 

R R 

200.0 200.0 
400.0 0 
600.0 0 
700.0 0 
750.0 0 
850.0 850.0 
900.0 0 
950.0 0 

1000.0 0 
1020.0 0 

3.077 0.12 
3.844 0.08 
3.844 0.08 
3.844 0.11 
3.822 0.12 
3.811 0.14 
3.811 0.17 
3.799 0.18 

0.23 3 
0.15 5 
0.15 5 
0.21 1 
0.25 5 
0.30 0 
0.37 7 
0.40 0 

M=15.0M© © 

^"coree >̂g 

3.611 0.05 
3.600 0.03 
3.811 0.04 
4.188 0.03 
4.522 0.02 
4.833 0.03 
4.866 0.04 
4.866 0.05 
4.844 0.08 
4.822 0.10 

^ b b 

0.12 2 
0.07 7 
0.07 7 
0.06 6 
0.05 5 
0.05 5 
0.08 8 
0.09 9 
0.15 5 
0.19 9 

M=17.OM0 0 

*"coree A>g 

4.222 0.04 
4.244 0.03 
4.266 0.02 
4.800 0.02 
5.155 0.02 
5.533 0.03 
5.533 0.04 
5.544 0.04 
5.522 0.07 
5.511 0.09 

^ b b 

0.11 1 
0.06 6 
0.06 6 
0.05 5 
0.04 4 
0.05 5 
0.07 7 
0.08 8 
0.14 4 
0.19 9 

0.10 0 
0.09 9 
0.10 0 
0.11 1 
0.11 1 
0.12 2 
0.12 2 
0.12 2 

kk2 2 

0.01 1 
0.01 1 
0.08 8 
0.08 8 
0.08 8 
0.09 9 
0.10 0 
0.11 1 
0.12 2 
0.12 2 

kk2 2 

.004 4 

.005 5 
0.04 4 
0.06 6 
0.07 7 
0.09 9 
0.10 0 
0.11 1 
0.12 2 
0.12 2 

563.5 5 
812.9 9 
937.8 8 

1068.5 5 
1204.9 9 
1346.5 5 
1419.3 3 
1484.4 4 

Porb Porb 

181.9 9 
514.4 4 
836.9 9 
971.3 3 

1121.5 5 
1424.8 8 
1569.6 6 
1719.0 0 
1882.4 4 
1970.9 9 

Porb Porb 

168.6 6 
476.9 9 
876.0 0 

1135.7 7 
1286.4 4 
1607.8 8 
1751.8 8 
1899.8 8 
2051.7 7 
2113.6 6 

400.0 0 
500.0 0 
550.0 0 
650.0 0 
700.0 0 
750.0 0 
800.0 0 
845.0 0 

R R 

200.0 0 
400.0 0 
600.0 0 
650.0 0 
750.0 0 
800.0 800.0 
850.0 850.0 
900.0 0 
950.0 0 
972.0 0 

R R 

200.0 200.0 
400.0 0 
600.0 0 
700.0 0 
800.0 0 
900.0 0 
950.0 0 

1000.0 0 
1050.0 0 
1080.0 0 

3.333 0.06 
3.633 0.04 
4.155 0.03 
4.344 0.04 
4.366 0.04 
4.366 0.05 
4.344 0.09 
4.322 0.12 

0.12 2 
0.08 8 
0.06 6 
0.07 7 
0.09 9 
0.10 0 
0.17 7 
0.26 6 

M == 16.0 M 0 

iWCoree A.g 

3.922 0.05 
3.922 0.03 
4.111 0.03 
4.488 0.02 
5.088 0.02 
5.199 0.03 
5.200 0.04 
5.200 0.04 
5.188 0.08 
5.177 0.09 

A,b b 

0.11 1 
0.06 6 
0.06 6 
0.05 5 
0.04 4 
0.05 5 
0.07 7 
0.08 8 
0.16 6 
0.19 9 

M=M=  18.0 M 0 

"l"l  core ">g 

4.566 0.04 
4.611 0.02 
4.622 0.02 
4.744 0.02 
5.499 0.02 
5.933 0.02 
5.944 0.03 
5.955 0.04 
5.944 0.06 
5.944 0.08 

X,b b 

0.11 1 
0.06 6 
0.04 4 
0.05 5 
0.04 4 
0.05 5 
0.06 6 
0.07 7 
0.13 3 
0.17 7 

0.06 6 
0.10 0 
0.09 9 
0.10 0 
0.10 0 
0.11 1 
0.12 2 
0.12 2 

kk2 2 

.004 4 

.006 6 
0.07 7 
0.07 7 
0.08 8 
0.09 9 
0.10 0 
0.11 1 
0.12 2 
0.12 2 

kk2 2 

.003 3 

.004 4 
0.01 1 
0.05 5 
0.07 7 
0.09 9 
0.10 0 
0.11 1 
0.12 2 
0.12 2 

536.2 2 
760.3 3 
903.9 9 

1185.7 7 
1332.1 1 
1477.4 4 
1627.6 6 
1766.8 8 

' o rb b 

174.9 9 
494.7 7 
916.6 6 

1051.5 5 
1363.7 7 
1516.7 7 
1661.1 1 
1809.8 8 
1962.6 6 
2031.2 2 

/>orb b 

162.8 8 
460.6 6 
849.3 3 

1074.3 3 
1370.6 6 
1698.3 3 
1849.8 8 
1997.8 8 
2149.4 4 
2242.2 2 

(continued(continued on the next page) 
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Tablee 2.1 (continuation from previous page) 

R R 

R R 

M=19.0M M 0 0 MM = 20.0 M © © 

MMc c orb b R R Mr< Mr< orb b 

200.0 0 
400.0 0 
700.0 0 
750.0 0 
900.0 0 
950.0 0 

1000.0 0 
1050.0 0 
1100.0 0 
1130.0 0 

4.911 0.04 
4.944 0.02 
4.988 0.02 
5.033 0.02 
6.166 0.02 
6.333 0.02 
6.366 0.03 
6.377 0.04 
6.377 0.05 
6.344 0.07 

0.11 1 
0.06 6 
0.04 4 
0.04 4 
0.03 3 
0.04 4 
0.06 6 
0.07 7 
0.09 9 
0.14 4 

.003 3 

.003 3 
0.02 2 
0.04 4 
0.07 7 
0.08 8 
0.10 0 
0.11 1 
0.11 1 
0.12 2 

157.6 6 
445.7 7 

1035.4 4 
1152.5 5 
1628.8 8 
1803.1 1 
1947.3 3 
2095.2 2 
2246.6 6 
2349.0 0 

200.0 0 
400.0 0 
700.0 0 
800.0 800.0 
950.0 0 

1000.0 0 
1050.0 0 
1100.0 0 
1150.0 0 
1190.0 0 

5.277 0.04 
5.299 0.02 
5.299 0.01 
5.355 0.02 
6.544 0.01 
6.766 0.02 
6.800 0.03 
6.799 0.03 
6.800 0.04 
6.777 0.06 

0.11 1 
0.06 6 
0.04 4 
0.04 4 
0.03 3 
0.04 4 
0.06 6 
0.07 7 
0.08 8 
0.12 2 

.003 3 

.003 3 
0.01 1 
0.04 4 
0.07 7 
0.08 8 

152.7 7 
433.4 4 

1003.4 4 
1230.1 1 
1711.6 6 
1900.0 0 

0.099 2052.6 
0.11 1 
0.11 1 
0.12 2 

2200.9 9 
2352.7 7 
2486.5 5 

MM = 25.0 Mr © © MM = 30.0 Mr, © © 

MMc c h>h> k2 ^orb R R Mr Mr hi hi Porb Porb 

200.0 0 
400.0 0 
700.0 0 
900.0 0 

1100.0 0 
1150.0 0 
1200.0 0 
1250.0 0 
1300.0 0 
1320.0 0 

7.11 1 
7.10 0 
7.07 7 
7.07 7 
7.30 0 
7.82 2 
8.30 0 
8.79 9 
8.98 8 
9.01 1 

.036 6 

.020 0 

.012 2 

.010 0 

.010 0 

.009 9 

.008 8 

.008 8 

.009 9 

.011 1 

.101 1 

.057 7 

.034 4 

.029 9 

.027 7 

.024 4 

.020 0 

.017 7 

.019 9 

.023 3 

.002 2 

.002 2 

.004 4 

.013 3 

.045 5 

.053 3 

.062 2 

.070 0 

.077 7 

.081 1 

134.0 0 
379.0 0 
877.3 3 

1279.0 0 
1752.3 3 
1944.9 9 
2164.7 7 
2470.8 8 
2729.4 4 
2814.2 2 

200.0 0 
400.0 0 
700.0 0 
900.0 0 

1100.0 0 
1200.0 0 
1300.0 0 
1350.0 0 
1400.0 0 
1430.0 0 

9.13 3 
9.04 4 
9.02 2 
8.98 8 
8.98 8 
8.96 6 
8.93 3 
8.97 7 
9.67 7 
10.6 6 

.034 4 

.019 9 

.012 2 

.009 9 

.008 8 

.008 8 

.008 8 

.008 8 

.006 6 

.004 4 

.098 8 

.055 5 

.034 4 

.027 7 

.024 4 

.024 4 

.024 4 

.024 4 

.017 7 

.009 9 

.0022 120.3 

.0011 340.2 

.0022 789.4 

.0055 1150.9 

.0177 1555.1 

.0299 1771.9 

.0411 2002.5 

.0500 2129.1 

.0588 2454.6 

.0599 2980.7 

R R 

MM = 35.0M © © 

Mr Mr PP00rb rb R R 

200.00 11.2 .032 .091 .001 110.4 200.0 
400.00 11.0 .017 .051 .001 312.3 400.0 
700.00 10.9 .010 .039 .001 723.0 700.0 
900.00 10.9 .009 .026 .003 1054.0 900.0 

1200.00 10.9 .007 .021 .013 1622.8 1100.0 
1500.00 10.8 .007 .021 .044 2272.4 1500.0 
1620.00 11.2 .005 .015 .065 2798.7 1840.0 

MM = 40.0 Mr, 0 0 

MMc c ^•b b PoTb PoTb 

13.44 .030 .085 .001 102.6 
13.22 .016 .047 .001 290.3 
12.99 .010 .029 .001 673.2 
12.99 .008 .023 .002 981.4 
12.88 .007 .020 .004 1326.0 
12.88 .006 .018 .027 2115.3 
12.99 .005 .015 .073 3131.4 

(continuedon(continuedon the next page) 
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Tablee 2.1 (continuation from previous page) 

R R 

200.0 0 
400.0 0 
700.0 0 
900.0 0 

1200.0 0 
1700.0 0 
2040.0 0 

M M 

/V/ c o re e 

15.8 8 
15.6 6 
15.2 2 
15.1 1 
15.0 0 
14.8 8 
14.9 9 

== 45.OM0 

Xg Xg 

.028 8 

.016 6 

.009 9 

.007 7 

.006 6 

.005 5 

.005 5 

Xb b 

.078 8 

.044 4 

.026 6 

.021 1 

.017 7 

.015 5 

.013 3 

kk2 2 

.0008 8 

.0004 4 

.0005 5 
.001 1 
.004 4 
.031 1 
.075 5 

Porb Porb 

96.8 8 
273.7 7 
633.6 6 
923.7 7 

1426.7 7 
2417.3 3 
3467.0 0 

R R 

300.0 0 
600.0 0 

1000.0 0 
1500.0 0 
2200.0 0 
2300.0 0 
2400.0 0 

M M 

VWcore e 

18.2 2 
17.7 7 
17.5 5 
17.4 4 
17.3 3 
18.2 2 
20.9 9 

== 50.0 M 0 

XXg g 

.018 8 

.009 9 

.006 6 

.004 4 

.005 5 

.005 5 

.004 4 

^ b b 

.049 9 

.026 6 

.017 7 

.012 2 

.013 3 

.013 3 

.009 9 

kk2 2 

.0004 4 

.0003 3 
.001 1 
.009 9 
.074 4 
.091 1 
.101 1 

Porb Porb 

169.2 2 
479.4 4 

1033.0 0 
1903.4 4 
3464.0 0 
3785.6 6 
4304.1 1 

2.2.33 The calculation of binding energy 
Wee evolved stars with an initial mass in the interval of 3 - 50 M© assuming a chemical 
compositionn of (X = 0.70, Z = 0.02) and using a mixing-length parameter of a = l/Hp = 
2.0.. Convective overshooting is taken into account in the same way as in Pols et al. (1998) 
usingg an overshooting constant 8ov = 0.1. We used de Jager's wind mass-loss rate (de Jager, 
Nieuwenhuijzen,, & van der Hucht 1988; Nieuwenhuijzen & de Jager 1990) to estimate the 
masss loss prior to the Roche-lobe overflow and CE evolution. 

Withh the Eggleton code, the total binding energy is computed for each mesh-point. In-
cludedd here are the ionization of H+, H, He+ +, He+, He, dissociation of H2, rotational and 
vibrationall  modes of H2, as well as ionization of seven heavier elements (C, N, O, Ne, Mg, 
Si,, Fe) which are assumed to be fully ionized at all temperatures and densities (Pols et al. 
1995).. By integrating from the core to the photosphere, we found the total binding energy of 
thee envelope. We used this energy to derive the parameter X. In Fig. 2.1 we present the re-
lationn between X and stellar radius for each of the different donor stars considered, assuming 
thee core mass as the central mass which contains less than 10 per cent hydrogen - see discus-
sionn in Sect. 2.3. We distinguish Xg (as derived from gravitational binding energy alone, i.e. 
octhh = 0) from X\, (calculated from the total binding energy, i.e. octh = 0-

Forr a donor star in a binary system the stellar radius at the onset of the CE-phase is 
roughlyy equivalent to its Roche-lobe radius, and given a mass of its companion star one finds 
thee corresponding orbital period of the system. In Table 2.1, assuming that the companion is 
aa 1.3 M 0 neutron star, we list the relation between the orbital period of the binary and X at 
thee onset of the mass transfer (again due to the wind mass loss, this period might be slightly 
largerr than the initial ZAMS period). The gyration radius of the star, k1 = I/MR2, is also 
presentedd to provide information about the orbital tidal instability. Mass transfer becomes 
tidallyy unstable if the rotational angular momentum of the donor exceeds one third of the 
orbitall  angular momentum (Darwin 1879). 
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Figur ee 2.1. The parameter X as a function of stellar radius, for stars with initial mass of 3 - 50 M©. 
Upperr and lower solid lines represent the value of A. derived from the total (k\,) and gravitational (A,g) 
bindingg energy, respectively- see text. For stars with mass in the interval of 3 - 6 M 0, the A.b-curves a re 

plottedd until the moment before the binding energy becomes positive (and the A.|,-value would become 
negative,, see Sect. 2.4.1 for an explanation). The dotted line presents the gyration radius of the star 
(/rr = I/MR , with a scale given on the right y-axis) and the vertical lines separate the regions of case 
AA (left-), case B (middle-) and case C (right-side) mass transfer from a binary donor. 
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Figuree 2.1. (continued). 
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Figuree 2.1. (continued). 
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2.33 Dependency on the definition of the core mass 
boundary y 

Inn Fig. 2.2 we show an example of our calculations of the stellar structure for a 10 MQ star 
(thee results for a 4, 7 and 20 MQ star are summarized in Table 2.2). We will now briefly 
discusss the calculations represented in Fig. 2.2. In the bottom panels the two solid lines show 
ourr calculations of X\y and A.g. 

2.3.11 Energy production rate and chemical composition 
AA very crude definition of the stellar core region is simply as the inner part containing less 
thann a certain mass fraction of hydrogen. As the first method, we used X < 0.10 to define the 
corecore of the donor star in Fig. 2.1 and Table 2.1. For a 10 M 0 star, this is shown in the top 
panelspanels of Fig. 2.2 as the area to the left of the gray shaded region. The dotted line is the core 
radiuss as a function of its mass. A somewhat more physically meaningful approach (although 
nott necessarily more correct in practice) is to define the core region below the (outer) shell 
burningg source - for example, below the point of maximum energy production inside the H-
burningg shell. In the top panels the solid line shows the local nuclear energy production rate. 
Thee shell burning regions are clearly seen. The most abundant local chemical elements are 
writtenn in the panel. As can be seen from Fig. 2.2 and Table 2.2, this definition sometimes 
yieldss significantly lower values of MCOTe. 

2.3.22 The binding energy profil e and the mass-density gradient 
Thee solid lines in the second panel of Fig. 2.2 are sinfT1 (AW), where AW = £grav + £"int or 
AWAW = Egrav is the binding energy of the envelope to the core (with or without the inclusion of 
thee internal thermodynamic energy, respectively). Han et al. (1994) introduced this function 
too define the core mass boundary. The location is assumed to be at the transition between the 
stronglyy increasing AW and the outer region where AW varies slowly with mass. We used the 
intersectionn of straight-line fits to find MCOTe:. 

Thee dotted line in the second panel shows the mass-density profile. The arrow indicates 
thee point where 32logp/3m2 = 0. This criterion was used by Bisscheroux (1998) to locate 
thee core boundary. The disadvantage of this method, from a technical point of view, is that 
theree is not always a unique solution to the equation (for small mass steps). 

2.3.33 The entropy profil e and effective polytropic index 
Thee entropy profile for the 10 MQ star is plotted as a solid line in the third panel of Fig. 2.2. 
Heree "entropy" refers to the local specific entropy per baryon in units of the Boltzmann 
constant.. The arrow indicates the sharp onset of the flat entropy gradient - another criterion 
forr determining the bifurcation point. The core masses at the tip of the RGB, defined by 
thiss method, are always larger than those derived from other criteria. The clear discrepancy 
betweenn the entropy profile method and the other alternatives on the RGB, leading to different 
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Figuree 2.2. The internal structure of a 10 Me star at the tip of the RGB (left) and at the tip of the AGB 
(right).. See text for an explanation. 
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Tablee 2.2. The values of Mcore/LQ, Xg and X  ̂ estimated from calculations of four different stars - see 
textt for discussion. 

Method d 

maxx £nuc 

X<0.10 0 
d2logp/3m22 = 0 
Hann et al. 
entropyy profile 

Method d 

IT13.XX cnnc 

X<0.10 0 
32logp/3m22 = 0 
Hann et al. 
entropyy profile 

MM = 4.0 M 0 

tipp of RGB 
RR = 67 R0 

M c o ree A,g Xb 

0.588 0.32 0.62 
0.599 0.36 0.70 
0.688 0.66 1.60 
0.644 0.59 1.17 
0.744 0.73 1.81 

tipp of AGB 
/?=1040RQ Q 

A/ co ree /.g At, 

1.377 0.91 — 
1.377 0.91 — 
1.377 0.91 — 
1.377 0.91 — 
1.377 0.91 — 

MM = 10.0 MQ 

tipp of RGB 
RR = 374 R0 

ee Kg A-b 

1.999 0.09 0.13 
2.088 0.11 0.21 
2.544 0.54 1.80 
2.522 0.51 1.75 
2.622 0.60 2.23 

tipp of AGB 
RR = 588 R0 

A/coree -̂g A-b 

2.477 0.06 0.10 
2.844 0.40 1.80 
2.855 0.46 2.20 
2.855 0.46 2.20 
2.866 0.55 3.20 

MM = 7.OM0 

AGB B 
RR = 314 R0 

Mcoree Kg A*b 

1.588 0.10 0.20 
1.800 0.59 2.85 
1.800 0.59 2.85 
1.800 0.59 2.85 
1.800 0.59 2.85 

MM = 20.0 MQ 

tipp of AGB 
RR = 1040 R0 

Mcoree -̂g M, 

6.800 0.02 0.05 
6.800 0.02 0.05 
7.500 0.22 0.95 
7.600 0.32 1.70 
7.800 0.45 3.50 

estimatess of the remaining mass after spiral-in, is easy to understand. The bifurcation point 
obtainedd from the entropy method is expected to be located further out, since it is based on 
thee transition between the convective and the radiative layer in the stellar envelope. Unlike 
evolvedd low-mass (1 M 0) stars, these more massive stars do not have an outer convection 
zonee which penetrates all the way down to the H-shell near the standard core boundary region 
(e.g.. Kippenhahn & Weigert 1990). Hence, the entropy method results in (too) large a core 
masss on the RGB. 

Thee dotted line in the third panel is the effective poly tropic index defined by: n = 1 / (y- 1) 
withh the adiabatic index: y = 3In / ,/3lnp. Giant stars can be considered as a condensed poly-
tropee with a core point mass surrounded by an extended isentropic /i = 3 /2 , y=5 /3 enve-
lope.. Less evolved stars are more realistically described as composite polytropes consisting 
off  n = 3,y= 4/3 cores with n — 3/2,y=  5/3 envelopes (Hjellming & Webbink 1987). Here, 
wee are mostly interested in the clear discontinuous behaviour of n at the core boundary in 
orderr to determine its exact location. This discontinuity represents an important transition in 
thee stellar structure and could be interpreted as the critical point of bifurcation at the end of 
thee spiral-in and envelope ejection phase (cf. Sect. 2.4.3). 
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2.44 Discussion 

2.4.11 On the binding energy of the envelope 

Whenn a star reaches the asymptotic giant branch, the core is surrounded by a convective 
envelope,, and the density gradient around the core mass is very steep. As the star ascends 
thiss giant branch, the convective envelope becomes deeper and the density contrast higher. 

Assumingg a star to be a non-rotating globe of non-degenerate ionized hydrogen and he-
liumm in hydrostatic equilibrium (i.e. nearly an ideal monatomic gas) one would expect from 
thee virial theorem: A,b ~ 2Xg. However at late stellar evolutionary stages this picture no 
longerr holds. After the second dredge-up stage of evolution, the gravitational binding en-
ergyy becomes smaller as the stellar radius expands to a supergiantt dimension. Meanwhile the 
ionizationn and dissociation energy becomes more significant when the temperature decreases 
inn the envelope (Bisscheroux 1998) - raising the internal energy above 0.5 times the gravi-
tationall  binding energy in absolute value. Hence, the total binding energy becomes smaller 
inn absolute value relative to the gravitational binding energy. This in turn causes a larger 
discrepancyy between Xg and A-b, see upper right panel of M < 13 M 0 in Fig. 2.1. 

Especiallyy for low-mass stars ( 3 -6 MQ) we see that the contribution of the internal 
energyy to the total binding energy becomes dominating. At some point on the asymptotic 
giantt branch, the internal energy dominates over the gravitational binding energy, and hence 
thee total binding energy of the envelope reaches a positive value. One might regard this 
alterationn from a negative to a positive value of the total binding energy as the ejection of the 
giant'ss envelope, or as a point of the onset of a pulsationally driven (Mira) superwind (Han 
ett al. 1994, and references therein). However, when the binding energy becomes positive, 
thee derived parameter X\, will be negative and our formalism in Sect. 2.2.1 breaks down - cf. 
resultingg a "negative" final separation in eq. (2.4). On the contrary Xg is relatively constant 
duringg this late stage of evolution. 

Thee evolution of stars above 7 M 0 is cut short by carbon burning. Therefore they never 
movee as far up the AGB as lower mass stars, and the internal (recombination) energy never 
becomess so important as to dominate the total binding energy. This is why the difference 
betweenn Xg and X\> is less pronounced as we go to the more massive stars. 

2.4.22 Dependency of the ^-parameter  on the chemical composition and 
mixing-lengthh parameter 

Inn order to investigate the dependency of the A,-parameter on chemical composition and 
mixing-lengthh parameter, we have plotted in Fig. 2.3 the computed Xb(R) for both Pop. I 
andd Pop. II chemical abundancies, as well as for two different values of the mixing-length 
parameterr for a 6 M 0 donor star. Here we use the 10 per cent hydrogen method to determine 
thee core mass. 

Fromm the ZAMS to the base of the RGB (R ~ 50 R0) there are no differences on the 
calculatedd values of A,b. It is also seen that there is hardly any dependency on the chemical 
compositionn for the rest of the evolutionary track far up the AGB. However, from the hori-
zontall  branch (R ~ 150 RQ) and halfway up the AGB (R ~ 300 R0) a higher value of Xb is 
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foundd using a larger value of the mixing-length parameter. This picture is reversed near the 
topp of the AGB (R > 400 RQ). In general we can conclude that X\, is almost independent 
off  the chemical composition of the star, but it depends on the choice of the mixing-length 
parameter. . 

2.4.33 Mass transfer initiated on the RGB vs. AGB 

Wee have discussed in Sect. 2.3 how different methods result in different core masses on the 
RGBB and hence different values of X. From the work presented here we can see that the X 
valuee derived from the 10 per cent hydrogen criterion should therefore be taken as minimum 
valuess of X, while the entropy profile provides the maximum X value. We will now show the 
importantt consequence of the choice of core mass. 

Ass an example, one can consider a 4 M 0 star at the tip of the RGB. Here the maximum 
energyy production rate and the 10 per cent hydrogen criterion yield core masses of 0.58 and 
0.599 M©, respectively. The mass-density gradient method results in Mcore = 0.68 M© and the 
outcomee of applying Han et al.'s method is approximately 0.64 M©. Using the entropy profile 
andd the effective polytropic index method yields Mcore = 0.74 M©. The spread in Mcore from 
thee different approaches results in: 0.6 <X\,< 1.8 and 0.3 < Xg < 0.75. If we now assume that 
thiss 4 M© (R = 67 R©) star is in a common envelope with an in-spiralling 1.3 M© neutron 
star,, eq. (2.4) would then result in a final post-CE orbital separation of 0.70 and 2.75 R©, 
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forr MCOK = 0.58 and 0.74 M©, respectively. Here we assumed X = A,b, T|CE = 1-0 and no 
significantt accretion on to the neutron star during spiral-in. However, the core radius of the 
strippedd star is 0.1 R© (for A/core = 0.58 M©) and 3.5 R© (for Mcore = 0.74 M©). Hence, 
inn the latter case, the large core would then have a radius larger than the predicted post-
CEE separation. Therefore this system would coalesce during the spiral-in - perhaps leaving 
behindd a black hole. Assuming X — Xg (i.e. considering gravitational binding energy alone), 
orr choosing a small efficiency parameter (e.g. T\CE — 0.3), would decrease the predicted post-
CEE separation still further and lead to an earlier coalescense. We conclude that knowledge of 
thee accurate bifurcation boundary is crucial to forecast the outcome of a CE evolution on the 
RGB. . 

Manyy binaries come into contact while the donor star is expanding enormously on the 
AGB.. If we consider the same 4 M© star as before, but now at the tip of the AGB, all methods 
yieldd exactly the same core mass. For the 7 and 10 M© stars on the AGB, the different meth-
odss also yield the same core mass (except for the location of the maximum energy production 
ratee in the H-shell, which is below this boundary at the outer edge of the shell source). It is 
importantt to notice the fact that the envelope binding energy is a strongly increasing quantity 
near/att the core boundary on the AGB. Hence, the resulting values of X are also increasing 
sharplyy at this transition (see Fig. 2.2). Since the material of the donor star is peeled off from 
thee outside, we suggest using the (larger) value of lambda at the mesh point, just outside the 
bifurcationn point. 

Whilee the location of the bifurcation point, separating the ejected envelope from the con-
densedd core region, is straightforward to define on the AGB, it is important to know for RGB 
starss if the envelope of the evolved donor is ejected at the bottom of the convection zone, or 
closerr to the stellar center at the core boundary near/at the outer shell source (surrounding the 
innerr part of the star). For convective material in an isentropic envelope, R °e M - 1/ 3 and thus 
removall  of envelope mass causes the star to expand. Therefore, in a CE system, the enve-
lopee is easily peeled off until the entropy profile increases outwards (in the deeper radiative 
layers).. From this point on the star will no longer expand and the envelope may already be 
separatedd from the inner region, depending on the details of the ejection process. It would be 
interestingg to see if multi-dimensional hydrodynamical calculations could answer this ques-
tion.. Binaries which come into Roche-lobe contact early in the stellar evolution of the donor 
wil ll  not survive the spiral-in process at all (there is simply not enough orbital energy available 
too expel the envelope). 

2.4.44 The efficiency parameter  of the ejection process 
Inn order to explain the long orbital periods observed among those of the BMSPs which are 
likelyy to have evolved through a CE-phase, Tauris (1996) and van den Heuvel (1994a) found 
itt necessary to invoke efficiency parameters larger than unity (e.g. 1 < T|CE < 4). However, 
theirr simple estimates were based on a constant value of X = 0.5. Here we suggest that a 
highh value of X (rather than a high value of T|CE) is the natural explanation for the long orbital 
periodss observed. This in turn indicates that if the internal energy is used efficiently (ath = 1) 
too unbind the envelope, there is no need to assume rjcE > 1 for these systems. This conclusion 
wass also reached by Han et al. (1995). 
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Figuree 2.4. Final orbital separations after a CE-phase for systems with an initial donor star of mass 
99 MQ and 5 MQ (upper and lower panel, respectively). The companion is assumed to be a 1.3 MQ 

neutronn star. The full line is the final separation we obtain when the parameter X was calculated as a 
functionn of stellar radius and the dashed line is for a constant X = 0.5. The dotted line is the critical 
finalfinal separation at which the helium star (the core of the stripped donor) immediately fills its Roche-lobe 
afterr the CE and spiral-in phase. If the final separation, a{ is smaller than this value the system is most 
likelyy to merge and hence the binary will not survive. The radius of the helium star was calculated with 
ourr numerical stellar evolution code. 
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Lett us now consider a system with a 9 M© donor star and a 1.3 M 0 neutron star. Such a 
binaryy is the progenitor of a pulsar with a massive degenerate companion. We computed the 
finall  orbital separation of the binary after a CE-phase by using eq. (2.4). Here we applied the 
100 per cent hydrogen method, TJCE = 1 and ath = 1 (i.e. including the internal thermodynamic 
energy,, X = A*,), and present the result in the upper panel of Fig. 2.4. As a comparison, we 
alsoo show the final separation computed by using a constant parameter X — 0.5 (commonly 
usedd in the literature). 

AA binary will survive the CE-phase only if the final orbit is large enough so that the core 
off  the donor will not instantly fil l its Roche-lobe. In the case of a binary with a 9 M© donor 
andd a 1.3 M© neutron star, this condition is reached if the binary separation at the onset 
off  the CE-phase is larger than 435 RG (PQrb > 327d). If we use the constant X = 0.5, this 
separationn is reduced to 175 R© (P b̂ > 84d). In the latter case the donor star still has a 
radiativee envelope with only a very thin convective shell at the onset of the mass transfer. 
Thereforee the CE is formed only as a result of orbital shrinkage due to mass transfer with a 
highh mass ratio between the donor and the neutron star. In the former case, the donor star had 
timee to develop a deep convective envelope and it will therefore expand in response to mass 
losss due to its isentropic entropy profile. This expansion, in combination with the orbital 
shrinkagee mentioned above, will immediately lead to a runaway mass transfer, and hence a 
CEE will be formed easily. 

Att late stages of stellar evolution, the value of X  ̂has an important effect on the final 
orbitall  period. This effect is more significant in binaries with less massive donors as can be 
seenn in the lower panel of Fig. 2.4 for the case of a 5 M© donor. 

2.4.55 A new approach for  tracking the evolutionary history of a system 
evolvingg through a CE 

Ass we have demonstrated in this paper, X is a function of stellar radius for any given mass. 
Combiningg this fact with eq. (2.4), which relates the observed orbital period to the original 
radiuss of the Roche-lobe filling  donor star as a function of mass and X (or equivalently: öf/öi), 
wee are able to place severe constraints on the mass and radius (and hence age) of the original 
donor. . 

Ann example of this approach is shown in Fig. 2.5 where we have used the parameters 
forr the recently discovered binary pulsar PSR J1454-5846 (Camilo et al. 2001). This system 
hass an orbital period of Por  ̂= 12d42 and a mass function, ƒ = 0.130 M©. The exact mass 
off  the white dwarf in this system is unknown; but as an example we shall assume an orbital 
inclinationn angle, / = 60° yielding MWD = 1-03 M© (for MNS = 1-30 M©). Hence we must 
requiree that the original giant donor star had a core mass of this value by the time its envelope 
wass ejected in the CE-phase. In Fig. 2.5 the intersection points for a 5 M© and 6 M© donor 
yieldd core mass values of 0.93 M© and 1.10 M©, respectively. To obtain a core mass of 
1.033 M© we must therefore search for a solution in-between. We find Mdonor = 5.6 M© and 
thee radius at the onset of the RLO is 340 R©. The corresponding age of the donor is 93 Myr 
andd the pre-CE orbital period is 760d. 
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PSRR J1454-5846 

00 100 200 300 400 500 

Donorr star radius (RQ) 

Figur ee 2.5. The parameter A. = AD as a function of stellar radius, for donor stars with initial mass 
off  5 - 7 M 0. Also shown are curves for eq. (2.4) calculated with the observed parameters given for 
PSRR J1454-5846 and assuming T|CE = 1.0. The intersection of these curves yields a unique solution 
forr the properties of the original donor star (the progenitor of the white dwarf) and the pre-CE orbital 
periodd - see text for a discussion. 

Thee above solution was found for an inclination angle, i = 60°. In Fig. 2.6 we have plotted 
thee solutions for Mdonor and /?L as a function of inclination angle for two different values of 
thee efficiency parameter, T]CE- It is interesting to notice that Mdonor is more or less independent 
off  T|CE whereas /?L gets larger for smaller values of r)cE  This result is expected theoretically 
sincee a low value of 1"|CE requires either more orbital energy released and/or less binding 
energyy of the envelope, and thus a larger /?L, in order to eject the envelope successfully. 
Ann upper limit to the mass of the white dwarf is about 1.3 M 0 which yields /' > 47°. For 
T|CEE = 0.5 no solution is found for /' < 59°. Hence it would be interesting if a future detection 
off  a spectroscopic line from the white dwarf would yield an orbital inclination angle less than 
thiss value, since small values of I"1CE would be excluded that way. 
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Itt should also be noted from Fig. 2.6 that the binary pulsar must have had an AGB radius 
att the onset of the RLO. Many of the observed binary pulsars which have survived a common 
envelopee evolution also have long orbital periods. Hence, the density gradient was fairly 
steepp at the onset of the Roche-lobe overflow and therefore the uncertainties regarding the 
corecore mass definition as already discussed in Sect. 2.3 are less important in this context. 

2.55 Conclusions 

Wee have adapted a numerical computer code to study the stellar structure of stars with an 
initiall  mass of 3 - 50 MQ in order to evaluate the binding energy of the envelope to the core 
whichh determines the parameter X in the energy equation of the common envelope evolution. 
Wee have presented evidence that the parameter X depends strongly on the evolutionary stage. 
Hencee the value of X, at the onset of the mass transfer and CE-phase, is unique for binaries 
withh different initial orbital periods and donor masses. Taking advantage of this, we have 
demonstratedd a new approach for finding a unique solution to the energy equation and the 
originall  mass and radius of the donor star. An application of this approach on PSR J1454-
58466 yields a constraint for the donor star and the pre-CE orbital period as a function of the 
unknownn orbital inclination angle. 

Wee have demonstrated that in order to obtain a long final orbital period after a CE-phase 
(ass observed in some BMSPs), we do not require an efficiency parameter larger than unity, if 
thee internal energy can be used efficiently to eject the envelope. 

Inn order to obtain the final orbital separation of a binary system after a CE and spiral-in 
phase,, we advise one to calculate the binding energy from the stellar structure by means of 
eq.. (2.6) with 0 < octh < 1. In case the detailed structure of the donor is not available (e.g. for 
aa quick back-of-the-envelope-calculation), eq. (2.4) can be used with TJCE = 1 in combination 
withh Xg < X < Xb. The value of X can be found in our Table 2.1 for a given donor star mass 
andd radius. 
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Thee evolution of helium stars in close 
binariess with a neutron star  companion 

TheThe evolution of naked helium stars 
withwith a neutron-star companion in close binary systems 

J.. D. M. Dewi, O. R. Pols, G. J. Savonije, E. P. J. van den Heuvel, 
Mon.Mon. Not. R. Astron. Soc. 331, 1027 - 1040 (2002) 

TheThe evolution of helium stars with masses of 1.5-6.7 MQ in binary systems with 
aa 1.4 MQ neutron-star companion is presented. Such systems are assumed to be 
thethe remnants of Be/X-ray binaries with B-star masses in the range of 8- 20 MQ 
whichwhich underwent a case B or case C mass transfer and survived the common-
envelopeenvelope and spiral-in process. The orbital period is chosen such that the helium 
starstar fills its Roche lobe before the ignition of carbon in the centre. We distin-
guishguish case BA (in which mass transfer is initiated during helium core burning) 
fromfrom case BB (onset of Roche-lobe overflow occurs after helium core burning 
isis terminated, but before the ignition of carbon). We found that the remnants 
ofof case BA mass transfer from 1.5 - 2.9 MQ helium stars are heavy CO white 
dwarfs.dwarfs. This implies that a star initially as massive as 12 MQ is able to become 
aa white dwarf. CO white dwarfs are also produced from case BB mass transfer 
fromfrom 1.5 - 1.8 MQ helium stars, while ONeMg white dwarfs are formed from 
2.12.1 - 2.5 MQ helium stars. Case BB mass transfer from more-massive helium 
starsstars with a neutron-star companion will  produce a double neutron-star binary. 
WeWe are able to distinguish the progenitors of type lb supernovae (as the high-
massmass helium stars or systems in wide orbits) from those of type Ie supernovae 
(as(as the lower-mass helium stars or systems in close orbits). Finally, we derive a 
"zone"zone of avoidance" in the helium star mass vs. initial orbital period diagram for 
producingproducing neutron stars from helium stars. 

47 7 
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3.11 Introductio n 

AA binary pulsar with a neutron-star or a heavy white-dwarf companion has long been consid-
eredd to originate from a helium star in a binary system with a neutron-star companion. The 
latterr system is a descendant of a high-mass X-ray binary (HMXB), in which the companion 
off  the neutron star loses its mass through wind mass loss or a mass-transfer phase, exposing 
itss helium core (e.g. Bhattacharya & van den Heuvel 1991). Although the existence of such 
aa system is only found in Cyg X-3 (van Kerkwijk et al. 1992, 1996), a detailed study of the 
evolutionn of helium stars in binary systems with a compact companion is important as the 
systemss form the bridge between the evolution of X-ray binaries and the formation of double 
compact-objectt binaries. 

Thee evolution of a helium star in a binary system has been studied e.g. by Savonije, de 
Kool,, & van den Heuvel (1986) who evolved a 0.6 M 0 non-degenerate helium star with a 
1.33 M 0 compact companion. With a short orbital period of P — 37m, Roche-lobe overflow 
(RLOF)) takes place during helium core burning. Ergma & Fedorova (1990) evolved helium 
starss with masses of 0.5, 0.766, and 1 M0. As the companion star, they took white dwarfs 
withh the same range of masses in a combination such that the systems have a mass ratio of 
0.55 < A/He/MwD < 2. The periods are also so short, of 26.m2 - 62.m6, that the helium stars 
transferr mass to the companion while they are still burning helium in the centre. A similar 
workk was also carried out by Tutukov & Fedorova (1989). A study of systems with more 
massivee helium stars in wider orbits has been carried out by e.g. Delgado & Thomas (1981) 
whoo considered helium stars with masses of 2, 2.7, 3.3, and 4 M 0 with a massive main-
sequencee companion. The helium star fills its Roche lobe after helium is exhausted in the 
core.. Habets (1986a) evolved a 2.5 M 0 helium star with a 17 M 0 main-sequence companion 
inn a wide orbit (P = 20^25) such that mass-transfer phase occurs during first carbon burning 
convectivee shell. 

Inn this work we study the evolution of helium stars with masses of 1.5 - 6.7 M 0 with a 
1.44 M 0 neutron-star companion. Such systems are assumed to be the remnants of Be/X-ray 
binariess with masses in the range of 8 - 20 M 0 which underwent mass transfer as case B 
(RLOFF is initiated during hydrogen shell burning) or case C (during helium shell burning). 
Ass the result of the large mass ratio, mass transfer from the Be star to the neutron star is 
dynamicallyy unstable and the two components are embedded in a common envelope (CE), 
leadingg to the spiraling-in of the neutron star in the envelope of the Be star. We assume 
thatt the system survived the common envelope and spiral-in process. We are interested to 
investigatee the final fate of the systems (whether they will become white-dwarf/neutron-star 
orr double neutron-star binaries), the type of supernovae (SN) they might produce, as well 
ass to study which systems are stable to RLOF. A study on the similar range of mass (2 -
66 M 0 helium stars) has been carried out by Avila-Reese (1993). With a Roche radius of 0.6 
andd 0.7 R0, in that study RLOF takes place after helium core burning is terminated and the 
calculationss were done up to the ignition of carbon in the centre. Apart from the slightly 
widerr range of mass in our study compared to the latter work and a larger range of orbital 
periodss used in our work, we also are able to follow the evolution of the helium stars to more 
advancedd evolutionary stage, i.e. beyond the carbon ignition, which enables more detailed 
conclusionss on the fate of the systems. We take 6.7 M 0 as the upper limit of our calculation 
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becausee more massive helium stars undergo a dynamically unstable mass transfer. 
Inn Sect. 3.2 we describe the possibility for the formation channel of a helium star in 

aa binary system with a neutron-star companion, and some basic assumptions used in the 
calculationn of the orbital evolution. The computational code, the input parameters used in 
thee code, and the calculation that constrains the initial mass of the helium star and the initial 
periodd are described in Sect. 3.3. We discuss the results in two sections; Sect. 3.4 for the 
casess in which RLOF takes place during helium core burning and Sect. 3.5 for that during 
heliumm shell burning. Our conclusions are given in Sect. 3.6. 

3.22 The evolution of a helium star  in a binary system 

3.2.11 Formation of a helium star  with a neutron-star  companion in a 
binaryy system 

AA Be/X-ray binary consists of a neutron star with an unevolved Be star of 8 - 20 M©. As 
thee companion starts to fil l its Roche lobe, a runaway mass transfer to the compact object 
wil ll  follow due to the high mass ratio of the system, leading to a CE and spiral-in phase. 
Thee outcome of this phase is a system consisting of the helium core of the companion and a 
neutronn star. The helium star evolves and, in turn, might fill  its Roche lobe. If the helium star 
iss more massive than 2.2 M© (Habets 1986a) and it does not further lose mass, it wil l collapse 
andd produce a neutron star; and the system becomes a double neutron-star binary. We refer 
too Bhattacharya & van den Heuvel (1991) for review on the so-called "standard scenario"1. 

Ann alternative to the standard model was proposed by Brown (1995). This new evolution-
aryy scenario suggests that a double neutron-star binary is a descendant of a double helium-
starr binary, which is produced from a binary system with components of very similar masses. 
Thiss twin-mass model was proposed because of the argument that a neutron star would be 
ablee to accrete matter at high rate during the CE and spiral-in process and will then become 
aa black hole (e.g. Chevalier 1993), which would exclude the possibility that double neutron 
starss would result from the CE evolution of HMXB (the standard scenario). Nevertheless, 
whetherr or not a neutron star in a CE will indeed go to highly super-Eddington accretion is 
stilll  very uncertain (see e.g. Chevalier 1996). Therefore, there is still room for the formation 
off  systems consisting of a helium star with a neutron-star companion like inn the standard sce-
nario.. Strong accretion on to the neutron star can be avoided, for example, if the donor star 
iss very extended (Chevalier 1993) and if rotational effects are taken into account (Chevalier 
1996). . 

'Ann evolutionary channel for the formation of double neutron-star binary similar to the standard scenario was also 
proposedd by Tutukov & Yungelson (1973). They predicted a helium-star mass of 2 M. as the limiting mass for 
white-dwarf/neutron-starr formation. 
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3.2.22 Orbita l evolution 
Thee orbital angular momentum of a binary system which contains a helium star of mass Mne 

andd a neutron star of mass MNS is given by 

JLJL = G H ^ N S a (3.1) 

wheree M = M\\t + MNS is the total mass of the system, a is the orbital separation, and G is 
thee constant of gravity. The rate of change in orbital separation of the system is expressed by 

&&  ^orb „ (Muz MNS\ M 
__ _ 2-2ÏE-2 ( —^ + — ^ M (3 2) 
aa JOTb \MHe MNSJ M 

Thee total change in orbital angular momentum is assumed to be affected by gravitational-
wavee radiation and by the loss of mass with angular momentum from the system, i.e. 

bb _ Jgwr , Jm\ 
jj  — ~j r ~— ( J . j ) 

bb Jorb b 

wheree the rate of change of orbital angular momentum due to gravitational-wave radiation is 
givenn by (Landau & Lifshitz 1971) 

rr 32 G3 MHeMmM 

-/orbb " 5c5 é ( 3 , 4) 

withh c the speed of light in vacuum. 

Thee system is assumed to evolve non-conservatively. Mass loss from the system causes 
losss of orbital angular momentum which is taken into account as (van den Heuvel 1994b; 
Soberman,, Phinney, & van den Heuvel 1997) 

7o rbb 1 + q M He 

wheree q — M H C / ^ N S is the mass ratio; ct is the fraction of mass lost from the helium star in 
thee form of fast isotropic wind, and p is the fraction of mass ejected isotropically from the 
vicinityy of the neutron star. During the detached phase, we took a = 1 and it is assumed that 
thee neutron star does not accrete matter from the stellar wind (p = 0); all matter released from 
thee system in this case carries the specific orbital angular momentum of the helium star. The 
stellarr wind mass loss is approximated by eq. (2) in Wellstein & Langer (1999), cf. Hamann, 
Schonberner,, & Heber (1982); Hamann, Koesterke, & Wessolowski (1995) - multiplied by a 
factorr of 0.5 to provide a better fit with the most recent observed mass-loss rate of Wolf-Rayet 
starss (Nugis & Lamers 2000; Nelemans & van den Heuvel 2001), i.e. 

 f 2 . 8x lO -1 3( L /L 0 ) 1 - 5 , l o g L / L 0 > 4 .5 
MHe,w,ndd - | 4.0 x 1O"37(L/L 0)6-8, l ogL /L 0 < 4.5 ( 3" 6) 

Thiss means our adopted mass loss rate in the upper luminosity range is one quarter of the 
Hamannn et al. (1995) rate. During RLOF, the helium star transfers mass with a mass-transfer 
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ratee which is defined as 

MHCRLOFF = -103xmax 0 , [ l n --
R^R^3 3 

(3-7) ) 

wheree RL is the helium star's Roche radius given by eq. (1.1). During the mass-transfer 
phasee (even on a nuclear timescale) the wind mass loss contributes at most 5 per cent of the 
mass-losss rate. It is assumed that the neutron star accretes matter up to its Eddington limit 
forr helium accretion (3 x 10- 8 M 0 yr_ l) ; the rest of the transferred matter is lost from the 
systemm with the specific orbital angular momentum of the neutron star. 

Inn the limiting case when the mass-transfer rate owing to RLOF is much higher than 
bothh the maximum accretion rate and the wind mass-loss rate (M > 10~6 MQ yr~'), we have 
(55 fa 1 and 7gwr can be neglected. This is generally the case during case BAB and case BB 
masss transfer discussed below. Then eq. (3.5) leads to: 

PP = 3 ^ - 2 ^ -3 MHe 
PP \+q MHe 

Fromm this it can be seen that P has a minimum when q = 1.39, i.e. Muc « 1.95. For 
qq > 1.39, P initially decreases as a result of RLOF, and increases again after q < 1.39. This 
behaviourr can be seen in Sect. 3.4 and 3.5. 

3.33 The method of calculation 
Wee evolved zero-age main-sequence stars (in Sect. 3.3.1) assuming a chemical composition 
off  (X = 0.70, Z = 0.02) and using a mixing-length parameter of a = l/Hp = 2.0. Convec-
tivee overshooting is taken into account in the same way as in Pols et al. (1998) using an 
overshootingg constant 80V = 0.12. 

Thee helium stars were evolved assuming a chemical composition of (Y = 0.98,Z = 0.02). 
Al ll  calculations were done without enhanced mixing (STD models in Pols (2003)). We refer 
too the latter paper for the evolution of single helium stars related to our calculations. 

3.3.11 Initia l conditions 
3.3.1.11 Progenitor  systems of helium star  and neutron star  binaries 

Too obtain estimates of the mass of the helium star and the initial period, we evolved massive 
main-sequencee stars with masses of 8 - 20 MQ. If the radius of the star is assumed to be 
equivalentt to its Roche radius when RLOF is initiated (R « /?L), then the separation of the 
binaryy system at the onset of the mass-transfer phase, au for a given radius R can be calculated 
withh eq. (1.1). With eq. (2.4) for CE evolution we calculated the final separation, öf. Due to 
thee stellar wind mass loss (de Jager et al. 1988; Nieuwenhuijzen & de Jager 1990), Mdonor 
mightt be smaller than MZAMS, the mass of the star on the zero-age main sequence (ZAMS). 
Duringg the red supergiant phase, the stellar mass is reduced by 3 - 19 per cent (in a 8 M© and 
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Figur ee 3.1. Mass of the helium core and orbital period following a CE evolution resulting from case 
BB and C mass transfers from 8 - 20 M© main-sequence stars. The numbers below the figure indicate 
thee corresponding initial ZAMS mass. The full lines separate the regions of case BA, BB, and BC mass 
transfers,, taken from Pols (2003)'s single helium-star calculations. The dotted lines mark the maximum 
periodd allowed resulting from case B (lower- and upper-line, derived from the two extremes of X-value); 
andd the dashed line resulting from case C mass transfer. See text for an explanation. 

aa 20 M 0 stars, respectively). The companion is assumed to be a 1.4 M© neutron star. We took 
T|CE,, the so-called CE efficiency parameter, to be one. X, the parameter of the binding energy 
off  the envelope to the core, is approximated as in Chapter 2. We assumed that the binary 
wil ll  survive the CE and spiral-in phase if the final separation is larger than the Roche radius 
off  the helium core, i.e. the helium star does not immediately fill  its Roche lobe. Following 
Taamm et al. (2000)'s argument, we assume that the neutron star does not accrete a significant 
amountt of matter while it is embedded in the donor's envelope. 

Thee results of the calculations are summarized in Fig. 3.1, where we have plotted the 
maximumm periods (which are related to the maximum radius) after case B and case C spiral-
in.. These values are very uncertain, especially for case B, because the parameter X used for 
calculatingg the post-CE separation depends quite sensitively on the choice of the mass of the 
heliumm core. As argued in Chapter 2, approximate lower limits to X and to the core mass 
aree obtained by assuming that the core mass is the mass where the abundance of hydrogen 
iss below 0.1. Considering the bottom of convective envelope as the core, results in approx-
imatee upper limits of X and the core mass. The latter criterion corresponds roughly to the 
masss where XH = 0.3, for the maximum radius during case B from MZAM S < 13 M©. The 
dottedd lines in Fig. 3.1 mark the maximum periods for case B evolution, calculated with the 
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Tablee 3.1. Terminology of the mass-transfer phases 

Casee B Case C 

Occurence e 
Outcome e 

HeliumHelium star evolution 
RLOFF during 

 He-core burning Case BA 
successivee He-shell burning Case BAB 
 He-shell burning Case BB Case CB 
 C-burning Case BC Case CC 

twoo extreme X-values. For case C evolution, only the maximum period (dashed-line) corre-
spondingg to the lower limit of X is plotted. In stars with MZAM S > 14 M 0, helium is ignited 
beforee a deep convective envelope has developed, and the radius keeps expanding during core 
Hee burning. At the maximum radius for case B (which in this case is not well-defined), the 
envelopee is more strongly bound and the maximum period after case B is correspondingly 
smallerr (see Fig. 3.1). In this case, the bottom of the convective envelope can no longer be 
realisticallyy taken as the core mass, so the upper dotted line in Fig. 3.1 stops at 13 M©. Be-
causee of these uncertainties, to relax the assumption on the choice of core mass as well as on 
rjcEE (i-e. the possibility of applying TJCE other than unity), we did the calculations for a wide 
rangee of periods. 

3.3.1.22 Studied types of helium star  binary evolution 

Ass Fig. 3.1 shows, the progenitors of helium star and neutron star binaries were main-
sequencee star and neutron star systems that evolved according to case B or case C mass 
transfer.. The outcome of CE evolution in case B is an unevolved helium star and neutron 
star,, while that in case C is an evolved helium star (which has developed a carbon core) and 
neutronn star. The systems resulting from case B can be so close that they start RLOF during 
heliumhelium core burning. This is so-called case BA evolution. Wider systems will start RLOF 
onlyy during helium shell burning around the carbon core. This is so-called case BB evolution. 
Thee terminology of the types of evolution used in this paper is summarized in Table 3.1. 

Casee C mass transfer will result in evolved helium stars which, after CE evolution, can 
onlyy start transferring mass after helium core burning is terminated. We are interested in 
RLOFF during helium shell burning, which can be called case CB evolution. Basically, case 
BBB and CB evolutions result in the same type of RLOF from a helium star of about the 
samee mass and period, except in Mue > 4 M 0 where the wind mass loss plays a major role 
inn reducing the mass and changing the structure during helium core burning. We do not 
separatelyy study case CB evolution in this paper, but assume that it is similar to case BB 

H-shelll  burning He-shell burning 
Hee star He star + CO-core 



544 3 The evolution of helium stars in close binaries with a neutron star companion 

evolution. . 
AA single helium star expands and reaches the maximum radius during convective carbon 

shelll  burning (Habets 1986a; Pols 2003). Evolutions in which RLOF is initiated during car-
bonn core burning or beyond (case BC or CC evolution) are followed in Chapter 4. The overall 
resultss for case BA mass transfer are shown in Table 3.2, and those for case BB in Tables 3.3 
andd 3.4. 

3.44 Results: Case BA mass transfer 

Basedd on the stability of RLOF during helium core burning, we devide case BA mass transfer 
intoo three groups, i.e. (i) 1.5-2.1 M0 helium stars, in which RLOF is stable, (ii) 2.4 -
2.55 M e helium stars, in which RLOF is initiated by a rapid, unstable phase and followed by a 
slow,, stable phase of mass transfer, and (iii ) 2.8 - 2.9 M 0 helium stars, in which the unstable, 
thermal-timescalee RLOF causes the temporary disappearance of the convective core. 

Inn general, case BA mass transfer from helium stars in our calculations resembles case A 
evolutionn from main-sequence stars (e.g. Pols 1994; Wellstein, Langer, & Braun 2001). In 
alll  helium stars of 1.5 - 2.9 M 0 which undergo case BA mass transfer, the whole envelope 
iss removed from the star, and the remnant, a degenerate CO white dwarf, is never massive 
enoughh to ignite carbon. 

3.4.11 Roche-lobe overflow from 1.5 - 2.1 M© helium stars 

Duringg the detached phase the orbit slowly shrinks due to gravitational-wave radiation and 
thee stellar radius slowly increases, until (stable) RLOF starts (point A in Fig. 3.2). During the 
firstt phase of stable, nuclear-timescale RLOF, the star contracts and the energy-production 
ratee in the centre decreases as a result of the loss of mass, which causes the luminosity and 
effectivee temperature to decrease. The star remains in thermal equilibrium. The mass of 
thee convective core does not grow as in the case of a single star, but decreases slowly until 
thee core disappears when the helium is exhausted (see Fig. 3.3). Most of the transferred 
matterr is lost from the system at low specific orbital angular momentum which, although 
counteractedd by gravitational-wave radiation, causes the orbit to slightly expand. Roughly at 
thee same time when the abundance of carbon in the centre is maximum, the period reaches 
aa maximum value, while L and reff reach their minimum values (the reddest point in the HR 
diagram,, point B). After this point, the orbit gradually shrinks. We find that the earlier RLOF 
iss initiated (the smaller the initial period), the more mass is removed from the helium star, the 
moree significant the change in period, and the longer the duration of RLOF. 

Afterr the turning point, the star moves to the left in the HR diagram, only an insignificant 
amountt of mass is transferred from the helium star - this is also the case if the orbital period is 
suchh that mass transfer starts after the carbon abundance in the centre reaches its maximum. 
Inn the latter case, there is no maximum period; the period continuously decreases (while 
thee star shrinks) until the system is detached. The maximum mass-loss rate, the duration of 
RLOF,, and the amount of mass transferred to the neutron star all decrease with decreasing 
initiall  mass ratio and with increasing initial period. 
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Figur ee 3.2. The evolutionary tracks in the HR diagram (bottom) and central density-central tempera-
turee plane (top) for case BA mass transfer from a 1.5 M 0 (dotted-) and a 2.8 M 0 helium stars (solid-
line).. See text for an explanation of the labels. 
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Ass the helium abundance in the core drops below about 0.1, the star contracts inside 
itss Roche lobe, and the system becomes detached (point C). During this detached phase, 
thee orbit is again tightened due to gravitational-wave radiation, but the net change in orbit is 
insignificantt compared to the initial period. The duration of helium core burning is prolonged 
duee to the mass transfer. However, we found that if the initiation of RLOF takes place close 
too the end of the helium main sequence, helium core burning proceeds marginally faster (by 
lesss than 1 per cent) than in a single helium star of the same mass. 

Afterr helium is exhausted in the centre and the convective core disappears, helium burning 
movess to a radiative shell around the CO core. The CO core grows in mass but decreases in 
radius,, which causes the star to expand and move up in the HR diagram. A second phase of 
stablee RLOF, which we call case BAB, then takes place (point D). The central temperature 
increases.. The mass-loss rate, which is higher than that during the helium core burning, 
increasess both with initial mass ratio and with initial period. The orbit expands in all cases 
duee to the effects described in Sect. 3.2.2. At the end of this mass-transfer phase, when almost 
thee entire envelope is removed from the star, the degeneracy border is crossed. The central 
temperaturee decreases as well as the energy-production rate. Although the core is constant in 
mass,, the radius decreases and the star contracts inside its Roche lobe. The system is again 
detachedd (point E). The duration of the second RLOF phase decreases with increasing initial 
periodd and initial mass ratio. 

3.4.22 Roche-lobe overflow from 2.4 - 2.5 M© helium stars 
RLOFF is initially unstable and results in a rapid, thermal-timescale phase of mass transfer. 
Thee rapid loss of mass causes a rapid contraction of the star. The mass of the convective core 
decreasess rapidly when the star adjusts to the new total mass. The luminosity and effective 
temperaturee decrease, as well as the central temperature and the orbital period, until the mass-
losss rate reaches a maximum value. The mass of the convective core then decreases slowly 
andd the star contracts slowly. Mass transfer continues stably on a nuclear timescale. In a 
2.55 M© helium star, the transition between the rapid, thermal-timescale phase and the slow, 
stablee mass-transfer phase is marked by a minimum in mass-loss rate (see Fig. 3.4). The mass 
off  the convective core reaches a minimum value before it increases and then decreases slowly. 
Thee further evolution is very similar to that of the lower-mass stars described in Sect. 3.4.1. 

Ass in the case of 1.5 - 2.1 M 0 helium stars, the star shrinks inside its Roche lobe before 
heliumhelium is depleted in the centre. The star again fill s its Roche lobe when the radius increases 
afterr helium is exhausted in the centre (case BAB). 

3.4.33 Roche-lobe overflow from 2.8 - 2.9 M© helium stars 
Thee mass transfer from 2.8 - 2.9 M 0 helium stars is also initiated (point 1 in Fig. 3.2) by a 
thermal-timescalee phase. This time, the rapid mass transfer with q ~ 2 causes the star to lose 
aboutt 40 per cent of its mass rapidly. The central temperature decreases below the required 
temperaturee for helium burning so that the energy production in the centre ceases (point 2, 
seee also Fig. 3.5). This, in turn, causes rapid contraction of the star and disappearance of the 
convectivee helium core. The period decreases rapidly. After the maximum mass-loss rate is 
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timee (yr) 

Figur ee 3.3. Case BA. The evolution of a 1.5 M 3 helium star with a 1.4 M s neutron-star companion 
inn a very close orbit. The upper panel shows the orbital evolution. The second panel shows the central 
abundances.. Solid-, dashed-, dash-dotted-, and dotted-lines are the helium, carbon, oxygen, and neon 
abundances,, respectively. The third panel gives the mass-loss rate in MQ yr_1; wind mass-loss rate 
duringg the detached phase, or mass-transfer rate during the Roche-lobe overflow phase. The fourth 
panell  presents the stellar (solid-) and Roche radii (dotted-line), in solar radius. The fifth panel shows 
thee evolution of the stellar interior. The solid line represents the total mass of the donor star; the dotted 
linee the CO core mass (defined as the mass where the helium abundance is below 0.1). The dark- and 
light-- shaded areas mark the helium-burning convective and semiconvective regions. 
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Figur ee 3.4. Case BA. Same as Fig. 3.3 for a 2.5 MQ helium star. The peak and a dip in the mass-loss 
ratee mark the rapid, unstable mass-transfer phase, and the transition to a slow, stable phase, respectively. 
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reached,, the star contracts inside its Roche lobe, the orbit widens due to the loss of mass from 
thee system, and the system is detached (point 3). 

Afterr thermal stability is restored (point 4), the convective core reappears, helium is 
reignited,, and the star slowly expands. Wind mass loss is now that of a ~ 1.7 M© helium 
star.. The orbital period again decreases due to gravitational-wave radiation. In a 2.8 M 0 

heliumm star in a very close orbit, at the moment when the central carbon abundance reaches a 
maximum,, the stellar radius reaches its Roche radius, and a brief phase of stable RLOF takes 
placee (point 5 to 6). Binaries of the same mass in a slightly wider orbit (as well as those with 
A/Hee = 2.9 M©) do not undergo this second, slow phase of mass transfer since the maximum 
radiuss (which relates to the maximum energy-production rate and to the maximum central 
carbonn abundance) is still within its Roche radius. However, the net effect is the same since 
duringg the slow phase only an insignificant amount (2 per cent) of mass is removed from the 
heliumm star. As in the case of lower-mass stars, the 2.8 - 2.9 M© helium stars also undergo 
casecase BAB mass transfer (point 7 to 8) with a lower mass-loss rate than that during the first, 
rapidd RLOF phase. 

Inn more massive helium stars (Mne > 2.9 M©), case BA causes the loss of more than 
halff  of the stellar mass. The rapid mass loss causes the disappearance of the convective 
heliumm core. However, the star is unable to recover its thermal equilibrium. RLOF becomes 
dynamicallyy unstable and the binary will probably coalesce. 

3.4.44 The role of gravitational-wave radiation 
Beforee the star fill s its Roche lobe, the orbit is tightened due to gravitational-wave radiation. 
Inn order to see the effect of gravitational-wave radiation, we also studied the case in which 
gravitational-wavee emission is turned off. The exclusion of loss of angular momentum due 
too gravitational-wave radiation will only delay and shorten the first RLOF phase. In this 
case,, during the slow stable RLOF phase, the orbit expands due to the loss of mass from the 
system,, and there is no maximum period at the moment the central carbon abundance reaches 
itss maximum. 

Thee exclusion of gravitational-wave emission in the case of higher-mass helium stars 
(A/Hee > 2.9 M©) with very close orbits allows the wind mass loss to govern the loss of an-
gularr momentum. The orbit is widened such that mass transfer will only take place after the 
exhaustionn of helium in the centre (case BB). 

3.55 Results: Case BB mass transfer 

Wee devide case BB mass transfer into two mass groups, i.e. (i) 1.5 - 2.1 M© helium stars, 
inn which RLOF is terminated when the degeneracy border is crossed and a heavy, degenerate 
COO or ONeMg white dwarf is produced, and (ii) 2.4 - 6.6 M© helium stars, in which an 
ONeMgg white dwarf or a neutron star is the outcome. 
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Figur ee 3.5. Case BA. Same as Fig. 3.3 for a 2.8 MQ helium star. Note the constancy in central 
abundance,, a dip in the period, and the disappearance of the convective core during the first, unstable 
mass-transferr phase. 
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3.5.11 Roche-lobe overflow from 1.5-2.1 M© helium stars 

Casee BB mass transfer from 1.5 - 2.1 M0 helium stars resembles case BAB in the same range 
off  mass. The exhaustion of helium in the core causes the star to expand and fil l its Roche 
lobe.. After the degeneracy boundary is crossed, it contracts rapidly inside its Roche lobe, and 
thee system is detached. The mass-loss rate increases while the duration of RLOF decreases 
withh increasing initial period and initial mass ratio (see Table 3.3). 

Afterr the core becomes degenerate but before the system detaches, carbon burning oc-
curss in the radiative shell with maximum temperature. In 2.1 M© helium stars, off-centre 
C-ignitionn takes place in the shell with maximum temperature. At first, carbon burns in a 
broadd radiative shell (and marginally in the centre). When the off-centre convective shell ap-
pears,, the whole core expands and the region interior to the convective shell cools. C-burning 
stopss completely in the inner core, while convective off-centre burning continues. The calcu-
lationss break down shortly after this point. It is expected (see Pols 2003 for a discussion) that 
eventuallyy C-burning reaches the centre and a degenerate ONeMg core is formed. In the 1.5 
andd 1.8 M© helium stars, the temperature is never high enough to cause significant carbon 
burning. . 

Beforee RLOF occurs, the gravitational-wave radiation brings the components closer to-
gether.. In the systems with wider orbits (P > 0?5), the effect of gravitational-wave radiation 
iss weak so that the period remains constant. The evolution of the period is as expected from 
Sect.. 3.2.2. 

Wee are not always able to follow the evolution until the detachment. However, the drop 
inn mass-loss rate suggests that RLOF is about to end. Almost the entire envelope is removed 
fromm the star during RLOF, supporting Delgado & Thomas (1981)'s result. The remnants of 
1.55 and 1.8 M 0 helium stars are degenerate CO white dwarfs with masses of 0.9 - 1.05 M©, 
whichh are more massive than the remnants of case BAB mass transfer from helium stars in 
thee same range of mass. This trend resembles Pols (1994)'s result for case AB and B mass 
transfers.. Helium stars with initial mass 2.1 M 0 produce ONeMg white dwarfs. 

3.5.22 Roche-lobe overflow from 2.4 - 6.6 M© helium stars 
Thee following classification is based on the time of occurrence of the maximum mass-transfer 
rate;; whether it occurs far before, just before, or during carbon core burning. This can be eas-
ilyy recognized from their tracks in the HR diagram, as are shown in Fig. 3.6. The close orbit 
systemss are characterized by a small hump (indicated by a star) which marks the transition 
fromm the rapid to the slow mass-transfer phase. The wide orbit systems are characterized by 
thee up and down movement (see the right-hand side inset in Fig. 3.6) which is caused by 
thee decreasing and increasing of the mass-loss rate due to the appearance and disappearance 
off  the C-burning convective shells (except in a 2.4 M© helium star). The intermediate orbit 
systemss show none of the two characteristics. 

Beforee RLOF is initiated, gravitational-wave radiation only plays a role in shrinking the 
orbitt in helium stars with masses of 2.4 - 3.4 M© in close orbits during the early phase of 
theirr evolution. In stars of the same masses in wider orbits, gravitational-wave emission is 
negligiblee so that the orbit remains constant. Wind mass loss dominates the loss of angular 
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Tablee 3.3. The binary parameters in case BB mass transfer from 1.5 - 2.1 M0 helium stars: the initial 
masss and period; the duration, amount of mass removed from the helium star, and the maximum mass-
losss rate during the Roche-lobe overflow; the final mass and period, the final mass of the helium in the 
envelopee and the final mass of the neutron star. Masses are in solar mass, mass-loss rate in M 0 yr~l, 
timee in yr, and period in days. 

M\M\ Pt 

1.55 0.08 
0.50 0 
1.00 0 

1.88 0.08 
0.50 0 
1.00 0 

2.11 0.08 
0.50 0 
1.00 0 

A/RLOFF AM Mmax 

3.811 x lO5 0.581 2.2 x lO" 6 

1.16xl055 0.559 9.8 x lO" 6 

8.777 x 104 0.527 1.5 x lO" 5 

2.411 x 105 0.793 5.6 x 10~6 

6.533 x 104 0.749 2.4 x 10"5 

4.944 x 104 0.748 3.8 x 10"5 

1.511 xlO5 0.966 1.2xl0~5 

3.222 x 104 0.874 4.8 x 10~5 

2.033 x lO4 0.852 7.6 x lO" 5 

Mff  Pf MHe,e Mus,f 

0.8977 0.16 0.0154 1.411 
0.9400 0.97 0.0168 1.404 
0.9466 1.90 0.0164 1.403 
0.9966 0.16 0.0098 1.408 
1.0433 0.91 0.0070 1.402 
1.0466 1.79 0.0067 1.402 
1.1266 0.14 0.0220 1.404 
1.2244 0.73 0.0567 1.401 
1.2333 1.43 0.0632 1.401 

momentumm and widens the orbit during the giant phase of the above range of mass, and during 
thee whole evolution of Mne > 3.7 M 0 stars. 

3.5.2.11 Close-orbit systems 

Inn the close-orbit systems, mass transfer takes place initially on the donor star's thermal 
timescale.. The star contracts and the luminosity and effective temperature - as well as the 
periodd - decrease, until the mass-loss rate reaches a maximum, Mmax,i- Teff then increases 
untill  the point which marks the transition between the rapid- and slow-phase of mass transfer 
(thee hump marked by a star in Fig. 3.6). L reaches another minimum, while P also decreases 
too a minimum (point A). The star then moves to the upper left in the HR diagram. 

Thee appearance of a C-burning convective core (or off-centre shell in Mne < 2.5 M 0 

stars)) causes an increase in mass-loss rate to another maximum, Mmax,2, which varies from 
333 (in a 5.4 M 0 helium star) to 58 per cent (in a 2.4 M 0 helium star) of MmaX!i (see Fig. 3.3). 
Afterr the convective core stops growing in mass in MHe < 4 M 0 stars, during carbon core 
burning,, the mass-loss rate drops, the star moves to the left in the HR diagram and shrinks 
insidee its Roche lobe (point B, see the left-hand side insett in Fig. 3.6). The period is relatively 
constantt during this detached phase. 

Whenn the carbon abundance in the convective core drops below 0.1, the star expands 
again,, moves to the right in HR diagram, and the orbit expands.2 The second phase of RLOF 
occurss after the C-burning convective core has vanished (point C). The mass-loss rate in-

2Wee could not follow the subsequent evolution in AfHe < 2.5 M. stars. However, we expect that these stars will 
undergoo the same phenomenon as is found in the more massive ones. 
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logg Teff (K) 

Figur ee 3.6. The HR diagram for a 2.8 Mg helium star with a 1.4 MQ neutron-star companion in a 
closee (P; = 0?08), intermediate (P, = 0?5), and wide orbit (P\ = ld). The triangles mark the onset 
off  (first) mass transfer phase, and the rectangles the (first) maximum mass-loss rate. See text for an 
explanationn about the labels. 

creasess rapidly and reaches a maximum, Mmia3 (point D), when the first C-burning convec-
tivee shell appears. When this shell disappears, the mass-loss rate drops again. 

Inn Mne < 2.9 M 0 stars, the radius decreases and the components are again detached (point 
E).. The star moves to the left again at constant period until it reaches a minimum radius when 
thee second C-burning convective shell appears. The star fills its Roche lobe for the third time 
(pointt F) after the second convective shell has vanished. M increases and reaches a maximum 
value,, Mmax.4- The second RLOF lasts shorter than the first one, and the third one shorter 
thann the second, because the evolution of the interior region proceeds faster (Habets 1986a). 

Inn 3.1 - 4 Mr. helium stars, RLOF takes place in two episodes. After the first C-burning 
convectivee shell disappears, the mass-loss rate decreases to a minimum, but RLOF continues 
withoutt a detached phase. In 3.6 - 4 M Q helium stars, the first shrinkage of the star inside its 
Rochee lobe takes place later than in the lower-mass stars, i.e. when carbon is being depleted 
inn the core. The radius reaches its minimum value after the core has vanished. With the 
appearancee of the first C-burning convective shell, the star fills its Roche lobe for the second 
time. . 
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InIn MHe > 4 MQ stars, M also decreases after reaching Mmax,2, until carbon is exhausted 
inn the core. The behaviour of M subsequent to carbon core burning is erratic, but it never 
exceedss A/max,i. In this range of mass, the star never shrinks inside its Roche lobe. 

Whyy detached phases occur in one case and not in the other, and why the detachments 
takee place in different phases of carbon burning for different cases, can be understood as fol-
lows.. The start of each convective carbon burning phase (both in the core and in subsequent 
shells)) causes the core to expand. As a result, the envelope tends to contract and the star 
tendss to shrink inside its Roche lobe. In between the convective phases, the core contracts 
andd the envelope expands again. However, the reaction of the stellar surface is delayed by 
thee thermal diffusion timescale between the core and the surface. This timescale is roughly 
constantt for each star, and does not vary strongly with mass. On the other hand, the timescale 
forr C-burning decreases strongly with each successive convective phase, as well as with in-
creasingg mass, and eventually become much shorter than the thermal timescale. As a result, 
thee detachments are delayed or even absent for advanced phases and/or large masses. 

Thee transition from rapid to slow mass transfer is not found in Mne > 5.4 M 0 stars. 
Starss in this mass range with periods shorter than those in Table 3.4 go through dynamically 
unstablee mass transfer. 

3.5.2.22 Intermediate-orbit systems 

Inn the intermediate-orbit systems, RLOF occurs on the thermal timescale, the orbit shrinks, 
andd the maximum mass-transfer rate, Mmax,i, is reached not long before the appearance of 
thee C-burning convective core (or off-centre convective shell in 2.4 - 2.5 M© helium stars). 
Thee star moves afterwards to the upper left in the HR diagram (see Fig. 3.6). Unlike in 
thee close-orbit systems, the mass-transfer rate does not increase when the convective core 
appears.. Along with the increase in L and Teff, M decreases. 

InIn 2.4 - 2.9 M 0 helium stars, M decreases until the star shrinks inside its Roche lobe 
duringg carbon core (or off-centre shell) burning, and the system is detached (point a, see the 
middlee inset of Fig. 3.6 and Fig. 3.8). The period increases shortly after Mmax,i is reached, and 
iss relatively constant during the detached phase. When the carbon abundance in the core (or 
thee off-centre shell) drops below 0.1, the star reaches the bluest point (in 2.4 - 2.5 M© helium 
stars,, at this point the off-centre shell penetrates to the centre). The star expands, moves 
backk to the right in the HR diagram, and fill s its Roche lobe after the C-burning convective 
corecore has disappeared (point b). During the second RLOF, reff and L decrease while the period 
increases.. After the first C-burning convective shell disappears,, the mass-transfer rate reaches 
aa maximum, Mmax,2 (point c), before decreasing again (see Fig. 3.8). 

Inn 3.1 - 5.8 M 0 helium stars in intermediate orbits, RLOF takes place without detached 
stages.. After Mmax,i, M goes through a minimum and then increases again. Also due to 
thee difference in thermal timescale between the core and the envelope, the occurence of the 
minimumm M (particularly in this range of mass) varies. Like in the close-orbit systems, the 
periodd decreases throughout the whole mass-transfer phase. 
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Figur ee 3.7. Case BB. Same as Fig. 3.3 for a 2.8 M 0 helium star with a 1.4 M e neutron star in a close 
orbit,, during the case BB mass transfer. In the fifth panel, the upper and lower dotted lines show the CO 
andd ONeMg core masses (the latter is defined as the mass where the carbon abundance is below 0.1); 
andd the shaded area mark the carbon-burning convective regions. 
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Figur ee 3.8. Case BB. Same as Fig. 3.7 for a 2.8 MQ helium star in an intermediate orbit. 
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Tablee 3.4. Same as Table 3.3 for 2.4 - 6.6 M© helium stars.*  and **  denote the second and third 
phasess of Roche-lobe overflow, respectively. The number in the Note column indicates the carbon shell 
burningg in which the calculation stops, a implies the appearance of the shell, b the shell burning, and d 
thee disappearance of the shell; c signifies that the calculation goes up to the penetration of the helium-
burningg convective shell to the surface. For 2.4 and 2.5 MQ stars, cb denotes the C-burning and cd the 
depletionn of carbon in the off-centre shell. 

M\M\ P\ ATRLOF AM M MMu u A/detachedd Mf Pf MHe,e M] NS,f f Note e 

2. 44 0.0 8 

0.5 0 0 

2.0 0 0 

2. 55 0.0 8 

0.5 0 0 

2.0 0 0 

2. 88 0.0 8 

* * 
** * 

0.5 0 0 
* * 

1.0 0 0 

2. 99 0.0 8 
* * 

** ** 
0.5 0 0 

* * 
1.0 0 0 

3. 11 0.0 8 
* * 

0.3 0 0 

0.5 0 0 

3. 22 0.0 8 
* * 

0.3 0 0 

0.5 0 0 

3. 44 0.0 8 

* * 
0.3 0 0 

0.4 0 0 

3. 66 0.0 9 

* * 

9.9 88 x 

1.8 22 x 

6.1 88 x 

8.8 44 x 

1.3 11 x 

7.14 x x 

6.3 77 x 

1.3 55 x 

4.1 44 x 

9.3 44 x 

2.4 00 x 

8.6 55 x 

5.8 55 x 

1.3 99 x 

3.2 22 x 

8.3 55 x 

2.0 22 x 

6.7 22 x 

4.7 99 x 

1.3 99 x 

1.4 55 x 

8.2 00 x 

4.3 99 x 

1.2 11 x 

1.2 33 x 

6.9 66 x 

3.7 00 x 

8.9 00 x 

9.4 22 x 

6.5 55 x 

3.0 66 x 

8.3 00 x 

10" " 
10" " 
103 3 

10" " 
10" " 
103 3 

10" " 

o3 3 

0' ' 
I0 3 3 

I0 3 3 

I0 3 3 

0" " 
I0 3 3 

10' ' 
I0 3 3 

I0 3 3 

03 3 

0" " 
IO3 3 

10" " 

o3 3 

10" " 

o3 3 

10" " 
[0 3 3 

0" " 
I0 2 2 

I0 3 3 

I0 3 3 

10" " 
102 2 

1.08 2 2 

0.93 1 1 

0.83 6 6 

1.12 5 5 

0.87 8 8 

0.77 3 3 

1.22 2 2 

0.04 2 2 

0.00 1 1 

0.92 9 9 

0.11 1 1 

1.01 7 7 

1.25 2 2 

0.04 6 6 

0.00 1 1 

0.92 2 2 

0.10 7 7 

0.97 5 5 

1.30 7 7 

0.05 4 4 

1.12 3 3 

1.01 5 5 

1.32 8 8 

0.05 3 3 

1.09 5 5 

1.00 3 3 

1.36 9 9 

0.04 4 4 

1.08 3 3 

1.03 5 5 

1.36 3 3 

0.04 4 4 

2. 44 x 

8. 44 x 

2. 33 x 

3. 11 x 

9. 88 x 

1. 99 x 

5. 44 x 

5. 33 x 

1. 99 x 

1. 77 x 

4. 33 x 

2. 44 x 

6. 55 x 

5. 88 x 

1. 66 x 

1. 99 x 

9. 66 x 

2. 33 x 

9. 00 x 

6. 66 x 

1. 55 x 

2. 66 x 

1. 11 X 

6. 66 x 

1. 66 x 

2. 88 x 

1. 33 x 

6. 22 x 

2. 22 x 

2. 99 x 

1. 66 x 

1. 44 x 

IO" 5 5 

O"5 5 

io-4 4 

io-5 5 

m-5 5 

IO" 4 4 

IO" 5 5 

IO" 5 5 

IO" 5 5 

IO" 4 4 

IO" 5 5 

o-" " 
IO" 5 5 

IO" 5 5 

IO" 6 6 

o-" " 
0~5 5 

io-" " 
o-5 5 

o-5 5 

O"4 4 

o-4 4 

o-" " 
o-5 5 

o-" " 
0 - 4 4 

o-" " 
o-5 5 

o-" " 
o-" " 
O"4 4 

IO" 4 4 

4.6 88 x  IO 3 

9.0 22 x  IO 2 

2.0 88 x  IO 3 

3.8 55 x  IO 3 

5.3 44 x  IO 2 

9.6 22 x  IO 2 

2.8 11 x  IO 3 

2.3 33 x  IO 3 

1.6 66 x  IO 3 

1.1 00 x  IO 3 

1.30 5 5 

1.44 3 3 

1.52 8 8 

1.37 4 4 

1.56 1 1 

1.67 5 5 

1.52 8 8 

1.68 6 6 

1.70 1 1 

1.59 2 2 

1.77 5 5 

1.83 4 4 

1.71 6 6 

1.88 7 7 

1.98 1 1 

1.78 6 6 

1.97 6 6 

2.07 9 9 

1.91 9 9 

2.15 4 4 

2.20 6 6 

2.05 9 9 

0.1 1 1 

0.5 8 8 

2.1 9 9 

0.1 0 0 

0.5 2 2 

2.0 2 2 

0.0 8 8 

0.4 7 7 

0.9 3 3 

0.0 7 7 

0.4 4 4 

0.8 7 7 

0.0 6 6 

0.2 3 3 

0.4 0 0 

0.0 6 6 

0.2 2 2 

0.3 8 8 

0.0 5 5 

0.2 0 0 

0.2 8 8 

0.0 6 6 

0.046 9 9 

0.107 6 6 

0.186 4 4 

0.060 2 2 

0.167 5 5 

0.273 4 4 

0.041 1 1 

0.103 3 3 

0.107 1 1 

0.045 3 3 

0.125 9 9 

0.172 6 6 

0.048 7 7 

0.111 3 3 

0.197 9 9 

0.052 8 8 

0.128 4 4 

0.228 1 1 

0.063 5 5 

0.187 6 6 

0.233 3 3 

0.067 6 6 

1.40 3 3 

1.40 0 0 

1.40 0 0 

1.40 3 3 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

1.40 0 0 

cd d 
cd d 
cd d 
cb b 
cb b 
cd d 

2b b 

2b b 
4a, c c 

2a a 

2a a 
3a, c c 

2b b 
3b, c c 

2b b 

2b b 
3b, c c 

2b b 

2b b 
2b b 
2a a 

2d, c c 

(continued(continued on the next page) 
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Tablee 3.4 (continuation from previous page) 

Mjj  P[ A/RLOF AM Mmax Attached Mf Pf MHe,e MNs,f Note 

0.2 5 5 
0.4 0 0 

3. 88 0.0 9 
* * 

0.2 5 5 
0.3 0 0 

4. 00 0.0 9 

4. 4 4 

4. 8 8 

5.1 1 

5. 4 4 

6. 2 2 
6. 6 6 

0.2 0 0 
0.4 0 0 
0.0 9 9 
0.1 5 5 
0.3 0 0 
0.0 8 8 
0.1 5 5 
0.3 0 0 
0.0 8 8 
0.1 0 0 
0.2 0 0 
0.0 8 8 
0.1 0 0 
0.2 0 0 
0.0 8 8 
0.1 0 0 
0.0 8 8 
0.0 8 8 

1.0 33 x 
5.5 33 x 
2.6 11 x 
6.6 22 x 
9.1 55 x 
6.2 77 x 
2.4 00 x 
6.2 00 x 
1.0 44 x 
3.9 11 x 
1.8 55 x 
1.0 33 x 
4.3 33 x 
1.5 66 x 
6.9 66 x 
3.3 22 x 
1.17 x x 
8.9 44 x 
4.2 77 x 
1.0 77 x 
8.5 33 x 
3.18 x x 
6.6 88 x 
4.8 99 x 
4.6 11 x 
3.3 66 x 

104 4 

[0 3 3 

104 4 

102 2 

[0 3 3 

[0 3 3 

104 4 

102 2 

104 4 

103 3 

104 4 

I0 4 4 

103 3 

104 4 

103 3 

I0 3 3 

104 4 

103 3 

[O 3 3 

SO4 4 

I0 3 3 

!0 3 3 

!0 3 3 

103 3 

[O3 3 

[O3 3 

1.141 1 
1.025 5 
1.358 8 
0.024 4 
1.148 8 
1.080 0 
1.347 7 
0.021 1 
1.173 3 
0.791 1 
1.293 3 
1.144 4 
0.864 4 
1.211 1 
1.061 1 
0.552 2 
1.110 0 
1.041 1 
0.841 1 
1.080 0 
1.027 7 
0.508 8 
1.003 3 
0.925 5 
0.886 6 
0.537 7 

2.22 x 
3.33 x 
1.88 x 
5.77 x 
2.77 x 
3.22 x 
2.00 x 
6.55 x 
2.55 x 
3.66 x 
1.77 x 
2.33 x 
3.55 x 
1.88 x 
2.88 x 
3.77 x 
2.00 x 
2.22 x 
3.44 x 
2.11 x 
2.33 x 
3.55 x 
2.77 x 
3.22 x 
3.44 x 
4.00 x 

io-4 4 

io-4 4 

io-4 4 

IO"5 5 

io-4 4 

io-4 4 

IO"4 4 

io-5 5 

IO"4 4 

IO"4 4 

IO"4 4 

IO"4 4 

IO-4 4 

IO"4 4 

IO-4 4 

IO-4 4 

IO"4 4 

IO"4 4 

IO-4 4 

IO"4 4 

IO"4 4 

IO-4 4 

IO"4 4 

IO"4 4 

IO"4 4 

IO"4 4 

8.822 x IO2 

7.200 x IO2 

2.258 8 
2.367 7 

2.183 3 
2.366 6 
2.399 9 

2.268 8 
2.419 9 
2.776 6 
2.392 2 
2.516 6 
2.774 4 
2.481 1 
2.586 6 
3.092 2 
2.555 5 
2.599 9 
2.802 2 
2.591 1 
2.625 5 
3.201 1 
2.871 1 
2.930 0 
3.117 7 
3.601 1 

0.1 6 6 
0.2 7 7 

0.0 6 6 
0.1 6 6 
0.2 0 0 

0.0 6 6 
0.1 3 3 
0.3 0 0 
0.0 6 6 
0.1 1 1 
0.2 4 4 
0.0 7 7 
0.1 3 3 
0.3 3 3 
0.0 8 8 
0.1 0 0 
0.2 1 1 
0.0 9 9 
0.1 0 0 
0.2 7 7 
0.1 0 0 
0.1 2 2 
0.1 1 1 
0.1 5 5 

0.187 4 4 
0.280 4 4 

0.095 5 5 
0.188 4 4 
0.227 3 3 

0.103 9 9 
0.191 7 7 
0.522 9 9 
0.119 9 9 
0.195 8 8 
0.423 3 3 
0.138 5 5 
0.203 8 8 
0.673 9 9 
0.150 5 5 
0.177 5 5 
0.337 7 7 
0.149 6 6 
0.169 6 6 
0.583 2 2 
0.164 1 1 
0.200 9 9 
0.218 3 3 
0.451 7 7 

1.400 0 
1.400 0 

1.400 0 
1.400 0 
1.400 0 

1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 
1.400 0 

2a a 
2d, c c 

2a a 
3b, c c 
2a, c c 

2b, c c 
2b b 
3b b 
2a, c c 
l b b 
2d d 
l b b 
l a a 
2d d 
l b b 
l b b 
2d d 
2b b 
2b b 
2b b 
2b, c c 
2b b 
2b b 
2b b 

3.5.2.33 Wide-orbit systems 

Thermal-timescalee RLOF is most rapid in wide-orbit systems, and the maximum mass-loss 
rate,, MmaX)i , is reached during the carbon core (or off-centre shell) burning. The mass-transfer 
ratee then decreases and reaches a minimum value (in a 2.4 M 0 helium star, the decrease in 
MM leads to a detachment), before reaching another maximum, MmaX2. The increases and 
decreasess in M can be seen in the HR diagram as the up and down movements (see Fig. 3.6). 
Exceptt in a 2.4 M 0 helium star, RLOF in wide-orbit systems takes place without any detached 
stages.. Again, only in Mae < 2.9 M© stars does the period reach a minimum value shortly 
afterr Mmax, i. 
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timee (106 yr) 

Figur ee 3.9. Case BB. Same as Fig. 3.7 for a 2.8 M e helium star in a wide orbit. Instead of central 
abundances,, the second panels show the stellar luminosity (dash-dotted-), and the contributions of he-
liumm burning (solid-), carbon burning (dotted-), and neutrino losses (dashed-line). The panels on the 
right-handd side show the evolution around the penetration of the He-burning convective shell to the 
surface. . 

3.5.2.44 The He-burning convective envelope and common-envelope evolution 

Ass can be seen in the right-hand panels of Fig. 3.9, a He-burning convective shell appears 
inn the envelope before the appearance of the third C-burning convective shell. Such a shell 
alsoo appears in previous helium star calculations (e.g. Habets 1986a,b; Nomoto 1984, 1987; 
Polss 2003). Because of the small envelope mass, this shell almost penetrates to the surface 
afterr the disappearance of the third C-burning convective shell. In response to mass loss from 
aa convective envelope, the star expands, M increases enormously by 2 orders of magnitude, 
andd the orbit widens. L and Tes decrease and the star moves to the lower right in the HR 
diagramm (see Fig. 3.6). In a 3.8 M 0 helium star, the He-burning convective shell appears and 
penetratess to the surface before the second C-burning convective shell appears. 

Wee are not always able to follow the evolution of the helium stars beyond the appearance 
off  the second C-burning convective shell. However, we found that the behaviour occurs 
forr those masses and orbits that we were able to compute the furthest (see the c notation 
inn Table 3.4) in helium stars less massive than 4 M s . Therefore, we expect that this is a 
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typicall  phenomenon of the late stage of a case BB mass transfer from M\\Q < 4 M© stars (in 
RLOFF initiated during carbon shell burning (Habets 1986a), the envelope is thick so that the 
expansionn of He-burning convective shell occurs deep inside the envelope). In My\t > 4 M 0 

thee start of a convective shell is only found in close orbits, but not in the wide orbits athough 
thee calculations were done up to the same stage of evolution. However, we cannot exclude 
thee suggestion that such a convective shell does eventually develop in these more massive 
starss as well. 

Thee outcome of mass transfer in the presence of a convective helium envelope is not 
clear.. Mass transfer might become dynamically unstable which would lead to a CE and 
spiral-inn phase. Although we do not find a convective envelope in helium stars more massive 
thann 4 M 0 in wider orbits, the large mass ratio (q > 2.6 at the onset of RLOF) and the 
highh mass-loss rate (M > 10- 4 M© yr_1) suggest that a CE and spiral-in phase will very 
likelyy also take place. However, the high luminosity due to neutrino emission (Ly > 107 L 0) 
suggestss that the core will collapse within a few decades after the end of the calculation. The 
closenesss to collapse is supported by the fact that Ne-burning has already started radiatively 
off-centree when the fourth C-burning convective shell appears. The explosion will probably 
bee observed as a type Ic supernova. Nevertheless, should the two components undergo a 
spiral-in,, a merger will not necessarily occur. A crude calculation of the gravitational binding 
energyy of the convective envelope to the CO-core boundary of a 3.2 M 0 helium star when the 
penetrationn takes place yields X = 0.123. With rjcE = 1, ^He = 1 -98 M 0, MCOre = 1 -62 M 0 and 
Port,, = 0?22, we obtain from eq. (2.4) a final separation of 0.0729 R0 (period of 1F89), which 
iss still larger than the radius of the core (0.0275 R0). Without helium left in the envelope, the 
explosionn will be observed as a type Ic supernova. The close post-SN separation subjects the 
twoo neutron stars to a strong loss of gravitational-wave radiation, causing the two compact 
starss to merge on a timescale of 2 500 years, which may produce a gamma-ray burst. 

3.5.2.55 Final masses and outcome 

Thee final masses and periods are shown in Table 3.4. Here final corresponds to the last stage 
off  our calculations, which varies from the appearance of the first C-burning convective shell 
too the penetration of the He-burning convective shell to the surface. We found that after 
thee carbon convective core has disappeared, only a small amount of mass is transferred to 
thee neutron star. The period alters insignificantly. Hence, the values in Table 3.4 can be 
consideredd as the final masses and periods prior to SN explosion, unless a spiral-in phase 
occurss as discussed in Sect. 3.5.2.4. 

Withh increasing initial period and decreasing initial mass, the amount of transferred mat-
terr decreases. In 2.4 - 2.5 M 0 helium stars, the mass of the remnant ranges from 1.3 -
1.66 M©, but the mass of the CO core (1.21 - 1.34 M 0) never exceeds the Chandrasekhar 
limitingg mass, A/ch- These stars will develop degenerate ONeMg cores. The future of these 
systemss is not clear since they could not be computed through carbon burning. If the ONeMg 
coree can grow to 1.37 - 1.39 M 0, they will undergo a SN explosion triggered by electron 
capturee on Ne and Mg (e.g. Nomoto 1984, 1987), otherwise they will become heavy ONeMg 
whitee dwarfs. 
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Starss with M^e > 2.6 — 2.8 M 0 which undergo case BB mass transfer develop CO cores 
moree massive than Wch (where the actual lower mass limit probably depends on the orbital 
period).. These stars will eventually complete neon, oxygen and silicon burning and form iron 
cores.. The collapse of the Fe core by photodisintegration triggers a SN explosion, leaving a 
neutron-starr remnant. 

Thee final amount of helium left in the envelope probably determines whether the explo-
sionn wil l be a Type lb or a Type Ic supernova. The main observational criterion to distinguish 
betweenn these types is the detection of helium in the spectrum. Helium is generally absent 
inn SNe Ic, although a small amount may be present (Filippenko et al. 1995). The maximum 
allowedd amount of He is very uncertain, however, and may also depend on other factors such 
ass mixing during the explosion (Woosley & Eastman 1997). 

Forr low-mass He stars and/or close orbits, we find there may be as littl e as 0.04 M 0 of He 
left,, and generally < 0.10 M 0 (see Table 3.4). This is less than is achieved by stellar-wind 
masss loss in massive He-star models (Woosley, Langer, & Weaver 1995; Wellstein & Langer 
1999;; Pols 2003) and also less than obtained from conservative case ABB or case BB mass 
transferr models by Wellstein & Langer (1999). We conclude that case BB mass transfer to a 
compactt companion in a very-close binary is the most efficient way to produce almost bare 
COO cores prior to explosion. These stars wil l almost certainly produce a Type Ic supernova. 
Suchh a model was first suggested by Nomoto et al. (1994) as the progenitor of the Type Ic 
SNN 19941, and shown to match the observed lightcurve (Iwamoto et al. 1994). The amount 
off  He left in the envelope increases with increasing initial mass and initial period. Probably, 
thee more massive case BB remnants and those from the widest orbits undergo a Type lb 
explosion,, as do helium stars that avoid case BB mass transfer (Pols 2003). 

3.5.33 The binary millisecond pulsars and double neutron-star  pulsars 

Thee outcome of case BB mass transfer from 1.5 - 2.5 M 0 helium stars are heavy white dwarfs 
withh a neutron-star companion. Their positions in the period-mass plane (solid- and open-
circless in Fig. 3.10) cover the region where the existence of binary millisecond pulsars with 
heavyy white-dwarf companions cannot be explained by extreme mass transfer (Tauris et al. 
2000).. Systems like J1756-5322 (Porb = 0?453, M W D = 0.683 M 0 with the assumption that 
ii  = 60°) are not produced by our nor Tauris et al. (2000)'s calculations. Therefore, they must 
havee come from stars with 5 < MZAMS/M 0 < 8. 

Casee BB mass transfer from A/He > 2 . 6- 2.8 M 0 produces neutron-star binaries. At-
temptss to find the progenitors of the three known galactic double neutron-star binaries (out-
sidee the globular cluster) have been carried out e.g. by Yamaoka et al. (1993), Fryer & 
Kalogeraa (1997), Bagot (1997), and recently Francischelli et al. (2002). Their calculations 
weree approximated by the evolution of single helium stars, and it is often assumed that the 
heliumm star does not fil l its Roche lobe (i.e. 7?He < ^L,He) m order to avoid an unstable phase 
off  mass transfer. The orbital parameters of the observed binary pulsars are presented in Ta-
blee 1.1. Here we will try to see if our helium star calculations can explain their existence. 
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Iff  we simply assume that the radius of the pre-SN orbit (the helium-star binary), a0, must 
bee between the periastron and apastron distance of the post-SN orbit, ap, (Flannery & van 
denn Heuvel 1975) i.e., 

{\-e)a{\-e)app<a<a00<{l+e)a<{l+e)a pp (3.9) 

wheree e is the eccentricity of the binary pulsar, then from Kepler's third law we have the 
followingg condition 

(11 -efMpP* <M0Pl < (l + e)3MpPp
2 (3.10) 

wheree M0, Mp are the total pre- and post-SN masses; PQ, Pp are the pre- and post-SN periods. 
Wee plotted the allowed minimum and maximum pre-SN periods according to eq. (3.10) 

forr each double neutron-star binary in Fig. 3.10, under the assumption that the pulsar com-
panionn is a 1.4 M© neutron star. Fig. 3.10 shows that systems like B1913+16 are easy to 
producee from systems with initial masses of 2.4 - 6.7 M© in initial periods of 0?1 - 0?7, 
whilee systems like B1534+12 can be made from helium stars with the same range of mass 
inn a narrower range of period (0?3 - 0?6). None of the case BB models we have computed 
cann produce B1518+49-like systems. The remnant of the 2.4 M© system (indicated by the 
arroww in Fig. 3.10) is a ONeMg white dwarf/neutron star binary in a circular orbit. A case 
BCC evolution might be able to explain the formation of this system, or a Mne > 3 M 0 star, 
whichh avoids RLOF altogether (the shaded area in Fig. 3.10). 

Thee region to the left of the solid line in Fig. 3.10 produces white dwarfs. The area below 
thee solid curve will undergo case BA or dynamically unstable mass transfer (see Sect. 3.4). 
Therefore,, these regions can be considered as the zone of avoidance for the formation of 
doublee neutron stars. 

3.66 Conclusions 

Wee have done calculations of helium stars with masses in the interval of 1.5 - 6.7 MQ with 
aa 1.4 M© neutron star companion. We allowed the helium star to fill  its Roche lobe during 
heliumm core burning (case BA) and helium shell burning (case BB mass transfer). The final 
fatee of the helium star as a function of its initial mass and period is summarized in Fig. 3.11. 

Casee BA mass transfer from helium stars with masses of 1.5 - 2.9 M© occurs during 
heliumhelium core burning and stops when the central abundance of helium drops below 0.1 and 
thee star contracts. In helium stars less massive than 2.4 MQ, RLOF is stable and takes place 
onn the nuclear timescale. For 2.4 < AfHe/M© < 2.9, a rapid, thermal-time scale phase of 
RLOFF is followed by a stable, slow phase of mass transfer on the nuclear timescale. Driven 
byy radius expansion, a stable phase of case BAB mass transfer occurs during helium shell 
burning.. This phase of mass transfer stops when the degeneracy border is crossed and the 
starr contracts. During RLOF, the entire envelope is removed from the helium star. The 
remnantss of case BA mass transfer are heavy, degenerate CO white dwarfs. This implies that 
aa star with initial mass as large as 12 M© still can become a white dwarf, as also found by e.g. 
Wellsteinn et al. (2001) in stars that go through conservative contact-free case A evolution. 
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Figuree 3.10. Range of mass and period of the immediate pre-SN progenitor of double neutron-star 
binaries:: B1913+16 (dashed-), B1534+12 (dotted-), and J1518+49 (dash-dotted-line). Upper and lower 
liness represent the maximum and minimum pre-SN periods. The calculations done in this work are 
markedd according to the type of remnant they produce: CO white dwarfs (solid-circle), ONeMg white 
dwarff  (open-circle), or neutron stars (solid-stars). The orbital periods (P0) and masses Mne,f are those 
immediatelyy prior to the SN or the formation of the white dwarf. The region below and to the left of 
thee solid curve is the zone of avoidance for the formation of neutron stars. The shaded area marks the 
regionn where a double neutron star can be produced by avoiding RLOF. taken from Pols (2003) single 
heliumm stars calculation after taking into account the effect of stellar wind mass loss. 

Stablee case BB mass transfer from 1.5 - 2.1 M© stars takes place on the nuclear timescale 
andd stops when the degeneracy border is crossed and the star contracts. The entire envelope is 
removedd during RLOF, and heavy, CO (from 1.5 - 1.8 M Q) or ONeMg (from 2.1 M 0 helium 
stars)) white dwarfs are the remnants in this range of mass. Case BB mass transfer from 
2.44 - 2.5 M Q helium stars produces ONeMg white dwarfs and that from more massive ones 
producess neutron stars. RLOF from M\\e > 2.4 M© takes place on the thermal timescale. 
Inn close-orbit systems, this is followed by a slow, stable phase of mass transfer. There is 
aa tendency that the helium envelope becomes convective in helium stars less massive than 
44 M©. Mass transfer might become dynamically unstable in this case. However, the star 
probablyy collapses before a spiral-in can occur. Even if a CE and spiral-in phase does occur, 
thee system is likely to survive. In both cases, a double neutron-star binary is formed. 
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Figur ee 3.11. The final fate of the helium stars borm in systems consisting of helium star and neutron 
star:: CO white dwarf (solid-circle), ONeMg white dwarf (open-circle), or neutron star (solid-star). P\ 
andd M\\t are the orbital period and helium star mass at the onset of the evolution of the binary. The lines 
separatee the regions of case BA, BB, and BC mass transfers, taken from Pols (2003)'s single helium 
starss calculations. The shaded area mark the region where mass transfer is dynamically unstable. 

Fromm the amount of helium left in the envelope, we suggest that helium stars of high mass 
orr in a wide orbit produce type lb SNe. Type Ic SNe come from helium stars of lower mass or 
inn a close orbit. We are also able to provide a zone of avoidance for the formation of double 
neutronn stars. 
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TheThe late stages of evolution of helium star-neutron star binaries 
andand the formation of double neutron star systems 

J.. D. M. Dewi & O. R. Pols, 2003, Submitted to Mon. Not. R. Astron. Soc. 

WithWith a view to understand the formation of double neutron stars, we investi-
gategate the late stage of evolution of helium stars with masses of 2.8 - 6.4 M 0 

inin binary systems with a 1.4 M® neutron-star companion. We found that mass 
transfertransfer from 2.8 - 3.3 MG helium stars (originating from main-sequence stars 
withwith masses of 10- 12 MQ which underwent a case B evolution, or 9- 10 M 0 

whichwhich experienced a case C mass transfer) as well as from 3.3 - 3.8 M 0 in very 
closeclose orbits (Port > 0?25) will  end up in a common-envelope and spiral-in phase 
duedue to the development of a convective helium envelope at the end of the calcu-
lation.lation. If the neutron star has sufficient time to complete the spiraling-in process, 
thethe system will  produce very tight double neutron-star binaries (Port>  ~ 0?01) 
withwith a merger timescale of the order ofO. 1 Myr. These systems would have im-
portantportant consequences for the detection rate of gravitational-wave radiation and 
onon the understanding ofy-ray burst progenitors. On the other hand, if the time 
leftleft before the explosion is shorter than the orbital-decay timescale, the system 
willwill  undergo a supernova explosion during the common-envelope phase. He-
HumHum stars with masses 3.3- 6.4 MQ in wider orbits and those more massive than 
3.83.8 MQ do not develop a convective envelope and therefore are not expected to 
gogo through common-envelope evolution. The remnants of these massive helium 
starsstars are double neutron-star pulsars with period in the range of Ctfl - ld, sug-
gestinggesting this range of mass (originated from main-sequence stars more massive 
thanthan 12 M 0 which underwent a case B evolution, or more massive than 10 M 0 

whichwhich experienced a case C mass transfer) to be the progenitors of the close-orbit 
knownknown galactic double neutron-star pulsars (B1913+16andB1534+12). A min-
imumimum kick velocity of 70 kms~x and 0 kms~l (for B1913+16 and B1534+12, 
respectively)respectively) is imparted at the birth of the pulsar's companion. The DNSs with 
widerwider orbits (J1518+4904 and probably J1811-1736) are produced from helium 
star-neutronstar-neutron star binaries which avoid Roche-lobe overflow altogether. 

77 7 
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4.11 Introductio n 

Inn Chapter 3 we discussed two types of mass-transfer evolution from a helium star to a neutron 
star,, i.e. case BA (in which the onset of mass transfer occurs during helium core burning) and 
casee BB (the star fill s its Roche lobe after helium core burning is terminated, but before the 
ignitionn of carbon). We found that dynamically stable case BA mass transfer can take place 
fromm helium stars less massive than 3.0 M 0. The remnants of this type of evolution are heavy 
COO white dwarfs. Case BB mass transfer from helium stars less massive than 2.6 - 2.8 M© 
producess white dwarfs (CO white dwarf for masses < 1.9 - 2.0 M0helium stars or ONeMg 
whitee dwarf for larger masses) white dwarfs, while more massive helium stars leave neutron 
starss as their remnants1. In Chapter 3 we suggested that the systems with relatively high-mass 
heliumm stars and/or wide orbits are progenitors of type lb supernova, and lower-mass helium 
starss or systems in close orbits produce type Ie supernovae. We were also able to find the 
possiblee progenitors of the observed galactic double neutron star (DNS) pulsars Bl913+16 
andd B1534+12, if we assume that these DNSs were produced from helium star-neutron star 
binariess which went through a mass-transfer phase. 

Thee calculations in Chapter 3 were done up to various stages of evolution, i.e. ranging 
fromm the appearance of the first carbon-burning convective shell to the outward penetration 
off  the He-burning convective shell into the helium envelope. Although we could not follow 
thee evolution further, we are interested to investigate the possibilities of the outcome that 
thee systems might produce, e.g. whether a common envelope (CE) and spiral-in will occur, 
whetherr the system will survive the CE phase, whether the supernova (SN) explosion will 
takee place after or before the neutron star completes the spiraling-in process, and which type 
off  SN the system will produce. We also want to find the possible progenitors of the wide-
orbitt DNS Jl518+4904 and to put more constraints on the progenitors of B1913+16 and 
B1534+12.. These are the problems we will discuss in this chapter. 

Ass the completion to Chapter 3 we first evolved helium stars in wider binary systems 
withh a 1.4 M 0 neutron-star companion, such that Roche-lobe overflow (RLOF) is initiated 
duringg carbon core burning or beyond (which we call case BC mass transfer). A study of this 
particularr type of evolution has been done by Habets (1986a) who evolved a 2.5 MG helium 
starr with a 17 M 0 main-sequence companion in a period of 20^25. Because we are mainly 
interestedd to study the systems which will produce DNS, we limit our calculations to helium 
starss in the mass range of 2.8 - 6.4 M0. Helium stars more massive than 6.4 M 0 do not 
expandd so much, so that their evolution in wide orbits will be similar to the evolution of a 
singlee helium star. 

Wee discuss the results of case BC evolution in Sect. 4.2; the possible remnants of case 
BBB and case BC evolution in Sect. 4.3; and the formation of the observed galactic DNSs 
inn Sect. 4.4. The conclusions are given in Sect. 4.5. Throughout the chapter, in order to 
avoidd confusions due to various stages of evolution, a subscript / is used to indicate the initial 
parameterr (at the start of calculation), o the parameter at the end of the mass-transfer phase (at 
thee initiation of the CE phase), t that at the end of the spiral-in phase (before SN explosion) 
andd ƒ the post-SN parameter. 

'Thesee limiting masses depends on the initial orbital period of the system. 
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Tablee 4.1. The binary parameters in case BC mass transfer from 2.8 - 6.4 M© helium stars: the 
initiall  mass and period; the duration, amount of mass removed from the helium star, and the maximum 
mass-losss rate during the Roche-lobe overflow; the final mass and period, the final mass of helium in 
thee envelope; and the final CO and ONeMg core masses. Masses are in solar units, mass-loss rate in 
M©© yr - 1, time in yr, and periods in days. The number in the Note column indicates the carbon burning 
convectivee shell in which the calculation stops, a implies the appearance of the shell, b the shell burning, 
andd d the disappearance of the shell. 

MiMi  fl 

2.88 2.0 
5.0 0 

10.0 0 
2.99 2.0 

4.0 0 
6.0 0 

3.22 1.0 
2.0 0 

A/RLOFF AM Mmax 

6.166 x 103 0.971 2.4 x 10~4 

3.422 x 103 0.342 3.0 x 10"4 

4.744 x 102 0.023 8.8 x 10~5 

4.588 x 103 0.774 3.4 x 10~4 

2.411 x lO3 0.149 1.6 x l 0~4 

2.577 x 102 0.008 4.7 x 10~5 

3.555 x 103 0.564 3.2 x 10~4 

1.222 x 103 0.056 8.2 x lO" 5 

MM00 P0 MHe,e Mco MoNeMg Note 

1.7499 1.82 0.1481 1.438 1.348 4a 
2.3722.372 4.66 0.7537 1.433 1.360 4d 
2.6844 10.37 1.0578 1.436 1.378 5a 
2.0344 1.72 0.3576 1.470 1.371 4a 
2.6566 3.92 0.9676 1.478 1.401 4a 
2.7911 6.27 1.1039 1.498 1.313 3b 
2.5199 0.82 0.6418 1.640 1.446 3d 
3.0200 2.05 1.1305 1.626 1.432 3d 

3.6 6 

4.0 0 

5.0 0 

6.4 4 

0.6 6 
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0.46 6 

0.7365 5 
1.2380 0 
0.8586 6 
1.2690 0 
1.0449 9 
1.1419 9 
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4.22 Results: Case BC mass transfer 
Wee devide case BC mass transfer into two mass ranges, i.e. (i) 2.8 - 3.2 M 0 helium stars, 
inn which a partially degenerate core develops at the end of calculation, and mass transfer 
becomess dynamically unstable due to the development of convective helium envelope, and 
(ii )) 3.6 - 6.4 M 0 helium stars, in which the core is only weakly degenerate and a Ne-burning 
convectivee core develops at the end of calculation. Typical examples of the two mass ranges 
aree presented in Figs. 4.1 - 4.3, and the overall results are presented in Table 4.1. Until the 
endd of calculation the neutron star does not accrete a significant amount of matter, its mass 
remainss 1.4 M 0 and therefore is not displayed in the table. Detailed explanations about the 
evolutionn of helium stars in binary systems have been given in Paper I, and therefore we wil l 
focuss our discussion here on the late stages of the evolution. 
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Figur ee 4.1. The evolution of a 2.8 M© helium star with a 1.4 MQ neutron star companion with an 
orbitall  period of 10d starting from carbon core burning. The orbital evolution is presented in the first 
panel.. The second panel shows the central abundances: dashed-dotted-, dashed-, solid, and dotted-lines 
aree C, O. Ne. and Mg abundances, respectively. The third panel gives the stellar luminosity (dash-
dotted-),, and the contributions of helium burning (solid-), carbon burning (dotted-), and neutrino losses 
(dashed-line).. The fourth panel presents the mass-loss rate; while the fifth panel the stellar (solid-) 
andd Roche (dotted-line) radii in solar units. The sixth panel shows the evolution of the stellar interior. 
Thee upper and lower dotted lines are the CO and ONeMg core masses, respectively, and the dark- and 
light-shadedd areas mark the convective and semiconvective burning regions. 
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Figur ee 4.2. The evolutionary tracks in the central density-central temperature plane of a 2.8 MQ and 
aa 3.6 MG helium star which go through case BC mass transfer. Point A corresponds to carbon core 
burning,, B (and C): the exhaustion (and depletion) of carbon in the core, D: the start of carbon shell 
burning,, E: the end of carbon shell burning, and F: neon ignition. The arrows indicate the subsequent 
carbonn shell burnings. 

4.2.11 Roche-lobe overflow from 2.8 - 3.2 MQ helium stars 

Mass-transferr phase takes place on the thermal timescale. In contrast to case BB evolution, 
thee mass-transfer rate is lower at higher initial period (see Table 4.1). This is probably be-
causee mass transfer is initiated at a very late stage and there is insufficient time to reach the 
fulll  thermal-timescale rate. A convective shell develops in the helium envelope before the 
thirdd carbon burning convective shell appears (see Fig. 4.1). The helium burning convective 
shelll  causes a decrease of the mass of CO core, Mco (defined as the central mass with helium 
abundancee less than 0.1, which coincides with the lower limit of the helium burning con-
vectivee shell in the envelope). The helium convective shell penetrates outward both in mass 
andd radius (at the end of calculation, the upper boundary of the convective shell is located at 
~~ 98 per cent of the total mass and ~ 54 per cent of the total radius of the star). Because the 
masss of the envelope is dominated by the convective shell, the helium envelope behaves as a 
convectivee envelope. As the effect of mass loss from a star with a convective envelope, the 
radiuss does not shrink as in the case of a radiative envelope. This response of the star drives 
ann enormous increase in M. Mass transfer appears to become dynamically unstable which 
wouldd lead to a CE and spiral-in phase. 

Thee start of each convective carbon burning phase (both in the core and in subsequent 
shells)) causes the core to expand. As a result of the mirror principle, the envelope tends 
too contract and the star shrinks. In between the convective phases, the core contracts and 
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thee envelope expands again. The mass-tranfer phase is sometimes interupted by a detached 
phase.. In systems with closer orbits, a detached phase does not always occur (although the 
behaviourr of expansion and contraction of the star is also noticed). The helium envelope in 
thesee systems is thinner such that the penetration outward of the helium burning convective 
shelll  takes place relatively fast. However, whether a detached phase occurs or not does not 
affectt the final situation since they all are expected to end up in a CE phase. 

Thee evolution of the central density and temperature of 2.8 and 3.6 M 0 helium stars is 
presentedd in Fig. 4.2. At the end of the evolution of a 2.8 M 0 helium star, the ONeMg core 
becomess partially degenerate. As a consequence of neutrino losses, Tc remains relatively 
constantt as the core becomes denser at the onset of the fourth carbon shell burning (marked 
byy a circle in Fig. 4.2), while the shell with maximum temperature moves outward. We will 
discusss the final stage of evolution of helium stars in this range of mass in Sect. 4.3.2. 

4.2.22 Roche-lobe overflow from 3.6 - 6.4 M© helium stars 

AA convective shell also appears in the helium envelope of this range of mass. However, we do 
nott find that the shell penetrates outward nor that M increases enormously like in the lower-
masss helium stars (see the third and fifth panels of Fig. 4.3). Although we could not follow 
thee evolution further than neon ignition, we expect that a CE phase probably does not occur 
inn this range of mass. 

Thee core becomes only weakly degenerate. Before the third carbon burning convective 
shelll  appears, the shell with maximum temperature moves to the centre. When the central 
temperaturee is <- 1.3 x 109 K, neon burning occurs in a convective core. Before the convective 
ignition,, the central neon abundance has decreased by ~ 3 per cent by radiative burning (see 
panell  (a) of Fig. 4.4). The convective Ne core burning is found only in 3.6 M 0 with orbital 
periodd of 0?6 and 4.0 M 0 with orbital period of 0?5. In other models, the decrease in neon 
abundancee is also noticed, but at the end of our calculations the central temperature is not high 
enoughh yet for convective neon ignition. The onset of convective neon ignition is presented 
byy point F in Fig. 4.2. The evolutionary track at this point is similar to point A, i.e. the 
appearancee of the convective core and rapid increase of Ne-burning rate cause a decrease in 
densityy while the temperature increases. The mass of the ONeMg core at the ignition of neon 
iss 1.6 M 0 (in a 3.6 MQ) - 1.7 M 0 (in a 4.0 M 0 helium star). Here the ONeMg core is defined 
ass the central mass that contains less than 10 per cent carbon, which coincides with the upper 
limi tt of the carbon burning convective shell. 
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Figur ee 4.3. Same as Fig. 4.1 for a 3.6 MQ helium star with an orbital period of 0d6. 
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4.33 The possible remnants of case BB and case BC 
evolution n 

4.3.11 The late stage of case BC mass transfer  and comparison with 
casee BB evolution 

Wee have discussed in Sect. 4.2.1 that a convective envelope develops in helium stars of 2.8 
-- 3.2 M© which go through case BC evolution, and therefore they will undergo a CE phase 
att the end of their evolution. Such a convective shell in the helium envelope is also found in 
somee of our case BB calculations (see Chapter 3). We could not always follow the evolution 
furtherr to see if penetration of this shell outward does take place. However, we found that the 
penetrationn and enormous increase in M occur in helium stars of 2.8 - 3.2 M 0 with various 
initiall  periods of case BB evolution. Therefore, we suggest that a CE phase is the typical 
characteristicc of the late stage of evolution of helium star-neutron star binaries in this range 
off  mass. 

Inn helium stars more massive than 3.2 M 0 penetration of helium burning convective shell 
outwardd is only found in 3.6 - 3.8 MQ with very close orbits {P\ < 0?25, i.e. case BB mass 
transfer)2.. We could not draw a conclusion about 3.4 M 0 models because all calculations for 
thiss mass stopped before the appearance of the convective shell in the helium envelope, but 
theyy probably behave in a similar way. Assuming a penetration of the convective shell in the 
heliumm envelope accompanied by an enormous increase in M as the indication of the start of 
dynamically-unstablee mass transfer, we suggest that a CE phase also occurs in 3.2 - 3.8 M 0 

heliumm stars in very close orbits. Wider-orbit systems in this range of mass as well as helium 
starss more massive than 3.8 M 0 probably wil l not go through a CE phase. 

AA similar study on the evolution of helium star-neutron star binaries is recently carried 
outt by Ivanova et al. (2002). Although the latter work is similar to ours, they came to different 
conclusions.. They did not find that lower-mass helium stars develop a convective envelope at 
thee end of the calculation, even though their calculations were purportedly done up to a more 
advancedd stage of evolution, i.e. up to oxygen burning, than our calculations which were 
donee up to radiative neon ignition. On the other hand, they found that helium stars with mass 
betweenn 3.3 and 5 M 0 in orbital periods less than 0?3 (which they called case CEB) undergo 
aa stable mass transfer, but the mass-transfer rate exceeds a critical rate which is a function of 
thee orbital period, such that a CE may form which probably leads to a merger. However, it 
iss difficult to compare our models with their calculations as they do not provide the detailed 
interiorr structure of their models. 
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Figur ee 4.4. Panel (a) presents the central temperature and central neon abundance in 3.6 M 0 and 
4.00 MQ helium stars. Solid circles mark the ignition of neon in the convective core. The other panels 
givee - as the function of maximum temperature - the location of the shell with maximum tempera-
turee (b), the density of the shell (c); the corresponding mass of the ONeMg core (<ƒ), and the central 
temperaturee (e) for 2.8 MQ (solid line) and 3.2 MQ (dotted line) helium stars. 

4.3.22 Final stage of evolution of 2.8 - 3.2 M 0 helium stars 

Wee have discussed in Sect. 4.2.2 that before 3.6 M 0 and 4.0 M 0 helium stars ignite neon con-
vectivelyy in the centre, the central neon abundance decreases by ~ 3 per cent. The decrease of 
neonn abundance in the shell with maximum temperature is also found in 2.8 - 3.2 M 0 helium 
stars.. The maximum temperature increases with time. In 2.8 - 2.9 M 0 helium stars, the shell 
withh maximum temperature moves outward (see panel (b) in Fig. 4.4) and at the end of cal-
culationn the temperature is still lower than 1.3 x 109 K, i.e. insufficient to enable convective 
neonn burning. In a 3.2 M 0 helium star, the shell moves inward and at the end of calculation 
thee maximum temperature reaches 1.4 x 109 K, but an off-centre neon burning convective 
shelll  is not yet developed. In panel (d) of Fig. 4.4 it can be seen that in both cases, the mass 
off  the ONeMg core at the end of the calculation is large enough to ignite neon, i.e. higher 
thann 1.37 M 0 (Nomoto 1984). Hence, we argue that the end of our 2.8 - 3.2 M 0 calculations 
iss close to off-centre neon ignition. Nomoto & Hashimoto (1988) found that a 3.3 M 0 helium 
coree ignites neon in the centre while 2.8 - 3.2 M 0 helium core does it off-centre; and applied 
3.33 M 0 as the critical mass between off-centre and central ignition of neon. 

2Inn Chapter 3. it was mentioned that the penetration of helium burning convective shell into the envelope takes 
placee also in helium stars of various masses (cf. table 4). In some cases the appearance of the convective burning 
shelll  was noticed, and it was assumed that once the shell appears, it will penetrate outward. Later while working 
onn this chapter, we found that the appearance of a convective burning shell in the helium envelope is not always 
followedd by a penetration outward. 
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Afterr off-centre neon ignition, the future of a partially-degenerate ONeMg core depends 
onn whether the burning shell is able to reach the centre (Nomoto & Hashimoto 1988). If it 
doess reach the centre, then subsequent nuclear burning stages of O and Si will form an iron 
core,, which will collapse due to photodisintegration. Otherwise, part of the ONeMg core is 
leftt unburned and becomes highly degenerate, and the core will eventually collapse due to 
electronn capture. The density at the burning front also plays an important role in determining 
thee future of a core. If the density is higher than 108gcm~3, neon shell burning becomes so 
explosivee that a dynamical event, such as the ejection of the helium layer, may occur. The 
latterr phenomenon would have interesting consequences in thee binary systems of our interest. 
Thee ejection of the helium layer would leave a bare CO core as in the case of a spiral-in phase 
yieldingg a lower pre-SN mass. 

Fromm Fig. 4.4, it can be seen that both the maximum and central temperature of the 
3.22 M e model are already close to that required for neon burning (panel (<?)). The shell with 
maximumm temperature tends to move inward, and most probably will reach the centre. The 
densityy at the neon burning front is lower than 108gcm-3 (panel (c)). Hence, a 3.2 M 0 

heliumm star is expected to undergo core collapse due to photodisintegration, and a dynamical 
eventt most probably will not occur. The future of the 2.8 MQ model is less clear. The 
shelll  with maximum temperature moves outward which might leave part of the ONeMg core 
unburned.. The central density is close to 108gcm~3. Whether a dynamical event occurs or 
nott depends on how close the neon burning front is from the centre. However, Nomoto & 
Hashimotoo (1988) argue that in a 2.8 M0 helium core, as a result of electron captures in the 
Ne-burningg shell, the mean molecular weighty would be larger than 2 which implies a lower 
Chandrasekharr mass. Therefore the gravothermal specific heat of the core remains negative 
andd the central temperature will continue to increase. Ne-burning will reach the centre and 
photodisintegrationn will trigger the core collapse. 

4.3.33 Spiral-in phase vs. supernova explosion 

Heliumm stars more massive than 3.3 M 0 do not undergo a CE and spiral-in phase in their late 
stagee of evolution. The further evolution is straightforward. The core is weakly degenerate, 
andd wil l collapse due to photodisintegration; the mass and period prior to the explosion are 
thee same as those at the end of RLOF (i.e. Mt = M0, ft — ^o)-

Heliumm stars of 2.8 - 3.3 M© and those less massive than 3.8 M 0 in very close orbit 
undergoo a CE phase at the end of their evolution. The first question we will try to answer 
iss whether the system will survive CE evolution, and how long the spiral-in phase will take 
place.. We ignore the possibility that the stars might experience a dynamical event due to the 
highh density at the neon burning shell. On the other hand, neon burning (or the increase of 
temperaturee close to that required for neon ignition) and the high Lj suggest that the evolution 
off  helium star is already close to core collapse. The next question is whether the SN explosion 
takess place before or after the neutron star completes the spiraling-in process in the envelope 
off  the helium star. This depends on the competition between the spiral-in timescale and the 
explosionn timescale. 
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4.3.3.11 The decay timescale of the spiral-in phase 

Forr a CE situation where the accretor is significantly less massive than the donor, so that the 
accretorr does not give a considerable perturbation to the structure of the donor, the orbital 
decayy can be expressed as the change in orbital energy due to the drag force (Bondi & Hoyle 
1944;; Shima, Matsuda, Takeda, & Sawada 1985), i.e. 

_G^*NSff aa ?  ̂ 3 ( 4 1 ) 

2flzz at 

wheree Ma is the mass in the giant interior to radius a, oa is the local density at separation a, 
andd V is the relative velocity between the secondary and the CE. fi is the Mach number, i.e. 
fifi  = V/Vs where Vs is the speed of sound. The accretion radius R\ is approximated by 

_ 2 G M NSS r 4 2 . 

* A - ^ - ^^ (4-2) 

Thee function ^(//) determines the dissipation rate, and is of order 2 - 4 in the supersonic case 
(Bondii  & Hoyle 1944; Shima et al. 1985). We applied %(p) = 2.5 which is the value for a 
steady-statee set up after a violent perturbation (Bondi & Hoyle 1944). 

Inn order to estimate the timescale of the CE and spiral-in phase, we calculate the decay 
timescalee as Tdecay — al<*  ar>d calculate the ratio of the decay timescale to the Keplerian 
timescalee which is expressed as (Livi o & Soker 1988, and references therein): 

^decay y 
CEE = 

tKep p 

~M~Maa+M+M NS NS == mG^ MNS S VKep// \P« 
Pf ll ' (4.3) 

wheree Vkep is the Keplerian orbital velocity, and oa is the average density in the giant interior 
too radius a. G(JJ) is a function of the Mach number// given by 

11 fc2+l)2 
GGWW = TT\ A (4-4> 

Thee parameter PCE measures the importance of local (three-dimensional) effects in the spiraling-
inn process. If PCE ^ 1> energy is deposited locally and neither spherical nor cylindrical sym-
metryy can be assumed. 

Ass a result of the deposition of orbital angular momentum into the envelope, the envelope 
iss spun-up, and the relative velocity between the neutron star and the envelope is reduced. 
Thee drag force decreases, prolonging the spiraling-in process. We calculate the ratio of the 
spin-upp timescale of the envelope to the decay timescale as (Livi o & Soker 1988) 

lspin—up p 

TCEE = 

== 1.2^2 

^decay y 

MMaa + MNS 

M NS S -)) fir-1 <4-5) 
Pa)Pa) V^Kcp, 
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where e 

PaPa = 4 T r4p(r)dr (4.6) 

/?inn is the radius at the giant's core-envelope boundary. A considerable spin-up of the envelope 
iss expected to occur if YCE ^ 1 -

Thee above estimation for the decay timescale is only valid if the donor is much more 
massivee than the neutron star (cf. e.g. Iben & Livi o 1993). In our calculation we have 
MNSS ~ M\\t, and hence the above derivation is not completely valid, but nevertheless we use 
itt to obtain an estimate of the decay timescale. 

Fig.. 4.5 presents the PCE and YCE parameters in the envelope of a 2.8 MQ helium star with 
threee different initial periods, at the final model of our calculations. Here the relative velocity 
betweenn the neutron star and the envelope of the helium star is assumed to be Keplerian. In 
alll  cases we found YCE < 1, suggesting that spin-up of the envelope takes place at relatively 
earlyy stages, and therefore the spiraling-in phase proceeds on a timescale longer than the 
decayy timescale. The YCE parameter increases and local effects become more important (PCE 

decreases)) with increasing initial period. This can be understood because a helium star in a 
widerr system has more or less the same core mass as that in a closer system, but with a more 
extendedd envelope and higher density gradient, and therefore is more centrally condensed 
(smallerr pfl but larger pa/pa)-

Byy integrating eq. (4.1) over the envelope of the helium star, we could estimate the 
timescalee of the spiral-in phase, fdecay, as presented in Fig. 4.5. Taking these estimates at 
facee value suggests that the spiraling-in process in system with P\ = 10d will last for 0.16 yr, 
whilee in the system with P\ = 2d it lasts for 3 yr. However, because YCE < 1 for all systems, 
inn particular for P\ — 2d, the actual spiral-in timescale will be longer. 

Furthermore,, we have assumed that the structure of the envelope does not change during 
thee spiral-in. If we consider that the deposition of orbital energy actually drives the envelope 
too expand, then the expansion causes a decrease in pa and pa. This will lead to a slower orbital 
decay,, by eq. (4.1). The quantity pa, which depends only on the structure of the envelope, 
decreasess more significantly than pa (which is determined also by the core density) as the 
resultt of this expansion. Accordingly, YCE decreases, and the spiral-in proceeds even more 
slowly.. Therefore, the estimated decay timescale we discussed above should be regarded 
ass the lower limit. Note that Podsiadlowski (2001) has included the envelope expansion in 
hiss CE calculation and found that the spiral-in is initially very rapid and slows down after 
significantt envelope expansion has taken place. 

4.3.3.22 The time left before the supernova explosion 

Wee wil l first consider the possibility that neon burning shell does not reach the centre and 
thereforee core collapse is triggered by electron capture. Because the core loses energy mainly 
inn neutrinos, we can estimate the explosion timescale by comparing the change in gravita-
tionall  energy to the neutrino luminosity, Ly. In order to estimate the explosion timescale, 
wee calculate the gravitational energy of the core of the last model, £gi0, and compare it 
withh the gravitational energy at the onset of electron capture 24Mg(e~,v)24Na. We applied 
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2.88 M0 He + 1.4 M0 NS 
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Figur ee 4.5. The physical parameter in the common envelope of a 2.8 M 0 helium star with a 1.4 MQ 

neutron-starr companion for three different initial periods at the last model of our calculations: decay 
timescalee with the scale on the right y-axis (dashed-), and the paramater PCE (dotted-) and YCE (solid-
line),, fdecay represents the time required to spiral-in down to radius r, found by integrating eq. (4.1). 
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pcc = 3.7 x 109 gem- 3 (Nomoto 1987; Miyaji, Nomoto, Yokoi, & Sugimoto 1980) for the 
Schwarzschildd criterion for convection and pc = 2.1 x 109 gem- 3 (Miyaji & Nomoto 1987) 
forr the Ledoux criterion, and solved the collapsing stellar core polytrope (Goldreich & We-
berr 1980; Kippenhahn & Weigert 1990), i.e. the Lane-Emden equation for polytropic index 
nn = 3, to find the gravitational energy,£gif. By assuming aLy equal to that in the last model, 
wee obtain the upper limit for the explosion timescale as AEg/Ly. To estimate the explosion 
timescale,, we need to include the internal energy as well. However, since the total binding 
energyy of the last model is W0 = ^£gi0 (by means of virial theorem), and that of the mo-
mentt of the core collapse is Wt <C jEg,f, the difference in gravitational energy alone gives 
thee maximum value of the change in binding energy. Furthermore, considering that Ly in-
creasess instead of remaining constant, the explosion timescale we derive gives the maximum 
estimate.. For the 2.8 MQ helium star, we find that the maximum timescale is 460 - 600 yr 
forr system with P\ = 10d and 760 - 970 yr for that with P\ = 2d (the lower value is the result 
off  applying the Ledoux criterion for convection, the higher one is from the Schwarzschild 
criterion).. For a 3.2 M 0 helium star, the maximum timescale is 230 - 300 yr. 

Nextt we will consider the possibility that the neon burning shell does reach the centre, and 
coree collapse is triggered by photodisintegration which seems more likely than by electron 
capturee given the discussion in Sec. 4.3.2. A comparison with a detailed evolution calculation 
(Hegerr 2002, private communication) yields that a 1.696 M 0 CO core will undergo core 
collapsee ~ 20 yr after the off-centre neon ignition. This core mass is about the same as the 
COO core mass of our 3.2 M 0 model. Our 2.8 M 0 helium star has a CO core of 1.45 M©, 
andd probably needs longer time to undergo core collapse. We conclude, therefore, that the 
3.22 M 0 helium star will undergo core collapse in 20 - 300 yr, and the 2.8 M 0 model needs 
200 - 900 yr before it collapses. 

Althoughh we have tried to estimate the timescales for the spiral-in phase and for the star 
too undergo core collapse, the exact timescales remain uncertain. Therefore, there are two 
openn possibilities of the outcome. If the orbital decay timescale is shorter than the collapse 
timescale,, the helium star explodes after the spiral-in phase is terminated. If the collapse 
timescalee is shorter than the orbital decay timescale, the SN explosion takes place before 
thee neutron star completes the spiraling-in process (i.e. inside the CE). This has important 
consequencess for the pre-SN mass and period of the system. 

4.3.3.33 The possible remants of the lower  mass helium stars 

Assumingg that there is enough time to spiral-in before the explosion, now we will investigate 
whetherr the system survives the CE and spiral-in phase. With the energy equation for CE 
evolutionn (eq. (2.4)), we calculated the post-CE separation, at. T|CE> the so-called efficiency 
parameterr of CE, is taken to be 1. The parameter of binding energy of the envelope to the core, 
A,, - approximated as in Chapter 2 - is calculated from the bottom of the convective helium 
envelopee taking into account the gravitational binding energy only (if the internal energy is 
alsoo taken into account, X, and therefore at would be larger). We found A, is in the range of 
0.055 - 0.12. The results are presented in Table 4.2. We assume that the binary will survive 
thee CE and spiral-in phase if the carbon core does not immediately fill  its Roche lobe. We 
foundd that all systems have final separations larger than the radius of the core (at > 3/?coreX 
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Tablee 4.2. The remnants of case BB and case BC evolutions from 2.8 - 3.2 M© helium stars after 
survivingg CE and spiral-in phase: the initial mass and period, the pre-CE mass and period, the mass 
andd radius of the core, the parameter of binding energy, the post-CE period and separation, the post-SN 
separationn and eccentricity, and the merger timescale. 

Casee Mj 
M 0 0 

BBB 2.8 

2.9 9 

3.1 1 

3.2 2 

3.4 4 

3.6 6 

3.7 7 

3.8 8 

BCC 2.8 

2.9 9 

3.2 2 

Pi Pi 
d d 

0.08 8 
0.5 5 
1 1 

0.08 8 
0.5 5 
1 1 

0.08 8 
0.3 3 
0.5 5 
0.08 8 
0.3 3 
0.5 5 
0.08 8 
0.1 1 
0.09 9 
0.25 5 
0.09 9 
0.2 2 
0.09 9 
0.25 5 

2 2 
5 5 
10 0 
2 2 
4 4 
6 6 
1 1 
2 2 

M0 0 

M 0 0 

1.528 8 
1.686 6 
1.711 1 
1.593 3 
1.775 5 
1.834 4 
1.717 7 
1.887 7 
1.981 1 
1.786 6 
1.977 7 
2.080 0 
1.919 9 
1.961 1 
2.059 9 
2.258 8 
2.124 4 
2.301 1 
2.183 3 
2.366 6 

1.758 8 
2.387 7 
2.684 4 
2.043 3 
2.658 8 
2.791 1 
2.520 0 
3.020 0 

Po Po 
d d 

0.078 8 
0.467 7 
0.926 6 
0.074 4 
0.439 9 
0.868 8 
0.064 4 
0.233 3 
0.397 7 
0.060 0 
0.219 9 
0.379 9 
0.054 4 
0.066 6 
0.057 7 
0.158 8 
0.055 5 
0.126 6 
0.056 6 
0.159 9 

1.811 1 
4.660 4.660 

10.370 0 
1.710 0 
3.920 0 
6.267 7 
0.819 9 
2.047 7 

*"core e 
M 0 0 

1.428 8 
1.506 6 
1.456 6 
1.480 0 
1.563 3 
1.511 1 
1.585 5 
1.580 0 
1.684 4 
1.641 1 
1.616 6 
1.742 2 
1.745 5 
1.771 1 
1.754 4 
1.935 5 
1.905 5 
1.956 6 
1.960 0 
1.877 7 

1.438 8 
1.433 3 
1.436 6 
1.469 9 
1.480 0 
1.504 4 
1.639 9 
1.626 6 

**core e 
1O-2R0 0 

3.248 8 
3.464 4 
2.121 1 
3.431 1 
3.650 0 
2.522 2 
3.635 5 
2.574 4 
4.139 9 
3.778 8 
2.737 7 
4.376 6 
4.058 8 
4.197 7 
2.872 2 
4.785 5 
4.433 3 
5.008 8 
5.325 5 
3.416 6 

1.807 7 
1.707 7 
1.498 8 
1.928 8 
2.052 2 
2.811 1 
2.408 8 
2.395 5 

X X 

0.14 4 
0.06 6 
0.07 7 
0.15 5 
0.06 6 
0.05 5 
0.16 6 
0.11 1 
0.07 7 
0.17 7 
0.13 3 
0.08 8 
0.19 9 
0.18 8 
0.20 0 
0.13 3 
0.20 0 
0.14 4 
0.23 3 
0.14 4 

0.06 6 
0.11 1 
0.12 2 
0.10 0 
0.12 2 
0.05 5 
0.12 2 
0.11 1 

Pi Pi 

m m 

14.59 9 
12.76 6 
21.42 2 
12.89 9 
10.88 8 
8.93 3 

10.62 2 
7.45 5 
8.14 4 
9.62 2 
6.65 5 
7.18 8 
8.06 6 
8.11 1 
4.32 2 
6.18 8 
6.71 1 
5.20 0 
7.12 2 
3.79 9 

23.87 7 
22.33 3 
33.62 2 
16.88 8 
14.83 3 
5.55 5 
5.75 5 
5.34 4 

«t t 

R© © 

0.279 9 
0.257 7 
0.361 1 
0.258 8 
0.233 3 
0.203 3 
0.229 9 
0.181 1 
0.194 4 
0.216 6 
0.169 9 
0.180 0 
0.194 4 
0.196 6 
0.128 8 
0.166 6 
0.175 5 
0.148 8 
0.183 3 
0.119 9 

0.387 7 
0.370 0 
0.486 6 
0.308 8 
0.283 3 
0.148 8 
0.153 3 
0.146 6 

<2f f 

R0 0 

0.282 2 
0.267 7 
0.368 8 
0.266 6 
0.247 7 
0.211 1 
0.245 5 
0.193 3 
0.216 6 
0.236 6 
0.183 3 
0.205 5 
0.221 1 
0.226 6 
0.147 7 
0.205 5 
0.214 4 
0.185 5 
0.229 9 
0.143 3 

0.392 2 
0.374 4 
0.492 2 
0.316 6 
0.291 1 
0.154 4 
0.167 7 
0.159 9 

ee{ { 

.01 1 

.04 4 

.02 2 

.03 3 

.06 6 

.04 4 

.07 7 

.06 6 

.10 0 

.09 9 

.08 8 

.12 2 

.12 2 

.13 3 

.13 3 

.19 9 

.18 8 

.20 0 

.20 0 

.17 7 

.01 1 

.01 1 

.01 1 

.03 3 

.03 3 

.04 4 

.09 9 

.08 8 

^merger r 

yr r 

1.88 x lO5 

1.44 x 105 

5.11 x 105 

1.44 x 105 

1.00 x lO5 

5.55 x 104 

9.99 x 104 

3.88 x 104 

5.88 x 104 

8.55 x 104 

3.11 x 104 

4.77 x 104 

6.33 x 104 

6.88 x 104 

1.22 x lO4 

4.33 x 104 

5.11 x lO4 

2.88 x 104 

6.66 x 104 

1.11 x 104 

6.66 x 105 

5.55 x 105 

1.66 x 106 

2.88 x 105 

2.00 x 105 

1.55 x 104 

2.11 x 104 

1.77 x 104 
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suggestingg that they all survive the CE and spiral-in phase. Even if we consider that the core 
couldd expand by a factor of 2 after the envelope is peeled off, in most cases it still would not 
fil ll  its Roche lobe. However, we should realize that the product X\CE  ̂ in eq. (2.4) depends 
onn the details of CE phase which is very uncertain and therefore the results in Table 4.2 give 
onlyy approximate final separations. 

Afterr the explosion of the helium star, which is assumed to leave a neutron-star remnant 
(A^NS,2),, the orbital evolution of the two neutron stars will be governed by gravitational-wave 
radiationn as (Peters 1964) 

dada = _64G*_ A /NSMN S T 2M T / 73 2 37 A 

dtdt 5 c5 a^l-e2)1/2 \ 2A V^) ( 4 ' 7) 

dede 304 G3 M N SA/ NS,2MT / , 121 2 \ 
ee^-JT,^-JT, 57775- ! + ^ne) (4-8) dtdt 15 c5 a4(l-e2)5/2 

Assumingg that the neutron star completes the spiral-in phase, the post-CE (i.e pre-SN) mass 
andd period are presented in Table 4.2. We found that the pre-SN orbit has a period of ~ 
0.01.. With such a tight orbit, the neutron star moves with very high orbital velocity (~ 
1033 krns"1). This velocity is higher than a plausible kick velocity of a few hundreds kins"1. 
Thereforee the effect of the kick is not as strong as in the case of systems in wider orbits. 
However,, although an asymmetric explosion does not change the separation significantly, 
itt does increase the eccentricity significantly, which in turn reduces the merger timescale 
(Belczynskii  et al. 2002a). 

Iff  we assume a symmetric explosion and that the SN remnant has a mass of 1.4 M 0, 
thenn the mass which leaves the system is less than half of the initial total mass, and therefore 
alll  the systems will remain bound (Blaauw 1962). By assuming a symmetric explosion we 
calculatee the post-SN separation and eccentricity as will be explained in Sect. 4.4.1.1. These 
parameterss are used to determine the merger timescale of these systems, which is calculated 
byy integrating eqs. (4.7) and (4.8) (for the complete equations please refer to Peters (1964)). 
Thiss merger timescale is much shorter than that of the observed DNSs, and even shorter than 
theirr characteristic age (i.e. ~ 300 Myr and 100 Myr, respectively, for B1913+16). This 
makess the probability for such systems to be observed very small. 

Thee existence of very tight orbit DNSs has been also proposed by Belczynski et al. 
(2002a),, with the assumption that a CE phase occurs if the helium star is more massive than 
thee neutron star. We have demonstrated in this work that a CE phase does occur, but only if the 
heliumm star has a certain mass, i.e. 2.8 - 3.3 M 0 and 3.3 - 3.8 MQ in Porb < 0?25. With very 
shortt merger timescale, these DNSs would increase the detection rate of the gravitational-
wavee radiation. Another implication is that the merger would take place relatively close to 
thee galactic host. Since a merger of compact binary has been long thought to be one of the 
sourcee of y-ray burst, the presence of the tight orbit DNSs has an important consequence in 
thee understanding of the y-ray burst progenitor. We will try to estimate the birthrate of this 
neww population in Chapter 5. 

Thee upper panel of Fig. 4.6 shows the mass and period at the end of our calculations 
(i.e.. post-RLOF). If the neutron star (in systems which go through a CE phase) completes 
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thee spiraling-in process, then their pre-SN (i.e. post-CE) mass and period are presented in the 
lowerr panel, leaving only final helium-star masses MHe,t > 2.2 M 0 as the possible progenitors 
off  the observed galactic DNSs. Since the explosion of the helium star can take place before 
thee neutron star completes the spiral-in phase, the upper and lower panels of Fig. 4.6 represent 
thee maximum and minimum pre-SN mass and period, respectively, for systems which go 
throughh the CE phase. If the neutron star does not have enough time to complete the spiral-
inn before the helium star explodes, the pre-SN parameters are determined by the situation 
priorr to the core collapse, i.e. mass and period will be between the upper and lower panels. 
However,, Podsiadlowski (2001) showed that the most rapid orbital decay takes place at the 
beginningg of the spiral-in phase. Hence, although the core collapse occurs before the spiral-in 
iss terminated, the pre-SN period is likely to be close to the minimum. Note that for systems 
thatt do not go through the CE phase, the mass and period in the upper panel are the same as 
inn the lower panel. 

Wee have discussed in Sect. 4.3.2 the possibility of a dynamical ejection of the helium 
layerr due to explosive Ne-flashes for MHe ~ 2.8 - 3.2 M 0. Although it is unclear whether 
thiss actually occurs, and we ignore it in the remainder of the chapter, we will discuss briefly 
howw such a dynamical ejection might influence our results. If the ejection occurs before mass 
transferr becomes dynamically unstable, then we find the situation where the neutron star is 
orbitingg the CO core, with mass as in the lower panel, but with an orbit more like in the 
upperr panel. If the ejection occurs after the spiral-in process is initiated, the future of the 
systemm depends on whether the ejection occurs after or before the completion of the spiral-in 
process.. We will have the same situation as that where the core collapse occurs after the 
completionn of the spiral-in (i.e. the lower panel) if the dynamical ejection of the helium layer 
takess place after the neutron star terminates the spiral-in phase. If the ejection ensues before 
thee completion of the spiral-in, then again the CO core remains (with a mass as in the lower 
panel)) but the period will be between the upper and lower panels. 

4.3.3.44 The type of supernova explosion 

Thee final amount of helium left in the envelope probably determines whether the explosion 
wil ll  be observed as a type lb or a type Ic SN. The main observational criterion to distinguish 
betweenn these types is the presence of helium in type lb and its absence in type Ic SN. The 
conclusionn drawn in Chapter 3, that lower-mass helium stars and systems in close orbit are 
possiblee progenitors of type Ic SNs, and that higher-mass helium stars and systems in wide 
orbitss produce type lb SN, is still valid here. 

Wee will discuss the possibility of the explosion type in the case of systems which undergo 
aa CE and spiral-in phase. We consider the situation in which the SN explosion occurs after 
thee neutron star completes the spiraling-in process, i.e. the whole helium envelope has been 
removedd from the star. If we consider an extreme case, where the ejected matter is still 
surroundingg the core, and the core collapses at the moment where the whole envelope is 
ejected,, then the explosion will be observed as the helium-rich type lb SN. This situation 
resembless the case where the explosion ensues in the CE. In the other extreme, we have the 
situationn where the explosion occurs after the end of the CE phase. If we apply that the CE 
phasee lasts for only a few years (Sect. 4.3.3.1) and the explosion can take place at most a few 



94 4 44 The late stages of evolution of helium star-neutron star binaries 

MHe,oo Wo) 

MHe.tt ( M 0 ) 

Figur ee 4.6. Range of mass and period of the immediate pre-SN progenitor of double neutron-star bi-
naries:: B1913+16 (dashed-), B1534+12 (dotted-). J!518+4904 (dash-dotted-), and J1811-1736 (solid-
line).. For each line style, upper and lower lines represent the maximum and minimum pre-SN periods. 
Thee shaded area marks the region where a double neutron star can be produced by avoiding RLOF, taken 
fromm Pols' (in preparation) single helium stars calculation after taking into account the effect of stellar 
windd mass loss. The star symbols represent the remnants of case BB mass transfer (see Chapter 3), 
andd circles indicate the remnant of case BC evolution from this work. The solid symbols represent the 
remnantss of helium stars which do not go through a CE phase, and the open ones indicate those which 
do.. In the upper panel, thin lines connect the remnants of helium stars with the same initial mass Mj. 
Thee upper panel gives the mass MHeo and period P0 of the remnants before the spiral-in phase (after 
RLOF).. The lower panel presents the mass Mi-ie.t and period Pt after the spiral-in phase (prior to SN 
explosion).. Note that for systems that do not go through a CE phase. Pt = P0 and Afjjet = ^He.o-
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hundredd years after the start of the CE phase (Sect. 4.3.3.2), then the core collapses at most a 
feww hundred years after the CE phase is terminated. We assume that the envelope is ejected 
withh the escape velocity, i.e. 270 km s- ' , and that during the SN explosion matter is ejected 
withh a velocity of ~ 104 km s_1. Using these velocities, then in a few years the SN shell 
wil ll  catch up the envelope matter, forming a shock front. The SN shell might interact with 
thee envelope matter in a form of a ring around the SN remnant like in SN 1987 A, which was 
observedd a year after the discovery of the SN. The explosion itself may be very dim since the 
ejectedd mass is very small (less than ~ 0.5 M© if we assume that the SN remnant has a mass 
off  1.4 M®, see Table 4.2). 

4.44 The formation of double neutron star  binaries 

Inn accordance with the attempt in Chapter 3, we will try to find constraints on the masses and 
separationn of the progenitors of the observed galactic DNSs, and on the kick velocity that was 
impartedd during the SN explosion. This has been done before by various authors. However, 
ass will be discussed later, here we reconsider their findings in the light of RLOF from helium 
starss which was not considered before. 

Yamaokaa et al. (1993) found that a symmetric explosion cannot explain the formation of 
B1534+122 with the argument that the pre-SN helium star mass is lower than 2.2 M 0, the 
criticall  mass for a helium star to become a neutron star (cf. Habets 1986b). They argued 
thatt since a kick in a plane with the same orbital axis as the original orbital plane is more 
favourablee to avoid the disruption of the system, a kick velocity of 300 - 460 km s- 1 (for 
B1913+16)) and 160 - 260 kms- 1 (for B1534+12) is required. This value was obtained 
assumingg that the helium star (Mne > 5 M©) does not fil l its Roche lobe. In the case where 
RLOFF does occur they argue that the neutron star will spiral-in in the evelope of the helium 
star,, such that the mass prior to SN explosion is the CO core mass which is smaller than the 
masss of the helium star. Since the required kick velocity increases with mass, a smaller kick 
velocityy is needed for this case. Also in the situation where the helium star has experienced 
windd mass loss prior to the explosion, i.e. its final mass is much smaller than the initial helium 
starr mass, a smaller kick velocity is required. 

Fryerr & Kalogera (1997) found that a symmetric explosion in the formation of the ob-
servedd DNSs require a pre-SN separation smaller than the radius of the helium star. They 
assumedd this must result in a CE phase. They found that, if a neutron star is able to accrete 
matterr above its Eddington limit in the CE phase, the timescale needed for a neutron star to 
collapsee into black hole is much smaller than the timescale for a helium star to evolve from its 
maximumm radius up to the explosion. They concluded that it will collapse into a black hole. 
Inn this case, a symmetric explosion fails to explain the existence of the DNSs. Minimum 
kickk velocities of 260, 220, and 50 km s"1 (for B1913+16, B1534+12, and J1518+4904, re-
spectively)) are required, from a progenitor with at ~ 4.5 R©, Mt ~ 4.5 M© (for B1913+16 
andd B1534+12) and at ~ 30 R©, Mx ~ 3 M© (for J1518+4904), in order to avoid RLOF from 
thee helium star. As the completion to this work, Wex, Kalogera, & Kramer (2000) used the 
misalignmentt between the orbital angular momentum and the spin of B1913+16, together 
withh its proper motion to put more constraints on the progenitor. They found a kick velocity 
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off  320 - 1 100 km s"1 (for misalignment angle 22°) and 700 - 1 030 km s"1 (angle 158°) is 
necessaryy if the system crossed the galactic plane once; and 270 - 510 km s_1 (angle 22°) 
andd 530 - 710 km s_1 (angle 158°) if the system intersected the galactic place twice since 
itss formation. In all four cases, the kick must have been imparted in a direction close to the 
orbitall  plane and opposite to the orbital motion. 

Off  all the above-mentioned works, none was based on detailed calculations of helium 
starss in binary systems. Furthermore, most of them were carried out assuming that the helium 
starr does not fil l its Roche lobe. Based on our calculations we will now investigate the kick 
velocityy imparted at the birth of the pulsar's companion, under the assumption that the two 
DNSss are the descendants of helium star-neutron star systems which experienced RLOF. 
Withh this assumption, e.g. the low pre-SN mass found by Yamaoka et al. (1993) does not 
necessarilyy mean the initial mass of the helium star. Hence, we allow lower pre-SN mass. 
Alsoo by allowing the helium star to fil l its Roche lobe without causing the neutron star to 
collapsee into a black hole, progenitors in shorter orbit than that found by Fryer & Kalogera 
(1997)) are possible. 

Thee known galactic DNSs are listed in Table 1.1. We plotted the allowed minimum 
andd maximum pre-SN periods for each observed system in Fig. 4.6, which is expressed by 
eq.. (3.10). 

4.4.11 Close-orbit systems like B1913+16 and B1534+12 

Thee lower panel of Fig. 4.6 shows that the possible progenitors of the short-orbit DNSs 
B1913+166 and B1534+12 are A/He,t > 2.2 M 0, i.e. helium stars with initial mass Myie > 
3.33 M© (solid symbols), if indeed helium stars of lower mass leave DNSs with very small 
period.. This means their progenitors were main-sequence stars more massive than 12 M 0 

whichh underwent a case B evolution, or stars more massive than 10 M© which experienced a 
casee C mass transfer. 

4.4.1.11 Symmetric explosion 

Byy means of eqs. (4.7) and (4.8) we could calculate the evolution of eccentricity and separa-
tionn of the DNSs B1913+16 and B1534+12 due to gravitational-wave radiation from present 
timee back to their characteristic age, as presented in Fig. 4.7. In a symmetric SN explosion, 
thesee post-SN eccentricity, eu and separation, öf, are related to the pre-SN mass, MHe.t, and 
separation,, at, as (Hill s 1983) 

MMHHe,xe,x = ef(Mp+Mc)+Mc (4.9) 

aatt 2 Mc + MD — Mue t 

-- = \A LA <4-10) 
afaf Mp + Mc 

wheree Mp and Mc are the masses of the pulsar and its companion, respectively. By applying 
A/He.tt and ax from our calculations, we can derive e$ and of and plot them in the (e,a) plane. 

Fromm the upper panel of Fig. 4.7 it can be seen that in the case of a symmetric explosion 
B1913+166 should have formed from MHe,t = 3.13 — 3.42 M©, depending on its true age 
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Figur ee 4.7. The evolution of eccentricity and separation of B1913+16 and B1534+12 (solid lines) 
fromm present time back to twice their characteristic age (the values at the time of the characteristic age 
aree indicated by the solid circle in the inset of each panel). Also plotted here, in solid stars, are the 
resultss of our calculations, assuming a symmetric supernova explosion. The pre-SN mass is indicated 
att the top x-axis. 
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M M 

Figuree 4.8. The orientation of the kick velocity Vk relative to the original orbital velocity Vt. 

(whichh is assumed to be less than twice its characteristic age). However, the separation is 
lowerr than the minimum separation allowed for the formation of neutron star (cf. Fig. 3.10). 
Thiss implies that B1913+16 cannot be formed by assuming a symmetric explosion from 
heliumm star-neutron star binaries which undergo a mass-transfer phase, regardless the exact 
agee of the system. 

Thee (er. flf)  of B1534+12 correspond to A/He.t = 2.07 - 2.12 M 0. This mass and sep-
arationn lie close to the remnants of our 3.4 M 0 model (indicated by an arrow in Fig. 4.7). 
However,, we have discussed that the future of this particular mass is not clear. These systems 
mightt as well undergo a CE and spiral-in phase and move to the lower-left part of the plane as 
inn the case of lower-mass helium stars; and in that case cannot be considered as the possible 
progenitorr of B1534+12. Hence, a conclusion that a symmetric explosion can explain the 
formationn of B1534+12 is marginal. Our results confirm previous work that it is more likely 
thatt both B1913+16 and B15 34+12 are formed by an asymmetric SN explosion, although the 
constraintss on the kick velocity become much weaker if we allow for RLOF from the helium 
star. . 

4.4.1.22 Asymmetric explosion 

Iff  the kick velocity Vj< makes an angle 0 with respect to the pre-explosion orbital velocity 
Vt,, then we can write the relation between the pre-SN and post-SN separations, at and at, as 
(Hill ss 1983) 

«t t 

(if (if Mr" " 
11 +v2 + 2vcosG] (4.11) ) 
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wheree Mt = MHe,t + Mp. Mf = Mc+  Mp, v = Vk/Vt and V2 = GMt/at. If we rotate Vk around 
Vtt in a cone of apex angle 0 (see Fig. 4.8), then <|> is the location of Vk on this cone, such that 
())) = 0 corresponds to Vk in the original orbital plane and has a Cartesian component pointing 
radiallyy outward from the focus of the orbit (Hill s 1983). The ccentricity of the post-SN orbit 
iss given by 

GG fl f Mi (1 - e\) = a2
x [Vk

2 sin20 sin2<|) + (Vk cosG + Vt)
2] 

l _ e22 = ^ .ML[ i +2vcosG + v2(cos2e + sin2esin2(())] (4.12) 
afaf Mf 

Afterr the explosion, a binary will remain bound if the right-hand side of eq. (4.11) is pos-
itive.. Hence, after an asymmetric explosion with a kick velocity Vk, a binary with pre-SN 
parameterss (Aft, at) will not be disrupted if the angle 0 is higher than a critical angle, i.e. 

00 > 0cr = cos" 
2 M f - M t ( v 2 + l ) ) 

2vM, , 
(4.13) ) 

Sincee cos0cr > — 1 an absolute maximum kick velocity can be derived from the above equa-
tionn as 

Vk,maxx = (l + V2M f /M t)V t (4.14) 

whichh is the magnitude of the kick velocity in the direction opposite to the orbital motion 
(00 = 180°). For this 0 we found a minimum kick velocity 

VVkk̂ âa = (l-y/2Mt/Mt)Vt (4.15) 

AA V̂ min = 0 requires Mt < 2M{ as derived by Blaauw (1962) for a symmetric explosion. 
Forr a given observed DNS, we can find the pre-SN parameters by means of eqs. (4.11) 

andd (4.12). The first constraint we put is 0 < sin2(J) < 1. Independent of the magnitude of 
thee kick velocity, the limit sin2<() = 1 gives eq. (3.10) which can also be written as eq.(3.9). 
Thesee lower and upper limits in separation are presented as the thick lines in the left panels 
off  Fig. 4.9. The limit sin2(J) = 0 for different kick velocities is given by the thin lines. For a 
givenn kick velocity, the possible pre-SN parameters lie between the line of sin2(|> ~ 1 and that 
off  sin2<J) = 0 (i.e. the shaded area). 

Ass the second constraint, we exclude the regions where close-orbit DNSs cannot be 
formed;; i.e. the lower part of the plane where the initial period is very close such that mass 
transferr is dynamically unstable leading to a merger (separated by the dotted line). From these 
twoo constraints we can find the possible directions for a kick velocity of given magnitude, as 
shownn in the right panels of Fig. 4.9. 

Wee will first consider the case in which the DNSs are produced by mass transfer - i.e. 
excludingg the right region where DNSs are formed from helium star-neutron star binaries 
whichh avoid RLOF altogether (separated by a dashed line); but did not experience a phase 
off  CE - i.e. excluding the left region in which the remnants of A/He < 3.3 M© lie (separated 
byy the dash-dotted line). We find that B1913+16 can be formed by an asymmetric explosion 
withh minimum kick velocity of 70 km s~' (9 < 20°) and a kick velocity as low as 10 km s- ] 

(00 > 85°) is enough to produce B1534+12. A large Vk requires 0 close to 180°, and can 
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onlyy be imparted in very close orbit (at ~ af (1 - ef), cf. eq. (4.11)). With this at and using 
eq.. (4.14) we found 1 810kms- 1 and 1310kms~! as the maximum kick velocity to produce 
B1913+166 and B1534+12, respectively. To produce a system with post-SN parameters (Mf, 
of)) from a binary with pre-SN parameters (Mt, at), it can be seen from eq. (4.12) that with 
thee same kick velocity, ef decreases with 9. Since B1534+12 has almost the same mass and 
separationn as B1913+16 but lower eccentricity, in general, with the same kick velocity, a 
higherr angle 0 is needed to produce B1534+12 than that to form B1913+16. 

Wee have discussed in Sect. 4.3.3.2 that there are two open possibilities for the fate of 
heliumm stars which go through CE phase. If the core collapses after the spiral-in phase is 
completed,, then the system becomes a double neutron star in tight orbit, leaving an empty 
regionn to the left of the dash-dotted line in the left panel of Fig. 4.9 - i.e. the situation 
describedd in the previous paragraph. If the helium star explodes while the neutron star is still 
spiraling-in,, the pre-SN mass and separation will be somewhere between A/HCO and Mue.t 
andd between P0 and Pt (the upper and lower panels of Fig. 4.6), i.e. the region to the left of 
thee dash-dotted line in the left panel of Fig. 4.9 may not be empty. The inclusion of this area 
withh lower mass allows the kick velocity to have a lower angle 0 and a wider range of (|> than 
thee direction presented in the right panel of Fig. 4.9. The magnitude and orientation of the 
minimumm kick velocity for B1913+16 remains the same. In this situation B1534+12 can be 
producedd by a symmetric explosion or with very low kick velocity in all directions 8 and ty. 

Comparingg our results with those of Yamaoka et al. (1993); Fryer & Kalogera (1997); 
Wexx et al. (2000), we can see that by allowing the helium star fill  its Roche lobe, systems 
withh lower pre-SN mass and lower pre-SN separation than derived in previous works can 
alsoo be possible progenitors of B1913+16and B1534+12. We also allow low kick velocity to 
explainn the formation of these DNSs. 

4.4.1.33 The formation without a mass transfer  phase 

Wee will now revisit the investigation of the formation of DNSs assuming that the progenitors 
doo not experience a RLOF phase. A helium star will not fill  its Roche lobe if the Roche radius 
iss larger than its maximum radius, which defines a critical orbital separation amax. We plot 
thee region with af < amax as the light-shaded area in Fig. 4.10. This maximum separation is 
derivedd from the maximum radius taking into account wind mass loss as defined in eq. (3.6). 
AA minimum separation, below which a helium star-neutron star binary cannot be formed, is 
definedd by equating the Roche radius to the helium zero-age main sequence radius. Due to 
thee wind mass loss, this minimum separation increases according to eq. (3.5) with a = 1 and 
PP = 0. We plot the region with separation less than the minimum separation at the end of the 
evolutionn of a helium star against its final mass as the dark-shaded area. These constraints 
leavee the white area above the maximum and minimum separations as the allowed pre-SN 
parameterss (however, these constraints depend very much on the choice of the wind mass-
losss rate). 

Wee found the same minimum kick velocity as Fryer & Kalogera (1997), i.e. 260 and 
2200 kms"1 (forB1913+16andB1534+12);withe> 130°. For alow Vk (< 425 kms- 1 for 
B1913+166 and < 275 km s~' for B1534+12) a kick in any azimuthal direction (j) is allowed to 
formm the binaries with the observed parameters. A moderate kick velocity (425 < Vk < 650 
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Figur ee 4.9. The possible magnitude and orientation of the kick velocity imparted at the birth of the 
secondd neutron star in B1913+16 (upper) and B1534+12 (lower panel), with the assumption that the 
pulsarr age is the same as its characteristic age. In the left-side panels, the solid star symbols represent 
thee pre-SN parameters of our case BB and BC calculations which do not go through a CE phase. Thick 
horizontall  lines mark the minimum and maximum pre-SN separation constrained by sin2(b = 1. Thin 
liness are obtained from the constraint of sin2<|> = 0. The solid circle gives the pre-SN parameter if the 
explosionn is symmetric (V^ = 0). Bellow the dotted line, mass transfer occurs on dynamical timescale 
leadingg to a merger. To the right of the dashed line is the region where the helium star-neutron star 
binariess evolved without a period of RLOF. To the left of the dash-dotted line is the region where mass 
transferr ends in a CE phase. The right-hand panels present the allowed direction of a kick velocity in 6 
andd <)), assuming that the progenitors are restricted in the region between the thick horizontal lines, to the 
rightt of the dash-dotted line, to the left of the dashed line, and above the dotted line. The corresponding 
kickk velocities for each left- and right-side panels are presented at the bottom of the figure. 
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Figur ee 4.10. The region of the allowed pre-SN parameters for the progenitors of B1913+16 (dashed). 
B1534+122 (dotted), J1518+4904 (dash-dotted), and J1811-1736 (solid-line). The light-shaded area 
markss the region where mass-transfer phase can take place. The dark- shaded area present the region 
wheree the separation is smaller than the minimum separation. The separation derived from the maxi-
mumm radius without a correction due to the wind mass loss is shown as the thick solid line. The radia 
off  the helium stars are taken from Pols' (in preparation) single helium star calculations. Star symbols 
markk our calculations. 

forr B1913+16 and 275 < Vk < 750 for B1534+12) has to be oriented close to a direction 
perpendicularr to the orbital plane, and a high kick velocity (V^ > 650 km s~' for B1913+16 
andd Vk > 750 km s_1 for B1534+12) close to orbital plane in order to obtain the observed 
parameters.. We found that the higher V̂  the more restricted the allowed orientation of the 
kick.. The maximum kick velocity needed to produce both systems is ~ 1 230 km s~'. 

Thee inclusion of the minimum separation (dark-shaded area) enables us to determine the 
maximumm pre-SN mass, a constraint which was not taken into account in previous works. 
Thee maximum pre-SN separation of B1913+16 intersects the region of at < amm at M\\ex ~ 
5.822 M Q , which is the final mass of a ~ 16 M 0 helium star. This means that B1913+16 
cannott be formed by helium star initially more massive than 16 M 0 . We derive ~ 13 M Q as 
thee upper limi t for the helium star progenitor of B1534+12. 

Inn discussing the above situation, we consider that the helium star-neutron star binaries 
aree produced at the time when helium star is on its zero-age main sequence, i.e. the remnant 
off  Be/X-ray binaries which went through a CE phase initiated in case B. If the CE phase is 
initiatedd in case C (i.e. after the termination of helium core burning), the helium core does 
nott experience a significant wind mass loss and therefore has a maximum radius as that of a 
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heliumm star evolving without wind mass loss (plotted as the thick line in Fig. 4.10). Whether 
aa RLOF can occur or not depends on the situation at the cessation of the CE phase which is 
veryy uncertain. We will consider the case where the case C remnant does not fill  its Roche 
lobe,, i.e. the region above the thick line. Fig. 4.10 shows that B1534+12 cannot be formed 
byy case C mass transfer followed by a CE phase. To produce B1913+16 from this type of 
remnant,, a very high 0 > 150° is needed. The maximum kick velocity is restricted by the 
thresholdd mass for black hole formation, which is beyond the scope of this thesis. 

Inn Chapter 3 we found that mass transfer from Mne > 6.7 M 0 is dynamically unstable 
leadingg to a CE phase. This range of mass is shown as the light-shaded area with AfHe,t > 
44 M 0. We do not do a real calculation for this range of mass. However, we suggest that 
thiss CE phase would lead to a merger or a formation of DNS in tight orbit, depending on the 
bindingg energy of the envelope. 

4.4.22 The wide systems like J1518+4904 and J1811-1736 

Wee will now investigate the formation of wide-orbit DNSs J1518+4904 and J1811-1736. 
Thee accurate masses of the components of these systems are not known yet. Therefore, for 
ourr calculations we assume that each component has equal mass. 

Itt was shown in Chapter 3 that the existence of the wide systems like J1518+4904 cannot 
bee explained by case BB mass transfer. The upper panel of Fig. 4.6 shows that if systems 
likee J1518+4904 have gone through a mass-transfer phase, they can only be produced in a 
veryy narrow parameter space, i.e. from 2.8 - 2.9 M 0 helium stars in wide orbits. However, 
ass explained earlier, helium stars in this range of mass will undergo a CE and spiral-in phase. 
Assumingg that they complete the spiraling-in process, their position in the pre-SN mass-
periodd plane will move to the lower-left part (see the lower panel of Fig. 4.6). Even if they 
undergoo a SN before completing the spiral-in, their final orbits are likely to be much closer. 
Wee conclude that wide systems like J1518+4904 can only be produced from helium stars 
moree massive than 2.8 M 0 which avoid RLOF (shaded area in Fig. 4.6), i.e. main-sequence 
starss more massive than 10 MQ in relatively wide orbits. 

Byy applying eq. (4.9) and using the value (a, e) at the time of the characteristic age, we 
findfind MHe,t = 1.96 and 3.45 M 0 (for J1518+4904 and J1811-1736) as the pre-SN mass if we 
assumee a symmetric explosion. Both masses (with at = af(l — e^)) lie in the region where 
masss transfer occurs. This implies that the progenitor of J1518+4904 is a helium stars less 
massivee than 2.8 M 0 (compare with Fig. 4.6). As argued above, this range of mass will go 
throughh a CE phase, and therefore we conclude that a symmetric explosion cannot explain 
thee formation of Jl518+4904. A minimum kick velocity of 50 km s_l as also found by Fryer 
&&  Kalogera (1997) is needed. 

Heliumm stars with initial masses ~ 3.3 - 4.0 M 0 in wide orbit which undergo a RLOF can 
bee the progenitors of Jl 811-1736 (with a symmetric explosion, the progenitor is a ~ 4.0 M 0). 
Althoughh the parameter space for the formation of this system through a mass-transfer phase 
iss very narrow, the possibility is still open. This possibility depends on the exact masses 
off  the components which in turn determine the pre-SN ax and et. However, because of the 
muchh larger parameter space, a progenitor that avoids RLOF is more likely. If J1811 -1736 is 
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producedd with an asymmetric explosion from a progenitor which avoids RLOF, a minimum 
kickkick velocity of 10 km s_l is enough to explain the observed parameters. 

Forr these two wide-orbit DNSs, the maximum separation for RLOF for case C remnants 
coincidess with case B. Hence, the minimum kick velocities for case C are the same as those 
forr case B. The maximum kick velocity, again, depends on the threshold mass for black hole 
formation. . 

4.55 Conclusions 

Wee have evolved helium stars with masses in the interval 2.8 - 6.4 M 0 with a 1.4 M 0 neutron-
starr companion, in which the helium star fills its Roche lobe during carbon core burning or 
beyondd (case BC mass transfer). This is the completion to our earlier work, i.e. mass-transfer 
phasee during helium core burning (case BA) and helium shell burning (case BB evolution). 
Wee studied the late stage of evolution of the helium star-neutron star binaries as well as the 
possiblee remnants of the systems. 

Casee BB and BC mass transfer in helium stars of 2.8 - 3.3 M 0 as well as from 3.3 < 
^He/MQQ < 3.8 in very close orbits (P < 0?25), will end up in a CE phase towards the end of 
theirr evolution, just before the expected SN explosion. These systems originate from main-
sequencee stars with masses of 10 - 12 M0 which underwent a case B evolution, or 9 - 10 M 0 

whichh experienced a case C mass transfer. We found that all systems are able to survive the 
spiral-inn phase, producing very tight DNSs with P ~ 0?01. These systems probably will not 
bee observed due to their very short merger timescale, and would have important consequences 
forr the detection rate of gravitational-wave radiation and on the understanding of y-ray burst 
progenitors.. On the other hand, there is a possibility that the helium star will explode before 
thee neutron star completes the spiraling-in process, resulting in a SN explosion inside a CE. 

Forr Mne > 3.3 M 0 or M\\c > 3.8 M0 in close orbits, we conclude that a CE and spiral-in 
phasee does not occur. These systems will produce DNSs with periods of 0? 1 — ld, suggesting 
themm to be the candidates for the progenitors of B1913+16 and B1534+12. The pre-SN 
masss is larger than 2 M 0. These systems are originated from main-sequence stars more 
massivee than 12 M 0 which underwent a case B evolution, or more massive than 10 M 0 

whichh experienced a case C mass transfer. 
Wee have also studied the second SN explosion to investigate whether a kick velocity 

iss required at the birth of the young neutron star. DNS B1913+16 cannot be formed by a 
symmetricc explosion. A minimum kick of 70 km s- 1 in the direction of the orbital velocity 
iss needed to produce the observed orbital parameters. A symmetric explosion can explain 
thee formation of B1534+12, only if the progenitor, a ~ 3.4 M 0 helium star avoids a CE and 
spiral-inn phase. Our calculations are inconclusive on this issue. A higher mass progenitor 
needss a minimum kick velocity of 10 km s~' in the direction opposite to the orbital velocity. 

Thee wide-orbit DNS Jl 518+4904 {and probably Jl 811-1736) can only be produced from 
heliumm star-neutron star systems which did not go through a mass-transfer phase; with the 
heliumm stars more massive than 2.5 M0, i.e. main-sequence stars more massive than 10 M 0 

inn relatively wide orbit. Without a mass-transfer phase, an asymmetric explosion with a 
minimumm kick velocity of 50 and 10 km s"1 (for J1518+4904 and J1811-1736) is needed. 
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WeWe have performed a population synthesis study to investigate the birth rate and 
thethe expected galactic number of DNSs, as well as their merger timescales and 
mergermerger rates, assuming that the systems were formed through the standard evo-
lutionarylutionary scenario that we investigated in the previous chapters. We propose a 
modelmodel for the kick velocity imparted at the first supernova, which is able to ex-
plainplain the observed population of Be/X-ray binaries, including the subpopulation 
ofof systems with long orbital periods and low eccentricities. Several CE mod-
elsels are adopted to investigate the outcome of the CE phase in the evolution of 
Be/X-rayBe/X-ray binaries. Although each CE model gives a different initial parameter 
spacespace for the Be/X-ray binary progenitors ofDNSs, they all yield a comparable 
mergermerger rate of the DNSs. We find that the birth rate and merger rate ofDNSs are 
moremore sensitive to the choice of the kick velocity distribution than to the choice 
ofCEofCE model. A birth rate between 0.6 and 9.5 xl0~6yr~l and a merger rate 
betweenbetween 0.4 and 6.5 xl0~6yr~! are obtained. These rates are still subject to 
uncertainties,uncertainties, especially in the first mass-transfer phase leading to the Be/X-ray 
binarybinary stage, which we did not investigate. The merger rate is dominated by 
systemssystems with short merger timescale (of the order of 105 yr) which go through 
thethe second CE phase. This has an important consequence for the detection of 
gravitational-wavegravitational-wave radiation. If the mergers ofDNSs are the progenitors of the 
short-durationshort-duration y-ray bursts, we expect to find them inside the host galaxies, just 
likelike in the case of the long-duration bursts. 

105 5 



1066 5 From Be/X-ray binaries to double neutron stars - A population synthesis study 

5.11 Introductio n 
Inn the previous chapters, we have investigated various aspects of the standard evolutionary 
scenarioo for the formation of double neutron star (DNS) systems from Be/X-ray binaries. 
Wee have carried out a systematic study of the binding energy of the donor stars which is 
importantt to determine the outcome of a common-envelope (CE) phase (Chapter 2). We 
havee subsequently performed detailed evolutionary calculations of helium star-neutron star 
(HeS-NS)) binaries for a large parameter space in order to investigate the formation of DNSs 
(Chapterss 3 and 4). By integrating our previous work into a population synthesis study, we 
wil ll  investigate in this chapter the birth rate and the expected number of the DNSs as well as 
thee merger timescales and merger rates, assuming that the systems were formed through the 
standardd scenario. 

Severall  population synthesis studies have been carried out from the evolutionary point of 
vieww to investigate the formation and the merger rate of DNSs. Tutukov & Yungelon (1993) 
weree among the first to calculate the merger rate and found a value 3.2 x 10_4yr_ l . They 
didd not apply a kick velocity at the birth of the neutron stars. With a zero kick velocity other 
authorss found a merger rate of the same order. A much lower rate arises when a symmet-
ricc supernova explosion is assumed, i.e. 1 x 10-5yr ' for a kick velocity of 450 kins"1 

(Portegiess Zwart & Spreeuw 1996); 1 x 10_4yr_l for the kick velocity distribution proposed 
byy Lyne & Lorimer (1994) with a mean kick velocity 400 km s_l and 2.5 x 10_5yr_1 for a 
Maxwelliann distribution with the same mean kick velocity (Lipunov, Postnov, & Prokhorov 
1997);; and 2.3 x 10_5yr_1 for a kick distribution proposed by Paczynski (1990), (Portegies 
Zwartt & Yungelson 1998). Belczyriski et al. (2002b) have done a comprehensive study of the 
mergerr rate of double compact objects, taking into account the channel for the formation of 
unrecycledd DNSs (Belczyriski & Kalogera 2001) and the scenario for the formation of tight-
orbitt DNSs due to the hypercritical accretion during the CE phase (Belczyriski et al. 2002a) 
andd found a merger rate between 0.9 and 300 x 10~6yr_1. These extensive previous studies, 
however,, were not based on detailed evolutionary calculations. 

Recently,, Ivanova et al. (2002) studied the detailed evolution of helium stars as the pro-
genitorss of the second-born neutron star. Although the latter work is similar to ours, they 
camee to different conclusions. They did not find that lower-mass helium stars develope a 
convectivee envelope at the end of the calculation, even though their calculations were pur-
portedlyy done up to a more advanced stage of evolution, i.e. up to oxygen burning, than our 
calculationss which were carried out up to radiative neon ignition. On the other hand, they 
foundd that helium stars with mass between 3.3 and 5 M© in orbits with periods less than 
0?33 (which they called case CEB) undergo a stable mass transfer but the mass-transfer rate 
exceedss a critical value which probably leads to a merger. Ivanova et al. (2002) integrate 
thiss detailed evolution of helium stars into a population synthesis study of the formation of 
DNSss and found a merger rate of 56 x 10_6yr_1 if case CEB does not end with a merger 
andd 33 x 10_6yr_1 if it leads to a merger. We will show that the different conclusions in the 
evolutionaryy calculations also yield different results of the population synthesis study that we 
wil ll  present in this chapter. 

Approachess to find the merger rate of DNSs from observational aspects were pioneered by 
Clark,, van den Heuvel, & Sutantyo (1979) and subsequently by Phinney (1991) and Narayan, 
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Piran,, & Shemi (1991). Since then a number of studies has been done, which yield a merger 
ratee between 7 x 10_8yr_1 and 8.5 x 10~6yr_1. We refer to Kalogera et al. (2001) and 
referencess therein for a brief review of the methods used and results obtained in the previous 
studies.. The latter authors found a merger rate in the range 10"6 - 5 x 10"4yr_1 after taking 
intoo account the beaming factor and "faint pulsar" corrections. 

Thiss chapter is organized as follows: we start with discussing the observed properties 
off  Be/X-ray binaries which are the possible progenitors of DNS in Sect. 5.2. We describe 
thee method we used in our calculation in Sect. 5.3 which is divided into three parts, i.e. the 
evolutionn up to the Be/X-ray binary stage, the CE phase in the evolution of Be/X-ray binaries, 
andd the evolution of the HeS-NS binaries. The results are presented in Sect. 5.4 and discussed 
inn Sect. 5.5. We present our conclusion in Sect. 5.6. 

5.22 Be/X-ray binaries 

InIn the standard scenario that we investigate, the progenitors of DNSs are Be/X-ray binaries. 
Too start our population synthesis study from the Be/X-ray binary stage, we need to get an 
unbiasedd view of the galactic population and their orbital parameters, i.e. masses, periods, 
andd eccentricities. Therefore, we will start with discussing the observed properties of Be/X-
rayy binaries. 

Ziólkowskii  (2002) lists 61 Be/X-ray binaries1 with spectral type of the optical component 
betweenn 08.5 and B2, which corresponds to a range of masses 8-20 M 0. These masses were 
obtainedd from the spectral subtype, which are unknown for many systems. Of less than half 
off  the systems in the list is the period known2, ranging from 16d7 to 262d6. Furthermore, 
theree seems to be a bias against discovering systems with long periods, since observations 
onlyy found systems with long periods (Porb > 100d) at distances less than ~ 5 kpc (most of 
themm at d < 3 kpc), while short-period systems (Pot̂  < 50d) are found up to a distance of 
~~ 7 kpc (cf. Table 1 in Negueruela 1998), as the short-period systems reach much higher 
peakk X-ray luminosities. Unfortunately, photometric observations of the optical components 
off  Be/X-ray binaries are not always available to enable us to determine the distance of the 
systemss and give a better statistical representation of this selection effect. To have a view 
off  the eccentricity distribution is even more difficult. Only 16 systems are listed with their 
eccentricity,, but 6 of them are uncertain. 

Too get an idea of the galactic population of Be/X-ray binaries, we need to extrapolate 
itt from the known systems in the Galaxy. There are 5 systems within a distance of 3 kpc. 
Extrapolatingg to the whole Galaxy, with an assumption that the number of systems is pro-
portionall  to the square of the distance and adopting a radius of the galactic disc of 14 kpc, 
wee arrive at 110 Be/X-ray binaries in the Galaxy. However, a knowledge of the distances of 
thee systems - which are poorly known - is important to have confidence in this method. The 
otherr possibility is to extrapolate it from the number of Be/X-ray binaries in the SMC, which 

'Theree are actually 62 systems with 30 known orbits in the list of Ziólkowski (2002). We exclude AX J0051-733 
(Porbb = 1^416) which is listed as a permanent X-ray source in Liu et al. (2000). 

22 We do not include 4U 2206+54 (Porb = 9?57) since it is not confirmed yet whether the periodicity of this system 
iss due to the orbital motion or not (Corbet, Remillard, & Peele 2000). 



1088 5 From Be/X-ray binaries to double neutron stars - A population synthesis study 

hass 1 per cent of the mass of the Galaxy. The SMC has been well surveyed for X-ray sources 
(inn contrast to, for instance, the LMC) so that we can hope to have a more or less complete 
censuss of Be/X-ray binaries in the SMC. The recent catalogue of high-mass X-ray binaries 
(Liuu et al. 2000) lists 18 Be/X-ray binaries in the SMC. Based on additional ASCA observa-
tions,, Yokogawa (2002) lists 24 Be/X-ray binaries and another 27 candidates (X-ray sources 
identifiedd with an emission-line object, possibly a Be star). Assuming that the number of 
Be/X-rayy binaries is proportional to the mass of a galaxy, we expect to find between 2 000 
andd 5 000 Be/X-ray binaries in the Galaxy. However, the extrapolation in this case might not 
bee straightforward since the SMC has a different metalicity than the Galaxy and may have 
hadd a different history of star formation. 

Sincee it it impossible to get an unbiased initial population of Be/X-ray binaries from 
observations,, we will try to obtain it through binary population synthesis as well, starting 
fromm two main-sequence stars. 

5.33 Method of calculation 

Wee use the binary stellar evolution (BSE) code of Hurley, Tout, & Pols (2002) to carry out our 
populationn synthesis study. This code is based on analytical formulae for single-star evolution 
derivedd by Hurley, Pols, & Tout (2000). The binary star evolution is treated by including 
thee changes of the orbital parameters due to mass loss, Roche-lobe overflow (RLOF), mass 
accretion,, gravitational-wave radiation, magnetic braking, and tidal interaction. 

Thee calculations of the binary evolution up to the moment when the Be star fills its Roche 
lobee were done using the BSE code, with small modifications as described in Sect. 5.3.1. The 
subsequentt stages of evolution, i.e. the CE and spiral-in phase (Sect. 5.3.2) and the evolution 
off  HeS-NSs (Sect. 5.3.3), are treated separately. 

5.3.11 Evolution up to the Be/X-ray binary stage 

Wee used the BSE code to evolve a population of zero-age binaries to the Be/X-ray binary 
stage.. The code is essentially the same as that described in detail by Hurley et al. (2002), 
withh some small later modifications. We mention here only those changes that affect RLOF in 
massivee binaries, because they are relevant for the present application. First, the factor F (Mi) 
(eq.. 59 in Hurley et al. (2002)) that enters into the RLOF mass transfer rate is increased by 
aa factor 100. This leads to more realistic transfer rates for case B mass transfer in massive 
binariess and avoids over-filling the Roche lobe by a huge factor. Second, in case of non-
conservativee RLOF we assume that the mass lost from the binary system takes away the 
specificc orbital angular momentum of the accretor rather than that of the donor. 

Withh these assumptions for RLOF, we find that in binaries with initial primary mass 
M\M\ > 8 M 0, case B mass transfer is conservative for initial mass ratios q = M2/M1 > 0.6 and 
non-conservativee for smaller q. The amount of mass lost from the system rapidly increases 
withh decreasing q, and almost all transferred matter is lost for q < 0.3. Hence, the code 
givess a behaviour of RLOF quite similar to the (much simpler) model for the formation of 
Bee binaries by Pols et al. (1991). On the other hand, Wellstein et al. (2001) found from 
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evolutionaryy calculations that binaries with M\ = 12 M 0 evolve into contact if the initial 
periodd is larger than about 10 to 30 days, depending on q. Evolution through a contact phase 
(whichh was not followed in their calculations) is likely to result in loss of mass and angular 
momentumm from the binary. This would affect the wider systems, and probably result in 
fewerr Be/X-ray binaries in long-period binaries than we find from our model. More binary 
evolutionn calculations are necessary to quantify this effect, which is beyond the scope of our 
paperr to investigate. 

AA final important and uncertain ingredient in the formation of a Be/X-ray binary is the 
kickk velocity imparted at neutron-star birth. The BSE code uses as default a kick velocity 
drawnn from a Maxwellian distribution with CTV = 190 km s_ l , consistent with the observed 
pulsarr proper motions (Hansen & Phinney 1997). However, there are indications that at least 
inn a subset of 5 or 6 Be/X-ray binaries with small eccentricities (e < 0.2), the kick velocity 
mustt have been much smaller, < 50 km s_1 (Pfahl et al. 2002). These comprise about 30 
perr cent of the systems with well-determined orbital parameters. Such a small or absent kick 
wouldd leave even very wide systems bound, whereas most wide binaries will be disrupted 
withh a Hansen & Phinney kick velocity distribution. This therefore has a crucial effect on 
thee formation of DNS. In order to investigate this, we evolved two populations: one with 
<7VV = 190 km s"1 (Model 1) and one with av = 0, i.e. symmetric SN explosions (Model 2). 

Thee binary population synthesis is performed using the method and initial distribution 
functionss and normalizations described in Sect. 4.1 of Hurley et al. (2002). We use a uniform 
distributionn of initial mass ratios (eq. 99 of Hurley et al. (2002)). The initial eccentricity 
iss assumed to be zero since all systems that produce Be/X-ray binaries will be circularized 
beforee RLOE Our initial binary parameter grid is restricted with respect to that of Hurley 
ett al. (2002) because we are only interested in systems that can produce Be/X-ray binaries. 
Wee take 100 grid points spaced logarithmically in each dimension M\,Mi and separation a, 
withinn the limits M\ 6 [8.0,20.0] M 0, M2 € [2.OM0,Mj ] and a E [20,2500] R0. Hence 106 

binariess are evolved in each simulation. 
Ourr criterion to tag a system as a Be/X-ray binary is that the primary has become a 

neutronn star without disrupting the system, while the secondary is still on the main sequence 
afterr having accreted at least 10 per cent of its initial mass during the RLOF stage. Such an 
amountt of accretion is sufficient to spin up a star close to break-up velocity (Packet 1981), 
andd therefore should be sufficient to produce a Be star. 

5.3.22 Common envelope evolution 
Thee Be/X-ray binaries resulting from the simulations discussed in the previous section are 
rebinnedd on a 100 x 100 grid in MBe, the mass of the Be star, and P, the orbital period 
afterr the system has been re-circularized before filling  its Roche lobe and undergoing a CE 
phase.. The grid is spaced logarithmically, with MBe e [8,20] M 0 and P € [15,3000]d (wider 
binariess do not interact and therefore cannot be the progenitors of close DNSs). This provides 
aa birth rate in each grid cell, for each of the Models 1 and 2 discussed. This procedure allows 
uss to do independent simulations of the subsequent evolution on the re-defined grid, testing 
differentt assumptions. We subsequently convolve the results with the birth rates obtained 
fromm Models 1 and 2 in Sect. 5.4.1. 
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Tablee 5.1. The assumptions used for the CE evolution calculations in our population synthesis study. 
rjcEE is taken to be 1, while the X value depends on the core mass boundary criterion and on the fraction 
off  internal binding energy of the envelope used to unbind the envelope. In the cases where the nuclear 
andd accretion luminosity is taken into account, the CE timescale, 5/cEi is used as a free parameter, see 
text. . 

Modell  Envelope btcE 
bindingg energy (yr) 

A A 
B B 
C C 
D D 
E E 

A,grav v 

^bind d 

22 ^-bind 

^-bind d 

A'bind d 

0 0 
0 0 
0 0 
102 2 

103 3 

Too determine the outcome of the CE phase we used the Webbink (1984) formula (eq. 2.4). 
Thee CE efficiency rjCE is taken to be 1, while the X values are derived as in Chapter 2. It has 
beenn shown that the value of X depends crucially on the choice of the method to determine 
thee core mass. Using the mass inside the layer that contains less than 10 per cent hydrogen 
ass the core mass yields a minimum core mass and X value, and therefore a minimum final 
separation.. By adopting core mass criteria other than the 10 per cent hydrogen abundance 
method,, we obtain a larger core mass and a smaller binding energy (higher X value) which 
resultss in a larger final separation. The maximum core mass and X value is obtained if we take 
thee base of the convective envelope as the core mass, where the entropy profile is fiat. This 
criterion,, however, is applicable only if the star has developed a deep convective envelope 
(i.e.. stars on the red giant branch). Therefore this method cannot be used in our population 
synthesiss study which includes RLOF and a CE phase during all stages of stellar evolution. 
Inn all our CE models, we therefore applied the 10 per cent hydrogen abundance criterion to 
obtainn the core mass. 

Thee X value also depends on the fraction of the internal energy used to unbind the envelope 
(thee parameter ath in eq. 2.6). Taking only the gravitational binding energy of the envelope, 
£envv = £grav, as the energy that has to be supplied by the orbital decay, results in a smaller 
finall  separation than adopting the total internal binding energy, Zsenv = b̂ind*  which is smaller. 
Wee applied the X value derived from £grav (i.e. X = Xgraw) and from Ebmd (i.e. X = Xbind) in 
Modell  A and Model B, respectively. Since f'bind « ^EgTav, b̂ind ^ 2A,grav. 

Too study the effect of the uncertainties in the core mass boundary, to which the envelope 
bindingg energy is very sensitive, we adopted in Model C half of the binding energy for the 
casee of the 10 per cent hydrogen abundance criterion, i.e. X = 2x X,bind- Although in practice 
thiss is the same as using a CE efficiency T\CE = 2, this is not what we assumed here. Our 
purposee is to simulate a larger final separation as caused by a larger X value than that derived 
fromm the 10 per cent hydrogen criterion. 
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Duringg the CE phase, the stellar nuclear luminosity and the accretion luminosity gener-
atedd by the compact object are potentially an additional energy source to unbind the envelope. 
Wee add this luminous energy E\um to the change of orbital energy AEorb, such that the energy 
balancee equation of the CE phase (eq. 2.3) becomes 

EemEem = 11CE(A£orb +^ lum) (5-1) 

wheree E\um — (Laccr + Lnuc)8'cE- ^accr is assumed to be equal to the Eddington accretion 
luminosity.. The importance of the contribution of the luminous energy to the total energy 
usedd to unbind the envelope depends on the timescale of CE evolution, 5fcE> which is uncer-
tain.. We used this timescale as a free parameter in Model D and Model E, in combination 
withh A, = Abind, while T|CE remains 1. The contribution is switched off in the other models by 
settingg btcE = 0. The various CE evolution models we applied in this work are summarized 
inn Table 5.1. 

5.3.33 The evolution of helium star-neutron star  binaries 
Thee outcome of the CE phase are HeS-NS binaries in a close orbit. We have done an extensive 
studyy of the evolution of HeS-NS binaries for a wide range of helium star masses and orbital 
periodss in Chapters 3 and 4. To summarize our previous results, we plotted in Fig. 5.1 the 
initiall  and final (post-RLOF) parameters of the calculated systems, according to the type of 
remnantss that the helium star produces. 

Thee core masses and final separations obtained from the CE phase in Sect. 5.3.2 are 
takenn as the input parameters for the HeS-NS binary evolution. These parameters are in-
terpolatedd (or, in some cases, extrapolated) between the input parameters of our HeS-NS 
binaryy calculations in Tables 3.2 - 3.4 and 4.1 to find the type of remnant and the post-
RLOFF parameters of the systems. We put aside the systems in which the helium star pro-
ducess a white dwarf as we are interested to study the formation of DNSs. Systems with 
heliumm stars 2.65 < M H e/M 0 < 3.3, P{ > 0?07 and 3.3 < A/He/M 0 < 3.9, 0?07 < Pi < 0?27 
undergoo a second CE phase. If the initial HeS-NS binary parameters fall in this range of 
masss and period, we interpolate these parameters in the results of Table 4.2 to obtain the 
post-(second)CEE parameters of the systems. Finally, for each simulated system which can 
producee a DNS we apply an asymmetric supernova kick with a Maxwellian distribution with 
dispersionn ov = 190 km s_1 (Hansen & Phinney 1997) to the post-RLOF or post-CE param-
eterss to find the probability distribution of post-SN separation and eccentricity. The resulting 
DNSS undergoes orbital decay due to gravitational-wave radiation. The merger timescale of 
thee DNS is calculated by means of eqs. (4.7) and (4.8). As the orbital periods of the HeS-NS 
binariess are short, these kicks in general do not unbind these binaries (contrary to the case of 
formingg the progenitor Be/X-ray binaries). 
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Figuree 5.1. The initial and post-RLOF parameters of helium star- neutron star binaries, distinguished 
byy the type of remnants which the helium star produces: x for CO white dwarfs, * for ONeMg white 
dwarfs,, o for helium stars which go through a second CE phase, and  for helium stars which do not 
experiencee a second CE phase: the two latter cases produce neutron stars. In the top panel, the lower 
linee marks the minimum period related to the radius of the zero-age helium-star main sequence, while 
thee upper line (and also the line in the bottom panel) gives the maximum period that a helium star can 
havee to experience a mass-transfer phase. Above the upper line, a helium star evolves without filling  its 
Rochee lobe. The shaded area marks the region where mass transfer is dynamically unstable. The dotted 
liness in the upper panel deliniate the regions which produce the four types of remnant. 
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Figur ee 5.2. Distribution (in terms of birth rate, left, and number,right) of the main-sequence star mass 
inn Be/X-ray binaries, resulting from binary population synthesis. The solid curve is for the simulation 
withh ov = 190 kms- 1 (Model 1), and the dashed curve is for the simulation with rjv = 0 kms~' 
(Modell  2). The zero-kick results have been multiplied by a factor of 0.06; the actual birth rate for 
Gvv = 0 is more than 10 times higher than that for Ov = 190 km s (see text). The vertical dotted lines 
indicatee masses of 8 and 20 M©. 

5.44 Results 

Wee first present the results of the population synthesis study of the formation of Be/X-ray 
binaries,, which gives the theoretical mass and period distributions and the birth rate of Be/X-
rayy binaries. This birth rate is used to find the birth rate, merger rate, and expected number of 
DNSs.. Before discussing the formation of DNSs, we investigate which part of the parameter 
spacee (of mass and period) of Be/X-ray binaries contains the possible progenitors of DNS, 
usingg several CE models as described in Sect. 5.3.2. 

5.4.11 The formation of Be/X-ray binaries 

Thee results of the BSE population synthesis calculations are shown in Figs. 5.2 and 5.3, in 
thee form of the resulting distributions of masses, orbital periods and eccentricities of Be/X-
rayy binaries. The most important point to note is that in Model 1, with ov = 190 k m s- 1 , 
thee overall birthrate of Be/X-ray binaries is more than a factor 10 smaller than in Model 2, 
withh symmetric explosions. More than 90 per cent of potential systems is disrupted by the 
supernovaa explosion in Model 1. In the figures, the distributions for Model 2 have been 
multipliedd by a factor of 0.06 to allow easier comparison (also see below). 

Fig.. 5.2 indicates that in both simulations, most Be/X-ray binaries are born with a B-star 
masss between 15 and 30 M Q, peaking at about 20 M Q. Observed Be/X-ray binaries have 
specüall  types between Bz. ipiyiugg masses uciwccn o aiiu z.u JVIQ (i i iuicaieu oy 
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Figuree 5.3. Orbital period and eccentricity distributions of Be/X-ray binaries, resulting from binary 
populationn synthesis. The solid curves are for the simulation with o, = 190 km s~' (Model 1), and 
thee dashed curves are for the simulation with a,. = 0 km s~' (Model 2). Only the systems with a Be-
starr mass between 8 and 20 MQ are included. Furthermore, in the right-hand panel only systems with 
Porbb < 270d are included, corresponding to those Be/X-ray binaries for which the orbital parameters 
havee been determined observationally. The zero-kick results have been multiplied by a factor of 0.06 
withh respect to the G, = 190 km s results. Such a scaling gives approximately the right proportion 
off  nearly circular and eccentric Be/X-ray binaries (see text). The dotted curve in the left-hand panel 
showss the Porb distribution for c,. = 190 km s"' after the orbit has been circularized, i.e. when the Be 
starr is close to filling  its Roche lobe. The corresponding distribution for o, = 0 is nearly identical to the 
dashedd curve, because the orbits are already nearly circular. 

dottedd lines). A considerable fraction of systems is born outside this mass range. Since the 
lifetimee increases strongly with decreasing mass, this implies a very large number of Be/X-
rayy binaries with spectral type later than B2 (right-hand panel), clearly inconsistent with the 
observations.. We note that all systems with MBC < 8 M Q have undergone non-conservative 
masss transfer, and although by our criterion they should have accreted enough to rotate very 
rapidly,, perhaps they do not show up as Be stars. This inconsistency implies that either our 
criterionn for the amount of mass accretion necessary for producing a rapidly rotating Be star 
iss incorrect, or our model for non-conservative mass transfer is in error. In the first case, the 
largee number of systems we predict may exist but may not show up as Be stars but as ordinary 
BB stars with a neutron-star companion, and thus would not be detectable as X-ray sources. 
Iff  we alter our criterion, e.g., to tag the secondaries that accrete more than 50 per cent of 
theirr initial mass (rather than 10 per cent) as Be stars, then we find a lower mass cut-off 
aroundd 8 M 0 , while the distribution of systems with M^e > 8 M 0 is hardly affected. In the 
secondd case, it may be that systems that evolve non-conservatively lose much more angular 
momentumm than we have assumed. In that case all systems with Mse < 8 M 0 would either 
mergee during mass transfer, or end up in very close binary orbits such that their rotation is 
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slowedd down by tidal forces. On the other hand, systems with MBe > 8 M 0 (which include the 
progenitorss of DNS) have come from larger initial mass ratios and have experienced mostly 
conservativee mass transfer, so that we expect our results for these systems to be more robust. 
Systemss with A/ee > 20 M 0 live relatively short and their implied number is modest, but we 
wouldd expect to observe some. We note that such stars have strong O-star winds on the main 
sequence,, which may slow down their rotation enough to prevent them from showing up as 
Oee stars. The O-star wind might be accreted by the neutron star, but with an orbital period of 
~~ 100d, the resulting X-ray emission barely exceeds the intrinsic X-ray emission from O stars 
(Lx/Lboii  ~ 10~7). Also with such a long period, only systems which are relatively close by 
cann be observed due to the selection effect. In what follows, we only consider systems with 
88 < MBÊ < 20 M 0. It turns out (see Sect. 5.4.2) that systems outside this mass range are very 
unlikelyy to be progenitors of close DNS binaries. However, we note that the corresponding 
systemssystems (main-sequence plus neutron star binaries in relatively wide orbits) may well exist 
outsidee this mass range, but would not be seen as X-ray sources in the absence of the Be 
phenomenon. . 

Inn Fig. 5.3 the orbital period and eccentricity distributions are shown for systems in the 
masss range 8 to 20 M 0. The period distribution for Model 1 (av = 190 km s- 1) has a broad 
peakk around 30d, and a slowly decreasing tail out to very long periods. The eccentricity 
distributionn increases towards unity, very few systems have e < 0.2. Both effects are caused 
byy the supernova kick. In contrast, the period distribution for Model 2 is flat between 25d and 
300d.. The distinct peak at 1000d results from relatively low-mass progenitors (initial primary 
masss Mi < 10.6 M 0), we will discuss this in the next paragraph. Excluding these progenitors, 
thee period distribution would continue flat out to about 2000d. Such a flat distribution can 
bee understood from the facts that the initial period distribution is flat, that the masses after 
RLOFF are mostly independent of orbital period, and that no systems are disrupted by the 
supernova.. The eccentricities in Model 2 are small, mostly e < 0.2, because they are purely 
duee to supernova mass loss effects. Since the exploding helium star is much less massive than 
thee Be star, only a small eccentricity is induced by the supernova. 

Wee now discuss the cause of the peak in the P distribution at about 103 days. The under-
lyingg (flat) P distribution is produced by stars of initial mass M\ > 11 M 0, that form a helium 
starr more massive than 2.5 M 0 which produces a neutron star regardless of the orbital period, 
withoutt further RLOF. The helium star produced from less massive stars forms a degenerate 
ONeMgg core, and the star re-expands greatly and initiates a second RLOF phase (case BB). 
Thee amount of mass transferred is larger the smaller the orbital period. For small initial pe-
riodsriods the remnant will always be a white dwarf, but for large initial periods the ONeMg core 
cann grow so much that it is able to undergo collapse due to electron captures. Hence, of the 
systemss with 8.3 < M\ / M 0 < 10.6 only those with long orbital periods are able to produce a 
Be/X-rayy binary. Owing to the initial mass function, they are relatively abundant in Model 2 
(aboutt 20 per cent of the birth rate of Be/X-ray binaries), even though only a small period 
rangee contributes. In Model 1, most of these wide binaries are disrupted and they do not 
contributee significantly to the Be/X-ray binary population. 

Wee emphasize that neither Model 1 nor Model 2 is in good accordance with the observed 
populationn of Be-X/ray binaries. It is very hard to compare the synthetic period distributions 
too observations, because there are strong selection effects against detecting systems with 
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longg periods and nothing is known about the distribution at P > 260d. However, we do have 
somee idea about the eccentricity distribution. From our simulations we find that eccentricities 
andd orbital periods are hardly correlated, so we can compare the distributions independently. 
Inn the right-hand panel of Fig. 5.3 we show the predicted e distribution of systems with 
Porbb < 270d, which can be compared to that of the Be/X-ray binaries with measured orbital 
parameters,, all of which have Porb < 262d. Of these, about 30 per cent have nearly circular 
orbitss (e < 0.2, Pfahl et al. 2002). We noticed already that Model 1 results in far too few low-e 
systems,, while Model 2 produces no high-? systems at all. However, if we mix the results of 
thee two models in the proportion 0.94 to 0.O6 - in other words if we assume that 6 per cent of 
alll  progenitor systems have symmetric supernova explosions, while the other 94 per cent get 
aa kick according to a Maxwellian distribution with <jv = 190 km s~l - then we end up with 
thee right proportion of about 30 per cent Be/X-ray binaries with e < 0.2. We propose this as 
aa viable model that explains the observed properties of Be/X-ray binaries, and we use it in 
thee next sections. We designate this as Model 3. However, it is certainly not the only possible 
model.. For example, a non-Maxwellian distribution with a substantial low-velocity tail (e.g. 
Paczyriskii  1990) might also explain observations. Also, by randomly mixing two populations 
wee ignore the possible physical cause for a subpopulation that receives a much smaller kick 
(seee Pfahl et al. 2002). 

Finallyy we can compare the total number of Be/X-ray binaries in the Galaxy implied by 
ourr models. Model 1 yields 1 280 Be/X-ray binaries (with 8 < MBe < 20 M 0), Model 2 results 
inn 14 700, and the combined Model 3 yields 2 080. The numbers are about 30 per cent larger 
iff  all Mfie > 8 M 0 are included. Given the few thousand that we expect from extrapolating 
thee observational sample (Sect.5.2), these numbers are entirely reasonable, although Model 2 
probablyy overproduces Be/X-ray binaries. 

5.4.22 The Be/X-ray binary progenitors of double neutron stars 

Inn our study of the evolution of HeS-NS binaries (Chapters 3 and 4), we were able to find the 
rangee of orbital parameters of the immediate progenitors of DNSs. The orbital parameters of 
thee Be/X-ray binary progenitors of these DNSs depend on the assumed CE model. 

Usingg the method described in Sect. 5.3.3 we see whether the helium star resulting from 
thee CE phase will produce a CO white dwarf, an ONeMg white dwarf, or a neutron star. 
Thosee which result in neutron stars are divided into three types, i.e. (i) systems which undergo 
RLOFF and experience the second CE phase, (ii) systems which go through RLOF but without 
aa second CE phase, and (iii ) systems which avoid RLOF altogether. We distinguish these 
remnantss in the parameter space of mass and circularized orbital period of Be/X-ray binaries 
inn Fig. 5.4 for the five different CE models discussed in Sect. 5.3.2. 

Thee post-CE separation obtained by adopting solely the gravitational binding energy for 
thee binding energy of the envelope is the minimum possible separation. If we apply this 
bindingg energy, most of the systems will merge in the CE phase (see the small dots in panel 
(a)(a) of Fig. 5.4 which represents Model A). In this case, only systems with initial period 
>> 1000d, i.e. the remnants of case C mass transfer, survive the CE phase. Among these 
systems,, DNSs can be produced from MBe > 9.2 M©. We consider this mass as the threshold 
masss for neutron star formation from case C mass transfer. The post-CE separations are 
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Figur ee 5.4. The remnants of the Be/X-ray binaries as a function of their initial parameters. The 
outcomee of the CE phase in the Be/X-ray binaries is determined by the X parameter which is taken 
inn the subsequent panels to be (a) ^grav, derived from gravitational binding energy alone, (b) A.bi„d< 
derivedd from the total binding energy of the envelope, (c) 2>.bind, (d) Xbind, with additional energy 
fromm the luminous energy assuming a 8;CE = 100 yr, and (e) same as in (d) with 8?CE = 1000 yr. For 
eachh model, the systems which produce a merger in the CE phase are marked with small dots. In all 
thee panels, only systems with initial orbital period Porb > 63d are presented, as systems with shorter 
orbitall  period all merge in the CE phase. The survivors of the CE phase are divided into five regions 
dependingg on the type of the remnant of the helium star-neutron star binaries (which are the descendants 
off  the Be/X-ray binaries), i.e. x for systems which produce CO white dwarf-neutron star binaries, * 
forr ONeMg white dwarf-neutron star binaries, o for systems which result in DNSs through a CE phase 
fromm the helium star,  for DNSs which are produced through RLOF from the helium star but without 
aa CE phase, and + for DNSs which are produced without RLOF from the helium star. 
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soo small that almost all the DNSs are produced through an interaction stage in the HeS-NS 
binaries. . 

Thee inclusion of the internal energy in the binding energy of the envelope (Model B) 
resultss in a larger post-CE separation. With this model, the initial parameter space of the DNS 
progenitorss is enlarged by bringing the minimum initial period of the Be-progenitor binaries 
downn to ~ 400d - 500d. However, in this case only systems with Mse ~ 11.3 - 13.2 M 0 

cann produce DNSs from binaries with such a period (see panel (b) of Fig. 5.4). Systems 
withh Be stars less massive than 11.3 M0 with the same orbital period undergo a case B mass 
transferr and survive the CE phase, but the core masses are too low to produce neutron stars. 
Therefore,, we take this mass as the threshold mass for neutron star formation from case B 
masss transfer. Fig. 5.4 shows that the remnants of case B mass transfer from stars more 
massivee than ~ 13.2 M 0 do not survive the CE phase. 

Inn Model C (panel (c) of Fig. 5.4), where we simulate the effect of a somewhat larger core 
masss and smaller binding energy by using 2?it,inci, the minimum period to produce a DNS is 
~~ 200d. This brings it just within the range of observed periods of Be/X-ray binaries. Another 
wayy of allowing relatively short initial periods to produce a DNS is to include the luminous 
energyy of the accreting neutron star and of the star itself to unbind the envelope as an energy 
source.. The effect of taking into account this additional energy is negligible if the CE phase 
lastss only for 10 yr. Using 8fcE = 100 yr (Model D), the main effect is to widen the parameter 
spacee of systems which produce DNS without interaction in the HeS-NS binaries (panel (d) 
off  Fig. 5.4), but the total parameter space of the Be/X-ray binary progenitors itself is similar 
too Model B. The parameter space widens significantly if we apply 5^CE = 1000 yr (panel (e) 
off  Fig. 5.4, Model E). This timescale is shorter than the thermal timescale of the donor, which 
iss at least ~ 4000 yr for a 20 M 0 on the giant stage of evolution and longer in previous stages 
orr in lower mass stars. We realize that the exact timescale of the CE phase is not known, 
andd therefore Models D and E perhaps do not give a realistic approach, but nevertheless they 
cann give an approximate idea of how important the contribution of the luminous energy is in 
determiningg the outcome of the CE phase. 

Wee have shown in Fig. 5.2 that our models produce a considerable amount of systems 
withh A/Be < 8 M 0 and M^e > 20 MQ. Since the threshold mass for neutron star formation is 
11.33 and 9.2 MQ for the remnant of case B and C mass transfer, respectively, systems with 
A/Bee < 8 M© will not produce DNS. In the five panels of Fig. 5.4, the border between systems 
whichh merge and those that survive the CE phase from A/Be > 13 M 0 is basically the limiting 
periodd between case B and case C mass transfer. This means that only the remnants of case 
CC mass transfer survive the CE phase. The range of initial orbital period for case C decreases 
withh increasing mass, and there are no systems with M  ̂ > 20 M 0 that survive the CE phase 
inn the BSE models we assume. Therefore, the present models predict that Be/X-ray binaries 
withh Mee > 20 M 0 are not possible as progenitors of DNS. 

5.4.33 The formation of double neutron stars 

Forr each of the possible DNS progenitors obtained in Sect. 5.4.2, we apply an asymmetric 
supernovaa kick distribution with ov = 190 kms- 1 . From the post-SN parameters of the 
DNSss we calculate the merger timescales tm, and by convolving these with the birth rate 
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distributionn of Be/X-ray binaries obtained in Sect. 5.4.1, we determine the birth rate of DNSs 
ass a function of the merger timescale g{im). The total birth rate is the integral of this function 
overr xm. In order to study the dependence of the formation rate of DNS systems on model 
assumptions,, we combine different models for the supernova kick during the birth of the first 
SNN (i.e. Models 1, 2 and 3, from Sect. 5.4.1) with the different CE models (Models A, B, C, 
D,, and E from Sect. 5.4.2), in the way described in Sect. 5.3. We also looked at the birth rate 
thatt is obtained by taking into account only M\ > 10.6 M 0 (see discussion in Sect. 5.4.1), in 
orderr to investigate the importance of the lower-mass progenitors (designated as Models 2a 
andd 3a). 

Tablee 5.2. The galactic birth rate and merger rate per 1 Myr and the expected observable number of 
DNSss produced from Be/X-ray binaries through the standard evolutionary scenario. We divide these 
resultss according to the evolution of the helium star-neutron star binaries, i.e. for systems (i) which 
undergoo RLOF and go through a second CE phase, (ii) which experience RLOF without a second CE 
phase,, and (iii ) which evolve without a mass-transfer phase. The letters A,..., E correspond to the CE 
modelss in Table 5.1. Numbers 1, 3, and 3a represent, respectively, Model 1 (with av = 190 km s_1), 
Modell  3 including all M\, and Model 3 taking into account only M\ > 10.6 M©, see text. 

Model l 

Al l 
Bl l 
CI I 
Dl l 
El l 

A3 3 
B3 3 
C3 3 
D3 3 
E3 3 

A3a a 
B3a a 
C3a a 
D3a a 
E3a a 

Birthh rate (Myr 

RLOF F 
withh CE 

0.13 3 
0.55 5 
1.01 1 
0.67 7 
0.52 2 

0.75 5 
3.59 9 
5.03 3 
3.52 2 
1.38 8 

0.72 2 
2.14 4 
3.44 4 
2.29 9 
1.27 7 

RLOF F 
withoutt CE 

0.42 2 
0.26 6 
0.10 0 
0.16 6 
0.57 7 

4.39 9 
3.22 2 
1.06 6 
1.63 3 
3.18 8 

1.63 3 
0.92 2 
0.39 9 
0.50 0 
1.82 2 

-1) ) 

without t 
RLOF F 

0.07 7 
0.18 8 
0.28 8 
0.13 3 
0.06 6 

0.49 9 
1.34 4 
2.87 7 
1.42 2 
0.44 4 

0.36 6 
0.80 0 
1.08 8 
0.50 0 
0.16 6 

total l 

0.63 3 
0.99 9 
1.39 9 
0.96 6 
1.15 5 

5.63 3 
8.15 5 
8.96 6 
6.58 8 
5.00 0 

2.71 1 
3.86 6 
4.90 0 
3.29 9 
3.24 4 

(continuedon(continuedon the next page) 
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Tablee 5.2 (continuation from previous page) 

Mergerr rate (Myr ') 

Model l 

Al l 
Bl l 
CI I 
Dl l 
El l 

A3 3 
B3 3 
C3 3 
D3 3 
E3 3 

A3a a 
B3a a 
C3a a 
D3a a 
E3a a 

RLOF F 
withh CE 

0.13 3 
0.55 5 
1.01 1 
0.67 7 
0.52 2 

0.75 5 
3.59 9 
5.02 2 
3.52 2 
1.38 8 

0.72 2 
2.14 4 
3.42 2 
2.29 9 
1.26 6 

RLOF F 
withoutt CE 

0.26 6 
0.11 1 
0.06 6 
0.08 8 
0.44 4 

2.96 6 
1.43 3 
0.64 4 
0.72 2 
2.36 6 

0.95 5 
0.38 8 
0.22 2 
0.25 5 
1.42 2 

without t 
RLOF F 

0.01 1 
0.02 2 
0.03 3 
0.01 1 
0.00 0 

0.08 8 
0.18 8 
0.35 5 
0.17 7 
0.05 5 

0.06 6 
0.10 0 
0.10 0 
0.05 5 
0.01 1 

total l 

0.40 0 
0.68 8 
1.10 0 
0.76 6 
0.96 6 

3.79 9 
5.20 0 
6.02 2 
4.41 1 
3.78 8 

1.72 2 
2.62 2 
3.71 1 
2.60 0 
2.70 0 

Observablee number 

Model l RLOF F 
withh CE 

RLOF F 
withoutt CE 

without t 
RLOF F 

total l 

Al l 
Bl l 
CI I 
Dl l 
El l 

A3 3 
B3 3 
C3 3 
D3 3 
E3 3 

A3a a 
B3a a 
C3a a 
D3a a 
E3a a 

1.8 7 7 
0.4 8 8 
5.4 8 8 
5.5 7 7 
6.4 2 2 

4.7 5 5 
12.4 1 1 

109.8 0 0 
21.7 0 0 
16.1 6 6 

4.7 4 4 
12.0 7 7 

109.4 0 0 
21.3 6 6 
16.1 4 4 

1295. 0 0 
1152. 0 0 
340. 9 9 
615. 6 6 

1104. 0 0 

11550. 0 0 
13830. 0 0 
3195. 0 0 
6989. 0 0 
6809. 0 0 

5383. 0 0 
4098. 0 0 
1284. 0 0 
1868. 0 0 
3313. 0 0 

451. 3 3 
1131. 0 0 
1803. 0 0 
841. 0 0 
369. 4 4 

3033. 0 0 
8484. 0 0 

18370. 0 0 
9121. 0 0 
2858. 0 0 

1748. 0 0 
2283. 0 0 
2149. 0 0 
1462. 0 0 
1479. 0 0 

14580. 0 0 
22320. 0 0 
21670. 0 0 
16130. 0 0 
9683. 0 0 

2223. 00 7611. 0 
5119. 00 9229. 0 
7120. 00 8513. 0 
3277. 00 5166. 0 
1029. 00 4358. 0 
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AA DNS contributes to the merger rate if its merger timescale, xm, is less than the time 
sincee its formation. The merger rate is calculated by assuming that only a fraction of systems 
withh a certain merger timescale will actually merge. This fraction is given by 

/mergerr = 1 — — (5.2) 

iff  the star formation rate has been constant during the age of the Galaxy, TG, which we assume 
too be 1010 yr. The merger rate is then given by 

MR=MR= g (Tm) /merger dXm (5.3) 
JO JO 

AA pulsar is observable as long as it has not crossed the death line in the pulse period-
magneticc field diagram. This critical line corresponds to B\o/P2 ~ 20 (Bhattacharya & van 
denn Heuvel 1991), where B ] 0 is B/1010 G. Using the magneticc field B ^ 3.2 x 10]9(PP)1^2 G, 
wee derive the maximum lifetime of a pulsar as 

Xmaxx = 8.0 x 109/fii o yr (5-4) 

assumingg a constant magnetic field. The observed binary pulsars have magnetic fields of 
thee order of 1010 G (except Jl518+4904 with B = 109 G), and therefore we applied Tmax = 
8.00 x 109 yr, i.e. essentially they live for almost a Hubble time. To calculate the expected 
observablee number of DNS pulsars in the Galaxy, we assume that a pulsar is observable until 
itt crosses the death line or until it merges, whichever takes place first, such that 

Nobss = / g ( tm) min(Xm,Xmax) m̂ (5- 5) 
JO JO 

Wee have so far observed 4 galactic DNSs out of around 1 500 pulsars, which means that 
aboutt 0.3 per cent of the existing pulsars are the components of DNSs. To obtain an order-of-
magnitudemagnitude estimate of the total number of radio pulsars in the Galaxy, we assume the birth 
ratee of pulsars is 10_2yr_1 and their lifetime is 107 yr. Hence, we expect about 105 pulsars 
inn the Galaxy and about 300 of them are DNSs. 

Thee resulting birth rate, merger rate, and expected observable number of the DNSs are 
presentedd in Table 5.2. Except in Model A, the merger rate is dominated by HeS-NS binaries 
whichh go through a second CE phase. However, the merger timescale of these systems is 
veryy short such that their contribution to the observed number of DNS is negligible. Systems 
whichh evolve without a second CE phase (both with or without RLOF) contribute less than 
halff  of the merger rate. However, due to their long merger timescales, the observable numbers 
aree dominated by these systems. 

Ourr lack of understanding of CE evolution during the first phase of mass transfer is usu-
allyy considered as one of the main sources of uncertainties in deriving a merger rate from the 
evolutionaryy point of view (e.g. Kalogera & Lorimer 2000). We find that applying different 
modelss of CE evolution gives surprisingly similar merger rates for each model, although there 
iss a tendency that Model A gives the lowest merger rate while Model C provides the highest 
rate.. This can be understood as Model A results in a narrow parameter space of systems 
whichh survive the first CE phase, while Model C provides a larger parameter space of the 
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DNSS progenitors. Model E gives a comparable initial parameter space to Model C, but most 
off  the survivors of the first CE phase in Model E have wide orbits such that they tend to be 
disruptedd in the second SN explosion. Our calculations show that the treatment of the kick 
velocityy imparted at the birth of the first neutron star is important to determine the merger 
ratee and the expected numbers. Model 1 (GV = 190 kins"1) gives a relatively low merger 
rate,, 0.4 - 1.3Myr_1 while Model 2 (o„  = 0) provides a very high rate, 60 — 80Myr_1, and 
excessivelyy high observable numbers, 140000 DNSs in Model E2, which is not consistent 
withh observations. Therefore, Model 2 can neither explain the observed high-eccentricity 
Be/X-rayy binaries, nor the observed number of DNSs, and hence will not be considered in 
ourr results. Including all M\ in Model 3 yields larger merger rates than taking into account 
onlyy M\ > 10.6 M© (Model 3a). This shows that progenitors with M\ < 10.6 M 0 receiving 
aa small or no kick make an important contribution to the merger rate and number of DNS. 
Thiss can be understood from the fact that these systems end up in Be/X-ray binaries with 
Port,, ~ 1000d (Sect. 5.4.1) which is just in the range of periods that produces DNSs (Fig. 5.4). 
Forr a comparison between various CE models, Fig. 5.4.3 shows the difference in the birth 
andd merger rates and the expected observable number of DNSs. 

5.55.5 Discussion 

Thee merger rate obtained from this work ranges from 0.4 — 6.5 x 10-6yr~'. This rate is 
muchh lower than that previously derived from evolutionary population synthesis studies (e.g. 
Tutukovv & Yungelon 1993; Portegies Zwart & Spreeuw 1996; Lipunov et al. 1997; Portegies 
Zwartt & Yungelson 1998), lower than most of the models in the work of Belczynski et al. 
(2002b)) which involved many different kinds of evolutionary scenarios, and also lower than 
thee merger rate found by Ivanova et al. (2002) who computed the detailed evolution of helium 
stars.. However, our merger rates are in the range of merger rate inferred from the observed 
samplee of DNSs by Kalogera et al. (2001), i.e. 10~6 — 5 x 10~4yr_I after taking into ac-
countt the beaming factor and "faint pulsar" corrections. Concerning the expected observable 
numberr of DNSs, we find a higher number than inferred from the observations, i.e. between 
11 500 and 22 000. Our results are not necessarily an overestimate, since not all DNSs might 
bee detectable as pulsars either because they are too faint to be detected, the pulsar beam does 
nott intersect our line of sight, or the binary orbital period is too short such that the pulses are 
smearedd due to orbital acceleration (Kalogera et al. 2001). 

Anotherr aspect that needs to be considered in deriving the observable number of DNSs 
iss the recycling of a pulsar. A DNS which was produced from HeS-NS binaries which avoid 
RLOFF altogether is less likely to be recylced. The consequence is that their lifetimes are 
shorterr than those of the recycled pulsars, about 107 yr. By taking into account this con-
siderationn in the determination of the observable number, we obtain a considerably smaller 
number,, which is dominated by the number of systems which undergo RLOF without a sec-
ondd CE phase. 

Thee rates obtained from this study give an indication of the results of the standard scenario 
forr the formation of DNSs. There remain some uncertainties in determining the merger rate 
off  DNSs. The first mass-transfer phase might take place non-conservatively, involving loss 
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off  mass and angular momentum. This may affect the period distribution and the number of 
Be/X-rayy binaries, especially at larger periods which we find to be the progenitors of DNSs. 
Thee supernova kick at the birth of the first neutron star is also important to investigate. We 
havee considered one possible model, but other possibilities are still to be studied, e.g. differ-
entt forms of kick velocity distribution. Pfahl et al. (2002) proposed a model where relatively 
smalll  kicks are produced by rapidly rotating precollapse cores, which can be achieved if the 
envelopee of the neutron star progenitor is removed before it has become deeply convective. 
Investigationn of the effect of the kick velocity of the second supernova, which we did not per-
formm in this study, is also important although we expect a much smaller effect than from the 
firstt supernova because the orbit of the pre-(second) supernova is much more tightly bound. 
Thesee uncertainties need to be investigated before we are able to obtain a more definitive 
mergerr rate from evolutionary models, which we will leave for future studies. 

Observationss have shown that there are two separate classes of y-ray bursts (GRB), i.e. 
thee bursts of short duration (less than 2 s) and longer-duration bursts (Kouveliotou et al. 
1993).. Furthermore, all GRB afterglows are observed only from the long-duration bursts; 
andd they all located within their host galaxies. The large amount of energy emitted on a 
veryy short timescale suggests that GRBs are produced by two types of progenitors, i.e. the 
coree collapse of rapidly rotating massive stars, the collapsar model (Woosley 1993), or the 
mergerr of compact binaries, the merger model (Narayan, Paczynski, & Piran 1992; Kluzniak 
&&  Ruderman 1998). It has been suggested that the collapsar model produces bursts that 
havee a duration longer than a few seconds (MacFadyen & Woosley 1999), while the merger 
modell  can produce short-duration bursts (Janka et al. 1999) - which leads to a suggestion 
thatt long-duration bursts originate from the collapsar model while the short-duration bursts 
aree produced from the merger model. Paczynski (1998a) argued that collapsars take place 
closee to the star-forming regions. This coincides with the detection of the GRB afterglows, 
andd therefore supports the argument of collapsar model as the progenitors of long-duration 
burstss (see also Paczynski 1998b; Livio et al. 1998). On the other hand, compact binaries 
receivee a kick velocity at their formations and with merger timescales of the order of 108 yr, 
thiss implies that the mergers take place well outside the host galaxies (Fryer, Woosley, & 
Hartmannn 1999). However, Bloom, Sigurdsson, & Pols (1999) and Bulik, Belczynski, & 
Zbijewskii  (1999) found that only about 15 to 20 per cent of the mergers of compact binaries 
occurr outside the host galaxies. 

Thee merger rate of DNSs obtained in our calculations is dominated by systems which 
goo through a second CE phase. The merger-time seal e distribution peaks at ~ 105 yr (see 
Fig.. 5.4.3). This peak is roughly similar to the peak of merger-timescale distribution found 
byy Belczynski et al. (2002a), and is lower than Ivanova et al. (2002) who found a peak at 
~~ 2 — 12 x 106 yr. Note, however, that the merger-timescale distribution obtained in the 
twoo latter studies tails out and disappears at the merger timescale of 1010 yr, while we find 
ann increase in the distribution at such a merger timescale. The domination of short merger 
timescalee has an important consequence for the detection of gravitational-wave radiation, 
implyingg that most of the mergers take place inside their host galaxies. If the mergers of 
DNSS are thought to be the progenitors of the short-duration GRB, then they will be found 
withinn the host galaxies, as in the case of the long-duration GRBs. Belczynski et al. (2002a) 
alreadyy pointed this out and our results strongly support their conclusion. 
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5.66 Conclusions 
Wee have carried out a population synthesis study of the formation of DNSs from Be/X-ray 
binariess through the standard evolutionary scenario, which was separated into two parts, i.e. 
thee formation of Be/X-ray binaries, and the subsequent evolution of Be/X-ray binaries to 
becomee DNSs. In the first part of the study, we find a considerable fraction of Be/X-ray 
binariess are formed outside the observed mass range, 8 < M B e/M 0 < 20. If these systems 
exist,, they perhaps do not show the Be star phenomenon and hence are not observed as a 
Be/X-rayy binary. Furthermore, we find that they cannot serve as the progenitors of DNSs and 
thereforee we consider only the mass range 8 - 20 M© in our study. We applied two models 
forr the birth of the first neutron star: Model 1 uses the Hansen & Phinney (1997) distribution 
off  kick velocity, and Model 2 assumes a symmetric supernova explosion. We find that neither 
modell  can fully represent the observed population of Be/X-ray binaries. To incorporate the 
argumentt by Pfahl et al. (2002) that about 30 per cent of the observed Be/X-ray binaries 
weree formed with a small (or zero) kick velocity, we mix the results of the two models in the 
proportionn 0.94 to 0.06. 

Severall  CE models were adopted to investigate the outcome of the CE phase in the evo-
lutionn of Be/X-ray binaries. Although each CE model gives a different initial parameter 
spacee for the Be/X-ray binary progenitors of DNSs, they all yield quite similar merger rates 
off  the DNSs. We find that the birth rate and merger rate of DNSs are more sensitive to 
thee choice of kick velocity distribution than to the CE models. A birth rate in the range 
0.66 - 9.5 x 10_6yr~' and a merger rate in the range 0.4 - 6.5 x 10~6yr" ! are obtained, in 
agreementt with the rates obtained from the observed properties of currently known DNSs by 
Kalogeraa et al. (2001). We note that these rates are subject to further uncertainties in our 
model,, which we did not investigate. We find a high expected observable number of DNSs, 
butt this might not be an overestimate as there are many effects that can cause a pulsar to be 
undetectable. . 
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Summaryy and futur e work 

6.11 Summary 
InIn this thesis, a quantitative study is made of a number of aspects of the standard evolutionary 
scenarioo for the formation of double neutron star (DNS) systems from Be/X-ray binaries. 

Duee to the large mass ratio of the system, it is very likely that when the Be star in a 
Be/X-rayy binary expands, it wil l undergo a run-away mass transfer leading to the formation 
off  a common-envelope (CE) and spiral-in. In a CE formulation proposed by, e.g., Webbink 
(1984),, the binding energy of a star at the onset of a CE phase is important to determine 
thee outcome of the system, particularly the core mass and final separation, and whether the 
systemm survives the CE phase at all. This binding energy is expressed in a parameter X, and 
itit  is a common practice to use X as a constant in most literature (e.g. de Kool 1990). We have 
carriedd out a systematic study of the binding energy of the envelope of the donor stars with 
variouss masses (Chapter 2), and find that the parameter X depends very much on the stellar 
masss and on the evolutionary stage of a star. We also find that the post-CE parameters are 
sensitivee to the choice of the method to determine the core-mass boundary, and also to the 
fractionn of the internal binding energy involved in unbinding the envelope. In intermediate-
masss stars, the binding energy is relatively small, and we conclude that a small binding energy 
ratherr than a high CE efficiency TJCE is sufficient to explain the relatively long orbital periods 
observedd among binary millisecond pulsars. 

Thee outcome of the CE phase in a Be/X-ray binary is a binary system consisting of the 
heliumhelium core of the Be star and the neutron star (HeS-NS) in a close orbit. This is the last 
stagee of evolution before the formation of DNS. We have performed detailed calculations of 
thee evolution of HeS-NS binaries, exploring a large parameter space of helium star mass and 
orbitall  period, in order to investigate the possible remnants and the orbital parameters prior 
too the second supernova explosion (Chapters 3 and 4). We find that mass transfer from 2.8 -
3.33 M 0 helium stars, as well as from 3.3 - 3.8 M 0 helium stars in orbits with Porb < 0^25, 
endss up in a CE phase due to the development of a convective helium envelope at the end 
off  the calculation. These systems probably produce very tight DNSs (Porb ~ 01*01) with 
aa merger timescale of the order of a Myr, which would have important consequences for 
thee detection rate of gravitational-wave radiation and for the understanding of y-ray burst 
progenitors.. Helium stars with masses 3.3 - 3.8 M 0 with Porb > 0^25 and those more massive 
thann 3.8 MQ do not develop a convective envelope and therefore are not expected to go 
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throughh common-envelope evolution. The remnants of these massive helium stars are DNSs 
withh orbital period OH - ld. We have been able to put constraints on the progenitors of the 
fourr galactic DNSs. The high-mass helium stars or systems in wide orbits explode as type lb 
supernovae,, while the lower-mass helium stars or systems in close orbits probably produce 
typee Ie supernovae. 

Byy integrating the results of the previous chapters into a population synthesis study, we 
havee investigated the formation as well as the merger rate of DNSs (Chapter 5), assuming that 
thee DNSs were formed from Be/X-ray binaries through the standard evolutionary scenario. 
Wee find that the merger rate of DNSs is sensitive to the choice of the kick velocity distribution 
att the birth of the first neutron star, but is much less dependent on the modelling of the CE 
phase.. We obtain a DNS merger rate of 0.4 - 6.5 x 10- 6 yr_1 in the Galaxy from our models. 
Thee majority of mergers take place within ~ 105 yr from the time of formation, and are thus 
expectedd to occur well inside the host galaxy. 

6.22 Future work 

Inn this thesis we have studied the formation of double neutron star systems from Be/X-ray 
binariess through the standard evolutionary scenario. There are several studies related to the 
topicc of this thesis that still need to be done before we can form a complete and quantitative 
picturee of the formation of DNSs. They relate to the study of the formation of Be/X-ray 
binaries,, the formation of binaries consisting of a white dwarf and a young neutron star, and 
thee evolution of the magnetic field of the neutron stars - with or without accretion. 

6.2.11 The formation of Be/X-ray binaries 

Byy making a systematic study of the common-envelope phase in the later evolution of Be/X-
rayy binaries, and a parameter study of the evolution of the helium star-neutron star binaries 
(inn which we varied the helium star mass and initial period as the input parameters), we have 
obtainedd a rather complete picture of the evolution from the Be/X-ray binary stage until the 
formationn of DNSs. This thesis, however, does not include a detailed study of the formation 
off  Be/X-ray binaries themselves. 

Be/X-rayy binaries, and also Be-helium star and Be-white dwarf binaries, are thought to 
originatee from binary systems in which mass transfer spins up the accretor to high rotational 
velocityy such that the accretor is rejuvenated and becomes a rapid rotator and shows the Be 
phenomenonn (e.g. Rappaport & van den Heuvel 1982). The donor transfers almost its entire 
hydrogen-richh envelope and becomes a helium star. Depending on the mass of the helium star 
andd the orbital period, the system might undergo a second phase of mass transfer before it 
transformss into a Be/X-ray or Be-white dwarf binary. While the second RLOF is expected to 
bee conservative because it involves a less massive component transferring mass to the more 
massivee (Habets 1986a), the first mass-transfer phase is more complicated. There are many 
uncertaintiess involved in this phase, which are caused by two major sources. The first is 
thatt non-conservative mass transfer might take place, resulting in loss of mass and angular 
momentum.. Wellstein et al. (2001), e.g., found that binaries with M\ = 12 M 0 evolve into 
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contactt if the period is longer than about 10 - 30d, depending on the mass ratio. Evolution 
throughh a contact phase is likely to result in loss of mass and angular momentum. We have 
shownn in Chapter 5 that the Be/X-ray binary progenitors of DNSs are systems with long 
period,, which are unlikely to be formed through a non-conservative mass transfer. The second 
sourcee of the uncertainty is the supernova kick velocity at the birth of the first supernova. We 
havee shown in Chapter 5 that the choice of the distribution of the kick velocity imparted at 
thee birth of the first neutron star is an important ingredient to determine the parameters of the 
formedd Be/X-ray binaries. 

Ann alternative scenario was proposed by Habets (1987). In this channel, the original bi-
naryy consists of a very massive primary (54 M 0 in their example) and a massive secondary 
(88 MQ) which undergoes a highly non-conservative evolution (i.e. a CE and spiral-in phase). 
Withh a symmetric supernova explosion, a highly eccentric Be/X-ray binary is formed. How-
ever,, note that there must be an upper limit to the mass of the primary as we do not want the 
starr to become a black hole. We have mentioned another alternative in Sect. 1.3.3.1, namely 
thee scenario proposed by Terman & Taam (1995) where the binary has a large orbital period 
suchh that the two components evolve independently. The asymmetric supernova explosion 
off  the primary shrinks the orbit and causes the components to interact as a Be/X-ray binary. 
Note,, however, that neither of these alternatives provides a natural explanation for the rapid 
rotationn of the Be star, and both are likely to form only highly eccentric orbits. 

Populationn synthesis studies of the formation of Be/X-ray binaries have been carried out 
byy Waters et al. (1989), Pols et al. (1991), Portegies Zwart (1995), and in Chapter 5 of this 
thesis.. In addition, many detailed evolutionary calculations of the first phase of mass transfer 
inn massive binaries have been made. Most of these studies simply assume conservative mass 
transferr and do not take into account the effect of accretion on to the secondary. There are 
aa few calculations that do take this into account, at least up to the point of contact (e.g. Pols 
1994;; Wellstein et al. 2001). However, these investigation do not cover a large parameter 
space.. A systematic and comprehensive set of calculations, similar to our study of HeS-NS 
binariess in Chapters 3 and 4, needs to be performed. This study is crucial to constrain the 
progenitorss of Be/X-ray binaries, and consequently the progenitors of DNSs. With a better-
studiedd formation process of Be/X-ray binaries and the formation of DNSs studied in this 
thesis,, and by implementing these into a population synthesis study, we can derive a more 
reliablee birth and merger rate of DNSs. 

6.2.22 The formation of a white dwarf with a young neutron-star 
companion n 

Wee have mentioned in Sect. 1.1.2 that there are two binary pulsars in which a heavy white 
dwarff  is orbiting a non-recycled neutron star in an eccentric orbit (WD-NS), i.e. B2303+46 
(Stokess et al. 1985; van Kerkwijk & Kulkarni 1999) and J1141-6545 (Kaspi et al. 2000). The 
parameterss of the two systems are presented in Table 6.1. The facts that the neutron star is 
nott recycled and that the orbit is not circular can only be explained if the neutron star was 
formedd after the white dwarf in a supernova explosion. 
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Tablee 6.1. The parameters of two young pulsars with white dwarf companion: the total mass in solar 
units,, the orbital period in days, and the eccentricity. Numbers within parantheses indicate uncertainty 
inn last digits. 

Pulsarr Mj Porb e Reference 

B2303+466 2.64(5) 12.34 0.658 Stokes et al. (1985) 
Jll  141-6545 2.300(12) 0.198 0.172 Kaspi et al. (2000) 

Thee evolutionary scenario to form these systems is similar to the standard scenario for 
thee formation of DNS through Be/X-ray binaries, except that the original binary system must 
havee consisted of an intermediate mass primary, and that the previous stage of evolution 
mustt have been a helium star plus white dwarf (He-WD) binary. Instead of from Be/X-ray 
binaries,, these systems originate from binaries consisting of a massive B star and a white 
dwarf.. Such B + white dwarf binaries are known, i.e. y Pup (HD 59635, B5V: Vennes, 
Berghöfer,, & Christian 1997; Burleigh & Barstow 1998), 0 Hya (HD 79469, B9.5V: Burleigh 
&&  Barstow 1999), and 16 Dra (HD 150100, B9.5V: Burleigh & Barstow 2000), but none of 
thesee three systems has the B star massive enough to produce a neutron star. Furthermore, 
Venness (2000) found that y Pup is itself a binary star consisting of a B3.5V primary and a 
B6VV secondary, i.e. the system is a triple star. The most likely progenitor of an eccentric 
WD-NSS binary is X Sco (HD 158926, B1.5IV) which is proposed to have a heavy (1.25 -
1.44 M 0) white-dwarf companion in short period (P0fo = 5^959) orbit (Berghöfer, Vennes, & 
Dupuiss 2000). However, Burleigh & Barstow (2000) argued that due to the inconsistency 
betweenn the Hipparcos distance and the photometric distance, the existence of a white-dwarf 
companionn in this system is only suggested, and not confirmed. 

Earlyy attempts to explain the formation of these systems and to put constraints on the 
progenitorss have been made by Tauris & Sennels (2000) who proposed the progenitor of 
B2303+466 to be a binary system with the primary star initially more massive than 8.8 M 0 

andd an initial separation of 160 - 600 R0. Recently, Davies, Ritter, & King (2002) did a more 
elaboratee study by taking into account the possibility that the helium star might fill  its Roche 
lobee and transfer matter to the white dwarf. They suggested that B2303+46 was formed with-
outt a phase of mass transfer from the helium star, while Jl 141-6545 was produced through 
RLOF.. In the latter case, the transferred matter is assumed to be ejected from the vicinity of 
thee white dwarf carrying away its specific angular momentum. Davies et al. (2002) proposed 
thatt the progenitors of the white dwarfs in the two systems are 6.4 - 8.3 M© stars. We plotted 
thee maximum and minimum pre-SN period of the systems as derived by eq. 3.10, and com-
paredd these with our calculations of helium star-neutron star binaries1 in Fig. 6.1. It can be 
seenn that our results confirm the conclusions of Davies et al. (2002). 

Thiss comparison is not really realistic since our calculations were done assuming a 1.4 M. neutron-star compan-
ion,, while the white dwarf is less massive than that. Nevertheless, our calculations can be used to give an approximate 
rangee of initial parameters of the helium star-white dwarf binaries 
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Figur ee 6.1. The region of the allowed pre-SN parameters for two young pulsars with white-dwarf 
companion:: B2303+46 (dashed) and Jl 141-6545 (dotted line). Star symbols mark the post-RLOF 
parameterss of the calculated helium star-neutron star binaries. The shaded region represents the area 
wheree a helium star evolves without filling  its Roche lobe. 

Thee above-mentioned works, however, were not based on detailed evolutionary calcula-
tions.. There are many constraints in forming these systems. An extensive study of helium-
accretingg white dwarfs by Scheithauer (2000) showed that a CO white dwarf accreting helium 
att low rates (of the order of 10~7 M 0 yr~', but depending on the mass of the white dwarf) 
initiallyy undergoes stable helium shell burning. The helium shell becomes unstable once the 
whitee dwarf mass grows further and the star experiences thermal pulses. The amplitude of the 
instabilityy grows with increasing white dwarf mass. This instability has two consequences, 
i.e.. the stellar luminosity becomes larger and soon exceeds the white dwarf's Eddington lu-
minosityy which will lead to radiation-driven mass loss from the white dwarf. Another effect 
iss that the white dwarf may be driven to expand and become a giant (Langer et al. 2002). 
Yoonn & Langer (2002) showed that the instability can be suppressed if rotation of the white 
dwarff  is taken into account. White dwarfs accreting helium at a high rate, as expected during 
RLOFF from helium stars, might expand and become red giants. Nomoto (1982) derived this 
criticall  rate for becoming a red giant as 

M R H e=7.2xx lO~6(M W D /M 0-O.6)M0yr-1 (6.1) 

Whenn a white dwarf becomes a giant, it may fil l its own Roche lobe and undergo a contact or 
CEE phase. 

Wee have shown that helium stars with masses in the range 2.65 - 3.3 M 0 undergo a CE 
phasee and end up in very close orbits. Therefore, we have to exclude this range of mass in 
V J l U Cll  LU 1V71 i l l l Y L / " l l J U l l l O . l l ^ . 3 W i l l i tllV ^ WL/OW1VV-.U p v j 1 V U . i ^ » m v O u m v/ i w u u v ^ . ., .T w U L . ^ U ..v 
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avoidd the white dwarf from becoming a giant and experiencing a CE phase. On the other 
hand,, the initial mass of the white dwarf may not be so high as to allow it to grow beyond the 
Chandrasekharr mass and undergo a type la supernova. By investigating the detailed evolution 
off  the helium star and how a white dwarf responds when helium is transferred on to it, we 
cann put more constraints on the progenitors of the observed WD-NS. 

6.2.33 The evolution of the magnetic field of the neutron star 

Thee observed pulsars in the galactic DNSs have weak magnetic fields, which suggests that 
theyy are recycled. The recycling of a pulsar has long been thought to result from the accretion 
onn to the neutron star (e.g. Taam & van de Heuvel 1986). Theories which relate the accretion 
off  material on to a neutron star with the decay of its magnetic field have been put forward by 
e.g.,, Shibazaki et al. (1989) and Konar & Bhattacharya (1997). An empirical approximation 
too the magnetic field evolution is derived by Shibazaki et al. (1989) as 

wheree B0 is the initial magnetic field strength, AM is the accreted mass, and raB is the mass 
constantt for the field decay. Shibazaki et al. (1989) found mB > 10"4 M 0 to be consistent 
withh binary and millisecond radio pulsars, while Francischelli et al. (2002) found mB ~ 12.5 x 
10- 66 M 0 to agree with low-mass X-ray binaries. Taking mB = 12.5 x 10- 6 M 0 and assuming 
thatt the neutron star accretes matter up to its Eddington limit and that the RLOF lasts for 
44 x 104 yr (cf. Table 3.4), one can have the magnetic field decay from 1012 G, which is 
thee typical magnetic field of single radio pulsars, to ~ 1010 G, the magnetic field of DNSs 
B1913+16,B1534+12,, and J1811-1736. 

Takingg into account only the wind mass loss from helium stars, Francischelli et al. (2002) 
havee studied the effect of accretion from the wind and found that they can reproduce the 
magneticc field of PSRs B1913+16 and B1534+12 from binaries in close initial orbit (ax ~ 
22 - 3R0) with initial helium star mass in the range 8 < MHe,i/M 0 < 15. However, their 
workk was not based on detailed evolutionary calculations and did not take into account the 
possibilityy of RLOF from the helium star. By applying eq. (6.2) to the detailed calculations 
off  helium stars, we can study the effect of accretion on the magnetic field of the neutron star, 
andd investigate whether a long-lived, low-rate wind accretion is enough to decay the magnetic 
field;; or whether a short-lived, high-rate mass-transfer rate is necessary. 



Samenvattingg in het nederlands 

B-emissiee Röntgendubbelsterren en dubbele neutronensterren; twee geheel verschillende ty-
penn dubbelsterren, die echter evolutionair wel met elkaar in verband staan. Dat verband is 
hett onderwerp van dit proefschrift. B-emissie Röntgendubbelsterren bestaan uit een neutro-
nensterr en een niet-geëvolueerde B-emissie (Be) ster, die een massa heeft tussen de 8 en 20 
zonsmassa'ss (M0). Een Be ster is een snel roterende ster met emissielijnen van waterstof in 
zijnn spectrum. Deze emissielijnen zijn afkomstig uit een equatoriale schijf gas rond de Be 
ster.. De ons bekende Be Röntgendubbelsterren hebben excentrische (e ~ 0.3 - 0.5) omloop-
banenn met lange periodes (forb ~ 20 - 200d). De Röntgenstraling van de neutronenster wordt 
opgewektt wanneer deze door de equatoriale wind of de gas-schijf van de Be ster beweegt 
enn materiaal van de wind of de schijf accreteert. In het laatste geval kunnen we periodieke 
Röntgenuitbarstingenn waarnemen. Dubbele neutronenster (DNS) systemen bestaan, zoals de 
naamm al zegt, uit twee neutronensterren. Eén van de twee sterren, waarschijnlijk de oudste, 
zienn we als een radio pulsar. In ons melkwegstelsel kennen we vier van dergelijke systemen. 

Voordatt we het scenario beschrijven dat deze twee soorten dubbelsterren met elkaar ver-
bindt,, zullen we evolutie van enkelvoudige sterren en dubbelsterren in het algemeen beschrij-
ven.. Dit is nodig om te begrijpen hoe een dubbele neutronenster kan ontstaan uit een Be 
Röntgendubbelster. . 

Dee evolutie van enkelvoudige sterren 

Tijdenss het grootste deel van het leven van een ster wordt in de centrale delen van de ster 
waterstoff  omgezet in helium door middel van kernfusie. Tijdens deze fase bevindt de ster 
zichh op de hoofdreeks in het z.g. Hertzsprung-Russell Diagram - een diagram waarin de 
lichtkrachtt van de ster is uitgezet tegen zijn effectieve temperatuur (de temperatuur aan het 
ster-oppervlak).. Tijdens de fase van waterstof-fusie neemt de straal van de ster langzaam toe. 
Alss de waterstof in de kern van de ster op is en de kern dus voornamelijk uit helium bestaat, 
zall  de kernfusie plaatvinden in een schil rond de heliumkern. Gedurende deze waterstof -
schilverbrandingsfasee zwelt de ster op en wordt een rode reus. Tegelijkertijd krimpt de kern 
vann de ster en wordt heter. Wanneer de temperatuur in de kern is opgelopen tot ca. 100 
miljoenn Kei vin begint de fusie van helium, waarbij helium in koolstof en zuurstof wordt 
omgezet.. Door deze hernieuwde energieproductie in de sterkern stopt zowel het krimpen van 
dee kern als het opzwellen van de gehele ster. Nadat ook de helium in de kern op is geraakt 
vindenn de kernfusieprocessen wederom plaats in een schil rond de kern, die nu voornamelijk 
uitt koolstof en zuurstof bestaat. De ster expandeert nog verder en wordt een rode superreus. 
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Dee evolutie van een ster hangt af van zijn massa en zijn chemische samenstelling. In 
sterrenn met massa's kleiner dan 6 -8 M0 neemt de straal spectaculair toe tijdens de helium-
schilverbranding.. Deze fase heet de asymptotische reuzentak. Tijdens deze fase verliest de 
sterr zijn volledige waterstof-rijke buitenmantel door middel van een sterrewind en blijf t de 
kernn van de ster achter als een witte dwerg, bestaande uit koolstof en zuurstof. In zwaardere 
sterrenn neemt de temperatuur in het centrum door de samentrekking van de kern zodanig toe 
datt koolstoffusie op gang komt. De cyclus van fusie in de sterkern en in schillen rond de 
kernn herhaalt zich en in de opeenvolgende fasen worden koolstof, neon, zuurstof en silicium 
gefuseerdd tot zwaardere elementen totdat de kern uit ijzer bestaat. Uiteindelijk stort de kern in 
onderr zijn eigen zwaartekracht en wordt een uiterst compacte neutronenster. De buitenlagen 
wordenn dan weggeblazen in een supernova explosie. 

Dee evolutie van dubbelsterren 

Tott een bepaald moment evolueren de twee sterren in een dubbelstersysteem ongeveer zo-
alss enkelvoudige sterren. Dit betekent dat de evolutie van ieder van de sterren zich voltrekt 
afhankelijkk van de massa en chemische samenstelling van die ster. Als de baan van de dub-
belsterr nauw is dan kunnen de sterren niet onbeperkt groeien tot hun maximale grootte omdat 
hunn afmeting wordt begrensd door een critisch equipotentiaal-oppervlak, aangeduid met de 
naamm Roche-lob. Het volume van dit Roche-lob, dat bepaald wordt door de massa's van de 
tweee sterren en hun onderlinge afstand, bepaalt de maximale afmeting die een component in 
eenn dubbelster kan hebben. 

Doorr het toenemen van de straal van de ster als gevolg van de fusieprocessen in de 
sterr (of door het nauwer worden van de dubbelster als gevolg van het verliezen van baan-
impulsmoment,, waardoor de Roche-lobben kleiner worden) kan een ster in contact komen 
mett zijn Roche-lob. Wanneer de expansie van de ster of het krimpen van de baan doorzet zal 
dee ster groter worden dan de Roche-lob. Het overtollige deel van de massa van de ster zal 
overvloeienn naar de ander ster via het zogenaamde binnenste Lagrange-punt. Dit proces heet 
massaoverdrachtt of, in het engels, "Roche-lobe overflow". De zwaarste ster in de dubbelster 
evolueertt het snelst en zal dus als eerste zijn Roche-lob ontgroeien. In het algemeen heet 
dee ster die zijn Roche-lob vult en vanwaar materiaal wegvloeit de donor en de ster die het 
materiaall  ontvangt heet de accretor. 

Alss de donor ruwweg even zwaar is als de accretor is de overdrachtssnelheid relatief laag 
enn de accretor is in staat al het materiaal dat overvloeit op te nemen. De massaoverdrachts-
snelheidd is echter hoog als de donor zwaarder is dan de accretor. Als de massatoestroom te 
groott is blijkt de accretor niet in staat te zijn zich op tijd aan te passen en zal expanderen. 
Dezee expansie kan er voor zorgen dat de accretor ook zijn Roche-lob vult. Er ontstaat dan 
eenn contact-dubbelster. Doordat nu beide sterren hun Roche-lob vullen, zullen ze nog verder 
expanderen,, waardoor er tenslotte materiaal is dat rond beide sterren zit: er vormt zich een 
gemeenschappelijkk omhulsel (in het engels: common envelope, CE). 

Dee CE fase resulteert in een afname van de afstand tussen de sterren als gevolg van 
wrijving.. De accretor spiraliseert naar binnen in de mantel van de donor, en in vele gevallen 
wordtt het gemeenschappelijk omhulsel uitgestoten. Een dubbelster overleeft de CE fase en 
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hett inspiraliseren als de uiteindelijk resterende sterren passen binnen hun nieuwe Roche-
lobben,, behorende bij de nieuwe dubbelsterbaan. In ons geval bestaat zo'n systeem uit de 
accretorr tezamen met de kern van de donor in een zeer nauwe baan. 

Vann Be Röntgendubbelsterren tot dubbele neutronensterren 

Verschillendee aspecten van de evolutie van enkelvoudige sterren en dubbelsterren komen om 
dee hoek kijken bij de ontwikkeling van een Be Röntgendubbelster tot DNS. De Be ster evo-
lueertt en begint zijn Roche-lob te vullen en draagt massa over aan de neutronenster. De 
onss bekende DNS systemen hebben twee neutronensterren op zeer kleine afstand - veel 
dichterr bij elkaar dan de afmeting van de sterren waarvan de neutronensterren het over-
blijfsell  zijn. Waarschijnlijk heeft er een CE fase plaatsgevonden aan het einde van de Be 
Röntgendubbelster-fase,, als gevolg van het grote verschil in massa tussen de twee sterren. 
Tijdenss de CE fase spiraliseert de neutronenster naar binnen in de mantel van de Be ster, 
enn het resultaat is een zeer nauw dubbelstersysteem bestaande uit een neutronenster en de 
heliumkernn van de Be ster. De heliumkern, die we nu heliumster noemen, evolueert verder 
enn ontploft uiteindelijk als een supernova. Het overblijfsel van de heliumster stort ineen tot 
eenn neutronenster, zodat het system nu bestaat uit twee neutronensterren. Dit scenario, dat 
beschrijftt hoe een Be Röntgendubbelster zich ontwikkelt tot dubbel neutronenstersysteem, 
wordtt het "standaardscenario" genoemd. Naast dit pad om een DNS systeem te vormen be-
staann een aantal alternatieve scenario's. In dit proefschrift hebben we het standaardscenario 
voorr de vorming van DNS systemen onderzocht. 

Ditt  proefschrift 

Inn dit proefschrift hebben we op een quantitatieve manier een aantal aspecten van het stan-
daardd evolutiescenario voor de vorming van DNS systemen uit Be Röntgendubbelsterren 
onderzocht. . 

Wanneerr de Be ster in een Be Röntgendubbelster de hoofdreeks verlaat en expandeert zal 
er,, door het grote massaverschil, een steeds sterker toenemende massaoverdracht plaatsvin-
den,, hetgeen leidt tot een CE fase en inspiraliseren. Kennis van de bindingsenergie van de 
stermantell  bij het ingaan van een CE fase is belangrijk bij het bepalen van de uitkomst, in het 
bijzonderr de massa van de resterende sterkern van de donor, de uiteindelijke afstand tussen 
dee twee sterren en of het systeem de CE fase überhaupt overleeft. Vaak wordt in de litera-
tuurr een te simpele benadering voor de bindingsenergie gebruikt. Wij hebben systematisch 
dee bindingsenergie van de mantel van donorsterren van verschillende massa onderzocht en 
vindenn dat deze substantieel afwijkt van de benaderde waarde (Hoofdstuk 2). De bindingse-
nergiee hangt af van de stermassa (zwaardere sterren hebben relatief grotere bindingsenergie) 
enn het evolutiestadium van de ster: in meer geëvolueerde sterren zijn de buitenlagen relatief 
minderr gebonden en is de bindingsenergie dus kleiner. In vergelijking met de gebruikelijke 
benaderingg vinden we ook dat de bindingsenergie, en dus ook de uiteindelijke toestand na de 
CEE fase, sterk afhankelijk is van de gekozen methode voor het bepalen van de grens tussen 
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sterkernn en -mantel. 
Dee relatief "lange" baanperiodes van bekende milliseconde radiopulsars (dubbelsterren 

bestaandee uit een neutronenster en een witte dwerg) hebben geleid tot de conclusie dat tij -
denss de CE fase de baanenergie uiterst efficient wordt omgezet in energie om het omhulsel af 
tee stoten. Deze conclusie was gebaseerd op de eerder genoemde, simpele benadering voor de 
bindingsenergie.. We vinden dat in sterren lichter dan ongeveer 8 M 0 - de mogelijke voor-
gangerss van de witte dwergen in de millisecondepulsars - de bindingsenergie relatief klein is. 
Wee concluderen dat deze kleine bindingsenergie voldoende is om de lange baanperiodes van 
dee millisecondepulsars te verklaren en dat we geen zeer efficiënte energieomzetting tijdens 
dee CE fase nodig hebben. 

Dee uitkomst van de CE fase in de evolutie van een Be Röntgendubbelster is een dubbel-
stersysteemm bestaande uit een heliumster en een neutronenster (HeS-NS) in een nauwe baan. 
Ditt is de laatste stap voor de vorming van een DNS systeem. Verscheidene auteurs hebben 
reedss de vorming van DNS onderzocht, maar zij hebben nooit de mogelijkheid meegenomen 
datt de heliumster zijn Roche-lob vult. Wij hebben gedetailleerde berekeningen gedaan aan de 
evolutiee van HeS-NS dubbelsterren, waarbij we een groot aantal massa's van heliumsterren 
enn een groot aantal baanperiodes hebben bestudeerd, om de massaoverdracht, de aard van de 
resterendee sterren en de baanparameters vóór de tweede supernova-explosie te onderzoeken 
(Hoofdstukk 3 en 4). 

Dee ontwikkeling van een heliumster is vergelijkbaar met die van een normale ster. Tijdens 
dee heliumfusie in de kern neemt de straal licht toe. Nadat de helium in de kern is opgeraakt 
verplaatstt de fusie naar een schil rond de kern, en de ster expandeert terwijl de kern krimpt 
enn de centrale temperatuur toeneemt. Als de centrale temperatuur daarvoor hoog genoeg is 
begintt de koolstoffusie. Wij hebben de evolutie van heliumsterren met een massa tussen 1.5 
enn 6.4 M 0 onderzocht. Dit zijn de overblijfselen van sterren met oorspronkelijke massa's 
vann 8 - 20 M 0. Wij bestuderen de massaoverdracht tijdens verschillende evolutiefasen van 
dee heliumster: de heliumfusie in de kern, heliumschilfusie, koolstoffusie en latere stadia. De 
uitkomstt van de HeS-NS evolutie hangt af van de massa van de heliumster en van de baanpe-
riodee van het systeem. Wij vinden dat DNS systemen ontstaan als de heliumster zwaarder is 
dann ongeveer 2.65 M e en massa overdraagt tijdens de heliumschilfusie of later. 

Wee vinden dat massaoverdracht van 2.8 - 3.3 MQ heliumsterren, en tevens 3.3 - 3.8 M 0 

heliumsterrenn met baanperiodes < 0?25, een tweede CE fase veroorzaakt als gevolg van de 
convectievee mantel die ontstaat tegen het einde van de berekeningen. Zulke systemen onder-
gaann een tweede fase van inspiraliseren en worden waarschijnlijk uiterst nauwe dubbelsterren 
(baanperiodee < 0?01) bestaande uit twee neutronensterren. Deze zullen op een tijdschaal van 
dee orde van 100000 jaar samensmelten door uitzending van zwaartekrachtgolven, hetgeen 
belangrijkee gevolgen zou kunnen hebben voor de hoeveelheid waarneembare zwaartekracht-
stralingg in het heelal en voor ons begrip van y-flitsers. Heliumsterren met massa's tussen de 
3.33 en 3.8 M 0 maar baanperiode > 0?25 en nog zwaardere heliumsterren ontwikkelen geen 
substantiëlee convectieve mantel en we verwachten daarom niet dat deze sterren een tweede 
CEE fase zullen ondergaan. Het resultaat van dergelijke HeS-NS dubbelsterren zijn DNS sys-
temenn met baanperiodes tussen 0? 1 en ld - hetzelfde periodebereik als de waargenomen DNS 
systemenn in ons melkwegstelsel. 
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Dee kernen van heliumsterren die zwaarder zijn dan ongeveer 2.65 M 0 zullen tijdens een 
supernovaa explosie ineenstorten tot een neutronenster. Omdat deze sterren geen waterstof 
bevattenn verwachten we een type I supernova waar te nemen (type I is gedefinieerd als een 
supernovaa die geen waterstoflijnen in het spectrum vertoont, terwijl type II supernovae wel 
waterstoflijnenn laten zien). Daarbij zullen heliumsterren met lage massa en systemen in een 
helee nauwe baan ook heel weinig helium in de mantel bevatten op het moment van de explo-
sie.. Deze kunnen we dan waarschijnlijk zien als type Ie supernovae (een subklasse die naast 
waterstof-- ook geen heliumlijnen vertoont), en de zwaardere systemen zullen we herkennen 
alss type Ib supernovae (wel heliumlijnen maar geen waterstoflijnen). 

Doorr de resultaten van de voorgaande hoofdstukken te combineren in een populatiesyn-
thesee berekening, hebben we de frequenties van de vorming en van het samensmelten van 
DNSS systemen onderzocht (Hoofdstuk 5). De supernova explosie hoeft niet symmetrisch 
plaatss te vinden, maar kan gepaard gaan met het geven van een extra impuls (een "kick") aan 
dee neutronenster. We hebben een model met een symmetrische explosie als ook modellen met 
asymmetrischee explosies met verschillende verdelingen van kick-snelheden toegepast. Om 
dee CE fase van de Be Röntgendubbelster te modelleren hebben we verscheidene methodes 
gebruiktt om de bindingsenergie van de mantel te bepalen. De frequentie van samensmel-
tenn van DNS systemen hangt sterk af van de verdeling van kick-snelheden bij het ontstaan 
vann de eerste neutronenster, dat wil zeggen bij het ontstaan van de Be Röntgendubbelster, en 
hangtt slechts weinig af van de modelparameters van de CE fase. We vinden een samensmelt-
frequentiee van 0.4 — 6.5 x 10- 6 per jaar in ons melkwegstelsel. Deze waarde wordt gedomi-
neerdd door de systemen met lage-massa heliumsterren, die een tweede CE fase ondergaan, 
waardoorr dit samensmelten plaatsvindt binnen ongeveer 105 jaar na de vorming. Men kan 
duss verwachten dat dit samensmelten plaatsvindt terwijl de dubbelster zich nog ruimschoots 
binnenn het melkwegstelsel bevindt waarin het ontstaan is. Deze systemen zijn daarom goede 
kandidatenn als de voorlopers van een bepaald type y-flitsers: die van korte duur (korter dan 
ca.. 1 seconde). 
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Propositions s 

too go with the thesis 

FromFrom Be/X-ray binaries to double neutron star systems 

H H 
1.. The independence day of the Republic of Indonesia is August 17, 

1945. . 

2.. A small binding energy of the envelope rather than a high common-
envelopee efficiency is sufficient to explain the relatively long period 
binaryy millisecond pulsars. (Chapter 2 of this thesis) 

3.. Helium star-neutron star binaries with relatively low-mass helium 
starss or in close orbits produce type Ie supernovae, while those 
withh higher-mass helium stars or in wide orbits produce type lb 
explosions.. (Chapter 3 of this thesis) 

4.. Shortly before undergoing a supernova, a helium star-neutron star 
binaryy goes through a common-envelope phase if the mass of the 
heliumm star is between 2.6 and 3.3 M©. 

(Chapterr 4 of this thesis) 

5.. Modest supernova kick velocities of between 10 and 70 km s- 1 are 
sufficientt to explain the properties of the known Galactic double 
neutronn star systems. (Chapter 4 of this thesis) 

6.. The merger rate of double neutron star binaries is sensitive to the 
kickk velocity distribution at the birth of the first neutron star, but is 
muchh less dependent on the amount of spiral-in during the common-
envelopee phase of their Be/X-ray binary progenitors. 

(Chapterr 5 of this thesis) 

7.. Short-duration 7-ray bursts may well take place within the host 
galaxies.. (Chapter 5 of this thesis) 



8.. When a gamelan is played as a diatonic-scale instrument instead of 
ass the original pentatonic-scale slendro or heptatonic/pentatonic-
scalee pelog instrument - no matter how good the compositions or 
thee musicians are - it loses its soul, and therefore its beauty. 

(too the memory of Greet Voskuil) 

9.. A golden age of one nation is often achieved at the expense of a 
darkk age of another nation. 

10.. Every rooster in the world crows the same crow. Each of us inter-
pretss it differently. The same thing happens with religion. 

11.. The best moment of the day is when the Sun rises. 

12.. Nothing is eternal. 

Amsterdam,, March 28, 2003 
Jasintaa Dini Maria Dewi 
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