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Fromm Be/X-ray binaries 
too double neutron star  systems 

Be/X-rayBe/X-ray binaries and double neutron star systems - two different kinds of bina-
ries,ries, yet connected by one or more evolutionary channels. This is the subject of 
thisthis thesis. 

VariousVarious aspects of stellar and binary evolution are involved in the path leading 
fromfrom a Be/X-ray binary to a double neutron star. The Be star evolves and at 
somesome point fills its Roche lobe and starts transferring matter to the neutron star. 
TheThe observed double neutron star systems have very close orbits - much smaller 
thanthan the radii of the giant progenitors of the neutron stars. This suggests that a 
periodperiod of common-envelope evolution has occured, which can be caused by a 
largelarge difference in mass of the two components. The outcome of this common-
envelopeenvelope phase is a very close binary consisting of the helium core of the Be 
starstar and the neutron star. The helium core, which we now call helium star, also 
evolvesevolves and finally explodes as a supernova. How a Be/X-ray binary evolves 
intointo a double neutron star system is described by an evolutionary channel called 
"the"the standard scenario". Apart from this channel, a few alternative evolutionary 
scenariosscenarios have been put forward for the formation of double neutron stars. We 
willwill  discuss these later in this chapter. 

InIn this thesis we adopt the standard scenario for the formation of double neutron 
starstar systems. This chapter describes the basic ingredients to build this thesis. We 
willwill  start with introducing the two types of binary system - Be/X-ray binaries and 
doubledouble neutron star systems. Before coming to the description of the scenario, 
wewe will  explain the evolution of single stars and binary systems, the common-
envelopeenvelope evolution, and the evolution of a helium star as a single star. These are 
thethe stages which we need to know in order to understand the formation of double 
neutronneutron stars through the standard evolutionary channel. The organization of the 
thesisthesis as well as the basic assumptions are described at the end of this chapter. 

1 1 
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1.11 X-ray binaries and binary pulsars 
AA binary system that contains either a neutron star or a black hole accreting material from a 
companionn star usually emits energy in X-rays and is therefore called an X-ray binary. There 
aree two main classes of X-ray binaries, viz.: (i) the high-mass X-ray binaries (HMXB), in 
whichh the donor is a massive O or B star, and (ii) the low-mass X-ray binaries (LMXB) , in 
whichh the companion is a star of spectral type later than A and a mass < 2.3 M 0, or in some 
veryy evolved systems, a white dwarf. When the accretion process stops, the neutron star in an 
X-rayy binary may switch on as a radio pulsar. Resulting from the two main classes of X-ray 
binaries,, there are two classes of binary radio pulsars, i.e. (i) the high-mass binary pulsars 
(HMBP),, in which the neutron star has another neutron-star or a massive (> 1 M 0) white-
dwarff  companion, and (ii) the low-mass binary pulsars (LMBP), in which the companion is 
aa low-mass (< 0.5 M 0) white dwarf. We refer to, e.g., Verbunt (1993); Lewin, van Paradijs, 
&&  van den Heuvel (1995) for an extensive review on X-ray binaries, and to, e.g., Phinney & 
Kulkarnii  (1994) on binary pulsars. 

1.1.11 High-mass X-ray binaries 

AA high-mass X-ray binary is a binary system which consists of a neutron star or a black 
holee as the X-ray source with a massive companion (M > 8 M 0). There are two classes of 
HMXB,, distinguished by the nature of their optical companions, X-ray emissions, and orbital 
parameters,, as follows: 

1.. The standard massive X-ray binaries, in which the companion of the compact object 
iss a massive OB supergiant (M > 20 M 0) . They have short periods (Porb < 10d) and 
almostt circular orbits (e < 0.1). A massive companion and short orbital period indicate 
thatt the X-ray source is powered by wind accretion or due to the beginning of Roche-
lobee overflow (RLOF) from the companion, which make the system a persistent X-ray 
source. . 

2.. The Be/X-ray binaries, in which the companion is an unevolved Be star with mass in 
thee range of 8 - 20 M 0. They are found in long period (Potb ~ 20 - 200d) and eccentric 
orbitss (e ~ 0.3 — 0.5). The X-ray emission is transient and thought to be powered by 
accretionn of material when the compact object moves through the dense disc of the Be 
starr at the periastron passage. Often the discs of Be stars disappear for years to decades. 
Duringg such periods the Be/X-ray system is quiet and it turns on only when the B-star 
ejectss a new disc of gas from its equatorial regions. 

Wee refer to, e.g., Bhattacharya & van den Heuvel (1991) and van den Heuvel (1994b) for 
aa detailed explanation of the classification of HMXB. An up-to-date lists of HMXBs can 
bee found in Bildsten et al. (1997) and Liu, van Paradijs, & van den Heuvel (2000); and of 
Be/X-rayy binaries in Ziótkowski (2002). 

Recently,, a third class of HMXB has been proposed by Pfahl et al. (2002). This new class 
consistss of 6 long orbital period (Porb > 30d) HMXBs in orbits of low eccentricity (e < 0.2). 
Theyy have an unevolved Be companion and may show transient behaviour, two features that 
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makee them to belong to the class of Be/X-ray binaries. Although their almost circular orbits 
distinguishh them from the "classical" Be/X-ray binaries, for our purpose, they are included in 
thee class of Be/X-ray binaries. 

1.1.22 High-mass binary pulsars 
AA "high-mass" binary pulsar is believed to originate from a HMXB with a neutron star as 
thee compact object. If the donor star in the HMXB exceeds the critical mass for neutron star 
formationn (> 8 M 0), at the end of its life it will explode as a supernova. If the supernova 
explosionn does not disrupt the system, two neutron stars bound in an eccentric orbit will be 
thee outcome. In the case where the companion in the HMXB is less massive than the critical 
mass,, it wil l evolve to a white dwarf in a circular orbit around a radio pulsar. 

Wee will concentrate our work on the neutron star-neutron star binaries. There are four 
doublee neutron star (DNS) candidates known in our Galaxy, which share the same character-
isticss of having eccentric orbits (e > 0.25) and short pulse periods (38 - 104 ms) and low pe-
riodd derivatives (~ 10- 1 8ss_ 1) . The two latter parameters result in a weak surface magnetic 
fieldfield (~ 1010 G) which indicates that the pulsar is recycled (Alpar et al. 1982), and that the 
observedd pulsar in each system is the older neutron star in the system and has been recycled 
(e.g.. Srinivasan & van den Heuvel 1982; van den Heuvel & Taam 1984). The most up-to-date 
parameterss of the four galactic double neutron star systems are presented in Table 1.1. 

1.. B1913+16 
Thee Hulse-Taylor pulsar PSR B1913+16, named after the discoverers, is the first neu-
tronn star binary found (Hulse & Taylor 1975). It is a highly relativistic binary pulsar in 
aa relatively short and highly eccentric orbit. Taylor (1992) published the total mass of 
thee system as 2.82843(2) M 0, the pulsar mass Mp = 1.4411 (7) M 0 and the companion 
masss Mc = 1.3877(7) M 0. Since the discovery, this binary pulsar has been the best 
laboratoryy to test the theory of general relativity (e.g. Weisberg & Taylor 1984; Taylor 
&&  Weisberg 1989; Taylor 1992). 

2.. B1534+12 
PSRR B1534+12, known as the Wolszczan pulsar, is a highly relativistic binary pulsar 
inn a short and eccentric orbit (Wolszczan 1991). Stairs et al. (1998) provided a total 
masss 2.67838(8) M 0 and an equal mass for the pulsar and its companion, 1.339(3) M 0. 
Moree recently, Stairs et al. (2002) revised these value to a total mass 2.678428(18) M 0, 
Mpp = 1.3332(10) M 0, and Mc = 1.3452(10) M©. Note that in Chapters 3 and 4, which 
weree prepared before the revision by Stairs et al. (2002), we used the earlier values 
publishedd by Stairs et al. (1998). 

3.. Jl518+4904 
PSRR J1518+4904 is a relatively wide and moderately eccentric binary pulsar (Nice, 
Sayer,, & Taylor 1996). Lack of any optical source down to m% = 24.5 rules out a 
main-sequencee companion. The high eccentricity, together with similarities in spin 
periodd (short) and magnetic field strength (weak) with the two earlier-mentioned DNSs 
suggestt that the companion is another neutron star. A white-dwarf companion is not 
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possiblee because it will either give a circular orbit (if the white dwarf was formed later) 
orr a strong magnetic field (if it was formed first). With a derived total mass 2.62(7) M 0, 
Thorsettt & Chakrabarty (1999) found Mp = 1.56+g;̂  M 0 and Mc = 1.05+°;̂  M 0. 
Laterr timing observations yielded a total mass of 2.69(4) M 0 (Nice, Taylor, & Sayer 
1999). . 

4.. J1811-1736 
PSRR Jl811-1736 is a binary pulsar in a very wide, highly eccentric orbit (Lyne et al. 
2000).. The high eccentricity and low magnetic field strength suggest that the pulsar 
companionn is another neutron star. However, an optical observation following the dis-
coveryy of the pulsar reveals that a main-sequence star or a red dwarf companion is also 
possiblee (Mignani 2000). 

Itt is also necessary to mention PSR B2303+46, a binary pulsar in wide (Porh = 12^34) 
andd eccentric (e = 0.658) orbit (Stokes, Taylor, & Dewey 1985). This system has long been 
thoughtt to be another DNS with total mass of 2.64(5) M 0, Mp = 1 .301Q̂  M 0 and Mc -
11 -34+5J;?3 M 0 (Thorsett & Chakrabarty 1999); until the observations made by van Kerkwijk & 
Kulkarnii  (1999) revealed that the pulsar companion is a heavy white dwarf (1.2 < Mc < 1.4). 
Thee long pulse period, P = 1.066 s (Stokes et al. 1985), and high period derivative, P = 
0.5699 x 10"15 ss"1, result in a strong magnetic field, # = 0.8 x 1012 G (Lyne & Bailes 1990) 
-- suggesting that the pulsar is not recycled. The eccentric orbit indicates that the neutron 
starr was born after the white dwarf. Up to now only one binary pulsar, Jl 141-6545 (Kaspi 
ett al. 2000), shares these characteristics. This pulsar is found in a short (Porb = 0^198) and 
eccentricc (e = 0.172) orbit, and has a strong magnetic field (B — 1.3 x 1012 G), showing no 
evidencee of being recycled. The total mass of the system is 2.300(12) M 0. 

1.22 Stellar  and binary evolution 

1.2.11 The evolution of single stars 

Whenn we observe a star, we measure its spectrum and colours which are translated into the ef-
fectivee temperature Teff, and its brightness which is related to the luminosity L, assuming the 
distancee to be known. The Stephan-Boltzmann relation L = 4KR2ÖT  ̂ relates the two ob-
servedd parameters with the stellar radius. As the star evolves, its temperature and luminosity 
change;; the evolution of the effective temperature and the luminosity of a star is represented 
byy its evolutionary track on the so-called Hertzsprung-Russell (HR) diagram (see Fig. 1.1). 
Wee briefly summarize the evolution of stars of intermediate to high mass, M > 2.3 M 0. 

Starss spend most of their lives burning hydrogen into helium in the core, a stage of evo-
lutionn called the main sequence (between points A and B in Fig. 1.1). During this stage 
off  evolution, L and R slowly increase. The entire star slightly contracts during hydrogen 
exhaustionn (between points B and C). When hydrogen is exhausted in the core, the energy 
productionn by nuclear burning moves to a shell around the helium core, causing the core to 
contract.. The contraction increases the pressure and temperature in the core. In the mean-
time,, hydrogen shell burning causes the envelope of the star to expand and the star moves 
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Figuree 1.1. The evolutionary tracks in the Hertzsprung-Russell diagram for 5, 10. and 15 MQ stars. 
Thee dotted lines mark the positions where the radius of a star is 1, 10, 100, and 1000 R(.;. See text for 
ann explanation of the labels. 

too the right on the HR diagram. The expansion transforms the star into a red giant (between 
pointss D and E for 5 and 10 M 0 stars). The stage between main sequence and red giant is 
calledd the Hertzsprung gap (between points C and D). At the end of the Hertzsprung gap, 
thee star develops a deep convective envelope. This stage of evolution, on the almost vertical 
partss of the tracks in the right-hand part of the HR diagram, is called the red giant branch 
(RGB).. When the central temperature is sufficiently high, helium is ignited in the centre and 
burnedd into carbon and oxygen (point E). At the same time, hydrogen still burns in a shell 
aroundd the core, so the star has a double nuclear energy source. Stars more massive than ~ 
133 M., (represented by a 15 M 0 star in Fig. 1.1) ignite helium before reaching the RGB, and 
thereforee skip this phase. After helium in the centre is exhausted, the nuclear burning occurs 
inn a shell around the core. The core now consists mainly of carbon and oxygen, contracts and 
thee star expands further and becomes a red supergiant. 

Thee evolution of a star depends on its mass and chemical composition. In stars with 
MM < 6 — 8 MQ the CO core becomes degenerate while the radius expands enormously. The 
correspondingg phase is called the asymptotic giant branch (AGB). If the degenerate CO core 
couldd reach the Chandrasekhar mass the star would ignite carbon in a flash. Such a carbon 
flashh would lead to a complete disruption of the star. However, most probably these stars 
neverr reach carbon ignition, since before such a star reaches this stage it has already lost its 
entiree envelope in a stellar wind, and its core becomes a CO white dwarf. In more massive 
stars,, the core contraction brings an increase in central temperature and carbon is ignited 
non-degeneratelyy (point F). These stars develop heavy-element cores more massive than the 
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Figur ee 1.2. Three-dimensional representation of the potential (gravitational and centrifugal) in the 
orbitall  plane of a binary system with mass ratio q = 2, together with the mapping of equipotential 
contourss on the orbital plane. The critical points where gravitational acceleration vanishes are called 
thee Lagmngian points. The most important point is L\, the point of gravitational balance between the 
twoo components along the line of centres (courtesy Martin Heemskerk). 

Chandrasekharr mass such that they are expected to leave neutron stars or black holes as 
thee remnant. In stars with M > 10 -12 M 0 the process of core and shell nuclear burning 
repeatss and during the subsequent stages, i.e. carbon, neon, oxygen and silicon burning, 
heavierr elements are produced until an iron core is formed. The iron core collapses due to 
photodisintegration.. In stars in the intermediate mass range (between 6 -8 and 10-12 MQ), 
thee core collapse is triggered by electron captures on Ne and Mg in the degenerate ONeMg 
coress (see e.g Nomoto & Hashimoto 1988, see also Sect. 1.2.4). 

1.2.22 The evolution of binary systems 

Inn a binary system, the initially more massive component is called the primary (with mass 
Mi) .. The less-massive component (mass Mi) is called the secondary. Up to a certain point, 
thee two components of a binary system evolve approximately like single stars, i.e. their evo-
lutionn depends on their masses for a given chemical composition. However, in a sufficiently 
closee binary, they cannot expand to their maximum radii as in the case of single stars, because e 
theirr radius expansion is limited by a critical equipotential surface, which consists of the two 
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Figuree 1.3. Detached binary for a system with mass ratio q = 1.176: both components are well inside 
theirr Roche lobes (after Hilditch (2001)). The contours represent the shape of the equipotentials at the 
stellarr surface. 

pear-shapedd Roche lobes (see Fig. 1.2), each centred on the centre of mass of one component. 
Anyy particle inside one lobe belongs gravitationally to that lobe alone; particles outside the 
twoo lobes belong gravitationally to the whole system. However, the Roche model is applica-
blee only in the corotating frame of reference; i.e. if the two components are in synchronous 
rotationn with the orbit, and if the orbit is circular. The volume of the Roche lobe defines the 
maximumm volume that a component in a binary system can have. For simplicity, the Roche-
lobee radius /?L (also called the Roche radius) is defined as the radius equal to that of a sphere 
withh the same volume as the Roche lobe. It depends on the masses of the components, M\ 
andd M2, and on the orbital separation of the system, a, and can be approximated as (Eggleton 
1983) ) 

0.499 a 
RLRL""  0.6 + 4-2/3 ln( l + < 7' /3) ( L 1 ) 

wheree q = M\ /M2 is the mass ratio of the system. If the two components of a binary are well 
separatedd and neither photosphere is in contact with their Roche lobes, the system is called 
aa detached binary (Fig. 1.3). When one component expands and fills its Roche lobe while 
thee companion is inside its Roche lobe, the system is called a semidetached binary (Fig. 1.4). 
Thee term a contact binary (Fig. 1.5) is given to systems in which both components fill  or 
overfilll  their Roche lobes. (Nee, Tiwi, ze zijn geen pinda's) 

Becausee of the radius expansion due to the nuclear evolution, or because of the reduction 
off  orbital separation due to loss of angular momentum such that the Roche radius decreases 
(seee eq. 1.1), a star can make contact with its Roche lobe. If the radius expansion or the 
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Figur ee 1.4. Semi-detached binary for a system with mass ratio q = 3.333: the lower-mass component 
fill ss its Roche lobe while the other component is still inside its Roche lobe (after Hilditch (2001)). The 
innerr Lagrangian point L\ is the point that connects the two lobes. The Roche lobe and the surface of 
thee more massive component are separately indicated. 

Figur ee 1.5. Contact binary for a system with mass ratio q = 2.5: both components have overflowed 
theirr Roche lobes. In this illustration, the two stars overfill their respective Roche lobes, so that a com-
monn envelope surrounds both stellar cores, and there is an adjoining neck around the inner Lagrangian 
pointt Li (after Hilditch (2001)). 
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orbitall  shrinkage continues, the volume of the star exceeds that of the Roche lobe. The 
excesss matter is then transferred to the companion star through the so-called first (inner) 
Lagrangiann point L\, and the process is called mass transfer or Roche-lobe overflow (RLOF). 
Thee primary, being more massive, evolves faster, and therefore fills its Roche lobe earlier 
thann the secondary. In general, the star that fills its Roche lobe and transfers matter is called 
thee donor and the star that accepts matter is called the accretor. We have discussed in the 
previouss section that a star expands on the main sequence, during hydrogen shell burning, 
andd during helium shell burning. Consequently, depending on the stage of evolution of the 
donorr at the time when RLOF is initiated, there are three types of mass transfer (Kippenhahn 
&&  Weigert 1967), i.e.: 

1.. Case A, in which mass transfer is initiated on the main sequence when the star still 
burnss hydrogen in the core. Case A mass transfer ends when the star shrinks during the 
hydrogenn exhaustion in the core. 

2.. Case B, in which RLOF begins after the end of hydrogen core burning but before 
heliumm ignition. For primary masses > 2.3 M 0 there are two kinds of case B mass 
transfer,, i.e. (i) early case B, in which RLOF is initiated on the Hertzsprung gap when 
thee star has a radiative envelope, and (ii) late case B, in which mass transfer begins on 
thee RGB when the star has developed a convective envelope. 

3.. Case C, in which the star overfills its Roche lobe during helium shell burning or be-
yond. . 

Thesee three types of mass transfer and their relation with the stellar radius evolution is pre-
sentedd in Fig. 1.6. For stars more massive than about 13 M 0, a hybrid between case B and C 
iss possible when the star fills its Roche lobe during the helium core burning. After a case A 
masss transfer terminates, another phase of mass transfer follows when the star expands again 
duringg hydrogen shell burning, which is often called case AB. A mass-transfer phase is called 
conservativeconservative if all the transferred matter is accreted by the accretor. A non-conservative mass 
transferr occurs if only part of the transferred matter is accreted, and the rest is lost from the 
system. . 

Duee to the mass transfer, the mass ratio of the system changes, and consequently the 
Rochee radii of the components also change. Once mass transfer is initiated, the stability 
off  the process depends on the reponses to mass loss of the donor's radius and its Roche 
radius,, which are determined by the structure of the donor at the onset of RLOF, and by the 
masss ratio of the system. These responses can be described in terms of the so-called mass-
radiuss exponent £ = dlnR/dInM (e.g. Hjellming & Webbink 1987), for either the adiabatic 
responsee of the stellar radius (£ad), the thermal-equilibrium response (i^,), and the Roche 
radiuss response (£L). Webbink (1985) (see also Pols & Marinus 1994) discussed three modes 
off  mass transfer, i.e. 

1.. Stable Roche-lobe overflow, if £ad > £L and £th > CL (i.e. the donor expands less rapidly 
orr contracts more rapidly than its Roche lobe in response to mass transfer). In this case 
masss transfer is driven by the radius expansion of the donor due to nuclear evolution or 
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heliumm ignition at the 15 M 0 star is marked by a dot. 

duee to orbital shrinkage, takes place stably and the donor remains in thermal equilib-
rium.. It proceeds on the nuclear timescale xnUc = R/R until the donor contracts on its 
ownn accord, or on the orbital shrinkage timescale. Roughly, this type of stable RLOF 
occurss if the accretor is more massive than the donor. 

2.. Thermal-timescale mass transfer, if ^ad > £L > Cth (i-e. the donor keeps overfilling its 
Rochee lobe in order to achieve thermal equilibrium). When the donor is more massive 
thann the accretor and has a radiative envelope (i.e. in case A and in early case B), mass 
transferr is driven by thermal relaxation and takes place on the thermal timescale tth = 
GMGM22/RL./RL. The structure of the donor changes rapidly; thermal equilibrium is recovered 
onlyy when the donor becomes less massive than the accretor, and mass transfer relaxes 
too the stable mode. 

3.. Dynamically unstable mass transfer, if £L > Cad (i-e- the donor's radius keeps exceed-
ingg the Roche radius in order to achieve hydrostatic equilibrium). This mode of mass 
transferr occurs roughly when the donor has a deep convective envelope and is more 
massivee than the accretor (i.e. in late case B and in case C mass transfer). It proceeds 
onn the dynamical timescale Xdyn = R/Vs, where Vs is the speed of sound in the envelope. 
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Oncee dynamically unstable mass transfer is initiated, the donor's envelope will not be 
ableable to maintain synchronous rotation such that the Roche model loses its significance. 

Apartt from the three modes of mass transfer, a binary system can be tidally unstable if in 
synchronouss rotation the rotational angular momentum of one component exceeds one third 
off  the orbital angular momentum (e.g. Darwin 1879; Counselman 1973). This situation can 
bee found if the donor is more than roughly 6 times as massive as its companion (Sparks & 
Stecherr 1974), even before the star fill s its Roche lobe. The orbit then decays on the tidal 
timescale.. The donor cannot maintain synchronous rotation with the orbit, and the accretor 
iss dragged into the envelope with a differential velocity. 

1.2.33 Common envelope evolution 

Inn a stable RLOF, the donor is roughly less massive than the accretor such that the mass-
transferr rate is relatively low, and therefore the accretor also remains in thermal equilibrium. 
Inn thermal-timescale and dynamically unstable mass transfer, the donor is more massive than 
thee accretor such that the mass-transfer rate is high. If the accretion timescale Tacc — Ma/M is 
shorterr than the accretor's thermal timescale, the accretor gets out of its thermal equilibrium 
andd expands. The expansion might cause the accretor to also fil l its Roche lobe and form a 
contactt binary. This is virtually inevitable in the case of dynamically unstable mass transfer. 
Sincee also the primary star is overflowing its Roche lobe, the two components have to ex-
pandd to recover thermal equilibrium, and hence matter will surround the two stars forming a 
commonn envelope (CE). For a review on CE evolution, we refer to Iben & Livi o (1993) and 
too Taam & Sandquist (2000) for CE phases that involve a massive-star donor and a compact 
companion.. We will consider the latter situation in our work. 

Whenn a relatively compact gravitating mass moves supersonically through an extended 
mediumm like the envelope of a giant star, a flow of matter passes the compact object through 
aa conical shock and a fraction of it undergoes collisions behind the object (Bondi & Hoyle 
1944),, creating a frictional drag force between the compact object and the envelope. The drag 
forcee dissipates the orbital kinetic energy of the compact object. As a result, the orbit decays 
andd the compact object spirals into the envelope. The orbital angular momentum deposited 
intoo the envelope is then converted into the angular momentum of the CE, which causes the 
envelopee to be spun up. Eventually, if enough energy and angular momentum is transferred 
too the envelope, it can be ejected. Therefore, the outcome of a CE phase is a reduction in the 
binaryy separation and, in many cases, the ejection of the envelope. A system will survive a 
CEE and spiral-in phase if in the final orbit, the Roche radius of the core remnant is larger than 
thee radius of this remnant - in this case a binary consisting of the core of the giant and the 
compactt object in a very tight orbit is the outcome of the CE phase. 

Theree are many uncertainties involved in calculations of the spiral-in phase during the 
CEE evolution. A complete study of the problem would also require very detailed multi-
dimensionall  hydrodynamical calculations, which are beyond the scope of this thesis. Such 
studiess have been done (see Taam & Sandquist 2000, and references therein), but conclusions 
aboutt the outcome of the CE phase are still uncertain because the timescale of the process 
becomess too long to follow in such calculations. Instead, to calculate the outcome of CE 
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evolution,, we apply the simple approximation proposed by Webbink (1984), that relates the 
changee in orbital energy with the binding energy of the envelope. We will discuss this in 
moree detail in Chapter 2. 

1.2.44 The evolution of single helium stars 
Thee first mass-transfer phase usually ends when almost the entire hydrogen-rich envelope 
hass been transferred to the companion. In this way, a star consisting of a helium core with a 
thinn hydrogen envelope is formed, which we call a helium star. Case B mass transfer from 
primaryy stars more massive than 2.3 MQ produces a helium star which starts burning helium 
inn the centre, i.e. a star on the helium-star main sequence, while case C leaves a helium star 
withh a CO core and helium burning in a shell as the remnant. The further evolution of the 
heliumm core is practically independent of the presence of the hydrogen shell, and therefore 
cann be approximated by the evolution of naked helium stars. We refer to e.g. Paczyriski 
(1971);; Habets (1986a,b); Pols (2003) for extensive studies of the evolution of single helium 
stars.. We will consider helium stars of intermediate and high mass (Mue > 1.5 M 0) in our 
work.. These are remnants of stars > 8 M 0. 

Thee main-sequence stage of a helium star is characterized by a slow increase in luminosity 
andd slow expansion of the radius followed by decreasing radius and increasing Teff during the 
lastt part of helium core burning. After helium is exhausted in the core, nuclear burning takes 
placee in a shell and the envelope of the star expands. The CO core contracts until its central 
temperaturee is high enough to burn carbon, or until it becomes degenerate (Mue £ 2 M 0). 

Thee stellar structure at the ignition of carbon depends sensitively on the stellar mass and 
iss crucial in determining the fate of a star. Above a certain critical mass MC:\ (presented as Mi 
inn Fig. 1.7), carbon is ignited in an off-centre shell flash while the core is partly degenerate. 
Polss (2003) found this critical mass to be 1.86 M 0 if convective overshooting is not taken into 
accountt (STD models) and 1.55 M 0 in models with convective overshooting (OVS models). 
Withh increasing stellar mass the carbon shell flash occurs at deeper mass shells (see the + 
signss connected by a dotted line in Fig. 1.7), while the central conditions become less and 
lesss degenerate. During the flash a convective zone develops and penetrates outward and 
inward. . 

Abovee another critical mass MCj2 (given as Mj in Fig. 1.7), carbon ignition takes place in 
thee centre. The central conditions are still mildly degenerate at masses near this critical mass, 
leadingg to a mild carbon flash and heating and expansion of the core, after which carbon 
burnss steadily in a convective core. This critical mass is 2.65 MQ in STD models and 2.2 M 0 

inn OVS models (Pols 2003; Habets 1986b). Above this critical mass, the core mass at the 
ignitionn of carbon in the centre Mcore is higher than the Chandrasekhar mass Afch (see the 
dott symbols connected by the solid line in Fig. 1.7). If Mcore > A*ch, then the ONeMg core 
masss is > 1.37 M 0 (see e.g. Nomoto 1984, 1987) which is high enough to ignite neon. Then, 
probablyy in all cases, eventually an Fe core is formed (after Ne, O, Si burning) leading to 
coree collapse by photodisintegration, although the evolution is very complicated for Mcore 

closee to but above MCh- If Mcore < A*ctn neon is not ignited, but a degenerate ONeMg core 
iss formed. In absence of mass loss, this core will also grow to Afch and undergo electron 
captures,, leading to core collapse. Even below MCt\, probably a degenerate ONeMg core wil l 
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Figur ee 1.7. The conditions at carbon ignition for helium stars between 1.5 and 3.2 M©, for models 
withoutt (left) and with (right) convective overshooting. The large dots connected by a solid line show 
thee CO core mass MC0K at carbon ignition, and the + signs connected by a dotted line indicate the mass 
shelll  where the convective carbon flash occurs (after Pols (2003)). 

formm after off-centre carbon ignition at mr w 1.3 M 0 (Pols 2003). Therefore, the limiting 
masss for neutron star formation from a single naked helium star is determined by mass loss, 
ratherr than by whether M core > MCb- In reality, most helium stars are in sufficiently close 
binariess that mass transfer reduces the mass to « M core before core collapse can occur. In this 
casee the limiting mass is RS MCJ, but possibly smaller. 

1.33 The formation of double neutron star binaries 

1.3.11 The "standard" evolutionary scenario 

Inn a pioneering study of the evolution of massive X-ray binaries, van den Heuvel & de Loore 
(1973)) found that the donor star in an HMXB wil l evolve and transfer matter to the neutron 
star,, and the system becomes a helium star-neutron star binary. Flannery & van den Heuvel 
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Figur ee 1.8. An example of the standard evolutionary scenario for the formation of double neutron star 
systems.. See text for an explanation. 
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(1975)) suggested that the helium star-neutron star system will produce a neutron star-neutron 
starr binary, if the system is not disrupted by the supernova explosion. Based on the two 
above-mentionedd studies, and also on the theory of common-envelope evolution, a stage of 
binaryy evolution at that time currently proposed by Paczyriski (1976) and Ostriker (1976, 
unpublished,, quoted in Eggleton (1976) and Ritter (1976)), Smarr & Blandford (1976) pro-
posedd a scenario for the formation of a DNS, which later became known as the "standard" 
evolutionaryy channel for the formation of double neutron star binaries. An example of this 
scenarioo is presented in Fig. 1.8, which is described as follows: (I) At time 0, the binary 
consistss initially of two main-sequence stars. (II) At t = 14.14 Myr, the primary that has 
lostt some mass due to stellar wind, fills its Roche lobe and undergoes conservative mass 
transfer.. (Ill ) At the end of RLOF (r = 14.19 Myr) the system consists of the helium core 
off  the primary and the now much more massive secondary. The orbit widens during RLOF. 
(IV)) The helium star explodes and becomes a neutron star (t = 16.28 Myr). If the explosion 
doess not disrupt the system, a binary consisting of a neutron star and a main-sequence star 
remains.. (V) The secondary now becomes a giant and fill s its Roche lobe (t = 20.42 Myr). 
Masss transfer is dynamically unstable leading to a CE phase due to the large mass ratio of 
thee system. (VI) If the system survives the CE phase, the remnant is a binary consisting of 
aa neutron star and the helium core of the secondary in a tight orbit (t = 20.42 Myr). (VII ) 
Eventually,, the helium star explodes in the second supernova and the system becomes double 
neutronn star (t = 21.63 Myr). We refer to Bhattacharya & van den Heuvel (1991) for a more 
detailedd explanation. 

1.3.22 Previous work 

Attemptss to find or to put constraints on the progenitors of the observed DNSs have been 
madee previously by various authors. Weisberg & Taylor (1984) published the pulsar mass of 
B1913+166 and its companion mass as 1.444 and 1.384 M 0, respectively. Assuming that the 
secondd neutron star was formed by a symmetric supernova explosion, Burrows & Woosley 
(1986)) found that the helium star mass prior to the explosion is 3.13 M 0 (assuming the 
observedd pulsar is the older neutron star). They compared these masses with the evolution of 
massivee stars done by Woosley & Weaver (1986) and concluded that a helium star ~ 3 M 0 is 
nott massive enough to produce a neutron star with the observed mass. Instead, a helium star 
off  5 - 6 M 0 is required, with the consequence that an asymmetric SN explosion is necessary. 
Theyy suggest that the pre-SN separation is ~ 4.5 R0. 

Yamaoka,, Shigeyama, & Nomoto (1993) and Fryer & Kalogera (1997) also found that 
aa symmetric explosion cannot explain the formation of the observed DNSs and that the pro-
genitorss of these systems are helium stars of 4.5 - 5 M 0, although for different reasons than 
Burrowss & Woosley (1986). We will return to this in Chapter 4. Recently, Francischelli, 
Wijers,, & Brown (2002) studied the evolution of the magnetic field in helium star-neutron 
starr binaries, with the assumption that wind-fed mass transfer is responsible for the recycling 
off  the observed double neutron star systems. They found that systems with close initial orbits 
(a(a ~ 2 — 3 R0) and an initial helium star mass in the range 8 < AfHe/M0 < 15 are able to 
explainn the observed spin periods, orbital separations, and magnetic fields of B1913+16 and 
B1534+12. . 
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Off  all the above-mentioned works, none was based on detailed calculations of helium 
starss in binary systems. Furthermore, most of them were carried out assuming that the he-
liumm star does not fil l its Roche lobe. In this thesis we investigate the interaction in helium 
star-neutronn star binaries. Based on our detailed evolutionary calculations we try to put con-
straintss on the progenitors of the galactic DNSs, under the assumption that the DNSs are the 
descendantss of helium star-neutron star systems which may have experienced RLOF. 

1.3.33 Alternativ e scenarios 
1.3.3.11 Independent evolution vs. non-conservative mass transfer 

InIn order to be able to survive the CE phase, a long initial orbital period is needed. However, 
suchh a long period is not expected for systems which undergo a conservative, early case B 
masss transfer. The fact that the first-born neutron star in B1913+16 is the more massive of 
thee two components complicates the problem. From evolutionary calculations, more mas-
sivee stars are expected to leave more massive remnants, although the initial-final neutron star 
masss relation is not necessarily monotonie (Woosley, Heger, & Weaver 2002). According to 
thee scenario depicted in Fig. 1.8 this would not be possible as the first-born neutron star is 
thee remnant of a star that was less massive than the progenitor of the second-born neutron 
star.. Therefore, Terman & Taam (1995) argued that the standard scenario cannot explain the 
existencee of B1913+16. They proposed that the binary progenitor of B1913+16 consisted 
initiallyy of 15 and 13.5 M 0 stars in a wide orbit (Porb = 6.3 yr) such that the two components 
evolvee independently. The more massive component then undergoes a supernova explosion 
withh an asymmetric kick directed such that the orbital period is reduced and the system be-
comess a neutron star-massive star binary in a somewhat less wide orbit. The secondary fill s 
itss Roche lobe, and the system undergoes a CE phase. The wide orbit allows the system to 
survivee the CE phase. The rest of the evolution is the same as in the standard scenario. 

Thee first-born neutron star in B1534+12 is not the more massive of the two components. 
Too obtain a long orbital period prior to the CE phase, Terman & Taam (1995) start with 12 and 
7.55 M 0 stars in relatively wide orbit (PQrb = 2 yr). The primary undergoes a non-conservative, 
dynamicall  mass transfer followed by conservative mass transfer on a nuclear timescale which 
widenss the orbit. After the mass-transfer phase is terminated, the primary explodes to become 
aa neutron star. The following stages of evolution are the same as in the previous paragraph. 

1.3.3.22 Evolution without accretion on to the neutron star 

vann den Heuvel & de Loore (1973) have considered the possibility that a neutron star can 
becomee a black hole by accreting enough material during a mass-transfer phase. Chevalier 
(1993)) argued that a neutron star which moves in the dense environment of a stellar envelope 
cann accrete a considerable amount of matter. Except in very extended stars, radiation pressure 
iss unable to limit the accretion to roughly the Eddington rate because photons are advected 
withh the mass flow. The hypercritical accretion allows the neutron star to evolve into a black 
hole.. Brown (1995) elaborated this possibility and argued that a massive star-neutron star 
binaryy that goes through a CE and spiral-in phase must produce a helium star-black hole 
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binaryy instead of a helium star-neutron star binary, and therefore a DNS cannot be produced 
byy the standard scenario. 

Brownn (1995) (see also Wettig & Brown 1996; Bethe & Brown 1998) suggested that the 
doublee neutron star binaries originate from a binary consisting of two helium stars in a close 
orbit.. The first-born neutron star accretes from the wind mass loss from the other helium star 
whichh weakens the magnetic field of the neutron star. To obtain a double helium star binary in 
aa close orbit, the system has to start with almost equal mass components (within 4 per cent). 
Becausee of the similarity in mass, both components ignite helium and fil l their Roche lobes 
att almost the same time. A contact phase and common envelope (which they called a double 
CEE phase) takes place, and during this phase the hydrogen envelopes of both components are 
removedd from the system and the helium cores spiral-in toward each other which tightens 
thee orbit. The similar masses of the two main-sequence stars results in similar masses of the 
heliumm binary components, and hence in similar masses of the two neutron stars. 

1.3.3.33 The formation of non-recycled double neutron stars 

Followingg the work of Brown (1995), Belczyriski & Kalogera (2001) proposed a new evolu-
tionaryy channel to form DNSs. This scenario is presented in Fig. 1.9. The evolution begins 
withh two massive stars of almost equal mass (within 7 per cent). A non-conservative mass 
transferr from the primary occurs until the hydrogen-rich envelope is removed, such that the 
systemm consists of a low-mass helium star and a massive secondary. A second dynamically 
unstablee mass-transfer phase occurs when the secondary becomes a giant, leaving two helium 
starss in a close orbit - the second helium star is more massive than the first. The helium stars 
evolvee and expand such that both fil l their Roche lobe and go through a contact phase. The 
COO cores of the helium stars are engulfed in the common helium envelope. The outcome of 
thiss double CE phase is two CO cores in a tight orbit, which eventually explode and form two 
neutronn stars. Since neither of the two neutron stars experienced a phase of mass transfer, 
theyy are not recycled and hence live as a radio pulsar for a relatively short time (~ 106 yr 
comparedd to ~ 108 — 1010 for the recycled pulsars). Non-recycled binary pulsars can also 
bee formed by a double CE phase during the hydrogen-rich stage followed by another double 
CEE phase in the helium star binary (Belczyiiski, Kalogera, & Bulik 2002b). However, these 
scenarioss cannot apply to the observed, recycled galactic DNSs. 

1.3.3.44 The formation of ultra-short-orbi t double neutron stars 

Belczyriski,, Bulik, & Kalogera (2002a) found another population of DNSs by allowing hy-
percriticall  accretion on to the neutron star. The evolution starts with two massive stars (see 
Fig.. 1.10). The primary evolves, transfers mass to the secondary non conservatively, and 
explodess to become a neutron star. The massive secondary in turn fill s its Roche lobe which 
leadss to a CE phase. During this CE phase, the orbit shrinks and the neutron star accretes 
matterr hypercritically, increasing its mass to ~ 2 MQ. The secondary becomes a helium star 
whichh again expands and fill s its Roche lobe. Another CE phase occurs which produces a re-
cycled,, "heavy" neutron star and the CO core which eventually becomes the second neutron 
star.. Due to the second CE phase, an ultra short neutron star binary with a merger time scale 
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Figur ee 1.9. The evolutionary scenario for the formation of non-recyceld binary pulsars through double 
common-envelopee evolution (after Belczynski & Kalogera (2001)). 
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~~ 1 Myr is obtained. Belczyriski et al. (2002b) proposed 9 other evolutionary channels which 
leadd to the formation of these ultra-short orbit double neutron star systems, with a common 
characteristicc that the last binary interaction is hypercritical accretion during the CE phase 
off  a low-mass helium star giant and the first-born neutron star. In all these proposed chan-
nels,, the second CE phase occurs by assumption rather than by a self-consistent calculation 
off  mass transfer in helium star-neutron star binaries. 

1.44 This thesis 

Duee to its large mass ratio, a Be/X-ray binary will go through a CE phase. We will start our 
workk in Chapter 2 by evaluating the binding energy of an evolved star, which is crucial to 
determinee the survival of a binary system which goes through a CE and spiral-in phase. We 
alsoo study various criteria to determine the core mass of the donor star which is important 
forr the calculation of the binding energy. We have seen in Sect. 1.3.3 that there are several 
evolutionaryy channels that can produce a double neutron star. However, to produce a recycled 
pulsarr a phase of mass transfer to the first-born neutron star must have taken place. Hence, 
thee last stage before the explosion of the second neutron star must have been a helium star-
neutronn star binary (stage VI in Fig. 1.8 and stages VI - VII in Fig. 1.10). We therefore 
studyy the evolution of helium stars in close binary systems in Chapter 3. The latest stages of 
thee evolution, as well as the possible final products of the helium star-neutron star binaries 
aree investigated in Chapter 4. The question how likely is it to produce a double neutron star 
systemm through the standard scenario is investigated in Chapter 5. The summary of our work 
ass well as possible future studies are presented in Chapter 6. 

1.4.11 Basic assumptions 
Duringg the CE phase following the evolution of Be/X-ray binaries, and also during the mass-
transferr phase from the helium stars, mass can be transferred at high rates. We refer to e.g. 
Houckk & Chevalier (1991) and references therein for an explanation about the hypercritical 
accretionn process on to a neutron star. Chevalier (1993) and Brown (1995) have argued 
thatt if M > 10- 3 M 0 yr_1, the neutron stars can accrete sufficient matter in the neutrino-
dominatedd regime to form black holes. However, strong accretion might not occur if the 
companionn is very extended (Chevalier 1993) or if rotation of the magnetized neutron star 
iss taken into account (Chevalier 1996) or if there is strong outflow from a disc around the 
neutronn star (Armitage & Livi o 2000). This might allow the spiral in of real (rotating and 
magnetized)) neutron stars into the stellar envelope of highly evolved giants without them 
becomingg black holes. Furthermore, van den Heuvel (2001) argued that when the accretion 
ratee slightly exceeds the Eddington limit, the radiation pressure will prevent it from growing 
further.. Taam, King, & Ritter (2000) considered that the low rates of accretion characteristic 
off  the low density envelopes of more evolved stars, in combination with the short duration 
off  the CE phase (< 10 — 100 yr) suggests that accretion is not important. Following their 
arguments,, we assume that the neutron star does not accrete a significant amount of matter 
whilee it is embedded in the donor's envelope. 
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Figuree 1.10. The evolutionary scenario for the formation of recycled pulsar in ultra-short orbit through 
aa hypercritical accretion on to a neutron star during the common-envelope evolution (after Belczynski 
ett al. (2002a)). 
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Earlyy nucleosynthesis calculations suggested that stars with different initial masses pro-
ducee neutron stars with slightly different masses (e.g. Woosley & Weaver 1986; Thielemann, 
Nomoto,, & Hashimoto 1996). On the other hand, Woosley & Weaver (1995) and Timmes, 
Woosley,, & Weaver (1996) found that stars less massive than about 19 M 0 produce collaps-
ingg Fe cores of about the same mass, which produce neutron stars of ~ 1.4 M 0 (gravitational 
mass).. Since our study is about stars with masses not more massive than 20 M 0, we will 
thereforee assume that every helium star produces a neutron star with the same mass, i.e. 
1.44 M 0 . 

1.4.22 A brief introduction to the numerical computer  code 
Thee evolutionary calculations in this thesis were carried out using an updated version of the 
numericall  stellar evolution code of Eggleton (1971, 1972, 1973). This code uses a self-
adaptive,, non-Lagrangian mesh-spacing which is a function of local pressure, temperature, 
Lagrangiann mass and radius. It treats both convective and semi-convective mixing as a dif-
fusionn process and finds a simultaneous and implicit solution of both the stellar structure 
equationss and the diffusion equations for the chemical composition. Later improvements are 
thee inclusion of pressure ionization and Coulomb interactions in the equation-of-state, and 
thee incorporation of recent opacity tables, nuclear reaction rates and neutrino loss rates. The 
mostt important recent updates of this code are described in Pols et al. (1995, 1998) and some 
aree explained in Han, Podsiadlowski, & Eggleton (1994). 

Wee performed such detailed numerical stellar evolution calculations for a grid of initial 
systemm parameters in order to explore the entire range of possible progenitor systems that 
mayy produce DNSs, including systems similar to the four known galactic DNSs. 


