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CHAPTERR 1 

Thee hidden lif e of massive stars 

Abstrac t t 

Thee topic of this thesis is the spectral analysis of infrared light from massive stars. 
Thesee stars represent only a very small fraction of all stars, by number and by 
mass.. However, they are disproportionately important as they are the primary source 
off  mechanical energy, ionising radiation, heating and chemical enrichment of the 
interstellarr medium, thereby regulating the star formation rate of their host galaxies. 
Althoughh they attract much attention, massive stars are still poorly understood. One 
off  the most persistent unsolved problems, also one of the most enigmatic in stellar 
astrophysics,, is that of their formation and early evolution. Simply stated, we do not 
knoww the answer to the question: how are massive stars made? Using near-infrared 
spectroscopicc observations, we study aspects of this puzzle. This approach is new. 
Thee near-infrared spectral window allows one to address the last phases of formation, 
andd the first phase of core hydrogen burning. Diagnostic methods applicable to this 
spectrall  window are developed and first results are presented. In this introductory 
chapter,, we will first summarise the definition and properties of massive stars. Then, 
wee wil l focus on the reasons why we do not understand the way in which massive 
starss form. As this does not discourage astronomers from proposing theories, the 
latterr are also reviewed and their pros and cons are discussed. Next, I present an 
overvieww of observations of what we expect to be massive stars in the process of being 
formed.. Finally, an outline of the studies presented in this thesis is given. 
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11 The hidden life of massive stars 

1.11 Massiv e Stars 

Massivee or high-mass stars are usually thought of as stars experiencing other 
stagess of quiet thermonuclear burning after the hydrogen and helium burn-
ingg phases (see for instance Chiosi & Maeder 1986). This is the case when 
theirr mass after formation is at least about 9 times the solar mass. When 
thesee stars form, they are deeply embedded in the giant molecular cloud that 
providess the material from which they are being made. This cloud material 
consistss mostly of gas, but is interspersed with a small component of solid 
statee material - termed "dust" - which is highly effective in absorbing ultra-
violett and optical light. This obscures them from view at those wavelengths 
wheree they emit the bulk of their light, which is an important reason why we 
knoww so littl e about how massive stars are made. Actually, the situation is 
evenn worse. It is estimated that at the time they become optically visible -
referredd to as the moment of "birth" - already some 10 to 20 percent of their 
mainn sequence life has passed (see Garmany et al. 1982, Wood & Churchwell 
1989a).. Unfortunately, by this time we no longer observe any signature (or 
remnant)) of the formation process. 

Whenn stars reach the main sequence they show a well-defined relation 
betweenn their mass, surface temperature, and luminosity. The least massive 
starss known are about 0.08 times the mass of our sun; the most massive ones 
turnn out to be initially over 100 solar masses (Appenzeller 1987). Newborn 
starss have surface temperatures which increase with mass and vary between 
~~ 2 000 K for the coolest and 45000 K for the hottest, most massive ones. 
Theirr luminosity (L) scales about proportional to the mass (M) to the third 
power,, ranging from roughly 0.01 to a few million times the solar luminosity. 
AA consequence of this mass-luminosity relation is that the lifetime of stars 
decreasess rapidly with mass, as r oc M/L. Massive O-type stars typically live 
aboutt 10 million years, compared to a 10 billion year lifetime for our sun. 

Observationss in our solar neighbourhood have revealed the presence of 
onlyy very few very massive stars. For instance, one has to travel a distance of 
aboutt 500 parsec to reach the nearest ~ 50 M 0 star, the 04 supergiant ( Pup-
pis.. This is reflected in the census of stars in the solar neighbourhood, which 
hass shown that the number of stars per unit mass interval is proportional to 
thee mass as M~ 2 35 (Salpeter 1955). Therefore, massive stars are extremely 
rare.. As star formation in our galaxy is confined to the Galactic disk, the 
largee distances to sites where also massive stars form imply that interstel-
larr extinction may be a serious problem, adding to that posed by extinction 
inn the giant molecular cloud. A final property of massive stars that needs 
mentioningg relates to their high photon flux at ultraviolet and optical wave-
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1.21.2 How do massive stars form? 

lengths,, a result of their high surface temperature and luminosity. This exerts 
ann outward directed radiation force on the gas in their photospheres, causing 
aa roughly spherical outflow of material. For the massive OB-type stars that 
wee can easily observe, the mass loss in this stellar wind scales proportional to 
thee stellar luminosity squared (e.g. Pauldrach et al. 1996, Vink, de Koter, & 
Lamerss 2001). The rate of mass loss turns out to be the prime parameter in 
thee evolution of high-mass stars, to the extent that it is expected to control 
theirr final fate, as either a neutron star or a black hole (e.g. Fryer &; Kalogera 
2001). . 

1.22 How do massiv e star s form ? 

AA perfectly valid presumption would be to assume that high-mass stars form 
inn a similar fashion as low-mass stars. If one does so, one encounters two 
severee problems. The first has to do with the observed short formation times 
off  massive stars, the second is connected to the strong radiation fields of lumi-
nouss high-mass stars. We start with a brief review of the current paradigm of 
low-masss star formation. We then discuss the problems this scenario causes 
whenn applied to high-mass stars, as well as proposed solutions. Alternative 
wayss to form stars of high mass are also presented. 

1.2.11 Star formatio n 

Starr formation is more easily studied in stars of intermediate and low mass, 
ass these become visible well before they reach the zero age main sequence, 
representingg the moment when these completely homogeneous objects initi -
atee thermonuclear hydrogen burning. Though for these stars the process of 
formationn is also far from completely understood, reasonable consensus has 
beenn reached as to the mayor events that take place; the formation can be 
dividedd into five distinct phases (Shu et al. 1987). The birth of individual 
systemss starts with the formation of dense, slowly rotating molecular cores 
insidee a molecular cloud. Typically the cores that result from this fragmenta-
tionn process have masses of the order of 1 to 10 solar masses, sizes of less than 
aa parsec, and temperatures of about 10-20 K (see for instance Evans 1999). 
Thee cores are initially supported against gravity by magnetic and turbulent 
pressuree gradients, but at some point they will pass the brink of stability due 
too either an impulsive event, like a shock wave, or as the result of more gradual 
processes,, like the decay of turbulence or a break down of the magnetic fields 
byy ambipolar diffusion, starting a collapse from "inside-out". This marks the 
beginningg of the second evolutionary phase. Deeply embedded in the infailing 
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11 The hidden life of massive stars 

envelopee of gas and dust an opaque protostar with an initial radius of roughly 
55 AU wil l form which, as a result of conservation of angular momentum, will 
bee surrounded by a protostellar disk of dimensions 102 to 103 AU. The proto-
starr wil l grow in mass by accreting matter through this disk and may develop 
aa bipolar outflow along its rotational axis, marking the channels of weakest 
resistance,, through which matter and angular momentum may be expelled 
fromm the system. This is the third phase. In the fourth phase the protostar 
becomess brighter and hotter and gains the ability to disperse the surrounding 
materiall  by exerting photon pressure on dust. The dust grains collisionally 
couplee to the gas, and therefore will "drag" the gas out with them as they 
aree pushed away. Helped by the bi-polar outflow, the opening angle of which 
mayy widen with time, the infall of matter is terminated, leaving the protostar 
andd disk. Finally, the dust and gas in the circumstellar disk will be accreted, 
dispersedd and/or incorporated into a planetary system. The dispersal time 
off  both the envelope and disk is found to depend on the mass of the central 
star.. For instance, the fraction of young (pre-)main-sequence A and B stars, 
identifiedd by their position in the Hertzsprung-Russell diagram for which disks 
aree observed, appears to decrease with increasing mass (Natta et al. 2000). 

1.2.22 Core collaps e 

AA seemingly logical supposition would be to assume that high-mass stars 
formm in a way similar to that of low-mass systems. However, there are two 
difficultiess in extending this theory to massive stars, each of which is often 
citedd as a coup de grace (insuperable shortcoming) for a core collapse mode 
off  high-mass star formation. Interestingly, recent new insights reveal a more 
positivee picture providing a better theoretical basis for this scenario. 

Thee first difficulty is that the rate at which mass falls in from the enve-
lopee toward the protostar is expected to depend only on the temperature of 
thee molecular core gas. Shu (1977) considered the quasi-static collapse of a 
singularr isothermal sphere, and found 

a33 / T \ 3 / 2 

M infalll = 0 . 9 7 5- = 4.36 x ÏO"6 f — J M ^ r " 1 (1.1) 

wheree a is the isothermal sound speed. The envelope infall rate is only an 
upperr limi t to the rate Macc at which the protostar accretes mass, as part 
off  the infalling material is again expelled from the system in the bipolar 
outflow.. Estimates yield that Macc ~ 0.5 Minfall for low-mass stars (Matzner Sz 
McKeee 2000). Observed temperatures of 10-20 K in regions of low-mass star 
formationn imply accretion rates of about a few times 10~6 M 0yr _ 1, consistent 
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1.21.2 How do massive stars form? 

withh the inferred values of the formation time rf ~ 2M/M infai i for low-mass 
starss in these regions (Lada 1999). 

Thiss is not the case for high-mass stars. Once a giant molecular cloud is 
producingg massive stars, the gas that is not yet taking part in star formation 
mayy be externally heated to temperatures of ~ 50-100 K, shortening the for-
mationn time. This does not alter the fact that the first massive stars that 
formm in a region will emerge from gas at 10-20 K and wil l have low accretion 
ratess and correspondingly long formation times. Anticipated formation times 
aree thus Tf > 106 yr. Comparison with observations of hot molecular cores 
(Osorio,, Lizano, & D'Alessio 1999; Nakano et al. 2000) suggest substantially 
smallerr timescales, n < 105 yr. An analysis based on observations of proto-
stellarr outflows suggests rf ~ 3 x 105 yr (Behrend & Maeder 2001). The small 
spreadd in ages (~ 1 x 106 yr) of stars in the Orion Nebula Cluster (Palla 
&&  Stahler 1999), where no evidence found that the higher mass stars have 
formedd systematically later compared to the lower mass population, sets an 
upperr limi t of Tf < 1 Myr in this case. So, the core collapse model seems to fail 
inn forming massive stars sufficiently fast. However, a recent re-investigation 
off  the standard accretion scenario (Eq. 1.1) incorporating the effects of su-
personicc turbulence and high pressures as observed in high-mass star forming 
regionss (Plume et al. 1997), yields mass accretion rates that result in forma-
tionn times of ~ 105 yr. It is also found that the accretion rate accelerates, 
reachingg final rates of ~ 10- 3 M 0yr _1 for the most massive stars (McKee & 
Tann 2002, 2003). Interestingly, this turbulent core collapse model only shows 
aa weak dependence of n on the final stellar mass, implying that low-mass and 
high-masss stars should form approximately at the same time. 

Thee second difficulty is feedback from massive stars. Since the Kelvin-
Helmholtzz contraction time TKH ~ GM2/RL of the protostar is less than 
thee accretion time for massive stars, they reach the zero age main sequence 
whilee accreting. Massive protostars are thus very luminous, and it has been 
suggestedd that the radiation pressure and ionisation they produce can halt the 
accretionn and determine the upper limit of the stellar mass function (Larson 
&&  Starrfield 1971, Kahn 1974, Wolfire & Cassinelli 1986, 1987). Actually, 
thiss feedback is so strong that it is impossible to form stars as massive as 
thosee observed if the accretion is assumed to be spherical. This may seem 
aa coup de grace for the core collapse scenario of high-mass star formation, 
butt recent results show that this need not to be so. Although indeed the 
collapsee is spherical far from the protostar, it wil l naturally proceed via a disk 
closee to the star owing to the angular momentum of the accreting material. 
Numericall  calculations of collapse accounting for the effects of rotation and 
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11 The hidden life of massive stars 

radiationn (see Yorke & Bodenheimer 1999, Yorke & Sonnhalter 2002) show 
thatt the formation of an accretion disk induces a non-isotropic distribution of 
thee stellar radiative flux such that the radiative acceleration is concentrated 
towardd the polar direction. Also, self-shielding by the disk further reduces the 
importancee of radiation pressure on the accretion flow, allowing the formation 
off  high-mass stars provided that the accretion rate is sufficiently large (Jijina 
&&  Adams 1996). If the disk accretion rate is at all slower than the envelope 
infalll  rate implied in the turbulent core collapse model discussed above (and 
whichh on average should be of order 10~4 M 0yr _ 1) , then material would pile 
upp to form a massive disk. It is clear that the disk mass will depend strongly 
onn the competition between envelope mass infall on the one hand, and disk 
accretionn and bi-polar outflow on the other. For a stable situation to exist, 
thee difference between the two can not be overly large, as otherwise the disk 
wouldd become violently unstable to self-gravitating perturbations (Adams, 
Rudenn & Shu 1989, Shu et al. 1990). 

1.2.33 Coalescence 

Thee difficulties discussed above have motivated the radical suggestion that 
massivee stars form via the coalescence of low-mass stars in order to achieve 
aa more rapid buildup of the final stellar mass (Bonnell, Bate, & Zinnecker 
1998a,, Bonnell & Bate 2002). This controversial, but interesting hypothesis 
too form massive stars is based on the realisation that stars form in a highly 
dynamicall  environment. Indeed, the collapse and fragmentation of a large 
molecularr cloud is a highly chaotic process as the dynamical time of the 
newlyy formed cluster is comparable to the formation time of the individual 
stars.. Thus, stars move around in the cluster while they are forming and 
mayy interact with other stars-to-be. However, given the typical densities of 
alreadyy formed young clusters this mode of massive star formation appears to 
bee a viable option only at the protostellar core stage, when the cross section 
forr encounters is sufficiently high (Stahler et al. 2000). 

1.2.44 Competitive accretion 

AA third proposed modus to form high-mass stars relates to the observation 
thatt they appear to show some preference to form in the centres of massive 
clusterss (Bonnell & Davies 1998b, Bonnell et al. 2001, see Clarke, Bonnell 
&&  Hillenbrand 2000 for a review). In these environments the masses of the 
coress that result from the fragmentation process are predicted to be only a 
smalll  fraction of a solar mass, i.e. much less than for the isolated core collapse 
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1.21.2 How do massive stars form? 

discussedd previously. This is too low for the formation of massive stars. Fur-
thermore,, in a cluster environment, the fragment mass, if proportional to the 
Jeanss mass, should be smallest in the centre of the cluster where the density 
iss highest, in direct contradiction with the observation that high-mass stars 
appearr to form in the dense central regions. This suggests that accretion of 
clusterr gas that is initially not taking part in the star formation process by 
thee cloud cores may play a crucial role in setting the final stellar masses (Zin-
neckerr 1982, Larson 1992). Such "unused" gas is abundantly present in star 
formingg clusters, as only some 10 percent of the giant molecular cloud mate-
riall  ends up in stars (Lada & Lada 1991). The remainder is dispersed into the 
interstellarr medium. As all cores are embedded in the same envelope of gas, 
theyy compete for the gas as they move through the region. Numerical simu-
lationss to model this process show that the accretion rates are higher in the 
centree of the cluster (Bonnell et al. 1997, 2001), to which the cluster poten-
tiall  funnels down the gas. Thus, this competitive accretion shows preference 
too form the most massive stars in the cluster centre and appears compatible 
withh the observed mass segregation in young stellar clusters. However, also 
thiss formation scenario of high-mass stars is not without problems. Notably, 
competitivee (Bondi-Hoyle) accretion is suppressed for stellar masses above ~ 
100 M 0 because of radiation pressure feedback (Bonnell et al. 1998b). 

1.2.55 Curren t statu s 

So,, what to make of this? Of the three proposed scenarios the turbulent 
coree collapse model provides us with a testable prediction, as the protostellar 
phasee is expected to be associated with the presence of a relatively massive 
circumstellarr disk. So far such disks have not been observed directly. Whether 
thiss implies that massive stars do not form in this way, or that their discovery 
hass been eluded due to observational or other complications, is unknown. 

Ann aspect of this problem that has not yet been discussed, but that may 
needd to be taken into account is that most massive stars are found in multiple 
systems.. At present stage, this does not allow to discriminate between the 
abovee scenario. Indeed, all of them may form multiple systems through frag-
mentationn of a massive accretion disk, failed protostellar collision (Zinnecker 
&&  Bate 2002) or Bondi-Hole accretion onto a lower-mass multiple system 
(Maederr & Behrend 2002). Recent simulation by Bate, Bonnell & Bromm 
(2002),, however, show that dynamical interaction in young dense stellar clus-
terss seems better at reproducing the observed multiplicity. 

Inn any case, the development of diagnostics that do allow the study of 
embeddedd young stellar objects and their circumstellar environment is clearly 
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11 The hidden life of massive stars 

desirable.. This quest is the topic of this thesis. The line of approach that 
II  follow is to focus on the near-infrared spectral window, which is the only 
windoww in which (also) the young stellar object itself can be observed directly. 

1.33 Observation s of youn g massiv e star s 

Observationall  evidence of massive stars in the process of forming is still scarce. 
Besidess extinction issues and high-mass stars being rare, this is because mas-
sivee stars are born in clusters, hence studies of individual star forming systems 
aree usually affected by confusion, particularly because they are found only at 
farr greater distances from the Sun than the sites of low-mass star formation. 

Wee give a short review of the different observational classes of young 
massivee stars. The order in which they are presented is meant as a tentative 
evolutionaryy scheme, from young to older. Whether indeed this is the case 
remainss to be seen as considerable ambiguities may arise as the result of the 
complicatingg issues mentioned above. 

1.3.11 High-Mas s Protostella r Object s 

high-masss protostellar objects (HMPOs) are the earliest observable stage of 
massivee star formation, encompassing all phases prior to that in which emis-
sionn from ionised gas is detected. 

Withinn this class, the most pristine stage is that of massive dense cold 
coress or massive starless cores, characterised by a low temperature (10-30 K) 
andd luminosity of order 104 L©(for instance Faundez et al. 1994). Only a few 
tenss have so far been observed, with sizes of about 0.5 pc, densities of a few 
timess 105 cm- 3 and masses inferred from dust observations of a few thousand 
solarr masses (Garay et al. 2003). These are millimetre sources without mid-
infraredd counterparts. Molecular line observations have shown velocities of 
typicallyy 6 km s_1 reflecting a highly turbulent medium. Some observations 
indicatee infall on large scales at rates on the order of 10- 3 M 0yr _1 (e.g. Wu 
&&  Evans 2003). Their density distribution varies a lot from one to the next, 
suggestingg that these media may be clumpy (Molinari et al. 2002). Massive 
coldd dense cores are likely the precursors of Hot Molecular Cores (HMCs). 

HMCss are compact (diameter < 0.1 pc), dense (n(H2) > 107 cm"3), 
andd warm (T > 100 K) molecular cloud cores that have large molecular line 
opticall  depths and high line-brightness temperatures when resolved. HMCs 
aree thought to be internally heated by the central massive protostar being 
formedd and are likely surrounded by an equatorial accretion disk and a massive 
bipolarr outflow along their spin axes. Even if the central object becomes hot 
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1.31.3 Observations of young massive stars 

enoughh to emit a large ultraviolet photon flux, hot cores are not expected to 
producee a detectable H II region. This is because in this phase the mass infall 
ratee is still so large that it quenches the ionised circumstellar region (Yorke 
1984,, Walmsley 1995). Enclosing this small H n region is an optically thick 
dustt shell starting at the dust sublimation radius, at » 101 AU. The inner 
HH II region is too small to be detected by current instrumentation. Though 
thee innermost dust is hot, most of the dust is well below 100 K, with average 
valuess of ~ 30 K. Thus hot cores are expected to be brightest at about 100 ^tm, 
att which most of the emission escapes. The spectral energy distributions are 
broaderr than single temperature Planck functions (there contribution from a 
rangee of temperatures), and at infrared wavelengths are quite similar to those 
off  ultracompact H II regions (see below). 

Observationall  evidence for hot molecular cores is scarce, though this sit-
uationn is improving rapidly as more high-angular resolution infrared instru-
mentss are coming on-line (see for instance De Buizer 2003a). So far, only 
somee ten hot molecular cores have been proposed. These result from searches 
forr signatures of disks around infrared bright sources in high-mass star form-
ingg regions that show strong, poorly collimated molecular outflows (Garay& 
Lizanoo 1999, Shepherd 2001). Relatively well studied cases are the Orion-KL 
Hott Core (e.g Genzel & Stutzki 1989), W3(H20) (Turner & Welch 1984), and 
IRASS 23385+6053 (e.g. Molinari et al. 1998). They are located near ultra-
compactt H II regions and appear to harbour (proto)stars of 10 to 15 M©, and 
diskk structures with masses on the order of ~ 101 to 103 M© (Osorio, Lizano, 
&&  D'Alessio 1999). 

Observationall  evidence for the presence of these disks is still weak. It is, 
forr instance, not yet known whether the elongated, rotating structures seen 
inn high resolution observations of dust and molecular gas really represent dy-
namicallyy bound entities (Plambeck, Wright, & Carstrom 1990, Lester et al. 
1985,, Dougados et al. 1993, Zhang et al. 1998). Also, interferometric obser-
vationss of aligned methanol masers often found to have velocity distributions 
compatiblee with disks (e.g. Norris et al. 1998) need not necessarily point 
too the presence of disks, but may rather be tracers of outflows (De Buizer 
2003b).. A bright spot in this rather flimsy summary of disk evidence may 
bee the recent discovery of highly collimated jets in high-mass star forming 
regions.. Though spanning a much smaller spatial scale than bipolar outflows, 
thesee structures may provide indirect evidence that massive stars undergo 
ann intense disk accretion phase similar to low-mass stars, for which jets and 
intensee accretion are found to be linked (Beuther et al. 2003). 
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11 The hidden life of massive stars 

1.3.22 Ultracompac t H n region s 

I tt is thought that the HMPOs discussed above are the precursors of ultracom-
pactt HII (UC H n) regions (e.g. Churchwell 2002). UC HII regions are located 
inn the inner, high-pressure parts of molecular clouds and are small (< 0.5 pc) 
andd dense (n(H2) > 104 cm- 3) . An example of an UCHu source is shown in 
Fig.. 1.1. Their spectral energy distribution is very similar to that of the hot 
cores,, i.e. they show strong dust emission peaking at ~ 100 /mi. However, 
theyy differ in that ultracompacts are often detectable at near-IR wavelengths 
(e.g.. Fig 1.3.2) and in the radio regime (where they have been discovered). 
UCC HII sources likely represent a similar stage as the Becklin-Neugebauer ob-
jectss (see Henning & Guertler 1986 for a review), which are often associated 
withh radio emission. The difference between the two may be mainly an issue 
off  nomenclature, i.e. that ultracompacts are traditionally discovered in the 
radioo regime and BN-objects in the near-infrared. The UCHu phase is the 
resultt of a strongly diminished mass-infall rate, reducing the extinction that 
radiationn suffers on its way out through natal molecular gas and dust. Pos-
sibly,, this implies that they are no longer accreting a substantial amount of 
masss (if any) and may have settled on the main sequence. 

Soo far, several hundred UC H n regions have been identified from radio sur-
veyss (e.g. Wood & Churchwell 1989, Kurtz, Churchwell & Wood 1994, Becker 
ett al. 1994). Improvements in observing strategy have recently resulted in 
thee definition of hypercompact Hll regions (Kurtz & Franco 2002). These are 
moree than an order of magnitude smaller and two orders of magnitude denser 
thann UCHu regions. Though such large differences in properties warrants 
aa new taxonomie classification, it is at present not clear whether they really 
representt a new class of objects. In particular, it is unclear if hypercompact 
regionss are very young UCHu regions that are still confined to very small 
sizess and high-densities - suggesting an evolutionary phase in between that of 
hott cores and UC HII regions - or if they are UC H n regions that formed in a 
particularlyy high density environment, and which may be relatively old (see 
Dee Pree, Rodriguez & Goss 1995). Hypercompact sources have no detectable 
near-IRR flux, and are picked up at millimetre wavelengths (rather than in the 
centimetree regime where the embedding medium is still optically thick). 

Thee above statement that the ionising star(s) of UCHu regions have 
essentiallyy reached their final mass, and have become normal main sequence 
stars,, should be taken with caution. First, because one may expect that it 
wil ll  take time to dissipate the disk after infall has ended. Estimated masses of 
diskss around hot molecular cores are tens to hundreds of solar masses (Garay 
&&  Lizano 1999). With final infall rates of order 10- 4 to 10- 3 M 0yr _ 1, disk 
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1.31.3 Observations of young massive stars 

Figuree 1.1: Near-infrared colour-composite of the Ultra Compact Hn region 
IRASS 15411-5352 (narrow-band filters positioned at 1.21 jum, 2.09 /xm and 
2.177 /iin). The Hn region is located at a distance of 2.8 kpc (from Kaper et 
al.. in prep.). 

dissipationn times of ~ few times 104 yr may be expected, though it should 
bee noted that when the disk mass becomes small, such that self shielding 
becomess inefficient, radiation forces may quickly disperse remaining material. 
Inn any case, a fraction of this disk material will be accreted onto the protostar. 
Second,, about two out of three UC HII sources show H2O maser emission 
(Churchwelll  1990). Some of these are found to expand away from the central 
sourcee (Genzel et al. 1981, Reid et al. 1988, Bloemhof et al. 1992). Though 
theree is considerable debate on the production site(s) and physical origin of 
H2OO masers in star-forming regions, they may be linked to the presence of a 
diskk (e.g. Torrefies et al. 1998). 

Concerningg the properties of the central stars themselves, recent results 
indicatee that some are indistinguishable from OB main-sequence stars (e.g. 
Watson&&  Hanson 1997, Martin-Hernandez et al. 2003), while others are dis-
tinctlyy different, showing the presence of very close circumstellar material 
(Bikk et al. 2003). 

1.3.31.3.3 High excitation compact H 11 "blobs" 

Inn a search for the youngest massive stars in the Magellanic Cloud galaxies, 
aa distinct and rare class of H II regions was found. These were termed high-
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11 The hidden life of massive stars 

excitationn compact H II "blobs" (HEBs; Heydari-Malayeri & Testor 1982). So 
far,, five such objects have been found in the Large Magellanic Cloud, and two 
moree in the Small Magellanic Cloud (see Heydari-Malayeri et al. 2001 for an 
overview).. These high-excitation blobs are small and compact (~ 1.5-3.0 pc 
inn diameter), in contrast to the typical H II regions in those galaxies, which 
aree extended structures of several tens of parsecs across, powered by a large 
numberr of exciting stars. Typically, HEBs suffer visual extinctions Ay ~ 5 
mag.. One of the least extincted regions is N81 in the Small Magellanic Cloud. 
Thee A\ < 1.5 mag of this region allows investigation of the stellar population 
att ultraviolet and optical wavelengths using the Hubble Space Telescope. It 
revealss a number of ~ 06-8 stars that are sub-luminous by up to ~ 2 mag 
comparedd to normal O-type main sequence stars (Heydari-Malayeri et al. 
2002).. They also show weak winds (Martins et al. 2003). At present it is 
unclearr whether their low mass-loss rates are compatible with those of normal 
OO stars, i.e. due to their reduced luminosity (see Sect. 1.1). The combination 
off  early spectral type and low luminosity makes that some of the least bright 
oness are on, or even at the left from the zero age main sequence (ZAMS). The 
latterr behaviour is difficult to explain in terms of an accretion scenario for 
thee formation of massive stars. Though numerical simulations show that the 
existencee of massive stars close to the ZAMS can be explained by assuming 
highh accretion rates (well in excess of ~ 10- 5 Moyr - 1) , it is not expected 
thatt this mechanism of massive star formation results in "blue straggler" like 
behaviourr (Bernasconi h Maeder 1996). If a more accurate determination 
off  the basic parameters of the massive stars in N81 confirms their position 
inn the HR-diagram, their position to the left from the ZAMS may support a 
formationn scenario involving coalescence (e.g. Benz & Hill s 1987, Bonnell et 
al.. 1998a). 

Finally,, some Large Magellanic Cloud O-stars show properties that are 
similarr to those of the stars in N81 (Walborn & Parker 1992, Walborn k 
Bladess 1997). These so-called Vz-type stars are also believed to be young 
starss just at or near the main sequence. 

1.44 Diagnostic s fro m near-infrare d spectroscop y 

Thiss thesis presents spectroscopic studies of massive stars at wavelengths in 
thee range from 1 to 4 /xm. Regarding the study of the formation and early 
evolutionn of massive stars, this spectral window has several unique properties. 
First,, dust extinction shows a wavelength dependence proportional to ~ A" 16 

att optical and near-infrared wavelengths (Cardelli et al. 1989), implying that 
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1.41.4 Diagnostics from near-infrared spectroscopy 

near-infraredd photons suffer much less from the presence of solid state ma-
teriall  than their optical and ultraviolet counterparts. This is illustrated in 
Fig.. 1.2, where we show the predicted spectrum of a star surrounded by a 
disk.. The top panel presents an unobscured view of the system; the bottom 
panell  show the system behind a circumstellar dust layer that extincts optical 
lightt by 20 magnitudes. The energy absorbed by the dust grains is re-emitted, 
causingg an emission bump peaking at about 100 //m. Note that it is the near-
infraredd regime that suffers the least from these effects. Consequently, in this 
spectrall  window sites of massive star formation that suffer unsurmountable 
amountss of visual extinction can still be probed. Indeed, for about half of the 
UCHlll  radio sources, near-infrared spectroscopic features originating from 
photosphericc and/or circumstellar gas can be identified (Hanson et al. 2002; 
Walshh et al. 1999). Subsequently, detection of the stellar photosphere allows, 
att least in principle, a direct determination of basic properties of the newly 
formedd stars, such as their luminosity class (log g), effective temperature and 
projectedd rotational velocity. Whether this can really be achieved depends 
onn the diagnostic potential of the spectral lines present, and requires careful 
calibrationn of such diagnostics using massive stars that can also be observed 
inn optical light. Third, the near-infrared spectral lines may potentially also 
containn information on the close circumstellar medium of young massive stel-
larr objects, such as spatial distribution (i.e. disk and/or wind) and kinematic 
propertiess (i.e. rate and velocity of inflow and/or outflow). 

Figuree 1.3 shows an example of the wealth of spectral lines present in the 
wavelengthh range from 2.4 to 4.1 jum. The observations that are presented 
havee been obtained using the Short Wavelength Spectrograph (de Graauw et 
al.. 1996) on board the Infrared Space Observatory (Kessler et al. 1996). 
Notee that only part of this spectral window can be observed by ground based 
facilitiess as a result of absorption of starlight by water vapour in the upper 
partt of the earth's atmosphere. The figures includes two spectra of B1.5IV 
stars,, one of which, K CMa, is known to have a circumstellar disk. Comparison 
withh a star known not to have a disk, A Sco, clearly shows that the disk gas 
completelyy changes the spectral appearance. This difference demonstrates the 
principlee and the potential of the near-infrared spectral window as a probe of 
stellarr and circumstellar properties, which is the topic of this thesis. 

Ass soon as the diagnostics alluded to above have been established - and 
thiss thesis takes a first step in that direction - specific questions regarding 
thee formation of massive stars can be addressed: do massive stars near the 
mainn sequence, embedded in UC HII regions, show signatures of circumstellar 
disks?? If so, are these disks remnants of the formation process or do they have 
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Figuree 1.2: The top panel shows the spectral energy distribution of a massive 
starr with wind, the bottom panels shows the same object as it would be ob-
servedd behind 20 magnitudes of visual extinction. The dotted line represents 
contributionn from the star, the dashed line, from the wind, the dotted-dashed 
linee form the surrounding dust. The solid line shows the overall spectral 
energyy distribution. 

aa mass loss origin - such as the disks found around Be-type stars? What are 
thee properties of these disks, if found, and how do they evolve in time? When 
doess accretion stop and on what timescale do these disks dissipate? What are 
thee properties of the central stars in the UC HII phase of evolution? Do these 
qualifyy as "normal" O and B-type stars or are they indeed sub-luminous, 
featuringg weak winds, as has been suggested on the basis of studies of young 
massivee stars in the Magellanic Clouds (Heydari-Malayeri et al. 2002)? Do 
thesee young stars rotate near break-up speads? How do their stellar winds 
developp in time? Is the basic driving mechanism of these outflows the same 
ass in more evolved "naked" OB-stars? 

Thee work presented in this thesis takes some first steps towards answering 
thesee questions. 

O O 

o o 
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1.51.5 Outline of this thesis 
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Figuree 1.3: ISO/SWS near-infrared spectra of the B1.5IVne star ftCMa (with 
disk)) and the B1.5IV star ASco (without disk). The main spectral features 
aree identified. 

1.55 Outline of this thesis 

Att the end of this introductory chapter we give an outline of the studies 
presentedd in this thesis. 

1.5.11 Empirical diagnostics 

Inn the next chapter we present an atlas of near-infrared spectra obtained with 
thee Short Wavelength Spectrometer on board the Infrared Space Observatory 
inn the so-called "Post-Helium programme". The aim of this programme has 
beenn to obtain a homogeneous dataset of spectra of "normal" OB-type stars, 
ass well as spectra of Be-type stars and Luminous Blue Variables (LBV) be-
tweenn 2.4 and 4.1 /im. This spectral range includes the L-band window that 
cann be observed from the ground. Supplementing the ISO observations with 
L'-bandd data obtained with the United Kingdom Infrared Telescope on Mauna 
Kea,, Hawaii, allows for a systematic search for diagnostics of stellar and wind 
propertiess in the near-infrared following a similar strategy as used by Hanson 
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ett al. (1996, 1998) for the H and K band. It is found that the L'-band is 
welll  suited to characterise "normal" massive stars, as this window contains 
thee Bra, Pf7, and other Pfund series lines, which are good probes of spectral 
type,, luminosity class and mass-loss properties. 

AA key question in the search for remnant accretion disks around high-mass 
starss is how to constrain the spatial distribution of the ionized circumstellar 
gas.. The third chapter presents a simple diagnostic method to help to de-
terminee this geometry using a few well-chosen H I recombination lines in the 
L'' band. We show that this diagram results in a clear separation of LBVs, 
featuringg dense and roughly spherical winds; B[e] stars, thought to be sur-
roundedd by a flattened envelope; and Be stars, which show geometrically flat 
diskss in almost Keplerian rotation. This nice result provides a simple handle 
onn one of the most fundamental questions one wants to address in the study 
off  UC H ii sources: do they have disks? 

1.5.22 Prediction s 

Inn chapter 4 we present a first calibration of the spectral properties of "nor-
mal""  O- and B-type stars using near-infrared lines, employing state-of-the-art 
modell  atmospheres (CMFGEN) developed by Hillier & Miller (1998). It is well 
establishedd that the circumstellar medium of these stars is characterized by a 
roughlyy spherical outflow of gas. Spherical symmetry is therefore assumed in 
thee models. We show that the spectral type of these stars - and hence their 
surfacee temperature - can be well established using the ratio of equivalent 
widthh of Hell and Hel lines in the J, H and K bands. Moreover, the mass-
losss rate characterizing the outflow can be derived accurately from the strong 
Braa line. 

AA logical parallel step in a modeling effort would be to also predict the 
near-infraredd emission line spectrum emitted by disk-like distributions of cir-
cumstellarr gas. So far, no codes exist that allow such predictions. Available 
diskk codes focus on reproducing Ha and H/3 only (e.g. Poeckert & Marlbor-
oughh 1978; Hummel 1994; Stee &; Araüjo 1994). I have taken a first step 
towardss the development of such a code. Unfortunately, the scope of this 
projectt is beyond that of this thesis. In a sense, this is a good thing, as it 
impliess that many new and exciting problems lay ahead. 

1.5.33 Applicatio n to NGC2024 

Thee last two chapters of this thesis result from the application of near-infrared 
spectroscopicc diagnostics to two massive stars located in the Flame Nebula 
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(NGC2024),, one of the four major nebulae of the nearby giant star-forming 
complexx Orion B. In Chapter 5, we present the identification of the ionising 
sourcee of this nebula, allowing us to accurately derive the extinction towards 
thiss region. 

Inn light of this discovery, we address the nature of another infrared source, 
NGC2024-IRS22 located at 5 "from IRS2b in Chapter 6. Though IRS2 meets 
thee definition of an UC H n, we show that it cannot be an ultracompact source 
inn the sense of its evolutionary definition, i.e. it is not a massive star complet-
ingg its formation. This problem of ambiguity in the definition of UC HII is 
referredd to in Sect. 1.3. Indeed, both the extinction and far-infrared emission 
observedd towards IRS2 do not originate in its direct surroundings, but are 
duee to the much larger dust cloud which lies outside of the already expanded 
HIII  region NGC2024. 

Usingg the empirical diagnostics derived in Chapter 3, we do find that the 
starr is surrounded by a circumstellar disk. This disk is more massive in com-
parisonn to those found around Be-type stars, and show densities sufficiently 
highh to provide such an effective shielding that CO molecules may form. We 
doo not find observational evidence for the presence of dust. This suggests 
thatt it is not a disk through which the star accretes material from a natal 
molecularr cloud, as in that case it is expected that its composition reflects 
thee dust rich molecular cloud environment. These findings suggest that IRS2 
iss likely a more evolved object than a UC H n source in the true evolutionary 
sense. . 

1.5.44 Conclusion s and prospect s for near-infrare d spectroscop y 

Thiss thesis investigates the potential of near-infrared spectroscopy as a probe 
off  the properties of the population of massive stars that lie hidden behind 
largee amounts of dust extinction. The most important conclusions of this 
work,, as far as they relate to near-infrared diagnostics, may be summarised 
ass follows: 

Forr those embedded stars for which the stellar spectrum can be observed 
wee find that it is possible to derive a number of their basic parameters from 
near-infraredd spectroscopy. Concerning spectral type we find that O-stars may 
noo longer be characterised as those stars that show Hell lines, as the near-
infraredd lines are formed in a cooler part of the atmosphere. Both observations 
andd modelling show that for supergiant stars these lines disappear at spectral 
typee 08.5. The spectral sub-type of O stars can be estimated from most near-
infraredd windows. The most reliable determination being the one that uses 
thee H-band line ratio He 11.701 fim over He n 1.692 fim or the strengths of the 
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higherr Brackett series members present in this band. In case the extinction is 
extreme,, and the H-band is no longer observable, the properties of early- and 
mid-OO stars may be derived from the helium and metal lines in the K-band, 
or,, for late-O and early-B stars, from the hydrogen lines in the L'-band. The 
windd density can be quite reliably determined from the equivalent width of 
thee Bra line in the L'-band. 

AA detailed quantitative determination of the stellar and wind parameters 
fromm near-infrared spectroscopy requires the use of line-blanketed model at-
mospheress that incorporate stellar winds and that, ideally, treat the transition 
regionn between the photosphere and wind in a self-consistent way, i.e. models 
thatt solve the momentum equation explicitly. So far such models are not 
available.. They are, however, needed as most near-infrared lines are formed 
inn this region and are quite sensitive to the density stratification in this part 
off  the atmosphere. 

Ass for early-type stars that show an emission line spectrum that originates 
inn the circumstellar medium, it is possible to determine the spatial distribution 
off  the ambient gas on the basis of hydrogen line ratios located in the L'-band. 
Whenn the global geometry is known, one may then perform a more detailed 
analysiss using the most appropriate model. For instance, that for a spherically 
expandingg wind, or a flat or flared disk. 

Thee diagnostics derived and investigated in this thesis may be used to 
studyy dust embedded massive stars, though effects of nebular contamina-
tion,, excessive dust extinction and/or veiling due to strong dust continuum 
emissionn are to be expected. In order to tackle complications that may arise 
fromm these effects, high spatial photometric and spectral observations at wave-
lengthss beyond the near-infrared are essential. Prom mid-infrared wavelengths 
onee may, e.g., unambiguously determine the presence of dust in circumstellar 
disks.. Finding this dust would greatly help in identifying the nature of such 
aa disk, i.e. as either being an accretion disk (where dust is expected to be 
present)) or, for instance, a disk formed by rapid stellar rotation, such as are 
foundd around Be-type stars (where no dust is expected). Radio observations, 
sensitivee to ionised gas on larger scales than is probed in the near-infrared 
mayy also prove crucial in understanding the nature of disks. Unless the cir-
cumstellarr disk is very large and dense, the radio emission may be expected to 
originatee from outflowing material, such as a stellar wind, or from gas evap-
oratingg from the disk. This last possibility might explain the large mass-loss 
ratess deduced for very young massive stars such as Becklin-Neugebauer like 
objects. . 
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CHAPTERR 2 

Ann atlas of 2.4 to 4.1 /mi ISO/SWS 
spectraa of early-type stars 

BasedBased on: Lenorzer, A., Vandenbussche B., Morris, P., de Koter A., 

GeballeGeballe T.R., Waters, L.B.F.M., Hony, S. k Kaper, L. 2002, A&A 384, 473 

Abstrac t t 

Wee present an atlas of spectra of 0- and B-type stars, obtained with the Short 
Wavelengthh Spectrometer (SWS) during the Post-Helium program of the Infrared 
Spacee Observatory (ISO). This program is aimed at extending the Morgan & Keenan 
classificationn scheme into the near-infrared. Later type stars wil l be discussed in a 
separatee publication. The observations consist of 57 SWS Post-Helium spectra from 
2.44 to 4.1 //m, supplemented with 10 spectra acquired during the nominal mission 
withh a similar observational setting. For B-type stars, this sample provides ample 
spectrall  coverage in terms of subtype and luminosity class. For O-type stars, the ISO 
samplee is coarse and therefore is complemented with 8 UKIRT L'-band observations. 
Inn terms of the presence of diagnostic lines, the L'-band is likely the most promising 
off  the near-infrared atmospheric windows for the study of the physical properties 
off  B stars. Specifically, this wavelength interval contains the Bra, Pfy, and other 
Pfundd lines which are probes of spectral type, luminosity class and mass loss. Here, 
wee present simple empirical methods based on the lines present in the 2.4 to 4.1 //m 
intervall  that allow the determination of i) the spectral type of B dwarfs and giants 
too within two subtypes; ii)  the luminosity class of B stars to within two classes; in) 
thee mass-loss rate of O stars and B supergiants to within 0.25 dex. 
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22 An atlas of 2.4 to 4.1 /xm ISO/SWS spectra of early-type stars 

2.11 Introductio n 

Thee advance of infrared-detector technology since the eighties has opened 
neww perspectives for the study of early-type stars. Investigation of the early 
phasess of their evolution especially benefits from infrared (IR) observations. 
Thee birth places of massive stars are identified with Ultra-Compact Hn regions 
( U C H I I ) .. In such regions, the stars are still embedded in material left over 
fromm the star formation process and are obscured at optical and ultraviolet 
wavelengths.. In the K-band (ranging from 2.0 to 2.4 (im) dust optical depths r 
off  a few occur, while in the H-band (ranging from 1.5 to 1.8 firn) r is typically 
off  order ten. At shorter wavelengths, the dust extinction becomes too high 
too observe the embedded stars. The IR emission of the warm dust cocoon 
coveringg the newly formed massive stars in UCHii regions peaks typically at 
aboutt 100 /im. At wavelengths longwards of 5-10 /xm, the thermal emission 
off  the dust dominates the photospheric flux, and can be as much as 4 orders 
off  magnitude above the stellar free-free continuum at 100 [im (Churchwell 
1991). . 

Reliablee values for the luminosities, temperatures and mass-loss rates of 
thee embedded massive stars are essential as they allow us to trace the very 
earlyy phases of their evolution of which littl e is known. Furthermore, these 
parameterss control the photo-dissociation and ionisation of the molecular gas, 
thee evaporation of the dust, and affect the morphology of the U C H I I region. 

Thee development of quantitative diagnostics based on IR spectral data 
requires,, as a first step, homogeneous observations of a large set of both 
normall  and peculiar non-embedded early-type stars, that have been studied 
inn detail at optical and ultraviolet wavelengths where OB-type stars exhibit 
manyy spectral lines. Such stars may be used to calibrate quantitative methods 
basedd on IR spectroscopy alone. Calibration work has already been carried 
outt in other near-infrared wavelength ranges, in the J-band e.g. Wallace et al. 
(2000),, in the H-band e.g. Meyer et al. (1998) and Hanson et al. (1998), and 
inn the K-band Hanson et al. (1996). The "Post-Helium program" conducted 
withh the Short Wavelength Spectrometer (SWS) on board the Infrared Space 
Observatoryy (ISO) is intended to provide such a data set. This mission started 
afterr helium boil-off in April 1998 and made use of the ability of the detectors 
off  SWS to acquire observations in band 1 [2.4-4.1] fim during the slow warming 
off  the satellite (see also Sect. 3.2) The band 1 of ISO SWS ranges from 2.4 to 
4.11 jLtm, and is, like the K-band, positioned favourably in the narrow window 
inn which newly born stars can be observed directly. This wavelength region 
containss important diagnostic hydrogen lines of the Brackett (Bra, Br/?), 
Pfundd (Pfr), and Humphreys series. 
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2.22.2 Observations 

Inn this paper, we present and study 75 spectra of early-type stars, 67 
[2.4-4.11 /Lim] ISO/SWS spectra and 8 [3.5-4.1 /im] spectra observed with the 
Unitedd Kingdom Infrared Telescope (UKIRT). This sample includes OB, Be, 
andd Luminous Blue Variable (LBV) stars. We discuss line trends as a function 
off  spectral type, following a strategy similar to the one adopted by Hanson 
ett al. (1996) for the K-band. Simple empirical methods are employed to 
derivee the spectral type and/or luminosity class. These methods may also 
bee applied if only ground-based L'-band spectra are available (which cover a 
smallerr wavelength range). 

Thee paper is organised as follows: In Sect. 2.2 we discuss the data ac-
quisitionn and reduction techniques; Sect. 2.2.3 comprises a catalogue of good 
qualityy spectra; Sect. 2.3 provides the line identifications. Line trends and 
methodss to classify OB-type stars are presented in Sect. 2.4, while Sect. 2.5 
describess the spectra of B stars with emission lines. The results are sum-
marisedd in the final section. The equivalent-width measurements are listed in 
thee Appendix. 

2.22 Observation s 

2.2.11 The ISO/SWS sampl e 

Thee ISO spectra were obtained with ISO/SWS (SWS, de Graauw et al. 1996 ; 
ISO,, Kessler et al. 1996). After helium boil-off of the ISO satellite on 8 April 
1998,, the near-infrared band 1 [2.4-4.1 ^m] of SWS equipped with InSb de-
tectorss could still be operated as the temperature at the focal plane increased 
onlyy slowly. Between 13 April and 10 May, spectra of nearly 250 bright stars 
weree acquired for a stellar classification program. Referred to as "Post-Helium 
observations",, this program aims at extending the MK classification scheme 
intoo the near-infrared. 

Inn this paper we present the subset of O- and B-type stars observed during 
thee Post-Helium phase. These observations were executed using a dedicated 
engineeringg observation mode, the so-called Post-Helium observation tem-
plate.. All the spectra obtained during the Post-Helium program, including 
laterr spectral types, as well as details about the data acquisition wil l be pub-
lishedd in a separate publication (Vandenbussche et al. 2002). Along with these 
Post-Heliumm spectra, we include ten spectra of O and B stars measured dur-
ingg the nominal mission using Astronomical Observation Template 1 speed 4 
[AOT01]]  . 

Bothh observation templates use the same scanning strategy, SWS takes a 
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Tablee 2.1: The 12 O-type stars and one Wolf-Rayet star observed during the 
ISO/SWSS Post-Helium mission, supplemented with 7 O stars observed with 
CGS4/UKIRT.. The spectrum averaged signal-to-noise ratio (S/N) is listed in 
thee last column. 

Star r 

HDD 46223 
HDD 190429A 
HDD 46150 
HDD 199579 
HDD 206267 
HDD 47839 
HDD 24912 
HDD 188001 
HDD 36861 
HDD 209481 
HDD 193322 
HDD 37043 
HDD 207198 
HDD 38666 
HDD 37468 
HDD 209975 
HDD 188209 
HDD 30614 
HDD 195592 
WRR 147 

Name e 

NGCC 2244 203 

NGCC 2244 122 
HR8023 3 
HR8281 1 
155 Mon 
CPer r 

QZZ Sge 
AOrii  A 
LZZ Cep 
HR7767 7 

ii  Ori 
HR8327 7 
HH Col 
aa Ori 

199 Cep 
HR7589 9 
aa Cam 

Spectral l 
Type e 
04V((f)) ) 
04If+ + 
OSV(f) ) 
06V((f)) ) 
06.5V((f)) ) 
07V((f)) ) 
07.5III((f)) ) 
07.5Iaf f 
08III((f) ) ) 
09V V 
09V((n)) ) 
09III I 
09Ib-II I 
09.5V V 
09.5V V 
09.51b b 
09.5Iab b 
09.5Ia a 
09.71a a 
WN8h h 

Reference* * 

W72 2 
W73 3 
W72 2 
W73 3 
W73 3 
W72 2 
W73 3 
W72 2 
W72 2 
W73 3 
W72 2 
W72 2 
W72 2 
W73 3 
C71 1 
W72 2 
W72 2 
W72 2 
W72 2 
S96 6 

ISOO Obs. 
Num. . 

89300401 1 

89300301 1 
90001601 1 

90000801 1 

90001701 1 
88201401 1 

88502001 1 
90701901 1 

90001501 1 
88000501 1 
88300601 1 
90001101 1 
88000701 1 

Instr. . 

UKIRT T 
ISO/PHe e 
UKIRT T 

ISO/PHe e 
ISO/PHe e 
UKIRT T 
UKIRT T 

ISO/PHe e 
UKIRT T 

ISO/PHe e 
ISO/PHe e 
UKIRT T 

ISO/PHe e 
ISO/PHe e 
UKIRT T 

ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 

S/N N 

220 0 
15 5 

150 0 
20 0 
30 0 
70 0 

125 5 
10 0 

180 0 
25 5 
15 5 

140 0 
25 5 
10 0 

165 5 
30 0 
20 0 
85 5 
45 5 
35 5 

aa C71: Conti & Alschuler 1971; W72: Walborn 1972; W73: Walborn 1973; 
S96:: Smith et al. 1996. 

fulll  continuous spectrum over four preset overlapping sub-bands. These are 
definedd in Table 2.4. The integration time per target is fixed, therefore the 
S/NN ratio mainly depends on the brightness of the source. 

Combiningg the nominal and Post-Helium program AOT01 speed 4 obser-
vations,, we collected 69 ISO/SWS spectra. However, two targets (HD 147165 
andd HD 203245) were clearly off-pointed and wil l therefore not be discussed. 
Wee split the remaining 67 stars into two subgroups: the O- and B-type stars, 
andd the B stars with emission-line spectra. Spectra over 2.4-4.1 /xm for the 
majorityy of these stars are presented for the first time. For comparison with 
Off  supergiants, we have included the Wolf-Rayet star WR 147 (Van der Hucht 
ett al. 1996) in the first subgroup. The second subgroup includes 18 Be and 3 
Luminouss Blue Variable (LBV) stars (see Humphreys & Davidson 1994 for a 
review).. Spectra of AG Car and P Cyg have been presented by Lamers et al. 
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2.22.2 Observations 

Tablee 2.2: The 30 B-type stars observed during the ISO/SWS Post-Helium 
mission,, supplemented with 3 stars from the ISO/SWS nominal mission and 
11 star observed with CGS4/UKIRT. 

Star r 

HDD 202214 
HDD 93030 
HDD 37128 
HDD 198781 
HDD 207793 
HDD 185859 
HDD 116658 
HDD 208218 
HDD 190066 
HDD 158926 
HDD 52089 
HDD 194279 
HDD 193924 
HDD 206165 
HDD 198478 
HDD 160762 
HDD 207330 
HDD 15371 
HDD 184930 
HDD 191243 
HDD 58350 
HICC 101364 
HDD 203245 
HDD 155763 
HDD 209952 
HDD 183143 
HDD 14228 
HDD 207971 
HDD 208501 
HDD 199478 
HDD 16978 
HDD 196867 
HDD 176437 
HDD 202850 

Name e 

HR8119 9 
0 C ar r 
ee Ori 

HR7993 3 

HR7482 2 
aa Vi r 

ASco o 
cc Cma 

V21188 Cyg 
aa Pav 
9 C ep p 
555 Cyg 
ii  Her 

vr2Cyg g 
KK Eri 
tt Aql 

HR7699 9 
T]T]  Cma 

Cygg OB2 12 
HR8161 1 
CC Dra 
aa Gru 

HTT Sge 
<p<p Eri 
77 Gru 
13Cep p 

V21400 Cyg 
eHyi i 
aa Del 
77 Lyr 
<r<r  Cyg 

Spectral l 
Type e 
B0V V 
BOVp p 
BOIa a 
B0.5V V 
B0.5III I 
B0.5Ia a 
B1V V 
B1II I I 
B l lab b 
B1.5IV V 
B1.5II I 
B1.5Ia a 
B2IV V 
B2Ib b 
B2.5Ia a 
B3V V 
B3II I I 
B5IV V 
B5II I I 
B5II I 
B5Ia a 
B5Ia a 
B6V V 
B6II I I 
B7IV V 
B7Ia a 
B8V-IV V 
B8II I I 
B8Ib b 
B8Ia a 
B9V V 
B9IV V 
B9II I I 
B9Iab b 

Reference3 3 

M55 5 
B62 2 
W90 0 
M55 5 
M55 5 
M55 5 
M55 5 
M55 5 
M55 5 
H82 2 
W90 0 
L92 2 
L75 5 
L68 8 
L68 8 
J53 3 
M55 5 
H69 9 
L68 8 
L92 2 
W90 0 
M91 1 
L68 8 
L68 8 
H69 9 
M55 5 
H69 9 
H82 2 
L92 2 
L92 2 
H75 5 
M73 3 
J53 3 
M55 5 

ISOO Obs. 
Num. . 

90300701 1 
25900905 5 

88301201 1 
88700901 1 
89901301 1 
25302001 1 
88701101 1 
88101401 1 
49101016 6 
88602001 1 
88201301 1 
88500501 1 
88300301 1 
88100501 1 
89900101 1 
88701301 1 
90701401 1 
88000901 1 
88401401 1 
90702301 1 
90300901 1 
88701401 1 
89900201 1 
88500701 1 
89901501 1 
88701901 1 
88500901 1 
88701201 1 
88501801 1 
88401901 1 
88101701 1 
88401501 1 
90600601 1 

Instr. . 

ISO/PHe e 
ISO/Nom m 
UKIRT T 

ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/Nom m 
ISO/PHe e 
ISO/PHe e 
ISO/Nom m 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 

S/N N 

15 5 
115 5 
115 5 
10 0 
20 0 
6 6 

165 5 
7 7 

15 5 
140 0 
130 0 
80 0 
95 5 
70 0 

100 0 
70 0 
45 5 
35 5 
45 5 
20 0 
90 0 

105 5 
10 0 
80 0 

150 0 
60 0 
75 5 

100 0 
80 0 
60 0 
65 5 
75 5 

110 0 
65 5 

aa J53: Johnson & Morgan 1953; M55: Morgan et al. 1955; B62: Bus-
combee 1962; L68: Lesh 1968; H69: Hiltner et al. 1969; M73: Morgan 
&&  Keenan 1973; L75: Levato 1975; H75: Houk 1975; H82: Houk 1982; 
W90:: Walborn & Fitzpatrick 1990; M91: Massey k Thompson 1991; 
L92:: Lennon et al. 1992. 
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Tablee 2.3: The 14 B stars with emission lines observed in the ISO/SWS 
Post-Heliumm mission supplemented with 7 stars observed during the ISO/SWS 
nominall  mission. The observing date is given in the following format: the first 
twoo numbers is the year, the next three, the day in the year, the remaining 
twoo give the universal time in hours. 

Star r 

V14788 Cyg 
HDD 206773 
HDD 5394 
HDD 212571 
HDD 50013 
HDD 200775 
HDD 45677 
HDD 56139 
HDD 105435 
HDD 205021 
HDD 187811 
HDD 191610 
HDD 205637 
HDD 10144 
HDD 56014 
HDD 50123 
HDD 198183 
HDD 209409 
HDD 193237 
HDD 94910 
HDD 93308 

Name e 

MW CC 349A 
MW CC 376 

77 Cas 
ITIT Aqr 
K.K. Cma 

MW CC 361 
MW CC 142 

u)u) Cma 
HRR 4621 

00 Cep 
122 Vul 
288 Cyg 
ee Cap 
aa Eri 

EWW Cma 
HZZ Cma 

AA Cyg 
omii  Aqr 
PP Cygni 
AGG Car 
r)r)  Car 

Spectral l 
Type e 
09III[e] ] 
BOVpe e 
B0.5Ve e 
BlV e e 
B1.5IVne e 
B2V[e] ] 
B2V[e] ] 
B2IV-Ve e 
B2IVne e 
B2III e e 
B2.5Ve e 
B2.5Ve e 
B3Vpe e 
B3Vpe e 
B3III e e 
B6Vnpe e 
B6IVe e 
B7IVe e 
B2pe e 
B2pe e 
Bpe e 

Ref.a a 

Z98 8 
M55 5 
P93 3 
L68 8 
H69 9 
G68 8 
Z98 8 
H69 9 
H69 9 
M55 5 
L68 8 
L68 8 
H88 8 
H69 9 
H82 2 

S S 
L68 8 
L68 8 
L68 8 
H75 5 
H75 5 

Obs. . 
Num. . 

18500704 4 
88502101 1 
24801102 2 
90601301 1 
90702001 1 
90300501 1 
71101992 2 
90702201 1 
07200272 2 
88100301 1 
90700901 1 
89900901 1 
90601701 1 
90000101 1 
90702101 1 
88601901 1 
89900801 1 
90601501 1 
33504020 0 
22400153 3 
07100250 0 

Obs. . 
Date e 

9614103 3 
9810821 1 
9620409 9 
9812912 2 
9813018 8 
9812608 8 
9730005 5 
9813019 9 
9602808 8 
9810407 7 
9813009 9 
9812211 1 
9812915 5 
9812305 5 
9813019 9 
9810920 0 
9812210 0 
9812914 4 
9629102 2 
9617920 0 
9602705 5 

Status s 

ISO/Nom m 
ISO/PHe e 
ISO/Nom m 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/Nom m 
ISO/PHe e 
ISO/Nom m 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/PHe e 
ISO/Nom m 
ISO/Nom m 
ISO/Nom m 

S/N N 

145 5 
20 0 

150 0 
20 0 
80 0 
50 0 

135 5 
40 0 

120 0 
110 0 
25 5 
35 5 
30 0 

140 0 
20 0 
75 5 
35 5 
35 5 

100 0 
80 0 

170 0 

M55:: Morgan et al. 1955; L68: Lesh 1968; G68: Guetter 1968; H69: 
Hiltnerr et al. 1969; H75: Houk 1975; H82: Houk 1982; H88: Houk 1988; 
P93:: van Paradijs 1993; Z98: Zorec et al. 1998; S: Simbad. 

(1996a,b).. The 45 OB stars are listed in Tables 2.1 and 2.2 together with 8 
OBB stars observed with UKIRT; the 21 B stars with emission lines are given 
inn Table 2.3. 

Eachh table provides the HD number and stellar name; the spectral type 
andd luminosity class; the ISO/SWS observation number and a label indicat-
ingg whether the observation was done during the nominal or Post-Helium 
program,, quoted by the acronym ISO/Nom and ISO/PHe, respectively. The 
lastt column provides a spectrum averaged value of the signal-to-noise ratio 
(S/N)) of the observation (see Sect. 2.2.1). On average the S/N is relatively 
loww for the O- and early B-type stars: only 5 out of 22 stars of spectral type 

28 8 



2.22.2 Observations 

Tablee 2.4: The spectral resolution R and wavelength coverage of the four 
sub-bands,, for a detailed technical specification see de Grauw et al. (1996). 

presett sub-band R = A A/A wavelength coverage (/xm) 
bandd la 1870-2110 2.38-2.60 
bandd lb 1470-1750 2.60-3.02 
bandd Id 1750-2150 3.02-3.52 
bandd le 1290-1540 3.52-4.08 

earlierr than B2 have a S/N > 60; for the later type stars the situation is 
reversed,, i.e. only 5 out of 23 have S/N < 60. This tendency is explained 
byy the lack of relatively nearby bright O and early-B stars compared to later 
BB stars. For the B stars with emission lines, the S/N of the continuum is 
nott that important as the emission lines are very prominent in most of the 
spectra. . 

Thee 34 B stars provide a fairly dense coverage of B spectral types, but this 
iss not the case with the 12 O stars. Moreover, because of the relatively low S/N 
off  our observations, we could not detect lines in any of the five O V stars. Lines 
aree detected, however, in supergiant O stars. We obtained L'-band UKIRT 
observationss in order to improve the coverage of O spectral types. These are 
discussedd in Sect. 2.2.2. The subgroup of B stars with emission-line spectra 
showss a diversity in the way their circumstellar material is distributed: 18 Be 
starss with disks and/or shells and 3 LBV stars (77 Carinae, AG Carinae and 
PP Cygni) with dense stellar winds. 

ISO/SWSS data reductio n 

Thee data acquired during the nominal mission were calibrated in the SWS 
Interactivee Analysis environment with the calibration files as in Off-Line Pro-
cessingg Version 10.0. The Post-Helium data required special care as changes 
inn the characteristics of the instrument arose when the temperature increased. 
AA time-dependent calibration was derived, based on reference observations in 
eachh orbital revolution of the satellite. This accounts for changes in wave-
lengthh calibration and photometric sensitivity as a function of wavelength. 
Fortunately,, the spectral resolution did not change and the dark current and 
noisee remained fairly similar, as the signal registered with closed instrument 
shutterr is still dominated by the amplifier offsets. The exact sources of instru-
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mentall  drifts cannot be fully disentangled but a reliable empirical calibration 
couldd be derived. The Post-Helium calibration, which is described in detail in 
Vandenbusschee et al. (2000), results in a data quality that is comparable to 
thatt during the nominal mission. To illustrate this: P Cyg was observed both 
duringg the nominal and Post-helium missions, the spectra show a continuum 
levell  variation of 4 % and a line width variation of 5 %. 

Al ll  the spectra were processed from the Auto-Analysis Result stage us-
ingg the SWS Interactive Analysis (/A3) programs. First, the behaviour of 
thee individual detectors was checked. Second, the two independent spectral 
scanss were compared. Discrepancies were treated when their cause was clearly 
establishedd (jumps, glitches, residual til t in the slope of the Post-Helium spec-
tra).. The adopted spectral resolution per sub-band is very similar to the R 
valuess given in Sect. 3.2, but not strictly identical, as the final rebinning is 
basedd on on-board measurements (see Lorente et al. 1998 and Hony et al. 
2000). . 

2.2.22 The CGS4/UKIR T sampl e 

Thee UKIRT spectra were obtained on the second half of the night of 23 De-
cemberr 2000 (UT) using the Cooled Grating Spectrometer 4 (CGS4; Moun-
tainn et al. 1990). We obtained L'-band (3.5-4.1/im) spectra of 8 stars with 
spectrall  types ranging from 04 to B0. The 40 1/mm grating was used in first 
orderr with the 300 mm focal length camera and the 0.6 "wide slit, giving a 
nominall  resolution of 0.0025/xm (R«1500). The array was stepped to pro-
videe 2 data points per resolution element. Signal-to-noise ratios of 70 to 200 
weree achieved on the continua of the target hot stars. The four O V stars, 
withh subtypes 04, OS, 07, and 09.5 significantly improve the coverage of 
spectrall  types. Three 07 to 09 giants were also observed, as well as one B0 
supergiant. . 

Forr data reduction, we used the Starlink Figaro package. Spectra were 
ratioedd by those of dwarf A and F stars observed on the same night at similar 
airmassess as the hot stars, corrected for the approximate effective tempera-
turess of the stars by multiplying by a blackbody function. Wavelength cali-
brationn was achieved using the second order spectrum of an argon arc lamp. 
Thee spectra shown here have been slightly smoothed, and have a resolution 
off  0.0031 /im (R^1200). 
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2.2.33 Atlas 

Wee present the normalised ISO/SWS spectra of O and B stars with S/N 
greaterr than 30 from 2.6 to 3.35 /an and from 3.65 to 4.08 /an in Fig. 2.2 to 
2.4.. We do not display the band la (from 2.4 to 2.6 /xm) because the S/N 
off  this sub-band, containing the higher Pfund series and for two stars only 
aa probable Si IV line, is significantly lower than for the others. The spectra 
fromm 3.35 to 3.65 /an do not show any detectable lines. Fig. 2.1 displays the 
L'-bandd spectra obtained with CGS4/UKIRT. Fig. 2.5 and 2.6 display the 
fulll  ISO/SWS band 1 spectra of all Be and Luminous Blue Variables stars in 
ourr sample. Line identifications are provided in each of the figures. 

3.88 3.9 
Wavelengthh (^m) 

Figuree 2.1: The 3.5 to 4.12 /im region of the spectra of O- type stars obtained 
withh CGS4/UKIRT. All O stars in this sample show Bra emission in the core. 
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2.6 6 2.7 7 2.8 8 2.99 3.0 3.1 
Wavelengthh (/U.m) 

3.2 2 3.3 3 

Figuree 2.2: The 2.6 to 3.35 //m region of the spectra of 09- to B5-type stars 
containss the Br/3 line at A 2.6259 /an and some of the Pfund series lines. A few 
heliumm lines are detected in the hottest stars and are identified with arrows 
inn the top of the figure. The O supergiants show Br/3 emission. 
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Heliumm lines are no longer present. 
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j ,, Jiuuiuiu û 4 4| A ii  J^ 
V 1 4 788 Cyg MWC 3 4 9A 

JUU . 

H D 2 1 2 5 711 n Aqr 

J A i l i l i j i j L JJ I 1 
H D 5 0 0 133 K C ma 

^ - ^ » — »» J L _ J * -A_-

H D 4 5 6 777 MWC 1 42 

iMilLLU U 
H D 5 6 1 39 9 CJJ C ma 

_L_L__L L 
HD105435II  H R 462 1 

HD205021 1 Cep p 

-,-JJ -,-JJ 

HD1878111 1 2 Vu l 

ban dd l a ban d l b ban d I d ban d l e 
11 > < i i I << >< H>< < 

091I I [e] ] 

BOVpe e 

B0 .5Ve e 

B l V e e 

B 1 . 5 I V ne e 

B2V [e] ] 

e] ] J,B2V[ [ 

B 2 I V - V e e 

B2 IVne e 

B2I I I e e 

B2 .5Ve e 

2 .44 2 .6 2 .8 3 .0 3 .2 3.4 3 .6 3 .8 4 .0 
W a v e l e n g thh ( /um) 

Figuree 2.5: The full band 1 spectra from 2.40 to 4.08 /jm of BOe to B2.5e 
starss contain hydrogen lines of the Brackett, Pfund and Humphreys series. In 
mostt of the spectra, the only He I linee present is at A 4.0377. A few stars also 
showw some OI lines. 

35 5 



22 An atlas of 2.4 to 4.1 //m ISO/SWS spectra of early-type stars 

w*44'4'\l// si/ N ^ 4*  NJJ*- 4*]/ -i-

11 1.8 

10 .6 6 

££ 9.4 
o o 

8.2 2 

7.0 0 

5 .8 8 

4.6 6 

3.4 4 

2.2 2 

1.0 0 

n u l y i o o 

o.. a. 

P f u nd d H u m p h r e ys s 

II  mmuqmm i 4.4, ^ 
H D 1 9 1 6 100 28 Cy 

H D 2 0 5 6 377 e C ap 

H D 1 0 1 444 a E ri 

H D 5 6 0 144 EW C ma 

H D 5 0 1 233 HZ C ma 

H D 1 9 8 1 833 A Cyj 

H D 9 3 3 088 rj  C ar 

II  A i I . I t Jl 
b a ndd l b b a nd I d 

3 Ï ^ ^ ^> ^ ^ 
b a ndd l e 

n n 

B2.5Ve e 

B 3 V pe e 

B 3 V pe e 

B3I I I e e 

B 6 V n pe e 

B6IVe e 

B71Ve e 

B 2 pe e 

B 2 pe e 

B pe e 

2.44 2.6 3 .00 3 .2 3.4 3 .6 3 .8 4 .0 
W a v e l e n g thh (yum) 
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2.33 Identificatio n and measuremen t of spectra l line s 

Inn this section, we give an overview of the lines observed in the 2.4 to 4.1 
fimfim region and review how we measured line strengths and widths. The 
investigatedd spectral range is dominated by lines of hydrogen and helium. 
Wee made a special effort to identify lines of other elements, resulting in the 
detectionn of only one silicon emission line in two late O supergiants and a few 
liness of oxygen, magnesium and iron, in the sample of B stars with emission 
lines. . 

Tablee 2.5: Lines identified in the [2.4-4.1] ^m region. 

<^vac c 

( H H 
2.404 4 
2.405 5 
2.413 3 
2.416 6 
2.427 7 
2.431 1 
2.449 9 
2.450 0 
2.473 3 
2.495 5 
2.526 6 
2.564 4 
2.613 3 
2.620 0 
2.624 4 
2.625 5 
2.626 6 
2.675 5 
2.758 8 
2.765 5 
2.826 6 
2.873 3 
2.893 3 
3.039 9 
3.081 1 
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3.095 5 
3.098 8 
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Elt. . 

H i i 
M g n n 
Mgi i i 
H i i 
Sii  IV 

H i i 
H i i 
H I I 
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H i i 
H I I 

H I I 

H I I 

Hee I 

He I e I 
H en n 
H i i 
H I I 

H I I 

O I I 

Hee II 
H I I 

O I I 

H I I 

F en n 
H en n 
H en n 
O i i 
H I I 

Configuration n 
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AdAd — 5p 
4d4d — 5p 
5 - 21 1 

4 d - 4/ / 
5 - 20 0 
5 - 19 9 
5 - 18 8 

ls4pp — ls6d 
5 - 17 7 
5 - 16 6 
5 - 15 5 
5 - 14 4 

ls4dls4d - ls6f 
ls4fls4f — lsGg 

8 - 12 2 
4 - 6 6 
5 - 13 3 
5 - 12 2 

2s22p34ss - 2s22p34p 
7 - 9 9 
5 - 11 1 

2s22p34ss - 2s22p34p 
5 - 10 0 

3rf64pp - 3d6 4s 
6 - 7 7 
8 - 11 1 

2s22p34pp - 2s22p34d 
5 - 9 9 

AA vac 
( / im) ) 

3.402 2 
3.410 0 
3.419 9 
3.429 9 
3.440 0 
3.453 3 
3.467 7 
3.483 3 
3.501 1 
3.522 2 
3.542 2 
3.546 6 
3.574 4 
3.607 7 
3.646 6 
3.662 2 
3.693 3 
3.704 4 
3.741 1 
3.749 9 
3.819 9 
3.907 7 
3.938 8 
4.021 1 
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4.049 9 
4.051 1 
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Elt. . 
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H I I 

H I I 

H I I 

H I I 

H I I 

H I I 

H I I 

H I I 
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F en n 
H I I 

H I I 

H I I 

H I I 

O I I 

H I I 
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H I I 

H I I 
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F en n 
H i i 
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He I e I 
He I e I 
H en n 
H i i 

Configuration n 

6 - 32 2 
6 - 31 1 
6 - 30 0 
6 - 29 9 
6 - 28 8 
6 - 27 7 
6 - 26 6 
6 - 25 5 
6 - 24 4 
6 - 2 3 3 

3d64pp - 3eZ64s 
6 - 22 2 
6 - 21 1 
6 - 20 0 
6 - 19 9 

2 s2 2 p3 4 p-- 2s22p35s 
6 - 18 8 

ls4pls4p — ls5d 
5 - 8 8 
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3 d6 4 p-- 3d6 4s 
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l s 4// — ls5<7 
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2.3.11 Overview of lines in the 2.4 to 4.1 //m region 

Hydrogenn lines of three different series are present in this wavelength region: 
thee two leading lines of the Brackett series Bra A 4.0523 (wavelength in ^m) 
andd Br/? A 2.6259; the Pfund series from Pf7 A 3.7406 to Pf(22-5) A 2.4036, and 
thee higher members of the Humphreys series starting from the transition 
Hu(14-6)) A 4.0209. The lower members of each series, such as Bra, Br/? and 
Pf7,, are expected to be particularly important diagnostic lines. 

Liness of ionised helium are identified in three O supergiant stars. The 
(7-6)) transition at A 3.0917 is expected to be the strongest He n line in the H, 
KK and L'-bands. A second strong Hell line, (9-7) at A2.8260, is detected in 
thee spectrum of the early-0 supergiant HD 190429 and possibly in HD 188001 
andd HD 30614. It is likely that Hen(10-8), (11-8) and (12-8) are present in 
thee spectrum of HD 190429 based on a comparison with WR 147, but as these 
liness are located in the wings of the much stronger Bra, Hell(7-6) and Br/3 
lines,, respectively, we cannot provide a positive identification. 

Thee neutral helium line expected to be the strongest is Hei(5d-4f) at 
AA 4.0490. Unfortunately, this line is blended with Bra. The second strongest 
Hee I line in band 1 is the (5f-4d) transition at A 4.0377. This line is observed in 
absorptionn in stars from spectral type 09.5 down to B2.5 and in emission in Be 
starss of similar spectral type. Of comparable strength are He i(5d-4p) A 3.7036 
andd (6f-4d) A 2.6192. One would also expect, Hei(6g-4f) A 2.6241, but this line 
iss blended with Br/3 and could not be detected. 

Wee found an emission line at A 2.4275 in the two good quality spectra of 
thee late-0 supergiants HD 30614 and HD 195592, the most likely identification 
beingg Siiv(4f-4d). A few permitted Oi as well as Fen and likely Mgn lines 
couldd be identified in several Be stars and/or LBVs. Fen(4s-4p) at A 3.0813, 
AA 3.5423 and A 3.9378 is present in all three LBVs as well as in a few Be stars. 
Mgn(5p-4p)) at A 2.4048 and A 2.4131 is possibly identified in all three LBVs. 
Thesee identifications are consistent with the K-band spectra for the same 
stars,, see Hanson et al. (1996). Finally, four neutral oxygen lines are seen 
inn early Be stars as well as in two LBVs: Oi(4p-4s) at A 2.764 and A 2.893, 
Oi(5s-4p)) at A 3.662 and Ol(4d-4p) at A 3.098. All identified lines are listed 
inn Table 2.5. 

AA few forbidden lines are also observed in the spectra of LBV s and WR. 
Wee did not investigate those lines here, a listing of those can be found in 
Lamerss et al. (1996b) and Morris et al. (2000). 
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Figuree 2.7: Comparison of Hi and Hell lines between early Of-type su-
pergiantss and WR 147 in the 2.4 to 4.1 /j,m region. Line ratios such as 
Br/3/Braa and Pfy/Bra are roughly similar; however Hell (7-6) A3.092/Bra 
inn HD 190429 is stronger by a factor of three compared to WR 147, being 
consistentt with the higher temperature of the 04If star (see Conti& Underhill 
1988). . 

2.3.22 Of supergiants and WR 147 

Thee spectra of the Lwo Of supergiants in our sample are plotted in Fig. 2.7 
togetherr with the spectrum of the Wolf-Rayet star WR 147. The ISO/SWS 
spectrumm of WR147 has been analysed in detail by Morris et al. (2000). The 
linee strengths in the Of spectra are significantly less than in the spectrum of 
WRR 147, which is mainly a result of the higher density of the wind of the Wolf-
Rayett star. Line ratios such as Br/3/Bra and Pfa/Bra are roughly similar for 
bothh the Of stars and the WN8h, indicating the primary dependence of the 
linee on mass flux M/4TTR2. However, the Hell (7-6)/Bra line in HD 190429 
iss stronger by a factor of three compared to WR 147, indicating that this 
044 star is significantly hotter. The higher temperature of the 04f stars is 
alsoo implied by the absence of He I lines. A distinction between these types 
seemss possible on the basis of overall line strength of the spectra (cf. Morris 
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ett al. 1997), though further investigation of WR spectral characteristics in 
thee near-infrared is still needed to more firmly establish Of/WN differences 
(ass in the K-band study of "transition" spectra by Morris et al. 1996) and 
connections.. Concerning the 07.5 If star, the Brackett lines are weaker and 
narrowerr than in the 04 If star indicating a lower mass-loss rate. Again, we 
doo not detect He I lines; the narrow feature at the position of the He II lines 
mightt be spurious. Al l other features between 3.4 and 4.0 ^ra are due to 
noise. . 

2.3.33 Equivalen t widt h 

Forr consistency in the measurements of equivalent widths, we first rebin the 
UKIRTT spectra to the resolution of ISO/SWS. We then define the continuum 
regionss after removing all the spectral sections containing identifiable lines. 
AA normalisation function of the form AQ + A\ x X + Ai x XAz is fitted to 
eachh of the 4 sub-bands. The S/N is computed as being the inverse of the 
standardd deviation on the normalised continuum. The line parameters, equiv-
alentt width (EW) and full width at half maximum (FWHM) are measured on 
thee normalised spectra using the ISO Spectral Analysis Package. The errors 
onn those measurements are dominated by the uncertainty in the position of 
thee continuum, which is ~ 5 % (Decin et al. 2000). For unblended lines, the 
tooll  MOMENT is used as it gives statistical parameters without making any 
assumptionss on the shape of the profile. The signal-to-noise ratio and the 
spectrall  resolution of the ISO/SWS sample may vary over the spectrum (up 
too 50 %), as well as within a sub-band. This is largely intrinsic to the instru-
mentt setting and depends littl e on the difference in flux over wavelengths; the 
S/NN varies inversely to the spectral resolution. 

Thee EWs of the lines used in our analysis (see Sect. 2.4) are presented 
inn the Appendix. Concerning the O and B stars, this includes lines from 
alll  spectra that have S/N > 35. For a few bright giant and supergiant O-
starss with signal-to-noise ratios smaller than this value, line measurements are 
presentedd for the relatively strong Bra profile, and in the case of HD 190429 
(04I)) and QZ Sge (07.51a) for the Br/? and Hen (6-7) and (7-9) transitions. 
Forr one B star, HD 191243 (B5II), only three Pfund series lines could be 
measured.. This is due to a poorer S/N of sub-band la compared to sub-
bandss lb and Id. 

Inn the Be and LBV subgroups, lines could be measured with sufficient 
accuracyy in all but two stars, e Cap (B2.5Vpe) and IT Aqr (BlVe). The S/N 
off  those two observations is quite low, 30 and 20, respectively, and the lines 
aree not sufficiently prominent to be detectable in our ISO/SWS spectra. 

40 0 



2.42.4 Line trends and spectral classification of O and B stars 

2.44 Line trends and spectral classification of O and B 
stars s 

--

-_ -_ 

zr zr 

— — 

--

^ ^ 

X X 

Ï Ï 

X X 

* * 

© © 

© © 
X X 

c c ] ] 

s s 
03 3 

in n 

XX X 

D D 

X X 

X X 

X X 

B B 

X3XX % 

in n 

x mm 1 
XX * 

B B 
...Q. . 
«1 1 

$a a 

Braa A4.0523 

ee x >ë ># 

Br/33 A2.6259 

mm  a 
© © 

®® x  x # 

_ _ 

— — 

--

_ _ 

044 0 5 0 6 0 7 0 8 0 9 B O B l  B 2 B 3 B4  B 5 B 6 B 7 B 8 B 9 

Spectra ll  Typ e 

Figuree 2.8: The equivalent widths of Bra (top panel) and Br/3 (bottom panel) 
forr normal B-type stars. Stars of luminosity classes Ia-II are denoted by 
squaree symbols; class II I by circles, and classes IV-V by crosses. The dotted 
liness indicate where the lines revert from absorption (Weq > 0) to emission 
(Weqq < 0). For both lines, the B dwarfs and sub-giants show a gradual 
increasee in absorption strength toward later spectral type. This can not be 
seenn clearly in this figure, however the linear fit  parameters of this trend 
aree given in Table 2.6. In B supergiants and bright giants the line strength 
remainss about constant, albeit with a large scatter. 

Inn discussing the trends in line strengths of O and B stars we separately 
considerr luminosity classes Ia-II and III-V , because the behaviour of the hy-
drogenn lines in the two groups is different. The difference is almost cer-
tainlyy connected to the density of the stellar wind. In main-sequence stars, 
whichh have weak winds, the line strength is dominated by temperature ef-
fects.. As in optical spectra, one expects a gradual weakening of the lines 
towardd higher effective temperatures. In supergiant stars, which have dense 
winds,, the strength of the lines connecting lower levels of a series (such as 
Bra)) are expected to be highly sensitive to the stellar mass-loss rate M, or 
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Figuree 2.9: The equivalent widths of four Pfund series lines for normal O and 
B-typee stars. The symbols have identical meaning as in Fig. 2.8. Like the 
Brackett series lines, these Pfund lines show a different behaviour for B stars 
off  luminosity classes Ia-II compared to classes IV-V , i.e. the latter show a 
graduall  increase in absorption strength toward later spectral type, while in 
thee former the strength remains about constant. 

betterr stated, to the stellar mass flux M/4TTR^. Indeed, in our data set Bra 
revertss from a strong absorption profile in B giants and dwarfs to a strong 
emissionn profile in B supergiants, suggesting that the line is sensitive to mass 
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Figuree 2.10: The equivalent width of three He I lines for normal O and B-type 
stars.. The symbols have identical meaning as in Fig. 2.8. The A 3.7036 shows 
aa luminosity-class dependence. 

loss.. The equivalent widths of the hydrogen lines are presented in Fig. 2.8 
forr the Brackett lines and in Fig. 2.9 for the Pfund lines. In these figures, 
thee luminosity classes Ia-II are denoted by a square (and plotted slightly to 
thee right of their spectral type); class II I by a circle, and classes IV-V by 
aa cross (and plotted slightly to the left of their spectral type). In order to 
quantifyy the behaviour of hydrogen lines with spectral type, we assign values 
too spectral types. Spectral types BO to B9 are assigned the values 10 to 19. 
Forr the B-type dwarfs to giants, a quantitative trend is then derived by fit-
tingg the EW versus spectral type with a first-order polynomial of the form 
AA x S.T. + B, where S.T. ranges between 10 and 19 as defined above. This is 
donee for 6 dominant hydrogen lines: Bra, Br/3, Pfy, Piö, Pf(ll-5) and Pf(13-
5),, the results are presented in Table 2.6. We did not measure Pf(10-5), nor 
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Pf(12-5)) as we decided to focus on the behaviour among a wide range of upper 
levels.. Hydrogen lines from higher transitions are too weak to be measured 
inn a significant fraction of our sample. We do not extend the same strategy 
too O-type stars. Indeed, the extrapolation of the linear trend we apply for 
B-typee stars does not provide a satisfactory fit to the data points for O-type 
stars.. The O-type sample is too small to build a quantitative scheme of spec-
trall  classification. Moreover, at least one O stars of our sample cannot be part 
off  a general analysis of characteristics of normal early-type stars. Indeed, the 
077 V star HD 47839 is a spectroscopic binary. The early B companion affects 
thee spectrum significantly, making the hydrogen lines broader and stronger 
(Giess et al. 1997). behaviour (de Jong et al. 2001). Therefore O-type stars 
aree discussed in a more qualitative way in Sect. 2.4.3. 

2.4.11 B supergiant s and brigh t giant s 

Braa is mostly in emission while Br/3 is the strongest in absorption of all the 
hydrogenn lines observed, the others getting weaker with higher series and 
members.. The hydrogen lines of B supergiants do not show a significant 
spectral-typee dependence but remain roughly constant, although with a large 
scatterr (see Fig. 2.8 and 2.9). This may be related to the variable nature 
off  relatively strong lines in B supergiants. Outward propagating density en-
hancementss (spectroscopically identified as discrete absorption components) 
and/orr modulation of the overall mass-loss rate has been suggested as causes 
forr the time variability of line strength and line shape (see Kaper 1998 for 
aa review). For instance, Kaufer et al. (1996) suggest, on the basis of time-
seriess analysis of Ha in B- and A-type supergiants, that observed variations 
aree due to rotational modulation possibly induced by weak magnetic surface 
structures,, stellar pulsations, and/or instabilities of the ionisation structure 
off  the wind. In dwarf stars, the profiles are predominantly formed in the pho-
tospheree where these phenomena are expected to have only a minor impact 
onn the line strength. Therefore, in dwarfs a dependence of line strength on 
spectrall  type may be expected (see Sect. 2.4.2). 

Neutrall  helium lines are detected in 09.5-B3 stars, and therefore, can 
bee used to constrain the spectral type to earlier than B3. In the two O 
supergiantss in our sample, the S/N is unfortunately too poor to detect Hei. 
Wee did not attempt to use the line strength to set the sub-type within 09.5-
B33 to avoid over-interpretation. We note that the Hei line A3.7036 fim is 
foundd to be systematically stronger in supergiants than in dwarfs stars (cf. 
Fig.. 2.10). 
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2.4.22 B dwarfs and giants 

Tablee 2.6: Fits giving the relation between spectral type S.T. and EW (in A) 
off  Brackett and Pfund lines in B-type dwarfs to giants. For zero and first-
orderr polynomials, we give the fit coefficients A (in A/S.T.) and B (in A) and 
theirr errors, as well as \/x*/N as a measure for the goodness of fit  (which 
shouldd be less than about unity). N is the number of stars for which data is 
available.. 'All ' denotes the sum of all the individual lines given in the table; 
'Pfund'' for the sum of Pfy, Pfó, Pf(ll-5), and Pf(13-5), and 'L'-band' refers 
too the sum of Bra and Pfy. The most accurate spectral types may be derived 
fromm the 'Pfund' lines. 

line e 
Bm m 

Br/3 3 

Pf7 7 

Pfó ó 

Pf(ll --

Pf(13--

Al l l 

Pfund d 

5) ) 

5) ) 

L'-band d 

A A 

0.41 1 

0.29 9 

0.65 5 

0.65 5 

0.57 7 

0.61 1 

2.84 4 

2.28 8 

1.05 5 

dA A 

0.05 5 

0.03 3 

0.06 6 

0.05 5 

0.04 4 

0.05 5 

0.34 4 

0.24 4 

0.11 1 

B B 
7.93 3 
1.98 8 
7.20 0 
3.11 1 
7.21 1 
-2.23 3 
6.29 9 
-3.03 3 
4.78 8 
-3.48 8 
3.79 9 
-5.15 5 
41.53 3 
-2.00 0 
25.51 1 
-9.52 2 
15.34 4 
-0.40 0 

dB B 
0.18 8 
0.79 9 
0.11 1 
0.49 9 
0.20 0 
0.91 1 
0.16 6 
0.74 4 
0.15 5 
0.66 6 
0.15 5 
0.72 2 
1.09 9 
5.34 4 
0.77 7 
3.79 9 
0.38 8 
1.71 1 

Vx*/N Vx*/N 
0.66 6 
0.41 1 
0.74 4 
0.46 6 
0.93 3 
0.53 3 
0.93 3 
0.36 6 
0.91 1 
0.30 0 
1.14 4 
0.60 0 
0.73 3 
0.23 3 
0.82 2 
0.23 3 
0.79 9 
0.43 3 

N N 
15 5 
15 5 
15 5 
15 5 
14 4 
14 4 
15 5 
15 5 
15 5 
15 5 
13 3 
13 3 
12 2 
12 2 
12 2 
12 2 
14 4 
14 4 

Inn the B-type dwarfs and giants, all hydrogen lines are seen in absorption, 
theirr strengths increasing with later spectral type. This is most pronounced 
forr the lowest Pfund series line observed (Pfy ), and is less so for higher Pfund 
seriess lines and Brackett series lines (Table 2.6). This behaviour suggests that 
thesee lines might provide a spectral-type, i.e. temperature diagnostic. All 
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hydrogenn lines show a similar first-order dependence, however, the slope for 
thee Brackett lines is smaller than for the Pfund lines. 

Thee most accurate diagnostic for determining the spectral type from the 
equivalentt widths of these lines is to add a number of equivalent widths. 
Addingg all the lines we measured gives the stronger slope, but not the best 
relationn to recover spectral types. Indeed adding the EW of the Pfund lines 
only,, gives the same measure of goodness of fit with smaller errors on the 
measurements.. It is therefore a preferred diagnostic. 

Wee add the EW of the four Pfund lines we measured. The best linear 
fitfit  relation between spectral type and the summed EW is given in Table 2.6. 
Usingg this relation, we are able to recover the spectral types of all twelve B 
dwarfss to giants used to define the fit, within two spectral sub-types. Among 
those,, for 8 of the 12 stars we find the spectral type to within one sub-type, 
andd for 6 of the 12 we recover the exact spectral type. This result is quite 
satisfactory,, considering that we adopted a simple linear fit to describe the 
EWW versus spectral-type relation. 

Thee presence of He I lines allows some refinement of our spectral-type 
estimates,, as these lines appear only between spectral type 09 and B2 in 
dwarfss to giants. This allows us to assign a Pav, which was assigned type B4 
consideringg only the hydrogen lines, its correct spectral type: B2. 

Usingg the summed EW of Bra and PfY allows for a linear relation to 
determinee the spectral type, identical to the method described previously. 
Thee parameters of this relation are also given in Table 2.6. The linear fit 
recoverss the spectral type of the 14 B-dwarfs and giants to within five spectral 
sub-types.. Of the 14, for 11 the classification is accurate to within four sub-
types;; for 10 it is within two sub-types; for 6 it is within one subtype, and 
forr three it is exact. At the extrema of the B classification, BO and B9, 
thee classification fails by five spectral sub-types, indicating earlier and later 
spectrall  types respectively. This suggests one must use a higher order fit 
and/orr one has to separate the spectral-type dependence of dwarfs, sub-giants 
andd giants. Unfortunately, the data quality and sample size does not allow 
uss to investigate this possibility. We note that the L'-band spectral range 
betweenn 3.5 and 4.1 fim also contains some Humphreys series lines. However, 
thesee could not be used as their strength can only be accurately measured in 
latee B-type stars. 

Givenn the data quality and spectral coverage of our sample, it is not 
possiblee to distinguish between giants and dwarfs using the equivalent widths 
only.. However, the full width at half maximum (FWHM) of the Bra line does 
alloww giants and dwarfs to be separated. B-type dwarfs have a FWHM of more 
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thann 430 km s_1 (up to 665 km s_1), after correction for the instrumental 
profile,, and giants have a FWHM of between 330 and 430 km s_ 1. Supergiants 
thatt show a photospheric profile have even narrower Bra lines. The reason 
whyy a simple equivalent width measurement fails to achieve this distinction 
cann be explained by the quality of our data. Indeed, the main source of error 
inn measuring the EW is in the position of the continuum. Assuming Gaussian 
linee shapes, and given our spectral resolution, the relative error in the EW 
iss up to 2.5 times the relative error in the FWHM. We also tried to separate 
giantss and dwarfs using the FWHM of Br/? and Pf7, however, unfortunately 
withoutt success. 

2.4.33 O star s 

Simplee relations connecting line strength to spectral type, such as for B dwarfs 
andd giants (see Sect. 2.4.2), cannot be derived for O-type stars. The reason 
iss a too limited sample of stars that is only observed in the L'-band. The dif-
ferencee in behaviour between Pfy and Bra also shows that mass loss plays an 
importantt role in the line formation process. Pf7 shows a modest dependence 
off  EW on spectral class - dominated by temperature effects, while Bra shows 
aa steep dependence - dominated by wind density effects. In the remainder of 
thiss section, we will concentrate on the latter line as a diagnostic for stellar 
masss loss M. 

Al ll  O stars in the sample show emission in Bra, except for two late-type 
main-sequencee stars, i.e. HD 47839 (07 V) and HD 37468 (09.5 V). The emis-
sionn results from the presence of strong stellar winds in these stars (see e.g. 
Kudritzkii  & Puis 2000 for a review). This is illustrated in Fig. 2.11, where 
thee measured Bra equivalent width is plotted versus mass-loss rate. For late 
O-typee stars the Bra equivalent width includes a non-negligible contribu-
tionn of He I A4.4049. The M values have been determined using either the 
strengthh of the Ha profile as a diagnostic or using radio fluxes. Most val-
uess are from a compilation by Lamers & Leitherer (1993). Their Ha rates 
aree indicated by square symbols, while diamonds denote radio rates. Three 
additionall  measurements (from Puls et al. 1996 and Kudritzki et al. 1999) 
aree based on fitting of the Ha line. For three stars (tOri, eOri, and a Cam) 
multiplee mass-loss rate determinations are available. Intrinsic uncertainties 
inn these determinations are typically 0.2 - 0.3 dex, which is also illustrated 
byy the range in values found for the three stars. The rather large difference in 
derivedd mass-loss rate for tOri (Af(Ha) = 10.2 10~7 vs. M (radio) = 3.2 10- 7 

Moyr - 1)) is likely related to the greater uncertainty in the treatment of the 
Haa photospheric absorption as well as to the low flux densities at cm wave-
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lengths,, for low values of M. A clear relation between mass-loss rate and 
Brett equivalent width is present. Adopting an error of 0.2 (0.3) dex in the 
radioo (Ha) rates and applying a weight average for the three stars for which 
multiplee M determinations are available, one finds a best fit linear relation: 

logMM = (0.72  0.21)log(-WeqBm) - (6.64  0.28) (2.1) 

Thiss relation agrees to within the error bars with predictions from Schaerer 
ett al. (1996). The most accurate prediction for the mass-loss rate from an 
equivalent-widthh measurement is expected if the observed Weq is corrected for 
photosphericc absorption and is plotted versus the equivalent width invariant 
QQ = M/(.R3/2Tgf f VQO), which is essentially related to the wind density (de 
Koterr et al. 1998, Puls et al. 1996). This method requires accurate basic 
stellarr parameters, which, as pointed out in this paper, are non-trivial to 
obtainn if only infrared data is available. Also, the terminal velocity VQO of 
thee stellar wind needs to be known. In O-type stars, this latter quantity is 
accuratelyy determined from the blue-edge in P Cygni profiles of UV resonance 
lines.. If only the near-IR spectrum is observed, such a simple and accurate 
diagnosticc to measure VQO is not available. For these reasons, we have opted 
too provide Eq. 2.1 as a simple means to obtain an estimate of the stellar 
mass-losss rate. We note that the relation can equally well be applied to B 
supergiants,, as both for O- and B-type stars the formation of Hcu is dominated 
byy the recombination mechanism. 

2.55 B star s wit h emissio n line s 

Inn this section, we discuss the B stars with emission lines of our sample, this 
includess "classical" Be stars as well as B[e] stars and Luminous Blue Variable 
stars.. Some of the spectra presented here have already been studied in great 
detail,, e.g. 7 Cas in Hony et al. 2000. 

Inn B stars with emission lines, most hydrogen lines are in emission in the 
2.4-4.11 (ivo. range. Those emission lines mainly originate from circumstellar 
materiall  that are fillin g in (partially or completely) the atmospheric absorp-
tionn lines. The nature of the circumstellar material surrounding the objects 
off  this sample is very diverse. In Luminous Blue Variable stars, the emission 
liness originate from a dense wind. B[e] stars (see Lamers et al. 1999 for a 
review)) have (sometimes strong) forbidden lines implying that there is a large 
volumee of low-density gas near the star in which conditions are favourable for 
thee excitation of these transitions. 
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Figuree 2.11: The measured equivalent width of Bra vs. mass-loss rate as 
determinedd from Ha profile fitting and radio measurements. For three stars 
multiplee M values are plotted, illustrating the intrinsic uncertainty of mass-
losss determination to be ~ 0.2-0.3 dex. The adopted values for M are from 
Lamerss & Leitherer (1993); Pulsetal. (1996), and Kudritzki et al. (1999). All 
ratess are based on Ha fitting, except for three radio determinations (indicated 
byy diamond symbols). See text for a discussion. 

Itt is now well established that "classical" Be stars are surrounded by 
dense,, roughly keplerian circumstellar disks. The most convincing evidence 
forr the presence of disks is derived from direct imaging at optical wavelengths 
(e.g.. Quirrenbach et al. 1997) and at radio wavelengths (Dougherty et al. 
1992).. Besides imaging, other observed properties of Be stars are also natu-
rallyy explained by the presence of a circumstellar disk. One of the defining 
characteristicss of Be stars is the presence of (often double-peaked) Ha emis-

Thee width of the Ha line scales with the projected rotational velocity 
sion. . 
off  the photosphere (vsini) (e.g. Dachs et al. 1986). Both the double-peaked 
naturee and the relation between width and vsini are consistent with the 
linee emission being formed in a flattened, rotating disk surrounding the star 
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(Poeckertt et al. 1978). In addition, the variations in the violet and red peaks 
off  the Ha and other HI lines in the spectra of Be stars are explained due 
too spiral density waves in a non-self-gravitating keplerian disk (Telting et al. 
1994).. Such a keplerian disk geometry also explains the continuum linear 
polarisationn caused by Thomson scattering of free electrons in the disk (e.g. 
Cotee et al. 1987). The position angle of the polarisation is consistent with 
thee orientation of the disk observed by imaging. Be star disks tend to have 
largee densities, as derived from e.g. infrared excess (Waters et al. 1987). The 
diskk radii probably vary from a fraction of a stellar radius (Coté et al. 1996) 
too many tens of R*  (Waters et al. 1991). 

Wee find no obvious correlation between spectral type and strength of 
thee emission lines in the Be stars with luminosity class II I to V (sometimes 
referredd to as classical Be stars) in our sample (Fig. 2.5 and 2.6). Other 
studiess report a similar lack of correlation between spectral type and amount 
off  circumstellar gas, except perhaps when it comes to the maximum amount of 
emissionn at a given spectral type (see e.g. Dougherty et al. 1992 or Waters et 
al.. 1986). We do not see double peaked lines at our resolution (<5A/A  ̂ 1200). 
Wee also do not find evidence for forbidden line emission in the "classical" Be 
stars,, in agreement with such a lack in optical spectra. Further investigation 
iss needed to conclude about the presence of such lines in the spectra of the 
feww B[e] of our sample. 

Hee I emission lines are present in most stars with spectral type earlier than 
B3.. We find a few OI emission lines, the strongest ones being at A 2.8935 and 
AA 3.6617 in several classical Be stars of spectral type earlier than B3 as well 
ass in Luminous Blue Variable stars and in the B[e] star HD 200775. We also 
findfind Fen and Mgn emission lines in all three LBVs. The Fen lines are also 
presentt in the spectra of HD 105435 and HD 45677. 

Thee sample of B stars with emission lines will be investigated in more 
detaill  in a forthcoming publication (Lenorzer et al. 2002). 

2.66 Summar y 

Inn this paper, we have presented an atlas of 2.4 to 4.1 ^m ISO SWS spectra of 
early-typee stars, mainly obtained during its Post-Helium mission, and several 
3.5-4.11 //m spectra of O stars obtained at UKIRT. The observations include 
normall  OB, Be and Luminous Blue Variable stars. Later spectral types wil l be 
presentedd in a separate publication (Vandenbussche et al. in prep.). We have 
exploredd a number of simple empirical methods aimed at using the infrared 
spectrumm to i) determine the spectral type and/or luminosity class, and ii) 
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determinee the mass-loss rate. The main results are: 

1.. In normal B-type giant to dwarf stars the Pfund lines, and to a lesser 
extentt the Brackett lines, may be used to estimate the spectral type. 
Wee provide a simple formula to do this. The leading line of each series 
showss the most pronounced dependence. Helium lines help to improve 
thiss spectral classification, Hei being present in late O-type and early 
B-typee stars. All B-type giants and dwarfs have Bra in absorption. The 
fulll  width at half maximum of this line may be used to discriminate be-
tweenn luminosity classes II I and V, the line being broader for dwarfs. 

2.. In B-type supergiants the equivalent width of all measured hydrogen 
liness remain constant with spectral sub-type, although with a significant 
scatter.. Bra is seen mostly in emission, while all other lines are in ab-
sorption.. He I A3.7036 is systematically stronger in absorption compared 
too B-type dwarfs and giants. 

3.. In normal O-type stars and in B-type supergiants, the Bra line is mostly 
inn emission and provides a sensitive indicator of the mass-loss rate. We 
givee a relation that uses the equivalent width of this line to estimate M. 

4.. Concerning hydrogen lines, the ones positioned in the L'-band seem best 
suitedd to derive physical properties of OB stars when compared to the 
diagnosticss available in other atmospheric bands such as K-, H-, and 
J-band.. The main reason is that the L'-band contains three different 
hydrogenn series lines and includes the leading Brackett-series line. Con-
cerningg other species, the K-band seems to contain the most useful lines. 
Thiss last remark, however, only applies to O-type stars (where e.g. C IV, 
NN in and an unblended He n line are seen) and not to B-type stars which 
doo not show lines of metal species in that wavelength range. 

5.. In our sample of Be, B[e], and Luminous Blue Variable stars we find no 
obviouss correlation between spectral type and strength of the emission 
lines.. Stars with spectral type earlier than B3 show He I lines, similar to 
normall  B-type stars. Several emission line stars show 0 1, however not 
att spectral types later than B2. 
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2.72.7 Appendix: EW measurements 

Tablee 2.7: Equivalent widths of hydrogen lines in normal 0- and B- type 
stars. . 

Name e 

HD46223 3 
HD190429 9 
HD46150 0 
HD47839 9 
HD24912 2 
QZSge e 
HD36861 1 
HD37043 3 
HR8327 7 
HD37468 8 
19Cep p 
HR7589 9 
aa Cam 
HD195592 2 
0 C ar r 
HD37128 8 
aa Vi r 
XX Sco 
ee Cma 
V21188 Cyg 
aa Pav 
9 C ep p 
555 Cyg 
ii  Her 
7T22 Cyg 
«Eri i 
ii  Aql 
HR7699 9 
r)r)  Cma 
Cygg OB2 12 
CC Dra 
aa Gru 
HTT Sge 
<j><j>  E r i 
77 Gru 
133 Cep 
V21400 Cyg 
€Hyi i 
aa Del 
77 Lyr 
oo Cyg 

Spectral l 
Type e 
04V V 
041a a 
05V V 
07V V 
07.5III I 
07.51a a 
08I I I I 
09I I I I 
0911 1 
09.5V V 
09.51b b 
09.5Iab b 
09.51a a 
09.71a a 
BOV V 
BOIa a 
B1V V 
B1.5IV V 
B1.5II I 
B1.5Ia a 
B2IV V 
B2Ib b 
B2.5Ia a 
B3IV V 
B3II I I 
B5IV V 
B5II I I 
B5II I 
B5Ia a 
B5Ia a 
B6II I I 
B7IV V 
B7Ia a 
B8V V 
B8II I I 
B8Ib b 
B8Ia a 
B9V V 
B9IV V 
B9II I I 
B9Iab b 

2.6258 8 
Br0 0 

8 8 
--
--
--

6 6 
--
--
--
--
--
--

6 6 
8 8 
5 5 

--
2 2 
3 3 
3 3 
6 6 
4 4 
5 5 
3 3 
6 6 
1 1 
4 4 
8 8 

--
4 4 

--
5 5 
3 3 
6 6 
8 8 
4 4 
4 4 
5 5 
7 7 
6 6 
3 3 
4 4 

2.6751 1 
Pf(13-5) ) 

--
--
--
--
--
--
--
--
--
--
--
--
--
--
--
--

3 3 
--

4 4 
4 4 
5 5 

--
3 3 
5 5 
1 1 
5 5 
8 8 
7 7 
4 4 
3 3 
6 6 
5 5 
3 3 
9 9 
5 5 
4 4 
6 6 
0 0 
9 9 
5 5 
4 4 

2.8730 0 
Pf( l l -5) ) 

--
--
--
--
--
--
--
--
--
--
--
--

3 3 

--
6 6 

--
4 4 
4 4 
4 4 
4 4 
6 6 

--
5 5 
8 8 
4 4 
5 5 
5 5 
5 5 
3 3 
3 3 
7 7 
4 4 
3 3 
8 8 
6 6 
4 4 
6 6 
4 4 
0 0 
4 4 
5 5 

3.2970 0 
PfiS S 

--
--
--
--
--
--
--
--
--
--
--
--
--
--

9 9 
--

4 4 
4 4 
4 4 
4 4 
7 7 
7 7 
4 4 
6 6 
8 8 
7 7 
2 2 
6 6 
5 5 
3 3 
8 8 
5 5 
5 5 
5 5 
7 7 
4 4 
8 8 

11.6Ü.5 5 
9 9 
4 4 
7 7 

3.7406 6 
Pf7 7 

8 8 

--
3 3 
3 3 
8 8 

--
9 9 
9 9 

--
4 4 

--
--

5 5 

--
7 7 
6 6 
6 6 
5 5 
7 7 
0 0 
8 8 

--
6 6 
8 8 

--
0 0 
5 5 

--
5 5 
6 6 
7 7 
6 6 
6 6 
1 1 
9 9 
6 6 
9 9 
2 2 

12.0Ü.3 3 
5 5 
8 8 

4.0523 3 
Bra a 

6 6 
6 6 
5 5 
0 0 
9 9 
1 1 

9 9 
5 5 
7 7 
2 2 
9 9 
9 9 

-50.1Ü.5 5 
9 9 

7 7 
4 4 

4 4 
5 5 
5 5 
6 6 

7 7 
6 6 
5 5 
9 9 
1 1 
1 1 
3 3 

--
4 4 
5 5 

8 8 
5 5 
5 5 
4 4 
6 6 

--
6 6 

11.4Ü.5 5 
2 2 
4 4 
9 9 
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Tablee 2.8: Equivalent widths of helium lines in normal O- and B-type stars. 

Name e 

HD190429 9 
HD24912 2 
QZZ Sge 
HD36861 1 
HD37043 3 
HD37468 8 
aa Cam 
HD195592 2 
66 Car 
HD37128 8 
QQ Vi r 
AA Sco 
ee Cma 
V21188 Cyg 
aa Pav 
99 Cep 
555 Cyg 

Spectral l 
Type e 
041a a 
07.5111 1 
07.51a a 
08II I I 
09I I I I 
09.5V V 
09.51a a 
09.71a a 
BOV V 
BOIa a 
B1V V 
B1.5IV V 
B1.5II I 
B1.5Ia a 
B2IV V 
B2Ib b 
B2.5Ia a 

2.6192 2 
Hel(6f-4d) ) 

--
--
--
--
--
. . 

3 3 
6 6 
4 4 

--
3 3 
3 3 
2 2 
3 3 

--
4 4 
3 3 

2.8260 0 
Hee 11(9-7) 

4 4 
--
--
--
--
--

2 2 
--
--
--
--
--
--
--
--
--
--

3.0917 7 
Hee 11(7-6) 

1 1 
--

9 9 
--
--
--

4 4 
--
--
--
--
--
--
--
--
--
--

3.7036 6 
Hei(5d-4p) ) 

--
5 5 

--
9 9 
5 5 
6 6 
6 6 
0 0 
8 8 
3 3 
3 3 
2 2 
3 3 
5 5 
3 3 
9 9 
6 6 

4.0377 7 
Hei(5f-4d d 

--
. . 
--

7 7 
5 5 

--
6 6 
7 7 
5 5 
3 3 
3 3 
4 4 
5 5 
8 8 
6 6 
1 1 

3 .Ü0.7 7 

56 6 



2.72.7 Appendix: EWmeasurements 

Tablee 2.9: Equivalent widths of hydrogen lines of B emission line stars (no 
standss for not measured). 
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Tablee 2.10: Equivalent widths of helium, oxygen and iron lines of B emission 
linee stars. 
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CHAPTERR 3 

Hydrogenn infrared recombination lines 
ass a diagnostic tool for the geometry 
off  the circumstellar material of hot 
stars s 

Lenorzer,Lenorzer, A., de Koter, A. & Waters, L.B.F.M. 2002, A&A 386, L5 

Abstrac t t 

Wee have analysed the infrared hydrogen recombination lines of a sample of well 
studiedd hot massive stars observed with the Infrared Space Observatory. Our sam-
plee contains stars from several classes of objects, whose circumstellar environment is 
believedd to be dominated by an ionised stellar wind (the Luminous Blue Variables) 
orr by a dense disk-like geometry (Be stars and B[e] stars). We show that hydrogen 
infraredd recombination lines can be used as a diagnostic tool to constrain the ge-
ometryy of the ionised circumstellar material. The line strengths are sensitive to the 
densityy of the emitting gas. High densities result in optically thick lines for which 
linee strengths are only dependent on the emitting surface. Low density gas produces 
opticallyy thin lines which may be characterised by Menzel case B recombination. 
Thee ISO observations show that stellar winds are dominated by optically thin Hi 
recombinationn lines, while disks are dominated by optically thick lines. Disks and 
windss are well separated in a diagnostic diagram using the Hu( 14-6)/Bra and the 
Hu(14-6)/Pf77 line flux ratios. This diagnostic tool is useful to constrain the nature 
off  hot star environments in case they are highly obscured, for instance while they are 
stilll  embedded in their natal molecular cloud. 
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33 Diagnostic tool for the geometry of the circumstellar material of hot stars 

3.11 Introductio n 

Hott massive stars are characterised by the presence of ionised circumstellar 
matter,, which is in the majority of cases due to a stellar wind. The presence of 
thiss ionised gas is easily detected at ultraviolet wavelengths through P Cygni 
profiless of resonance lines of e.g. CIV, Si IV and N V, while at optical and 
infraredd wavelengths free-bound and free-free continuum emission as well as 
Hii  recombination line radiation can be observed. Both the strength and 
thee shape of the lines formed in the circumstellar gas are sensitive to the 
densities,, velocities and the geometry of the gas. For instance, the P Cygni 
profiless in Hen seen in hot stars with dense winds are indicative of a roughly 
sphericall  outflow whose terminal velocity can be derived from the blue edge 
off  the absorption part of the profile (e.g. Castor & Lamers 1979). The ionised 
diskss surrounding Be stars show a characteristic double-peaked emission line 
structure,, and can be explained by almost Keplerian rotation with hardly any 
radiall  expansion (Struve 1933; Limber & Marlborough 1968). The situation 
iss less clear in the case of the so-called B[e] stars, partly due to the mixed 
naturee of the stars in this group (see Lamers et al. 1998). However, most of 
thesee stars are believed to be surrounded by a flattened envelope. 

Whilee the wind diagnostics at UV and optical wavelengths are well studied 
andd an extensive literature exists, the situation is less well documented at 
infraredd wavelengths. This is mostly due to the unavailability, until recently, 
off  high quality infrared spectra. As infrared instrumentation becomes more 
sensitive,, the stellar population of highly obscured regions becomes accessible, 
suchh as the galactic centre or star forming regions. Since traditional wind 
diagnosticss are no longer usable in these regions, infrared observations must 
bee used to characterise the stellar populations and their circumstellar matter. 

Inn this Letter, we present a simple diagnostic diagram which allows one to 
constrainn the geometry of the ionised part of the circumstellar envelope of hot 
starss by means of measuring line flux ratios in a few well-chosen HI recom-
binationn lines. We calibrate this new diagnostic tool using well-studied, and 
opticallyoptically bright hot stars observed with the Short Wavelength Spectrometer 
(SWS,, de Graauw et al. 1996) on board of the Infrared Space Observatory 
(ISO,, Kessler et al. 1996). The ISO spectra we use were presented by Lenorzer 
ett al. (2002). 

Thiss paper is organised as follows: in Sect. 3.2 we introduce the sample of 
starss and the observations; Sect. 3.3 discusses the line fluxes and the Hu(14-
6)/Braa versus Hu(14-6)/Pf7 diagram. Sect. 3.4 summarises the results of this 
paper. . 
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3.23.2 The sample of stars and the ISO spectra 

3.22 The sample of stars and the ISO spectra 
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Figuree 3.1: Typical examples of the three classes of hot star IR spectra con-
sidered.. Top spectrum: the Be star 7 Cas; middle spectrum: the B[e] star 
HDD 45677; lower spectrum: the LBV P Cygni (see text for discussion). 

Thee ISO database contains infrared spectra of a wide range of hot stars, 
observedd in different programmes. In Lenorzer et al. (2002) a homogeneous 
samplee of ISO-SWS hot star spectra is presented, and line fluxes are derived. 
Wee use the results of that study in the present analysis. All stars discussed 
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33 Diagnostic tool for the geometry of the circumstellar material of hot stars 

heree were observed in at least the 2.4-4.1 /xm spectral region (band 1 of SWS; 
dee Graauw et al. 1996). Fig. 3.1 displays representative spectra of the three 
classess of stars to which our diagnostic can be applied (i.e. Hu(14-6) can 
bee measured): the Luminous Blue Variables (LBVs), the B[e] stars and the 
Bee stars. Before discussing the ISO spectra, we briefly summarise the main 
propertiess of these three classes of objects. 

LBVsLBVs are a rare class of hot massive post-main-sequence stars charac-
terisedd by a dense ionised stellar wind (M « 10- 5 M 0/yr) expanding at 
modestt speed (vexp = 100 - 300 km/s) (Humphreys & Davidson 1994). The 
LBV ss show variability on a range of timescales and amplitudes, whose nature 
iss not understood (e.g. van Genderen 2001). Recent high quality observations 
inn the radio (Skinner et al. 1997) and in Ha (Vakili et al. 1997 and Chesneau 
ett al. 2000) show that the wind of P Cygni is variable and clumpy, however 
itss overall geometry does not strongly differ from spherical. The near-IR spec-
trumm of LBV s is dominated by free-bound and free-free emission from the 
wind,, as well as by strong recombination lines of H and He. Many LBVs also 
showw forbidden lines indicative of an extended low-density region. LBVs are 
knownn for the presence of extended, mostly dusty nebulae that are the result 
off  large mass ejection in the (recent) past. 

B[e]B[e]  stars are a poorly characterised class of hot stars surrounded by large 
amountss of ionised and neutral/molecular material. The luminosity class of 
B[e]]  stars can range from dwarf to supergiant. At infrared wavelengths, a 
largee excess due to the presence of hot circumstellar dust is observed (e.g. 
Swingss 1974); in addition, hot CO gas is detected in some stars (MgGregor et 
al.. 1989). B[e] stars have prominent Hi recombination lines and strong for-
biddenn lines. Spectropolarimetric observations suggest that the circumstellar 
materiall  is not distributed spherically symmetric, but rather disk-like (see e.g. 
Bjorkmann et al. 1998). 

BeBe stars are rapidly rotating B type dwarfs or giants that show, or have 
shown,, Ha emission. The Ua line is often double-peaked and the line width 
scaless with the projected rotational velocity of the photosphere (see e.g. Dachs 
ett al. 1986). The infrared spectrum is dominated by a large excess due to 
ionisedd circumstellar gas of high density, as well as by strong Hi (and, for the 
hottestt Be stars, Hel) recombination line emission. Interferometric, direct 
imagingg as well as polarimetric observations show that the gas must be located 
inn a highly flattened circumstellar disk (e.g. Quirrenbach et al. 1997). Be 
starss show no circumstellar dust (with only a few exceptions) and also lack 
molecularr line emission and forbidden lines. These observations are consistent 
withh the presence of high-density gas in a flattened disk. 
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3.33.3 Line flux ratio diagnostic 

Inn Fig. 3.1 we show three ISO-SWS spectra, of the LBV P Cygni, of 
thee B[e] star HD 45677, and of the Be star 7 Cas, respectively (Lenorzer et 
al.. 2002; see also Lamers et al. 1996a,b; Malfait et al. 1998, and Hony et 
al.. 2000 for detailed discussions of the ISO data). The spectra have been 
continuumm subtracted and normalised to the line integrated flux of Bra to 
facilitatee comparison. The three spectra show a remarkable range in line flux 
behaviour.. While the LBV shows very large line flux ratios between lines, 
thee B[e] and Be stars do this to a much lesser extent. These observations 
suggestt that if the line spectrum is mostly due to a stellar wind, the H1 line 
fluxess roughly scale with the Einstein coefficients; this is much less the case 
inn the B[e] and Be star, where lines of very different intrinsic strength show 
similarr line fluxes. This behaviour suggests that optical depths effects are 
important.. The optical depth being dependent on the density squared, the 
linee ratios are mainly probing the density distribution of the circumstellar 
material.. Moreover, in the optically thick case the line ratios are probing the 
dependencee in emitting surface with the wavelength which is also a function 
off  the density stratification. In addition, non-LTE effects may play a modest 
role,, as discussed by Hony et al. (2000). 

I tt must therefore be possible to infer the density of the circumstellar mate-
riall  from the Hi IR recombination lines without resolving them. In Sect. 3.3, 
wee wil l present a simple diagram which quantifies this density probe. 

3.33 Lin e flu x rati o diagnosti c 

Fig.. 3.2 presents a diagram in which the line flux ratio of Hu( 14-6)/Bra versus 
Hu(14-6)/Pf77 is plotted for different types of emission line objects. The aim 
off  this diagram is to provide a simple means to investigate the nature of 
circumstellarr gas in highly obscured sources. 

Thee diagram shows a clear trend in that both line flux ratios typically 
increasee from LBV to B[e] to Be stars. This trend can be understood in 
termss of the span in mass absorption coefficient between Hu(14-6), Pfy and 
Bra.. In an optically thin medium one expects the plotted line flux ratios to 
followw Menzel Case B recombination theory. However, in an optically thick 
mediumm the plotted ratio becomes independent of mass absorption coefficient 
ass the flux in any line is dominated by the size of the emitting surface. For 
opticallyy thick lines the line flux ratio of two lines can be written as: 

hh = B(vuT)SeSA 

II 22 B(v2,T)Sesi2 
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33 Diagnostic tool for the geometry of the circumstellar material of hot stars 
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Figuree 3.2: Hu(14-6)/Bra versus Hu(14-6)/Pf7 line ratio diagram for the 
hott stars observed with ISO (Lenorzer et al. 2002). The different classes of 
objects,, LBVs (squares), B[e] stars (filled circles) and Be stars (open circles), 
aree well separated. The thick asterisks indicates the position of optically thick 
blackk body emission; the striped region shows the range of ratios for Menzel 
casee B recombination, including collisional de-excitation, for temperatures 
higherr than 104K. 

wheree B(i/,T) is the Planck function and Seff is the effective radiating surface 
inn the line. If Seff is similar for both lines and the Rayleigh-Jeans approxi-
mationn is applied, Eq. 3.1 reduces to: h/h = v\lv\. 

Thiss limit is indicated by a filled star in Fig. 3.2 and falls close to the locus 
off  the Be stars. Note that we have assumed that the lines are in LTE and 
thatt the emitting medium is isothermal. Several Be stars deviate somewhat 
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3.33.3 Line üux ratio diagnostic 

fromm the optically thick limit suggesting that there is a contribution from 
opticallyy thin gas. This is to be expected since Be star disks can extend to 
10-1000 R* and, depending on the density gradient in the disk, optically thin 
gass must contribute. Inclination may also play a role in that disks seen edge-
onn are expected to have a larger contribution from optically thin material 
thann do disks seen face-on. Finally, it is known that disks of Be stars are of 
transientt nature, their densities change with time, such that their position in 
thee diagram is expected to vary more or less along the diagonal. 

Thee locus of an optically thin isothermal gas emitting line radiation ac-
cordingg to Menzel case B and for temperature greater than 104 K is indicated 
byy the dashed area in Fig. 3.2 (from Storey & Hummer 1995). This region 
iss close to that of the LBVs, suggesting that the bulk of the line emission 
fromm these stars is due to optically thin gas. This may be expected, since the 
windss are rapidly expanding and the density decreases as r~2 or steeper (in 
thee innermost regions). The high mass loss rate in a roughly spherical outflow 
causess a large emission measure and thus large line fluxes for the strongest 
lines,, and a detectable signal even for the intrinsically much weaker lines. 

Thee B[e] stars occupy a region in Fig. 3.2 which spans in between most of 
thee Be and the LBV stars. If our interpretation of the line flux ratios in terms 
off  densities is correct, this would imply that the B[e] stars have contributions 
fromm both optically thick and thin regions to the line flux. This is qualitatively 
consistentt with the notion that B[e] stars have circumstellar disks (with high 
densities)) but that the presence of forbidden line emission shows that an 
extendedd region of lower-density ionised gas must also be present. Perhaps 
thee scale-height of the disks surrounding B[e] stars is larger, or their disk radii 
aree larger compared to the Be stars. 

Itt is interesting to discuss the location of some well-studied, enigmatic 
objectss in Fig. 3.2. The LBV 77 Car is located near the Menzel case B limit , 
suggestingg that the wind dominates the line emission from this star, and not 
thee extended nebula. Detailed non-LTE model calculations indeed show that 
thee UV to near-IR spectrum of 77 Car can be fitted well using a very dense 
windd (Hillier et al. 2001). The peculiar star MWC349 is also located near the 
casee B limit , again suggesting that the lines are formed in an optically thin 
medium.. Polarimetry of MWC349 however shows that a dusty disk is present 
(Yudinn 1996), but this disk is not contributing significantly to the emission 
fromm the ionised gas. This is consistent with the observed radio continuum 
spectrumm of MWC349, which has the canonical v06 slope expected for a 
sphericallyy symmetric constant velocity wind (Rodriguez et al. 1986). 
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33 Diagnostic tool for the geometry of the circumstellar material of hot stars 

Thee example of MWC349 illustrates the care that needs to be taken when 
interpretingg observations using our diagnostic diagram: stars close to the 
Menzell  case B location may have a disk, however the HI lines are mainly not 
formedformed in the disk. The same care has to be taken when interpreting stars 
inn the upper right corner of Fig. 3.2, where the line flux ratios are close to 
unity.. For these, the conclusion must be that the lines are opaque and that 
thee geometry of the main HI line emitting region is likely a disk. However, 
fromm the line flux ratio's alone one can not exclude geometries other than a 
disk,, such as an optically thick (expanding) shell. Note that one may likely 
distinguishh between these different geometries using kinematic information 
fromm resolved line profiles. 

Inn first order, both Pfy and Bra probe the emission measure of the gas. 
Thiss explains why the stars are more-or-less concentrated around the diagonal. 
So,, in principle one can do the analysis using only one of the two line ratios. 
However,, both lines have a specific advantage. The pro of Bra is that it 
iss the strongest line, while the advantage of Pfy is that it suffers less from 
possiblee contamination by nebular emission. Plotting the line fluxes relative 
too Hu(14-6), the strongest Humphreys series line in the L'-band, provides a 
betterr contrast between contributions from optically thin and thick material 
thann does Bra relative to Pfy. We note that if reddening is significant it 
wil ll  affect Hu(14-6)/Pf7 by shifting it to the right in the diagram by about 
0.00399 x log(Hu( 14-6)/Pfy) per magnitude of extinction. Hu(14-6)/Bra is not 
significantlyy affected as the wavelength separation between these two lines is 
veryy modest. 

3.44 Conclusio n 

AA considerable fraction of the massive stars of our galaxy is obscured by dust. 
Dustt extinction is preventing us from using powerful criteria, developed at 
UVV and optical wavelength ranges, to infer physical properties of hot stars. 
Att wavelengths longwards of about 5 microns, emission from warm dust is 
typicallyy dominating the spectra. It is therefore crucial to develop diagnostic 
toolss in the near-infrared window in order to understand the nature and evolu-
tionn of hot stars surrounded by dust, as it is the case, for instance, during the 
earlyy stages of their lives in giant molecular clouds. The diagram presented 
inn Fig. 3.2 provides such a tool. It gives a simple means to use line fluxes 
observedd in the infrared L' window to constrain aspects of the density and 
spatiall  distribution of circumstellar gas around hot stars which may greatly 
helpp identifying the nature of such obscured sources. 
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CHAPTERR 4 

Modellingg the near-infrared lines of 
O-typee stars 

Lenorzer,Lenorzer, A., Mokiem, M.R., de Koter, A. k Waters, L.B.F.M. 

toto be submitted to ASzA 

Abstract t 

Wee use a grid of 30 line-blanketed unified stellar photosphere and wind models 
forr O-type stars; computed with the code CMFGEN in order to evaluate its potential in 
thee near-infrared spectral domain. The grid includes dwarfs, giants and supergiants. 
Wee analyse the equivalent width behaviour of the 20 strongest lines of hydrogen and 
heliumm in spectral windows that can be observed using ground-based instrumentation 
andd compare the results with observations. Our main findings are that: i) Hei/Heii 
linee ratios in the J, H and K bands correlate well with the optical ratio employed in 
spectrall  classification, and can therefore be used to determine the spectral type; ii) 
inn supergiant stars the transition from the stellar photosphere to the wind follows 
aa shallower density gradient than the standard approach followed in our models, 
whichh can be mimicked by adopting a lower gravity in our prescription of the density 
stratification,, in) the wind clumping is distance dependent, such that Br7 suffers 
muchh more from inhomogeneities than does Bra; and iv) the Bra line is an excellent 
mass-losss indicator. For the first and last item we provide quantitative calibrations. 
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44 Modelling the near-infrared lines of O-type stars 

4.11 Introductio n 

AA large fraction of the galactic population of massive stars lies hidden behind 
tenss of magnitudes of visual extinction. The reason for this is that massive 
starss are so rare that their typical distances are a sizable fraction of the 
galacticc scale and they are concentrated in the galactic disk. Therefore, they 
sufferr from obscuration by intervening molecular gas and dust clouds in the 
line-of-sight. . 

Moreover,, due to the short lifetimes of high-mass stars, they are located 
inn star forming environments. As they typically form in the densest parts 
off  these giant molecular clouds, they spend a significant fraction of their life 
embeddedd in this natal environment, before either moving out or breaking 
out. . 

Overr the last decade several tens of massive stars were discovered in 
thee near-infrared spectral window, where extinction by intervening dust is 
stronglyy reduced compared to the optical and ultraviolet (Hanson et al. 2002, 
Kaperr et al. 2002, Kendall et al. 2003). Studying the physical properties of 
thesee stars from their near-infrared radiation alone is essential (for instance 
inn relation to their formation mechanism), but not an easy task. The J, H, 
K,, and L spectral windows contain relatively few lines, mostly of hydrogen 
andd helium. These lines are difficult to model as, for O-type stars, most near-
infraredd lines are formed in the transition region from the stellar photosphere 
(wheree the optical absorption spectrum originates) to the super-sonic stellar 
windd (see e.g. Kudritzki & Puis 2000). This makes a treatment of the stellar 
windd an integral aspect of quantitative spectroscopic studies of O-type stars 
inn the near-infrared, perhaps excluding late-type O V stars of which the stel-
larr winds are relatively weak (M < 10- 7 M 0yr _ 1) . A fundamental problem 
iss that so far we have only a poor knowledge of the way in which the density 
structuree in the transition region and lower part of the wind (up to a few 
timess the sonic velocity) behaves. Though the basic driving mechanism of 
stellarr winds has been identified (e.g. Castor, Abbott, & Klein 1975, Abbott 
1982,, Kudritzki et al. 1989) a fully self-consistent numerical implementation 
off  the radiation pressure effects on spectral lines responsible for initiating and 
acceleratingg the outflow is, at present, not feasible. Moreover, the inevitable 
assumptionss made in describing this theory are anticipated to have severe 
effectss on the physics of the transition region. 

Onee may identify two essentially complementary approaches for making 
progresss in the development of near-infrared diagnostics allowing for a char-
acterisationn of the basic stellar and wind properties of O-type stars, as well 
ass in gaining a better understanding of the physics of the transition region. 
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4.24.2 The grid of models 

Thee first is to establish the near-infrared spectroscopic characteristics of O 
starss with known properties from studies at other wavelengths. One may 
thenn try to correlate the behaviour of these lines with their basic properties 
andd see if one can retrieve the same information. This requires high-quality 
near-infraredd spectra of a large sample of MK standard stars. So far, a good 
coveragee is available only for the 2.0-2.2 fj,m range (see Hanson et al. 1996). 
Thee second approach is to model the near-infrared lines using state of the 
artt techniques, and then to study the dependence between spectral and basic 
properties. . 

Soo far modelling of the near-infrared spectral region has been done for 
extremee early-type stars, ie. Luminous Blue Variables (Najarro et al. 1997), 
Of/WNN stars (Crowther et al. 1995) and galactic centre objects (Najarro et 
al.. 1994). This study aims at an improved treatment of normal O stars. We 
usee sophisticated models that include a detailed treatment of stellar winds 
andd that properly describe the spectrum, and study their predictions for the 
near-infraredd regime. We investigate to what extent the near-infrared lines 
cann be used to determine the spectral type, luminosity class, and mass loss 
off  O-type stars. We focus on lines that are observable using ground-based 
instrumentation.. In Sect. 4.2 we introduce our grid of models. We present 
predictedd equivalent width measurements of near-infrared lines and discuss 
theirr dependence on model parameters in Sect. 4.3. We compare the models 
withh observations gathered from the literature in Sect. 4.4. In Sect. 4.5, we 
presentt near-infrared spectral classification schemes for O-type stars and a 
meanss to determine wind properties. We end with conclusions. 

4.22 The gri d of model s 

Forr this study we employ a grid of unified stellar photosphere and wind models 
forr O-type stars of luminosity class V, II I and la. This grid was constructed 
usingg the CMFGEN program of Hillier & Miller (1998), to which we refer for a 
fulll  description. In short: CMFGEN solves the equations of radiative transfer 
subjectt to the constraints of statistical en radiative equilibrium, for an atmo-
spheree with an outflowing stellar wind. The ions included in the non-LTE 
calculationss are Hi , Hel-Ii, CI I I - IV , Nin-v, Om-vi, Siiv and Felll-vil , ac-
countingg for a total of approximately 20000 bound-bound transitions. These 
reflectt some 30 000 lines and ensure a self consistent treatment of line blan-
keting,, i.e. the cumulative effect of the spectral lines, especially iron, on the 
stellarr atmosphere. 

Thee grid consists of 30 models ranging in effective temperature, Teff, from 
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44 Modelling the near-infrared lines of O-type stars 

Tablee 4.1: Stellar and wind parameters of our model grid. For supergiants, 
wee list log g values derived for both the spectroscopic and evolutionary 
mass.. Adopted abundances by mass fraction are from Cox (2000): H = 0.723, 
Hee = 0.2820, and, in units of 10"3, C = 3.050, N = 1.100, O = 9.540, Si = 0.699, 
Fe== 1.360. 

Luminosityy class V 
Aodel Aodel 

I V V 
2V V 
3V V 
4V V 
5V V 
6V V 
7V V 
8V V 
9V V 
10V V 

Teff f 

(K) ) 
48670 0 
46120 0 
43560 0 
41010 0 
38450 0 
35900 0 
33340 0 
32060 0 
30850 0 
28300 0 

68.9 9 
56.6 6 
45.2 2 
37.7 7 
30.8 8 
25.4 4 
21.2 2 
19.3 3 
17.7 7 
14.8 8 

12.3 3 
11.4 4 
10.7 7 
10.0 0 
9.3 3 
8.8 8 
8.3 3 
8.0 0 
7.8 8 
7.4 4 

log(/ / 
(a) ) 

4.096 6 
4.077 7 
4.034 4 
4.014 4 
3.989 9 
3.954 4 
3.926 6 
3.917 7 
3.897 7 
3.867 7 

**(%) **(%) 
5.882 2 
5.722 2 
5.568 8 
5.404 4 
5.229 9 
5.062 2 
4.883 3 
4.783 3 
4.697 7 
4.502 2 

H* H* 

(b) ) 
8.308 8 
8.375 5 
8.971 1 
9.046 6 
9.314 4 
9.712 2 
9.934 4 
9.988 8 
10.16 6 
10.40 0 

logM M 

(c) ) 
-5.375 5 
-5.599 9 
-5.805 5 
-6.072 2 
-6.369 9 
-6.674 4 
-7.038 8 
-7.252 2 
-7.445 5 
-7.913 3 

P P 

0.8 8 
0.8 8 
0.8 8 
0.8 8 
0.8 8 
0.8 8 
0.8 8 
0.8 8 
0.8 8 
0.8 8 

Voc c 

(d) ) 
3240 0 
3140 0 
2950 0 
2850 0 
2720 0 
2570 0 
2450 0 
2400 0 
2330 0 
2210 0 

Luminosityy class II I 
1II I I 
2II I I 
3II I I 
4II I I 
5II I I 
6II I I 
7II I I 
8II I I 
9II I I 
10III I 

48180 0 
45410 0 
42640 0 
39860 0 
37090 0 
34320 0 
31540 0 
30160 0 
28810 0 
26040 0 

82.8 8 
68.4 4 
56.6 6 
47.4 4 
39.0 0 
32.6 6 
27.4 4 
25.1 1 
23.5 5 
20.2 2 

15.1 1 
15.0 0 
14.8 8 
14.7 7 
14.7 7 
14.7 7 
14.7 7 
14.8 8 
14.8 8 
15.0 0 

3.998 8 
3.921 1 
3.850 0 
3.779 9 
3.694 4 
3.616 6 
3.541 1 
3.497 7 
3.466 6 
3.389 9 

6.042 2 
5.934 4 
5.813 3 
5.690 0 
5.564 4 
5.430 0 
5.283 3 
5.211 1 
5.134 4 
4.970 0 

9.098 8 
10.04 4 
10.82 2 
11.53 3 
12.63 3 
13.50 0 
14.20 0 
14.69 9 
14.73 3 
15.18 8 

-5.125 5 
-5.239 9 
-5.397 7 
-5.585 5 
-5.791 1 
-6.051 1 
-6.377 7 
-6.551 1 
-6.758 8 
-7.230 0 

1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 

3080 0 
2850 0 
2660 0 
2490 0 
2290 0 
2130 0 
1990 0 
1920 0 
1870 0 
1750 0 

Luminosityy class la 
l l a a 
21a a 
31a a 
41a a 
51a a 
61a a 
71a a 
81a a 
91a a 
101a a 

47690 0 
44700 0 
41710 0 
38720 0 
35730 0 
32740 0 
31240 0 
29760 0 
26770 0 
23780 0 

104.77 55.9 
86.55 48.6 
74.77 42.5 
64.33 37.4 
54.88 33.1 
46.77 29.5 
43.11 27.9 
40.99 26.0 
36.11 23.7 
32.44 22.0 

18.6 6 
19.6 6 
20.6 6 
21.8 8 
23.1 1 
24.6 6 
25.4 4 
26.2 2 
28.2 2 
30.5 5 

3.9188 3.646 
3.7900 3.540 
3.6833 3.438 
3.5699 3.334 
3.4499 3.230 
3.3255 3.126 
3.2633 3.074 
3.2144 3.017 
3.0966 2.914 
2.9799 2.881 

6.206 6 
6.139 9 
6.062 2 
5.981 1 
5.892 2 
5.795 5 
5.741 1 
5.683 3 
5.563 3 
5.427 7 

9.502 2 
11.63 3 
12.95 5 
14.44 4 
16.15 5 
17.90 0 
18.70 0 
18.67 7 
19.35 5 
19.53 3 

-4.896 6 
-4.922 2 
-5.014 4 
-5.134 4 
-5.295 5 
-5.509 9 
-5.644 4 
-5.815 5 
-6.202 2 
-5.409 9 

1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 
1.0 0 

3000 0 
2620 0 
2400 0 
2190 0 
1990 0 
1810 0 
1730 0 
1690 0 
1570 0 
740 0 

(a)cm.s-22 ; (b)10"4#* ; (c)M0/yr; (d)km.s-1. 

~~ 24 000 K up to ~ 49 000 K, with 10 models for each luminosity class. For the 
basicc stellar parameters we employed the calibration from Vacca et al. (1996) 
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4.24.2 The grid of models 

computedd with a H and He model, hence not accounting for line-blanketing. 
Thee stellar parameters are shown in Table 4.1, using evolutionary masses. 
Thee parameters for the last two models in the dwarf and giant class and for 
thee last three models in the supergiant class were derived by extrapolating the 
relationss found by these authors for Teff and log g. For the supergiant models, 
wee also calculated a grid with gravities based on the (lower) spectroscopic 
massess (Vacca et al. 1996), in order to investigate the dependence of the 
near-infraredd lines on log g (see e.g. Herrero et al. 1992). For the chemical 
compositionn solar abundances from Cox (2000) were incorporated, which are 
listedd in the caption of Table 4.1. 

Thee density structure in the photosphere is based on hydrostatic equilib-
riumm in an isothermal medium of temperature Teff. In that case the density 
scalee height is given by 

HH = kTeS (4.1) 
M^amuPeff f 

wheree fi is the mean molecular weight in atomic mass units (mamu) and #eff is 
thee gravity at the stellar surface corrected for radiation pressure by electron 
scattering.. The density structure near and beyond the sonic point is set 
byy the velocity law through the equation of mass-continuity (in spherical 
symmetry).. This velocity structure is given by a standard /?-law, which is 
smoothlyy connected to the photosphere. The value of (3 is set to 0.8 for the 
dwarfss and to 1.0 for the giant and super giants, as these stars have a tendency 
towardd higher (3 (e.g. Groenewegen & Lamers 1989; Puis et al. 1996). The 
terminall  wind velocity i ^ follows from a scaling with the escape velocity vesc 
(Abbottt 1982, Lamers et al. 1995). For stars with spectral type earlier than 
approximatelyy B2 this scaling implies that the ratio foo/^esc is 2.6. Stars with 
aa later spectral type have a ratio of 1.3. This discontinuity is referred to as 
thee bi-stability jump and implies larger mass-loss rate and lower wind velocity 
forr stars at the cool side of this jump. This is the case for the coolest model 
off  our grid, Model 10 la. The mass-loss rates incorporated in the models are 
fromm the theoretical predictions by Vink et al. (2000, 2001). These are listed 
inn Table 4.1 together with the terminal velocities. 

Inn the statistical equilibrium and radiative transfer calculation a micro 
turbulentt velocity of vturb = 20kms_1 for all lines was assumed. In the formal 
solutionn of the radiative transfer equation, yielding the emergent spectrum, 
wee assumed micro turbulent velocities of 10 and 20 kins"1. Apart from the 
broadeningg due to thermal motions and micro turbulence, Stark broadening 
tabless for H , He I and He 11 lines were included. 

Ass the effective temperature scale for O-type stars is currently being re-
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44 Modelling the near-infrared lines of O-type stars 

visedd using different models all accounting for line-blanketing (e.g. de Koter 
ett al. 1998; Martins et al. 2002; Repolust et al. 2003), the spectral types 
attributedd by Vacca et al. (1996) cannot be applied to our models. Instead 
wee use as a quantitative criterion the ratio of the equivalent widths of the 
Hee IA 4471 and He n A 4542 lines from Mathys (1988). This enables us to 
unambiguouslyy assign spectral types to our models. 

4.2.11 Limitation s o f th e model s 

Thoughh the models presented in this study are state-of-the-art, they do (in-
evitably)) contain a number of assumptions. With respect to the prediction of 
thee near-infrared spectrum the most important ones are: 

AA constan t photospheri c scal e heigh t 

Wee assume a constant density scale height to describe the density structure 
inn the stellar photosphere (see Eq. 4.1). In reality, the run of density in 
thiss regime follows from the equation of hydrostatic equilibrium, i.e. it takes 
intoo account the exact temperature structure as well as changes in the mean 
molecularr weight. The lines that are expected to be affected the most by 
thiss assumption are optical lines that are sensitive to density, most notably 
thee wings of Balmer lines. These lines are used to derive the stellar gravity. 
Gravityy determinations based on these lines may therefore lead to a system-
aticc overestimate of log<7 of up to 0.10 to 0.15 dex (P. Najarro, priv. com-
munication).. This effect is less important for the strong near-infrared lines 
andd especially for supergiant models in which these lines are mainly formed 
beyondd the photosphere. 

Thee densit y structur e in th e transitio n zone 

AA proper treatment of the density structure in the transition region between 
thee photosphere and the super-sonic wind requires solving the equation of 
motion,, taking into account all processes that are responsible for the acceler-
ationn of the stellar outflow. Most important, one should account for effects 
off  radiation pressure on spectral lines. This problem is at present too com-
plexx to solve self-consistently. Our approach is to adopt a simple, empirical 
descriptionn of the density stratification in this region, namely we smoothly 
connectt the exponential increase of velocity in the photosphere to a beta-type 
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4.24.2 The grid of models 

velocityy law in the supersonic regime. We achieve this by taking 

vv(r)(r)  = (vo + f v o c - V o X l - f l / r y 3 ) / 

(11 + (vo/vcore) exV([R - r]/H)) , (4.2) 

wheree vCOTe is the velocity at the inner boundary of the model, and which, by 
meanss of the mass-continuity relation, sets the density at RCOre- Typically, this 
densityy is chosen sufficiently high to assure full thermalisation of the radiation 
field.field. The velocity parameter v0 is used to assure a smooth transition from the 
photospheree to the supersonic wind. The latter is prescribed by the terminal 
velocityy VQO and the /3 parameter, essentially defining the steepness of the 
velocityy law near and beyond the sonic point. 

Ann important outcome of this study is the ability to check whether this 
commonlyy used representation of the density structure is able to reproduce the 
propertiess of near-infrared lines, which are typically formed in the transition 
regionn and/or lower part of the wind. The major part of the discrepancies 
betweenn observations and predictions of these lines can likely be ascribed to 
shortcomingss of the above description. 

Clumpin g g 

Theree is evidence that the stellar winds or early-type stars are inhomogeneous 
onn small length scales. Observational evidence exists for Wolf-Rayet stars 
(Robertt 1994, Hillier 1991) as well as for some O-type stars (e.g. Eversberg 
ett al. 1998, Bouret et al. 2003). Theoretical indications for this effect are 
providedd by Owocki et al. (1988). One may anticipate that in clumped winds, 
strongg infrared lines such as Bra and Br7, and possibly Pf7 and He II (6-7) 
wil ll  be affected the most. For recombination lines clumping effects introduce 
aa degeneracy in the quantity M/y/J, where ƒ is the clumping factor defined 
ass p = f p. Here it is assumed that the inter-clump medium is void, and that 
pp is the unclumped wind density. Lines of varying strength may be affected in 
differentt ways if the clumping factor depends on radial distance. Potentially, 
thee behaviour of the strong near-infrared lines may yield constraints on the 
clumpingg properties. As we want to focuss on other parameters in this first 
study,, we adopt an unclumped medium in our models. 

Turbulenc e e 

Inn our models we assume a constant microturbulent velocity throughout the 
photospheree and wind. On the basis of Bra and Pfa observations Zaal et al. 
(2001)) found evidence for a gradient in the turbulent velocity in the outer 
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photospheress of late-0 and early-B dwarfs and giants. Such an increase in 
microo turbulence with radial distance may also be present in O stars of earlier 
spectrall  type. 

4.33 Lin e trend s 

Wee present equivalent width (EW) predictions for the strongest hydrogen 
andd helium lines in the near infrared, and discuss their dependence on model 
parameters.. The lines are listed in Table 4.2, together with blends present in 
thee wings of their profiles that are comprised in the EW predictions. 

4.3.11 Hydroge n line s 

Thee near-infrared domain includes several hydrogen lines from different se-
ries:: Paschen in the J band, Brackett in the H, K and L band and Pfund 
inn the L band. The higher members of the Pfund and Humphreys series are 
alsoo located in the K and L band, respectively. A very high density and a 
loww hydrogen ionisation fraction are required to make them observable. Al-
thoughh this is the case for cooler stars and emission line stars, these lines are 
nott reported in the spectra of O-type stars and are not included our model 
calculationss which include 13 levels of hydrogen. 

Wee plotted EW predictions of the Paschen, Brackett and Pfund lines for 
alll  models in Fig. 4.1. The Bra line is blended with the Hei(4f-5g) and 
Helll  (8-10) lines in all spectra, and with Hei(4d-5f) for models with large 
windd velocities and mass-loss rates. We defined the EW of Bra over the 
intervall  from 4.0 to 4.1 /mi, which includes these blends. Also the Pa/9 and 
Pa77 lines are integrated over an interval comprising the He I lines (3d-5f) and 
(3p-5s),, and (3d-6f), respectively. The lines decrease in equivalent width (i.e. 
yieldd weaker absorption or stronger emission) with temperature in the range 
255 to 45 kK. This trend is steeper for higher series, as well as for stronger 
liness within a series and for lines in supergiants relative to less luminous stars. 
Thee lines show progressively lower equivalent widths for decreasing luminosity 
class. . 

Twoo models do not follow this general trend: the hottest (1 la) and coolest 
(100 la) supergiant models computed in this study. In Model 10 la, the hydro-
genn lines have a more negative equivalent width compared to neighbouring 
modelss whereas it is the opposite in Model 1 la. This behaviour can be traced 
backk to the adopted wind parameters. Model 10 la is at the cool side of the bi-
stabilityy jump, where it has a higher wind density (see Sect. 4.2). Model 1 la 
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Line e 

Pa/? ? 

Pa7 7 

Bra a 

Br7 7 
BrlO O 
Brr 11 
Pf7 7 

Pf9 9 
PflO O 

Hell l 
Hen n 

Hen n 
Hee II 
Hee II 
Hen n 
Hee I 
Hee I 
Hee I 
Hee I 
Hee I 
Hee i 
Hee i 

Civ v 
Cm m 

Transition n 

3-5 5 

3-6 6 

4-5 5 

4-7 7 
4-10 0 
4-11 1 
5-8 8 
5-9 9 
5-10 0 

5-7 7 
6-7 7 

6-11 1 
7-10 0 
7-12 2 
7-13 3 

2s-2p p 
3p-4s s 
3p-4s s 
3p-4d d 
3p-5d d 
3d-5f f 
4p-5d d 

3d-3p p 
7-8 8 

Wavelength h 
/ i m m 

1.2822 2 

1.0941 1 

4.0523 3 

2.1661 1 
1.7367 7 
1.6811 1 
3.7406 6 
3.2970 0 
3.0392 2 

1.1630 0 
3.0917 7 

1.1676 6 
2.1891 1 
1.6923 3 
1.5722 2 

2.0587 7 
2.1126 6 
2.1138 2.1138 
1.7007 7 
1.1972 2 
1.2788 8 
3.7036 6 

2.0802 2 
2.1151 1 

Liness comprised in 
EWW measurement 

Heii(6-10)A1.2816 6 
Hei(3p-5s)A1.2849 9 
Hee i (3d-5f) Al.2788 

Cmm Al.2794 
Henn (6-12) Al.0936 
Hee I (3d-6f) Al.0916 

Cmm Al.0920 
Heii(8-10)A4.0506 6 
Hei(4f-5g)A4.0409 9 
Hei(4f-5g)A4.0377 7 
Henn (8-14) A2.1652 

Henn (8-11) A3.0955 
Cmm A3.0878 
Cmm A3.0843 
Cmm A3.0763 

Tablee 4.2: Identification of the lines used in this study. 
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Figuree 4.1: Equivalent width predictions (in A) for hydrogen lines are plotted 
forr dwarfs (crosses), giants (circles), supergiants (squares) and lower surface 
gravityy supergiants (triangles). Small symbols are for a turbulent velocity of 
100 km s_1, large symbols for a turbulent velocity of 20 km s_ 1. 
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4.34.3 Line trends 

hass a lower wind density than Model 2 la. The strongest lines show the most 
pronouncedd emission, as their line forming region extends further out in the 
wind.. Differences with luminosity class is smaller for photospheric lines (e.g. 
B r l l ,, BrlO, PflO). Their behaviour is mostly sensitive to the temperature, 
andd can therefore be used to constrain the spectral type. This also holds for 
Pa/3,, Pa7, Br7 and Pfy, except for supergiants, which have large mass-loss 
ratess affecting also the /3 and 7 lines. 

Thee two grids of supergiant models show that the Pfund lines and Br7 
aree sensitive to the surface gravity. As these lines form in the region above 
thee photosphere, but below the sonic point, they are sensitive to changes 
inn gravity. The strong Bra line is formed in a much more extended region, 
i.e.. also in the wind where the density structure is set by the velocity law, 
andd is less sensitive to gravity effects. We also investigated the effects of 
microo turbulence resulting in additional broadening of lines. The EWs differ 
marginallyy between the two adopted turbulent velocities (10 and 20 km s_ 1) . 

Thee strength of most predicted near-infrared hydrogen lines show a smooth 
behaviourr as a function of model parameters. On top of this, the Pfund lines, 
andd to a lesser extent Br7, show small model to model fluctuations. These 
mayy be intrinsic in nature (e.g. blends) or the result of numerical effects (e.g. 
gridd sampling) and do not significantly affect our results. 

4.3.22 Hen line s 

Severall  Hell lines are present in the different observational bands. The 
strongestt are the (5-7) and (6-11) transitions in the J band, (7-12) and (7-13) 
inn the H band, (7-10) in the K band and (6-7) and in the L band. The be-
haviourr of these lines can be split into three regimes following the ionisation 
off  He 11. The lines first appear at about 30 kK and increase in absorption 
strengthh up to ~ 40 kK. The exact temperature of this maximum absorption 
dependss on the gravity, ranging from 41 kK for dwarfs to 36 kK for super-
giants.. For temperatures Teff > 45 kK, the lines weaken again. All high-
temperaturee models show Hell profiles in which the line core is reverted in 
emission,, as a result of a temperature inversion in the line forming region. A 
temperaturee inversion is not present in the highest Teff models. These there-
foree show normal absorption profiles. This explains the increased absorption 
seenn in these hottest models. In giants and supergiants, the strong a line (6-5) 
att A 3.0917 /mi is formed in the stellar wind, causing a strong emission pro-
file.file. For the hottest supergiant model, the line shows a decrease in emission 
thatt is the result of a lower wind density (as discussed in Sect. 4.3.1). The 
behaviourr of He 11A 3.0917 is complex as it is blended with the (8-11) line, 
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Figuree 4.2: Equivalent width predictions (in A) for Hell lines are plotted 
forr dwarfs (crosses), giants (circles), supergiants (squares) and lower surface 
gravityy supergiants (triangles). Small symbols are for a turbulent velocity of 
100 km s~x, large symbols for turbulent velocity of 20 km s_ 1. 
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4.34.3 Line trends 

whichh shows a singular behaviour as a result of it being interlocked with the 
(6-5)) transition. For those cases where the (6-5) line is in emission, the (8-11) 
linee is in absorption, while for an absorption profile for (6-5) the blending line 
iss in emission. Al l luminosity classes suffer from this blending effect, however, 
forr the supergiants the (6-5) dominates the equivalent width in such a way 
thatt no dip in EW occurs at ~ 41 kK. Wind emission is also important for 
thee (5-7) line. 
Thee relatively weak He n lines may serve as temperature indicators, whereas 
thee stronger lines are mostly sensitive to luminosity class, similar to hydrogen 
lines.. For temperatures between 33 and 42 kK these lines are also sensitive to 
gravity.. Like for the hydrogen lines, effects of micro turbulence are relatively 
modest. . 

4.3.33 He i lines 

Numerouss He I lines are present in the near-infrared. Six of them were ob-
servedd in the spectrum of a BO la star by Wallace et al. (1997) for the J-band 
only.. We concentrate on the strongest lines present at A 1.1972 and 1.2788 
fimfim in the J band, at A 1.7007 in the H band, at A 2.0587, 2.1126 and 2.1138 
inn the K band, and at A 3.7036 fim in the L band. The line trends are plotted 
inn Fig. 4.3. 

Wee first discuss the triplet transitions. These show a normal excitation and 
ionizationn behaviour, producing a broad peak in absorption strength near ~ 
300 kK. For higher temperatures the lines weaken, and disappear somewhere 
betweenn 40 and 50 kK. Lines are weaker in lower gravity models that have 
Tefff  > 35 kK, a situation that is reversed at lower temperatures. The lines at 
AA 1.7007, 2.1126 and 3.7036 /mi are the most sensitive to gravity. A higher 
microturbulentt velocity increases the equivalent width of the Hei lines, as 
expected.. We note that for the lines at A 1.1972, 1.2788 and 3.7035 /an we do 
nott have Stark broadening tables available, implying we underestimate the 
strengthh of these lines. The neglection of pressure broadening also explains 
whyy these lines appear more affected by a change in turbulence. 

Thee singlet lines at A 2.0587 and 2.1138 //m show a very different behavior 
ass a result of a strong coupling to the strength of the ultraviolet line-blanketed 
continuumm through the resonance transitions at 584 A and 537 A (see Najarro 
ett al. 1994). The first transition reaches the upper level of the A 2.0587 line, 
thee second one, the lower level of the A 2.1138 line. This causes the "inverted" 
behaviourr of these two lines as seen in Fig. 4.3. The weakening of both lines 
att Teff > 35 kK is the result of progressive ionisation. The exact location of 
thiss peak absorption strength (for He IA 2.0587) and peak emission strength 
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4.44.4 Comparison with observations 

(forr He IA 2.1138) depends somewhat on gravity, but ranges from 38 kK for 
dwarfss to 33 kK for supergiants. 

Mostt of the He I lines discussed are expected to be useful temperature 
diagnostics,, especially at temperatures beyond ~ 35 kK. At lower Tefj the 
liness show a strong dependence on gravity and/or turbulent velocity. 

4.44 Compariso n wit h observation s 

Calibrationn of the trends predicted by the models requires a large data set 
off  near-infrared spectroscopic observations of O-type stars with well known 
propertiess obtained from optical and ultraviolet studies. Observations of near-
infraredd lines are still scarce, although some effort has been made in this 
directionn over the last decade. In particular, we make use of the K-band atlas 
off  Hanson et al. (1996), the H-band collection of spectra of Hanson et al. 
(1998)) and the ISO/SWS atlas of Lenorzer et al. (2002a) covering the L-
band.. Additional measurements were gathered from Blum et al. (1997) and 
Zaall  et al. (2001) for the Hei line at Al.7007 and the Bra line, respectively. 
Thiss collection of observations allows a first limited comparison with models. 
Observedd equivalent widths are plotted in Fig. 4.4 together with the model 
trends.. These trends give the minimum and maximum EW values for the 
dwarff  (solid lines) and supergiant models (dotted lines), assuming that the 
spectrall  types attributed to the models are accurate to within 1 subtype. 

Consideringg the hydrogen lines (left panel), the general trends are fairly 
welll  reproduced by the models, though the observations of lines affected by 
thee stellar wind (Bra, Br7) show a much larger scatter than is produced by 
thee range of parameters that we have investigated. The line for which this is 
clearlyy seen is Br7. Note that the only model in the Br7 panel that produces 
ann emission equivalent width that is comparable to the highest values that 
aree observed is the one for the coolest Teff (represented by a plus sign). This 
modell  is at the cool side of the bi-stability jump, resulting in a much higher 
windd density. One would expect a range of wind densities in O-type super-
giantss of given spectral type, as these show a considerable spread in luminosity 
(andd therefore mass loss). The observations, however, lie systematically above 
thee typical parameters of la stars. This may either suggest a strong under-
predictionn of the wind density (which seems unlikely on the basis of optical 
andd ultraviolet studies) or that clumping of the stellar wind is important for 
near-infraredd wind lines. A clumped medium would lead to an increase of the 
emissionn line strength, as clumping results in an increased recombination rate. 
Notee that the Bra measurements appear to follow the predictions fairly well. 
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Figuree 4.4: The maximum and minimum EW predictions (in A) are plotted 
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4.44.4 Comparison with observations 

Thiss suggests that the clumping factor varies throughout the wind, reaching 
aa maximum in the regions of Br7 formation and decreasing again farther out. 
Thee Bra orginating in a larger volume of the wind, is relatively less affected 
byy clumping. 

Observationss of the Hell (7-12) and (7-10) lines are compared with predic-
tionss in the middle panel of Fig. 4.4. For the (7-12) line only few observations 
aree available, limiting a meaningful comparison. For those few available data 
points,, it appears that the models reproduce the observations reasonably well. 
AA much better comparison can be made for the (7-10) line at A 2.1891 /mi. 
Thoughh the observed global trends are recovered, we find that for dwarf stars 
withh spectral types earlier than 07 this line is overpredicted by about 0.5 A, 
whilee it is underpredicted by up to ~ 1 A for supergiants of spectral type later 
thann 06. The reason for this behaviour is most likely linked to the uncertainty 
inn the density structure. We find that the line cores of the He II lines are typi-
callyy formed at 10 to 100 km s^1, i.e. at or even beyond the sonic point. This 
impliess that the dominant line contribution is formed in the transition region 
fromm the photosphere to the wind, for which we essentially do not have a 
self-consistentt solution for the density structure (see Sect. 4.2.1). The results 
suggestt that especially for supergiants the simple transition from an exponen-
tiallyy decaying density to that implied by a /?-type velocity law adopted in 
ourr models is not correct (and not as much the simplified hydrostatic density 
structuree in the photosphere itself). 

Forr the He I lines a comparison for the A 1.7007, A 2.1126, and A 2.0587 
liness is feasible (right panel). Though some observational data is also avail-
ablee for the A 3.7035 fim transition, this data is limited to only a few stars. 
Moreover,, our models does not account for the Stark broadening of this line , 
whichh makes a comparison of limited value. We therefore decided to exclude 
thiss line from the comparision. For the remaining three lines both the trend 
inn spectral type and in luminosity class are reproduced by the predictions. 
Inn particular, the HeiA2.1126 line behaves well. Note that this 3p-4s tran-
sitionn is plotted as the sum of the A 2.1126 and A 2.1138 transitions, which 
aree blended with each other in the medium resolution spectra of Hanson et 
al.. (1996). Also the A 2.0587 line behaves well, though most supergiants ap-
pearr to show a deeper absorption by up to ~ 1 A. The same discrepancy 
forr supergiants seems present in the A 1.7007 line. The cause of the system-
aticc differences in absorption strenght are again most likely connected to the 
densityy stratification in the transition from photosphere to wind. 

Wee conclude from this comparison that the models reproduce the global 
trendss of H, Hei, and Hen lines, but that the strength of helium lines tends 
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too be underpredicted for the supergiants with spectral type later than 06. 
Thee models that best approach the He line strengths in la stars are the ones 
withh low gravity, i.e. not the canonical gravity models. This does not imply 
thatt these stars have a much lower mass than expected, but shows that the 
densityy structure in the transition region and lower wind is better represented 
byy a low gravity in Eq. 4.2. We find that the strong hydrogen lines point to 
aa distance dependent wind clumping. 

4.4.11 Line s of carbo n and nitroge n 

Thee majority of the lines present in the near-infrared spectra of hot stars are 
producedd by hydrogen and helium. In the K band, a few strong emission lines 
aree attributed to carbon and nitrogen ions. A triplet of lines around 2.08 //m, 
identifiedd as the CIV (3p-3d) transitions, appear strongly in emission in the 
spectraa of stars with spectral type 04 to 06.5. In our models, however, these 
liness are strongly in absorption at spectral types earlier than 05.5. They 
revertt in emission only for later types and disappear at 09. It is obvious 
thatt our models fail in reproducing these transitions. Matching of the carbon 
liness is known to be problematic in O-type stars (e.g. Lamers et al. 1999) 
ass a result of uncertainties in the ionization structure of this element. The 
carbonn ionization is sensitive to the amount of line blanketing in the extreme 
ultraviolett (EUV) part of the spectrum, notably in the ionizing continua of 
Cmm and Civ. However, the 2.08 fiu\ Civ lines are observed to be narrow 
withh a FWHM of about 43 km s- 1 (Bik et al. in prep.) indicating that they 
originatee in the photosphere and are not filled in by a contribution from the 
wind.. A change in the abundance of CIV due to metallicity would influence 
thee strength of the 2.08 //m lines without reverting them into emission pro-
files.. The formation region of the near-infared CIV lines largely overlaps with 
thatt of the Hei line at A2.0587/mi. Our models qualitatively reproduce the 
behaviourr of the He I line indicating that the local parameters in this region 
aree most likely reasonable. The levels taking part in the CIV lines observed 
aroundd 2.08 /zm are populated through transitions located in the EUV. The 
inclusionn of Fe in had the direct consequence that the CIV lines reverted into 
emissionn in the parameter range where Fe m is the dominant iron ion, i.e. in 
thee effective temperature range from about 40000 to 32000 K. Though we 
accountt for approximately 30000 lines (see Sect. 4.2), this does likely not yet 
representt all of the blanketing at EUV wavelengths. A more complete inclu-
sionn of EUV lines is curently under investigation and may further reduce the 
Civv discrepancy at temperature higher than 40000K. 

Ourr model atoms do not include data for N il l (7-8), expected to be partly 
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4.54.5 Diagnostics 

responsiblee for the observed emission near A 2.1155 //m. Still, our predictions 
showw an emission due to C il l (7-8) at A 2.1151 //m. The EW of this line peaks 
att 0.8 A for spectral type 06.5. This is much weaker than observed (1 to 5 
A),, though it may explain some observations for spectral types 06 and later. 

4.55 Diagnostic s 

Inn the Morgan & Keenan (MK, see Morgan & Keenan 1973) classification 
schemee stars of spectral type O are defined by the presence of Hell lines. 
Subtypess are defined on the basis of the relative strength of the He I and 
Helll  lines. The luminosity class of O-type stars is based on optical Siiv 
andd He I lines (e.g. Walborn 1990). A quantification of the spectral type 
calibrationn was proposed by Conti & Alschuler (1971), Bisiacchi et al. (1982) 
andd Mathys (1988). In this section, we investigate the correlation between 
opticall  and near-infrared line ratios. This may lead to an extension of the 
quantitativee spectral classification to near-infrared lines. 

Thee advantage of the near-infrared spectral range over the optical is that 
itt contains a range of hydrogen lines from different series and from high levels 
inn the atom. Though this implies an additional diagnostic potential (see 
Lenorzerr et al. 2002b), this does require spectra of sufficient quality, both in 
termss of signal-to-noise and spectral resolution. Also, a, /?, and 7 lines are 
stongerr than their counterparts in the Balmer series in the optical. This may 
turnn out to be beneficial, especially for wind density determinations based 
onn Bra (see Sect. 4.5.3). The helium lines in the optical and near-IR are 
aboutt equally strong, so in principle they may serve equally well for spectral 
classification.. In practice the data quality is usually somewhat less in the 
near-IRR as present day detectors for this wavelength regime have a poorer 
quantumm efficiency than optical instruments do. 

4.5.11 Spectra l Type 

Whenn correlating optical and near-infrared line behavior, we first notice that 
O-typee stars are no longer defined by the presence of He II lines if one concen-
tratess on only the near-infrared window. Indeed, at these wavelengths, most 
Henn lines disappear around spectral type 08.5. Consequently, near-infrared 
Hee i/He II line ratios can only be measured for earlier spectral types. This is 
too be expected as the near-infrared continuum is formed further out in the 
atmospheree of O-type stars, where the temperature is lower. 

Wee present predicted Hei/Hell equivalent width ratios for lines in the J, 
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Figuree 4.5: The correlation between optical and near-infrared Hel/Hell 
equivalentt width ratios which may be used to calibrate spectral types. Cir-
cless denote EW predictions for a relatively high spectral resolution (R ~ 
44 500 — 6 000);; triangles give predictions for medium resolution (R ~ 1000). 
Thee plus symbols give observed ratios. 



4.54.5 Diagnostics 

H,, and K band in Fig. 4.5. We do not find suitable helium lines in the L-band. 
Wee treatt all luminosity classes on the same footing and plot values applicable 
forr both high- and medium-resolution spectra. With high spectral resolution 
(circless in Fig. 4.5) we mean R ~ 6 500 and 4 500 for the J and K band. With 
mediumm resolution (triangles) we imply R ~ 1000. In the J-band (top panel) 
wee find that the ratio He I Al.2788 / HellAl.1676 may serve to determine the 
spectrall  type. This only works at high resolution, as else the He 11.2788 line 
startss to blend with Cm 1.2794, rendering this diagnostic unusable. Note 
thatt for He I Al.2788 we do not take into account Stark broadening. This will 
affectt the slope of the relation and at present prevents a reliable use of this 
ratioo as a temperature diagnostic. 

Inn the H band (middle panel) the best candidate line ratio for determining 
spectrall  type is He I Al.7007 / HeiiAl.6921. In practice, the optical ratio 
Hee IA4471 over He n A4542 is found to be of practical use for ratios inbetween 
aboutt —1 and +1 dex; otherwise one of the two lines gets too weak. The 
samee applies to the identified H band ratio, implying that it can be used to 
determinee the spectral type of 04 through 08 stars. 

Overplottedd in Fig. 4.5 are observed He i/ He II ratios from Hanson et al. 
(1998)) in the H band and from Hanson et al. (1996) in the K band. In the 
HH band only few observations are available for spectral type 07 through 09. 
Thesee seem to form an extension of the predicted slope as found for stars of 
typess 07 and earlier. However, at spectral type 08 the predicted curve turns 
upward,, i.e. the models appear to underpredict the helium line ratio. In the 
KK band, more data is available though also only for types 07 and later, as 
otherwisee the He IA2.1126 line is too weak to be measured. The available 
dataa is mainly for supergiants. We find that the observations extend the 
predictionss of the low surface gravity models for stars of spectral type 07 or 
earlier,, and underpredict the ionisation for cooler stars. On the basis of such 
aa limited comparison it is difficult to draw firm conclusions. We again note 
thatt the observed ratios appear in better accordance with the low gravity 
models.. This likely implies that for supergiants the density structure in the 
transitionn region and lower part of the wind connects more gradual (i.e. with 
aa smaller density gradient) than is assumed in our standard supergiant grid, 
ratherr than an overestimate of the mass. 

Thee predicted near-infrared equivalent width ratios presented in Fig. 4.5 
correlatee well with the optical ratio and show a steeper dependence on spec-
trall  type than does He IA4471 over He n A4541. These near-infrared line ratio 
mayy serve to determine the spectral type. As for our model predictions, we 
notee that the predictions for He I Al.2788 do not account for Stark broaden-
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ingg effects. Therefore, the J band ratio is less steep than presented, i.e. it 
wil ll  yield spectral types that are systematically too early. The H-band and 
K-bandd ratio are also to be taken with care as our models do not perfectly 
reproducee the observed line strengths (see Sect. 4.4). Still they give a reason-
ablyy good idea of the observational requirements needed to derive quantitative 
informationn on the spectral type of hot stars from near-infrared spectroscopy 
alone.. We conclude that a derivation of the spectral sub-type of O stars from 
near-infraredd helium line ratios is in principle feasible for good quality spectra 
inn the J, H, and K band and for stars that have spectral types in the range 
044 to 08. 

4.5.22 Surfac e gravit y 

Severall  of the strongest lines in the near-infrared, such as Bra, Br7, Pfy, 
andd He II A3.0917, appear to be very sensitive to the surface gravity. This 
is,, however, a consequence of the relation we assume between gravity and 
mass-losss rate. These lines are mainly formed in the wind and may serve as 
ann indicator of the wind density (see next subsection). 

Thee lines showing a direct dependence on surface gravity are the weaker 
lines,, formed near the stellar photosphere. Most He I and a few He n lines are 
foundd to be sensitive to this parameter. The Hell (6-11), (7-10), (7-11) and 
(7-12)) and the Hel (2s-2p) lines are stronger in absorption for lower gravity at 
temperaturess between 30 and 40 kK (see Sect. 4.3). The same holds for most 
Hee I lines between 25 and 35 kK. Unfortunately, no well defined monotonie 
correlationn could be extracted. 

4.5.33 Win d densit y 

Mass-losss rates of O-type stars can be determined from ultraviolet resonance 
andd subordinate lines, Ha, and radio flux measurements. For a recent review 
onn these methods, including a discussion of their individual pros and cons, 
seee Kudritzki & Puis (2000). A relatively simple method to derive M is to 
usee the net equivalent width of Ha (see e.g. Klein & Castor (1978), Leitherer 
(1988)) and correlating it with the equivalent width invariant 

M M 

firstfirst introduced by Schmutz, Hamann & Wessolowski (1989) for a fixed tem-
perature,, and extended to include Teff by Puls et al, (1996) and de Koter, 
Heapp & Hubeny (1998). The invariant essentially expresses that Ha is formed 
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byy the recombination mechanism, therefore its strength will be approximately 
proportionall  to the mean column mass jö2R* ~ ^2/ (R* voo)- In principle, the 
samee strategy can be applied using the Bra line. Relations between the EW of 
Braa and the mass-loss rate have already been proposed, based on model pre-
dictionss (Schaerer et al. 1996); and on observations (Lenorzer et al. 2002a). 
Thiss line is intrinsically stronger than Ha, which means that the photospheric 
absorptionn has a smaller impact on its EW. We have opted not to correct for 
aa photospheric contribution, as a "true" photospheric component of this line 
cann only be defined if a core-halo approximation is adopted (i.e. a seperate 
treatmentt of the stellar photosphere and wind), which is not physically re-
alisticc in the near-infrared regime. Recall that most near-infrared lines are 
formedd mainly in the transition region. 

Thee correlation between predicted Bra equivalent width and Q is given in 
Fig.. 4.6. The units of the constituents of the latter quantity are M in MQyr-1, 
stellarr radius in R0, Teff in Kelvin, and VQO in km s- 1 . The measurements are 
fromm 4.0 to 4.1 /xm and include a number of blends from weak Hei and Hell 
lines.. This causes most of the modest scatter in the model results; overall 
thee correlation is very good. A best fit  (overplotted using a solid line) to all 
negativee EW values yields 

logEWW (Bra) - (32.4  0.5) + (1.55  0.03) logQ (4.4) 

Thee divergence from the fit of models with mass-loss rates below about 10- 7 

M 0yr _11 marks the transition to profiles dominated by photospheric absorp-
tion.. In the wind dominated regime the fit function recovers the Q value to 
withinn 0.05 to 0.15 dex for 0.5 < Q/IO- 20 < 1.0, and to within 0.04 dex for 
largerr values. 

Inn Fig. 4.6 we overplot the observed equivalent widths of nine giants and 
supergiants.. The Q values corresponding to these EW are from Puls et al. 
(1996),, Lamers et al. (1999) and Kudritzki et al. (1999) (see figure caption 
forr details). The bars connect mass-loss determinations for the same stars 
byy different authors, sometimes using different methods (Ha or radio). The 
barss therefore give an indication of the uncertainties involved in deriving 
M.M. Typical errors on individual measurements are about 0.3 dex in the Q 
parameter.. In seven out of nine cases the determinatios are in good agreement 
withh the trend. This ignores the outlying M results for a Cam and e Ori. The 
observedd EW for the two Iaf supergiants in the sample, HD 190429A and 
QZZ Sge, are clearly above the trend. These two stars show He II emission lines 
thatt are much stronger than the ones produced in our supergiant models. 
Onee of these He n lines is included in the measurement of the Bra equivalent 
width,, explaining the difference. 
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Figuree 4.6: The predicted equivalent widths for dwarfs (denoted by crosses), 
giantss (circles) and supergiants (squares) and lower surface gravity super-
giantss (triangles) are overplotted with observations from Lenorzer et al. 
(2002a),, for which Q was derived from Lamers et al. (1999), Puis et al. 
(1996),, and Kudritzki et al. (1999). Q is given in units of 10"20 M^yr" 1 per 
RQ

3//22 per K2 per km s_ 1. 

4.66 Conclusion 

Wee have confronted observations of near-infrared spectra with predictions 
usingg the current state-of-the-art model atmosphere code CMFGEN of Hillier 
&&  Miller (1998). This study was prompted by the fact that an increasing 
numberr of spectra of embedded O-type stars is presently becoming available, 
allowingg the study of stars hidden beyond tens of magnitudes of circumstellar 
orr foreground visual extinction. Though first attempts to make an inventory 
off  the potential and predictive power of models in this wavelength range have 
beenn undertaken (Najarro et al. 1999), a systematic approach using a large 
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4.64.6 Conclusion 

gridd of models was so far missing. We summarize the main conclusions of this 
study. . 

1.. The general trends and strengths of the lines are fairly compatible with 
observedd properties. Near-infrared lines are typically formed in the tran-
sitionn region from photosphere to stellar wind, or even in the lower part of 
thee wind (up to a few times the sonic velocity). The largest discrepancies 
aree found for helium lines in supergiant spectra, which are systematically 
underpredicted.. As low gravity models appear to reproduce these lines 
muchh better, it is expected that for these stars the connection of the pho-
tospheree to the wind is much smoother, i.e. the density changes more 
gradually,, than is adopted in our models. (It does not imply that masses 
forr supergiants are systematically underestimated). 

2.. The models show a good correlation between optical and near-infrared 
heliumm line ratios in the J, H and K band. Notably, the He I Al.2788 / 
Heiii  Al.1676, HeiA1.7007/Heii Al.6921, andHei A2.1136 / Hen A2.1885 
fimfim ratios appear good candidates. Application of these near-infrared 
ratioss requires good quality data and are only applicable for stars with 
spectrall  type 04 to 08. Cooler stars do not show Hen lines. This is to 
bee expected as the near-infrared continuum is formed further out in the 
atmosphere,, relative to where the optical spectrum originates. 

3.. The Bra, Br7, and HellA3.0917 lines in giants and supergiants are pre-
dominantlyy formed in the stellar wind. Comparison with observations 
showss that the Br7 lines are systematically underpredicted, while in most 
casess Bra is reproduced well. This suggests that Br7 is sensitive to an 
inhomogeneouss density behaviour or "clumping", while the stronger Bra 
linee suffers much less of this effect. This suggests a distance dependent 
clumping,, reaching a maximum in the region of Br7 formation. 

4.. We find that the Bra line is a fairly good diagnostic for the wind density 
andd we provide a means to correlate the measured equivalent width of 
thiss line to the wind density invariant Q = M/i23/2VooTgff . The relation, 
however,, depends on the He II abundance in the wind, as the Bra line is 
contaminatedd by a potentially strong Hen line. 
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CHAPTERR 5 

Identificatio nn of the ionising source 
off  NGC2024 

BasedBased on: Bik, A., Lenorzer, A., Kaper, L., Comerón, F., Waters, L.B.FM., 

dede Koter, A. & Hanson, M. M. 2003, A&A 404, 249 

Abstrac t t 

Wee propose the late-O, early-B star IRS2b as the ionising source of the Flame Nebula 
(NGCC 2024). It has been clear that such a hot, massive star must be present in 
thiss heavily obscured region, and now it has been identified. New near-infrared 
photometryy shows that IRS2b is the most luminous and hottest star in the young 
starr cluster embedded in the centre of NGC 2024. The near-infrared observations 
(5'' x 5') cover ~90 % of the H II region detected in radio continuum radiation, making 
thee probability very low that the ionising star is not present in the field. A K-band 
spectrumm of IRS2b obtained with ISAAC on the Very Large Telescope indicates that 
thee spectral type of IRS2b is in the range 08 V - B2 V. Additional arguments indicate 
thatt its spectral type is likely closer to 08 than to B2. The corresponding amount 
off  ionising radiation is consistent with published radio continuum and recombination 
linee observations. 
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55 Identification of the ionising source of NGC2024 

5.11 Introductio n 

Justt east of £ Ori and north-east of the Horsehead Nebula, NGC 2024 (Flame 
Nebula)) appears in visible light as a bright nebula of which the central part is 
obscuredd by a thick dust lane. The central region of NGC 2024 is also a bright 
sourcee of radio continuum emission and recombination lines (Krugel et al. 
1982,, Barnes et al. 1989), indicating the presence of an ionising star of spectral 
typee 09-09.5. The heavy obscuration by dust is the reason why, contrary to 
M422 (O'dell 2001) and many other visible H II regions, the exciting star(s) of 
NGCC 2024 have not been identified. Near- and mid-infrared observations have 
revealedd the presence of a young star cluster in the core of NGC 2024 (Barnes 
ett al. 1989; Lada et al. 1991; Comerón et al. 1996; Haisch et al. 2001). 
Severall  candidates for the ionising source of NGC 2024 have been proposed 
(Grasdalenn 1974; Barnes et al. 1989), but none of these candidates are able 
too produce the observed radio continuum emission. 

Wee are carrying out a systematic survey of the stellar content of compact 
andd ultra-compact H n regions, with the aim to detect and study deeply em-
bedded,, newly-born massive stars. Our ultimate goal is to better understand 
thee earliest phases in the life of the most massive stars. In this context we 
havee obtained deep near-infrared images of a sample of compact H II regions, 
includingg NGC 2024 (Kaper et al. 2003). Subsequent K-band spectroscopy of 
thee candidate ionising stars has resulted in the determination of their spectral 
typess (Bik et al. 2003). 

Heree we describe how we have identified the long-sought-for ionising star 
off  NGC 2024. In Sect. 5.2 we present near-infrared, narrow-band images of 
thiss region, as well as a K-band spectrum of the candidate ionising star IRS2b. 
Inn Sect. 5.3 we derive the physical properties of this star. In the last section 
wee present our conclusions and compare the derived properties of IRS2b with 
alternative,, previously proposed candidates. 

5.22 Observation s 

Near-infraredd images of the central region of NGC 2024 were obtained with 
SOFII  mounted on ESO's New Technology Telescope (NTT) at La Silla on 
Februaryy 6, 1999; the seeing was 0.7". We used narrow-band filters centred 
onn strong nebular emission lines (P/3 1.28 //m, H2 2.12 /zm, Br7 2.16 /im), and 
twoo narrow-band continuum filters in the J and K-band (1.21 and 2.09 pan). 
Thee latter were chosen to measure the J and K magnitude of the embedded 
stars,, avoiding the contamination by nebular emission lines. Nine frames of 
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5.25.2 Observations 

200 seconds each were taken on source and 9 frames with a 2 second exposure 
perr frame were obtained to measure the sky background. The observations 
weree reduced using standard infrared imaging data reduction procedures with 
IRAF. . 

Pointt sources were detected by adding the frames in the J and K contin-
uumm filters, and running DAOPHOT (Stetson 1987) on the resulting frame. 
Thee photometry was obtained as follows: aperture photometry with a large 
aperturee was performed on the image of the standard star and of bright, iso-
latedd stars in the image field. This allowed us to set up a network of bright 
secondaryy standards in the image field. Then, aperture photometry with a 
smalll  aperture (3 pixel in radius), adequate for our rather crowded field, was 
performedd on all the stars in the field. The magnitudes of these stars were 
determinedd taking those of the secondary standards as a reference. 

Wee note that for red sources ((J-K) > 2 mag) the narrow-band J and 
KK magnitudes differ significantly from the broad-band J and Ks magnitudes. 
Thiss difference has been estimated by multiplying various energy distributions 
withh the response curves of the filters, representing a range in (J-K) from 0 
too 7. The typical errors for (J-K) « S on this correction are 0.2 and 0.07 mag 
inn J and K, respectively. The J and K-band magnitudes used in this paper 
aree based on narrow-band observations. Only for the construction of the 
Hertzsprung-Russelll  diagram (HRD, Fig. 5.4) the narrow-band magnitudes 
aree converted into broad-band magnitudes. 

Medium-resolutionn (R ~ 8,000) K-band spectra of some stars in this 
regionn were taken with ISAAC and ESO's Very Large Telescope (VLT) at 
Paranal,, Chile on March 20, 2000. The spectra were dark- and flat-field 
corrected,, and wavelength calibrated using standard reduction procedures. In 
orderr to correct for the sky background the object was "nodded" between two 
positionss on the slit (A and B) such that the background emission registered 
att position B (when the source is at position A) is subtracted from the source 
pluss sky background observations at position B in the next frame, and vice 
versa.. Telluric absorption lines were removed using the telluric standard star 
HDD 39908 with spectral type A2 V observed under identical sky conditions. 
Thee only photospheric line (Bry) in the spectrum of the telluric star needs to 
bee divided out first. It turns out that the best result is achieved when first 
thee telluric features are removed from the K-band spectrum of the telluric 
standardd using a high resolution telluric spectrum (obtained by NSO/Kitt 
Peak).. This spectrum is taken under completely different sky conditions, so 
aa lot of remnants are still visible in the corrected standard star spectrum; 
withoutt this "first-order" telluric correction, a proper fit  of Br7 cannot be 
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obtained.. The Br7 line is fitted by a combination of two exponential functions. 
Thee resulting error on the Br7 equivalent width (EW) of our target star is 
aboutt 5%. 

Ann L-band spectrum of IRS2b, with a spectral resolution R ~ 1 200 was 
obtainedd with VLT/ISAA C on February 22, 2002. The data reduction was 
performedd using an A6II star (HD 73634) as telluric standard. The quality of 
thee telluric standard was not sufficient to obtain a quantitative measurement 
off  the hydrogen absorption lines in the L band spectrum. 

5.33 The natur e of th e ionisin g sourc e in NGC 2024 

Fig.. 5.1 shows a composite near-infrared image of the obscured central region 
off  NGC 2024 (5' x 5'), centred on the bright (saturated, K ~ 5) infrared 
sourcee IRS2. Exposures in three narrow-band filters are combined: Br7, 
H22 and P/3. The edge of the molecular cloud to the south of NGC 2024 is 
markedd by emission produced by excited molecular hydrogen: note the clumpy 
filamentaryy structure. The recombination lines of hydrogen (e.g. Br7) are 
strongestt toward the core of the embedded stellar cluster. The optical extent 
off  the Flame Nebula is roughly 15' x 15', but at radio wavelengths NGC 2024 
iss only slightly larger (6' x 6') than the field covered by our near-infrared 
observations.. The radio continuum radiation is strongly concentrated toward 
thee central part of NGC 2024, and is expected to outline the extent of the 
regionn where hydrogen is fully ionised. 

Inn the following we demonstrate that IRS2b is the best candidate ionising 
starr present in the central star cluster of NGC 2024. A K-band spectrum 
off  IRS2b is used to confirm its early spectral type. The resulting effective 
temperaturee and luminosity of IRS2b are consistent with the radio continuum 
andd emission line observed. 

5.3.11 The youn g stella r cluste r embedde d in NGC 2024 

Duee to the severe obscuration by the dust lane in front of NGC 2024, its 
stellarr population becomes apparent at near-infrared wavelengths. The strong 
infraredd sources IRS1-5 are the brightest objects in Fig. 5.1. Another bright 
source,, IRS2b is located just 5" north-west of IRS2 (see inset Fig. 5.1). The 
existencee of IRS2b was first reported by Jiang et al. (1984) and confirmed by 
Nisinii  et al. (1994). 

Wee detect 106 and 210 point sources down to the detection limit of 
17.77 mag in J and of 16.1 mag in K, respectively. Because of the proximity 
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5.35.3 The nature of the ionising source in NGC 2024 

Figuree 5.1: Composite of three narrow-band images of the central region 
off  NGC 2024 obtained with NTT/SOFI (blue: P/3; red: Br7; green: H2). 
Northh is up and East to the left; the image size is 5' x 5' (at the distance of 
NGC20244 this corresponds to 0.5 x 0.5 pc). The upper left panel zooms in 
onn the region around IRS2: about 5" to the north-west we find IRS2b, the 
ionisingg star of NGC 2024. Also some previously proposed candidate ionising 
starss are indicated. The vertical stripes are instrumental artifacts caused by 
thee brightest stars. 

off  NGC 2024 (360 pc, Brown et al. 1994), its small spatial extent, its an-
gularr separation from the galactic plane, and the obscuration of background 
sourcess by the molecular cloud, we expect that nearly all of the infrared 
sourcess present in our near-infrared image are physically related to the clus-
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terr (cf, Comerón et al. 1996). 
Thee brightest infrared source in the centre of the NGC 2024 cluster is 

IRS2,, a source that has been held responsible for the ionisation of the H n 
regionn since its discovery (Grasdalen 1974). However, the physical nature of 
IRS22 is unclear: its K-band magnitude is too bright for a main sequence star, 
indicatingg a strong infrared excess. This excess is likely due to the presence of 
aa dense circumstellar disk; the central star is probably a B-type star (Lenorzer 
ett al. 2003, and below). Can we identify another, potentially hotter star that 
couldd be responsible for the ionisation of the Flame Nebula? 

Thee K vs. (J-K) colour-magnitude diagram (CMD) of the stars detected 
inn our images is presented in Fig. 5.2; only the brightest objects are shown. 
Thee dotted line indicates the position of the main sequence (Aller et al. 1982), 
forr different amounts of visual extinction Av. A distance modulus of 7.80
0.455 mag is adopted, which corresponds to 363  75 pc (Brown et al. 1994). 
Ann anomalous extinction law with Rv = 5.5 is used, as measured by Lee 
(1968).. We used the parameterisation of Cardelli et al. (1989) to describe 
thee shape of the extinction law. This extinction law is derived for stars with 
E(B-V)) < 1 and could be different for higher amounts of reddening. However, 
thee dereddening of OB stars in the near infrared is not very sensitive to the 
precisee value of Rv, as AK = 0.108 x Av for Rv = 3.1 and AK = 0.125 x Av 

forr Rv = 5.5. The slope of the near-infrared extinction law changes very 
slowlyy with Rv and the intrinsic (J-K) colour of OB stars is almost constant 
withh spectral type and luminosity class (Koornneef 1983). 

Fig.. 5.2 shows that the star IRS2b (K-7.57  0.07), when dereddened to 
thee main sequence, is the best candidate ionising star in the field (neglecting 
IRS2)) at a position consistent with a late O main sequence star. The position 
off  IRS2b in the CMD implies Av = 24.0  0.5 mag (Av = 28.5  0.5 for 
RyRy = 3.1) if it is a main sequence star. 

5.3.22 K-ban d spectra l typ e of IRS2b 

Thee spectral type of IRS2b can be determined from its K-band spectrum 
(Fig.. 5.3). Hanson et al. (1996) define five K-band spectral classes for O and 
early-BB stars based on low-resolution K-band spectra. Two K-band spectral 
classess correspond to the hottest 0 stars (k03-04 and k05-06, with k denot-
ingg that the classification is based on the K-band spectrum) which show lines 
off  N i n (2.115 /im) and Civ (2.079 /mi) in emission and the Br7 (2.166 ^m) 
linee in absorption. In the third class (k07-08) the C iv line is absent and 
thee He I (2.1128, 21137 ^m) lines appear in absorption. The fourth spectral 
classs k09-Bl is defined as having Hei and Br7 both in absorption, with the 
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Figuree 5.2: Colour-magnitude diagram of the brightest stars in the central 
regionn of NGC 2024. The vertical (dotted) lines indicate the position of the 
mainn sequence for different amounts of visual extinction (Ay)- The magni-
tudess are obtained through narrow-band observations. The diagonal (dashed) 
linee is the dereddening line of IRS2b, demonstrating that IRS2b is the intrin-
sicallyy brightest star of the embedded population. IRS2 (saturated in K) 
probablyy is a B star with a strong infrared excess due to a circumstellar disk 
(Lenorzerr et al. 2003). The dashed-dotted line is the detection limit in (J-K) 
followingg from the detection limits in J and K. 
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Figuree 5.3: K-band spectrum of IRS2b, obtained with VLT/ISAAC, showing 
Hee I 2.1127, 2.1138 /an and Br7 2.166 //m in absorption. 

equivalentt width of Br7 less than about 4 A. This class is equivalent to a 
Morgan-Keenann (MK) spectral type between 08 V and Bl V. The fifth class 
(kB2-B3)) shows strong Br7 and Hei absorption lines and is equivalent to MK 
typee Bl V to B2 V. The line equivalent widths (EW) can in principle be used 
too determine the K-band spectral type. There is, however, a substantial scat-
terr in the observed EW of Br7 as a function of spectral type in the calibration 
starss used by Hanson et al. (1996). 

IRS2bb shows both He I 2.113 jim and Br7 in absorption, with an equivalent 
widthh of 0.4 1 A and 4.9  0.6 A, respectively. The Hell line at 2.1886 
^mm is unfortunately not covered in our observation. 

Thee Br7 EW indicates that the K-band spectral type of IRS2b is in the 
rangee k09-Bl to kB2-B3 (MK types 08-B2). The Hei line appears in ab-
sorptionn around spectral type 07.5, increasing its EW toward later spectral 
types.. The He I line decreases in strength again toward B2/B3. The rela-
tivelyy weak He I line in the spectrum of IRS2b suggests that its spectral type 
iss either close to 08, or more toward B2/B3. 

Ann L-band spectrum provides a better diagnostic of its spectral type, since 
itt includes hydrogen Pfund lines, which are a better temperature diagnostic 
thann Br7 (Lenorzer et al. 2002). The L-band spectrum we obtained from 
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5.35.3 The nature of the ionising source in NGC 2024 

IRS2bb is of insufficient quality to measure the strength of the absorption 
lines,, though they are clearly present. Although we are not able to provide an 
independentt estimate of its spectral type, the L-band spectrum rules out the 
possibilityy that IRS2b has an significant infrared excess. Such an excess would 
bee even more dominant in the L-band, hindering the detection of photospheric 
lines. . 

5.3.33 The positio n of IRS2b in th e HRD 

Takingg our measurement errors into account, we arrive at a (conservative) es-
timatee of the MK spectral type of IRS2b in the range between 08 V and B2 V. 
Thiss corresponds to a range in Teff between 34,000 and 22,000 K (Martins et 
al.. 2002, Aller et al. 1982). Note, however, that the effective temperature 
calibrationn of OB stars is still a matter of debate. The derived limits on Tes 
aree not very hard. 

Forr every Teff, the dereddened K-band magnitude can be converted into 
aa luminosity (adopting a distance of 363 pc). For this calculation we use the 
relationn between the bolometric correction and Teff from Vacca et al. (1996) 
andd the (V-K) vs. Teff relation given by Koornneef (1983). The uncertainty 
inn the luminosity of IRS2b is due to the uncertainty in the distance towards 
NGCC 2024 and to the conversion from narrow-band to broad-band magni-
tudes.. The observational constraints on the location of IRS2b in the HRD 
aree visualised in Fig. 5.4 (left panel, shaded area). 

Aree these constraints on L and Teff of IRS2b consistent with the observed 
nebularr emission? The radio continuum flux of the H II region can be used 
too estimate the ultraviolet flux of the ionising source of NGC 2024. The total 
radioo continuum flux at 1667 MHz derived from high-resolution radio obser-
vationss (Barnes et al. 1989) is 63  4 Jy. The number of Lyman continuum 
photonss is derived from the observed radio continuum flux under the assump-
tionn that the H II region is ionisation bounded and neglecting absorption of 
UVV radiation by dust, implying that the number of recombinations is equal 
too the number of ionisations. We find that the number of Lyman continuum 
photonss is 7.3  1.2 x 1047 The given accuracies reflect the error in the distance 
quotedd by Brown et al. (1994). 

Krugell  et al. (1982) performed observations of the radio recombination 
liness H76OJ and He76a. The corresponding ionised helium fraction is 3 %, 
whichh leads to 2.2  0.1 x 1046 helium continuum photons. 

Thee observed number of photons capable of ionising hydrogen (Qo) and 
heliumm (Qi) can be compared to predictions based on stellar atmosphere 
modelss of OB stars (Smith et al. 2002). If we assume that a single hot star 
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Figuree 5.4: Left: The upper part of the theoretical HRD. The shaded region 
indicatess the position of IRS2b for which all observational constraints on L 
andd Teff are fulfilled. The diagonal area represents the constraint provided by 
thee observed K-band magnitude. The K-band spectrum implies that Teff < 
340000 K. Also shown are the theoretical evolutionary tracks and isochrones 
fromm Lejeune & Schaerer (2001). Right: The same region of the HRD as 
shownn in the left panel, but now including the regions in the HRD capable to 
producee Qo and Qi for comparison. 

ionisess NGC 2024, Qo and Qi constrain the location of the ionising star in 
thee HRD. In Fig. 5.4 (right panel), the regions which are able to produce 
thee required amount of Qo and Qi are indicated by vertical and horizontal 
stripes,, respectively. These regions overlap with the shaded region in the 
HRDD defined by the spectral classification of IRS2b. 
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5.45.4 Discussion 

5.44 Discussio n 

Ass shown in the previous section, an 08 star with characteristics compatible 
withh those observed in IRS2b should be capable of producing the required 
amountt of ionising radiation to explain the degree of ionisation of NGC 2024. 
Too meet the constraint set by Qi, its spectral type is more likely to be late 0 
thann early B, which is supported by its position in the CMD. Note, however, 
thatt the predicted value for Qi is not well known and depends on the selected 
stellarr model. Although other candidate ionising stars exist, they are not 
neededd to provide a self-consistent solution for the ionisation of NGC 2024. 
Inn the following we will discuss some of these alternatives. 

Iff  we correct for foreground extinction (cf. Fig. 5.2), IRS2b and IRS2 are 
thee two brightest sources. The position of IRS2 in the CMD indicates a strong 
infraredd excess (Lenorzer et al. 2003, Grasdalen 1974). IRS2 is associated 
withh the ultra-compact radio source G206.543-16.347, but its physical nature 
iss unclear. Current models suggest that ISR2 is a B star surrounded by a 
densee circumstellar disk responsible for the production of the infrared excess. 

IRS11 (estimated spectral type B0.5V, Garrison 1968) and IRS2 have been 
candidatee ionising sources for a long time. Barnes et al. (1989) discovered 
299 additional near-infrared sources in the Flame Nebula. In Figs. 5.1 and 
5.2,, the brightest of these infrared sources discovered by Barnes et al. (1989) 
aree plotted, as well as IRSl and IRS2. They propose that IRS1, IRS4 and 
IRS5,, together with IRS3, provide a significant contribution to the ionising 
radiation.. IRS3 is not shown in the CMD, because it is not a single source, 
butt consists of multiple stars which were not resolved by Barnes et al. (1989). 
Ass Qi is decreasing very rapidly with later spectral type the contribution to 
QiQi by the other bright stars (all later spectral type than B0.5V) is negligible. 

Thee radio continuum emission, however, can only be transformed into the 
numberr of ionising photons assuming that there is no dust included in the HII 
region,, and that the Hn region is ionisation bounded. If these assumptions 
aree not valid, the derived values of Qo and Qi are lower limits, so that a 
starr hotter than IRS2b might be required. In principle, such a star could be 
significantlyy more reddened (Ay > 35 mag, based on our detection limi t in J) 
andd thus have remained undetected, especially when the amount of extinction 
stronglyy varies with position. However, the visual extinction we measure for 
thee stars in the field is in the range between 5.5 < Ay < 25 mag. We judge 
thatt the probability of selectively obscuring this potentially hotter star is low. 

Inn Fig. 5.4 evolutionary tracks and isochrones from Lejeune & Schaerer 
(2001)) are plotted and the zero-age main sequence (ZAMS) is indicated. The 
locationn of IRS2b suggests that its mass is between 15 and 25 M Q . Although 
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thee determinat ion of the age through isochrones is more accurate when a 
wholee cluster is used, from the position of IRS2b alone in Fig. 5.4 we estimate 
ann age of 3 to 5 x lO6 years. Different authors (e.g. Blaauw 1991, Brown 
ett al. 1994) derived an age ranging between 2 and 7 x lO6 years, for the 
Orionn O B lb association neighbouring NGC 2024 using different techniques 
includingg kinematic and isochrones fitting techniques. Comerón et al. (1996) 
foundd an age of 2 x 106 years based on the frequency of IR excess in very 
loww mass objects in NGC 2024 as compared to that in Rho Ophiuchi. These 
determinationss also suffer significant uncertainties and are compatible with 
ours. . 
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CHAPTERR 6 

Thee peculiar circumstellar environ-
mentt of NGC2024-IRS2 

BasedBased on: Lenorzer, A., Bik, A., de Koter, A., Kurtz, S. E., 

Waters,Waters, L.B.F.M.,Kaper, L., Jones, C. E. k Geballe, T. R. 

20032003 A&A in press. 

Abstrac t t 

Wee re-examine the nature of NGC2024-IRS2 in light of the recent discovery of the late 
O-typee star, IRS2b, located 5 " from IRS2. Using L-band spectroscopy, we set a lower 
limi tt of Ay = 27.0 mag on the visual extinction towards IRS2. Arguments based on 
thee nature of the circumstellar material, favour an Av of 31.5 mag. IRS2 is associated 
withh the U C H I I region G206.543-16.347 and the infrared source IRAS 05393-0156. 
Wee show that much of the mid-infrared emission towards IRS2, as well as the far 
infraredd emission peaking at ~ 100 £tm, do not originate in the direct surroundings of 
IRS2,, but instead from an extended molecular cloud. Using new K-, L- and L'-band 
spectroscopyy and a comprehensive set of infrared and radio continuum measurements 
fromm the literature, we apply diagnostics based on the radio slope, the strength of 
thee infrared hydrogen recombination lines, and the presence of CO band-heads to 
constrainn the nature and spatial distribution of the circumstellar material of IRS 2. 
Usingg simple gaseous and/or dust models of prescribed geometry, we find strong 
indicationss that the infrared flux originating in the circumstellar material of IRS2 
iss dominated by emission from a dense gaseous disk with a radius of about 0.6 AU. 
Att radio wavelengths the flux density distribution is best described by a stellar wind 
recombiningg at a radius of about 100 AU. Although NGC2024/IRS2 shares many 
similaritiess with BN-like objects, we do not find evidence for the presence of a dust 
shelll  surrounding this object. Therefore, IRS2 is likely more evolved. 
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66 The peculiar circumstellar environment of NGC2024-IRS2 

6.11 Introductio n 

NGCC 2024 is one of the four major nebulae in the nearby giant star forming 
complexx Orion B. Located at about 363 pc (Brown et al. 1994) this nearby 
HH n region is particularly active in star formation and has therefore been ex-
tensivelyy studied at many wavelengths. The optical image of NGC 2024 (the 
Flamee Nebula) shows a bright nebulousity with a central elongated obscura-
tionn in the north-south direction. The heavy extinction renders most of the 
nebulaa unobservable, from the UV to about one micron. 

Thee ionising source of NGC 2024 was unknown until very recently (Bik et 
al.. 2003), although numerous secondary indicators suggested that the domi-
nantt source must be a late-0 main-sequence star (e.g. Cesarsky 1977). The 
ionisingg star was searched for in the near-infrared where it was expected to be 
thee brightest source in NGC 2024. This led to the discovery of IRS2 by Gras-
dalenn (1974). IRS2 has been extensively studied in the near-infrared (Jiang, 
Perrierr & Lena 1984; Black & Willner 1984; Chalabaev & Lena 1986; Barnes 
ett al. 1989; Nisini et al. 1994), although it was eventually recognised that it is 
incapablee of powering the H n region (e.g., Nisini et al. 1994). NGC 2024 hosts 
thee strong IRAS source 05393-0156 whose colours fulfi l the criteria of Ultra-
Compactt Hl l (UCHll ) regions as defined by Wood & Churchwell (1989). 
Kurtzz et al. (1994) and Walsh et al. (1998) identified the compact radio 
sourcee G206.543-16.347, 72.8" from the IRAS source, but coincident with 
IRS2. . 

Thee dominant ionising source of NGC 2024 has recently been identified 
ass IRS2b. IRS2 is only 5" away from IRS2b, for which an extinction has 
beenn reliably determined and an age estimated (Bik et al. 2003). We address 
thee nature of the circumstellar material of IRS2 in light of this discovery. If 
IRS22 is not the dominant source of ionisation of NGC 2024, what makes it so 
brightt at infrared wavelengths? Is the star surrounded by a dust shell and/or 
aa circumstellar disk? Is IRS2 a massive young stellar object, and if so, do we 
observee remnants from the star formation process? 

Inn this study, we make use of spectroscopic observations obtained with 
Thee Very Large Telescope (VLT) and the United Kingdom Infrared Telescope 
(UKIRT)) and photometric measurements from the literature. The paper is 
organisedd as follows: In Sect. 6.2 we describe the new spectroscopic observa-
tions.. We present the flux density distribution in Sect. 6.3 and propose a set of 
diagnosticss to investigate the circumstellar material of IRS2 in Sect. 6.4. We 
employy and discuss the merits of three simple models to fit the observations 
inn Sect. 6.5. We summarise our findings in Sect. 6.6. 
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Figuree 6.1: 2.08-2.18 fim spectrum of NGC2024 IRS2 obtained with 
ISAAC/VL TT at R ~ 8 000. Line identifications and properties are given 
inn Table 6.1. 

6.22 Observations 

6.2.11 Observations and data reduction 

AA 2.08-2.18 /mi spectrum of IRS2, with a spectral resolving power R ~ 8 000 
andd signal-to-noise ratio S/N ~ 130, was obtained using the Infrared Spec-
trometerr And Array Camera (ISAAC) at the VLT on March 20, 2000. The 
spectrumm was reduced using standard procedures. Telluric absorption lines 
weree removed using the A2 V star HD 39908 observed under identical sky con-
ditionss as IRS2. Over the wavelength range of the Br7 line, we substituted 
aa spectrum of telluric features in place of the standard spectrum, instead of 
interpolatingg across the Br7 line of the standard star as is usually done. As 
wee are interested in the broad features in the line profile in IRS2, we prefer to 
havee easily recognisable residuals from narrow telluric lines rather than broad 
residualss from the inaccurate removal of the broad Br7 line of the standard 
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Figuree 6.2: 3.5-4.1 /xm spectrum of NGC 2024 IRS2 obtained with 
CGS4/UKIRTT at a resolving power of R ~ 1 500. Line identifications and 
propertiess are given in Table 6.1. 

star. . 
L-bandd spectra of both IRS2 and IRS2b were obtained using ISAAC on 

Februaryy 22, 2002, with a resolving power R ~ 1200 . The response func-
tionn was derived by dividing the spectrum of an A6 II star (HD 73634), 
observedd under similar conditions, by a synthetic spectrum compiled from a 
MARCSS model atmosphere with parameters Teg = 8 100 K, logg = 2.76, and 
[Fe/H]=0.000 (L. Decin priv. comm.). The model assumes plane-parallel lay-
erss and solar abundances. For the synthetic spectrum calculations the atomic 
linee list of J. Sauval (Decin 2000) and the H-line list of Kurucz (1991) were 
used.. For more details about the atmosphere models, see Decin et al. (2000) 
andd Plez et al. (1992). 

Thee L'-band (3.5-4.1 /xm) spectrum was obtained on December 23, 2000 
(UT),, using the Cooled Grating Spectrometer 4 (CGS4; Mountain et al. 1990) 
onn UKIRT. CGS4's 40 1/mm grating was used in first order with the 300 mm 
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Figuree 6.3: The 2.17 /an Br7 line of IRS2 obtained with VLT/ISAAC. The 
linee peaks at v\ST = 0 km s_1and has a wing extending ~ 400 km s_1 to the 
redd side of the profile. 

focall  length camera and the 0.6" wide slit, giving a nominal resolving power 
R~1500.. The array was stepped to provide two data points per resolution 
element.. A signal-to-noise ratio of ~ 100 was achieved on the continuum. We 
usedd the Starlink Figaro package for data reduction. Wavelength calibration 
wass done using the second order spectrum of an argon arc lamp. The spectrum 
wass reduced using the F0 V standard BS 1474 and the spectrum of a star of 
thee same spectral type observed at similar spectral resolution with the Short 
Wavelengthh Spectrometer (SWS, de Graauw et al. 1996) on the Infrared 
SpaceSpace Observatory (ISO, Kessler et al. 1996). We built a responsivity curve 
byy dividing the L'-band spectrum of the standard star by the ISO spectrum 
off  this FO V star and used it to reduce the spectrum of IRS2. 
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Tablee 6.1: Wavelength, emission line equivalent width, full width at half 
maximum,, and identification of the lines present in the 2.08-2.18 fim and 
thee 3.5-4.1 fim spectra. The last columns list the spectral resolving power 
andd beam size. Lines for which no measured quantities are given represent 
uncertainn identifications. 

A A 

(H H 
2.090 0 
2.138 8 
2.144 4 
2.166 6 
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0.66 x 1 
0.66 x 1 
0.66 x 1 
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6.2.22 Lin e propertie s and identification s 

Thee 2.08-2.18 fim and 3.5-4.1 fim spectra of IRS2 are presented in Figs. 6.1 
andd 6.2. The spectra only include emission lines, mainly from hydrogen. We 
identifiedd two lines of Mgll and possibly one line of Fell at A2.089 fim, one 
linee of Mgl at A3.866 ^m and one line of Hei at A4.038 fim. The Mgll and 
Fee II lines indicate the presence of very high density and fairly cool gas close 
too the star (e.g. Hamann & Simon 1987). The 2.08-2.18 fim spectrum of IRS2 
iss similar to the spectra of Group 3 Be stars as proposed by Clark & Steele 
(2000),, having spectral types in the range B1-B4. That group contains five 
starss all showing Mgll and Br7 in emission and no Hel; four of them also 
showw Fen in emission. The He I 2.06 fim line, usually the strongest line in 
thee K-band, is not covered in our spectrum, but is not present in the K-band 
spectrumm of IRS2 obtained by Thompson et al. (1981). The equivalent width 
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(EW)) of the Br7 line is larger than 8 A in all Group 3 stars, but is somewhat 
lesss in IRS2 (5.3  0.1 A). 

Thee Mg II, Pf7 and Humphreys series lines are fairly broad with full widths 
att half maximum (FWHMs) of about 400 k m s- 1 . The Brackett lines are 
muchh narrower, with deconvolved FWHMs of 145 km s_1 for Br7 and 200 
kmm s_1 for Bra. The values in Table 6.1 are not deconvolved by the in-
strumentall  profile, but deconvolution has only a small effect except for Bra. 
Thee difference in FWHM between the Brackett and other hydrogen lines is 
investigatedd further in Sect.6.4.2. 

Previouss near-infrared spectroscopic observations of recombination lines 
inn IRS2 have been reported by Thompson et al. (1981), Smith et al. (1984), 
Chalabaevv & Lena (1986), Geballe et al. (1987a), Maihara et al. (1990), 
andd Nisini et al. (1994). Both the line fluxes and line profiles have shown 
significantt variations. Only small variations in the line fluxes were observed 
betweenn 1980 and 1989. In 1991, however, the line fluxes increase greatly (up 
too 10 times for Bra; Nisini et al. 1994). The proportional increase was larger 
forr Bra than for Br7 and Pf7. The increase was followed by a decrease during 
thee period 1992-1994. There have been no reported measurements of these 
liness since 1994. 

High-resolutionn spectroscopy (R ~ 10000) by Smith et al. (1984) and 
Chalabaevv & Lena (1986) showed that the peaks of the Bra, Pf7, and Br7 
liness were at velocities in the range 20 < v\sr < 50 km s- 1 and that the lines 
hadd extended blue-shifted wings. In 1992 all three lines peaked at v\&T = -25 
kmm s- 1 and had extended red-shifted wings (Nisini et al. 1994). Our 2000 
spectrumm shows the peak of Br7 near v\ST — 0 km s_1 and a very extended 
wingg on the red side of the profile (see Fig. 6.3). The widths of the lines, both 
att half maximum and at zero intensity (FWZI), are comparable in 1984, 1992 
andd 1993 and are about 100 and 250 km s_ 1, respectively. However, in 2000 
alll  three lines had much larger widths. The measured FWZI of ~ 600 km s_1 

forr the Br7 line is much larger than has previously been seen in any of the 
lines.. The large width is mainly due to the red wing. 

Bothh the ISAAC and UKIRT measurements are in smaller apertures than 
alll  previous observations. The narrower profiles measured by Smith et al. 
(1984),, Chalabaev & Lena (1986) and Nisini et al. (1994) might result from a 
largerr contribution from extended gas with lower velocity dispersion. Our new 
high-resolutionn observations demonstrate that eight years after the outburst 
thee lines have not returned to their pre-outburst width, shape, and peak 
velocity.. Therefore we question if v  ̂ = 40 km s_1 is the actual systemic 
velocityy for IRS2. We note that the extended molecular cloud of NGC 2024 
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Figuree 6.4: The spectral energy distribution of IRS2, compiled from published 
photometricc data and ISO SWS/LWS spectra. Details concerning these data 
aree given in Tables 6.2, 6.3, and 6.4. The high resolution ISO spectra (shown 
ass continuous lines) are obtained in AOT6 mode. Open squares denote mea-
surementss made with apertures larger than 40"; open circles indicate aperture 
sizess of 5-20"; closed circles represent beam sizes less than 5". Most often, 
thee error bars on the data are smaller than the symbol size. The subdivision 
inn aperture size clearly shows that the emission bump peaking at about 100 
/txmm is not due to the nearby circumstellar medium of IRS2, i.e. it is not 
associatedd with the system itself but must come from warm material in the 
vicinityy of the star. 

hass v\ST of 6 km s_1 in the region surrounding our program star (Krügel et 
al.. 1982). IRS2 likely has a similar velocity. We do not pursue on the 
naturee of the observed line variability as this requires consecutive observations 
onn timescales much shorter than are available. This variability was already 
pointedd out by Nisini et al. (1994), who also suggest several explanations for 
thee line behaviour between 1981 and 1994. 
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6.36.3 The spectral energy distribution 

6.33 The spectra l energ y distributio n 

Inn Fig. 6.4 we display the spectral energy distribution (SED) of IRS2 from 
thee near-infrared to the radio domain. The SED is based on photometric data 
compiledd from the literature plus spectra obtained using the SWS and LWS 
instrumentss on ISO. The interpretation of the plotted data is not straightfor-
ward,, as measurements have been obtained with widely different apertures. 
Wee provide information on all data points in the figure, including beam sizes, 
measuredd magnitudes and fluxes, as well as the observational technique (when 
non-photometric)) in tables 6.2, 6.3 and 6.4 in appendix. A near-infrared im-
agee of the region surrounding IRS2 can be found in Chapter 5. 

6.3.11 Contributio n of IRS2 to th e observe d SED 

Variationss between different observations at the same wavelength can be no-
ticed,, the most striking being in the range of 3 to 30 fim. It is crucial to 
determinee the dominant cause of these variations in order to measure the 
fluxx directly attributable to IRS2. The variations could be due to intrinsic 
variabilityy of IRS2, to the extended background, or to other discrete sources. 
Thee region surrounding IRS 2 is far from empty at infrared wavelengths (cf. 
Bikk et al. 2003) and we thus expect some dependence of the observed flux on 
aperturee size. In the following we separately discuss four wavelength ranges: 
thee near-infrared (1-10 //m), the mid-infrared (10-25 fim), the far-infrared to 
sub-millimetree (25 //m - 0.2 cm) and the radio domain (0.2-6 cm). 

Mostt of the near-infrared observations were made with beam sizes less than 
orr equal to 15"; only the data observed by Prey et al. (1979) were obtained 
throughh a larger aperture (63"). The aperture used by Grasdalen (1974) is 
nott specified, however the bolometer systems they used on the 1.3m and 2.1m 
telescopess at Kit t Peak had aperture diameters less than 12" (D. Joyce priv. 
comm.),, the ones they used likely being smaller than 8.5" (G. Rieke priv. 
comm.).. The fluxes observed through apertures less than or equal to 20" 
(includingg the ISO/SWS spectrum) do not show any trend with aperture size. 
Thee higher values obtained by Nisini et al. (1994), which were observed with 
simultaneouss line enhancement and shift, most likely originate from variations 
closee to or in IRS2. The J-band measurement of Grasdalen (1974) is brighter 
thann other observations by 0.8 mag. It is difficult to attribute this value to 
sourcee variability as it is the only band affected by this discrepancy. We 
concludee that IRS2 is the dominant source in the 1-10 /xm region through 
aperturee diameters less than or equal to 20". 

Thee mid-infrared SED consists of four data sets. Grasdalen (1974) and 
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Walshh et al. (2001) observed similar fluxes at ~ 10 ^m through small aper-
tures.. The ISO/SWS flux is higher than the other mid-IR values suggesting 
thatt IRS2 is not the dominant source in the mid-infrared within the 14x20" 
ISOO beam. The IRAS fluxes are 20 and 600 times larger than the ones of 
Grasdalenn (1974) at 12 and 25 ^m respectively, and are obtained through 
muchh larger apertures. Moreover, there is a large offset of 72.8" between the 
positionn of IRS2 and IRAS 05393-0156; this IRAS point source has commonly 
beenn associated with IRS2 (e.g. Kurtz et al. 1994 or Walsh et al. 1998), but 
iss actually closer to FIR5 (Mezger et al. 1988), supporting the view that IRS2 
iss not the dominant source in the IRAS beam. 

Thee IRS2 region has not been observed at far-infrared to sub-millimetre 
wavelengthss with aperture sizes smaller than 40". ISO/LWS observed three 
differentt sources between 43 and 197 jim within NGC 2024: IRS2, FIR3 and 
FIR5.. The beams including IRS2 and FIR3 overlap by about 50% whereas 
thee beam of FIR5 has only a very small fraction in common with the others. 
Thee three spectra are very similar suggesting that at these wavelengths the 
emissionn is coming from the extended surroundings and not from individual 
sourcess (see Giannini et al. 2000). 

Inn the radio domain we only consider data obtained with interferometers, 
i.e.. with small beam sizes. After inspection of the original data, we find 
thatt the 6 cm data point of Snell & Bally (1986; 2.8 mjy) is too low and 
thatt the 1.3 cm point (Gaume et al. 1992; 19 mJy) suffers from significant 
uncertainties.. Re-calibrated values are given in Table 6.3 together with other 
reportedd fluxes and VLA archival data. Data taken between May 1994 and 
Januaryy 1995 all show similar flux levels. Observations by Kurtz in 1989 and 
byy Walsh in 1994 both show smaller fluxes by about a factor of three to four. 
Thee flux differences cannot be attributed to differences in beam size. Radio 
variabilityy and spectral index is discussed in Sect 6.4.1. 

Wee conclude that the bulk of the mid- and far-infrared emission observed 
inn large apertures and peaking at ~ 100 fim is not associated with the nearby 
circumstellarr medium of IRS2, but arises from a more diffuse source. There-
fore,, one cannot use the IRAS colour-colour criteria for UC H n regions (Wood 
&&  Churchwell 1989) to conclude that IRS2 is a massive star surrounded by a 
dustt cocoon. This weakness of the infrared criterion for UC H n was already 
pointedd out by Codella et al. (1994) and Ramesh & Sridharan (1997). Ex-
ceptt for the shortest infrared wavelengths, only small aperture observations 
(<< 20") are relevant in probing the nature of IRS2 and its immediate cir-
cumstellarr environment. Large aperture measurements will not be considered 
furtherr in this paper. 
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6.3.22 Extinctio n 

Estimatess for the extinction towards IRS2 are very uncertain and range be-
tweenn Ay = 12 and 32 mag (Thompson et al. 1981, Grasdalen 1974). The 
identificationn of IRS2b as the ionising source of the Flame Nebula, 5" away 
fromm IRS2 (Bik et al. 2003), allows for the first time an independent de-
terminationn of the interstellar extinction caused by the elongated structure 
obscuringg the centre of NGC 2024. Applying the synthetic extinction law of 
Cardellii  et al. (1989), Bik et al. (2003) find an Ay of 24  0.5 mag towards 
IRS2b,, taking Ry = 5.5. Note that the value of Ry is relevant for the ab-
solutee value of the extinction, but has only a weak effect on the slope of the 
near-infraredd spectrum. IRS2 and IRS2b are most likely located in the Hi l 
regionn behind the cold obscuring dust bar and in front of a warm molecular 
cloudd (Barnes et al. 1989). The 2.08-2.18 /im spectrum of IRS2b does not 
showw any evidence of circumstellar extinction (Bik et al. 2003), implying that 
thee obscuration is dominated by the cold foreground molecular cloud. 

Too compare the interstellar extinction towards IRS2 and IRS2b, we have 
inspectedd the strength of the 3.0 //m water ice absorption seen towards both 
sources.. Whittet et al. (1988) and Teixeira & Emerson (1999) present ev-
idencee for a linear relation between the optical depth in the ice band and 
thee visual extinction. The parameters of this relation is expected to depend 
onn the physical and chemical properties of the intervening medium, and thus 
mayy vary from cloud to cloud. To derive a differential extinction from the 
waterr ice absorption, we use the ratio of the normalised L-band spectra of 
IRS22 over IRS2b. These spectra start at 2.9 /im where the ice band is already 
present.. We therefore lack information on the continuum level on the short 
wavelengthh side. The spectrum of IRS2 stops at 3.5 fim due to saturation 
effectss while that of IRS2b extends out to 4.0 /im. These spectra are plotted 
inn Fig. 6.5. To recover the continuum level of the L-band spectra of IRS2 
andd IRS2b, we used the ISO/SWS spectrum of IRS2 and the 3.4 to 4.0 ^m 
partt of the spectrum of IRS2b, respectively. IRS2 has indeed been observed 
withh ISO/SWS, covering a larger spectral range and a larger aperture than 
ourr L-band spectra. This aperture contains both sources but since IRS2 is 
muchh brighter than IRS2b at these wavelength, we can safely consider that it 
probess the line of sight towards IRS2 only. We used its shape to determine 
thee continuum level of the L-band spectrum of IRS2. The 3.4 to 4.0 /im part 
off  the spectrum of IRS2b is outside of the ice band feature but shows a kink 
att about 3.5 /xm. We consider the two limiting cases: IRS2bl, in which the 
continuumm is based on a slope measurement in the 3.4 to 3.5 /im region, and 
IRS2b2,, in which the continuum is derived from the 3.5 to 4.0 fim interval. 
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Figuree 6.5: The upper panel shows four spectra of the 3.0 //m ice band. The 
lowerr curve is the ISO/SWS spectrum of IRS2 (shifted by -0.1). The second 
lowerr curve is the L-band spectrum of IRS2. The second upper curve is the 
L-bandd spectrum of IRS2b, normalised to its continuum level between 3.5 
too 4.0 /an (IRS2b2). The upper curve is the L-band spectrum of IRS2b, 
normalisedd to its continuum level between 3.4 to 3.5 //m (IRS2bl). The lower 
panell  shows the ratio of the L-band spectra of IRS2 over IRS2b for the two 
normalisationss proposed for IRS2b above. Both ratios have values below 
unityy with a minimum located on either sides of the peak of the ice-band. 
Thiss indicates that the appropriate normalisation of IRS2b lies in between 
thee two proposed above and that the extinction towards IRS2 is higher than 
forr IRS2b. 
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Thee lower panel of Fig. 6.5 shows the ratio of the L-band spectra of IRS2 and 
IRS2bb for these two cases. 

Forr both normalisations the ice band absorption in IRS2 is found to be 
strongerr than in IRS2b, showing that more interstellar ice is present in the 
linee of sight towards IRS2. Using Ay = 24 mag for IRS2b, we arrive at a 
proportionall  Av of 27 (using IRS2bl) to 41 mag (using IRS2b2) for IRS2. 
Iff  we require an intrinsic spectral index of two, the upper limi t can be ad-
justedd down to Ay = 36.5 mag (for Ry = 5.5). We conclude that the visual 
extinctionn towards IRS2 is between 27 and 36.5 mag. 

6.44 Diagnosti c tool s 

Wee discuss a number of independent diagnostic methods that may help to 
constrainn the geometry of the circumstellar material around IRS2. First, we 
usee the radio slope to determine the gradient in the radial density structure. 
Wee compare this slope with values typical for spherical outflows and disks. 
Second,, we apply a technique developed by Lenorzer et al. (2002a) in which 
thee flux ratio of lines in the L'-band are used to determine whether the mate-
riall  is distributed in a spherically symmetric or disk-like structure. Third, we 
brieflyy summarise the important observational and modelling findings made 
onn CO band-head emission about IRS2. 

6.4.11 Radio slop e 

Thee radio observations are listed in Table 6.3 (in appendix) and plotted in 
Figs.. 6.6 and 6.7. Discarding the problematic points taken in 1981-83 (Snell & 
Ballyy 1986) and 1989 (Gaume et al. 1992) (see Sect. 6.3), flux variations of up 
too about a factor of three are observed on timescales of years, and variations 
off  roughly a factor of two on timescales of months. Data prior to 1994 in-
dicatee relatively low flux densities, whereas the 1994-1995 dataset suggests a 
significantt brightening of the source, followed by a possible relaxation in 2002. 
Thee nature of this variability is not understood, however it may suggest some 
sortt of flaring event. The spectral indices a = d\ogJru/d\ogv derived from 
simultaneouss measurements suffer from large uncertainties, but do not show 
aa trend in time, nor do they depend on frequency base. Simultaneous ob-
servationss yield spectral indices ranging from 0.75 to 1.33, with a weighted 
averagee of ct=1.25  0.06, as a one sigma error. 

Thee radio spectral index can be used as a diagnostic of the density struc-
turee in a circumstellar medium. For a spherical, isothermal stellar wind that 
hass reached its terminal velocity it can be shown (Wright & Barlow 1975; 
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Figuree 6.6: Radio observations of IRS2. Multi-frequency observations at a 
singlee epoch are denoted by open circles. Squares represent non simultaneous 
data.. Recent observations by Rodriguez (priv. comm.) resolving the radio 
sourcee are denoted by a filled star. Assuming a spherical wind, these data are 
fittedfitted by nQ = 1011 cm~3 and Rout = 145 AU. Data point obtained at other 
epochss yield roughly similar parameters: 1989 observations by Kurtz et al. 
(1994)) imply the same n0 and Rout = 25 AU (dashed line); 1994 and 1995 
dataa require n0 = 2.5 x 1011 crrT3 and recombination at 42 AU (dotted line). 

Panagiaa & Felli 1975; Olnon 1975) that a = 2/3, neglecting a very mod-
estt dependence of the Gaunt III factor on frequency. The observed slopes are 
somewhatt steeper, suggesting either that the ionised region is sharply bounded 
(Simonn et al. 1983), or that the radial density distribution p(r) oc r~m has a 
gradientt steeper than that for a constant velocity wind, m = 2. For the wind 
modell  described in Sect. 6.5 with m — 2, two free parameters essentially de-
terminee the radio spectrum: the electron density at the stellar surface and the 
recombiningg radius. Recent observations by L. F. Rodriguez (priv. comm.) 
havee resolved the radio source, its diameter is 0.8 " at 3.6 cm, corresponding 
too a radius of 145 AU. This outer radius and the flux measured by Rodriguez 
requiree an electron density of n0 = 1011 cm- 3 (solid line in Fig. 6.6). Data 
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Figuree 6.7: Same data as in Fig 6.6. Here the overplotted models are for disks. 
Wee fit the radio observations of IRS2 with a disk model. Both models are for 
aa slope of m = 3.17 in the radial density distribution. The solid (dashed) line 
assumess an electron density at the stellar surface of 6.7 (1.8) x 1016 cm- 3 

andd an outer radius of 77 (39) AU, respectively, to prevent a turn-down of 
thee radio spectrum. 

obtainedd at different epochs are matched by roughly similar combinations of 
outerr radius and n0 (see also Fig. 6.6). 

Inn the more general case that a spherically symmetric density distribution 
iss given by a power-law, the spectral index is given by a(m) = (4m —6)/(2m — 
1)) where again the Gaunt III dependence on frequency is neglected. To match 
thee observations one finds m = 3.17 for a = 1.25. The a(m) relation also 
holdss when the gas is in a disk with a constant opening angle, if the density 
stilll  has a symmetric radial dependence. Disk models applied to different 
epochss are presented in Fig. 6.7 for an opening angle of 5 degrees. The free 
parameterss of these models are (again) the electron density at the stellar 
surfacee and the disk radius. The electron density required to match the flux 
densityy is high (between 1.8 and 6.7 x 1016 cm- 3 at the stellar surface). 
Waterss et al. (1991) observed six classical Be-stars at millimetre wavelengths 
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andd found their spectral indices to be in the range 0.94 < a < 1.45. These 
valuess are comparable to the ones for IRS2. However, typical densities for 
thesee "classical disks" are several orders of magnitude lower than what is 
requiredd for IRS 2. 

Thee present data do not allow us to conclude whether the observed radio 
variabilityy is due to changes in the ionisation and/or density structure. In 
Sect.. 6.5 we wil l use the overall SED to further constrain the circumstellar 
environment. . 

6.4.22 Infrare d hydroge n recombinatio n line s 

Lenorzerr et al. (2002a) recently developed a tool to investigate the geometry 
off  the circumstellar material around hot stars. A diagram using hydrogen 
liness from different series, all observable in the L'-band, allows one to sepa-
ratee sources in which the circumstellar material is distributed roughly spher-
icallyy (e.g. LBV stars) from sources in which it is more disk-like (e.g. Be 
stars).. The diagram (Fig. 6.8) is based on 21 spectra obtained by ISO/SWS 
(Lenorzerr et al. 2002b). It shows that both line flux ratios Hu(14-6)/Pf7 
andd Hu(14-6)/Bra increase from LBV to B[e] to Be stars. This trend can be 
understoodd in terms of the span in absorption coefficients of these lines. In 
ann optically thin medium one expects the flux ratios to follow Menzel Case 
BB recombination theory. At the other extreme, in an optically thick medium, 
thee ratios become independent of the absorption coefficient as the flux in any 
linee is determined by the size of the emitting surface. Some limitations of 
thiss diagnostic tool are to be expected, as the correlation between geometry 
andd optical depth is established from objects for which the geometry of the 
circumstellarr material is reasonably simple. Deriving the geometry of objects 
thatt might have multi-components and vary on short timescales is not trivial 
andd requires additional diagnostics, e.g. the modelling of the line profiles. 

Too investigate the effect of extinction the diagram includes the line flux 
andd EW ratios. The values of the EW ratios where shifted in both vertical and 
horizontall  directions such as the EW ratio for P Cygni,which has negligible 
extinction,, falls on top of its line flux ratio. Fig. 6.8 shows that IRS2 falls 
inn the upper right part of the diagram, close to the B[e] star GGCar. This 
positionn indicates that its lines are predominantly formed in optically thick 
gas.. This situation likely arises in a disk-like geometry. The position of the 
linee flux ratio of IRS2 corrected for an Ay of 30 mag (Sect. 6.3.2) is also 
indicatedd in the figure. There is a close agreement between the de-reddened 
linee flux ratio and the EW ratio of IRS2. The large shift observed for B[e] 
starss is not predominantly caused by extinction (all plotted sources have very 
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Figuree 6.8: Hu(14-6)/Bra versus Hu(14-6)/Pf7 for hot stars observed with 
ISOO (Lenorzer et al. 2002b). The different classes of objects, LBVs (squares), 
B[e]] stars (filled circles) and Be stars (open circles) are well separated. IRS2 is 
denotedd by a filled square. The filled asterisk indicates the position of optically 
thickk black-body emission; the striped region shows the range for Menzel case 
BB recombination, including collisional de-excitation, for temperatures higher 
thann 104 K. Line flux ratios are plotted in black; EW ratios in grey. 
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moderatee Ay), but by a rising dust continuum reducing their spectral indices. 
Wee conclude that the continuum of IRS2 is not affected by a dust continuum 
stronglyy rising between 3.74 and 4.05 fim. 

Too further constrain the geometry of the circumstellar material, we in-
vestigatee the line widths. The Humphreys lines as well as the Pfy line have 
FWHMss of about 400 km s*1; the S/N of the L'-band spectrum is too low to 
derivee any trend in the widths of these lines. The Brackett lines are narrower 
withh FWHMs of about 200 kms"1 (Sect. 6.2.2), suggesting a different line 
formingg region for intrinsically stronger lines. 

Thee ratio of the FWHMs of Pf? and Bra is about 2.0. For typical Be 
starss like 7 Cas, HR4621, K Cma or in the B[e] star GG Car, close to the 
positionn of IRS2 in the diagram, this ratio lies between 1.1 and 1.3, whereas 
itt is less than 1.0 for wind sources like P Cyg. The fact that the Brackett 
liness are much narrower than the other hydrogen lines suggests that they 
havee a significant contribution from low density gas close enough to the star 
too be observed in our narrow-slit spectrum. The FWHM of this optically 
thinn component can be estimated from the high-resolution spectrum of the 
Br77 line as < 130 km s_ 1. The infrared recombination lines observed in IRS2 
aree mainly produced in a high velocity (400 km s_1) optically thick medium, 
withh a small contribution from a lower velocity (< 130 km s_1) optically thin 
medium.. The high velocity contribution in itself would give IRS2 a position 
inn Fig. 6.8 that is closer to the Be stars. 

6.4.33 CO band-head s 

COO band-head emission at 2.3 /mi was first detected in NGC 2024/IRS2 by 
Geballee et al. (1987b). Its presence attests of the existence of high-density and 
warmm molecular gas. CO is largely dissociated at T ^ 5 000 K, while for T <̂  
22 000 K the upper vibrational levels will not be excited frequently by collisions. 
Inn addition to the proper temperature range, a density of at least 1010 cm- 3 

iss required to maintain the population of the excited vibrational levels, which 
radiativelyy decay rapidly via fundamental band transitions. The 2-0, 3-1, 4-
22 and 5-3 band-heads were observed by Geballe et al. at a resolution of ~ 
4600 km s_ 1, insufficient to resolve the individual CO lines. From the relative 
band-headd intensities they estimated an excitation temperature of about 4 000 
K.. From the intensity of the 2-0 band-head they found a minimum area of 
thee CO line emitting region of 2.8 x 1024 cm2, assuming that the lines close 
too the band-heads are optically thick. 

Chandlerr et al. (1993, 1995) observed the 2-0 band-head at high spectral 
resolutionn and proposed two models to explain the observations: an accretion 
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diskk and a neutral wind. The accretion disk model requires an extinction in 
thee K-band of about 4.4 mag, corresponding to Ay ~ 33.0 mag (for Ry = 
5.5).. The best fit values in the case of a disk are: an inclination angle of 
333 degrees (i.e. rather face on), and M^c = 5 x 10"7 M 0yr _ 1. Assuming 
aa stellar mass of 15 M 0 , the emission arises between 60 and 180 R0 where 
Kepleriann velocities are 130-220 km s_ 1. The wind model requires a mass-loss 
ratee of about 10- 5 M 0yr _1 and maximum velocities of 100 to 500 km s_ 1. 

6.55 Discussio n 

Inn this section we discuss three simple configurations that may reproduce 
thee observed SED and investigate their relevance based on the diagnostic 
toolss presented in Sect 6.4. We evaluate the contribution of emission from 
ann ionised wind and disk, as well as that of dust. We end the section with a 
discussionn on the nature of IRS2. 

Forr the emission from ionised gas we use a basic disk model, consisting of 
isothermall  hydrogen in Local Thermodynamic Equilibrium (LTE) and con-
siderr bound-free and free-free emission. We assume the density distribution 
too be a power-law, i.e. 

p(p(rr)) = P° {r/r 0)~
m or n(r) = n0 (r/r0)~

m (6.1) 

withinn the disk, where the density p and the electron density n have the value 
ppQQ and nQ at the stellar surface. The disk has a constant opening angle 6. 
Thee total bound-free and free-free optical depth for a beam passing the disk 
inn the direction perpendicular to the mid-plane is given by 

/rxtan(0/2) ) 
r^ff (T,r)) = 2^f+ff (r) / p{r)2dz (6.2) 

Jo Jo 

I tt follows that in the part of the spectrum produced by a partially optically 
thickk medium, the spectral index is given by a — (4m — 6)/(2m — 1) (see 
Waterss 1986). 

Wee adopt an opening angle of 6 — 5 degrees, consistent with the small 
openingg angles derived from spectropolarimetric observations of gaseous disks 
aroundd classical Be stars (e.g. Putman et al. 1996). Note that this parameter 
influencess the flux level similarly to p0. The adopted gas temperature is 10 000 
K.. The free parameters of this model are then the density at the stellar surface 
po,, the density gradient index m, and the outer radius of the disk Rdisk- The 
densityy parameter pa fixes the total flux while m determines the spectral 
index.. The outer radius sets the wavelength at which the break occurs in the 
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spectrall  index. The spherical wind model is very similar to the disk model, 
exceptt for the difference in geometry, and the use of a fixed density gradient 
mm = 2. 

Wee remark that for a dense disk the assumption of an isothermal medium 
iss likely to break down, leading to lower temperatures in the mid-plane region 
ass a result of self-shielding. This is not expected to change the predicted 
diskk energy distribution significantly as this is set by emission from the disk 
surfacee layers, which can be illuminated directly and therefore have a high 
temperature. . 

Finally,, dust emission, which cannot arise in the ionised region, is modelled 
ass black-body emission at temperature T^. 

Theree is very littl e known about the stellar content of IRS2. Prom radio 
observationss of the compact radio source associated with IRS2, Kurtz et al. 
(1994)) derive an ionising source corresponding to a B3 V star. K-band spec-
troscopyy is consistent with an early B star. In the following, we assume the 
centrall  object is a single early-B main-sequence star. It seems indeed reason-
ablee to assume that IRS2 is close to the main-sequence as an age of 4 x 106 

yearss was derived for IRS2b (Bik et al. 2003). 

6.5.11 Mode l A: a gaseou s dis k 

Wee first consider the case in which the entire spectral energy distribution 
iss produced by one gaseous component (i.e., no dust). This model requires 
ann interstellar extinction high enough to account for the sharp turn down 
observedd at near-infrared wavelengths. This is achieved for Ay > 31.5 mag. 
Afterr dereddening, the best fit to all data points yields a spectral slope a = 
1.09,, corresponding to a density gradient m = 2.7. The steep gradient favours 
aa disk-like geometry. Matching the overall flux level requires an electron 
densityy n0 — 1015 cm- 3. The radio data do not show a break in the spectral 
indexx down to 6 cm, implying an outer radius of at least 100 AU. The best 
fitfit  model is plotted in the top panel of Fig. 6.9. The model corresponds 
too a hydrogen disk mass of Md isk-3.0 x 10~6 M© and a disk luminosity 
log(Ldisk/L©)) = 4.6. 

Too investigate if such a very dense gaseous disk allows the excitation of 
COO band-heads, as is observed, we determine self-consistently the temperature 
throughoutt the disk using a technique developed by Millar & Marlborough 
(1998).. This method adopts a Poeckert-Marlborough disk model assuming 
hydrostaticc equilibrium. The continuity equation fixes the radial density gra-
dientt (see Marlborough 1969 and Poeckert & Marlborough 1978). The state 
off  the gas is solved subject to statistical and radiative equilibrium. The fi-
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100 11 12 13 14 15 
log(yy Hz) 

Figuree 6.9: Three models describing the circumstellar medium of IRS2. 
Thee central star is represented by a Kurucz model of Teg = 33 000 K and 
log(L/LQ)) = 4.87 (solid line). The observations are denoted by circles. Note 
thatt the observations are de-reddened using a lower extinction in the middle 
panell  (Ay = 20 instead of 31.5 mag). From top to bottom: Model A: The 
dottedd line is the disk model and the thick solid line is the sum of the stel-
larr and disk contributions; Model B: The dotted line is the wind model, the 
dashedd line is the dust model and the thick solid line is the sum of the stellar, 
dustt and wind contributions; Model C: The dotted line is the wind model, 
thee dashed line is the disk model and the thick solid line is the sum of the 
stellar,, disk and wind contributions. 
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nall  result is a set of self-consistent temperatures. For additional details of 
thee temperature calculation we refer to Millar & Marlborough (1998, 1999a, 
1999b)) and Millar , Sigut, & Marlborough (2000). 

Thee adopted parameters are n0 = 3.33 x 1014 cm- 3 in the equatorial plane 
att the stellar surface and a scale height rising from 0.1 R* at the stellar surface 
too 34.75 R* at a radial distance of 100 R*. Note that this disk structure is 
somewhatt different from that of our simple model, but close enough for the 
qualitativee purposes. Fig. 6.10 shows the temperature structure calculated 
forr a central star having Teff = 25 000 K, R*  = 10 R0, and log#*  = 3.67 
(( representative of a Bl V star). The global-average kinetic temperature of 
thee disk gas is 13 700  4 000 K. The temperature at the surface of the disk 
decreasess from 15000 K close to the star to 12000 K over most of the sur-
face.. Mid-way between disk surface and equatorial plane the temperature 
risess above that of the surface. At radial distances beyond 15 R* the tem-
peraturee reaches approximately 17000 K. In the equatorial plane however, 
thee temperature drops drastically at around 10 R* from 20 000 to 5 000 K, 
decreasingg outwards to 3000-4000 K. This is due to a large optical depth for 
photo-ionisingg stellar radiation. Note that our detailed temperature computa-
tionn assumes a pure hydrogen disk. Additional and more efficient cooling from 
metalss and molecules at these temperatures would likely result in even lower 
temperatures.. It is therefore plausible that the observed CO band-heads, 
representativee of a 4 000 K medium, originate from inside a dense gaseous 
disk.. The observed CO emission does not necessarily require the molecules 
too be shielded by a dusty medium. The position of IRS2 in the line-flux ratio 
diagramm (see Fig. 6.8) can be explained qualitatively with a massive Be-like 
disk,, the shape of the lines, however, require a more complex geometry. 

Modell  A is fairly compatible with the diagnostic tools discussed in Sect. 6.4, 
namelyy the observed radio slope, the infrared hydrogen recombination lines 
andd CO band-heads, as well as with the extinction determination. The main 
shortcomingg of this model is that it overestimates the observed mid-infrared 
fluxflux in the 8-20 micron range. Also, the disk luminosity is a sizable fraction of 
thee luminosity of a main sequence star (about 50%). For an active disk, i.e. 
aa disk that has an extra source of heating, (e.g. from accretion) this fraction 
wouldd decrease. To get a rough idea, for a star of 15 M 0 and an accretion 
radiuss of 10 R0, the disk luminosity corresponds to an Eddington accretion 
ratee of the order of 10- 3 M 0yr_ 1. Such accretion rates may perhaps occur in 
hott molecular cores, but seem unrealistically high for IRS2. 
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Figuree 6.10: The temperature structure for a Poeckert-Marlborough disk with 
n00 = 3.33 x 1014 cm- 3 in the equatorial plane at the stellar surface. Temper-
aturee profiles for three different heights above the equatorial plane are given. 
Thiss calculation shows that CO band-head emission may arise in a dense 
gaseouss disk. 

6.5.22 Model B: a stellar wind and optically thin dust 

Inn the model discussed above, we assumed that one component is responsible 
forr the entire SED. As can be seen from Fig. 6.9, Model A overestimates the 
mid-infraredd flux. This wavelength range is also observed to have a spectral 
indexx of about 2, different from the radio range. In Model B we ascribe 
muchh of the infrared continuum emission to a different origin than the radio 
emission,, i.e. we assume the radio flux to originate in a dense ionisation 
boundedd wind, while a dust shell gives rise to the near- and mid-infrared flux. 

Inn the middle panel of Fig. 6.9, we show a wind model with an electron 
densityy at the stellar surface of na = 1011 cm"3 and outer radius of 145 AU by 
aa dotted line (cf. Sect. 6.4.1). The mass of hydrogen contained in this wind 
iss Mw;nd = 7.6 x 10~7 M 0 yielding a mass-loss rate of about M = 1.1 x 10~6 

M Qyr_11 (adopting a terminal wind velocity of 1000 km s"1). This mass-loss 
ratee is about four times larger than predictions for early-B main-sequence 
starss by Vink et al. (2001). Assuming Baker & Menzel (1938) Case B, we 
findd that the above wind density structure and outer (recombination) radius 
aree appropriate for a Bl V star adopting ionising fluxes by Panagia (1973). 

Wee model the near-infrared part of the SED by a simple black-body. 
Strictlyy speaking, this is only allowed if the dusty medium is optically thick. 
However,, for dust temperatures near 1 500 K (which are required; see below) 
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dustt extinction wil l be dominated by species that have a rather grey extinc-
tionn behaviour at near-infrared wavelengths, such as carbon grains. In that 
case,, the assumption of black-body emission also holds for an optically thin, 
isothermall  dusty medium. The monotonie slope of the SED in the 5-20 //m 
regionn is quite insensitive to extinction and shows that if dust is to contribute, 
itt must have a temperature higher than 1000 K. The highest dust evaporation 
temperaturess are around 1500 K and result in a peak flux density at 3.4 /mi. 
Too have the flux peak at this wavelength requires an Ay of 20 mag; cooler 
dustt requires less extinction. This extinction is less than the derived mini-
mumm extinction towards IRS2 of 27 mag. Any contribution to the extinction 
byy circumstellar dust only aggravates the problem. To minimise the extinc-
tionn problem we model the dust emission using a blackbody of 1500 K (see 
dashedd line in middle panel of Fig. 6.9). The properties of the central star 
requiree this dust to be at about 240 stellar radii. The observed flux density 
att near-infrared wavelengths then implies that this dust is optically thin. The 
singlee temperature blackbody is slightly broader than the observed emission, 
aa problem that cannot be solved using a temperature distribution to represent 
thee dust as that would only broaden the emission further. A higher extinction 
(thann Ay = 20 mag) allows a broader intrinsic near- and mid-IR flux distri-
bution.. However, it would simultaneously shift the peak emission towards 
shorterr wavelengths. This would require dust at temperatures in excess of 
11 500 K, which is not physical. 

Thee near-infrared hydrogen recombination lines could, in principle, orig-
inatee in a recombining wind with parameters similar to those derived above 
andd an A^ of 20 mag (Maihara et al. 1990). The main problem of model 
BB is that it is incompatible with the minimum extinction of 27 mag towards 
IRS2.. For this reason the optically thin hot dust model proposed by Jiang et 
al.. (1984) cannot be supported. 

6.5.33 Mode l C: a win d plus a gaseou s dis k 

Finally,, we consider a model in which the radio emission originates in a re-
combiningg wind, and the infrared component in a gaseous disk. The wind 
componentt has the same characteristics as in Model B. Matching the mid-
infraredd part of the SED with a gaseous disk requires an extinction of 31.5 
mag,, similar to Model A. The mid-infrared spectral index is close to a = 2, 
i.e.. to the value expected for an optically thick isothermal medium The dered-
denedd mid-IR observations can be fitted by a blackbody of at least 5 000 K, 
thee flux level constraining the size (i.e. surface area) of this component. If 
thee temperature is higher, the same extinction allows the near-infrared part 
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off  the SED to be partially optically thin. 
Lackingg a constraint on the density gradient, we use m = 2.0. We retain 

thee disk geometry assuming an opening angle of 5 degrees and a temperature 
off  10000 K. We obtain n0 = 1.8 x 1014 cm- 3 and an outer radius of #disk = 
140.00 R0. This component is plotted in the bottom panel of Fig. 6.9 with a 
dashedd line. It corresponds to Mdisk = 2.5 x 10"7 M 0 and a log(Ldisk/L0) = 
4.5. . 

Thee infrared recombination lines are easily explained by this model. The 
broadd optically thick portions of the lines would originate in the disk and 
thee optically thin contributions would be produced in the outer wind. The 
COO band-heads likely originate from the equatorial plane and outer part of 
thee disk, as the high densities and low temperatures (due to the shielding) 
cann provide the required physical conditions for the existence of CO and 
forr excitation of the band-heads (see Sect. 6.5.1). This location is also in 
agreementt with results of CO band-head modelling by Chandler et al. (1995) 
(seee Sect. 6.4). 

Inn conclusion, model C fulfil s all the observational diagnostics and fits 
thee observations best. Similarly to model A, model C implies a disk lumi-
nosityy that is comparable to the stellar luminosity of a B0 V star for which 
log(Ld isk/L 0)) = 4.86 (Smith et al. 2002). In principle this is possible, though 
itt implies that the total opening angle of the disk should be ~ 45 degrees. 
Iff  we have underestimated the stellar luminosity then the disk could have 
aa smaller opening angle but seems difficult to reconcile with a few degrees. 
Alternatively,, the disk could have an intrinsic energy source, e.g. as a result 
off  accretion (cf. Sect. 6.5.1) providing (part of) the disk luminosity. 

6.5.44 The natur e of NGC2024/IRS2 

Thee location of IRS2 in the star-forming complex Orion B suggests it is a 
youngg object, perhaps even in a pre-main sequence stage of evolution. Ob-
jectss similar to the Becklin-Neugebauer (BN) object in Orion, which reside in 
coress of molecular clouds, have been proposed to represent deeply embedded 
massivee YSOs. Therefore, we compare the properties of IRS2 with those of 
BN-likee objects (see Henning & Giirtler 1986 for a review). 

Bothh IRS2 and the BN-like objects are very compact sources in the near-
andd mid-IR as well as in the radio, with sizes of about 10 to 100 AU. For an Ay 
off  31.5 mag and the adopted distance of 363 pc, we find a minimum luminosity 
forr IRS2 of 104 L 0 , corresponding to a B0.5V star. This is in reasonable 
agreementt with that of the BN-like objects, which have integrated luminosities 
inn the range of ~ 103 to 104 L 0. The near-IR hydrogen recombination lines 
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inn BN-like objects, like in IRS2, have extended wings (with FWHM of several 
hundredss of kilometres or more) and have flux ratios which are not consistent 
withh Case B recombination. Also, both the BN-like objects and IRS2 show 
COO band-heads, implying dense and warm neutral gas. However, the BN-like 
objectss show evidence for an optically thick dust cocoon as well as for a cold 
molecularr surrounding. Both are absent in IRS2. Perhaps IRS2 is in a similar 
evolutionaryy stage as the BN-like objects, but somehow has its circumstellar 
cloudd disrupted by another more evolved source (such as IRS2b). More likely, 
thee star is more evolved. This would be supported by the apparent absence 
off  dust in the system. If the disk in IRS2 would represent a remnant of 
thee stellar formation process, one would expect dust to be present as it is a 
constituentt of the molecular cloud material that is accreted. 

6.66 Conclusio n 

Wee have investigated the near-infrared and radio source NGC2024-IRS2 / 
G206.543-16.3477 focusing on K-, L' and L-band spectroscopy and on a re-
constructionn of the spectral energy distribution from near-IR to the radio 
wavelengths.. The primary goal was to obtain better insight into the nature 
off  the central star and its circumstellar medium. Simple models were used 
too test a number of diagnostics, notably the slope and flux level at radio 
wavelengths,, the flux ratios of near-IR hydrogen lines, and the CO band-head 
emission. . 

Previously,, IRS2 has been associated with the IRAS source 05393-0156, 
and,, on the basis of this was found to satisfy the colour-colour criteria for 
UCC HII regions. We show from beam-size arguments that the large infrared 
fluxflux peaking around 100 //m does not originate from a dusty cocoon confining 
thee ionised gas around IRS2, but rather from a background. This is consis-
tentt with the offset of 72.8" between IRS2 and the IRAS source 05393-0156. 
Therefore,, IRS2 may not be interpreted as a 'cocoon' star, i.e. as the object 
usuallyy depicted as an UC H n region. 

Too gain a better understanding of the nature of the circumstellar medium 
wee compared our observations with a number of relatively simple models: a 
densee gaseous disk; a stellar wind plus a dust shell; and a stellar wind plus 
aa gaseous disk. The last model fits the observational constraints best. New 
spectraa and the models allow one to draw a number of conclusions concerning 
thee properties of the central star and of the ambient medium of IRS2. These 
conclusionss are: 

1.. Both the radio flux and the 2.08-2.18 //m spectrum are consistent with an 

136 6 



6.66.6 Conclusion 

early-BB spectral type for the central star. 

2.. Based on a comparative study of the ice-band optical depth in IRS2 and in 
IRS2bb the visual extinction towards IRS2 is constrained to be between 27 
andd 36.5 mag, with a preference for an Ay of 31.5 mag based on the shape 
off  the SED. 

3.. The presence of dust cannot be completely excluded, although emission 
fromm dust cannot be the dominant source of radiation in the infrared. A 
significantt amount of dust can only be present in the equatorial plane of an 
opticallyy thick gaseous disk, where it would be unable to contribute much 
too the infrared spectrum. 

4.. The infrared recombination lines observed in IRS2 originate for the most 
partt in a high velocity (400 km s_1) optically thick medium, likely dis-
tributedd in a disk, and to some extent in a lower velocity (< 130 km s_1) 
opticallyy thin medium. 

5.. Mgn and possibly Fe II lines are observed, implying the presence of a dense 
andd warm medium with velocities of about (400 km s_1), similar to the 
hydrogenn lines. 

6.. The CO band-head emission originates in a high density region, where the 
temperaturee must drop to about 4000 K and where velocities are about 
2000 km s- 1 . For such relatively low temperatures to arise close to the star 
requiress shielding. We have shown that this shielding may be provided by 
highh density gas located within some ten stellar radii from the star. 

7.. The radio data are best described by a stellar wind model with a mass-loss 
ratee of 1.1 x 10- 6 M0yr_1 recombining at 145 AU. The radio emission is 
variablee on short timescales (months), its spectral index might also vary. 
Thesee variations may be explained by changes in the ionisation and/or 
densityy structure; however, non-thermal radiation cannot be excluded. 

8.. The origin of the infrared SED is best described by a high density disk-like 
gaseouss medium that is optically thick in the mid-infrared and extends to 
aboutt 15 R*. 

9.. The luminosity emitted by the circumstellar material is comparable to the 
totall  luminosity of an early-B main-sequence star. It is possible that either 
thee star has a higher luminosity, which would be consistent with the high 
mass-losss rate derived from radio observations, or part of the luminosity is 
suppliedd by the disk e.g. through accretion. 
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6.76.7 Appendix: Literature data 

Tablee 6.2: Small aperture data used to construct the spectral energy distribu-
tion:: we list the observing date, frequency,wavelength, beam size, magnitude, 
flux,flux, observational technique when not photometric, and reference. 

Date e 

1976-77 7 
1974 4 
1982 2 
1986 6 
1991 1 
1999 9 
1974 4 
1982 2 
1986 6 
1991 1 
1974 4 
1982 2 
1986 6 
1991 1 
1993 3 
1994 4 
1999 9 
1997 7 
1974 4 
1974 4 
1974 4 
1982 2 
1986 6 
1993 3 
1994 4 
1991 1 
1997 7 
1982 2 
1986 6 
1974 4 
1974 4 
1974 4 
1997 7 
1998 8 
1974 4 
1997 7 
1974 4 
1974 4 
1974 4 
1986 6 
1994 4 

V V 

10122 Hz 
326 6 
240 0 
240 0 
240 0 
240 0 
240 0 
182 2 
182 2 
182 2 
182 2 
136 6 
136 6 
136 6 
136 6 
136 6 
136 6 
136 6 

86-115 5 
100 0 
98.3 3 
88.2 2 
79.7 7 
79.7 7 
79.7 7 
79.7 7 
78.3 3 

37.5-74.9 9 
64.6 6 
62.5 5 
62.5 5 
35.7 7 
29.4 4 

25.0-29.4 4 
28.6 6 
26.8 8 

15.4-25.0 0 
2.3.8 8 
1.5.0 0 
1.3.3 3 
0.231 1 
0.111 1 

A A 
(/«*») ) 
0.92 2 
1.25 5 
1.25 5 
1.25 5 
1.25 5 
1.25 5 
1.65 5 
1.65 5 
1.65 5 
1.65 5 
2.20 0 
2.20 0 
2.20 0 
2.20 0 
2.20 0 
2.20 0 
2.20 0 

2.6-3.5 5 
3.00 0 
3.05 5 
3.40 0 
3.76 6 
3.76 6 
3.76 6 
3.76 6 
3.83 3 

4.0-8.0 0 
4.64 4 
4.80 0 
4.80 0 
8.40 0 
10.2 2 

10.2-12.0 0 
10.5 5 
11.2 2 

12-19.5 5 
12.6 6 
20.0 0 
22.5 5 
1300 0 
2700 0 

Beam m 

(" ) ) 

<12 2 
10 0 
15 5 
15 5 

0.7x0.7 7 
<12 2 
10 0 
15 5 
15 5 

<12 2 
10 0 
15 5 
15 5 

3.1x3.1 1 
3.1x3.1 1 
0.7x0.7 7 
14x20 0 
<12 2 
<12 2 
<12 2 
10 0 
15 5 

3.1x3.1 1 
3.1x3.1 1 

15 5 
14x20 0 
0.27x5 5 

15 5 
<12 2 
<12 2 
<12 2 

14x20 0 
1.5 5 
<12 2 

14x27 7 
<12 2 
<12 2 
<12 2 
11 1 

8.2x7.7 7 

Magnitude e 

>> 16.5 
0 0 
5 5 
2 2 
5 5 
5 5 

5 5 
5 5 
2 2 
5 5 
5 5 
5 5 
2 2 
5 5 

4.77 2 
4.55 2 

1 1 

5 5 
5 5 
5 5 
5 5 
4 4 

1.77 2 
1.99 2 

5 5 

3 3 
4 4 
5 5 
5 5 
5 5 

5 5 

5 5 
4 4 
6 6 

Flux x 

(Jy) ) 
<0.001 1 

0.072  0.007 
0.033  0.002 
0.036  0.001 
0.090  0.004 
0.059  0.008 
1.226  0.056 
1.160  0.053 
1.160  0.021 
2.538  0.117 
10.423  0.480 
9.954  0.459 
10.139  0.187 
24.322  1.120 
8.995  1.666 
10.814  2.003 
8.590  0.792 

25-35 5 
13.115  0.604 
9.506  0.438 
32.779  1.510 
42.973  1.980 
47.554  1.752 
59.867  11.090 
49.796  9.225 
156.809  7.224 

40-70 0 
72.489  2.003 
61.609  2.270 
59.380  2.736 
30.367  1.399 
9.552  0.440 

15-35 5 
19.000  1.000 
13.119  0.604 

35-80 0 
16.416  0.756 
7.925  0.292 
6.562  0.363 

<0.2 2 
0.16000 0 

Tech h 

(a) ) 

(b) ) 

(b) ) 
(c) ) 

(c) ) 
(d) ) 

(c) ) 

(c) ) 

(e) ) 
(e) ) 

Ref f 

F79 9 
G74 4 
B89 9 
C86 6 
N94 4 
B03 3 
G74 4 
B89 9 
C86 6 
N94 4 
G74 4 
B89 9 
C86 6 
N94 4 
N94 4 
N94 4 
B03 3 
ISO O 
G74 4 
G74 4 
G74 4 
B89 9 
C86 6 
N94 4 
N94 4 
N94 4 
ISO O 
J84 4 
C86 6 
G74 4 
G74 4 
G74 4 
ISO O 
W01 1 
G74 4 
ISO O 
G74 4 
G74 4 
G74 4 
M88 8 
W95 5 

Tech:: (a): Photography; (b): Narrow-band photometry; (c): Spectroscopy; (d): Speckle interfer-

ometry;; (e): Interferometry. Ref: G74: Grasdalen 1974; J84: Jiang, Perrier &; Lena 1984; C86: 

Chalabaevv k, Lena 1986; S86: Snell k. Bally 1986; B89: Barnes et al. 1989; G92: Gaume, Johnston 

&:: Wilson 1992; K94: Kurtz, Churchwell & Wood 1994; N94: Nisini et al. 1994; W95: Wilson, 

Mehringerr & Dickel 1995; W98: Walsh et al. 1998; W01: Walsh et al. 2001; B03: Bik et al. 2003; 

ISO:: Infrared Space Observatory, obtained in AOT6 mode. 
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Tablee 6.3: Small aperture interferometric data used to construct the spectral 
energyy distribution at centimeter wavelengths. The listed quantities are the 
samee as in Tab. 6.2. 

Date e 

Augg 1994 
Octt 1994 
Jann 1995 
Aprr 1995 
Augg 1995 
Novv 1989 
Marr 1989 
Mayy 1994 
Augg 1994 
Octt 1994 
Jann 1995 
Aprr 1995 
Augg 1995 
Marr 1989 

1994 4 
Mayy 1994 
Augg 1994 
Octt 1994 
Jann 1995 
Augg 1995 
Marr 2002 
Novv 1983 
Mayy 1994 
Augg 1994 
Augg 1995 

V V 

GHz z 
23 3 
23 3 
23 3 
23 3 
23 3 
23 3 
15 5 
15 5 
15 5 
15 5 
15 5 
15 5 
15 5 
8.4 4 
8.4 4 
8.4 4 
8.4 4 
8.4 4 
8.4 4 
8.4 4 
8.4 4 
5 5 
5 5 
5 5 
5 5 

A A 
(cm) ) 
1.3 3 
1.3 3 
1.3 3 
1.3 3 
1.3 3 
1.3 3 
2 2 
2 2 
2 2 
2 2 
2 2 
2 2 
2 2 
3.6 6 
3.6 6 
3.6 6 
3.6 6 
3.6 6 
3.6 6 
3.6 6 
3.6 6 
6 6 
6 6 
6 6 
6 6 

Beam m 

(" ) ) 
0.3 3 
0.9 9 
2.8 8 
2.8 8 
0.08 8 
2.4 4 
0.5 5 
0.4 4 
0.4 4 
1.2 2 
3.9 9 
3.9 9 
0.14 4 
0.5 5 
1.0 0 
0.7 7 
0.7 7 
2.3 3 
8.4 4 
0.24 4 
0.24 4 
2.6 6 
1.2 2 
1.2 2 
0.4 4 

Flux x 
(mjy) ) 

88.88  8.9 
744  7 
655  7 
588  15 
955  10 

14.77  10.0 
19.55  0.4 

400  5 
47.22  4.7 

488  5 
488  7 
422  5 

400  4.0 
8.99  0.2 
6.00  1.0 

266  4 
27.55  2.8 

222  10 
200  10 

28.11  2.8 
17.44  0.6 

9.77  2 
133  2 

166  1.6 
144  1.4 

Ref f 

VL A A 
VL A A 
VL A A 
VL A A 
VL A A 
G92 2 
K94 4 
VL A A 
VL A A 
VL A A 
VL A A 
VL A A 
VL A A 
K94 4 
W98 8 
VL A A 
VL A A 
VL A A 
VL A A 
VL A A 
R02 2 
S86 6 

VL A A 
VL A A 
VL A A 

Ref:: S86: Snell & Bally 1986; G92: Gaume, Johnston & Wilson 1992; K94: 
Kurtz,, Churchwell & Wood 1994; R02: Rodriguez (priv. comm. 2002); W98: 
Walshh et al. 1998; VLA : Very Large Array Archival Data 
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6.76.7 Appendix: Literature data 

Tablee 6.4: Large aperture data used to construct the spectral energy distri-
bution:: we list the same quantities as in Tables 6.2 and 6.3. 

Date e 

1976-77 7 
1976-77 7 

1983 3 
1983 3 
1997 7 
1997 7 

1981-83 3 
1997 7 

1981-83 3 
1983 3 

1981-83 3 
1983 3 

1981-83 3 
1985 5 
1985 5 

V V 

10122 Hz 
136 6 
85.7 7 
25.0 0 
12.0 0 

10.3-10.5 5 
7.89-10.3 3 

7.50 0 
1.52-6.97 7 

5.00 0 
5.00 0 
3.00 0 
3.00 0 
1.87 7 

0.857 7 
0.231 1 

A A 

M M 
2.20 0 
3.50 0 
12 2 
25 5 

28.6-29 9 
29-38 8 

40 0 
43-197 7 

60 0 
60 0 
100 0 
100 0 
160 0 
350 0 
1300 0 

Beam m 

(" ) ) 
62 2 
62 2 

45x270 0 
45x276 6 
20x27 7 
20x33 3 

49 9 
84 4 
49 9 

90x282 2 
49 9 

180x300 0 
49 9 
90 0 
90 0 

Flux x 

(Jy) ) 
144.76  3.55 
302.33  3.55 
284.4  17.0 

0 0 
325-360 0 
520-940 0 

0 0 
5000-15000 0 
3600Ü200 0 

0 0 
0 0 

<35330 0 
0 0 

955 0 
2 2 

Tech h 

(c) ) 
(c) ) 

(c) ) 

Ref f 

F79 9 
F79 9 

IRAS S 
IRAS S 
ISO O 
ISO O 
T84 4 
ISO O 
T84 4 

IRAS S 
T84 4 

IRAS S 
T84 4 
M88 8 
M88 8 

Tech:: (c): Spectroscopy 

Ref:: T84: Thronson et al. 1984; F79: Prey et al. 1979; M88: Mezger et al. 
1988;; IRAS: Infrared Astronomical Satellite; ISO: Infrared Space Observatory. 
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Nederlandsee Samenvatting 

Dee geboorte van sterren 

Onss Melkwegstelsel bevat meer dan honderd miljard sterren. De meeste hi-
ervann bevinden zich rond het Galactisch centrum en in spiraalarmen die zich 
vanuitt dit centrum uitstrekken. In de laatste eeuw hebben waarnemingen met 
steedss geavanceerdere telescopen laten zien, dat deze sterren een veelheid van 
fysischefysische eigenschappen vertonen. Ze kunnen helder of lichtzwak zijn, heet of 
koel,, groot of klein, enzovoort. We hebben geleerd dat deze eigenschappen 
gedurendee de levensloop van sterren veranderen, wat nauw raakt aan een van 
dee belangrijkste vragen waarmee de sterrenkunde zich bezighoudt: Hoe wor-
denn sterren geboren? Hoe komen ze aan hun einde? En wat doen ze in de 
tussentijd? ? 

Latenn we ons, om te beginnen, even geen zorgen maken over de vraag 
hoee sterren worden gevormd. Nadat een ster "geboren" is, zal ze "leven" 
voorr een astronomisch lange tijd door diep in haar inwendige continu energie 
tee produceren door thermonucleaire fusie van steeds zwaardere elementen. 
Hierbijj  kan de temperatuur oplopen tot tientallen miljoenen graden. Deze 
energiee zorgt ervoor dat de ster altijd helder straalt. In het begin zal het 
elementt waterstof fungeren als brandstof. Later zullen zwaardere elementen 
wordenn gebruikt. Een ster zoals onze zon zal niet meer in staat zijn energie 
opp te wekken zodra het gas diep in haar inwendige is omgezet in koolstof en 
zuurstof.. Voor de zon zelf zal dit over ongeveer vijf miljard jaar het geval zijn. 
Opp dat moment zal ze een rode kleur hebben en zodanig zijn opgezwollen dat 
zee net niet meer in de huidige aardbaan past. Ze zal haar buitenste lagen 
vann zich afstoten waaruit een prachtige nevel zal ontstaan die langzaam de 
ruimtee in zal drijven. Wat overblijft is een kern die ongeveer zo groot is als de 
aardee en die in de loop der eonen langzaam zal afkoelen en een witte dwerg 
zall  worden. 

Sterrenn die bij hun geboorte massiever zijn dan ongeveer tien keer de massa 
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vann de zon, leven een totaal ander leven. Zij zijn in staat om via fusiereacties 
steedss zwaardere elementen te produceren tot uiteindelijk een ijzerkern is 
gevormd.. Thermonucleaire fusie van ijzer tot nog zwaardere elementen levert 
geenn energie meer op, sterker nog, het kost energie. Plotseling is de ster 
niett langer in staat om zich te verweren tegen de altijd op de loer liggende 
zwaartekracht.. De kern stort in tot een object met een afmeting van ongeveer 
tienn kilometer, een neutronen ster, of tot een object met een onbekend kleine 
(off  zelfs geen) afmeting, een zwart gat. De implosie van de kern veroorzaakt 
eenn extreem sterke schokgolf die snel naar buiten beweegt en die een explosie 
vann de overgebleven buitenste lagen van de ster veroorzaakt. Een supernova 
vormtt zich, met een helderheid die tot op kosmologische afstanden is waar te 
nemen,, en die de dood van een massieve ster aankondigd. De geboorte en 
dee dood van een massieve ster zijn weergegeven in Fig 1. Het door kernfusie 
veranderdee materiaal dat tijdens de laatste fasen van het leven van sterren 
wordtt uitgestoten, bevat de elementen waarvan planeten, en al wat daar op 
is,, worden gevormd. Dit impliceert dat wij in de meest letterlijke zin gemaakt 
zijnn van sterrenstof. 

Fig.1::  Links: Sterren worden geboren in reusachtige moleculaire wolken zoals 
dede hier afgebeelde Orion nevel, waar momenteel duizenden nieuwe sterren 
wordenworden gevormd. Rechts: de Krab nevel is het overblijfsel van een supernova 
explosie,explosie, die voor het eerst door Chineese astronomen werd waargenomen op 
44 juli  van het jaar 1054. Dit fenomeen markeert de dood van een massieve 
ster. ster. 

Hett bovenstaande geeft natuurlijk slechts een zeer ruwe schets van het 
levenn en de dood van sterren. Hoewel er vele aspecten van dit probleem zijn 
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diee we nog niet goed kennen, lijk t het er toch op dat deze evolutiefasen re-
latieff  goed bekend zijn in vergelijking met wat er gebeurt tijdens de vorming 
vann sterren. Dit is in het bijzonder waar voor massieve sterren. Hoe worden 
sterrenn dan gemaakt? Voor sterren met een massa die van de orde is van de 
zonsmassaa is er een, in de jaren tachtig van de vorige eeuw geformuleerd, stan-
daardd scenario dat beschrijft wat de belangrijkste gebeurtenissen zijn in het 
vormingsprocess.. De vorming van een ster begint met het instorten van een 
fragmentt van een grote interstellaire wolk. Deze wolk bestaat uit moleculair 
gass en piepkleine vaste stof deeltjes (met afmetingen kleiner dan een microm-
eter)) , kortweg aangeduid met de term stof. Het initiële fragment van de wolk 
zall  typisch een klein beetje draaiimpulsmoment bevatten, wat behouden moet 
wordenn tijdens het instorten. Het systeem doet dit door de naar het centrum 
vallendee materie in een draaiende schijf te dirigeren rond de zich vormende 
proto-stellairee kern. De ster-in-wording groeit in massa door gas en stof uit 
dezee schijf te accreteren. Tegelijkertijd ontdoet het systeem zich van draaiim-
pulsmomentt door materie in bundels langs de rotatieas naar buiten de blazen. 
Hett zal hierdoor langzamer gaan draaien. Uiteindelijk stopt de accretie. De 
overgeblevenn schijf zal langzaam verstrooid worden door stralingsdruk die 
wordtt uitgeoefend door de heldere centrale ster. Als er materiaal overblijft in 
dee schijf zal dat zijn in de vorm van een planeet of een planetenstelsel. 

Opvallendd is dat de theorie die hierboven is beschreven zeer oude wortels 
heeftt in ideeën van de Duitse filosoof Immanuel Kant en de Franse filosoof en 
wiskundigee Pierre-Simon Laplace. Deze dateren uit de tweede helft van de 
18dee eeuw. 

Opp precies welk moment in dit vormingsscenario kan men zeggen dat er een 
nieuwee ster is geboren? Formeel gezien is dit het moment waarop de ster be-
gintt met de thermonucleaire verbranding van waterstof. Voor een zonachtige 
sterr is dit typisch als ze bezig is met het accreteren van de laatste restanten van 
dee schijf. Op dit moment is het jonge stellaire object al miljoenen jaren zicht-
baarr in optisch licht. Voor massieve sterren is dit niet het geval. Deze vormen 
zichh zo snel dat ze op het moment dat ze waterstof beginnen te verbranden 
nogg steeds diep verscholen zijn in het wolkfragment waaruit ze aan het vor-
menn zijn. Omdat ze zo diep verscholen zijn in hun geboorte wolken kan het 
optischee en ultraviolete licht dat ze uitzenden niet worden waargenomen. Dit 
iss zeer ongelukkig want het zijn juist deze golflengteregimes waarop de jonge 
sterr veruit de meeste energie uitstraalt. Dit is één van de redenen waarom 
wee zo weinig over de vorming van massieve sterren weten. Een tweede reden 
heeftt te maken met de extreme helderheid van massieve sterren. Het resul-
taatt hiervan is dat de stroom fotonen die continu het steroppervlak verlaten 
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eenn enorme druk uitoefenen op het materiaal dat juist richting steroppervlak 
valt.. Eenvoudig gezegd: de fotonenstroom probeert het invallende materiaal 
wegg te blazen voor het aan de ster kan worden toegevoegd. Theoretische 
argumentenn die dit proces in bolsymmetrie beschrijven laten zien dat deze 
fotonendrukk zo snel en efficient werkt dat de inval al in een vroeg stadium 
wordtt afgebroken en dat er geen echt massieve sterren kunnen vormen. Dit 
probleemm is zo ernstig, dat het ertoe heeft geleid dat astronomen totaal andere 
vormingsscenario'ss zijn gaan overwegen, bijvoorbeeld vorming door botsing 
enn samensmelting van minder massieve sterren. Een uitweg uit dit schijnbare 
dilemmaa is dat massieve sterren mogelijk toch op dezelfde manier vormen als 
zonachtigee sterren, maar dat ze tijdens hun vorming omringt zijn door een 
schijff  met een zodanig grote gasdichtheid dat deze in staat is het via deze schijf 
invallendee materiaal te "beschermen" tegen de stralingsdruk van het centrale 
object.. Tot nu toe is er echter geen overtuigend bewijs gevonden voor het 
bestaann van dit soort schijven, die er zouden moeten zijn in de fase dat de 
massievee sterren in wording nog diep in hun geboortewolk verborgen zitten. 
Wanneerr ze uiteindelijk tevoorschijn komt, is er geen enkele signatuur meer 
tee zien die er op wijst dat de ster in een eerder stadium omringt is geweest 
doorr een schijf. 

Hett onderwerp van dit proefschrift is het bedenken van manieren om naar 
ditt soort schijven met een grote gasdichtheid te zoeken en, hopelijk, ze te 
ontdekken. . 

Hett bepalen van de eigenschappen van sterren 

Opp welke manier kunnen de eigenschappen van sterren worden bepaald? Met 
anderee woorden, hoe leidt je af wat, bijvoorbeeld, de massa en de helderheid 
vann een ster is? Of wat de temperatuur en de abundanties van de chemis-
chee elementen aan het oppervlak zijn? (De laatste zijn bij het begin van het 
levenn van de ster een afspiegeling van de samenstelling van de geboortewolk, 
maarr zullen later door het aan het oppervlak komen van de producten van 
thermonucleairee fusie, veranderen). Een zeer krachtige diagnostiek voor het 
achterhalenn van deze eigenschappen is de spectrale analyse van het ster licht. 
Inn spectroscopie wordt de intensiteit (of helderheid) van het waargenomen 
lichtt gemeten als functie van golflengte (of kleur). De oorsprong van deze 
techniekk ligt bij Isaac Newton, die in 1666 ontdekte dat net als helderheid 
ookk kleur een eigenschap is van licht. Door de beperkte mogelijkheden van 
hett menselijk oog is de perceptie die wij van licht hebben onvolledig. Zo 
kunnenn we in het donker niet zien. Vergelijkbaar kunnen we ook slechts een 
beperktt aantal kleuren registreren (om precies te zijn: enkel de kleuren van 
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dee regenboog). Gebruiken we een oppervlak om het licht op te vangen dat 
groterr is dan de iris van ons oog. Met andere woorden, gebruiken we een 
telescoop,, dan kunnen we veel zwakkere bronnen waarnemen en bestuderen. 
Doorr detectoren te bouwen die licht kunnen opvangen buiten het optische 
spectrumm kunnen we "onzichtbare" kleuren meten. Zo ontdekte bijvoorbeeld 
dee Duitse astronoom William Herschel in 1800 het infrarode licht met hulp 
vann een thermometer. Gamma-, Röntgen-, ultraviolet-, microgolf- en radio-
golfstralingg zijn andere domeinen van het continue spectrum van licht die 
specialee instrumenten vereisen om te worden gemeten. 

Fig.2:: De Vlamnevel (of NGC2024) gezien in optisch (links) en nabij-infra-
roodrood licht (rechts). Merk op dat er op de nabij-infrarode foto veel meer sterren 
zichtbaarzichtbaar zijn, wat komt doordat dit type licht relatief ongehinderd de nevel 
kankan verlaten. De optische foto is afkomstig uit de Digital Sky Survey; de 
nabij-infrarodenabij-infrarode opname is verkregen met de New Technology Telescope. 

Zoalss gezegd wordt het licht dat door zich vormende massieve sterren 
wordtt uitgezonden, op zijn weg naar buiten gehinderd en zelfs volledig geblok-
keerdd door het gas en stof in de omhullende geboortenevel. Het is het stof dat 
verantwoordelijkk is voor veruit het grootste deel van deze ondoorzichtigheid 
(off  opaciteit). Dit is opvallend omdat de stofdeeltjes slechts verantwoordelijk 
zijnn voor ongeveer één procent van de massa van het instortende wolkfrag-
mentt (de stervormingswolken bestaan voor 99 procent uit moleculair gas). 
Hett moge duidelijk zijn dat de stofdeeltjes zeer efficiënt zijn in het blokkeren 
vann licht. Van groot belang voor het onderzoek, dat gepresenteerd wordt in dit 
proefschrift,, is dat de stofdeeltjes dit vermogen om licht te blokkeren beginnen 
tee verliezen wanneer de golflengte van het licht langer wordt, dat wil zeggen 
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voorr infrarode-, microgolf- en radiogolfstaling. Dus, wil men sterren waarne-
menn die verscholen liggen achter dikke lagen interstellair stof, dan moet men 
metingenn doen op deze lange golflengten. Ongelukkig is dat de stofkorreltjes 
zelff  ook licht uitzenden met een verdeling over kleuren die bepaald wordt door 
hunn temperatuur. Deze thermische straling domineert het licht dat uit ge-
boortenevelss komt voor golflengten vanaf het midden-infrarood tot bijna het 
radiogolfgebied.. Dit betekent dat de enige twee spectrale vensters die beschik-
baarr zijn om het directe licht van diep verscholen massieve sterren-in-wording 
tee bestuderen het nabij-infrarode- (ongeveer 1 tot 4 micrometer) en het ra-
diovensterr (vanaf ongeveer centimetergolven) zijn. Om deze redenen besturen 
wee het vormingsproces van massieve sterren in deze twee golfiengtegebieden, 
waarbijj  we ons het meest concentreren op het nabij-infrarode licht. Om het 
potentieell  van het nabij-infrarode licht te illustreren, laten we in Fig.2 van 
hett stervormingsgebied NGC 2024 zowel een optische als een nabij-infrarode 
opnamee zien. Merk op dat enkel een paar sterren te zien zijn in de optische 
fotoo (links). Deze sterren bevinden zich ergens tussen de aarde en NGC 2024 
enn maken dus geen deel uit van het stervormingsgebied. In de nabij-infrarode 
opnamee (rechts) zijn plotseling veel meer sterren zichtbaar. Deze maken of 
deell  uit van NGC 2024 of bevinden zich achter het stervormingsgebied. 

::•... 1'i. Scrtif b i r r T'-.f '"-,-1, »~-.-:rt,-y Pmzturc, a ppe r t a i n ed as D»..-ri '»: ' V l'-*?'. 
IMnontfuIMnontfu "Prtrf. Rogurs" P«rcv M. Millmanjj "josephiiw"* O-.i!ia H Payne : 
"lad»» 11 •;. p..!«r<" flfaïuiem Strop-r. Mildtfd Shapfcv, Helm B. Saw-ytt, Sjlvil 
Muueti,, AddaUJc rtllm). "Ptof. Seade" {Leun CampMI. Sr.). 

Fig.3:: Cecilia Payne (tweede van links), een van de pioniers van de kwan-
titatievetitatieve spectroscopie, treedt op in een toneelstuk samen met collegas van 
HarvardHarvard Observatory. 
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Sterrenn laten naast een slechts langzaam met golflengte varieërende con-
tinuee verdeling van licht ook zeer scherpe intensiteitsverschillen bij heel spec-
ifiekee kleuren zien. Deze spectraallijnen werden voor het eerst waargenomen 
inn het spectrum van de zon, in 1802 door de Engelse schei- en natuurkundige 
Williamm Wollaston. De Duitse lens- en spiegelmaker Joseph von Praunhofer 
matt vanaf 1814 zorgvuldig honderden van deze lijnen. In 1860 vond men dat 
dezee spectraallijnen de vingerafdrukken van chemische elementen zijn, en in 
19299 liet de Engelse astronome Cecilia Payne (zie Fig.3) zien, voortbouwend 
opp werk van anderen, dat uit deze vingerafdrukken ook de verschillende ion-
isatietoestandenn van deze elementen bepaald konden worden. Met deze kennis 
konn men toen sterspectra classificeren in termen van de oppervlaktetemper-
atuurr en abundantie van de elementen. In de loop van de 20ste eeuw on-
twikkeldee de kwantitieve spectroscopie zich verder tot een methode waarmee 
nogg veel meer stereigenschappen konden worden bepaald. Dit is inmiddels 
toegepastt op honderdduizenden sterren. 

Ditt  proefschrift 

Vanwegee voor de hand liggende redenen gebruikt men in spectrale studies 
veelall  het optische spectrum. De meeste van de diagnostische methoden die 
inn de loop der jaren zijn ontwikkeld richten zich dan ook op dit golflengtege-
bied.. In dit proefschrift nemen we als één van de eersten de stap naar het 
ontwikkelenn van diagnostische methoden die zich toespitsen op het nabij-
infrarodee golflengte venster. Deze nieuwe methoden zijn specifiek bedoeld om 
jongee massieve sterren die nog diep verborgen zitten in hun geboortewolk te 
kunnenn onderzoeken en, hopelijk, ook de eveneens verborgen schijf-vormige 
verdelingg van materie in hun directe omgeving! 

Dee gegevens die we voor dit onderzoek hebben gebruikt zijn afkomstig van 
dee Infrared Space Telescope, een satelliet van de European Space Agency die 
vann 1995 tot 1998 operationeel was, en van de United Kingdom Infrared Tele-
scopescope op de top van de berg Mauna Keya in Hawaii. Deze gegevens worden in 
hoofdstukk 2 gepresenteerd, samen met een eenvoudige empirische methode om 
uitt deze data een aantal sterparameters af te leiden. Een originele manier om 
tee achterhalen of er om een diep verborgen stellair object een gasschijf draait 
wordtt beschreven in hoofdstuk 3. Dit ontwikkelde gereedschap kan bijzonder 
behulpzaamm zijn in de zoektocht naar overblijfselen van accretieschijven rond 
jongee massieve sterren. 

Inn hoofdstuk 4 wordt een theoretische analyse gegeven van het potentieel 
datt de op dit moment meest geavanceerde modellen bieden met betrekking tot 
hett voorspellen van nabij-infrarode spectra van massieve sterren. Dit biedt de 
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mogelijkheidd om uit waargenomen spectra nauwkeurig tal van stereigenschap-
penn te bepalen. Een analoge analyse om uit schijf modellen voor massieve 
sterrenn de schijfeigenschappen te achterhalen is iets dat we in de toekomst 
graagg willen doen. 

Inn hoofdstuk 5 richten we onze blik op massieve sterren in stervormingsge-
bieden.. We bestuderen twee sterren in de Vlamnevel (of NGC 2024) in groot 
detail.. Deze nevel maakt deel uit van een groter stervormingscomplex, de 
Orionn nevel. Een van de twee sterren kunnen we identificeren als de bron 
diee het gas in de Vlamnevel ioniseerd. Voor de tweede ster, NGC 2024IRS2, 
vindenn we bewijs dat dit een massieve ster is omringt door een schijf met 
eenn grote gasdichtheid. Gebruikmakend van de methoden die we in dit proef-
schriftt ontwikkeld hebben komen we, helaas, tot de conclusie dat deze ster 
nietniet het eerste echte voorbeeld is van een zich vormende massieve ster die nog 
wordtt omringd door een schijf waaruit ze materie accreteerd. Het bewijs dat 
dee doorslag geeft is dat de schijf geen stof bevat. De samenstelling van de 
schijff  is dus niet gelijk aan het materiaal in de wolk waaruit op dit moment 
sterrenn in de Vlamnevel worden gevormd, wat voor een accretieschijf wel zo 
zouu moeten zijn. Deze schijf moet door de ster zelf gevormd zijn, na de vorm-
ingg van de ster zelf. Dit betekent dat de zoektocht naar accretieschijven rond 
jongee massieve sterren nog niet ten einde is... 
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Resume e 

Laa naissance des étoiles 

Notree galaxie est composée de quelques centaines de milliards d'étoiles, dont 
laa plupart se trouvent dans un bulbe central et sur les bras spiraux qui en 
partent.. Au cours de ces derniers siècles, 1'observation de ces étoiles avec des 
telescopess de plus en plus perfectionnés a révélé une pléthore de propriétés 
physiques.. Les étoiles peuvent être brillantes ou pales, chaudes ou froides, 
grandess ou petites etc. Nous avons aussi appris que ces propriétés changent 
auu cours de la vie des étoiles et ceci nous amène immédiatement a nous poser 
quelquess questions fondamentales en astrophysique. Comment naissent les 
étoiles?? Comment meurent-elles? Comment évoluent-elles entre temps? 

Mettonss de cöté Ie problème de la formation des étoiles pour Ie moment. 
Aprèss sa naissance Pétoile va vivre un temps astronomique, en émettant une 
lumièree brillante, énergie produite par fusion thermonucléaire de Félément 
Iee plus facilement disponible tout au fond de son coeur oü les temperatures 
peuventt atteindre des dizaines de millions de degrés. D'abord ce carburant 
seraa 1'hydrogène, qui est transformé en helium. Au cours des phases suivantes 
ellee utilisera des elements de plus en plus lourds comme carburant. Une étoile 
commee notre soleil sera incapable de produire de 1'énergie, dès que tout Ie gaz 
dee son coeur aura été transformé en carbone ou en oxygène. Pour Ie soleil cela 
arriveraa dans quelques cinq milliards d'années. Quand il atteindra eet état, 
ill  aura grossi pour atteindre environ la taille de 1'orbite de la terre et sera 
dee couleur rouge. Il se débarrassera alors de ses couches extérieures, créant 
unee nébuleuse magnifique, qui dérivera lentement dans 1'espace. Le coeur de 
Pétoilee restant, aura environ la taille de la terre, se refroidira lentement et 
deviendraa une naine blanche. 

Less étoiles initialement plus massives, d'environ dix fois la masse so-
laire,, vivent des vies nettement différentes. Elles réussissent a poursuivre 
laa combustion thermonucléaire d'éléments de plus en plus lourds, jusqu' ce 
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qu'unn coeur en fer se forme. La combustion du fer ne produit pas d'énergie, 
auu contraire, elle a besoin d'énergie pour pouvoir se produire. Manquant 
soudainn de support contre la force de gravité omniprésente, Ie coeur de 1'étoile 
s'effondreraa et se transformera soit en un objet plus compact, d'environ 10 
kilometress de diamètre, soit en un objet de dimension inconnue, nommé trou 
noir.. Lïmplosion du coeur produit une onde de choc extrêmement puissante, 
quii  se propage vers 1'extérieur, provoquant 1'explosion des couches de sur-
face.. Quand une supernova explose dans Ie ciel, son éclat peut s'observer a 
dess distances cosmologiques, annongant qu'une autre étoile massive vient de 
mourir.. La naissance et la mort d'une étoile massive sont illustrées figure 1. 
Laa matière qui est expulsée pendant les derniers moments de la vie des étoiles 
contientt des elements, avec lesquels les planètes et tout ce qui se trouve a 
leurr surface, est constituée. Ceci implique done, que nous sommes faits de 
poussièree d'étoiles. 

Fig.1::  a gauche : étoiles nées dans des nuages moléculaires géants, comme 
IeIe nuage d'Orion montré ici, oü des milkers d'étoiles sont en train de se 
former.former. A droite: la nébuleuse du Crabe, qui est Ie reste de 1'explosion d'une 
supernova,supernova, observée Ie 4 juillet 1054 A..D. par des astronomes Chinois. Ce 
phénomènephénomène caractérise la mort d'étoiles massives. 

Cee qui vient d'etre dit ne donne qu'un apergu rudimentaire de la vie et 
dee la mort des étoiles. Bien qu'il y ait encore de nombreux aspects que nous 
nee comprenons pas encore tout a fait, il semble que ces phases d'évolution 
soientt relativement bien comprises, comparées a 1'ensemble de ce qui se passé 
pendantt la formation des étoiles. Ceci vaut surtout pour les étoiles massives. 
Donee comment les étoiles se forment-elles ? Pour les étoiles, qui ont une masse 
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dee 1'ordre de celle du soleil, un scénario standard, décrivant les évènements 
principauxx qui se déroulent pendant leur formation, a été formulée a la fin 
dess années 80 du 20ème siècle. La formation d'une étoile commence avec 
1'effondrementt d'un fragment d'un grand nuage interstellaire, composée de 
gazz moleculaire et de minuscules particules a 1'état solide de la taille de sub-
micron)) qu'on identifie comme poussière. Au centre la matière s'entasse, 
formantt un coeur protostellaire opaque. Le fragment du nuage initial con-
tientt une impulsion angulaire conservée pendant 1'effondrement. Cet effet 
dirigee la matière vers un disque en rotation autour du coeur protostellaire. 
L'étoilee naissante accroit sa masse en accumulant du gaz et de la poussière 
provenantt de ce disque. En même temps le système s'affranchit d'une partie 
dee 1'impulsion angulaire, en expulsant de la matière en jets le long de 1'axe 
enn rotation, ralantissant le tournoiement du système. Finalement Taccrétion 
s'arrêtee et la matière restante du disque est dispersée dans 1'espace, suite 
aa la pression des photons, exercée par 1'étoile centrale brillante. Le restant 
éventuell  de poussière du disque non dispersée dans 1'espace frome une planète 
ouu un système planetaire. 

Ill  est interessant de noter que la theorie exposée ici a des racines anciennes; 
provenantt d'idees exprimées par le philosophe allemand Emanuel Kant et le 
philosophee et mathématicien francais Pierre-Simon Laplace, au cours de la 
deuxièmee moitié du 18ème siècle. 

AA quel moment précis de ce scénario de formation peut-on dire ; qu'une 
étoilee est née ? Formellement c'est le moment oü 1'étoile commence la fusion 
thermonucléairee de 1'hydrogène dans son coeur. Pour une étoile comme le 
soleil,, ceci arrive quand elle accumule les tous derniers restes du disque. A 
cee moment, de tels objets stellaires jeunes sont déja visibles a des longueurs 
d'ondess optiques depuis des millions d'années. Pour les étoiles massives ceci 
n'estt pas le cas. Elles se contractent si rapidement, que les reactions nucleaires 
débutent;; quand elles sont toujours profondément enfouies dans le fragment 
dee nuage dont elles se forment. A cause de cet enfouissement profond; leur 
lumièree ultraviolette et en optique, ne peut pas être observée, malheureuse-
mentt ceci est le régime de longueur d'onde auquelles elles émettent le plus gros 
dee leur énergie. Un deuxième problème est que des objets massifs jeunes sont 
extrêmementt brillants, de ce fait le courant de photons, qui quitte constam-
mentt la surface stellaire, exerce une force de pression énorme, sur la matière 
quii  tombe vers la surface stellaire. Pour 1'exprimer simplement, le courant 
dess photons tend a souffler la matière, qui tombe vers 1'étoile, pour 1'éloigner 
dee la surface stellaire. Des arguments théoriques montrent que pour lorsque 
lala matière arrive sur 1'étoile de toutes parts, celle-ci est stoppée tres rapide-
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mentt et de fagon tres efficace. Cela empêche 1'étoile de devenir réellement 
massive.. Ce problème est si grave qu'il amène les astronomes a considérer 
quee les étoiles massives se forment par des scenarios complètement différents, 
parr exemple par la coalescence d'étoiles moins massives. Une fagon de sortir 
dee ce dilemme pourrait être de considérer, que les étoiles massives se forment 
dee fagon similaires a celle des étoiles du type solaire. Ceci peux marcher, 
parcee qu'elles sont entourées par un disque circumstellaire dense, qui est ca-
pablee de faire écran a la pression des photons stellaires sur Ie gaz qui tend a 
tomberr sur 1'étoile. Jusqu'a presents il n'y a pas de preuves convaincantes, 
dee la presence de tels disques, supposes exister autour d'étoiles massives nais-
santes,, pendant qu'elles sont encore profondément enfouies et obscurcies. En 
effet,, lorsque finalement elles emergent de leur cocon de poussière et de gaz, les 
étoiless massives ne portent plus de signature du processus de leur formation. 

L'objectiff  de cette these est de trouver des moyens pour chercher et mettre 
enn evidence la presence de tels disques denses. 

Etudee des propriétés des étoiles 

Commentt peut-on déduire les propriétés des étoiles, c'est a dire, comment 
peut-onn determiner des données comme la masse stellaire, la brillance, la 
temperaturee de surface et 1'abondance des elements (qui au début de la vie des 
étoiles,, reflète la composition des fragments de nuages, a partir desquels elles 
see sont formées, mais qui plus tard, provient des reactions thermonucléaires). 
Unn diagnostique tres puissant pour ces propriétés est 1'analyse spectrale de la 
lumière.. En spectroscopie, 1'intensité (ou la brillance) de la lumière stellaire 
observéee est analysée comme une fonction de la longueur d'onde (ou de la 
couleur).. La technique a ses racines dans la découverte d'Isaac Newton en 
1666,, comme quoi la couleur est une propriété de la lumière, de même que la 
brillance.. Limitée par la capacité de nos yeux, notre perception de la lumière 
estt incomplete. De la même fagon que nous ne voyons rien dans Ie noir, 
nouss voyons seulement une quantité limitée de couleurs (pour être précis, les 
couleurss qui composent 1'arc-en-ciel). En augmentant la surface collectrice 
avecc laquelle nous observons 1'étoile; au-dela de celle observée par nos yeux, 
c'estt a dire en utilisant un telescope, nous pouvons détecter et étudier des 
sourcess plus faibles. De même en construisant des détecteurs, qui peuvent 
observerr en dehors du champ visuel spectral, permet d'étudier les couleurs 
invisibless . C'est par exemple grace a un thermomètre que 1'astronome alle-
mandd William Herschel a découvert la lumière infrarouge en 1800. Les rayons 
gamma,, les rayons X, 1'ultraviolet, les ondes radio et les micro-ondes sont 
d'autress domaines du spectre continu de lumière, qui nécessitent des instru-
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mentss spécifiques pour être détectées. 

Fig.2:: La nébuleuse de la Flamme, observée dans Ie visible (a gauche) et 
l'infrarougel'infrarouge proche (d droite). L'image visible était prise par Ie "Digital  Sky 
Survey".Survey". L'image dans l'infrarouge proche était obtenue avec Ie "The New 
TechnologyTechnology Telescope". 

Laa lumière qui est émise par des objets d'étoiles massives jeunes dans Ie 
processuss de leur formation est bloquée par leur cocon natal de gaz et de 
poussière,, dans lequel elles sont caches. Ce sont les grains de poussière, qui 
sontt la cause principale de cette non-transparence (ou opacité). Ceci peut 
semblerr quelque peu surprenant, car les grains de poussière ne forme qu'un 
pourcentt de la masse totale des fragments de nuages effondrés (ces nuages 
sontt composes a 99% de gaz moleculaire). De toute evidence les particules 
dee poussière sont tres emcaces pour bloquer Ie passage de la lumière. Il est 
d'importancee vitale pour cette these, de constater que les grains de poussière 
commencentt a perdre leur opacité quand la longueur d'onde de la lumière 
devientt plus importante, c'est a dire dans l'infrarouge, les ondes radio et 
micro-ondes.. Done, afin de détecter les étoiles a travers d'épaisses couches 
dee poussière, on doit les observer dans Ie régime de ces longueurs d'ondes. 
Malheureusementt les grains de poussière eux-mêmes émettent aussi de la 
lumièree dans une repartition de couleurs déterminées par leur temperature. 
Cettee radiation thermique devient tres proéminente dans les ondes infrarouges 
moyenness et re-disparaissent dans les ondes radio. Ceci implique que les 
seuless fenêtres du spectre dans lesquelles on peut observer la lumière directe 
dee sources profondément enfouies est, soit dans l'infrarouge proche (environ 
11 a 4 micrometres), soit les ondes radio (longueurs d'ondes de 1'ordre du 

157 7 



Résumé Résumé 

centimetree ou plus longues). De ce fait nous étudions Ie phénomène de la for-
mationn d'étoiles massives dans ces deux fenêtres spectrales, nous concentrant 
surtoutt dans 1' infrarouge proche. Nous montrons figure 2 la region de forma-
tionn d'étoiles NGC 2024, a la fois dans la lumière infrarouge proche et dans la 
lumièree optique. Vous remarquerez que seulement peu d'étoiles sont visibles 
surr 1'image, que nous verrions a 1'oeil nu (image de gauche). Ces étoiles se 
trouventt quelque part entre la terre et NGC 2024 et ne font done pas partie de 
laa region oü se forment les étoiles. Sur lïmage en infrarouge proche (image de 
droite)) de nombreuses étoiles apparaissent, qui font soit partie de NGC 2024. 
soitt se trouvent derrière Ie nuage. 

ïm.ïm. 33. Scene tram Tkt Giitntifrj  Pinsfi.tr, ai performed m D««nbeï 31, 1929. 
Letii  t$ iSgitar *ViéL fapss faeyM mnsHua}; "J*>̂ Fh ***  |Q*röMa H. frywg ; 
"Ijutf"Ijutf  «mtjnarn" ;H«irietu IWi-ptr. Mildred Sh.i[>5»y, Hrfai B. Sawwr, Sflvia 
Mimtls,, Adel*iele Ar»»); "ftol . Seairte'" {Les» C&inpbell. Sr.i. 

Fig.3:: Cecilia Payne (deuxième de gauche), une pionnière de la spectroscopie 
quantitativequantitative ; avec des collègues, a l'observatoire de Harvard; jouant dans une 
piecepiece en 1929. 

Less étoiles n'émettent pas seulement une distribution continue de lumière, 
quii  varie doucement avec la longueur d'ondes, elles montrent aussi des vari-
ationss rapides d'intensité a des couleurs spécifiques. Ces raies spectrales ont 
étéé observées pour la première fois dans Ie spectre solaire en 1802 par Ie 
chimistee et physicien anglais William Wollaston. Le fabricant allemand de 
lentilless et de miroirs Joseph von Fraunhofer a soigneusement mesure des 
centainess de ces raies a la main, a partir de 1814. En 1860 il fut établi que 
less raies spectrales étaient des empruntes digitales d'éléments chimiques et 
enn 1929 1'astronome anglaise Cecilia Payne (voir figure 3) s'appuyant sur les 
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travauxx d'autres chercheurs, a montré que les empruntes digitales indiquaient 
différentess états de 1'ionisation des elements et pouvaient être utilisées pour 
classifierr Ie spectre stellaire en terme de temperature de surface et d'abondance 
dess elements. Au cours du 20ème siècle la discipline de spectroscopie quan-
titativee a aide a determiner de nombreuses propriétés pour des centaines de 
millierss d'étoiles. 

Cettee these 

Pourr des raisons historiques; 1'analyse spectrale est habituellement éffectuée 
danss des longueurs d'ondes optiques et la plupart des methodes qui ont été 
développéess pour déduire des propriétés stellaires s'appliquent a ce régime. 
Danss cette theses nous faisons un des premiers pas dans Ie développement des 
diagnostics,, bases sur la fenêtre spectrale de 1'infrarouge proche. Ceux-ci se fo-
calisentt sur la determination des propriétés d'étoiles massives jeunes enfouies 
ett de leur disques circumstellaires. Les données que nous avons analysées dans 
cettee theses, ont été collectées avec Ie Infrared Space Observatory , un satellite 
dee 1'ESA, opérationnel entre 1995 et 1998, ainsi qu'avec Ie United Kingdom 
Infraredd Telescope , situé sur Ie sommet du Mont Mauna Keya a Hawai. Ces 
données,, ainsi qu'un moyen de déduire des paramètres stellaires de base sont 
présentéss dans Ie chapitre 2 de cette these. Une nouvelle methode empirique, 
pourr determiner si de jeunes étoiles massives enfouies ont un disque circum-
stellaire,, est décrit chapitre 3. Cet outil peut s'avérer particulièrement utile 
danss la recherche des résidus de disques d'accrétion autour d'étoiles massives. 
Lee chapitre 4 donne une analyse théorique du potentiel des modèles actuels 
aa la pointe de la technologie, pour modéliser les spectres des étoiles massives 
danss 1'infrarouge proche. Ceci nous permet de relier les propriétés specrales 
auxx paramètres stellaires. Une analyse similaire pour les propriétés des disque 
autourr d'étoiles massives fera le sujet d'investigations futures. 

Danss le chapitre 5 nous nous tournons vers 1'applications de ces diagnos-
tiquess aux étoiles massives présentés dans les regions de formation stellaires. 
Nouss étudions deux étoiles ; situées dans la nébuleuse de la Flamme (ou 
NGCC 2024) dans le détail. Cette nébuleuse fait partie d'une region de forma-
tionn plus grande, Orion, veritable nursery d'étoiles. Une des deux étoiles est 
identifiéee comme étant la source d'ionisation de la nébuleuse de la Flamme. 
Pourr la seconde, nous trouvons des indications que cette étoile massive est 
entouréee par un disque dense... En utilisant les methodes que nous avons 
développéess tout au long de cette these, nous en venons hélas, a la conclu-
sion,, que cette étoile ne représente pas la première étoile massive entourée par 
unn disque d'accrétion. En efïet, le disque ne contient pas de poussière. Il n'est 
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dee ce fait pas composée du même materiau que Ie fragment du nuage, duquel 
Tétoilee est issue dans la nébuleuse de la Flamme. Ce disque a du être créé par 
1'étoile,, après avoir accompli son processus de formation. Ceci signifie que la 
recherchee de disques d'accrétion autour des étoiles massives est toujours en 
cours... . 
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