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CHAPTER 1

INTRODUCTION

1.1 MASSIVE STARS IN THE GALAXY AND THE UNIVERSE

The studies presented in this thesis pursue the spectral analysis of light emitted
by massive stars in our Milky Way galaxy and its two satellite systems, the Large
and Small Magellanic Cloud.

Stars having a mass at birth that is higher than about 10 M¯ end their life in a
supernova explosion. They are referred to as “massive stars” and for many rea-
sons they are at the focus of attention in astrophysics. This interest is founded
in their extreme properties, exotic life path, and final fate. The high-speed out-
flows of gas and the intense ionising radiation field emitted by massive stars, for
instance, have a strong impact on the dynamics and energetics of the interstellar
medium. Measured on a cosmological timescale, the stellar outflows and super-
nova ejecta contribute strongly to the chemical evolution of galaxies. Moreover,
these supernova explosions can be seen up to high redshifts, and leave fascinat-
ing compact remnants. For the evolution of the early universe, massive stars are
thought to have been of key importance, causing its re-ionisation (e.g. Haehnelt
et al. 2001; Wyithe & Loeb 2003) and possibly even galaxy formation (Kawakatu
et al. 2005). Enormous numbers of massive stars have been discovered in dis-
tant starbursting galaxies. These are often found to be the hosts of Gamma Ray
Bursts, and an intimate link between these cosmic explosions and massive stars
seems established (Galama et al. 1998; Hjorth et al. 2003).

To assess the role of massive stars for all these processes we must understand
their evolutionary behaviour, both in the present-day and in the high-redshift
universe. The evolution of a single star is predestined by its fundamental initial
parameters – mass, chemical composition, and angular momentum1 – and gov-
erned by stellar winds and internal mixing processes. We know surprisingly little

1To focus the discussion, we do not consider close binary evolution where also the initial stellar
mass ratio and orbital period need to be considered.
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CHAPTER 1

about the evolution of massive stars. Fundamental questions that remain to be
answered include: What are the basic properties of massive stars? At what rate
do they lose mass, and what is the impact of this mass loss on their evolution and
on the nature of the remains of this evolution? How do the properties of massive
stars – including their ionising fluxes and rate of mass loss – depend on chemical
composition? What are the initial rotational velocities of massive stars, and how
is evolution affected by rotation? These and more questions are still open.

So far, important stumbling blocks hampering progress in the field of mas-
sive stars are the lack of data for significant numbers of massive stars in different
chemical environments, and – if this data would become available – our inability
to analyse it in a homogeneous way using state-of-the-art techniques. The studies
presented in this thesis attempt to improve our understanding of massive stars
by helping to clear these hurdles. The line of approach is both theoretical and
empirical. The empirical part, which covers the major part of this thesis, is con-
cerned with the analysis of an unprecedented number of 71 spectra of high-mass
stars in the Galaxy and the Magellanic Clouds. Most of these data are secured
within the context of the VLT-FLAMES Survey of Massive Stars (Evans et al. 2005).
To be able to analyse all these spectra we developed the first automated fitting
method for the quantitative spectroscopy of O- and early B-type stars with stellar
winds. These new data, and this new technique allow for a new view on aspects
of what we do know and what we do not know about the life of massive stars,
and may help in answering some the fundamental questions listed above.

1.2 EVOLUTION, MASS LOSS AND ROTATION

Massive stars are born as O-type or early B-type stars with effective temperatures
between ∼25 000 and ∼50 000 K and corresponding luminosities in the range of
twenty thousand to one million solar luminosities. While on the main-sequence
they burn hydrogen in their core via the CNO cycle and – if they do not rotate
very rapidly – gradually increase in radius, with reducing effective temperature
and increasing luminosity. When the core hydrogen is exhausted all, except the
most massive ones (M? & 60 M¯), have evolved into B-type supergiants.

Different scenarios may unfold for the post main-sequence evolution of mas-
sive stars (see e.g. Chiosi et al. 1978). We briefly summarise the current paradigm
as it is thought to be valid for non-rotating or modestly rotating objects. If the
initial mass does not exceed ∼20 M¯ they evolve towards very cool temperatures
to become red supergiants, after which they end their lives in supernova explo-
sions. Stars with 20 . M? . 40 M¯ also become red supergiants. The mass loss
that they suffer during this stage is so severe that at some point they will have
expelled their entire outer envelope. Hotter, helium rich inner layers become
visible and the objects evolve into so-called Wolf-Rayet stars. Once a star is of
Wolf-Rayet type it only has some few hundred thousands years to live before it
detonates as a supernova. Stars initially more massive than ∼40 M¯ fail to evolve
into very cool objects. Their redward evolution in the Hertzsprung-Russell dia-

2



INTRODUCTION

gram is at some point halted because the outer layers become unstable. This is
expected to lead to severe mass loss, preventing the star from evolving further
towards the low temperature regime as hotter layers are revealed after dramatic
mass loss events. This phase is referred to as the Luminous Blue Variable phase
of evolution (e.g. Conti 1984; Humphreys 1989; de Koter 1993). Once the entire
outer envelope is removed the stars develop into Wolf-Rayet objects. The most
massive and most luminous stars may suffer such excessive mass loss already on
the main sequence and in the early post main-sequence phase, that they skip the
Luminous Blue Variable phase to immediately present themselves as Wolf-Rayet
stars.

The evolutionary scenarios sketched above are for an important part gov-
erned by mass loss processes (see e.g. Chiosi & Maeder 1986). In the last few
years much effort has been invested in studying the role of another important
stellar property on massive star evolution, namely that of rotation (e.g. Maeder
1987; Langer 1992; Meynet & Maeder 1997). Rotation induces mixing processes
in the stellar interior that increase the stellar luminosity and nuclear fuel reser-
voir, changing the evolutionary tracks and lifetimes (Maeder & Meynet 2001).
The physics of rotation is complex, surely because of the physics of internal mix-
ing, but also because rotation and mass loss can be strongly linked. To illustrate
this coupling: fast rotation may lead to an enhanced mass loss (e.g. Langer 1992;
Maeder & Meynet 2000), while stellar winds will dissipate angular momentum
causing a spin down of the star (Langer 1998). Note that for metal-rich stars these
two processes tend to limit each other. In the case of metal-poor massive stars,
however, the interplay can become stronger because of more efficient mixing and
weaker stellar winds. This may seem somewhat paradoxical, yet one has to re-
alise that the fact that a metal poor star sheds little mass implies that it loses little
angular momentum. This increases the chance that at some point the star reaches
a rotational velocity that is close to its break-up value, potentially leading to the
ejection of the outer stellar layers (e.g. Maeder 1999).

The above described evolutionary sequences are, as stated, for stars that have
initial rotational velocities that are at most a small fraction of the break-up speed.
For stars rotating at birth at 30 to 60 percent or more of the critical velocity, de-
pending on initial mass (Yoon & Langer 2005), rotationally induced mixing is
so efficient that very dramatic changes in the evolutionary behaviour are antici-
pated. Such objects remain chemically homogeneous during the core hydrogen
burning phase. Chemically homogeneously evolving stars do not follow tracks
towards the red in the Hertzsprung-Russell diagram, but evolve bluewards from
the zero age main sequence and upwards until they enter the Wolf-Rayet phase
(Maeder 1987). This is indeed completely different from the classical picture of
massive star evolution sketched above! Fig. 1.1 shows evolutionary tracks for
rotating stars with an initial chemical pattern representative for a Small Mag-
ellanic Could environment. In black, tracks with different initial velocities are
highlighted for the 16 and 40 M¯ case. Note that these tracks show a wide bi-
furcation, i.e. at some fraction of the critical vrot the stars suddenly switch from

3
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Figure 1.1: Hertzsprung-Russell diagram with predicted evolutionary tracks for massive
stars (grey) calculated for a SMC metallicity (Yoon & Langer 2005). Initial masses in M¯
are shown left of the zero age main sequence. Variations of the initial rotational velocity
introduce a wide bifurcation in the tracks (black). This is shown for the 16 and 40 M¯
case, with initial velocities given in units of the critical, i.e. break-up, velocity. For initial
velocities of, respectively, 0.6 and 0.3 vcrit the 16 and 40 solar mass stars are mixed so
efficiently that they evolve chemically homogeneously.

classical (redward) evolution to chemically homogeneous evolution blueward of
the zero age main sequence.

The obvious question to ask is: do we see massive stars that follow evolution-
ary paths that are dramatically affected by rotation induced mixing processes? If
indeed they actually exist, such objects would after some significant fraction of
their main sequence life stand out from non-rotating stars by combining a (still)
high surface temperature with a photospheric abundance pattern that shows an
increased helium fraction and CNO equilibrium material. In addition, they may
appear over-luminous for their spectroscopically derived mass. For O-type stars
it is not trivial to reliably establish this combination of characteristics, especially
in view of the fact that these stars may rotate rapidly causing the spectral lines to
be “smeared out”. Three reasons can be identified. First, the high temperatures
predicted by the tracks (see Fig. 1.1) suggest that stars of the recently defined
spectral sub-type O2 might be candidates for this type of evolution (e.g. Bouret
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INTRODUCTION

et al. 2003; Walborn et al. 2004). However, so far the effective temperatures of
O2 stars could not be reliably derived because of extremely weak or absent He I
lines. Second, for O-type stars the abundance determination of carbon, nitrogen,
and oxygen is notoriously difficult. The relevant ionisation stages of these atoms
require much more complex model ions compared to the relatively simple hydro-
gen and helium ions. Moreover, the ions from higher ionisation stages depend
on the extreme ultraviolet (UV) radiation field, which may be affected by non-
thermal processes such as shocks (e.g. Pauldrach et al. 2001; Kramer et al. 2003).
Adding to the complexity is the fact that many of the lines of these elements are
dominated or strongly affected by mass loss (see e.g. Crowther et al. 2002b). The
third reason why identification of stars evolving at high rotational velocities is
difficult, concerns the spectroscopic determination of their masses. This is com-
plex and comes with sizeable errors. It is therefore difficult to establish whether a
hot stars appears over-luminous relative to evolutionary predictions for slow or
non-rotating stars.

In this thesis we present a new fitting method that allows for the determi-
nation of the temperatures of O2 stars using lines of hydrogen and neutral and
ionised helium in the optical part of the spectrum. With this method we can also
pinpoint the helium mass fraction. This is a first, as so far helium abundances
could only be determined in a rather crude way. In our method it is, therefore,
helium that provides the abundance constraint that is needed to identify stars
that are evolving chemically homogeneous. The method also provides a state-
of-the-art determination of stellar masses, and comes with more realistic error
estimates.

The above explained methodology provides a means to test the role of rota-
tion in the evolution of massive stars. We apply it to the young LH9/LH10 and
NGC 346 clusters in the Large and Small Magellanic Cloud. The NGC 346 asso-
ciation (see Fig. 1.2) is sufficiently rich in young massive stars that we may also
derive a model for the current rotational velocity distribution. We argue, based
on the weakness of the stellar winds in the SMC, that this current distribution is
representative for the initial velocity distribution of massive stars in the NGC 346
association. This provides a very important constraint on the role of rotation in
population synthesis studies of massive stars.

1.3 THE RELATION BETWEEN MASS LOSS AND METALLICITY

Observations have shown that all massive stars, during all evolutionary phases,
lose mass through stellar winds (e.g. Beals 1929; Morton 1967; Wright & Bar-
low 1975; Conti & Frost 1977). With typical mass loss rates ranging from
∼10−7 M¯yr−1 or less for dwarf O-type stars (e.g. Puls et al. 1996) up to several
times 10−5 M¯yr−1 for Wolf-Rayet stars (e.g. Crowther et al. 2002a), these winds
have a considerable effect on the evolutionary paths that massive stars traverse
(see above).

The physical mechanism that drives the winds of early-type stars is thought
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Figure 1.2: Combined V and I band image of the star cluster NGC 346 in the SMC, ob-
tained by Nota et al. (2004) using the ACS aboard the HST. The height of the image is
3.1 arcminutes, corresponding to a size of 57 pc. North is up and east is left. NGC 346 is
the largest H II region in the SMC, and is host to approximately half of the total number of
O-type stars known in this galaxy (Massey et al. 1989). Studying this system may provide
constraints on the intricate relation between rotation and stellar evolution. In particular
due to the relative youth of NGC 346 (∼3 million years) and the diminished wind strengths
of its members, a consequence of the reduced metallicity environment of the SMC, these
stars may give insight into the initial rotational conditions from which their evolution has
unfolded.

to be the transfer of photon momentum to the atmospheric gas, by line interac-
tions. For normal O- and B-type stars the nature of this mechanism is undisputed.
Whether or not this mechanism also applies to Luminous Blue Variables and Wolf
Rayet stars is less secure, though recent new insights seem to point in this direc-
tion (e.g. Vink & de Koter 2002; Lamers & Nugis 2002; Gräfener & Hamann 2005;
Vink & de Koter 2005). Simply put, the line driving mechanism implies that the
wind strength will in any case depend on the stellar luminosity, reflecting the
number of photons per second streaming through the atmospheric layers, and on
the number of lines that can effectively absorb these photons. These driving lines
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will not be equally distributed over all elements. Clearly, for this distribution
the elemental abundance is relevant. More important, however, is the complex-
ity of the scheme of electron states of the atom or ion being considered. Fe III,
for instance, though in our galaxy only 1/25 000th as abundant as hydrogen, has
millions of spectral lines. Hydrogen, in contrast, has effectively only of order one
hundred spectral lines. It is essentially for this reason that the metal content of
stars will have a very strong impact on their mass loss. Given the importance
of massive stars, and of mass loss for their properties and evolution, it is clear
that establishing the relation between mass loss and metal content, i.e. Ṁ(Z), is
fundamental.

Line-driven wind theory has been very successful in explaining the observed
wind properties of Galactic massive stars (e.g. Castor et al. 1975; Pauldrach et al.
1986; Vink et al. 2000). It makes predictions for the mass loss as well as the ve-
locity profiles of the outflows. The dependence of mass loss on metal content has
obviously also been considered. Several groups have predicted this to be a power
law, such that Ṁ ∝ Z0.5−0.7 (e.g. Kudritzki et al. 1987; Puls et al. 2000; Vink et al.
2001; Krtička 2006). A robust empirical Ṁ(Z) relation, to allow a meaningful test
of this prediction is, however, still lacking. This is a frustrating state of affairs.
In this thesis we want to help mend this situation by deriving the first empirical
calibration of the Ṁ(Z) relation.

To establish this empirical calibration one needs to determine the wind char-
acteristics of large samples of stars in different metallicity environments. Let us
first focus on how to determine these wind characteristics. Essentially, there are
three basic diagnostics available: i) infrared, millimetre and/or radio excess due
to free-free processes in the stellar wind; ii) ultraviolet resonance lines and iii)
optical lines. Analyses of stars in different chemical environments evidently re-
quire extra-galactic studies. This immediately voids the first diagnostic as it can
only be applied to stars at distances of at most a few kiloparsec. The two re-
maining diagnostics are spectroscopic in origin, and can quite easily be applied
to extra-galactic stars. Typically UV lines are sensitive to mass loss rates down to
∼10−9 M¯yr−1 with the strongest lines saturating at approximately 10−7 M¯yr−1.
In the optical Hα is the most sensitive line, yielding accurate wind parameters
for Ṁ & 10−7 M¯yr−1.

It is unfortunate that the UV and Hα methods do not have a substantial over-
lap in the mass loss regime that they can probe. For studying samples that cover
a wide Ṁ range one is obviously required to combine both methods. This is haz-
ardous. The reason for this lies in the modelling aspect of UV lines. To properly
do this a very detailed prescription of the UV radiation field is needed. This
requires that the opacities of tens of thousands of lines are self-consistently ac-
counted for in the model of the atmosphere. The calculation of the corresponding
radiative transfer models is very time-consuming, and, consequently, strongly
limits the number of stars that can be analysed in detail. Even if this can be done,
one still has to fear for non-thermal processes that may severely affect the ionisa-
tion fractions of the ions responsible for the mass loss sensitive UV lines. Shock
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instabilities may be such a non-thermal process, creating X-ray and extreme-UV
radiation from hot pockets of gas in the stellar outflow. It is the extreme-UV spec-
tral range (say at λ . 400 Å) that is in particular relevant for the ionisation of
the relevant UV lines, explaining why it is that these lines suffer most from non-
thermal processes. The uncertainty in the UV based Ṁ values is therefore large.
One should also realise that a space based instrument is needed to secure UV
spectra. This makes it quite difficult to obtain samples as large as can be obtained
in the optical from the ground. For these reasons we have concentrated on optical
data.

For the observations of extra-galactic massive stars, the Magellanic Clouds are
the logical systems of choice due to their proximity. The LMC has a metal content
that is about half that of our Galaxy; for the SMC this is approximately 1/5th. We
have observed over 100 O- and early B-type stars in several clusters distributed
over the Galaxy and Magellanic Clouds in an ESO large program called the VLT-
FLAMES Survey of Massive Stars (see Evans et al. 2005). In over 100 hours of
observing time at the Very Large Telescope (VLT), multi-object spectroscopy us-
ing the Fibre Large Array Multi-Element Spectrograph (FLAMES) has been used to
secure this dataset. Combined in extent and quality these observations are un-
parallelled, and provide the necessary data sample to determine the mass loss
metallicity dependence.

The only barrier remaining in the way before we can actually tackle the Ṁ(Z)
problem, is the daunting task of the analysis of dozens of spectra using state-
of-the-art stellar atmosphere models. This, fortunately, is facilitated by the new
fitting method presented in this thesis. We have used it to perform a homoge-
neous analysis of data for 71 single stars, with accurate determination of mass
loss rates for over 50 of these. In chapters 5, 6 and 7 the actual analyses and de-
termination of the Ṁ(Z) relation are described. To run a little bit ahead of things
we present the most exciting result in Fig. 1.3. The relations shown in this figure
describe the average behaviour of the so-called modified wind momentum, de-
fined as Dmom ≡ Ṁv∞R1/2

? , as a function of stellar luminosity in the Galaxy (top),
LMC (middle) and SMC (bottom). From the relative separation of these power
laws the empirical scaling of mass loss with metallicity in smooth winds can be
derived: Ṁ(Z) ∝ Z0.78±0.17. This scaling is based on the analysis of stars brighter
than 105.2 solar luminosities. For this luminosity regime it appears that the Ṁ(Z)
relations is in good agreement with the theoretical result mentioned above.

In all fairness, mass loss rates for stars of lower luminosity are not in agree-
ment with theory! The winds of these stars are relatively weak, with mass-loss
rates less than ∼ 10−7 M¯yr−1. As discussed above, the determination of such low
rates must rely on UV lines. Over the last few years evidence is accumulating that
the mass loss rates of these “weak winds” may be up to two orders of magnitude
less than is predicted by theory (e.g. Bouret et al. 2003; Martins et al. 2004, 2005b).
This is a very serious discrepancy, one for which the cause is currently unknown.
In chapter 7 we return to this problem.

Chapter 7 also includes a discussion of the assumption of smoothness of the
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Figure 1.3: Modified wind momentum luminosity relations (WLR) determined for the
Galaxy (top), LMC (middle) and SMC (bottom). The modified wind momentum is defined
as Dmom ≡ Ṁv∞R1/2

? and is shown in units of g cm s−2 R¯. The relations were obtained by
fitting the Dmom distributions of Galactic and MC star samples. Shown as grey areas are
the corresponding one sigma confidence fitting intervals. From the relative separations of
the WLRs the power law describing the mass loss metallicity relation is determined to be
Ṁ ∝ Z0.78±0.17.

outflow. During the coming about of this thesis several studies have questioned
this standard assumption, presenting difficult to disprove results that indicate
that the winds of massive O-type stars, similar to Wolf-Rayet stars and Luminous
Blue Variables (e.g. Moffat et al. 1994; Davies et al. 2005), suffer from small scale
inhomogeneities or “clumping” (e.g. Massa et al. 2003; Bouret et al. 2005; Fuller-
ton et al. 2006). Clumping affects the strength of the Hα line as it facilitates a
more efficient recombination of hydrogen, requiring reduced mass loss rates to
match the profile shapes. If clumping is present in all early-type stars (this is not
yet established) the observed Ṁ values may need to be scaled down by a factor
of 3 to 10. Consequently, we can no longer claim agreement between observed
and predicted values for stellar luminosities above 105.2 L¯.
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Figure 1.4: Spectral energy distribution of an O6 supergiant. The wavelength regime be-
low the Lyman jump at 912 Å can only be studied indirectly from, for instance, the ion-
isation structures of H II regions. The insets show different spectral ranges containing
diagnostic stellar and wind lines that can be observed directly. In the ultraviolet, only ac-
cessible using space based observatories, nitrogen, silicon and carbon wind lines are very
sensitive probes of the stellar wind. The relative strengths of the optical He I λ4471 and
He II λ4541 lines can be used as a temperature diagnostic. Further information on the mass
loss is imprinted on the hydrogen Hα and Brα lines at, respectively, 6562 Å and 4.052 µm.
The latter line is considered to be a promising tool to study stars suffering from strong vi-
sual extinction, such as young stars still deeply embedded in their natal molecular cloud.

1.4 SPECTRAL ANALYSIS OF MASSIVE STARS

The detailed spectral analysis of the light we observe from massive stars is the
backbone of the studies presented in this thesis. In this section we explain in
somewhat more detail our approach to quantitative spectral analysis.

1.4.1 AUTOMATED FITTING

To illustrate the different observational diagnostics available for spectral analysis,
we show in Fig. 1.4 the spectral energy distribution (SED) for an O6 supergiant.
To reproduce, i.e. fit, these lines different strategies can be adopted. Here we
separate them into the two categories of “by eye” and automated fitting meth-
ods. The former represents the fitting techniques in which the best fit is obtained
by determining the correspondence between observed and synthesised spectral
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data, as is obvious from the methods name, by an inspection by eye. One can
question whether a fit constructed using such a method actually corresponds to
the best fit possible. Reasons for this are that only a restricted parameter space, in
absolute size as well as in terms of dimension, can be investigated with high ac-
curacy; the limited number of parameters that are changed simultaneously; and
the possible biases associated by judging the quality of a fit by eye.

Automated methods, partly and in some implementations completely elim-
inate the drawbacks discussed above. They can be separated into two groups.
The first group are the grid based methods, which determine the best fit for an
observed spectrum by comparing it to a large grid of preexisting models (see e.g.
Kudritzki 1980). Apart from the fact that multiple stars can be analysed using
the same grid this method has the added benefit that it implements a quantita-
tive fit criterium. Unfortunately, however, grid based methods, like the “by eye”
methods, still suffer from being restricted to a relatively small coarsely sampled
parameter space.

The second group of automated methods is one that employs optimisation
techniques in which the input parameters of a stellar atmosphere code are itera-
tively modified to maximise the correspondence with an observed spectrum (see
e.g. Bohannan et al. 1986; Voels et al. 1989). The most sophisticated implemen-
tation so far is the method described in chapter 4, which combines the genetic
algorithm based optimisation routine PIKAIA (Charbonneau 1995) with the non-
LTE line blanketed stellar atmosphere code FASTWIND (Puls et al. 2005) to fit the
observed hydrogen and helium spectrum of early-type stars. In this method the
genetic algorithm implementation allows for an efficient exploration of a param-
eter space of any given size with an arbitrary resolution for all fit parameters.
More importantly, it is capable of global optimisation assuring that within the
framework of the stellar atmosphere model, the best fit possible is obtained.

1.4.2 ADVANCING QUANTITATIVE SPECTROSCOPY

With the genetic algorithm based automated fitting method presented in this the-
sis, the parameter domain that can be explored, is extended significantly. Not
only by the addition of new fit parameters, which include the projected rotational
velocity (vr sin i), microturbulent velocity (vturb) and helium surface abundance
(YHe), but also by the arbitrary step size with which each of the fit parameters
can be scrutinised. The latter represents a large step forward as it permits for the
determination of meaningful error estimates, allowing to assess fitting results at
their true value.

The treatment of the helium surface abundance as a truly free parameter has
great potential. It extends the two-dimensional parameter space (Teff, L?) in
which spectroscopic analyses can be compared to predictions based on evolu-
tionary theory with a third dimension, providing important constraints on these
predictions. Not only will this allow to investigate how well, for instance, mix-
ing in the stellar interior due to overshooting and rotation is understood (e.g.
Meynet & Maeder 2000), it also gives a means to explore exotic evolutionary
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scenarios such as chemically homogeneously evolving stars (e.g. Maeder 1987;
Langer 1992). Furthermore, a detailed knowledge of YHe can be used as an in-
dependent age estimate, complementing the conventional isochrones based esti-
mates (see also Sect. 1.2).

Though very powerful, the automated fitting, is not the final answer to the
“fitting problem”. First, it still requires human interaction. The method fits a
number of continuum normalised spectral lines. This continuum rectification is
a procedure that still needs to be done by hand. Moreover, the lines are given a
relative weight which is based on human expertise. Second, the computer inten-
sive nature of the fitting (to fit each star on the order of 104 models are computed)
requires that the stellar atmosphere code that is used is fast, i.e. it should com-
pute a model in order 103 seconds or less. So far only one of the state-of-the-art
model atmosphere codes fulfils this constraint: the FASTWIND code of Puls et al.
(2005). This implies that different codes cannot be compared within the context
of automated fitting. Third, the method so far is only suited for the study of O-
or early B-type stars. To fit the spectra of mid and late B-type stars, for instance,
the modelling of silicon lines, which are important temperature indicators in this
spectral regime, is required. In principle, the method as is allows for silicon to
be included. Therefore, this could be one of the first logical extensions of the
automated fitting method. A second logical extensions is its application to the
near-infrared spectral window, to allow for the study of stars that are obscured at
visual wavelengths.

Having said all these things, the most important improvement of the auto-
mated fitting method over previous methods is that it fulfils the prospect of ho-
mogeneous analysis of large samples. To illustrate this, we simply refer to, for
instance, figures 6.10 and 7.1 through 7.3, where the unprecedented sample of
71 stars is used to constrain aspects of massive star evolution and the relation
between mass loss and metal content, respectively. This ability of our method
will, already in the near future, facilitate comprehensive studies of, for instance,
sequential star formation in OB associations in nearby starbursting regions, ro-
tational velocity distributions, and radial dependent clumping in stellar winds.
These are great prospects.

1.5 SUMMARY AND CONCLUSIONS

The study of massive stars in different galaxies permits an investigation of the
dependence of stellar properties on the chemical composition of the gas out of
which these stars have formed. This allows to assess the impact metallicity has
on the evolution of massive stars and their host galaxies. This thesis contains
theoretical studies quantifying the spectral appearance of massive stars as a func-
tion of their fundamental parameters and chemical composition, and empirical
studies establishing the physical parameters of massive stars in different chemi-
cal environments.

The outline of this thesis is as follows: chapter 2 presents a study of the effect
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of metallicity on the SED of O-type stars. In chapter 3 the diagnostic potential of
spectral features in the near-infrared of early-type stars is investigated. A method
for the automated quantitative spectroscopy of O- and early B-type stars with
stellar winds is described in chapter 4. Using this automated method large sam-
ples of early-type stars located in the SMC and LMC are analysed in, respectively,
chapter 5 and 6. Finally, in chapter 7 we quantify the empirical relation between
mass loss rate and metallicity for O- and early B-type stars.

The study presented in chapter 2 is based on a grid of stellar atmosphere mod-
els for O-type dwarfs calculated for different chemical compositions. Using this
grid we found that the number of ionising photons emitted in the Lyman contin-
uum is almost independent of line blanketing effects and metallicity for a given
effective temperature. The SED below ∼450 Å, in contrast, was found to depend
strongly on metallicity, complicating the interpretation of the ionising sources of
H II regions. Furthermore, the observed spectral type was shown to depend, apart
from the effective temperature, also noticeably on additional parameters such as
gravity and metallicity.

In chapter 3 the pilot study of the spectral features of O-type stars in the near-
infrared K band initiated in chapter 2 is extended. Based on a grid of 30 line-
blanketed unified photosphere and wind models, spectral features of hydrogen
and helium in the J, H and K band were scrutinised for their diagnostic potential.
This resulted in the first quantitative near-infrared calibration of spectral types
and mass loss rates of O-type stars.

One of the most important stumbling blocks hampering the analyses of large
samples of massive stars is the lack of an automated analysis method. To resolve
this issue we have attempted to construct such a method by combining a genetic
algorithm based optimisation routine with a stellar atmosphere code. In chap-
ter 4 we show that this implementation indeed possesses the desired capability of
automatically fitting spectra of O- and early B-type stars with winds. More im-
portantly, the new method is capable of locating the global best fit in parameter
space and handling up to seven free parameters simultaneously, well exceeding
the analysis potential of classical “by eye” fitting.

To rigorously test our automated fitting method we subject it to a data set
comprising observations of twelve well studied Galactic stars. Comparison of
the fitting results with those obtained in the most detailed “by eye” fitting stud-
ies shows good agreement, with differences being understandable in terms of,
for instance, improved multidimensional fit optimisation. Interestingly, in most
cases the differences in fit parameters result in an improved behaviour of the in-
dividual objects with respect to the global trends. In particular this amends the
correspondence between the observed mass and wind strength distributions and
theoretical predictions.

Using the automated method a sample of 31 O- and early B-type SMC stars
observed recently within the context of VLT-FLAMES Survey of Massive stars are
analysed in chapter 5. For the 21 dwarf stars in the sample the present day vr sin i
distribution is shown to be consistent with an underlying rotational velocity (vr)
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distribution that can be characterised by a mean velocity of 160− 190 km s−1 and
an effective half width of 100 − 150 km s−1. As we find that the age of the cluster
NGC 346, which is host to the majority of the stars in our sample, is about 1–
3 Myr, we argue that the underlying vr distribution is representative for the initial
rotational velocity distribution. Other important results presented in this chap-
ter include the quantification of the power law behaviour of the wind strength
distribution in the Z ∼ (1/5) Z¯ environment of the SMC; the identification of a
relation between the mass discrepancy and surface helium enrichment for dwarfs
and giants, which is in qualitative agreement with predictions of chemically ho-
mogeneous evolution; and the determination of the location in the HR-diagram
of Vz stars and their relation to ZAMS evolution.

The analysis performed using the automated method of LMC targets secured
within the VLT-FLAMES survey is presented in chapter 6. In total 28 O- and early
B-type stars in this Z ∼ (1/2) Z¯ environment are studied. This sample is large
enough to, for the first time, allow for a quantitative comparison of the mass
loss rates with those of Galactic and SMC stars. We find that the average wind
strength of massive stars in the LMC is intermediate to the averages of the Galaxy
and the SMC. Based on the hydrogen/helium spectrum the automated method
was able to determine the effective temperatures of the four O2 type stars in our
sample. Three of these are found to be hotter by more than 7 000 K compared to
O3 stars.

From our LMC sample 22 stars are located in the star forming region N11
distributed over both the central LH9 and nearby LH10 associations. Based on
the fundamental parameters derived for these stars an age of 7.0 and 3.0 Myr
is estimated for LH9 and LH10, respectively. Given the relative separation of
the associations, the implied age difference is consistent with a sequential star
formation scenario in which stellar activity in LH9 triggered star formation in
LH10. Other important results presented in chapter 6 include the determination
of a similar relation between helium surface enrichment and mass discrepancy
for dwarf and giant stars as was found for the SMC sample, and the resolution of
the classical mass discrepancy problem for supergiants.

In this thesis a total of 71 stars are analysed in a homogeneous way using the
automated method. With accurate mass loss rates determined for approximately
50 of these stars, this represents a significant fraction of all Galactic and Magel-
lanic Cloud stars for which reliable wind parameters are known. Accordingly, in
chapter 7 we have undertaken a comprehensive investigation of the observational
evidence for the metallicity dependence of the mass loss rates of massive stars.
This has resulted in the first empirical quantification of the mass loss metallicity
relation. Assuming a power law dependence Ṁ ∝ Zm, and adopting the theoret-
ical result result v∞ ∝ Z0.13 for the relation between the terminal wind velocity
and metal content, we find m = 0.78 ± 0.17 for smooth winds. If an approxi-
mate clumping correction is adopted, for stars showing Hα emission profiles,
the metallicity dependence is given by m = 0.62 ± 0.15. The relations hold for
stars with L? & 105.2 L¯. At lower luminosities the winds are so weak that their
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strengths can no longer be derived using the optical mass loss diagnostic Hα.

—

With the work described in this thesis we provide answers to some of the funda-
mental questions raised at the start of the introduction.

• Fundamental parameters of massive stars such as the effective temperature
and mass loss, as well as the flux distribution in their ionising continua are
strong functions of metallicity.

• The mass loss metallicity dependence of massive stars can be described as
a power law with an index of m = 0.78 ± 0.17 for smooth winds and m =

0.62 ± 0.15 for clumped winds.

• A comparison of the empirically determined modified wind momentum
with that predicted by Vink et al. (2001) shows good agreement for lumi-
nosities in excess of 105.2 L¯ for SMC, LMC, and Galactic stars. For less
luminous stars the winds are too weak to reliably determine mass loss rates
from Hα.

• The massive stars in NGC 346 in the SMC have an initial rotational velocity
distribution that can be described as a broad distribution centred around
a mean velocity of 160 − 190 km s−1 and an effective half width of 100 −
150 km s−1.

• Implied by the distribution of initial vr is that chemically homogeneous evo-
lution may be a “common” evolutionary path in low metallicity environ-
ments. For SMC like conditions one can expect that roughly 5 to 15 percent
of the massive stars will evolve along chemically homogeneous tracks.
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CHAPTER 2

METALLICITY AND THE SPECTRAL ENERGY
DISTRIBUTION AND SPECTRAL TYPES OF DWARF
O-STARS

M. R. MOKIEM, N. L. MARTÍN-HERNÁNDEZ, A. LENORZER, A. DE KOTER &
A. G. G. M. TIELENS
ASTRONOMY & ASTROPHYSICS, 419, 319 (2004)
ABSTRACT. We present a systematic study of the effect of metallicity on the stellar spectral
energy distribution (SED) of O main sequence (dwarf) stars, focusing on the hydrogen and
helium ionizing continua, and on the optical and near-IR lines used for spectral classifi-
cation. The spectra are based on non-LTE line blanketed atmosphere models with stellar
winds calculated using the CMFGEN code of Hillier & Miller (1998). We draw the following
conclusions. First, we find that the total number of Lyman photons emitted is almost in-
dependent of line blanketing effects and metallicity for a given effective temperature. This
is because the flux that is blocked by the forest of metal lines at λ < 600 Å is redistributed
mainly within the Lyman continuum. Second, the spectral type, as defined by the ratio
of the equivalent widths of He I λ4471 and He II λ4542, is shown to depend noticeably on
the microturbulent velocity in the atmosphere, on metallicity and, within the luminosity
class of dwarfs, on gravity. Third, we confirm the decrease in Teff for a given spectral type
due to the inclusion of line blanketing recently found by e.g. Martins et al. (2002). Finally,
we find that the SED below ∼450 Å is highly dependent on metallicity. This is reflected
in the behaviour of nebular fine-structure line ratios such as [Ne III]/[Ne II] 15.5/12.8 and
[Ar III]/[Ar II] 9.0/7.0 µm. This dependence complicates the use of these nebular ratios
as diagnostic tools for the effective temperature determination of the ionizing stars in H II
regions and for age dating of starburst regions in galaxies.
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2.1 INTRODUCTION

Massive stars are a dominant force in the evolution of the interstellar medium of
galaxies. The extreme ultraviolet photons of massive stars can ionize surround-
ing atomic hydrogen gas. This ionized gas is heated by the photo electrons and
cooled through forbidden line radiation of trace species such as oxygen, result-
ing in a temperature of some 104 K. Besides this energetic coupling through the
radiation field, massive stars can also influence their surroundings dynamically.
The high pressure of the ionized gas will drive shock waves in their surround-
ings, sweeping up the ambient molecular gas. Moreover, these stars also have
strong stellar winds and explode as type II supernovae, both of which provide ki-
netic energy to the interstellar gas. Understanding the characteristics of massive
stars and their interaction with their environment is therefore a key problem in
astrophysics.

The stellar spectral energy distribution in the extreme ultraviolet (EUV) con-
trols the ionization structure of H II regions. However, because of the high opac-
ity of neutral gas in the EUV, this wavelength range cannot be observed directly.
Spectral typing of stars is generally done through optical (e.g. Conti & Alschuler
1971; Conti & Frost 1977; Mathys 1988) or near-IR features (e.g. Hanson et al.
1996; Meyer et al. 1998; Hanson et al. 1998; Lenorzer et al. 2002b). Alternatively,
observed nebular ionization structures can be used to probe the ionizing fluxes of
the stars energizing the medium. This technique is now widely used to determine
the properties of stars in the EUV and has even evolved to a more general astro-
nomical tool, particularly for the study of regions where individual stars cannot
be directly typed (e.g. Oey et al. 2000; Takahashi et al. 2000; Okamoto et al. 2001;
Morisset et al. 2002). Moreover, because the hardness of the EUV radiation field is
a good measure of the spectral type of the ionizing star and because later spectral
types live longer, the observed ionization structure can be used as an age indi-
cator of a starburst region (e.g. Crowther et al. 1999; Thornley et al. 2000; Spoon
et al. 2000).

In recent years, some problems with the latter technique have emerged. For
example, for the well-studied H II region G29.96−0.02, the spectral type derived
from direct observations of the stellar lines in the near-IR (Watson & Hanson 1997;
Martı́n-Hernández et al. 2003) indicates a much earlier spectral type than that
obtained from the ionization structure (Morisset et al. 2002). This seems to be
a general problem and may be related to the metallicity of the region. Indeed,
there is a loose correlation between the ionization structure - as measured by
for example the [Ne III]/[Ne II] 15.5/12.8 µm line ratio - and the metallicity of
H II regions (see Martı́n-Hernández et al. 2002b). Such a correlation may reflect
the effects of metallicity on line blanketing or on the characteristics of the stellar
wind.

Much theoretical effort has been dedicated to best describe the EUV spectra of
massive stars. This is a formidable task because these stars have strong winds and
extended atmospheres. This leads to strong non-LTE effects in the formation of
spectral lines. Over the last ten years much progress has been made and current

18



METALLICITY AND THE SED OF O STARS

models include the effects of tens of thousands of lines on the energy balance and
temperature structure of the stellar photosphere and wind. So far relatively mod-
est effort has been investigated in systematic studies of the effects of metallicity
on the stellar spectral energy distribution. In particular, there is no good theoret-
ical understanding of the effects of metallicity on the ionizing fluxes of massive
stars or on the optical and near-IR spectral characteristics used to type these stars.
Here, we study the influence of metallicity on the spectral energy distribution of
O stars and determine its influence on the resulting ionization structure of H II
regions.

This paper is organized as follows. Sect. 2.2 presents a set of main-sequence
(dwarf) star models constructed using the CMFGEN code by Hillier & Miller (1998)
and compares the predicted EUV fluxes with those from other codes. Sect. 2.3
presents a detailed analysis of the variations of the EUV spectral appearance and
ionizing fluxes with effective temperature and metallicity. Sect. 2.4 investigates
the influence of metallicity and other stellar parameters on the optical and near-
IR spectral calibration. In Sect. 2.5, the ionizing structure of single star H II regions
is studied. Finally, Sect. 2.6 presents the conclusions of this study.

2.2 DESCRIPTION OF THE MODELS

The models presented in this paper are constructed using the CMFGENprogram
of Hillier & Miller (1998), to which we refer for a full description of techniques.
In short: CMFGEN iteratively solves the equations of radiative transfer subject to
the constraints of statistical and radiative equilibrium, for an atmosphere with
an outflowing stellar wind. The ions included in the non-LTE calculation are
H I, He I-II, C IV, N III-V, O IV-VI, Si IV and Fe IV-VII. The cumulative effect of the
iron lines, causing a line blanketing effect, is self-consistently accounted for by
employing a description of the atomic models in terms of super levels. All and
all, approximately 9 000 transitions are accounted for.

We used this code to calculate a grid consisting of eight main-sequence
(dwarf) star models ranging in effective temperature from 33 kK up to 51 kK.
Basic stellar parameters, Teff, R? and M?, using masses predicted by evolution
theory, are taken from the Vacca et al. (1996) calibration and are given in Table 2.1.

We have opted to describe the photospheric density structure using a constant
scaleheight

H =
kTeff

µmamugeff
, (2.1)

where µ is the mean molecular weight in atomic mass units, geff is the effective
gravity at the stellar surface corrected for radiation pressure by electron scatter-
ing and all other parameters have their usual meaning. Near and beyond the
sonic point, the density is set by the velocity law through the equation of mass-
continuity. The connection between photosphere and wind is smooth. The wind
velocity structure is given by a standard β-law adopting β = 0.8, which is rep-
resentative for dwarf O stars (Groenewegen & Lamers 1989). The terminal flow
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Table 2.1: Stellar and wind parameters of the model grid stars at solar metallicity.

Model Teff M? R? log g log L? H? log Ṁ β V∞ log Q0 log Q1
[kK] [M¯] [R¯] [cm s−2] [L¯] [10−4 R?] [M¯/yr] [km s−1] [photons s−1]

1 51.23 87.6 13.2 4.139 6.032 7.703 −5.209 0.8 3450 49.87 49.38
2 48.67 68.9 12.3 4.096 5.882 8.308 −5.375 0.8 3240 49.69 49.18
3 46.12 56.6 11.4 4.077 5.772 8.375 −5.599 0.8 3140 49.50 48.95
4 43.56 45.2 10.7 4.034 5.568 8.971 −5.805 0.8 2950 49.31 48.72
5 41.01 37.7 10.0 4.014 5.404 9.046 −6.072 0.8 2850 49.08 48.44
6 38.45 30.8 9.3 3.989 5.229 9.314 −6.369 0.8 2720 48.82 48.05
7 35.90 25.4 8.8 3.954 5.062 9.712 −6.674 0.8 2570 48.51 47.43
8 33.34 21.2 8.3 3.926 4.883 9.934 −7.038 0.8 2450 48.06 46.07
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velocity v∞ follows from a scaling with the escape velocity (Lamers et al. 1995)
and is also listed in Table 2.1. The mass-loss rates are from predictions by Vink
et al. (2000, 2001). These authors show that for O-type stars the mass loss scales
with the metal content Z as

Ṁ ∝ Z0.85 . (2.2)

Leitherer et al. (1992) showed that the final wind velocity also depends on metal-
licity as v∞ ∝ Z0.13.We do not incorporate this dependence in the models. The
microturbulent velocity was set to 20 km s−1 for the atmospheric structure calcu-
lations. For the calculation of the emergent spectrum we assumed microturbulent
velocities of 20, 10 and 5 km s−1.

In order to investigate the spectral appearance as a function of metallicity, we
have calculated an additional set of models for our models #2 and #5, in which
we set the metal content to Z = 2, 1/2, 1/5 and 1/10 Z¯. In conjunction with Z,
we adjusted the helium abundance Y according to

Y = Yp +

(

∆Y
∆Z

)

Z , (2.3)

where Yp = 0.24 is the primordial helium abundance (Audouze 1987) and
∆Y/∆Z = 3 is an observed constant (Pagel 1992). To arrive at the appropriate
metal abundances, we simply scaled the solar values (Cox 2000), which we give in
Table 2.2 for reference. The mass-loss rates and scaleheights, which also depend
on Z through the mean molecular weight, of the additional models are given in
Table 2.3.

2.2.1 THE ASSUMPTION OF A CONSTANT SCALEHEIGHT

The assumption of a constant scaleheight could lead to an overestimation of the
effective gravity as derived from density sensitive lines. To test the validity of
this assumption we recalculated model #6 using an atmospheric structure cal-
culated with the ISA-WIND code of de Koter et al. (1993, 1997). This provides a
more realistic density stratification as it accounts for the effects of continuum ra-
diation pressure on the atmosphere (see section 2.2.2). For the comparison we
focused on the spectral signatures investigated in this paper, i.e. the EUV, the op-
tical He I λ4471 and He II λ4542 lines and the photospheric lines in the near-IR
K-band.

Close inspection of the predicted EUV spectra shows that the number of ion-
izing photons below a certain wavelength, as well as the total amount of ionizing
photons in the hydrogen and helium continua, agree within a few percent. The
changes in the optical He I and He II lines are also negligible. A decrease of at
most 3% in equivalent width is observed compared to the constant scaleheight
model.

A fair comparison for the near-IR lines is more difficult, as many of these
lines are partly formed in the transition zone where the photosphere connects to
the stellar wind. In both the ISA-WIND as in the constant scaleheight model this
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Table 2.2: Chemical composition adopted for the models with Z = Z¯.

Element Mass fraction

H 0.7023
He 0.2820
C 3.050 × 10−3

N 1.100 × 10−3

O 9.540 × 10−3

Si 6.990 × 10−4

Fe 1.360 × 10−3

Table 2.3: Variation of the scaleheight and the mass loss rate with metallicity for models #2
and #5.

Model #2 Model #5

H? log Ṁ H? log Ṁ
Z/Z¯ (10−4 R?) (M¯/yr) (10−4 R?) (M¯/yr)

2 7.817 −5.120 8.511 −5.815
1/2 8.554 −5.631 9.314 −6.328
1/5 8.702 −5.971 9.474 −6.665
1/10 8.751 −6.225 9.528 −6.921

connection is made in an ad hoc fashion. Keeping this in mind, we find that the
differences in equivalent width between the two models is at most 4% for the He I
lines and at most 12% for the C IV lines.

2.2.2 COMPARISON WITH OTHER MODEL ATMOSPHERE CODES

Before comparing ionizing fluxes predicted by our models with those from other
codes, we first briefly discuss the basic physics treated in the model atmospheres
used for this comparison.

We focus on a comparison of main sequence (dwarf) O star models computed
using the CMFGEN code (this study), the WM-BASIC code of Pauldrach et al.
(2001) and the COSTAR models of Schaerer & de Koter (1997). The latter make
use of the ISA-WIND code of de Koter et al. (1993, 1997) to predict the stellar
spectrum. A schematic comparison of assumptions made in these three codes
is given in Table 2.4. Note that a comparison of codes does not address the ques-
tion concerning the level of realism of the spectra produced. Assessing this issue
requires empirical testing by analyzing H II regions containing single hot stars of
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Table 2.4: Schematic comparison of assumptions made in the codes used for the EUV
comparison. CMF implies a co-moving frame treatment of line transfer; SE denotes that
the state of the gas is derived from statistical equilibrium (i.e. non-LTE). See text for a
discussion.

Treatment CMFGEN WM-BASIC COSTAR

Temperature structure Consistent Consistent Grey-LTE with
blanketing feedback

Density structure
Photosphere Constant H Consistent Grey-LTE + pR-cont
Wind β-law Consistent β-law

Non-LTE treatment Consistent Consistent Consistent (except Fe)
Line Transfer CMF CMF Sobolev
Iron-group SE SE Modified Nebular

Number of transitions/lines
In SE ∼9 000 ∼30 000 ∼1 000
In spectrum ∼17 000 ∼4 000 000 ∼100 000

Blanketing Consistent Consistent Blanketing factors

which ideally the basic parameters have been determined from detailed quantita-
tive spectroscopy using the same models as those applied to predict the ionizing
fluxes. This approach has been followed by Crowther et al. (1999), who tested the
CMFGEN and ISA-WIND models for a nebula containing a cool WN star and found
similar results except for the ionizing flux distributions below the He I edge at 504
Å, which were quite different. The next best thing is to study H II regions con-
taining single stars with well defined spectral types and effective temperatures.
Schaerer (2000) reviews the success of non-LTE model atmospheres in reproduc-
ing diagnostic line ratios of nebulae irradiated by O-type stars. The metallicity
dependence of the ionizing flux may be studied by modelling extra-galactic H II
regions (e.g. Bresolin et al. 1999; Oey et al. 2000; Bresolin & Kennicutt 2002).

A comparison of ionizing fluxes from different codes is straightforward, how-
ever, interpreting the differences is – unfortunately – not. Modest discrepancies
are expected to originate from small differences in the adopted abundances and
photosphere & wind parameters of the models one is comparing. For instance, a
difference in effective temperature of 1000 K yields a flux difference in the Wien
part of the spectrum of 10–15%. This may seem a needless “mistake” and one
that is easily fixed. However, these complex models are difficult to compute and
it turns out to be less straightforward than one may think to tune all parameters.
Having said this, the main sources of differences between codes likely is in the
way in which essential physical processes are treated. Notably i) the treatment of
the equation of motion, ii) the exact treatment of the non-LTE rate equations, iii)
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the number of lines included (affecting the amount of line blocking), and iv) the
way line blanketing effects are taken into account.

In the CMFGEN models we present here, we have described the photospheric
density structure in a relatively simplistic way (see above). The COSTAR models,
using an atmospheric structure calculated with the ISA-WIND code, have a more
sophisticated density stratification. Here a grey LTE temperature structure and
an Euler equation taking into account continuum radiation pressure are iterated
until convergence, accounting for the feedback of metal line blanketing on the
Rosseland optical depth (see below). The wind is described in a similar way as
for the CMFGEN models. The WM-BASIC models have the most self-consistent
description of the density structure, as a final iteration is done, based on the
non-LTE temperature structure, in which both the continuum and line force is
included in the equation of motion. This yields the density structure throughout
the photosphere and wind, i.e. no ad hoc wind velocity law is required.

The CMFGEN and WM-BASIC models compute the non-LTE state of the gas
in a self-consistent way, using a super-level formalism. In total these codes treat
∼9 000 and ∼30 000 transitions, respectively. In this respect, the COSTAR models
are relatively simple as the statistical equilibrium equations are solved explicitly
for H, He, CNO and Si only, yielding ∼1 000 transitions, while the iron group el-
ements, adding ∼100 000 lines, are treated in a modified nebular approximation.
Moreover, the Sobolev approximation is applied to describe line transfer. Note
that CMFGEN treats ∼ 17 000 individual lines in the emergent spectrum, while
WM-BASIC accounts for more than 4 000 000 lines in the line-force and blocking
calculations.

Line blanketing – i.e. redistribution of flux due to line opacity and the feed-
back of this opacity on the temperature structure as a result of the backwarming
effect – is self-consistently treated in CMFGEN and WM-BASIC, but is only ac-
counted for in an approximate way in the COSTAR code. To describe this in some
detail: in COSTAR, a Monte-Carlo formalism describes the line transfer problem
of the metals. On the one hand, this allows to describe the feedback of blocking
on the atmospheric structure using wavelength averaged blocking factors. On
the other hand, this neglects photon conversion. This “branching of photons” is
relevant for redistributing flux, as it tends to “soften” the (EUV) radiation field.

The predicted EUV fluxes (especially in the He I continuum) are sensitive to
line blanketing. In this respect, the CMFGEN and WM-BASIC models include a
more consistent treatment and may in principle be expected to yield more reliable
results. For the ionizing flux, the prescription of the wind structure is relatively
unimportant for main sequence stars, as these have modest winds. The treatment
of blanketing and the specification of the photospheric density structure affect
the strengths of lines, and therefore may have an effect on He I and He II. As these
lines are used to define spectral type, this may cause a modest uncertainty (up
to one sub-type) in the spectral types assigned to the models. In this respect the
WM-BASIC models are expected to behave best.
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2.3 THE SPECTRAL ENERGY DISTRIBUTION

2.3.1 COMPARISON OF PREDICTED EUV FLUXES

Figure 2.1 shows a comparison between the spectral energy distribution of com-
parable models computed with the three codes discussed above. The top left
panel shows the emergent ionizing spectrum for our CMFGEN model with Teff =

48.67 kK (model #2). In the middle left panel, this CMFGEN model is shown to-
gether with WM-BASIC model D-50 (Teff = 50 kK, Pauldrach et al. 2001) and
COSTAR model C2 (Teff = 48.529 kK, Schaerer & de Koter 1997). The bottom
left panel shows partially integrated q values of these three models. The spec-
tra shown in the middle left panel are binned in wavelength to better bring out
the overall flux behaviour, which is why they appear smooth. However, a forest
of metal lines does contribute to all of them. The Lyman jump is modest due
to the high degree of ionization. From 912 Å down to the He I jump at 504 Å
(which is essentially absent), the most prominent features are strong resonance
lines of N IV λ765, O IV λ789, λ609, λ554 and O V λ629. In this interval, the WM-
BASIC model shows an on average about 15% higher flux level compared to our
CMFGEN calculation. This can be explained by the temperature difference of the
models. Taking Teff effects into account, the COSTAR model produces a somewhat
softer spectrum.

In the He I continuum the spectrum is dominated by a dense forest of mostly
Fe IV-VI lines. Here the CMFGEN and WM-BASIC model show a roughly similar
behaviour, both in terms of continuum flux and amount of line blocking. The
COSTAR model now shows a harder spectrum. The explanation for the COSTAR
predictions likely involves the treatment of the blocking factors, which result
from a Monte-Carlo simulation in which the effects of photon conversion (or
“branching”) are neglected. This forces all radiative excitation/deexcitation pro-
cesses to be scatterings, which prevents flux to be distributed towards longer
wavelengths and therefore keeps the radiation field “hard”. This would also ex-
plain the relatively soft flux in the COSTAR spectrum at λ & 500 Å. Other effects
that may play a (more modest) rôle are the temperature gradient in the He I con-
tinuum. A steeper gradient causes a higher flux at relatively short wavelengths
(where the continuum is formed at relatively high Rosseland optical depth),
while at relatively long wavelengths the flux will be lower. Also the neglect of
line-broadening in COSTAR models may have an effect (see Schaerer & de Koter
1997). Note that the exact location of the line forest differs between the CMFGEN
and WM-BASIC models. (To see this properly one first has to correct the contin-
uum levels for differences in Teff). This is most likely connected to differences
in the predicted ionization of iron. The relevant iron ions each show a preferred
region in which their line forest is concentrated. It holds very roughly that this
is at 510 − 440 Å for Fe IV; 460 − 320 Å for Fe V; 340 − 260 Å for Fe VI, and at
270 − 160 for Fe VII. This suggests that the dominant photospheric ionization of
the WM-BASIC model is Fe VI, while Fe V is most important in CMFGEN (see the
pronounced difference at ∼400 Å).
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Figure 2.1: (Top panel) Emergent SED for models #2 (Teff = 48.67 kK) and #7 (Teff = 35.90 kK).
The continuum is plotted by a dashed line. (Middle panel) Comparison of the emergent
SED for models #2 (left panel) and #7 (right panel) with COSTAR and WM-BASIC dwarf
models at similar Teff. (Bottom panel) The number of photons in cm−2 s−1 below wavelength
λ0 calculated from the models considered in the middle panel is plotted as a function of
this wavelength λ0.
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Though not visible in the figure, the He II continuum fluxes of the CMFGEN
and WM-BASIC models agree reasonably well (which may be slightly surpris-
ing in view of the difference in Teff). Again the COSTAR model produces a harder
spectrum. The same reasons as discussed above may apply. However, it may also
be connected to the use of the Sobolev approximation and/or the velocity struc-
ture in the wind. The latter may cause a depopulation of the He II ground state as
a result of the velocity gradient in the wind, in combination with the temperature
in the continuum forming layers at the wavelength of the He II resonance lines
(Gabler et al. 1989).

The right panels show a comparison between our CMFGEN model for Teff =
35.9 kK (model #7), WM-BASIC model D-35 having Teff = 35.0 kK, and COSTAR
model B2 for which the temperature is 36.3 kK. Taking into account the differ-
ences in effective temperature, the EUV flux distributions compare well though
again the Lyman flux at λ & 700 Å of the COSTAR model is somewhat softer.
Below ∼700 Å – i.e. again in the regime of severe flux blocking – the opposite
behaviour is seen: the COSTAR spectrum is harder. The likely reasons for this
behaviour have been discussed above. A detailed inspection of the energy distri-
butions shows that the WM-BASIC models produce a clear drop-off in flux at the
N III and C III ionization edges near 260 Å. The presence of this sizable bound-free
jump is somewhat surprising in view of the high Teff of the model, and is not seen
in CMFGEN and COSTAR models.

The fluxes in the He II continua of the three models differ by orders of magni-
tude. Possible reasons for these discrepancies have been discussed above.

We conclude that down to ∼500 Å the EUV flux distributions compare rea-
sonably well, though the flux levels do differ. However, at shorter wavelengths
large (order of magnitude) discrepancies may occur. For the COSTAR predictions,
in comparison to the other two codes, the major part of these differences can be
traced back to the treatment of blanketing. The models also show large differ-
ences for the He II continuum fluxes. This is a relevant problem with respect to
the internal consistency of different code predictions. However, in O-type stars
the dominant flux component at λ < 228 Å tends to be that of non-thermal soft X-
ray emission arising from shocks in the stellar wind (e.g. MacFarlane et al. 1994;
Feldmeier et al. 1998). As no self-consistent description of this process is presently
available, this seems a more acute problem.

2.3.2 COMPARISON OF IONIZING FLUXES

Figure 2.2 shows the total number of Lyman continuum photons emitted per sec-
ond, Q0, and the total number per second per cm2, q0 = Q0/4πR2

∗, for both our
O star main sequence models and the comparison models discussed above. Also
given is the ratio between Lyman and He I continuum photons, Q0/Q1 (bottom
panel). We added predictions from Kurucz models, presented by Vacca et al.
(1996); however, we will not include these in the discussion of the results.

To eliminate differences in the adopted stellar radii, we first focus on the pre-
dictions for q0. The results are plotted versus Teff, allowing us to assess the dif-
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Figure 2.2: Variation of the Lyman continuum ionizing photons Q0 (top panel), q0 (middle
panel), and the hardness ratio Q1/Q0 (bottom panel) with effective temperature. The results
from our CMFGEN models (solid line) are compared to those from the WM-BASIC models
(dotted line), COSTAR models (dashed line) and Vacca et al. (1996) (dash dotted). We use
WM-BASIC models D-30, D-35, D-40, D-45, D-50 and D-55 (Pauldrach et al. 2001), and
COSTAR models A2, B2, C2, D2, E2 and F2 (Schaerer & de Koter 1997).

ferences in q0 as a result of small differences in adopted temperatures. All pre-
dictions are very similar, only showing discrepancies up to 0.1 dex. Why is this
so?

The principal answer is that though line blanketing effects are strong at wave-
lengths shorter than ∼ 500 (700) Å in the case of model #2 (#7), the flux is mainly
redistributed within the Lyman continuum. Only limited energy “leaks” out at
λ > 912 Å. This may be illustrated using a simple estimate. The line forest re-
moves ∼ 40% of the flux in both model examples. These photons are back-
scattered and re-thermalized. Assuming the thermal emission may be charac-
terized by the emerging continuum flux distribution, one expects 60% (20%) of
this energy to be emitted still within the Lyman continuum. Therefore, only 16%
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Figure 2.3: (Top panels) Comparison of the EUV spectrum of solar abundance model #5
(dotted line) with equivalent models with Z = 1/10 Z¯ (left panel) and Z = 2 Z¯ (right
panel), plotted in grey. (Bottom panels) Binned version of the spectra plotted in the top
panel.

(32%) leaks out into the Balmer continuum and beyond. In terms of number
of ionizing photons, the “damage” is even less as redistribution of energy to-
wards longer wavelengths within the Lyman continuum requires an increase in
the number of photons. This explains why the number of ionizing photons only
differ up to ∼ 0.05 and 0.1 dex for models #2 and #7 respectively. The neglect of
branching in COSTAR models is separate from the above discussion (it concerns
forward-scattered photons). However, note that the iron forest is dominated by
transitions from meta-stable levels. The level structure of the relevant iron ions
is such that branching typically produces two photons, one at λ < 912 Å and one
at λ > 912 Å. Therefore, also this effect preserves Lyman continuum photons,
though it does affect the hardness ratio Q1/Q0. The former is illustrated in the
bottom panels of Fig. 2.1, where we show partially integrated q values.
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Table 2.5: Predicted number of ionizing photons Q0 and Q1 for # 2 and #5 as a function of
metal abundance.

Model #2 Model #5

Z/Z¯ logQ0 logQ1 logQ0 logQ1

2 49.70 49.16 49.09 48.40
1 49.69 49.18 49.08 48.44

1/2 49.69 49.19 49.07 48.46
1/5 49.68 49.20 49.07 48.47
1/10 49.67 49.21 49.06 48.48

The hardness ratio Q0/Q1, also independent of stellar radius, yields agree-
ment within ∼0.2 dex. The COSTAR models having Teff > 40 kK show a harder
spectrum than do the CMFGEN and WM-BASIC models – as discussed above.
This is in agreement with the flux differences in the Lyman and He I continua
discussed for model #2.

The apparent reasonable agreement between number of ionizing photons is
somewhat misleading. Nebular lines from ions such as Ne III or S IV require ra-
diation from below 500 Å. In this spectral regime, as we have seen above, the
ionizing fluxes may differ strongly implying large differences in emission line
strength.

2.3.3 EUV FLUXES AND Q0 AND Q1 VALUES AS A FUNCTION OF METAL CON-
TENT

In Table 2.5 we show the predicted number of ionizing photons Q0 and Q1 for
models #2 and #5 as a function of metal abundance. The results show that a de-
crease in Z of a factor of twenty only alters the number of Lyman continuum
photons by 0.03 dex. Over the same metallicity range the number of He I contin-
uum photons increases by up to 0.08 dex.

The modest dependence on metal content is again the result of the way line
blanketing redistributes the flux (see above). In the top left panel of Fig. 2.3 we
show a comparison of the EUV spectrum of solar abundance model #5 with that
of a model with identical basic parameters, only with Z = 1/10Z¯; in the top
right panel the solar and twice solar model are compared. Relative to the 1/10
Z¯ model, the solar metallicity prediction clearly shows an increased flux level
in the region from the Lyman jump down to ∼600 Å, which is compensated by
a decreased flux below 600 Å. This is best seen in the bottom left panel, where
we show binned versions of the spectra. The tendency to redistribute flux within
the Lyman continuum is also illustrated in Fig. 2.4, where we show partially in-
tegrated q values.

The conservation of ionizing photons works less well for Q1, as expected.
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Figure 2.4: The effect of the metal content on the number of photons in cm−2 s−1 below a
certain wavelength λ0 is plotted as a function of this wavelength λ0. The effect is shown
for models #2 and #5.

Here a decrease in metallicity of a factor twenty results in up to 20% more ion-
izing photons. This implies that those nebular species that depend on a specific
EUV flux range below ∼500 Å may show a strong dependence on metallicity. We
will discuss this in Sect. 2.5.

The results for the number of hydrogen ionizing photons are similar to those
obtained by Smith et al. (2002) using unified WM-BASIC models, by Lanz &
Hubeny (2003) using plane parallel TLUSTY models and by Kudritzki (2002),
who used WM-BASIC models of very massive O stars at Z = 10−4 Z¯ to Z = Z¯.
The results of the two former studies show that the conservation of Q0 for dwarf
stars breaks down at lower effective temperatures (at 32.0 to 37.5 kK depending
on model assumptions). Compared to our models the number of He I continuum
photons in the models of Smith et al. do not show a similar behaviour. The mod-
els of Kudritzki and Lanz & Hubeny do show a conservation of the number of
photons, where the latter models again show that this conservation breaks down
for lower effective temperatures (.45 kK).

2.4 SPECTRAL CLASSIFICATION

2.4.1 OPTICAL CLASSIFICATION

The optical spectral classification of O stars relies on a quantitative criterion based
on the ratio of the equivalent widths of He I λ4471 and He II λ4542 (Conti &
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Alschuler 1971; Conti & Frost 1977; Mathys 1988). In O9 stars, the He I λ4471
line is stronger; the ratio changes gradually so that the He II λ4542 line begins
to dominate at type O6 and earlier. According to this criterion, the value of
log[Wλ4471/Wλ4542] unambiguously determines the spectral type of the star.

This observational criterion can be used to assign spectral types to our models.
Fig. 2.5 compares the equivalent widths of the He I and He II classification lines
observed in dwarf stars with the predictions from our models. The slopes of
the dotted lines correspond to the ratios of the equivalent widths delimiting the
O star subclasses according to the calibration of Mathys (1988). We investigate
the assigned spectral classification for the effects of varying respectively log g,
metallicity and microturbulent velocity. Before discussing these dependencies in
detail, we will first elaborate on how well our initial model grid for dwarf stars
fits these observations.

The observational data for the dwarf stars are taken from Conti & Alschuler
(1971), Conti (1973), Conti & Frost (1977), and Mathys (1988, 1989). The luminos-
ity class was verified using the spectral classification of Walborn (1971, 1972, 1976,
1973, 1982). Stars that were not classified as dwarfs by Walborn were discarded.
Spectroscopic binaries were identified using the catalogue of Pedoussaut et al.
(1996) and stars with variable radial velocity using Mathys (1988, 1989). These
were also removed. Finally, variable stars were deselected using the catalogue
of Kholopov et al. (1998). In the top left panel of Fig. 2.5 we show the selected
observed data (using open diamond symbols), including the error bars. The ob-
servations cover a strip in the He I λ4471 versus He II λ4542 equivalent width
diagram that is broader than can be accounted for by uncertainties in individual
measurements. The width of this strip therefore also reflects differences in stellar
properties such as gravity, mass loss, metallicity and/or photospheric properties
such as microturbulent velocity.

MASS LOSS

Also plotted in the top left panel are the models listed in Table 2.1. The predic-
tions reproduce the observed range of He I λ4471 equivalent width values well.
The equivalent width of He II λ4542 seems to be overestimated by approximately
10 to 20% for early- and mid-O spectral types. A possible explanation for this
over prediction may be an adopted mass loss that is systematically too low. A
higher mass loss would reduce the equivalent width, as wind emission fills in
more of the photospheric absorption profile (Lanz et al. 1996). This effect is espe-
cially important for the earliest spectral types, as these have the strongest winds.
The top right panel of Fig. 2.5 shows the effect of an increase in Ṁ. Here a grid
with doubled mass loss rate, indicated by squares, is compared to the standard
grid (circles). A change of this magnitude is characteristic of the typical error in
the comparison of mass-loss determinations (Puls et al. 1996) and mass-loss pre-
dictions (Vink et al. 2000). The line strength of He II λ4542 is decreased by up to 10
to 20% in the early type models, as a result of wind emission. A modest decrease
in the He I λ4471 strength is also observed.
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Figure 2.5: Top left panel compares the equivalent width of He I λ4471 and He II λ4542
measured in the model grid with observed values in main sequence (dwarf) stars (open
diamonds). Bottom left panel shows the effects of an increase (triangles) and a decrease
(squares) of 0.3 dex in log g. In the top right panel a grid with doubled mass-loss (squares)
is compared to the model grid (circles). Also shown are the equivalent widths of models
#2 and #5 with Z = 2,1/2,1/5 and 1/10 Z¯ (triangles). The decrease in metallicity results
in an increase of the equivalent width of He I 4471 Å. The bottom right panel compares a
grid with vturb = 5 km s−1 (circles) to a grid with vturb = 20 km s−1 (triangles). The dotted
lines indicate the parameter space delimited by every subclass according to the empirical
classification by Mathys (1988).
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GRAVITY

The width of the observed strip of equivalent width ratios is partly explained by
gravity effects. Kudritzki et al. (1983) already showed that the ratio Wλ4471/Wλ4542
depends on luminosity class. Here we show that gravity variations within a
luminosity class also significantly effect this ratio. The main sequence gravities
adopted by Vacca et al. (1996) should be seen as mean values for the ensemble of
stars of given spectral type used for their calibration. We have calculated a grid of
models in which we increased and decreased the stellar gravity by 0.3 dex. This
roughly corresponds to the typical difference between dwarf and giant stars. The
bottom left panel of Fig. 2.5 shows the predicted strip of equivalent width ratios
spanned by this gravity range. Note that e.g. a decrease (increase) of log g by 0.3
dex implies about one spectral sub-type earlier (later). A decrease of log g implies
a decrease in electron density, which causes a decrease in the recombination rate,
effectively increasing the helium ionization. The opposite is true in case of an
increased gravity.

The new temperature scale of O stars (Martins et al. 2002; see also de Koter
et al. 1998) implies a decrease in Teff of about 10 percent compared to the cali-
bration of Vacca et al. (1996) that is used for our grid. The lower luminosity and
mass implied by this new Teff results, however, in only a modest shift of ∼0.06 dex
in gravity. Therefore, this temperature recalibration can only account for a very
minor part of the over prediction of He II λ4542.

In part the over prediction of He II λ4542 may also be the result of a to high
stellar mass. Indeed, a systematic difference has been noted in masses that are
based on spectroscopic analysis of Balmer line profiles an those that result from a
comparison of basic parameters (L? and Teff) with evolutionary tracks (e.g. Her-
rero et al. 1992). Recent new results (Herrero et al. 2002) appear to show that
most of this discrepancy can be explained by improved spectroscopic modeling
and the lower Teff values for O-stars. Still, adopting the spectroscopic masses as
presented by Vacca et al. (1996) (which are 30 to 70% less for the earliest spectral
types) yields a decrease in He II λ4542 equivalent width of about 10 to 15% for the
earliest spectral types. This should be seen as an upper limit of a possible mass
effect.

METALLICITY

Metallicity effects may also explain part of the scatter in equivalent widths, but
are not expected to be responsible for the systematic shift in the He II λ4542 line
strength. Variations in the stellar metallicity are undoubtedly present in Galactic
O stars. Emission-line studies of H II regions, planetary nebulae and supernova
remnants consistently show that the average abundance of oxygen decreases with
Galactocentric distance by ∼0.06 dex per kpc, with values of ∼ 2.5 Z¯ in the
Galactic Center, and down to ∼1/4 Z¯ at Galactocentric distances larger than
15 kpc (see e.g. Henry & Worthey 1999). Low abundance systems such as the
Small Magellanic Cloud have metallicities of the order of ∼1/8 Z¯. The top right
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panel in Fig. 2.5 shows the variation of the equivalent widths of He I λ4471 and
He II λ4542 as a result of changing the atmospheric metallicity – and its indirect
effect on line blanketing and stellar wind mass loss – from 1/10 to 2 Z¯. The
models with modified metal content are indicated by solid triangles.

Two effects related to metal content may influence the line strength of the
He I λ4471 and He II λ4542. First, an increased metallicity implies an increased
line blanketing and therefore stronger diffuse field. This will increase the ion-
ization of helium. The top right panel of Fig. 2.5 indeed shows this behaviour
for model #5, i.e. a decrease in the He I and an increase in the He II line strength.
Second, an increased metallicity implies a stronger stellar wind, therefore an in-
creased filling in of line profiles by wind emission (see also e.g. Herrero 2003).
This effect is more important for earlier type stars, which have a larger mass loss.
This second effect dominates in model #2, resulting in a decreased He II λ4542
line strength with increased metallicity and vice versa.

We conclude that metallicity effects may change the spectral type by up to one
subtype. This is in agreement with findings of Puls et al. (2003), which showed
that the inclusion of line blanketing at SMC metallicities resulted in a much more
modest change in Teff relative to that found for Galactic stars.

MICROTURBULENCE

The effect of microturbulence is expected to explain part of the scatter in the ob-
served He I λ4471 and He II λ4542 equivalent width ratios and is shown in the
bottom right panel of Fig 2.5. The standard grid assumes a constant microturbu-
lent velocity of 5 km s−1. We calculated a new grid adopting vturb = 20 km s−1,
producing stronger lines. A comparison shows that the He II line is almost insen-
sitive to the introduced variation in microturbulent velocity. The saturated He I
line however shows a significant change in strength for models of spectral type
O5 and later. The relative changes are 4% for the model with the weakest He I
line and 12% to 20% for the models with the strongest He I lines. An increased
microturbulence may shift the assigned spectral type by up to half a sub-type to-
wards later spectral type. The impact of microturbulence in the line formation
calculations of H and He I in OB stars, and consequently, in the derived stellar
atmospheric parameters, has been investigated by several authors (e.g. Smith &
Howarth 1998; McErlean et al. 1998; Villamariz & Herrero 2000).

Summing up the above discussion, we conclude that all-in-all the predicted
equivalent width of He I λ4471 and He II λ4542 reproduce the observed behaviour
reasonably well, though the He II line strength is somewhat over predicted for
early- and mid-O types. We also show that the spectral type of dwarf stars is
not only a function of effective temperature of the star, but also depends, albeit
to a lower degree, on microturbulent velocity, metal content and on gravity, i.e.
gravity variations within the dwarf class. Variations in these parameters explain
the observed strip of equivalent width of He I λ4471 and He II λ4542 for given
spectral type.

Finally, when comparing the spectral types of our models to the original spec-
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Figure 2.6: Effective temperature shift with spectral type between the Vacca et al. (1996)
calibration and the temperature scale derived from the models with Z = Z¯ and vturb =

5 km s−1.

tral types assigned by Vacca et al. (1996), we see that there is a systematic shift to
earlier spectral types for given temperature. In other words, the Teff scale derived
with our models shows a systematic shift to lower temperatures. Fig. 2.6 shows
the difference for Z = Z¯ and vturb = 5 km s−1. The decrease from the Vacca et al.
scale to our new scale varies between ∼2500 K and ∼3800 K and is largest for
stars in the spectral range of O5 to O9. This decrease of Teff due to line blanket-
ing effects has recently been found in several studies (e.g. de Koter et al. 1998;
Crowther et al. 2001; Martins et al. 2002).

2.4.2 K-BAND CLASSIFICATION

K-band (2 µm) spectroscopy has been used in the past few years to identify and
classify the characteristics of newly-formed O stars that are found in heavily ob-
scured H II regions (e.g. Watson et al. 1997, Watson & Hanson 1997, Kaper et al.
2002, Bik et al. 2003, Martı́n-Hernández et al. 2003). The typical dust extinction of
more than 10 mag at visual wavelengths towards these H II regions has restrained
optical photometry and spectroscopy of such stars. At near infrared wavelengths
the extinction is much less, and direct observations of their photospheres are pos-
sible. At longer wavelengths observations fail to detect their photosphere directly
because the spectral energy distribution is dominated by emission from the sur-
rounding dust. Hence, it becomes essential to understand the behaviour of the
photospheric features in the near-IR regime, the only observational window of
such young O stars. In this section we compare the K-band spectral behaviour of
our models with observations.

36



METALLICITY AND THE SED OF O STARS

Figure 2.7: The synthetic K-band spectrum from model #4 with Z = Z¯ and vturb =

10 km s−1, which corresponds to an O5 main sequence star (dashed line) is compared to the
spectrum of the O5V((f)) star HD 93204 (solid line). The synthetic spectrum is degraded to
the resolution of the observed spectrum (λ/∆λ ∼ 1500). The lines observed in the K-band
are indicated. Note that while the C IV doublet transition is clearly observed in emission,
our model predicts it to be in absorption. The N III emission at 2.116 µm is not included in
the models.

Hanson et al. (1996) present an atlas of K-band spectra of a large number of
relatively nearby, well-studied, optically visible massive stars with the intention
of investigating the variation of 2 µm spectral features with spectral type and lu-
minosity in known OB stars. They find that in early-O dwarf stars (O3, O4, some
O5), He II λ2.189 (wavelengths of the near-IR lines are in micrometers) absorp-
tion and N III (observed at 2.116 µm) emission are the dominant spectral indica-
tors. Mid-O stars (O5, O6, some O7) show C IV λ2.078 emission and can begin to
show He I λ2.113 absorption. Late-O (O8, O9) and early-B stars lack He II, N III
and C IV, showing instead He I and fairly strong (in comparison to hotter O stars)
H I λ2.1661 and Brackett γ.

Our grid of models can be used as a first test against the features found in the
K-band spectrum of O-type dwarf stars. Many complications are to be expected
in the modeling of these lines since they are formed in the transition region from
the stellar photosphere to the super-sonic stellar wind (see e.g. Kudritzki & Puls
2000). A full parameter study is highly desirable to understand their diagnostic
value. In this paper, we only discuss the temperature and microturbulent velocity
effects and refer to Lenorzer et al. (in prep.) for a detailed parameter study.

Figure 2.7 shows, as an example, the comparison between the synthetic K-
band spectrum from model #4 with Z = Z¯ and vturb = 10 km s−1 (which corre-
sponds to an O5 main sequence star) and the spectrum of HD 93204, an O5V((f))
star observed by Hanson et al. (1996). The synthetic spectrum was degraded to
the resolution of the observed spectrum (λ/∆λ ∼ 1500). The He I lines at 2.058
and 2.113 µm, Brγ, and the He II line at 2.189 µm are clearly visible in the syn-
thetic spectrum. Qualitatively, the behaviour of these lines closely resembles that
shown in the 2 µm atlas. He I λ2.058 is almost undetectable in our three hottest
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models but starts to show a strong absorption in the intermediate temperature
models to finally weaken in model #8. Hanson et al. (1996) observed that this
line may turn into emission for B stars. Brγ and He I λ2.113 strengthen towards
later-type stars, while He II λ2.189 becomes progressively weaker.

The models show a discrepant behaviour in the case of the metal lines. The
N III emission at 2.116 µm, with transition 8–7, is simply not included in the mod-
els. The C IV doublet transition (3pP0−3d2D), observed in emission O4 to O8.5
stars (Hanson et al. 1996), is accounted for in our models. It is, however, pre-
dicted in absorption in all models that have Teff & 41 kK, i.e. spectral type O5
or earlier. The disappearance of these lines in late O-type stars is well predicted
and is the result of the recombination of C IV to C III. The origin of the observed
emission lines is more difficult to understand. Recent high spectral resolution
(R ∼ 8000) observations of O-type stars (Bik et al. in prep.) resolve these C IV
lines in a few stars, yielding a FWHM of about 40 km s−1. Moreover, the strength
of the lines (e.g. Brγ) as observed by Hanson et al. is not found to be much
stronger in supergiants than in dwarf stars. These arguments strongly suggest
that the near-infrared C IV lines have a predominantly photospheric origin, there-
fore their emission cannot be attributed to an enhanced C IV abundance and/or
wind effects. If the emission was due to a temperature inversion in the line form-
ing region, this would similarly affect He I λ2.058. Indeed, both lines have regions
of formation that largely overlap such that a temperature inversion would also be
visible in the He I line. Our models, however, reproduce the He I line reasonably
well. The transition of C IV observed in the near-infrared spectrum of O-stars in-
volves low atomic levels that are populated via transitions located in the UV and
far-UV. It is therefore likely that we do not reproduce the behaviour of these lines
due to a mistreatment of this complex spectral region. This issue is still being
investigated but is encouraged by recent calculations including C III which show
the C IV doublet transition in emission. We therefore suspect that line pumping is
the cause of these emission lines (Lenorzer et al. in prep.).

We carried out a quantitative comparison with observed equivalent widths
using the He I λ2.058 , Brγ and He II λ2.189. Fig. 2.8 compares the predicted equiv-
alent widths of these three lines adopting vturb = 5, 10 and 20 km s−1, with those
measured by Hanson et al. (1996). Spectral types of the models are those derived
from the optical lines (see Fig. 2.5). The microturbulent velocity has no signifi-
cant effect on the lines. The models fit reasonably well the observed equivalent
widths, although they overestimate the strength of He II λ2.189 for spectral types
O3 and O4.

We can investigate whether the equivalent widths of the 2.058 µm He I, Brγ
and 2.189 µm He II lines are affected by variations in the metal content. For
model #2 with vturb = 10 km s−1 (which corresponds to an O3 star), a change
in metallicity from 2 to 1/10 Z¯ produces a decrease in the equivalent width of
the He II line from 3.3 to 1.8 Å. Brγ shows only variations at the 30% level and the
He I line is practically absent at all metallicities (equivalent width < 0.1 Å). In the
case of model #5 with vturb = 10 km s−1 (an O6 star), the equivalent width of the
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Figure 2.8: Comparison between observed equivalent widths of Brγ, He I λ2.058 and
He II λ2.189 in main sequence stars (open squares, Hanson et al. 1996) and those mea-
sured from our models with vturb = 5 (solid line), 10 (dotted line) and 20 km s−1(dashed
line).

He I line remains practically unchanged; the Brγ and He II line show variations of
the order of 20–30%.

Summing up, variations in microturbulent velocity have no significant impact
on the equivalent width of the Brγ, He I and He II lines, while variations in metal
content have an appreciable influence on the equivalent width of the He II line in
the case of very hot stars.

2.5 THE IONIZING STRUCTURE OF SINGLE STAR H II REGIONS

Observations of H II regions combined with detailed photoionization models can
be used to test the EUV spectrum of O stars. In this respect, the Infrared Space Ob-
servatory (ISO, Kessler et al. 1996) provided an unique opportunity by measuring
the infrared (2.3–196 µm) spectra of a large sample of H II regions (Giveon et al.
2002; Peeters et al. 2002; Vermeij et al. 2002), giving access to four elements (N,
Ne, S and Ar) in two different ionization stages. Ratios of fine-structure lines such
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as [N III]/[N II] 57/122 µm, [Ne III]/[Ne II] 15.5/12.8 µm, [S IV]/[S III] 10.5/18.7 µm
and [Ar III]/[Ar II] 9.0/7.0 µm probe the ionizing stellar spectrum between 27.6 eV
(450 Å) and 41 eV (303 Å) and can be used as indicators of the realism of stellar
models at these energies.

Basically, the ratio of two successive stages of ionization X+i and X+i+1 of
a given element X indicates the state of ionization of the nebula, which de-
pends principally on the shape of the SED, more specifically on the number
of photons able to ionize X+i compared to that of Lyman continuum photons
(Vı́lchez & Pagel 1988), and on the ionization parameter U. In the case of an
ionized sphere of constant gas density, n, and filling factor, ε, U is defined by
U = Q0/(4πR2

s nc) ∝ (Q0nε2)1/3 (see e.g. Stasińska & Schaerer 1997), where Rs is
the radius of the Strömgren sphere and c is the speed of light. Any combination
of Q0, n and ε that keeps the product Q0nε2 constant results in a similar ionization
structure.

In order to investigate the dependence of the fine-structure line ratios on
the SED, nebular models have been computed with the photoionization code
CLOUDY version 96.00-beta 41 using MICE, the IDL interface for CLOUDY cre-
ated by H. Spoon2. We computed nebular models for static, spherically symmet-
ric and homogeneous gas distributions with one ionizing star in the center. An
inner cavity with a radius equal to 1017 cm is set, while the outer radius of the H II
region is defined by the position where the electron temperature reaches 1 kK.
The grid of stellar models based on the CMFGEN code and described in Sect. 2.2
is taken to describe the incident SED. We take models with vturb = 10 km s−1. The
stellar spectra were rebinned to 2 000 points, which is the limit of points for the
input SED accepted by CLOUDY. The nebular metallicity was set equal to that
of the stellar model used to calculate the SED. Finally, with the aim to explore
the dependence of the fine-structure line ratios on the SED alone, we decided to
fix the ionization parameter U, so that the variations of the line ratios are only
due to variations of the SED appearance. Hence, we fix Q0 to the typical value of
1048 photons s−1, the density to n = 103 cm−3, and the filling factor to ε = 1. We
stress here that unless U is constrained, these line ratios cannot be used to derive
an absolute value for Teff (Stasińska & Schaerer 1997).

We computed several sets of nebular models. First, a set at solar metallicity
where the dependence on effective temperature is analyzed, and second, a set
where the effective temperature is fixed and the metal content is modified. This
last grid allows us to investigate the dependence of the fine-structure line ratios
on metallicity.

Figure 2.9 presents the correlations observed between the fine-structure line
ratios of [Ar III]/[Ar II] 9.0/7.0 µm, [S IV]/[S III] 10.5/18.7 µm and [Ne III]/[Ne II]
15.5/12.8 µm for the sample of Galactic (Giveon et al. 2002; Martı́n-Hernández
et al. 2002a) and Magellanic Cloud H II regions (Vermeij et al. 2002) observed
by ISO. The ionization potentials of Ar II, S III and Ne II are, respectively, 27.6

1see http://thunder.pa.uky.edu/cloudy/
2see http://www.astro.rug.nl/∼spoon/mice.html
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Figure 2.9: Comparison of the infrared fine-structure line ratios [Ar III]/[Ar II] 9.0/7.0,
[S IV]/[S III] 10.5/18.7 and [Ne III]/[Ne II] 15.5/12.8 µm observed in Galactic (open
squares) and Magellanic Cloud (open triangles) H II regions with predictions from pho-
toionization models at solar metallicity based on three different SEDS: CMFGEN (solid cir-
cles), WM-BASIC (solid diamonds) and COSTAR (solid triangles). A unique ionization
parameter, U, is adopted for all the models. We stress that unless U is constrained, these
line ratios cannot be used to derive an absolute value for Teff.

eV (450 Å), 34.8 eV (357 Å) and 41.0 eV (303 Å). We do not include the ratio
[N III]/[N II] 57/122 µm in this figure; the ionization potential of N II (29.6 eV)
is close to that of Ar II, and hence, this ratio roughly probes the same range of
energies as [Ar III]/[Ar II]. The data span a range in ionization of more than two
orders of magnitude. Interestingly, the Magellanic Cloud H II regions nicely over-
lap with the trend observed for the Galactic objects at the high ionization end (see
Martı́n-Hernández et al. 2002b).
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Figure 2.10: Predicted [Ar III]/[Ar II] 9.0/7.0 µm and [Ne III]/[Ne II] 15.5/12.8 µm fine-
structure line ratios as a function of Teff for the three sets of models at solar metallicity
considered in the text. A unique ionization parameter, U, is adopted for all the models.
We stress that unless U is constrained, these line ratios cannot be used to derive an absolute
value for Teff.

The diagrams in Fig. 2.9 probe the shape or hardness of the stellar spectrum
between 303 and 357 Å (panel a), 303 and 450 Å (panel b), and 357 and 450 Å
(panel c). In this diagram the results for the set of nebular models at solar metal-
licity are confronted to the observations. As a comparison, we also show the
results of grids of models computed using the WM-BASIC and COSTAR stellar
models. We use WM-BASIC models D-30, D-35, D-40, D-45, D-50 and D-55 (Paul-
drach et al. 2001), and COSTAR models A2, B2, C2, D2, E2 and F2 (Schaerer & de
Koter 1997). For all model sets, the predicted nebular excitation increases with in-
creasing effective temperature of the ionizing star. However, differences among
the models, and between the models and the observations, are clearly present.
The largest differences are seen in panels (b) and (c), for which the range of en-
ergies tested is larger. Several conclusions can be gleaned from the inspection of
Fig. 2.9. (1) For the same nebular conditions, i.e. same ionization parameter U,
the nebular models based on the COSTAR SEDs with Teff > 36 kK largely over
predict [Ne III]/[Ne II] for a given [S IV]/[S III] or [Ar III]/[Ar II] when compared
to the observations and the other SEDs. This can be understood in terms of an
excess of photons below 303 Å. This effect is evident in Fig. 2.1, which clearly
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Figure 2.11: Variation of the nebular fine-structure line strength ratios
[Ar III]/[Ar II] 9.0/7.0 and [Ne III]/[Ne II] 15.5/12.8 µm as a consequence of modify-
ing the stellar and nebular metallicity from 2 to 1/10 Z¯. The adopted SEDs are models
#2 (solid triangles) and #5 (solid diamonds). The dotted line connects the models at solar
metallicity (star symbols, cf. Fig. 2.9). A unique ionization parameter, U, is adopted for
all the models. We stress that unless U is constrained, these line ratios cannot be used to
derive an absolute value for Teff.

shows that the COSTAR stellar spectra are much harder at these energies than the
other two atmosphere models. (2) The nebular models based on the WM-BASIC
SEDs show a too soft stellar spectrum between 303 and 450 Å for the models
with Teff < 45 kK, which is reflected in an under prediction of the [Ne III]/[Ne II]
and [S IV]/[S III] line ratios for a given [Ar III]/[Ar II]. This is also illustrated in
Fig. 2.10, which shows the variation of the [Ne III]/[Ne II] and [Ar III]/[Ar II] line
ratios with Teff. The [Ar III]/[Ar II] line ratio, which is sensitive to the number
of photons able to ionize Ar II (below 450 Å) relative to the total number of Ly-
man photons, is, for a given U, practically independent of the stellar model used
in the photoionization model. However, large discrepancies appear in the case
of the [Ne III]/[Ne II] line ratio. This is because the range of energies probed by
[Ne III]/[Ne II] depends greatly on the way the photosphere and wind parameters
of the stellar atmosphere are defined. Hence, the large differences between the
models. In particular, the nebular models based on the WM-BASIC SEDs predict
a lower [Ne III]/[Ne II] than the other sets of models for Teff < 45 kK. (3) In the
case of the nebular models based on the CMFGEN SEDs, the discrepancies with
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the observations are smaller than for the other two model grids, thus implying
that the stellar spectrum between 303 and 450 Å is better described by CMFGEN.

Finally, we quantify how variations in metallicity modify the ionization struc-
ture of H II regions and hence, the interpretation of the above fine-structure
line ratios in terms of the stellar content of the nebula. Observationally, the
[Ne III]/[Ne II] line ratio observed in H II regions shows a loose correlation with
nebular metallicity (Martı́n-Hernández et al. 2002b). Figure 2.11 shows the ef-
fect of varying the metallicity for models #2 and #5 on the [Ar III]/[Ar II] and
[Ne III]/[Ne II] line strength ratios. In Sect. 2.3.3 it was discussed that, for a given
effective temperature, the stellar spectrum softens with increasing metallicity.
This effect has a clear impact on the degree of ionization of the H II region: the
fine-structure line ratios decrease with increasing metallicity. The biggest effect
occurs for the [Ne III]/[Ne II] ratio, which gets reduced by about a factor of 10
when the metallicity increases from 1/10 to 2 Z¯. Hence, the effect of metallicity
is such that, for instance, the ionization structure as traced by [Ne III]/[Ne II] of a
half solar metallicity nebula ionized by a star with Teff = 41.1 kK is, for the same
ionization parameter, almost identical to that of a solar metallicity nebula with a
central star of Teff = 48.67 kK conform Fig. 2.11 (also see Morisset et al. 2004).

Infrared line ratios have been used to infer the stellar content of H II regions
(e.g. Takahashi et al. 2000; Okamoto et al. 2001; Morisset et al. 2002), and to con-
strain the ages in starbursts (e.g. Crowther et al. 1999; Thornley et al. 2000; Spoon
et al. 2000). However, the large dependence of these fine-structure line ratios
on metallicity make them unsuitable for such studies, unless the metallicity is
known, and moreover, its influence on the stellar energy distribution is properly
accounted for.

2.6 CONCLUSIONS

We have presented a grid of eight main-sequence (dwarf) star models ranging in
effective temperature from 33 up to 51 kK. The models were constructed using
the CMFGEN code of Hillier & Miller (1998). In order to investigate the variations
of the spectral appearance on metallicity, and hence, their implications for spec-
tral classification and the ionization structure of H II regions, we have calculated
additional sets of models in which we varied the metal content from 2 to 1/10 Z¯.
The main conclusions of this study are:

• The total number of Lyman photons emitted is found to be almost indepen-
dent of line blanketing effects and metallicity for a given effective temper-
ature. This is because the flux that is blocked by the forest of metal lines at
λ < 600 Å is redistributed mainly within the Lyman continuum. Though
some flux is removed from the ionizing continuum, the softening of the
spectrum helps to conserve the number of ionizing photons.

• We investigate the influence of metallicity, microturbulent velocity and
gravity g on the optical lines used to spectral type O stars: He I λ4471 and
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He II λ4542. We find that spectral type, as defined by the ratio of the equiva-
lent widths of these lines, is not only a function of the effective temperature
of the star and its luminosity class, but it depends also, albeit to a lower
degree, on the microturbulent velocity of the stellar atmosphere, on metal-
licity and, within the luminosity class of dwarfs, on gravity. A change in
vturb from 5 to 20 km s−1 can shift the spectral type by up to half a subclass
(to a later type). A change in metallicity from 1/10 to 2 times the solar
metallicity can shift the spectral type up to a subclass (to an earlier type). A
decrease in log g of 0.3 dex implies a shift of about one spectral type (to an
earlier type).

• We confirm the decrease in Teff for a given spectral type due to the inclusion
of line blanketing. In particular, compared to the calibration of Vacca et al.
(1996), which is based on plane-parallel, pure hydrogen and helium models,
we find a decrease which varies between ∼2500 and ∼3800 K. The decrease
is the largest for stars in the spectral range of O5 to O9.

• The comparison with the stellar features observed in the K-band show that
variations in the microturbulent velocity do not have a significant impact
on the equivalent width of the Brγ, He I and He II lines. In the case of very
hot stars variations in the metallicity have an appreciable influence on the
equivalent width of the He II line. In comparing the observed C IV emission
features, important in the spectral type calibration using this wavelength
regime, the models show a discrepant behaviour. C IV is predicted to be in
absorption while it is observed to be in emission.

• The spectral energy distribution between 303 and 450 Å is best described
by the CMFGEN SEDs.

• The spectral energy distribution below ∼450 Å is shown to be highly de-
pendent on metallicity. This is reflected by the behaviour of the nebular
fine-structure line ratios such us [Ne III]/[Ne II] 15.5/12.8 and [Ar III]/[Ar II]
9.0/7.0 µm. The dependence of these line ratios on metallicity complicates
their use as diagnostic tools for the effective temperature of the ionizing
stars in H II regions and the age dating of starburst regions in galaxies.
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MODELING THE NEAR-INFRARED LINES OF O-TYPE
STARS

A. LENORZER, M. R. MOKIEM, A. DE KOTER & J. PULS
ASTRONOMY & ASTROPHYSICS, 422, 275 (2004)
ABSTRACT. We use a grid of 30 line-blanketed unified stellar photosphere and wind mod-
els for O-type stars, computed with the code CMFGEN in order to evaluate its potential in
the near-infrared spectral domain. The grid includes dwarfs, giants and supergiants. We
analyse the equivalent width behaviour of the 20 strongest lines of hydrogen and helium
in spectral windows that can be observed using ground-based instrumentation and com-
pare the results with observations. Our main findings are that: i) He I/He II line ratios in
the J, H and K bands correlate well with the optical ratio employed in spectral classifica-
tion, and can therefore be used to determine the spectral type; ii) in supergiant stars the
transition from the stellar photosphere to the wind follows a shallower density gradient
than the standard approach followed in our models, which can be mimicked by adopting a
lower gravity in our prescription of the density stratification. iii) the Brγ line poses a num-
ber of peculiar problems which might partly be related to wind clumping, and iv) the Brα
line is an excellent mass-loss indicator. For the first and last item we provide quantitative
calibrations.
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3.1 INTRODUCTION

A large fraction of the galactic population of massive stars lies hidden behind tens
of magnitudes of visual extinction. The reasons for this are that massive stars are
so rare that their typical distances are a sizable fraction of the Galactic scale and
that they are concentrated in the Galactic disk. Therefore, these stars suffer from
obscuration by intervening molecular gas and dust clouds in the line-of-sight.
Moreover, due to the short lifetimes of high-mass stars, they are located in star
forming environments. As they typically form in the densest parts of these giant
molecular clouds, they spend a significant fraction of their life embedded in this
natal environment, before either moving out or breaking out.

Over the last decade several tens of massive stars were discovered in the near-
infrared spectral window, where extinction by intervening dust is strongly re-
duced compared to the optical and ultraviolet window (Hanson et al. 2002; Kaper
et al. 2002; Kendall et al. 2003). Studying the physical properties of these stars
from their near-infrared radiation alone is essential (for instance in relation to
their formation mechanism), but not an easy task. The J, H, K, and L spectral win-
dows contain relatively few lines, mostly of hydrogen and helium. These lines
are difficult to model as, for O-type stars, most near-infrared lines are formed in
the transition region from the stellar photosphere (where the optical absorption
spectrum originates) to the super-sonic stellar wind (see e.g. Kudritzki & Puls
2000). This makes a treatment of the stellar wind an integral aspect of quanti-
tative spectroscopic studies of O-type stars in the near-infrared, perhaps exclud-
ing late-type O V stars of which the stellar winds are relatively weak (Ṁ ≤ 10−7

M¯yr−1). A fundamental problem is that so far we have only a poor knowledge
of the way in which the density structure in the transition region and lower part
of the wind (up to a few times the sonic velocity) behaves. Though the basic driv-
ing mechanism of stellar winds has been identified (e.g. Castor, Abbott, & Klein
1975, Abbott 1982, Pauldrach et al. 1986) a fully self-consistent numerical imple-
mentation of radiative line-driving is, at present, not feasible for models which
have been constructed for the objective of atmospheric analyses. Moreover, the
inevitable assumptions made in describing this theory are anticipated to have se-
vere effects on the physics of the transition region. As an example, the neglect of
line source-function gradients when using the Sobolev approximation might lead
to erroneous values for the radiative acceleration just in this transition region, at
least in the case of thin winds (cf. Owocki & Puls 1999).

One may identify two essentially complementary approaches for making pro-
gress in the development of near-infrared diagnostics that allow for a character-
isation of the basic stellar and wind properties of O-type stars. The first is to
establish the near-infrared spectroscopic characteristics of O stars with known
properties from studies at other wavelengths. One may then try to correlate the
behaviour of these lines with their basic properties and see if one can retrieve
the same information. This requires high-quality near-infrared spectra of a large
sample of MK standard stars. So far, a good coverage is available only for the
2.0-2.2 µm range (Hanson et al. 1996, 2003). The second approach is to model
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the near-infrared lines using state of the art techniques, and then to study the
dependence between spectral and basic properties.

So far modelling of the near-infrared spectral region has been done for ex-
treme early-type stars, i.e., Luminous Blue Variables (Najarro et al. 1997), Of/WN
stars (Crowther et al. 1995) and galactic centre objects (Najarro et al. 1994). This
study aims at an improved treatment of normal O stars. With the use of sophisti-
cated models that include a detailed treatment of stellar winds and that properly
describe the spectrum, we study the predictions for the near-infrared regime. We
investigate to what extent the near-infrared lines can be used to determine the
spectral type, luminosity class, and mass loss of O-type stars, focusing on lines
that are observable using ground-based instrumentation.

This paper is organized as follows: in Sect. 3.2 we introduce our grid of mod-
els. Predicted equivalent widths (EW) of near-infrared lines are presented and
their dependence on model parameters are discussed in Sect. 3.3. Model predic-
tions are compared with observations gathered from the literature in Sect. 3.4. In
Sect. 3.5, we present near-infrared spectral classification schemes for O-type stars
and a means to determine wind properties. We end with conclusions.

3.2 THE GRID OF MODELS

For this study we employ a grid of unified stellar photosphere and wind models
for O-type stars of luminosity class V, III and Ia. This grid was constructed us-
ing the CMFGEN program of Hillier & Miller (1998), to which we refer for a full
description. In short: CMFGEN solves the equations of radiative transfer subject
to the constraints of statistical en radiative equilibrium, for an atmosphere with
an outflowing stellar wind. The ions included in the non-LTE calculations are
H I, He I-II, C III-IV, N III-V, O III-VI, S IV and Fe III-VII, accounting for a total of ap-
proximately 20 000 bound-bound transitions. These reflect some 30 000 lines and
ensure a self-consistent treatment of line blanketing, i.e., the cumulative effect of
the spectral lines, especially iron, on the stellar atmosphere.

The grid consists of 30 models ranging in effective temperature, Teff, from
∼ 24 000 K up to ∼ 49 000 K, with 10 models for each luminosity class. The stel-
lar parameters are shown in Table 3.1, with masses derived from evolutionary
tracks. For the basic stellar parameters we employed the calibration from Vacca
et al. (1996), which is based on a set of plane parallel non-LTE H and He mod-
els that do not account for line-blanketing. In the case of the last two models in
the dwarf and giant class and for the last three models in the supergiant class
the parameters were derived by extrapolating the relations found by these au-
thors for Teff, log g and MV . For the stellar radius we adopt the radius at which
τ (R?) = 2/3, with τ (r) being the mean Rosseland optical depth corrected for geo-
metrical dilution (eq. 4 from Lucy 1976). This does not exactly coincide with the
radius give by Vacca et al. However, the correction is minor and at most half a
percent. To be consistent we have included this correction in the values of Teff and
log g in Table 3.1. For the supergiant models, we also calculated a grid with grav-
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Table 3.1: Stellar and wind parameters of our model grid. For supergiants, we list log g
values derived for both the spectroscopic and evolutionary mass. Values of Teff and R? for
supergiants correspond to models with evolutionary masses. Units: Teff in kK, M? in M¯,
R? in R¯, log g in cm s−2, L? in L¯, H? in 10−4 R?, Ṁ in M¯yr−1and v∞ in km s−1. Adopted
abundances by mass fraction are from Cox (2000): H = 0.7023, He = 0.2820, and, in units of
10−3, C = 3.050, N = 1.100, O = 9.540, Si = 0.699, Fe = 1.360.

Luminosity class V
Model Teff M? R? log g L? H? log Ṁ β v∞

1V 48.6 68.9 12.3 4.09 5.88 8.308 -5.375 0.8 3240
2V 46.1 56.6 11.4 4.08 5.72 8.375 -5.599 0.8 3140
3V 43.5 45.2 10.7 4.03 5.57 8.971 -5.805 0.8 2950
4V 41.0 37.7 10.0 4.01 5.40 9.046 -6.072 0.8 2850
5V 38.4 30.8 9.3 3.99 5.23 9.314 -6.369 0.8 2720
6V 35.9 25.4 8.8 3.95 5.06 9.712 -6.674 0.8 2570
7V 33.3 21.2 8.3 3.92 4.88 9.934 -7.038 0.8 2450
8V 32.0 19.3 8.0 3.92 4.78 9.988 -7.252 0.8 2400
9V 30.8 17.7 7.8 3.90 4.70 10.16 -7.445 0.8 2330

10V 28.3 14.8 7.4 3.86 4.50 10.40 -7.913 0.8 2210

Luminosity class III
1III 48.1 82.8 15.1 4.00 6.04 9.098 -5.125 1.0 3080
2III 45.4 68.4 15.0 3.92 5.93 10.04 -5.239 1.0 2850
3III 42.6 56.6 14.8 3.85 5.81 10.82 -5.397 1.0 2660
4III 39.8 47.4 14.7 3.78 5.69 11.53 -5.585 1.0 2490
5III 37.0 39.0 14.7 3.69 5.56 12.63 -5.791 1.0 2290
6III 34.3 32.6 14.7 3.61 5.43 13.50 -6.051 1.0 2130
7III 31.5 27.4 14.7 3.54 5.28 14.20 -6.377 1.0 1990
8III 30.1 25.1 14.8 3.50 5.21 14.69 -6.551 1.0 1920
9III 28.8 23.5 14.8 3.46 5.13 14.73 -6.758 1.0 1870
10III 26.0 20.2 15.0 3.39 4.97 15.18 -7.230 1.0 1750

Luminosity class Ia
1Ia 47.6 104.7 55.9 18.6 3.92 3.64 6.21 9.502 -4.896 1.0 3000
2Ia 44.6 86.5 48.6 19.6 3.79 3.53 6.14 11.63 -4.922 1.0 2620
3Ia 41.7 74.7 42.5 20.6 3.68 3.43 6.06 12.95 -5.014 1.0 2400
4Ia 38.7 64.3 37.4 21.8 3.57 3.33 5.98 14.44 -5.134 1.0 2190
5Ia 35.7 54.8 33.1 23.1 3.45 3.22 5.89 16.15 -5.295 1.0 1990
6Ia 32.7 46.7 29.5 24.6 3.32 3.12 5.80 17.90 -5.509 1.0 1810
7Ia 31.2 43.1 27.9 25.4 3.26 3.07 5.74 18.70 -5.644 1.0 1730
8Ia 29.7 40.9 26.0 26.2 3.21 3.01 5.68 18.67 -5.815 1.0 1690
9Ia 26.7 36.1 23.7 28.1 3.09 2.91 5.56 19.35 -6.202 1.0 1570
10Ia 23.7 32.4 22.0 30.5 2.98 2.81 5.43 19.53 -5.409 1.0 740
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ities based on the (lower) spectroscopic masses (see Vacca et al. 1996), in order
to investigate the dependence of the near-infrared lines on log g (see e.g. Herrero
et al. 1992). For the chemical composition solar abundances from Cox (2000) were
incorporated, which are listed in the caption of Table 3.1. Note in particular that
our model grid comprises “only” models with “normal” helium content, which
has to be considered when comparing our results with observations later on. The
reader should also note that the log g values of the luminosity class V models
in Table 3.1 do not reflect ZAMS values. On the ZAMS there is a small negative
correlation between mass and log g (e.g. Schaller et al. 1992). In the empirical cal-
ibration from Vacca et al. this is reversed. However, for the major objective and
results of this study this has no influence.

The density structure in the photosphere is based on hydrostatic equilibrium
in an isothermal medium of temperature Teff. In that case the density scale height
is given by

H =
kTeff

µmamugeff
, (3.1)

where µ is the mean molecular weight in atomic mass units (mamu) and geff is the
gravity at the stellar surface corrected for radiation pressure by electron scatter-
ing. The density structure near and beyond the sonic point is set by the velocity
law through the equation of mass-continuity. This velocity structure is given by a
standard β-law, which is smoothly connected to the photosphere. The value of β
is set to 0.8 for the dwarfs and to 1.0 for the giant and super giants, as these stars
have a tendency toward higher β (e.g. Groenewegen & Lamers 1989; Puls et al.
1996). The terminal wind velocity, v∞, follows from a scaling with the escape
velocity vesc (Abbott 1982; Lamers et al. 1995). For stars with spectral type ear-
lier than approximately B2 this scaling implies that the ratio v∞/vesc is 2.6. Stars
with a later spectral type have a ratio of 1.3. This discontinuity is referred to as
the bi-stability jump and implies a larger mass-loss rate and lower wind velocity
for stars at the cool side of this jump. This is the case for the coolest model in
our grid, Model 10 Ia. The mass-loss rates incorporated in the models are from
the theoretical predictions by Vink et al. (2000, 2001). These are listed in Table 3.1
together with the terminal velocities.

In the statistical equilibrium and radiative transfer calculation a micro turbu-
lent velocity of vturb = 20 km s−1 was assumed for all lines. In the formal solution
of the radiative transfer equation, yielding the emergent spectrum, we assumed
micro turbulent velocities of 10 and 20 km s−1 (see e.g. Smith & Howarth 1998;
Villamariz & Herrero 2000). Apart from the broadening due to thermal motions
and micro turbulence, Stark broadening tables for H, He I and He II lines were
included.

As the effective temperature scale for O-type stars is currently being revised
using different models all accounting for line-blanketing (e.g. de Koter et al. 1998;
Martins et al. 2002; Repolust et al. 2004), the spectral types attributed by Vacca
et al. (1996) cannot be applied to our models. Instead we use as a quantitative
criterion the ratio of the equivalent widths of the He I λ 4471 and He II λ 4542 lines
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from Mathys (1988). This enables us to unambiguously assign spectral types to
our models.

3.2.1 LIMITATIONS OF THE MODELS

Though the models presented in this study are state-of-the-art, they do (in-
evitably) contain a number of assumptions. With respect to the prediction of the
near-infrared spectrum the most important ones are:

A CONSTANT PHOTOSPHERIC SCALE HEIGHT

We assume a constant density scale height to describe the density structure in
the stellar photosphere (see Eq. 3.1). In reality, the run of density in this regime
follows from the equation of hydrostatic equilibrium, i.e. it takes into account
the exact temperature structure, the radiative pressure (from continua and lines)
as well as changes in the mean molecular weight. The lines that are expected
to be affected the most by this assumption are optical lines that are sensitive to
density, most notably the wings of Balmer lines. These lines are used to derive
the stellar gravity. Gravity determinations based on these lines may therefore
lead to a systematic overestimate of log g of up to 0.10 to 0.15 dex (F. Najarro,
priv. communication). This effect is less important for the strong near-infrared
lines and especially for supergiant models in which these lines are mainly formed
beyond the photosphere.

THE DENSITY STRUCTURE IN THE TRANSITION ZONE

A proper treatment of the density structure in the transition region between the
photosphere and the super-sonic wind requires solving the equation of motion,
taking into account all processes that are responsible for the acceleration of the
stellar outflow. Most important, one should account for effects of radiation pres-
sure on spectral lines. This problem is at present too complex to be solved for
self-consistently in our models. Our approach is to adopt a simple, empirical de-
scription of the density stratification in this region, i.e. we smoothly connect the
exponential increase of velocity in the photosphere to a beta-type velocity law in
the supersonic regime. This is achieved by taking

v(r) =

(

v◦ + (v∞ − v◦)(1 − R/r)β
)

/
(

1 + (v◦/vcore) exp([R − r]/H)
)

, (3.2)

where vcore is the velocity at the inner boundary of the model, and which, by
means of the mass-continuity relation, sets the density at Rcore. Typically, this
density is chosen sufficiently high to assure full thermalisation of the radiation
field. The velocity parameter v◦ is used to assure a smooth transition from the
photosphere to the supersonic wind. The latter is prescribed by the terminal ve-
locity v∞ and the parameter β, essentially defining the steepness of the velocity
law near and beyond the sonic point.
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An important outcome of this study is the ability to check whether this com-
monly used representation of the density structure is able to reproduce the prop-
erties of near-infrared lines, which are typically formed in the transition region
and/or lower part of the wind. The major part of the discrepancies between ob-
servations and predictions of these lines can likely be ascribed to shortcomings of
the above description.

CLUMPING

There is evidence that the stellar winds of early-type stars are inhomogeneous on
small length scales. Observational evidence exists for Wolf-Rayet stars (Hillier
1991; Robert 1994) as well as for some O-type stars (e.g. Eversberg et al. 1998;
Bouret et al. 2003). Theoretical indications for this effect are provided by Owocki
et al. (1988). One may anticipate that in clumped winds strong infrared lines
such as Brα and Brγ and possibly Pfγ and He II (6-7) will be affected the most.
For recombination lines clumping effects introduce a degeneracy in the quantity
Ṁ/
√

f , where f is the clumping factor defined as ρ = f ρ. Here it is assumed
that the inter-clump medium is void, and that ρ is the unclumped wind density.
Lines of varying strength may be affected in different ways if the clumping factor
depends on radial distance. Potentially, the behaviour of the strong near-infrared
lines may yield constraints on the clumping properties. As we want to focus
on other parameters in this first study, we adopt an unclumped medium in our
models.

TURBULENCE

In our models we assume a constant microturbulent velocity throughout the pho-
tosphere and wind. On the basis of Brα and Pfα observations Zaal et al. (2001)
found evidence for a gradient in the turbulent velocity in the outer photospheres
of late-O and early-B dwarfs and giants. Such an increase in micro turbulence
with radial distance may also be present in O stars of earlier spectral type.

3.2.2 OPTICAL LINE TRENDS

Before using our grid of models to investigate near-infrared lines, we present
their predictions for the two optical lines used for spectral classification. Pre-
dicted EWs are compared with observations gathered from the literature and are
shown in Fig. 3.1. The general trends are well reproduced by the models, the
largest deviation being that the He II line EW is slightly overestimated in dwarf
models. This discrepancy is also present in the grid of dwarf star CMFGEN models
presented by Martins et al. (2002). The grid of models covers most of the span in
equivalent width present in the observations. This is not the case, however, when
considering each luminosity class separately. Indeed, stars with similar spectral
type and luminosity class show a range of stellar and wind parameters introduc-
ing a scatter in the observed line EW. Furthermore variations in metallicity and
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Figure 3.1: Left: Observed EW (in Å) from Mathys (1988, 1989), Conti & Alschuler (1971),
Conti & Frost (1977) and Bisiacchi et al. (1982) are plotted with crosses for dwarfs, circles
for giants and squares for supergiants. Typical errors in the observations are 5 to 10%.
The solid lines show the maximum and minimum values predicted in our models. Right:
Equivalent width predictions for He I are plotted for dwarfs (crosses), giants (circles), su-
pergiants (squares) and lower surface gravity supergiants (triangles). Small symbols are
for a turbulent velocity of 10 km s−1, large symbols for turbulent velocity of 20 km s−1.

stellar rotation are not taken into account in our grid, but are also a source of scat-
ter. Still, the grid is suited for global studies of basic parameters and is used for
this purpose in the following sections.

3.3 NEAR-INFRARED LINE TRENDS

Before presenting our results, let us point out some principal problem arising
in (near) IR line formation (see also Mihalas 1978; Kudritzki 1979; Najarro et al.
1998; Zaal et al. 1999). Because hν/kT ¿ 1 in the IR, stimulated emission becomes
important, and deviations from LTE in the line might become substantially ampli-
fied, compared to the UV/optical case. Let δ = bl/bu − 1, with non-LTE departure
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coefficients bl and bu for the lower and upper level of the considered transition.
By expansion, we then find for the IR line source function (in units of the Planck-
function)

SIR
line
Bν

≈ 1
1 + δ + δ kT

hν

,
hν

kT ¿ 1 , (3.3)

compared to the corresponding expression in the UV,

SUV
line
Bν

≈ 1
1 + δ

,
hν

kT À 1 . (3.4)

In typical cases with λ = 2µm and T = 30 000 K, we thus have

SIR
line
Bν

≈ 1
1 + 5δ

.

If now the upper level becomes overpopulated with respect to the lower one (as
it is typical for some IR transitions), δ is negative, and the line source function
can become much larger than the Planck-function, leading to strong emission al-
ready for relatively low wind densities. Even more important (and problematic),
however, is the fact that the response of the source function on small changes in
the population number ratio is much stronger than in the UV/optical case. This
means that small effects on the occupation numbers can have substantial effects
on the synthesized lines, and that apparently large discrepancies between theory
and observations may be caused by relatively small inconsistencies. We will come
back to this problem when confronting our results for Brγ with observations.

After this introductory remark, we will now present our equivalent width
(EW) predictions for the strongest hydrogen and helium lines in the near in-
frared, and discuss their dependence on model parameters. The lines are listed
in Table 3.2, together with blends present in the wings of their profiles that are
included in the EW predictions. In the following a positive and negative EW
correspond, respectively, to an absorption line and an emission line.

3.3.1 HYDROGEN LINES

The near-infrared domain includes several hydrogen lines from different series:
Paschen in the J band, Brackett in the H, K and L band and Pfund in the L band.
Higher members of the Pfund and Humphreys series are also located in the K and
L band, respectively. A high density and a low hydrogen ionisation fraction are
required to make them observable. Although this is the case for cooler stars and
emission line stars, these lines are not reported in the spectra of O-type stars and
are not included in our model calculations which include 13 levels of hydrogen.

We plotted EW predictions of the Paschen, Brackett and Pfund lines for all
models in Fig. 3.2. The Brα line is blended with the He I (4f-5g) and He II (8-10)
lines in all spectra, and with He I (4d-5f) for models with large wind velocities and
mass-loss rates. We defined the EW of Brα over the interval from 4.0 to 4.1 µm,
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Table 3.2: Identification of the lines used in this study.
Line Transition Wavelength Lines comprised in

µm EW measurement
Paβ 3-5 1.2822 He II (6-10) λ1.2816

He I (3p-5s) λ1.2849
He I (3d-5f) λ1.2788

C III λ1.2794
Paγ 3-6 1.0941 He II (6-12) λ1.0936

He I (3d-6f) λ1.0916
C III λ1.0920

Brα 4-5 4.0523 He II (8-10) λ4.0506
He I (4f-5g) λ4.0409
He I (4f-5g) λ4.0377

Brγ 4-7 2.1661 He II (8-14) λ2.1652
Br10 4-10 1.7367
Br 11 4-11 1.6811
Pfγ 5-8 3.7406
Pf 9 5-9 3.2970
Pf 10 5-10 3.0392
He II 5-7 1.1630
He II 6-7 3.0917 He II (8-11) λ3.0955

C III λ3.0878
C III λ3.0843
C III λ3.0763

He II 6-11 1.1676
He II 7-10 2.1891
He II 7-12 1.6923
He II 7-13 1.5722
He I 2s-2p 2.0587
He I 3p-4s 2.1126
He I 3p-4s 2.1138
He I 3p-4d 1.7007
He I 3p-5d 1.1972
He I 3d-5f 1.2788
He I 4p-5d 3.7036
C IV 3d-3p 2.0802
C III 7-8 2.1151

which includes these blends. Paβ and Paγ lines are integrated over an interval
that comprises the He I lines (3d-5f) and (3p-5s), and (3d-6f), respectively. The
lines decrease in equivalent width with temperature in the range 25 to 45 kK.
This trend is steeper for higher series, as well as for stronger lines within a series
and for lines in supergiants relative to other luminosity classes. The lines show
progressively lower equivalent widths for decreasing luminosity class.
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Figure 3.2: Equivalent width predictions (in Å) for hydrogen lines are plotted for dwarfs
(crosses), giants (circles), supergiants (squares) and lower surface gravity supergiants (tri-
angles). Small symbols are for a turbulent velocity of 10 km s−1, large symbols for a turbu-
lent velocity of 20 km s−1.

Two models do not follow this general trend: the hottest (1 Ia) and coolest
(10 Ia) supergiant models computed in this study. In Model 10 Ia, the hydrogen
lines have a more negative equivalent width compared to neighbouring models
whereas it is the opposite in Model 1 Ia. This behaviour can be traced back to
the adopted wind parameters. Model 10 Ia is at the cool side of the bi-stability
jump, where it has a higher wind density (see Sect. 3.2). Model 1 Ia has a lower
wind density than Model 2 Ia. The strongest lines show the most pronounced
emission, as their line forming region extends further out in the wind. Differences
with luminosity class are smaller for photospheric lines (e.g. Br11, Br10, Pf10).
Their behaviour is mostly sensitive to temperature, and can therefore be used to
constrain the spectral type. This also holds for Paβ, Paγ, Brγ and Pfγ, except for
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supergiants, which have large mass-loss rates affecting also the β and γ lines.
The two grids of supergiant models show that the Pfund lines and Brγ are

sensitive to the surface gravity. As these lines form in the region above the pho-
tosphere, but below the sonic point, they are sensitive to changes in gravity. The
strong Brα line is formed in a much more extended region, i.e. also in the wind
where the density structure is set by the velocity law, and is less sensitive to grav-
ity effects. We have also investigated the effects of micro turbulence: As only the
micro turbulent velocity in the calculation of the formal solution was modified,
the occupation numbers are not influenced. Only the line profiles are addition-
ally broadened. For the lines considered, the EWs differ only marginally between
the two adopted turbulent velocities (10 and 20 km s−1).

The strength of most predicted near-infrared hydrogen lines show a smooth
behaviour as a function of model parameters. On top of this, the Pfund lines, and
to a lesser extent Brγ, show small model to model fluctuations. These may be
intrinsic in nature (e.g. blends) or the result of numerical effects (e.g. sampling of
the radius grid) and do not significantly affect our results.

3.3.2 HE II LINES

Several He II lines are present in the different observational bands. The strongest
are the (5-7) and (6-11) transitions in the J band, (7-12) and (7-13) in the H band, (7-
10) in the K band and (6-7) in the L band. The behaviour of these lines can be split
into three regimes following the ionisation of He II. The lines first appear at about
30 kK and increase in absorption strength up to ∼40 kK. The exact temperature of
this maximum absorption depends on gravity, ranging from 41 kK for dwarfs to
36 kK for supergiants. For temperatures Teff & 45 kK, the lines weaken again. All
high-temperature models show He II profiles in which the line core is reverted in
emission, as a result of a temperature inversion in the line forming region. A tem-
perature inversion is not present in the highest Teff models. These therefore show
normal absorption profiles. This explains the increased absorption seen in these
hottest models. In giants and supergiants the strong α line (6-7) at λ 3.0917 µm is
formed in the stellar wind causing a strong emission profile. For the hottest su-
pergiant model the line shows a decrease in emission that is the result of a lower
wind density (as discussed in Sect. 3.3.1). The behaviour of He II λ 3.0917 is com-
plex as it is blended with the (8-11) line, which shows a singular behaviour as a
result of it being interlocked with the (6-7) transition. For those cases where the
(6-7) line is in emission, the (8-11) line is in absorption, while for an absorption
profile for (6-7) the blending line is in emission. All luminosity classes suffer from
this blending effect, however, for the supergiants the (6-7) dominates the equiv-
alent width in such a way that no dip in EW occurs at ∼41 kK. Wind emission is
also important for the (5-7) line. The relatively weak He II lines may serve as tem-
perature indicators, whereas the stronger lines are mostly sensitive to luminosity
class, similar to hydrogen lines. For temperatures between 33 and 42 kK these
lines are also sensitive to gravity. Like for the hydrogen lines, effects of micro
turbulence are relatively modest.

58



MODELING THE NEAR-INFRARED LINES OF O-TYPE STARS

Figure 3.3: Equivalent width predictions (in Å) for He II lines are plotted for dwarfs
(crosses), giants (circles), supergiants (squares) and lower surface gravity supergiants (tri-
angles). Small symbols are for a turbulent velocity of 10 km s−1, large symbols for turbu-
lent velocity of 20 km s−1.

3.3.3 HE I LINES

Numerous He I lines are present in the near-infrared. Six of them were observed
in the J band spectrum of a B0 Ia star by Wallace & Hinkle (1997). We concentrate
on the strongest lines present at λ 1.1972 and 1.2788 µm in the J band, at λ 1.7007
in the H band, at λ 2.0587, 2.1126 and 2.1138 in the K band, and at λ 3.7036 µm in
the L band. The line trends are plotted in Fig. 3.4.

We first discuss the triplet transitions. These show a normal excitation
and ionization behaviour, producing a broad peak in absorption strength near
∼30 kK. For higher temperatures the lines weaken, and disappear somewhere
between 40 and 50 kK. Lines are weaker in lower gravity models that have
Teff & 35 kK, a situation that is reversed at lower temperatures. The lines at
λ 1.7007, 2.1126 and 3.7036 µm are the most sensitive to gravity. For a higher
microturbulent velocity the equivalent width of the He I lines increases, as ex-
pected. We note that for the lines at λ 1.1972, 1.2788 and 3.7035 µm we do not
have Stark broadening tables available, implying we underestimate the strength
of these lines. The neglect of pressure broadening also explains why these lines
appear more affected by a change in turbulence.
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Figure 3.4: Equivalent width predictions (in Å) for He I are plotted for dwarfs (crosses),
giants (circles), supergiants (squares) and lower surface gravity supergiants (triangles).
Small symbols are for a turbulent velocity of 10 km s−1, large symbols for turbulent veloc-
ity of 20 km s−1.

The singlet lines at λ 2.0587 and 2.1138 µm show a very different behavior
as a result of a strong coupling to the strength of the ultraviolet line-blanketed
continuum through the resonance transitions at 584 Å and 537 Å (see Najarro
et al. 1994). The first transition reaches the upper level of the λ 2.0587 line,
the second one that of the lower level of the λ 2.1138 line. This causes the “in-
verted” behaviour of these two lines as seen in Fig. 3.4. The weakening of both
lines at Teff & 35 kK is the result of progressive ionisation. The exact location of
this peak absorption strength (for He I λ 2.0587) and peak emission strength (for
He I λ 2.1138) depends somewhat on gravity, but ranges from 38 kK for dwarfs to
33 kK for supergiants.

Most of the He I lines discussed are expected to be useful temperature diag-
nostics, especially at temperatures beyond ∼ 35 kK. At lower Teff the lines show
a strong dependence on gravity and/or turbulent velocity.

3.4 COMPARISON WITH OBSERVATIONS

Calibration of the trends predicted by the models requires a large data set of near-
infrared spectroscopic observations of O-type stars with well known properties
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obtained from optical and ultraviolet studies. Observations of near-infrared lines
are still scarce, although some effort has been made in this direction over the last
decade. In particular, we make use of the K-band atlas of Hanson et al. (1996),
the H-band collection of spectra of Hanson et al. (1998) and the ISO/SWS atlas
of Lenorzer et al. (2002b) covering the L-band. Additional measurements were
gathered from Blum et al. (1997) and Zaal et al. (2001) for the He I line at λ1.7007
and the Brα line, respectively. This collection of observations allows a first lim-
ited comparison with models. Observed equivalent widths are plotted in Fig. 3.5
together with the model trends. These trends give the minimum and maximum
EW values for the dwarf (solid lines) and supergiant models (dotted lines), as-
suming that the spectral types attributed to the models are accurate to within one
subtype.

Considering the hydrogen lines (left panel), the general trends are fairly well
reproduced by the models, though the observations of lines affected by the stellar
wind (Brα, Brγ) show a much larger scatter than is produced by the range of
parameters that we have investigated.

3.4.1 THE BRγ PROBLEM.

The line for which a large observed scatter is clearly seen is Brγ. Note that the
only model in the Brγ panel that produces an emission equivalent width that is
comparable to the highest values that are observed is the one for the coolest Teff
(represented by a plus sign). This model is at the cool side of the bi-stability jump
and has a much higher wind density. One would expect a range of wind den-
sities in O-type supergiants of given spectral type, as these show a considerable
spread in luminosity (and therefore mass loss). The observations, however, lie
systematically above the prediction of typical Ia stars. This may either suggest a
strong under prediction of the wind density (which seems unlikely on the basis
of optical and ultraviolet studies) or that clumping of the stellar wind is impor-
tant for near-infrared wind lines. A clumped medium would lead to an increase
of the emission line strength, as clumping results in an increased recombination
rate inside the clumps and in an enhanced optical depth (〈ρ2〉 > 〈ρ〉2). Although
this seems to be a plausible argument, Brγ poses two additional problems. Note
at first that due to the lower oscillator strength and the lower occupation num-
bers, Brγ should form inside the Hα emitting volume (the gf-value of Brγ lies
in between the gf-values of Hα and Hβ). Actually, for almost all of our mod-
els it turned out that Brγ is formed in the same region as Hβ. Since this region
lies close to the sonic one, the degree of clumping should be small. Second, our
synthetic Brγ lines for stronger winds display well developed P Cygni type of
profiles, whereas almost all observations show a pure emission profile. Interest-
ingly, both problems have also been found in analogue investigations by Jokuthy
(2002) performed by means of FASTWIND, an independent code that uses simi-
lar physics as described here. Note particularly that optical analyses of a large
sample of O-stars using the latter code gave no evidence of significant clumping
effects for Hβ (cf. Repolust et al. 2004).
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Figure 3.5: The maximum and minimum EW predictions (in Å) are plotted for dwarf (solid
lines), and supergiant (dotted lines) models. Models beyond the bi-stability jump are de-
noted by plusses. Observations from Hanson et al. (1996), Blum et al. (1997), Hanson et al.
(1998), Zaal et al. (2001) and Lenorzer et al. (2002b) are plotted with crosses for dwarfs,
circles for giants and squares for supergiants. Typical error on the observations is ± 0.5 Å.

Thus, although clumping cannot be excluded, the degree of mismatch be-
tween synthetic and observed profiles and EWs indicates that some additional
(physical) processes might be involved. Indeed, the difference between observed
and synthesized profile shapes points to a line source function which should be
closer to LTE than presently calculated (P Cygni shaped recombination lines can
arise only due to departures from LTE, whereas LTE results in pure emission pro-
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files, cf. Puls et al. 1996). Additionally, the sensitivity of the line source function
on small changes in departure coefficients (see Eq. 3.3) renders the possibility that
the degree of mismatch is not as large as indicated on a first glance, and that some
subtle modifications in the underlying physics might cure the problem. To this
end, an update of presently used hydrogen line-collision rates as proposed by
Butler & Przybilla (in preparation for A&A) might help in driving the transition
closer to LTE and increasing the line emission.

Another evidence that the above problem is somewhat peculiar follows from
the fact that the Brα measurements appear to follow the predictions fairly well. If
clumping would play a role in the formation of Brγ, this would suggest that the
clumping factor varies throughout the wind, reaching a maximum in the lower
wind regions and decreasing again farther out. Since Brα originates in a larger
volume of the wind, it would be relatively less affected by clumping.

3.4.2 HE II LINES

Observations of the He II (7-12) and (7-10) lines are compared with predictions in
the middle panel of Fig. 3.5. For the (7-12) line only few observations are avail-
able, limiting a meaningful comparison. For those few available data points, it
appears that the models reproduce the observations reasonably well. A much
better comparison can be made for the (7-10) line at λ 2.1891 µm. Though the
observed global trends are recovered, we find that for dwarf stars with spectral
types earlier than O7 this line is over predicted by about 0.5 Å, similar to the op-
tical He II line. For supergiants of spectral type later than O6, the (7-10) line at
λ 2.1891 is under predicted by up to ∼1 Å for supergiants of spectral type later
than O6. The reason for this behaviour is most likely linked to the uncertainty
in the density structure. We find that the line cores of the He II lines are typically
formed at 10 to 100 km s−1, i.e., at or even beyond the sonic point. This implies
that the dominant line contribution is formed in the transition region from the
photosphere to the wind, for which we essentially do not have a self-consistent
solution for the density structure (see Sect. 3.2.1). The results suggest that espe-
cially for supergiants the simple transition from an exponentially decaying den-
sity to that implied by a β-type velocity law adopted in our models is not correct
(and not as much the simplified hydrostatic density structure in the photosphere
itself).

3.4.3 HE I LINES

For the He I lines a comparison of the λ 1.7007, λ 2.1126, and λ 2.0587 lines is fea-
sible (right panel). Though observational data is also available for the λ 3.7035
µm line, this data is limited to only a few stars. Moreover, our models do not ac-
count for the Stark broadening of this line. We therefore decided to exclude this
line from the comparison. For the remaining three lines both the trend in spectral
type and in luminosity class are reproduced by the predictions. In particular, the
He I λ2.1126 line behaves well. Note that this 3p-4s transition is plotted as the
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sum of the λ 2.1126 and λ 2.1138 transitions, which are blended with each other
in the medium resolution spectra of Hanson et al. (1996). Also the λ 2.0587 line
behaves well, though most supergiants appear to show a deeper absorption by
up to ∼1 Å. The same discrepancy for supergiants seems present in the λ 1.7007
line. The cause of the systematic differences in absorption strength are again most
likely connected to the density stratification in the transition from photosphere to
wind.

—

We conclude from this comparison that the models reproduce the global trends
of H (with severe problems in Brγ), He I, and He II lines, but that the strength of
helium lines tends to be under predicted for the supergiants with spectral type
later than O6. The models that best approach the He line strengths in Ia stars
are the ones with low gravity, i.e. not with canonical values. This does not im-
ply that these stars have a much lower mass than expected, but shows that the
density structure in the transition region and lower wind is better represented by
a low gravity in Eq. 3.2. We also like to remind the reader that all models have
been calculated with normal helium abundance, which introduces additional un-
certainties in those cases when the stellar atmosphere contains enhanced He, e.g.
due to rotational mixing.

3.4.4 LINES OF CARBON AND NITROGEN

The majority of the lines present in the near-infrared spectra of hot stars are pro-
duced by hydrogen and helium. In the K band, a few strong emission lines are at-
tributed to carbon and nitrogen ions. A triplet of lines around 2.08 µm, identified
as the C IV (3p-3d) transitions, appear strongly in emission in the spectra of stars
with spectral type O4 to O6.5. In our models, however, these lines are strongly
in absorption at spectral types earlier than O5.5. They revert in emission only for
later types and disappear at O9. It is obvious that our models fail in reproduc-
ing these transitions. Matching of the carbon lines is known to be problematic
in O-type stars (e.g. Lamers et al. 1999) as a result of uncertainties in the ioniza-
tion structure of this element. The carbon ionization is sensitive to the amount
of line blanketing in the extreme ultraviolet (EUV) part of the spectrum, notably
in the ionizing continua of C III and C IV. However, the 2.08 µm C IV lines are ob-
served to be narrow with a FWHM of about 43 km s−1 (Bik et al. 2005) indicating
that they originate in the photosphere and are not filled in by a contribution from
the wind. A change in the abundance of C IV due to metallicity would influence
the strength of the 2.08 µm lines without reverting them into emission profiles.
The formation region of the near-infrared C IV lines largely overlaps with that of
the He I line at λ 2.0587 µm. Our models qualitatively reproduce the behaviour
of the He I line indicating that the local parameters in this region are most likely
reasonable. The levels taking part in the C IV lines observed around 2.08 µm are
populated through transitions located in the EUV. The inclusion of Fe III, C III and
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O III had the direct consequence that the C IV lines reverted into emission in mod-
els with effective temperature from about 40 000 to 32 000 K. Though we account
for approximately 30 000 lines (see Sect. 3.2), this does likely not yet represent all
of the blanketing at EUV wavelengths. A more complete inclusion of EUV lines
is currently under investigation and may further reduce the C IV discrepancy at
temperatures higher than 40 000 K.

Our model atoms do not include data for N III (7-8), expected to be partly re-
sponsible for the observed emission near λ 2.1155 µm. Still, our predictions show
an emission due to C III (7-8) at λ 2.1151 µm. The EW of this line peaks at 0.8 Å for
spectral type O6.5. This is much weaker (1 to 5 Å) than observed, though it may
explain some observations for spectral types O6 and later.

3.5 DIAGNOSTICS

In the Morgan & Keenan (MK, see Morgan & Keenan 1973) classification scheme
stars of spectral type O are defined by the presence of He II lines. Subtypes are
defined on the basis of the relative strength of the He I and He II lines. The lumi-
nosity class of O-type stars is based on optical Si IV and He I lines (e.g. Walborn &
Fitzpatrick 1990). A quantification of the spectral type calibration was proposed
by Conti & Alschuler (1971), Bisiacchi et al. (1982) and Mathys (1988). In this
section, we investigate the correlation between optical and near-infrared line ra-
tios. This may lead to an extension of the quantitative spectral classification to
near-infrared lines.

The advantage of the near-infrared spectral range over the optical is that it
contains a range of hydrogen lines from different series and from high levels in
the atom. Although this implies an additional diagnostic potential (see Lenorzer
et al. 2002a), it does require spectra of sufficient quality, both in terms of signal-
to-noise and spectral resolution, in order to capitalize on this. Also, α, β, and
γ lines are stronger than their counterparts in the Balmer series in the optical.
This may turn out to be beneficial, especially for wind density determinations
based on Brα (see Sect. 3.5.3). The helium lines in the optical and near-IR are
about equally strong, so in principle they may serve equally well for spectral
classification. In practice the data quality is usually somewhat less in the near-
IR as present day detectors for this wavelength regime have a poorer quantum
efficiency than optical instruments do.

3.5.1 SPECTRAL TYPE

When correlating the optical and near-infrared line behaviour, we first notice that
O-type stars are no longer defined by the presence of He II lines if one concentrates
on only the near-infrared window. Indeed, at these wavelengths, most He II lines
disappear around spectral type O8.5. Consequently, near-infrared He I/He II line
ratios can only be measured for earlier spectral types. This is to be expected as
the near-infrared continuum is formed further out in the atmosphere of O-type
stars, where the temperature is lower.
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Figure 3.6: The correlation between optical and near-infrared He I/He II equivalent width
ratios which may be used to calibrate spectral types. Circles denote EW predictions for
a relatively high spectral resolution (R ∼ 4 500 − 6 000); triangles give predictions for
medium resolution (R ∼ 1 000). The plus symbols give observed ratios.

Predicted He I/He II equivalent width ratios are presented in Fig. 3.6 for lines
in the J, H and K band. In the L-band no suitable helium lines were found. No
distinction between the luminosity classes was made and values applicable for
both high- and medium-resolution spectra are plotted. High spectral resolution
(circles in Fig. 3.6) implies R ∼ 6 500 and 4 500 for the J and K band. With medium
resolution (triangles) R ∼ 1 000 is implied. In the J-band (top panel) we find that
the ratio He I λ1.2788/He II λ1.1676 may serve to determine the spectral type.
This only works at high resolution, as else the He I 1.2788 line starts to blend
with C III 1.2794, rendering this diagnostic unusable. Note that for He I λ1.2788 no
Stark broadening is taken into account. This will affect the slope of the relation
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and at present prevents a reliable use of this ratio as a temperature diagnostic.
In the H band (middle panel) the best candidate line ratio for determin-

ing spectral type is He I λ1.7007 / He II λ1.6921. In practice, the optical ratio
He I λ4471 over He II λ4542 is found to be of practical use for ratios in between
about −1 and +1 dex; otherwise one of the two lines gets too weak. The same
applies to the identified H band ratio, implying that it can be used to determine
the spectral type of O4 through O8 stars.

Over plotted in Fig. 3.6 are observed He I/ He II ratios from Hanson et al.
(1998) in the H band and from Hanson et al. (1996) in the K band. In the H band
only few observations are available for spectral type O7 through O9. These seem
to form an extension of the predicted slope that is found for stars of types O7 and
earlier. However, at spectral type O8 the predicted curve turns upward, i.e. the
models appear to over predict the helium line ratio. In the K band, more data is
available, although also only for types O7 and later as otherwise the He I λ2.1126
line is too weak to be measured. The available data is mainly for supergiants. We
find that the observations extend the predictions of the low surface gravity mod-
els for stars of spectral type O7 or earlier, and under predict the ionisation for
cooler stars. On the basis of such a limited comparison it is difficult to draw firm
conclusions. We again note that the observed ratios appear in better accordance
with the low gravity models. This likely implies that for supergiants the den-
sity structure in the transition region and lower part of the wind connects more
gradual (i.e. with a smaller density gradient) than is assumed in our standard
supergiant grid, rather than that it implies an overestimate of the mass.

The predicted near-infrared equivalent width ratios presented in Fig. 3.6 cor-
relate well with the optical ratio and show a steeper dependence on spectral type
than does He I λ4471 over He II λ4541. These near-infrared line ratio may serve
to determine the spectral type. As for our model predictions, we note that the
predictions for He I λ1.2788 do not account for Stark broadening effects. There-
fore, the J band ratio is less steep than presented, yielding spectral types that are
systematically too early. The H-band and K-band ratio are also to be taken with
care as our models do not perfectly reproduce the observed line strengths (see
Sect. 3.4). Still they give a reasonably good idea of the observational requirements
needed to derive quantitative information on the spectral type of hot stars from
near-infrared spectroscopy alone. We conclude that a derivation of the spectral
sub-type of O stars from near-infrared helium line ratios is in principle feasible
for good quality spectra in the J, H, and K band and for stars that have spectral
types in the range O4 to O8.

3.5.2 SURFACE GRAVITY

Several of the strongest lines in the near-infrared, such as Brα, Brγ, Pfγ, and
He II λ3.0917, appear to be very sensitive to the surface gravity. This is, however,
a consequence of the relation we assume between gravity and mass-loss rate.
These lines are mainly formed in the wind and may serve as an indicator of the
wind density (see next subsection).
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The lines showing a direct dependence on surface gravity are the weaker lines,
formed near the stellar photosphere. Most He I and a few He II lines are found to
be sensitive to this parameter. The He II (6-11), (7-10), (7-11) and (7-12) and the
He I (2s-2p) lines are stronger in absorption for lower gravity at temperatures be-
tween 30 and 40 kK (see Sect. 3.3). The same holds for most He I lines between
25 and 35 kK. Unfortunately, no well defined monotonic correlation could be ex-
tracted.

3.5.3 WIND DENSITY

Mass-loss rates of O-type stars can be determined from ultraviolet resonance and
subordinate lines, Hα, and radio flux measurements. For a recent review on these
methods, including a discussion of their individual pros and cons, see Kudritzki
& Puls (2000). A relatively simple method to derive Ṁ is to use the net equivalent
width of Hα (see e.g. Klein & Castor 1978; Leitherer 1988; Puls et al. 1996) and to
correlate it with the equivalent width invariant

Q =
Ṁ

R3/2T2
effv∞

, (3.5)

first introduced by Schmutz et al. (1989) for a fixed temperature, and extended
to include Teff by Puls et al. (1996) and de Koter et al. (1998). The invariant es-
sentially expresses that Hα is formed by the recombination mechanism, there-
fore its strength will be approximately proportional to the mean column mass
ρ2R? ∼ Ṁ2/(R?

3v∞2). In principle, the same strategy can be applied using the Brα
line. Relations between the EW of Brα and the mass-loss rate have already been
proposed, based on model predictions (Schaerer et al. 1996); and on observations
(Lenorzer et al. 2002b). This line is intrinsically stronger than Hα, which means
that the photospheric absorption has a smaller impact on its EW. We have opted
not to correct for a photospheric contribution, as a “true” photospheric compo-
nent of this line can only be defined if a core-halo approximation is adopted (i.e.
a separate treatment of the stellar photosphere and wind), which is not physi-
cally realistic in the near-infrared regime. Recall that most near-infrared lines are
formed mainly in the transition region.

The correlation between predicted Brα equivalent width and Q is given in
Fig. 3.7. The units of the constituents of the latter quantity are Ṁ in M¯yr−1,
stellar radius in R¯, Teff in Kelvin, and v∞ in km s−1. The measurements are from
4.0 to 4.1 µm and include a number of blends from weak He I and He II lines. This
causes most of the modest scatter in the model results; overall the correlation is
very good. A best fit (over plotted using a solid line) to all negative EW values
yields

log EW (Brα) = (32.4 ± 0.5) + (1.55 ± 0.03) log Q . (3.6)
The divergence from the fit of models with mass-loss rates below about
10−7 M¯yr−1 marks the transition to profiles dominated by photospheric absorp-
tion. In the wind dominated regime the fit function recovers the Q value to within
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Figure 3.7: The predicted equivalent widths for dwarfs (denoted by crosses), giants (cir-
cles) and supergiants (squares) and lower surface gravity supergiants (triangles) are over
plotted with observations from Lenorzer et al. (2002b), for which Q was derived from
Lamers et al. (1999), Puls et al. (1996), and Kudritzki et al. (1999). Q is given in units of
10−20 M¯yr−1 per R¯3/2 per K2 per km s−1.

0.05 to 0.15 dex for 0.5 < Q/10−20 < 1.0, and to within 0.04 dex for larger values.
The reader may note that the above correlation has been evaluated for the mod-
els as described in Sect. 3.2, i.e. for a wind velocity law with β = 0.8 and 1.0 for
dwarfs and supergiants, respectively. Since Brα is strongly density dependent,
different values for β will introduce certain deviations from this relation (cf. Puls
et al. 1996).

In Fig. 3.7 we over plot the observed equivalent widths of nine giants and su-
pergiants. The Q values corresponding to these EW are from Puls et al. (1996),
Lamers et al. (1999) and Kudritzki et al. (1999) (see figure caption for details). The
bars connect mass-loss determinations for the same stars by different authors,
sometimes using different methods (Hα or radio). The bars therefore give an in-
dication of the uncertainties involved in deriving Ṁ. Typical errors on individual
measurements are about 0.3 dex in the Q parameter. In seven out of nine cases
the determinations are in good agreement with the trend. This ignores the outly-
ing Ṁ results for α Cam and ε Ori. The observed EW for the two Iaf supergiants
in the sample, HD 190429A and QZ Sge, are clearly above the trend. These two
stars show He II emission lines that are much stronger than the ones produced in
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our supergiant models. One of these He II lines is included in the measurement
of the Brα equivalent width, explaining the difference.

3.6 CONCLUSIONS

We have confronted observations of near-infrared spectra with predictions using
the current state-of-the-art model atmosphere code CMFGEN of Hillier & Miller
(1998). This study was prompted by the fact that an increasing number of spectra
of embedded O-type stars is presently becoming available, allowing the study
of stars hidden beyond tens of magnitudes of circumstellar or foreground visual
extinction. Though first attempts to make an inventory of the potential and pre-
dictive power of models in this wavelength range have been undertaken (Najarro
et al. 1999), a systematic approach using a large grid of models was so far missing.
We summarize the main conclusions of this study.

1. The general trends and strengths of the lines are fairly compatible with ob-
served properties. Near-infrared lines are typically formed in the transition
region from photosphere to stellar wind, or even in the lower part of the
wind (up to a few times the sonic velocity). The largest discrepancies are
found for helium lines in supergiant spectra, which are systematically un-
der predicted. As low gravity models appear to reproduce these lines much
better, it is expected that for these stars the connection of the photosphere to
the wind is much smoother, i.e. the density changes more gradually, than is
adopted in our models. (It does not imply that masses for supergiants are
systematically underestimated).

2. The models show a good correlation between optical and near-infrared he-
lium line ratios in the J, H and K band. Notably, the ratios of He I λ 1.2788
/ He II λ 1.1676, He I λ 1.7007 / He II λ 1.6921, and He I λ 2.1136 /
He II λ 2.1885 µm appear to be good candidates. Application of these near-
infrared ratios requires good quality data and are only applicable for stars
with spectral type O4 to O8. Cooler stars do not show He II lines. This is
to be expected as the near-infrared continuum is formed further out in the
atmosphere, relative to where the optical spectrum originates.

3. The Brα, Brγ, and He II λ3.0917 lines in giants and supergiants are predom-
inantly formed in the stellar wind. Comparison with observations shows
that the Brγ lines are systematically under predicted, while in most cases
Brα is reproduced well. We have argued that Brγ might be affected by an
inhomogeneous density distribution or “clumping”, while the stronger Brα
line suffers much less from this effect, which would suggests a distance de-
pendent clumping. Additional arguments concerning line formation depth
and profile shape of Brγ, however, point also to presently unknown pro-
cesses which have to be identified in future investigations.
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4. We find that the Brα line is a fairly good diagnostic for the wind density and
we provide a means to correlate the measured equivalent width of this line
to the wind density invariant Q = Ṁ/R3/2v∞T2

eff. The relation, however,
depends on the He II abundance in the wind, as the Brα line is contami-
nated by a potentially strong He II line and may strongly affect mass loss
predictions for Iaf stars.
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SPECTRAL ANALYSIS OF EARLY-TYPE STARS USING A
GENETIC ALGORITHM BASED FITTING METHOD

M. R. MOKIEM, A. DE KOTER, J. PULS, A. HERRERO, F. NAJARRO &
M. R. VILLAMARIZ
ASTRONOMY & ASTROPHYSICS, 441, 711 (2005)
ABSTRACT. We present the first automated fitting method for the quantitative spec-
troscopy of O- and early B-type stars with stellar winds. The method combines the non-
LTE stellar atmosphere code FASTWIND from Puls et al. (2005) with the genetic algorithm
based optimisation routine PIKAIA from Charbonneau (1995), allowing for a homogeneous
analysis of upcoming large samples of early-type stars (e.g. Evans et al. 2005). In this
first implementation we use continuum normalised optical hydrogen and helium lines to
determine photospheric and wind parameters. We have assigned weights to these lines
accounting for line blends with species not taken into account, lacking physics, and/or
possible or potential problems in the model atmosphere code. We find the method to be
robust, fast, and accurate. Using our method we analysed seven O-type stars in the young
cluster Cyg OB2 and five other Galactic stars with high rotational velocities and/or low
mass loss rates (including 10 Lac, ζ Oph, and τ Sco) that have been studied in detail with
a previous version of FASTWIND. The fits are found to have a quality that is comparable or
even better than produced by the classical “by eye” method. We define errorbars on the
model parameters based on the maximum variations of these parameters in the models
that cluster around the global optimum. Using this concept, for the investigated dataset
we are able to recover mass-loss rates down to ∼ 6 × 10−8 M¯yr−1 to within an error of
a factor of two, ignoring possible systematic errors due to uncertainties in the continuum
normalisation. Comparison of our derived spectroscopic masses with those derived from
stellar evolutionary models are in very good agreement, i.e. based on the limited sample
that we have studied we do not find indications for a mass discrepancy. For three stars we
find significantly higher surface gravities than previously reported. We identify this to be
due to differences in the weighting of Balmer line wings between our automated method
and “by eye” fitting and/or an improved multidimensional optimisation of the param-
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eters. The empirical modified wind momentum relation constructed on the basis of the
stars analysed here agrees to within the error bars with the theoretical relation predicted
by Vink et al. (2000), including those cases for which the winds are weak (i.e. less than a
few times 10−7 M¯yr−1).

4.1 INTRODUCTION

Until about a decade ago detailed analysis of the photospheric and wind proper-
ties of O-type stars was limited to about 40 to 50 stars divided over the Galaxy
and the Magellanic Clouds (see e.g. Puls et al. 1996; see also Repolust, Puls, &
Herrero 2004). The reason that at that time only such a limited number of objects
had been investigated is related in part to the fact that considerable effort was
directed towards improving the physics of the non-local thermodynamic equi-
librium (non-LTE) model atmospheres used to analyse massive stars. Notable
developments have been the improvements in the atomic models (e.g. Becker
& Butler 1992), shock treatment (Pauldrach et al. 2001), clumping (Hillier 1991;
Hillier & Miller 1999), and the implementation of line blanketing (e.g. Hubeny &
Lanz 1995; Hillier & Miller 1998; Pauldrach et al. 2001). To study the effects of
these new physics a core sample of “standard” O-type stars has been repeatedly
re-analysed. A second reason, that is at least as important, is the complex, and
time and CPU intensive nature of these quantitative spectroscopic analyses. Typ-
ically, at least a six dimensional parameter space has to be probed, i.e. effective
temperature, surface gravity, helium to hydrogen ratio, atmospheric microturbu-
lent velocity, mass-loss rate, and a measure of the acceleration of the transonic
outflow. Rotational velocities and terminal outflow velocities can be determined
to considerable accuracy by means of external methods such as rotational (de-)
convolution methods (e.g. Howarth et al. 1997) and SEI-fitting of P-Cygni lines
(e.g. Groenewegen & Lamers 1989), respectively. To get a good spectral fit it typ-
ically requires tens, sometimes hundreds of models per individual star.

In the last few years the field of massive stars has seen the fortunate devel-
opment that the number of O-type stars that have been studied spectroscopically
has been doubled (e.g. Crowther et al. 2002b; Herrero et al. 2002; Bianchi & Garcia
2002; Bouret et al. 2003; Hillier et al. 2003; Garcia & Bianchi 2004; Martins et al.
2004; Massey et al. 2004; Evans et al. 2004a). The available data set of massive O-
and early B-type stars has recently again been doubled, mainly through the ad-
vent of multi-object spectroscopy. Here we explicitly mention the VLT-FLAMES
Survey of Massive Stars (Evans et al. 2005) comprising over 100 hours of VLT time.
In this survey multi-object spectroscopy using the Fibre Large Array Multi-Element
Spectrograph (FLAMES) has been used to secure over 550 spectra (of which in ex-
cess of 50 are spectral type O) in a total of seven clusters distributed over the
Galaxy and the Magellanic Clouds.

This brings within reach different types of studies that so far could only be
attempted with a troublingly small sample of stars. These studies include estab-
lishing the mass loss behaviour of Galactic stars across the upper Hertzsprung-
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Russell diagram, from the weak winds of the late O-type dwarfs (of order
10−8 M¯yr−1) to the very strong winds of early O-type supergiants (of order
10−5 M¯yr−1); determination of the mass-loss versus metallicity dependence in
the abundance range spanned by Small Magellanic Cloud to Galactic stars; plac-
ing constraints on the theory of massive star evolution by comparing spectro-
scopic mass determinations and abundance patterns with those predicted by stel-
lar evolution computations, and the study of (projected) spatial gradients in the
mass function of O- and B-type stars in young clusters, as well as such spatial
gradients in the initial atmospheric composition of these stars.

To best perform studies such as listed above not only requires a large set of
young massive stars, it also calls for a robust, homogeneous and objective means
to analyse such datasets using models that include state-of-the-art physics. This
essentially requires an automated fitting method. Such an automated method
should not only be fast, it must also be sufficiently flexible to be able to treat
early-type stars with widely different properties (e.g. mass-loss rates that differ
by a factor of 103). Moreover, it should apply a well defined fitting criterium, like
a χ2 criterium, allowing it to work in an automated and reproducible way.

To cope with the dataset provided by the VLT-FLAMES Survey and to improve
the objectivity of the analysis, we have investigated the possibility of automated
fitting. Here we present a robust, fast, and accurate method to perform auto-
mated fitting of the continuum normalised spectra of O- and early B-type stars
with stellar winds using the fast performance stellar atmosphere code FASTWIND
(Puls et al. 2005) combined with a genetic algorithm based fitting method. This
first implementation of an automated method should therefore be seen as an im-
provement over the standard “by eye” method, and not as a replacement of this
method. The improvement lies in the fact that with the automated method large
data sets (tens or more stars), spanning a wide parameter space, can be analysed
in a repeatable and homogeneous way. It does not replace the “by eye” method
as our automated fitting method still requires a by eye continuum normalisation
as well as a human controlled line selection. This latter should address the identi-
fication and exclusion of lines that are not modelled (i.e. blends), as well as intro-
duce information on lacking physics and/or possible or potential problems in the
model atmosphere code. Future implementations of an automated fitting method
may use the absolute spectrum, preferably over a broad wavelength range. This
would eliminate the continuum rectification problem, however, it will require a
modelling of the interstellar extinction. In this way one can work towards a true
replacing of the “by eye” method by an automated approach.

In Sect. 4.2 we describe the genetic algorithm method and implementation,
and we provide a short résumé of the applied unified, non-LTE, line-blanketed at-
mosphere code FASTWIND – which is the only code to date for which the method
described here is actually achievable (in the context of analysing large data sets).
To test the method we analyse a set of 12 early type spectra in Sect. 4.3. We start
with a re-analysis of a set of seven stars in the open cluster Cyg OB2 that have
been studied by Herrero et al. (2002). The advantage of focusing on this cluster

75



CHAPTER 4

is that it has been analysed with a previous version of FASTWIND, allowing for
as meaningful a comparison as is possible, while still satisfying our preference to
present a state-of-the-art analysis. The analysis of Cyg OB2 has the added advan-
tage that all stars studied are approximately equidistant. To test the performance
of our method outside the parameter range offered by the Cyg OB2 sample we
have included an additional five well-studied stars with either low density winds
and/or very high rotational velocities. In Sect. 4.4 we describe our error analy-
sis method for the multidimensional spectral fits obtained with the automated
method. A systematic comparison of the obtained parameters with previously
determined values is given in Sect. 4.5. Implications of the newly obtained pa-
rameters on the properties of massive stars are discussed in Sect. 4.6. In the last
section we give our conclusions.

4.2 AUTOMATED FITTING USING A GENETIC ALGORITHM

4.2.1 SPECTRAL LINE FITTING AS AN OPTIMISATION PROBLEM

Spectral line fitting of early-type stars is an optimisation problem in the sense that
one tries to maximise the correspondence between a given observed spectrum
and a synthetic spectrum produced by a stellar atmosphere model. Formally
speaking one searches for the global optimum, i.e. best fit, in the parameter space
spanned by the free parameters of the stellar atmosphere model by minimising
the differences between the observed and synthesised line profiles.

Until now the preferred method to achieve this minimisation has been the
so-called fitting “by eye” method. In this method the best fit to the observed
spectrum of a certain object is determined in an iterative manner. Starting with
a first guess for the model parameters a spectrum is synthesised. The quality of
the fit to the observed spectrum is determined, as is obvious from the methods
name, by an inspection by eye. Based on what the person performing the fit
sees, for instance, whether the width of the line profiles are reproduced correctly,
combined with his/her experience and knowledge of the model and the object,
the model parameters are modified and a new spectrum is synthesised. This
procedure is repeated until the quality of the fit determined by eye cannot be
increased anymore by modifying the model parameters.

It can be questioned whether a fit constructed with the fitting “by eye” method
corresponds to the best fit possible, i.e. the global optimum. Reasons for this are,
i) the restricted size of parameter space that can be investigated, both in terms of
number of free parameters as well as absolute size of the parameter domain that
can investigated with high accuracy, ii) the limited number of free parameters that
are changed simultaneously, and iii) biases introduced by judging the quality of
a line fit by eye. The importance of the first point lies in the fact that in order
to assure that the global optimum is found, a parameter space that is as large
as possible should be explored with the same accuracy for all parameters in the
complete parameter space. If this is not the case the solution found will likely
correspond to a local optimum.
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The argument above becomes stronger in view of the second point. Spectral
fitting is a multidimensional problem in which the line profile shapes depend on
all free parameters simultaneously, though to a different extent. Consequently,
the global optimum can only be found if all parameters are allowed to vary at the
same time. The use of fit diagrams (e.g. Kudritzki & Simon 1978; Herrero et al.
1992) does not resolve this issue. These diagrams usually only take variations
in Teff and log g into account, neglecting the effects of other parameters, like mi-
croturbulence (e.g. Smith & Howarth 1998; Villamariz & Herrero 2000) and mass
loss (e.g. [Fig. 5 of] Mokiem et al. 2004), on the line profiles.

The last point implies that, strictly speaking, fitting “by eye” cannot work in
a reproducible way. There is no uniform well defined method to judge how well
a synthetic line profile fits the data by eye. More importantly, it implies that there
is no guarantee that the synthetic line profiles selected by the eye, correspond
to the profiles which match the data the best. This predominantly increases the
uncertainty in the derivation of those parameters that very sensitively react to the
line profile shape, like for instance the surface gravity.

The new fitting method presented here does not suffer from the drawbacks
discussed above. It is an automated method capable of global optimisation in a
multi-dimensional parameter space of arbitrary size (Sect. 4.2.5). As it is auto-
mated, it does not require any human intervention in finding the best fit, avoid-
ing potential biases introduced by “by eye” interpretations of line profiles. The
method described here consists of two main components. The first component is
the non-LTE stellar atmosphere code FASTWIND. Section 4.2.4 gives an overview
of the capabilities of the code and the assumptions involved. The second com-
ponent is the genetic algorithm (GA) based optimisation routine PIKAIA from
Charbonneau (1995), which is responsible for optimising the parameters of the
FASTWIND models. For the technical details of this routine and more information
on GAs we refer to the cited paper and references therein. Here we will suffice
with a short description of GAs and a description of the GA implementation with
respect to optimisation of spectral fits.

4.2.2 THE GENETIC ALGORITHM IMPLEMENTATION

Genetic algorithms represent a class of heuristic optimisation techniques, which
are inspired by the notion of evolution by means of natural selection (Darwin
1859). They provide a method of solving optimisation problems by incorporat-
ing this biological notion in a numerical fashion. This is achieved by evolving
the global solution over subsequent generations starting from a set of randomly
guessed initial solutions, so-called individuals. Selection pressure is imposed in
between generations based on the quality of the solutions, their so-called fitness.
A higher fitness implies a higher probability the solution will be selected for re-
production. Consequently, only a selected set of individuals will pass on their
“genetic material” to subsequent new generations.

To create the new generations discussed above GAs require a reproduction
mechanism. In its most basic form this mechanism consists of two genetic op-
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erators. These are the crossover operator, simulating sexual reproduction, and
the mutation operator, simulating copying errors and random effects affecting
a gene in isolation. An important benefit of these two operators is the fact that
they also introduce new genetic material into the population. This allows the GA
to explore new regions of parameters space, which is important in view of the
existence of local extremes. When the optimisation runs into a local optimum,
these two operators, where usually mutation has the strongest effect, allow for
the construction of individuals outside of this optimum, thereby allowing it to
find a path out of the local optimum. This capability to escape local extremes,
consequently, classifies GAs as global optimisers and is one of the reasons they
have been applied to many problems in and outside astrophysics (e.g. Metcalfe
et al. 2000; Gibson & Charbonneau 1998).

Using an example we can further illustrate the GA optimisation technique.
Lets assume that the optimisation problem is the minimisation of some function
f . This function has n variables, serving as the genetic building blocks, spanning
a n dimensional parameter space. The first step in solving this problem is to cre-
ate an initial population of individuals, which are sets of n parameters, randomly
distributed in parameter space. For each of these individuals the quality of their
solution is determined by simply calculating f for the specific parameter values.
Now selection pressure is imposed and the fittest individuals, i.e. those that cor-
respond to the lowest values of f , are selected to construct a new generation. As
the selected individuals represent the fittest individuals from the population, ev-
ery new generation will consist of fitter individuals, leading to a minimisation of
f , thereby, solving the optimisation problem.

With the previous example in mind we can explain our implementation of the
GA for solving the optimisation problem of spectral line fitting, with the follow-
ing scheme. We start out with a first generation of a population of FASTWIND
models randomly distributed in the free parameter space (see Sect. 4.2.5). For
each of these models it is determined how well an observed spectrum is fitted by
calculating the reduced chi squared, χ2

red,i, for each of the fitted lines i. The fitness
F, of a model is then defined as the inverted sum of the χ2

red,i’s, i.e.

F ≡
(

N
∑

i
χ2

red,i

)−1

, (4.1)

where N corresponds to the number of lines evaluated. The fittest models are se-
lected and a new generation of models is constructed based on their parameters.
From this generation the fitnesses of the models are determined and again from
the fittest individuals a new generation is constructed. This is repeated until F is
maximised, i.e. a good fit is obtained.

In terms of quantifying the fit quality Eq. (4.1) does not represent a unique
choice. Other expressions for the fitness criterium, for instance, the sum of the
inverted χ2

red,i’s of the individual lines, or the inverted χ2
red of all the spectral

points evaluated, also produce the required functionality of an increased fitness
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with an increased fit quality. We have chosen this particular form based on two
of its properties. Firstly, the evaluation of the fit quality of the lines enter into
the expression individually, ensuring that, regardless of the number of points in
a certain line, all lines are weighted equally. This allows as well for weighting
factors for individual lines, which express the quality with which the stellar at-
mosphere synthesises these lines (cf. Sect. 4.3.2). Secondly, using the inverted
sum of the χ2

red,i’s instead of the sum of the inverted χ2
red,i’s avoids having a sin-

gle line, which is fitted particularly well, to dominate the solution. Instead the
former form demands a good fit of all lines simultaneously.

4.2.3 PARALLELISATION OF THE GENETIC ALGORITHM

The ability of global optimisation of GAs comes at a price. Finding the global min-
imum requires the calculation of many generations. In Sect. 4.2.6 we will show
that for the spectra studied in this paper, the evaluation of more than a hundred
generations is needed to assure that the global optimum is found. For a typical
population size of ∼70 individuals, this comes down to the calculation of ∼7000
FASTWIND models. With a modern 3 GHz processor a single FASTWIND model
(aiming at the analysis of hydrogen and helium lines) can be calculated within
five to ten minutes. Consequently, automated fitting on a sequential computer
would be unworkable.

To overcome this problem, parallelisation of the PIKAIA routine is necessary.
This parallelisation is inspired by the work of Metcalfe & Charbonneau (2003).
Consequently, our parallel version is very similar to the version of these authors.
The main difference between the two versions, is an extra parallelisation of the
so-called elitism option in the reproduction schemes (see Metcalfe & Charbon-
neau). This was treated in a sequential manner in the Metcalfe & Charbonneau
implementation and has now been parallelised as well.

Due to the strong inherent parallelism of GAs, the parallel version of our au-
tomated fitting method scales very well with the number of processors used. Test
calculations showed that for configurations in which the population size is an
integer multiple of the number of processors the sequential overhead is negligi-
ble. Consequently, the runtime scales directly with the inverse of the number of
processors. Thus enabling the automated fitting of spectra.

4.2.4 THE NON-LTE MODEL ATMOSPHERE CODE FASTWIND

For modelling the optical spectra of our stars we use the latest version of the non-
LTE, line-blanketed atmosphere code FASTWIND for early-type stars with winds.
For a detailed description we refer to Puls et al. (2005). Here we give a short
overview of the assumptions made in this method. The code has been developed
with the emphasis on a fast performance (hence its name), which makes it currently
the best suited (and realistically only) model for use in this kind of automated
fitting methods.
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FASTWIND adopts the concept of “unified model atmospheres”, i.e. including
both a pseudo-hydrostatic photosphere and a transonic stellar wind, assuring a
smooth transition between the two. The photospheric density structure follows
from a self-consistent solution of the equation of hydrostatic equilibrium and ac-
counts for the actual temperature stratification and radiation pressure. The tem-
perature calculation utilises a flux-correction method in the lower atmosphere
and the thermal balance of electrons in the outer atmosphere (with a lower cut-
off at Tmin = 0.5Teff). In the photosphere the velocity structure, v(r), corresponds
to quasi-hydrostatic equilibrium; outside of this regime, in the region of the sonic
velocity and in the super-sonic wind regime it is prescribed by a standard β-type
velocity law, i.e.

v(r) = v∞
(

1 − r◦
r
)β

, (4.2)

where v∞ is the terminal velocity of the wind. The parameter r◦ is used to assure
a smooth connection, and β is a measure of the flow acceleration.

The code distinguishes between explicit elements (in our case hydrogen and
helium) and background elements (most importantly: C, N, O, Ne, Mg, Si, S, Ar,
Fe, Ni). The explicit elements are used as diagnostic tools and are treated with
high precision, i.e. by detailed atomic models and by means of co-moving-frame
transport for the line transitions. The H I and He II model atoms consist of 20 lev-
els each; the He I model includes levels up to and including n = 10, where levels
with n ≥ 8 have been packed. The background ions are included to allow for the
effects of line-blocking (treated in an approximate way by using suitable means
for the corresponding line opacities) and line-blanketing. Occupation numbers
and opacities of both the explicit and the most abundant background ions are
constrained by assuming statistical equilibrium. The only difference between the
treatment of these types of ions is that for the background ions the Sobolev ap-
proximation is used in describing the line transfer (accounting for the actual illu-
mination radiation field).

Abundances of the background elements are taken from the solar values pro-
vided by Grevesse & Sauval (1998, and references therein). The He/H ratio is not
fixed and can be scaled independently from the background element abundances.

A comparison between the optical H and He lines as synthesised by FAST-
WIND and those predicted by the independent comparison code CMFGEN (Hillier
& Miller 1998) show excellent agreement, save for the He I singlet lines in the tem-
perature range between 36 000 and 41 000 K for dwarfs and between 31 000 and
35 000 K for supergiants, where CMFGEN predicts weaker lines. We give account
of this discrepancy, and therefore of an increased uncertainty in the reproduction
of these lines, by introducing weighting factors, which for the He I singlets of stars
in these ranges are lower (cf. Sect. 4.3.2).

4.2.5 FIT PARAMETERS

The main parameters which will be determined from a spectral fit using FAST-
WIND are the effective temperature Teff, the surface gravity g, the microturbulent
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velocity vturb, the helium over hydrogen number density YHe, the mass loss rate
Ṁ and the exponent of the beta-type velocity law β. These parameters span the
free parameter space of our fitting method. The stellar radius, R?, is not a free
parameter as its value is constrained by the absolute visual magnitude MV . To
calculate R? we adopt the procedure outlined in Kudritzki (1980), i.e.

5 log R/R¯ = 29.57 − (MV − V) , (4.3)

where V is the visual flux of the theoretical model given by

−2.5 log
Z ∞

0
FλSλdλ . (4.4)

In the above equation Sλ is the V-filter function of Matthews & Sandage (1963)
and Fλ is the theoretical stellar flux. Note that as R? is an input parameter, Fλ

is not known before the FASTWIND model is calculated. Therefore, during the
automated fitting we approximate Fλ by a black body radiating at T = 0.9Teff (cf.
Markova et al. 2004). After the fit is completed we use the theoretical flux from
the best fit model to calculate the non approximated stellar radius. Based on this
radius we rescale the mass loss rate using the invariant wind-strength parameter
Q (Puls et al. 1996; de Koter et al. 1997)

Q =
Ṁ

(v∞R?)
3
2

. (4.5)

The largest difference between the approximated and final stellar radius for the
objects studied here, is ∼2 percent. The corresponding rescaling in Ṁ is approxi-
mately three percent.

The projected rotation velocity, vr sin i, and terminal velocity of the wind are
not treated as free parameters. The value of vr sin i is determined from the broad-
ening of weak metal lines and the width of the He I lines. For v∞ we adopt values
obtained from the study of ultraviolet (UV) resonance lines, or, if not available,
values from calibrations are used.

Our fitting method only requires the size of the free parameter domain to be
specified. For the objects studied in this paper we keep the boundaries between
which the parameters are allowed to vary, fixed for vturb, YHe and β. The adopted
ranges, respectively, are [0, 20] km s−1, [0.05, 0.30] and [0.5, 1.5]. The boundaries
for Teff are set based on the spectral type and luminosity class of the studied ob-
ject. Usually the size of this range is set to approximately 5000 K. The log g range
is delimited so that the implied stellar mass lies between reasonable boundaries.
For instance for the B1 I star Cyg OB2 #2 the adopted Teff range together with
its absolute visual magnitude imply a possible range in R? of [11.5:12.0]R¯. For
the automated fit we set the minimum and maximum log g to 3.1 and 3.8, re-
spectively, which sets the corresponding mass range that will be investigated to
[5.0:25.2] M¯. For the mass loss rate we adopt a conservative range of at least
one order of magnitude. As example for the analysis of Cyg OB2 #2 we adopted
lower and upper boundaries of 4 × 10−8 and 2 × 10−6 M¯yr−1, respectively.
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4.2.6 FORMAL TESTS OF CONVERGENCE

Before we apply our automated fitting method to real spectra, we first test
whether the method is capable of global optimisation. For this we perform con-
vergence tests using synthetic data. The main goal of these tests is to determine
how well and how fast the input parameters, used to create the synthetic data,
can be recovered with the method. The speed with which the input parameters
are recovered, i.e. the number of generations needed to find the global optimum,
can then be used to determine how many generations are needed to obtain the
best fit for a real spectrum. In other words, when the fit has converged to the
global optimum.

Three synthetic datasets, denoted by A, B and C, were created with the follow-
ing procedure. First, line profiles of Balmer hydrogen lines and helium lines in
the optical blue and Hα in the red calculated by FASTWIND were convolved with
a rotational broadening profile. Table 4.1 lists the parameters of the three sets of
models as well as the projected rotational velocity used. A second convolution
with a Gaussian instrumental profile was applied to obtain a spectral resolution
of 0.8 Å and 1.3 Å for, respectively, the Hα line and all other lines. These values
correspond to the minimum resolution of the spectra fitted in Sect. 4.3. Finally,
Gaussian distributed noise, corresponding to a signal to noise value of 100, was
added to the profiles. Dataset A represents an O3 I star with a very dense stellar
wind (Ṁ = 10−5 M¯yr−1), while set B is that of an O5.5 I with a more typical O-
star mass loss. The last set C is characteristic for a B0 V star with a very tenuous
wind of only 10−8 M¯yr−1.

From the synthetic datasets we fitted nine lines, three hydrogen, three neutral
helium and three singly ionised helium lines, corresponding to the minimum set
of lines fitted for a single object in Sect. 4.3. The fits were obtained by evolving a
population of 72 FASTWIND models over a course of 200 generations. In this test
and throughout the remainder of the paper we use PIKAIA with a dynamically
adjustable mutation rate, with the minimum and maximum mutation rate set to
the default values (see Charbonneau & Knapp 1995). Selection pressure, i.e. the
weighting of the probability an individual will be selected for reproduction based
on its fitness, was also set to the default value.

Table 4.1 lists the parameter ranges in which the method was allowed to
search, i.e. the minimum and maximum values allowed for the parameters of
the FASTWIND models. As v∞ and vr sin i are not free parameters these were set
equal to the input values.

In all the three test cases the automated method was able to recover the global
optimum. Table 4.1 lists the parameters of the best fit models obtained by the
method in the “Out” columns. Compared to the parameters used to create the
synthetic data, there is very good agreement. Moderate differences (of a 15-20%
level) are found for vturb recovered from dataset A and for the wind parameters β
and Ṁ recovered from dataset C. This was to be expected. In the case of the wind
parameters the precision with which information about these parameters can be
recovered from the line profiles decreases with decreasing wind density (e.g. Puls
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Table 4.1: Input parameters of the formal test models (“In” column) and parameters obtained with the automated fitting method by
fitting synthetic data created from these models (“Out” column). Results were obtained by evolving a population of 72 FASTWIND
models over 200 generations.

Set A Search Set B Search Set C Search
In range Out In range Out In range Out

Spectral type O3 I O5.5 I B0 V
Teff [kK] 45.0 [42, 47] 45.0 37.5 [35, 40] 37.6 30.0 [28, 34] 29.9
log g [cm s−2] 3.80 [3.5, 4.0] 3.84 3.60 [3.3, 3.9] 3.57 4.00 [3.7, 4.3] 3.95
R? [R¯] 17.0 − 20.0 − 8.0 −
log L? [L¯] 6.03 − 5.85 − 4.67 −
vturb [km s−1] 5.0 [0, 20] 5.9 10.0 [0, 20] 9.7 15.0 [0, 20] 14.8
YHe 0.15 [0.05, 0.30] 0.15 0.10 [0.05, 0.30] 0.10 0.10 [0.05, 0.30] 0.10
Ṁ [10−6 M¯yr−1] 10.0 [1.0, 20.0] 9.3 5.0 [1.0, 10.0] 5.3 0.01 [0.001, 0.2] 0.008
β 1.20 [0.5, 1.5] 1.18 1.00 [0.5, 1.5] 0.99 0.80 [0.5, 1.5] 0.93
v∞ [km s−1] 2500 − 2200 − 2000 −
vr sin i [km s−1] 150 − 120 − 90 −
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Figure 4.1: Evolution of the best fitting model parameters for formal test B. From the
200 generation run only the first 75 generations are shown. For this specific data set the
location of the global optimum is found within 50 generations. This is indicated by the
highest fitness found during the run, which is shown as a grey dashed line and is scaled
to the right vertical axis. The fitness is normalised with respect to the fitness of the model
used to create the synthetic data (the data being this model plus noise).

et al. 1996). Still, the precision with which the wind parameters are recovered for
the weak wind data set C, is remarkable.

A similar reasoning applies for the microturbulent velocity recovered from
data set A. For low values of the microturbulence, i.e. vturb < vth, thermal broad-
ening will dominate over broadening due to microturbulence. This decreases the
precision with which this parameter can be recovered from the line profiles. Re-
alising that in case of this dataset for helium vth ≈ 14 km s−1, again, the precision
with which vturb is recovered, is impressive.

To illustrate how quickly and how well the input parameters are recovered
Fig. 4.1 shows the evolution of the fit parameters during the fit of synthetic
dataset B. Also shown, as a grey dashed line, is the fitness of the best fitting model
found, during the run. This fitness is normalised with respect to the fitness of the
model used to create the synthetic data (the data being the combination of this
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model and noise). Note that the final maximum normalised fitness found by the
method exceeds 1.0, which is due to the added noise allowing a further fine tun-
ing of the parameters by the GA based optimisation. As can be seen in this figure
the method modifies multiple parameters simultaneously to produce a better fit.
This allows for an efficient exploration of parameter space and, more importantly,
it allows for the method to actually find the global optimum.

In the case of dataset B finding the global optimum required only a few tens
of generations (∼30). For the other two datasets all save one parameter were well
established within this number of generations. To establish the very low value of
vturb in dataset A and the very low Ṁ in dataset C required ∼100 generations. We
will adopt 150 generations to fit the spectra in Sect. 4.3. One reason, obviously,
is to safeguard that the global optimum is found. A second reason, however,
is that it assures that the errors on the model parameters that we determine are
meaningful (i.e. it assures that the error on the error is modest, see also Sect. 4.4).

We consider doing such a formal test as performed above as part of the analy-
sis of a set of observed spectra, as the exact number of generations required is, in
principle, a function of e.g. the signal-to-noise ratio and the spectral resolution.
Also, special circumstances may play a role, such as potential nebular contami-
nation (in which case the impact of removing the line cores from the fit procedure
needs to be assessed).

4.3 SPECTRAL ANALYSIS OF EARLY-TYPE STARS

In this section we apply our fitting method to seven stars in the open cluster
Cyg OB2, previously analysed by Herrero et al. (2002) and five “standard” early-
type stars, 10 Lac, τ Sco, ζ Oph, HD 15629 and HD 217086, previously analysed
by various authors.

4.3.1 DESCRIPTION OF THE DATA

Table 4.2 lists the basic properties of the data used for the analysis. All spectra
studied have a S/N of at least 100. The spectral resolution of the data in the blue
(regions between ∼4000 and ∼5000 Å) and the red (region around Hα) is given
in Tab. 4.2.

The optical spectra of the stars in Cyg OB2 were obtained by Herrero et al.
(1999) and Herrero et al. (2000). Absolute visual magnitudes of the Cyg OB2
objects were adopted from Massey & Thompson (1991), and correspond to a dis-
tance modulus of 11.2m. Note that for object #8A Tab. 7 in Massey & Thompson
contains an incorrect V0 value of 4.08m. This should have been 4.26m conform the
absorption given in this table and the visual magnitude in their Tab. 2. For vr sin i
values determined by Herrero et al. (2002) are used, with the exception of objects
#8A and #10. For these we found that the He I and metal lines are somewhat
better reproduced if we adopt vr sin i that are higher by ∼35% and ∼10%, respec-
tively. Terminal flow velocities of the wind have been obtained from UV spectra
obtained with Hubble Space Telescope (cf. Herrero et al. 2001). Data of HD 15629,
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Table 4.2: Basic parameters of the early type stars studied here. Spectral types are taken
from Massey & Thompson (1991), Walborn (1972, 1973) and Conti & Alschuler (1971). Blue
and red resolution, respectively, correspond to the region between ∼4000 and ∼5000 Å and
the region around Hα.

Star Spectral MV Blue Red vr sin i v∞

Type res. [Å] res. [Å] [km s−1] [km s−1]
Cyg OB2 #7 O3 If∗ −5.91 0.6 0.8 105 3080
Cyg OB2 #11 O5 If+ −6.51 1.3 0.8 120 2300
Cyg OB2 #8C O5 If −5.61 1.3 0.8 145 2650
Cyg OB2 #8A O5.5 I(f) −6.91 0.6 0.8 130 2650
Cyg OB2 #4 O7 III((f)) −5.44 1.3 0.8 125 2550
Cyg OB2 #10 O9.5 I −6.86 0.6 0.8 95 1650
Cyg OB2 #2 B1 I −4.64 0.6 0.8 50 1250
HD 15629 O5 V((f)) −5.50 0.6 0.8 90 3200
HD 217086 O7 Vn −4.50 0.6 0.8 350 2550
10 Lac O9 V −4.40 0.6 0.6 35 1140
ζ Oph O9 V −4.35 0.6 0.8 400 1550
τ Sco B0.2 V −3.10 0.2 0.2 5 2000

HD 217086 and ζ Oph are from Herrero et al. (1992) and Herrero (1993). For MV ,
v∞ and vr sin i values given by Repolust et al. (2004) are adopted. The distances to
these objects are based on spectroscopic parallaxes, except for ζ Oph which has a
reliable Hipparcos distance (Schröder et al. 2004).

The spectrum of 10 Lac was obtained by Herrero et al. (2002). The absolute
visual magnitude of this star is from Herrero et al. (1992). For v∞ we adopted the
minimum value which is approximately equal to the escape velocity at the stellar
surface of this object. For the projected rotational velocity we adopt 35 km s−1.
The blue spectrum of τ Sco is from Kilian (1992). The red region around Hα was
observed by Zaal et al. (1999). For τ Sco we also adopt the Hipparcos distance.
This distance results in an absolute visual magnitude which is rather large for the
spectral type of this object, but is in between the MV adopted by Kilian (1992) and
Humphreys (1978). For the projected rotational velocity a value of 5 km s−1 was
adopted.

4.3.2 LINES SELECTED FOR FITTING AND WEIGHTING SCHEME

For the analysis FASTWIND will fit the hydrogen and helium spectrum of the in-
vestigated objects. Depending on the wavelength range of the available data,
these lines comprise for hydrogen the Balmer lines Hα, Hβ, Hγ and Hδ; for He I
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Table 4.3: Line weighting scheme adopted for different spectral types and luminosity
classes for the objects fitted in this paper. Late, mid and early spectral type correspond
to, respectively, [O2-O5.5], [O6-O7.5] and [O8-B1]. The weights are implemented in the
fitness definition according to Eq. (4.6) and have values of 1.0, 0.5 and 0.25 in case of h, m
and l, respectively.

Dwarfs Super Giants
Late Mid Early Late Mid Early

H Balmer h h h h h h
He I singlets h l l h l l
He I 4026 h h h h h h
He I 4471 h h h l m h
He I 4713 h h h h h h
He II 4686 h m m m m m
He II 4541 h h h h h h
He II 4200 m m m m m m

the singlet lines at 4387 and 4922 Å, the He I triplet lines at 4026, which is blended
with He II, 4471 and 4713 Å; and finally for He II the lines at 4200, 4541 and 4686 Å.

For an efficient and reliable use of the automated method we have to incor-
porate into it the expertise that we have developed in the analysis of OB stars.
The method has to take into account that some lines may be blended or that they
cannot be completely reproduced by the model atmosphere code for whatever
reason. For example, the so-called “generalised dilution effect” Voels et al. (1989),
present in the He I λ4471 line in late type supergiants, that is still lacking an ex-
planation.

To that end we have divided the stars in two classes (“dwarfs” and “super-
giants”, following their luminosity class classification1), and three groups in each
class (following spectral types). We have then a total of six stellar groups, and
have assigned the spectral lines different weights depending on their behaviour
in each stellar group. This behaviour represents the expertise from years of “by
eye” data analysis that is being translated to the method. Three different weights
are assigned to each line: high, to lines very reliable for the analysis; medium,
and low. The implementation of these weights into the fitness definition is given
by

F ≡
(

N
∑

i
wiχ

2
red,i

)−1

, (4.6)

1For the one giant in our sample, Cyg OB2 #4, we have adopted the line weighting scheme for
dwarfs.
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where the parameter wi corresponds to the weight of a specific line.
Table 4.2 gives the weights assigned to each line in each stellar group. We will

only briefly comment on the low or medium weights. He I singlets are assigned a
low weight for mid-type stars because of the singlet differential behaviour found
between FASTWIND and CMFGEN (Puls et al. 2005), while they are very weak
for early-type stars. In these two cases therefore we prefer to rely on the triplet
He I λ4471 line. To this line, however, a low weight is assigned at late-type super-
giants because of the above mentioned dilution effect.

He II λ4686 is only assigned a medium weight (except for late type dwarfs),
as this line is not always completely consistent with the mass-loss rates derived
from Hα. He II λ4200 is sometimes blended with N III λ4200, and sometimes it is
not completely consistent with the rest of the He II lines. He I and He II lines at
4026 Å do overlap, but for both lines we find a consistent behaviour.

The highest weight is therefore given to the Balmer lines plus the He II λ4541
and the He I/He II 4026 lines, which define the He ionisation balance with
He I λ4471 or the singlet He I lines. Note however that, as discussed above, all
lines fit simultaneously in a satisfactory way for our best fitting models.

4.3.3 FITS AND COMMENTS ON THE INDIVIDUAL ANALYSIS

In the following we will present the fits that were obtained by the automated
method for our sample of 12 early type stars, and comment on the individual
analysis of the objects. Listed in Tab. 4.4 are the values determined for the six free
parameters investigated and quantities derived from these.

ANALYSIS OF THE CYG OB2 STARS

The Cyg OB2 objects studied here were previously analysed by Herrero et al.
(2002, hereafter HPN). We opted to reanalyse these stars (to test our method) as
these stars have equal distances and have been analysed in a homogeneous way
using (an earlier version of) the same model atmosphere code. In Sect. 4.5 we
will systematically compare our results with those obtained by HPN. Here, we
will incidentally discuss the agreement if this turns out to be relatively poor or
if the absolute value of a parameter seems unexpected, and we wanted to test
possible causes for the discrepancy.

Cyg OB2 #7 The best fit obtained with our automated fitting method for
Cyg OB2 #7 is shown in Fig. 4.2. For all hydrogen lines fitted, including Hδ not
shown here, and all He II lines the fits are of very good quality. Note that given
the noise level the fits of the He I lines are also acceptable.

Interesting to mention is the manner in which the He I and He II blend at
4026 Å is fitted. At first sight, i.e. “by eye”, it seems that the fit is of poor quality,
as the line wings of the synthetic profile runs through “features” which might be
attributed to blends of weak photospheric metal lines. However, the broadest of
these features have a half maximum width of ∼70 km s−1, which is much smaller
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Table 4.4: Results obtained for the investigated early type stars using GA optimised spectral fits. The spectra were fitted by evolving a
population of 72 FASTWIND models over a course of 150 generations. Spectroscopic masses Ms are calculated with the gravities corrected
for centrifugal acceleration log gc. Evolutionary masses Mev are from Schaller et al. (1992). The error bars on the derived parameters are
given in Tab. 4.5 and are discussed in Sect. 4.4.

Star Teff log g log gc R? log L? YHe vturb Ṁ β Ms Mev

[kK] [cm s−2] [cm s−2] [R¯] [L¯] [km s−1] [M¯yr−1] [M¯] [M¯]
Cyg OB2 #7 45.8 3.93 3.94 14.4 5.91 0.21 19.9 9.98·10−6 0.77 65.1 67.8
Cyg OB2 #11 36.5 3.62 3.63 22.1 5.89 0.10 19.8 7.36·10−6 1.03 75.9 55.6
Cyg OB2 #8C 41.8 3.73 3.74 13.3 5.69 0.13 0.5 3.37·10−6 0.85 36.0 49.2
Cyg OB2 #8A 38.2 3.56 3.57 25.6 6.10 0.14 18.3 1.04·10−5 0.74 89.0 74.4
Cyg OB2 #4 34.9 3.50 3.52 13.7 5.40 0.10 18.9 8.39·10−7 1.16 22.4 32.5
Cyg OB2 #10 29.7 3.23 3.24 29.9 5.79 0.08 17.0 2.63·10−6 1.05 56.0 45.9
Cyg OB2 #2 28.7 3.56 3.57 11.3 4.88 0.08 16.5 1.63·10−7 0.801) 17.0 18.7
HD 15629 42.0 3.81 3.82 12.6 5.64 0.10 8.6 9.28·10−7 1.18 37.8 47.4
HD 217086 38.1 3.91 4.01 8.30 5.11 0.09 17.1 2.09·10−7 1.27 25.7 28.5
10 Lac 36.0 4.03 4.03 8.27 5.01 0.09 15.5 6.06·10−8 0.801) 26.9 24.9
ζ Oph 32.1 3.62 3.83 8.9 4.88 0.11 19.7 1.43·10−7 0.801) 19.5 20.3
τ Sco 31.9 4.15 4.15 5.2 4.39 0.12 10.8 6.14·10−8 0.801) 13.7 16.0

1) assumed fixed value
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Figure 4.2: Comparison of the observed line profiles of Cyg OB2 #7 with the best fit ob-
tained by the automated fitting method (dashed lines). Note that the He II line at 6527.1 Å
is not included in the fit and, therefore, disregarded by the automated method. Horizontal
axis gives the wavelength in Å. Vertical axises give the continuum normalised flux and are
scaled differently for each line. In this figure the dotted lines correspond to a fit obtained
for a helium abundance fixed at 0.1. See text for further comments.

than the projected rotational velocity of 105 km s−1. Consequently, these features
are dominated by pure noise.

Compared to the investigation of HPN we have partial agreement between
the derived parameters. The mass loss rate, Teff and to a lesser degree β agree very
well. For log g and the helium abundance we find, however, large differences.
The log g value obtained here is ∼0.2 dex larger, which results in a spectroscopic
mass of 65.1 M¯. A value which is in good agreement with the evolutionary mass
of 67.8 M¯.

The helium abundance needed to fit this object is 0.21, which is considerably
lower than the value obtained by HPN, who found an abundance ratio of 0.31.
This large value still corresponds to a strong helium surface enrichment. An in-
teresting question we need to address, is whether this is a real enrichment and
not an artifact that is attributable to a degeneracy effect of Teff and YHe. The latter
can be the case, as no He I lines are present in the optical spectrum of Cyg OB2 #7.
This issue can be resolved with our fitting method by refitting the spectrum with
a helium abundance fixed at a lower value than previously obtained. If Teff and YHe
are truly degenerate this would again yield a good fit, however for a different Teff.

Shown as dotted lines in Fig. 4.2 are the results of refitting Cyg OB2 #7 with
a helium abundance fixed at the solar value. For this lower YHe a Teff that is
lower by ∼2.1 kK was obtained. This was to be expected as for this temperature
regime He III is the dominant ionisation stage. When consequently YHe is reduced
a reduction of the temperature is required to fit the He II lines. The reduction of
Teff obtained is the maximum for which still a good fit of the hydrogen lines is
possible and the He I lines do not become too strong. More importantly, in Fig. 4.2
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Figure 4.3: Same as Fig. 4.2, however for Cyg OB2 #11

it is shown that even with this large reduction of Teff the He II lines cannot be
fitted. This implies that Teff and YHe are not degenerate and the obtained helium
enrichment is real.

Cyg OB2 #11 Figure 4.3 shows the fit to Cyg OB2 #11. In general all lines are
reproduced correctly. There is a slight under prediction of the cores of Hγ and
He II λ4541, a problem that was also pointed out by Herrero et al. (1992) and
HPN. Possibly this is due to too much filling in of the predicted profiles by wind
emission. Part of the He II λ4541 discrepancy might be related to problems in the
theoretical broadening functions (see Repolust et al. 2005).

The parameters obtained for this object, with exception of Ṁ, are in agree-
ment with the parameters derived by HPN. With our automated method a mass
loss rate lower by ∼0.1 dex was obtained. Note that due to this lower value the
behaviour of this object in terms of its modified wind momentum (cf. Sect. 4.5.4)
is in better accord with that of the bulk of the stars investigated in this paper.

Cyg OB2 #8C The best fit for Cyg OB2 #8C is shown in Fig. 4.4. Again, with
exception of the mass loss rate, the parameters we obtain for this object are in
good agreement with the findings of HPN. We do find a small helium abundance
enhancement, whereas HPN found a solar value.

To fit the P Cygni type profile of He II at 4686 Å, the automated method used a
Ṁ which, compared to these authors, was higher by approximately 0.15 dex. This
higher value for the mass loss rate results in a Hα profile which, at first sight,
looks to be filled in too much by wind emission. To assess whether this could
correspond to a significant overestimation of the mass loss rate, we lowered Ṁ in
the best fit model by hand until the core of Hα was fitted. In Fig. 4.4 the resulting
line profiles are shown as a dotted line for Hα and He II λ4686, which for this
fit are the lines which visibly reacted to the change in mass loss rate. To obtain
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Figure 4.4: Same as Fig. 4.2, however for Cyg OB2 #8C. Shown with a dotted line for Hα
and He II λ4686 are the line profiles of a model with a 0.05 dex lower Ṁ, which “by eye”
fits the core of Hα. See text for further comments.

this fit “by eye” of the Hα core, a reduction of Ṁ with merely 0.05 dex was re-
quired, showing that the mass loss rate was not overestimated by the automated
method. Note that for this lower mass loss rate the fit of the He II λ4686 becomes
significantly poorer.

Cyg OB2 #8A De Becker et al. (2004) report this to be a O6 I and O5.5 III binary
system, therefore the derived parameters, in particular the spectroscopically de-
termined mass, should be taken with care. However, as this paper also aims to
test automated fitting we did pursue the comparison of this object with HPN,
who also treated the system assuming it to be a single star.

We obtained a good fit for all lines except for the problematic He II λ4686 line.
The best fit is shown in Fig. 4.5. Again the Hα core is not fitted perfectly. To
determine how significant this small discrepancy is, we fitted the Hα core in a
similar manner as for Cyg OB2 #8C. To obtain a good fit “by eye” we find that
Ṁ has to be increased by 0.04 dex, indicating the extreme sensitivity of Hα to Ṁ
in this regime. The profiles corresponding to the increased mass loss rate model
are shown in Fig. 4.5 as dotted lines. It is clear that not only the “classical” wind
lines react strongly to Ṁ. All synthetic hydrogen Balmer line profiles show sig-
nificant filling in due to wind emission for an increased mass loss, deteriorating
the fit quality. Also the He I λ4471 line shows a decrease in core strength which
is comparable to the decrease in the Hα core. This reconfirms that in order to
self-consistently determine the mass loss rate all lines need to be fitted simulta-
neously. Therefore, a small discrepancy in the Hα core between the observed and
synthetic line profile should not be considered a decisive reason to reject a fit.

Except for YHe the obtained parameters agree with the results of HPN within
the errors given by these authors. Similar to Cyg OB2 #8C we find a small helium
enhancement.
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Figure 4.5: Same as Fig. 4.2, however for Cyg OB2 #8A. The dotted lines correspond to a
model with a Ṁ higher by 0.04 dex. This mass loss rate was obtained by fitting the best
fit model, found by the automated method, “by eye” to the Hα core. Even though the
fit obtained with the higher Ṁ results in a fit of Hα which is more pleasing to the eye in
the line core, this higher mass loss rate does not describe this object the best. This can be
seen best from the reduced fit quality of the other hydrogen Balmer lines and the severe
mismatch of He I λ4471. See text for further comments.

Cyg OB2 #4 The final fit to the spectrum of Cyg OB2 #4 is presented in Fig. 4.6.
We obtained good fits for all lines, with exception of the helium singlet at 4922 Å,
for which the core is predicted too strong. However, recall that for this spectral
type we assigned a relatively low weight to this line, for reasons explained in
Sect. 4.3.2.

The parameters obtained from the fit agree well with the values of HPN, with
exception of β, for which we find a value higher by ∼0.2. Note that HPN used
a fixed value for β to obtain their fit, whereas in this case the automated method
self-consistently derived this parameter.

The spectroscopic mass implied by the obtained log g value is significantly
smaller than the evolutionary mass of Cyg OB2 #4. However, within the error
bars (Sect. 4.4) the two masses agree with each other.

Cyg OB2 #10 In the final fit for this object, shown in Fig. 4.7, there are two
problematic lines. First, for the He II λ4686 line the core is predicted too strong.
Even though compared to HPN the situation has improved considerably, the cur-
rent version of FASTWIND still has difficulties predicting this line. Second, the
predicted He I λ4471 is too weak. Possibly this is connected to the generalised
dilution effect, for which we refer to Repolust et al. (2004) for a recent discussion.

In Fig. 4.7 we also see that the Hα core of Cyg OB2 #10 exhibits an emission
feature. For this analysis we assumed that is was nebular and, consequently,
excluded it from the fit. To test what the effect would be if this assumption was
incorrect, a fit was made with this feature included in the profile. It turned out
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Figure 4.6: Same as Fig. 4.2, however for Cyg OB2 #4.
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Figure 4.7: Same as Fig. 4.2, however for Cyg OB2 #10. The emission feature in the core of
Hα was not included in the fit. A subsequent test which did include this feature in the fit
yielded the same parameters except for a small increase of Ṁ with 0.04 dex.

that the only parameter which was affected in this test was Ṁ, which showed a
small increase of 0.04 dex.

Cyg OB2 #2 For Cyg OB2 #2 the automated method could not self-consistently
determine β. Therefore, we fixed its value at a theoretically predicted β = 0.8 (cf.
Pauldrach et al. 1986). In Fig. 4.8 the best fit is shown. We obtained good fits for
all lines. However, in the case of He I λ4471 we do see a small under prediction
of the forbidden component at 4469 Å, which is likely related to incorrect line-
broadening functions.

For log g and Ṁ the obtained fit parameters differ considerably from the find-
ings of HPN. We first focus on mass loss for which we obtain the relatively low
rate of 1.63 × 10−7 M¯yr−1 with an error bar in the logarithm of this value of
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Figure 4.8: Same as Fig. 4.2, however for Cyg OB2 #2. Shown with dotted lines for Hα is
the line profile of the best fit model with a Ṁ lower by a factor of 3. See text for further
comments.

−0.15 and +0.12 dex (see Tab. 4.5), given the quoted value of β. Our Ṁ value
is approximately a factor two higher than the mass loss rate obtained by HPN.
These authors noted that it was not possible to well constrain the mass loss rate
of such a weak wind. Given the relatively modest errors indicated by our auto-
mated fitting method, we conclude that at least in principle our technique allows
to determine mass loss rates of winds as weak as that of Cyg OB2 #2. We have
added the phrase “in principle” as it assumes the notion of beta and a very reli-
able continuum normalisation, which is in this is case different from the one used
by HPN for the He II 4541, He II 4686 and Hα lines. If this can not be assured, then
systematic errors may dominate over the characteristic fitting error and the mass
loss may be much less well constrained. Assuming the continuum location to be
reliable, we illustrate the sensitivity of the spectrum to mass loss rates of ∼10−7

M¯yr−1 by reducing the mass loss by a factor of three. The Hα profile of this re-
duced mass loss model is shown in Fig. 4.8 as a dotted line. Comparison of these
two cases shows that for winds of order 10−7 M¯yr−1 the line still contain con-
siderable Ṁ information. Interestingly, if we would not take into consideration
the line core of Hα in our fitting method, we still recover the quoted mass loss to
within three percent. We note that for our higher mass loss this object appears to
behave well in the wind momentum luminosity relation (see Sect. 4.5.4), whereas
HPN signal a discrepancy when using their estimated Ṁ value.

The log g value obtained in this study is 0.36 dex larger than the value ob-
tained “by eye” by HPN. Judging from the very good fits obtained, there is no
indication that the automated fit overestimated the gravity. The spectroscopic
mass of 17.0 M¯ implied by the larger log g value, is also in good agreement with
the evolutionary mass of Cyg OB2 #2, which is 18.7 M¯.
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Figure 4.9: Same as Fig. 4.2, however for HD 15629.

ANALYSIS OF WELL STUDIED DWARF OB-STARS

We have also reanalysed five well known and well studied dwarf OB-stars, sam-
pling the range of O spectral sub-types, in order to probe a part of parameter
space that is not well covered by the Cyg OB2 stars. HD 217086 and ζ Oph, for
instance, are fast rotators with vr sin i = 350 and 400 km s−1 respectively (see also
Tab. 4.2). 10 Lac is a slow rotator, and τ Sco is a very slow rotator. The latter two
stars also feature very low mass loss rates, moreover, the actual Ṁ values of these
stars are much debated (see Martins et al. 2004). HD 15629 is selected because it
appears relatively normal.

HD 15629 Apart from a slight over-prediction of the core strength in He II λ4200,
a very good fit was obtained for this object. The final fit is presented in Fig. 4.9.
This object has recently been studied by Repolust et al. (2004, hereafter RPH).
Compared to the parameters obtained by these authors, we find good agreement
except for Teff, Ṁ and β. Note that in contrast to this study we do not find a
helium deficiency. However, the difference of 0.02 with respect to the solar value
obtained here is within the error quoted by RPH.

The difference in wind parameters can be explained by the value of β = 0.8
assumed by RPH. Our self-consistently derived value for β = 1.18. As the effect
of β on the spectrum is connected to the mass loss rate through the velocity law
and the continuity equation, the lower Ṁ obtained with the automated method
is explained.

The 1.5 kK increase of Teff compared to RPH can be attributed to the improved
fit quality and the increase in log g of 0.1 dex. An increase in log g implies an in-
crease in electron density, resulting in an increase in the recombination rate. The
strength of both the He I and He II lines depend on this rate, as the involved levels
are mainly populated through recombination. Consequently, as He III is the dom-
inant ionisation stage in the atmosphere of HD 15629 the strength of the He I and

96



SPECTRAL ANALYSIS USING A GENETIC ALGORITHM

0.80

0.90

1.00

 4080  4100  4120

Hδ

0.80

0.90

1.00

 4320  4340  4360

Hγ

0.80

0.90

1.00

 4840  4860  4880

Hβ

0.80

0.90

1.00

 6540  6560  6580

Hα

0.98

1.00

 4380  4390  4400

HeI 4387

0.94

0.97

1.00

 4463  4471  4479

HeI 4471

0.96

0.98

1.00

 4914  4922  4930

HeI 4922

0.92

0.96

1.00

 4190  4200  4210

HeII 4200

0.92

0.96

1.00

 4530  4540  4550

HeII 4541

0.90

0.95

1.00

 4675  4685  4695

HeII 4686

Figure 4.10: Same as Fig. 4.2, however for HD 217086.

He II lines will increase when the recombination rate increases. To compensate for
this increase in line strength an increase in Teff, decreasing the ionisation fractions
of He I and He II, is necessary.

HD 217086 With a projected rotational velocity of 350 km s−1 this object can be
considered to be a fast rotator, and our analysis of this object will show how well
the automated method can handle large vr sin i. In Fig. 4.10 the best fit obtained
with our method is presented. We find that the large projected rotational velocity
does not pose any problem for the method, i.e. the fit quality of all the lines fitted
is very good.

With respect to the obtained parameters, again, these can be compared to the
work of RPH. In this comparison we find considerable differences for Teff and
log g and a small difference for YHe. The effective temperature found by the auto-
mated method is 2.1 kK higher. This is a significant increase, but when the log g
value obtained here is considered, this can be explained in a similar manner as
the Teff increase of HD 15629.

The best fit is obtained with a log g value that is 0.29 dex higher than the value
from RPH. Judging from the line profiles in Fig. 4.10 there is no evidence for
an overestimation of log g. This higher log g removes the discrepancy with the
calibration of Markova et al. (2004) found by RPH (see Fig. 17 in RPH). We also
note that, similar to Cyg OB2 #2, the increased log g implies a spectroscopic mass
which agrees well with the evolutionary mass of HD 217086 (cf. Tab. 4.4). This is
not the case for the value determined by RPH, which points to a clear discrepancy.

The considerable helium abundance enhancement found by RPH is not repro-
duced by the automated method. Even though this object is a rapid rotator, our
fit indicates a normal, i.e. solar, helium abundance.

10 Lac Like in the case of Cyg OB2 #2, and for the remaining objects, the wind
is too weak to self-consistently determine β. Therefore, again a value of β = 0.8
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Figure 4.11: Same as Fig. 4.2, however for 10 Lac.

was assumed.
The photospheric parameters obtained for 10 Lac agree very well with the re-

sults of HPN. The best fit to the observed spectrum is shown in Fig. 4.11. Whereas
HPN find that the mass loss rate cannot be constrained and only an upper limit
of 10−8 M¯yr−1 is found, the automated method was able to self-consistently de-
termine Ṁ at 6 × 10−8 M¯yr−1, though with large error bars (see Tab. 4.5). Our
error bar indicates that Ṁ may be an order of magnitude lower, i.e. it may still be
consistent with the HPN result.

Various other authors have determined the mass loss rate of 10 Lac using dif-
ferent methods. These determinations range from up to 2 × 10−7 (Howarth &
Prinja 1989) down to 2 × 10−9 M¯yr−1 (Martins et al. 2004). Consequently, com-
pared to these independent determinations no conclusive answer can be given
to the question whether the Ṁ derived from the optical spectrum is correct. We
conclude that the mass loss rate of 10 Lac is anomalously low when placed into
context with the other dwarfs stars studied here. For instance, the dwarfs ζ Oph
and HD 217086, which have luminosities that are, respectively, lower and higher
by ∼0.1 dex, both exhibit a mass loss rate higher by several factors. In Sect. 4.5.4
we will discuss this further in terms of the wind-momentum luminosity relation.

ζ Oph The large vr sin i of 400 km s−1 was not a problem to obtain a good fit.
In Fig. 4.12 the best fit for ζ Oph is presented. With the exception of the helium
abundance, the comparison with the results of RPH yields very good agreement.
Note that the mass loss rate obtained by these authors is an upper limit, whereas
in this study Ṁ could be derived self-consistently. With respect to YHe we do not
find any evidence for a significant overabundance of helium, in agreement with
Villamariz & Herrero (2005).

τ Sco The best fit for τ Sco is presented in Fig. 4.13. All lines, including Hδ,
which is not shown here, are reproduced accurately. The photospheric parame-
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Figure 4.12: Same as Fig. 4.2, however for ζ Oph.
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Figure 4.13: Same as Fig. 4.2, however for τ Sco.

ters we obtained can be compared to the work of Schönberner et al. (1988) and
Kilian et al. (1991) who both studied τ Sco using plane parallel models. Kilian
et al. found Teff=31.7 kK and log g=4.25, whereas Schönberner et al. obtained
Teff=33.0 kK and log g=4.15. The difference in Teff between the two studies is ex-
plained by the fact that in the latter analysis no line blanketing was included in
the models. Therefore, we prefer to compare our Teff to the former investigation,
which agree very well. In terms of the gravity we find good agreement with the
second study. The value obtained by Kilian et al. seems rather high. Given the
almost perfect agreement between the synthetic line profiles and the observations
in Fig. 4.13, the reason for this discrepancy is unclear. On a side note, more re-
cently Repolust et al. (2005) analysed the infrared spectrum of this object. Their
findings do confirm our lower value, but could not reproduce the enhanced he-
lium abundance we find, due to a lack of observed infrared He II lines.

In the recent literature the mass loss rate usually adopted for τ Sco is 9 ×
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10−9 M¯yr−1, which is considerably smaller than the 6.14 × 10−8 M¯yr−1 ob-
tained in this study. However, the former mass loss rate is an average value
determined by de Jager et al. (1988), based on the mass loss rates indepen-
dently found by Gathier et al. (1981) and Hamann (1981). Based on the UV res-
onance lines, these two studies, respectively, determined Ṁ to be 7.4 × 10−8 and
1.3× 10−9 M¯yr−1. So, they differ by more than a factor of 50. The mass loss rate
obtained with the automated method is in reasonable agreement with that ob-
tained by Gathier et al.. Our higher value is also supported by the study of the in-
frared spectrum of τ Sco by Repolust et al. (2005) who find Ṁ ' 2× 10−8 M¯yr−1.
Detailed fitting of Brα will likely clarify this issue.

4.4 ERROR ANALYSIS

Here we will introduce our method of estimating errors on the parameters de-
rived with the automated method. This method is based on properties of the
distribution of the fitnesses of the models in parameter space, which may seem
conceptually different from classical approaches of defining error bars (and in
a sense it is). However, we will demonstrate for the case of 10 Lac that our error
definition is very comparable to what is routinely done in fit diagram approaches.

4.4.1 FIT DIAGRAMS

In a fit diagram method the error bar on Teff and log g is derived by investigating
the simultaneous behaviour of these two parameters. In panel a of Fig. 4.14 the
fit diagram of 10 Lac is presented adopting for all other parameters (save Teff and
log g) the best fit values obtained in our automated fitting. This diagram was
constructed by calculating a grid of FASTWIND models in the Teff-log g plane, and
evaluating for every line for every Teff which model, i.e. log g, fits this line the
best. The location where the resulting fit curves intersect, corresponds to the
best fit. This best fit yields Teff = 36 000 K and log g = 4.0. Note that this result
was obtained without the use of our automated method. The error can now be
estimated by estimating the dispersion of the fit curves around this location. In
panel a of Fig. 4.14 this is indicated by a box around the best fit location. The
corresponding error estimates are 1000 K in Teff and 0.1 dex in log g.

The method described above cannot be applied to our automated fitting
method due to two reasons. First, as we have defined the fit quality according
to Eq. (4.1), this definition of fitness compresses the fit curves of all individual
lines in the fit diagram to a single curve. In Fig. 4.14 this curve is shown as a thick
dashed line. Although the curve runs through the best fit point, no information
about the dispersion of the solutions around this point can be derived from it. The
second reason lies in the multidimensional character of the problem of line fitting.
If one would want to properly estimate the error taking this multidimensional-
ity in to account, a fit diagram should be constructed with a dimension equal to
the number of free parameters evaluated. In case of our fits this translates to the
construction of a six dimensional fit diagram.
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Figure 4.14: Panel a: fit diagram of Teff and log g for 10 Lac. Panel b: Fitness as a function of
Teff for log g = 4.0. Panel c: Fitness distribution of the models calculated during the fitting
run of the automated method. Panel d: Distribution of Teff in the models located within
the global optimum. The maximum variation of Teff within the global optimum, which
corresponds to the error estimate of this parameter, is ∼900 K.

4.4.2 OPTIMUM WIDTH BASED ERROR ESTIMATES

Even though we have argued that fit diagrams cannot be used with our fitting
method, it is possible to construct an error estimate which is analogous to the
use of these diagrams and does take the multidimensionality of the problem into
account. This can be done by first realising that the error box shown in Fig. 4.14
essentially is a measure of the width of the optimum in parameter space, i.e. it defines
the region in which models are located which approximately have the same fit
quality. This is illustrated in panel b. There we show the one-dimensional fitness
function in the Teff-log g plane for log g = 4.0. Indicated with dashed lines is the
error in Teff estimated using the fit diagram of 10 Lac. Confined between these
lines is the region which corresponds to the optimum as defined by the error box
in panel a. Consequently, the difference between maximum and minimum fitness
in this region defines the width of the optimum. Returning to the general case,
we can now invert the reasoning and state that the error estimate for a given
parameter is equal to the maximum variation of this parameter in the group of
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best fitting models, i.e. the models located within the error box. Consequently, in
the automated fitting method by defining a group of best fitting models, the error
estimates for all free parameters can be determined.

We define the group of best fitting models as the group of models that lie
within the global optimum. Put differently, the width of the global optimum in
terms of fitness, defines the group of best fitting models. Identifying and, conse-
quently, measuring this width is facilitated by the nature of the GA, i.e. selected
reproduction, incorporated in our fitting method. Due to this selected reproduc-
tion the exploration through parameter space results in a mapping of this space
in which regions of high fit quality, i.e. the regions around local optima and the
global optimum, are sampled more intensively. Consequently, if we would rank
all models of all generations calculated during a fitting run according to their
fitness, the resulting distribution will peak around the locations of the optima.
In case of the global optimum the width of this peak, starting from up to the
maximum fitness found, is, analogous to the width of the error box used in a
fit diagram, a direct measure of the width of the optimum. Consequently, this
width depends on the quality of the data, i.e. it will be broader or narrower for,
respectively, low and high signal to noise, and on the degeneracy between the fit
parameters. Therefore, the error estimates of the individual parameters are equal to the
maximum variations of these parameters for all models contained in the peak correspond-
ing to the global optimum.

In panel c of Fig. 4.14 the distribution of the models according to their fitness
calculated during the fitting run of 10 Lac using the automated method is shown.
The fitnesses are normalised with respect to the highest fitness and only the top
half of the distribution is shown. In this distribution two peaks are clearly distin-
guishable. The most pronounced peak is located at F ≈ 0.9 and corresponds to
the region around the global optimum. A second peak, corresponding to a region
around a secondary optimum, is located at F ≈ 0.83. To derive the error on the
fit parameters we estimate the total width of the global optimum for 10 Lac to be
∼0.152, i.e. the range of F = 0.85...1.0 corresponds to the width of the optimum.
In panel d of Fig. 4.14 we show the resulting distribution of Teff of the models
within this global optimum. In this figure we see that the maximum variation,
hence the error estimate, is ∼900 K, which is in good agreement with the value
derived using the fit diagram of 10 Lac. For log g we also find an error estimate of
∼0.1 dex, which is also very similar to the value obtained with this diagram. The
exact values as well as error estimates for all fit parameters of all objects are given
in Tab. 4.5. It is important to note that our error analysis method also allows for
an error estimate of parameters to which the spectrum does not react strongly.
For 10 Lac this is clearly the case for the mass loss rate, for which we find large
error bars.

2In general this is not a fixed number. Considering all programme stars we find the width of the
global optimum to be within the range ∼0.1 to ∼0.2.
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Table 4.5: Error estimates for fit parameters obtained using the automated fitting method and parameters derived from these. Denoted
by ND are errors in vturb that reach up to the maximum allowed value of vturb and, therefore, are formally not defined. Uncertainties in
the fit parameters result from the optimum width based error estimates method. See text for details and discussion.

Star ∆Teff ∆log gc ∆R? ∆ log L? ∆YHe ∆vturb ∆ log Ṁ ∆β ∆Ms ∆Mev

[kK] [cm s−2] [R¯] [L¯] [km s−1] [M¯yr−1] [M¯] [M¯]
Cyg OB2 #7 −1.0

+1.5
−0.08
+0.06 ±0.7 ±0.07 −0.02

+0.03
−14.9
+ND

−0.05
+0.03

−0.04
+0.09

−15
+12

−7
+7

Cyg OB2 #11 −0.6
+0.4

−0.07
+0.13 ±1.1 ±0.05 −0.01

+0.03
−4.0
+ND

−0.03
+0.06

−0.05
+0.02

−15
+27

−3
+4

Cyg OB2 #8C −1.3
+1.1

−0.10
+0.14 ±0.7 ±0.07 −0.02

+0.04
−0.2
+10.9

−0.07
+0.04

−0.05
+0.10

−10
+14

−4
+4

Cyg OB2 #8A −0.4
+1.7

−0.05
+0.13 ±1.3 ±0.09 −0.04

+0.04
−17.7
+ND

−0.07
+0.03

−0.04
+0.11

−15
+32

−10
+8

Cyg OB2 #4 −0.3
+1.5

−0.04
+0.21 ±0.7 ±0.09 −0.02

+0.03
−3.0
+ND

−0.10
+0.05

−0.05
+0.21

−3
+15

−3
+3

Cyg OB2 #10 −0.8
+1.0

−0.12
+0.16 ±1.5 ±0.07 −0.02

+0.03
−7.0
+ND

−0.13
+0.08

−0.15
+0.19

−19
+26

−4
+4

Cyg OB2 #2 −0.8
+1.2

−0.14
+0.13 ±0.6 ±0.08 −0.01

+0.03
−2.3
+2.4

−0.15
+0.12 - −7

+6
−1
+2

HD 15629 −0.3
+0.7

−0.05
+0.07 ±1.9 ±0.12 −0.01

+0.03
−8.4
+7.6

−0.13
+0.10

−0.10
+0.27

−13
+14

−5
+7

HD 217086 −0.5
+0.9

−0.08
+0.07 ±1.2 ±0.13 −0.02

+0.02
−4.9
+2.9

−0.12
+0.18

−0.25
+0.16

−10
+10

−3
+3

10 Lac −0.9
+0.8

−0.12
+0.13 ±1.7 ±0.17 −0.02

+0.02
−3.8
+4.1

−0.98
+0.39 - −16

+16
−2
+4

ζ Oph −0.7
+0.7

−0.05
+0.16 ±1.3 ±0.13 −0.02

+0.04
−6.2
+ND

−0.28
+0.15 - −7

+11
−2
+2

τ Sco −0.8
+0.5

−0.14
+0.09 ±0.5 ±0.09 −0.02

+0.04
−2.2
+2.4

−0.99
+0.22 - −6

+4
−1
+1
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4.4.3 DERIVED PARAMETERS

In Tab. 4.5 the errors on the derived parameters were calculated based on the
error estimates of the fit parameters. Here we will elaborate on their derivation.

The error in the stellar radii is dominated by the uncertainty in the absolute
visual magnitude. In case of the Cyg OB2 objects we adopt these to be 0.1m con-
form the work of Massey & Thompson (1991). For HD 15629, HD 217086 and
ζ Oph we use the uncertainty as given by RPH of 0.3m. The distance to 10 Lac
and τ Sco was measured by Hipparcos. Therefore, for these two objects we adopt
the error based on this measurement, which, respectively, is 0.4 and 0.2m. To-
gether with the uncertainty in Teff the uncertainty in R? is calculated according to
Eq. (8) of RPH, where we used the largest absolute uncertainty in Teff for a given
object.

To correct the surface gravity for centrifugal forces, a correction conform Her-
rero et al. (1992) was applied to the gravity determined from the spectral fits. This
corrected value is given in Tab. 4.4. As shown by RPH this correction has a non
negligible effect on the error in the resulting log gc. Consequently, we used their
estimate to calculate the total error estimate of log gc as given in Tab. 4.5. Us-
ing this error together with the uncertainty in R? the resulting uncertainty in the
spectroscopic mass was calculated.

For the calculation of the uncertainty in the stellar luminosity, we consistently
adopted the largest absolute error in Teff. The resulting ∆ log L? as well as the
uncertainty in Teff have an effect on the evolutionary mass. We have estimated
errors for this quantity using the error box spanned by ∆ log L? and ∆ log Teff.

4.5 COMPARISON WITH PREVIOUS RESULTS

In this section we will compare the results obtained with our automated fitting
method with those from “by eye” fits (relevant references to the comparison stud-
ies are given in the previous section). This does not constitute a one-to-one com-
parison of the automated and “by eye” approach as this would require the use
of identical model atmosphere codes as well as the same set of spectra, more-
over, with identical continuum normalisation. Potential differences can therefore
not exclusively be attributed to the less bias sensitive automated fitting method.
However, as we have applied our method to a sizeable sample of early type stars,
the automated nature of it does assure that it is the most homogeneous study to
date, i.e. without at least some of the biases involved in conventional analyses.

4.5.1 EFFECTIVE TEMPERATURE

In Fig. 4.15 a comparison of the effective temperatures determined in this study
with Teff values obtained with “by eye” fits, is presented. Indicated with dashed
lines are the four percent errors usually adopted for “by eye” fitted spectra. With
the exception of the outlier HD 217086 at 38.1 kK, the agreement is very good
and no systematic trend is visible. From this plot we can conclude that the Teff
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Figure 4.15: Comparison of the effective temperatures obtained using automated fits (hor-
izontal axis) and “by eye” fits. On the vertical axis the ratio of automated relative to “by
eye” temperature determination is given. The dashed lines correspond to a four percent
error usually adopted for “by eye” determined values.

obtained with the automated fit is at least as reliable as the temperatures deter-
mined in the conventional way.

4.5.2 GRAVITIES

In many cases the gravity obtained with the automated procedure is significantly
higher than the values obtained with the conventional “by eye” fitted spectra.
This is shown in Fig. 4.16, where we show as a function of the gravities obtained
in this study the differences with the “by eye” determined values. Indicated with
dashed lines in this figure is the 0.1 dex error in log g that is often assigned to a
“by eye” fitting of the hydrogen Balmer line wings. It is important to note that
this plot shows that there is no obvious trend in the differences, i.e. there appears
no systematic increase as a function of log g present.

It is clear, however, that there are three outliers for which previous gravity
determinations yield values that are at least 0.2 dex lower. These are in order
of increasing gravity (as determined in this study): Cyg OB2 #2, Cyg OB2 #7 and
HD 217086. For all three cases, previous spectroscopic mass determinations result
in values that are about a factor of two less than the corresponding evolutionary
masses. One reason for these discrepant gravity values can be traced to a differ-
ence between automated and “by eye” fitting. In “by eye” fitting, it is custom to
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Figure 4.16: Gravities obtained with automated fits (horizontal axis) are compared to grav-
ities determined from “by eye” fits. The vertical axis gives the difference of the logarithm
of the two gravity determinations. Indicated by dashed lines are the 0.1 dex errors usually
adopted for gravities determined “by eye”.

prohibit the theoretical line flux in the wings of Balmer lines – specifically that at
the position in the observed line wing where the profile curvature is maximal –
to be below that of the observed flux. This constraint has been used by HPN for
the Cyg OB2 stars; for HD 217086, we could not verify whether this was the case.
The automated method does not apply this constraint. Therefore, as it strives for
a maximum fitness, it tends to fit the curve through the signal noise as much as
possible. This yields a higher gravity.

A second reason is connected to the multidimensional nature of the optimi-
sation problem. “By eye” fitting may not find the optimum fit, as in general it
can not simultaneously deal in a sufficiently adequate way with all the free pa-
rameters of the problem. Consequently, some of the “by eye” fitted spectra do
not correspond to the best fit possible. A good example in which this appears to
be the case is HD 217086. With the automated fit we not only obtained a grav-
ity that is higher by ∼0.3 dex, but also an effective temperature higher by 2.1 kK
compared to the results of RPH. Consequently, as the ionisation structure of the
atmosphere depends heavily on this temperature, so does the gravity one obtains
from a spectral fit for this temperature. As RPH obtained a gravity for a signif-
icantly lower effective temperature, the gravity obtained from their spectral fit
likely corresponds to the value from a local optimum in parameter space.
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4.5.3 HELIUM ABUNDANCE AND MICROTURBULENCE

This analysis is the first in which the helium abundance and the microturbulent
velocity have been treated as continuous free parameters. In the studies of HPN
and RPH only two possible values for the microturbulent velocity were adopted.
For the helium abundance an initial solar abundance was adopted, which was
modified when no satisfying fit could be obtained for this abundance. Conse-
quently, a comparison with these studies as was done for e.g. the gravities, is
not possible. Instead we will only discuss whether the obtained values of these
parameters are reasonable and comment on possible correlations with other pa-
rameters.

The helium abundances given in Tab. 4.4 show that no extreme values were
needed by the fitting method to obtain a good fit. An exception to this may be
YHe=0.21 obtained for Cyg OB2 #7. However, as discussed earlier this value is
still significantly smaller than the YHe=0.3 obtained by HPN. With respect to a
possible relation between the helium abundance and other parameters, only a
small correlation between Teff and YHe is found for the supergiants. For these
objects it appears (cf. Tab. 4.4) that the helium abundance increases with increas-
ing effective temperature. However, as we only analysed six supergiants further
investigation using a larger sample needs to be undertaken.

Also for the microturbulent velocities no anomalous values were needed to
fit the spectra. The large error bars in the turbulent velocity quoted in Tab. 4.5,
especially for the supergiants, show that the profiles are not very sensitive to this
parameter. This is consistent with the study of Villamariz & Herrero (2000) and
RPH. The ND entries given on some of the positive errors in the table indicate that
they reach up to the maximum allowed value of vturb, which is 20 km s−1. There-
fore, they are formally not defined. The fact that some of the small scale turbulent
velocities are close to this maximum value may indicate that they represent lower
limits, though, again, this likely reflects that they are poorly constraint.

No correlation of the microturbulence with any of the other parameters is
found. In particular not between vturb and log g and vturb and YHe. Various au-
thors have hinted at such a correlation (e.g. Kilian 1992).

4.5.4 WIND PARAMETERS

The straightforward comparison of the mass loss rates obtained with the auto-
mated method with values determined from spectral fits “by eye” is shown in
Fig. 4.17. With exception of τ Sco at log Ṁ = −7.2, for which the mass loss rate
determined by Gathier et al. (1981) from UV line fitting serves as a comparison,
all mass loss rates are compared to values determined from Hα fitting. For this
comparison we assume an error of 0.15 dex in the “by eye” determined values.
This uncertainty corresponds to a typical error obtained from Hα fitting and is
shown in Fig. 4.17 as a set of dashed lines. With exception of 10 Lac and τ Sco, for
which the mass loss rate determination is uncertain, this error is also comparable
to the errors obtained with the automated method.
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Figure 4.17: Difference between mass loss rate obtained by the automated method (given
by the horizontal) axis and values determined by eye. A typical 0.15 dex error is indicated
by the dashed lines. The two outliers at log Ṁ '−7.2 and and log Ṁ '−6.8, respectively,
correspond to 10 Lac and Cyg OB2 #2.

Two objects show a relative increase in Ṁ which is much larger than the typ-
ical error. These are 10 Lac at log Ṁ ' −7.3 and Cyg OB2 #2 at log Ṁ ' −6.8. In
the case of the latter we showed that the increase is due to a more efficient use of
wind information stored in the line profiles by the automated method, which im-
proves the relation of Cyg OB2 #2 with respect to the wind-momentum relation
(see Sect. 4.6.2).

With respect to 10 Lac we already mentioned that a range of more than two
orders of magnitude in mass loss rate has been found in different studies. Here
we have made the comparison with the upper limit found by HPN, which cor-
responds to one of the lowest Ṁ determined for this object. If we would have
compared our findings to the higher value obtained by Howarth & Prinja (1989),
10 Lac would be at ∆Ṁ = −0.5, i.e. the situation in Fig. 4.17 would be reversed.
Consequently, the large difference for 10 Lac shown in this figure can not be as-
signed to an error in the automated method, but rather reflects our limited un-
derstanding of this object.

All in all, we can conclude that the general agreement between mass loss rates
obtained with the automated method and “by eye” determinations is very good.
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Figure 4.18: Spectroscopic masses derived in this study compared to evolutionary masses
from Schaller et al. (1992). With the gravities obtained from the automated fits no mass
discrepancy is found and no systematic deviation between the spectroscopically derived
masses and the evolutionary predicted masses can be observed.

4.6 IMPLICATIONS FOR THE PROPERTIES OF MASSIVE STARS

With our automated method we have analysed a sizeable sample of early type
stars in a homogeneous way, which allows a first discussion of the implica-
tions the newly obtained parameters may have on the mass and modified wind-
momentum luminosity relation (WLR) of massive stars. A thorough discussion
however needs to be based on a much larger sample, therefore at this point we
keep the discussion general and the conclusions tentative.

4.6.1 ON THE MASS DISCREPANCY

The so-called mass discrepancy was first noticed by Herrero et al. (1992). These
authors found that the spectroscopic masses, i.e. masses calculated from the spec-
troscopically determined gravity, were systematically smaller than the masses
predicted by evolutionary calculations. The situation improved considerably
with the use of unified stellar atmosphere models (e.g. Herrero et al. 2002). How-
ever, as pointed out by Repolust et al. (2004) for stars with masses lower than
50 M¯ still a milder form of a mass discrepancy appears to persist.

Does the automated fitting method, employing the latest version of FAST-
WIND, help in resolving the mass discrepancy? In Fig. 4.18 we present a com-
parison of the spectroscopic masses calculated with the gravities obtained in this
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study, with masses derived by interpolating evolutionary tracks of Schaller et al.
(1992). It is clear that with the new gravities the situation is very satisfying. All
objects have spectroscopic and evolutionary masses which agree within the error
bars.

For stars with masses below 50 M¯ a milder form of the mass discrepancy (as
found by RPH; see their Fig. 20) could still be present, but with the present data
no systematic offset between the two mass scales can be appreciated. Though
we feel it may be premature to conclude that the present analysis shows that the
mass discrepancy has been resolved, our results point to a clear improvement.

4.6.2 WIND-MOMENTUM LUMINOSITY RELATION

The modified stellar wind momentum (MWM) versus luminosity relation offers
a meaningful way to compare observed wind properties with aspects and predic-
tions of the theory of line driven winds (see Kudritzki & Puls 2000 for a compre-
hensive discussion). Without going into any detail, the modified wind momen-
tum Dmom = Ṁv∞R1/2

? is predicted to be a power law of stellar luminosity.

log Dmom = x log(L?/L¯) + log D◦ , (4.7)

where x, the inverse of the slope of the line-strength distribution function cor-
rected for ionisation effects (Puls et al. 2000), is expected to be a function of spec-
tral type and metal abundance, and D◦ is a function of metallicity and possibly
luminosity class (Markova et al. 2004). The advantageous property of Dmom is
that it is not very sensitive to the stellar mass.

The limited number of stars studied in this paper is clearly insufficient to dis-
entangle subtleties in the Dmom vs. L? relation. However, it is interesting to com-
pare the observed and predicted modified wind momentum, as well as to discuss
the location of 10 Lac – a notorious outlier.

Figure 4.19 shows this comparison between derived and theoretical modified
wind momentum. Using all programme stars to construct an empirical linear
curve in the units of this diagram gives the following relation

log Dmom = (1.88 ± 0.09) log(L?/L¯) + (18.59 ± 0.52) . (4.8)

Within the given errors this relation is equal to the theoretical WLR predicted by
Vink et al. (2000), who found x = 1.83 and log D◦ = 18.68. Note that the low
luminosity objects (log L?/L¯ . 5.5) also follow the average relation. Therefore,
the newly obtained mass loss rates do not show the discrepancy found by Puls
et al. (1996) and Kudritzki & Puls (2000), but confirm the work of RPH. These
authors found the low luminosity objects to follow the general trend, based on
upper limits they obtained for the mass loss rates, whereas our new method is
sensitive enough to determine these self-consistently.

In order to investigate the effect of the anomalously low Dmom obtained for
10 Lac, we also constructed a WLR excluding this object. We found that for this
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Figure 4.19: Modified wind momentum (MWM) in units of [g cm s−2 R¯] of the objects
fitted with the automated method (solid dots). The solid line, giving the wind-momentum
luminosity relation (WLR), corresponds to the regression of the modified wind momenta.
Given by the dashed line is the predicted WLR of Vink et al. (2000).

new relation the parameters x and log D◦ only changed with ∼0.02 and ∼0.01,
respectively, reflecting the large error bars found for this object.

Previous investigations by Markova et al. (2004) and RPH have found the
WLR to be as function of luminosity class. Whereas the former study finds a
steeper WLR for the supergiants compared to the dwarfs, the latter finds the op-
posite (though RPH remark that the subset of Cyg OB2 stars seem to behave more
in accordance with the theoretical result). In our sample no obvious separation
is visible. In particular note the two objects overlapping at log L?/L¯ = 4.9 in
Fig. 4.19, which are the dwarf ζ Oph and the super giant Cyg OB2 #2. To inves-
tigate a possible separation in more detail, a separate WLR was constructed for
the Cyg OB2 supergiants. The resulting values of the parameters obtained are
x = 1.79 ± 0.14 and log D◦ = 19.12 ± 0.80. The decrease in x qualitatively con-
firms the work of Markova et al.. However, we have to realise that our sample
might be too small from a statistical point of view to be able to firmly conclude
whether a real separation exists. Therefore, this question has to be postponed
until we have analysed a larger sample.
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4.7 SUMMARY, CONCLUSIONS AND FUTURE WORK

We have presented the first method for the automated fitting of spectra of mas-
sive stars with stellar winds. In this first implementation, a set of continuum
normalised optical spectral lines is fitted to predictions made with the fast per-
formance non-LTE model atmosphere code FASTWIND by Puls et al. (2005). The
fitting method itself is based on the genetic algorithm PIKAIA by Charbonneau
(1995), which was parallelised in order to handle the thousands of FASTWIND
models which have to be calculated for an automated fit. Concerning the auto-
mated method we can draw the following conclusions:

i) The method is robust. In applying the method to a number of formal tests,
to the study of seven O-type stars in Cyg OB2, and to five Galactic stars
including extreme rotators and/or stars with weak winds (few times 10−8

M¯yr−1) the fitting procedure did not encounter convergence problems.

ii) Using the width of the global optimum in terms of fitness, defining the
group of best fitting models, we are able to define error estimates for all
of the six free parameters of the model (Teff, log g, helium over hydrogen
abundance, vturb, Ṁ and β). These errors compare well with errors adopted
in “by eye” fitting methods.

iii) For the investigated dataset our automated fitting method recovers mass-
loss rates down to ∼ 6 × 10−8 M¯yr−1 to within an error of a factor of two.
We point out that even for such low mass-loss rates it is not only the core
of the hydrogen Hα line that is a mass-loss diagnostics. When ignoring
this core the GA still recovers Ṁ, showing that the GA is also sensitive to
indirect effects of a change in Ṁ on the atmospheric structure as a whole.
However, for the method to fully take advantage of this information a very
accurate continuum normalisation is required.

iv) Though we have so far tested our method for O-type stars and early B-type
dwarf stars, the method can also be applied to B and A supergiants when
atomic models of diagnostic lines (such as Si III and Si IV) are implemented
into the analysis.

We have re-investigated seven O-type stars in the young cluster Cyg OB2 and
compared our results with the study by Herrero, Puls, & Najarro (2002). The
HPN study uses an earlier version of FASTWIND and a “by eye” fitting proce-
dure. The only difference between the two studies in terms of the treatment of
the free parameters is that HPN did not treat the microturbulent velocity and the
hydrogen over helium abundance ratio as continuous free parameters. Instead,
they opted to adopt in case of the former two possible values only. In case of
the latter an initial solar abundance was adopted which was modified in case no
satisfying fit could be obtained with this solar abundance. We have also com-
pared the results of an automated fitting to five early-type dwarf stars to further
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investigate the robustness of our method for stars with high rotational velocities
and/or low mass loss rates. With respect to weak winds we refer to conclusion
iii. Regarding large vr sin i values, we find that these do not pose problems for
the automated method. This is reflected in conclusion i. Concerning the spectral
analysis of the entire sample we can draw the following conclusions:

v) For almost all parameters we find excellent agreement with the results of
HPN and RPH, which, we note, make use of a previous version of FAST-
WIND and an independent continuum normalisation. The quality of our
fits (in terms of fitness, which is a measure for the χ2 of the lines) is even
better than obtained in these prior studies.

vi) In three cases we find a significantly higher surface gravity (by up to
0.36 dex). We identify two possible causes for this difference that may
be connected to the difference between automated and “by eye” fitting.
First, comparison of the two methods indicates that in fitting the Balmer
line wings the latter method places essentially infinite strength to the ob-
served flux at the point of maximum curvature of the wing profile. The
automated method does not do this. Second, as the automated method is a
multidimensional optimisation method it may simply find a better fit to the
overall spectrum. In at least one case this implied a higher temperature and
significantly higher gravity.

vii) A comparison of our derived masses with those predicted by evolutionary
calculations does not show any systematic discrepancy. Such a discrepancy
was first noted by Herrero et al. (1992), though was partly resolved when
model atmospheres improved (e.g. see HPN). Still, with state-of-the-art
models a mild form of a mass discrepancy remained for stars with masses
below 50 M¯ (e.g. see RPH). The automated fitting approach in combina-
tion with the improved version of FASTWIND does not find evidence for a
mass discrepancy, although we remark that a truly robust conclusion, par-
ticularly for stars between 20 and 50 solar masses, may require the investi-
gation of a larger sample.

viii) The empirical modified wind momentum relation constructed on the basis
of the twelve objects analysed in this study agrees to within the error bars
with the theoretical MWM relations based on the Vink et al. (2000) predic-
tions of mass loss rates.

This first implementation of a genetic algorithm combined with the fast perfor-
mance code FASTWIND already shows the high potential of automatic spectral
analysis. With the current rapid increase in observations of early-type massive
stars the need for an automated fitting method is evident. We will first use our
method to analyse the ∼100 O-type and early B-type stars observed in the VLT
large programme FLAMES Survey of Massive Stars (Evans et al. 2005) in the Galaxy
and the Magellanic Clouds in a homogeneous way. Future development of the
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automated fitting method is likely to be in conjunction with the further develop-
ment of FASTWIND. Improvements will include the modelling of: near-infrared
lines (see e.g. Lenorzer et al. 2004 and Repolust et al. 2005), optical CNO lines
(see e.g. Trundle et al. 2004), and possibly UV resonance lines. Additional model
parameters that may be constrained within an automated approach include a
depth dependent profile for the microturbulent velocity and small scale clump-
ing. Within the current implementation, most likely the method will also be able
to constrain the terminal flow velocity of A-type supergiants (McCarthy et al.
1997; Kudritzki et al. 1999).
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MASS LOSS AND ROTATION OF EARLY-TYPE STARS IN
THE SMC

M. R. MOKIEM, A. DE KOTER, C. J. EVANS, J. PULS, S. J. SMARTT,
P. A. CROWTHER, A. HERRERO, N. LANGER, D. J. LENNON, F. NAJARRO,
M. R. VILLAMARIZ & S. -C. YOON
SUBMITTED TO ASTRONOMY & ASTROPHYSICS
ABSTRACT. We have studied the optical spectra of a sample of 31 O- and early B-type
stars in the Small Magellanic Cloud, 21 of which are associated with the young massive
cluster NGC 346. Stellar parameters are determined using an automated fitting method
(Mokiem et al. 2005), which combines the stellar atmosphere code FASTWIND (Puls et al.
2005) with the genetic algorithm based optimisation routine PIKAIA (Charbonneau 1995).
Comparison with predictions of stellar evolution that account for stellar rotation does not
result in a unique age, though most stars are best represented by an age of 1–3 Myr. The
automated method allows for a detailed determination of the projected rotational veloci-
ties. The present day vr sin i distribution of the 21 dwarf stars in our sample is consistent
with an underlying rotational velocity (vr) distribution that can be characterised by a mean
velocity of about 160 − 190 km s−1 and an effective half width of 100 − 150 km s−1. The vr
distribution must include a small percentage of slowly rotating stars. If predictions of the
time evolution of the equatorial velocity for massive stars within the environment of the
SMC are correct (Maeder & Meynet 2001), the young age of the cluster implies that this
underlying distribution is representative for the initial rotational velocity distribution. The
location in the Hertzsprung-Russell diagram of the stars showing helium enrichment is in
qualitative agreement with evolutionary tracks accounting for rotation, but not for those
ignoring vr. The mass loss rates of the SMC objects having luminosities of log L?/L¯ & 5.4
are in excellent agreement with predictions by Vink, de Koter & Lamers (2001). However,
for lower luminosity stars the winds are too weak to determine Ṁ accurately from the
optical spectrum. Two of three spectroscopically classified Vz stars from our sample are
located close to the theoretical zero age main sequence, as expected. Three additional ob-
jects of lower luminosity, which are not given this classification, are also found to lie near
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the ZAMS. We argue that this is related to a temperature effect inhibiting relatively cool
stars from displaying the spectral features characteristic for the Vz luminosity class.

5.1 INTRODUCTION

Mass loss and rotation play a crucial role in the evolution of the most massive
stars. These two processes are linked. To illustrate this, fast rotation may lead to
an enhanced mass loss, as is, for instance, observed in the case of Be stars (Lamers
& Pauldrach 1991) and η Carinae (Smith et al. 2003; van Boekel et al. 2003). Con-
versely, the stellar winds of these stars will cause loss of angular momentum,
leading to spin down. In a Galactic environment the spin down of massive stars
is expected to be relatively rapid, essentially “erasing” their initial rotational ve-
locity properties within only a few million years (Meynet & Maeder 2000). For an
environment characteristic of the Small Magellanic Cloud (SMC) it is predicted
that the initial conditions of rotational velocity remain preserved during the main
sequence life of O-type stars (Maeder & Meynet 2001), as the strength of stel-
lar winds diminishes with decreasing metal content (e.g. Abbott 1982; Kudritzki
et al. 1987; Vink et al. 2001).

The study of a young SMC cluster containing a substantial population of O-
type main sequence stars would allow the role of metallicity on mass loss and
angular momentum loss during the early evolution of massive stars to be better
constrained. This provides a better insight into the current and perhaps even ini-
tial rotational conditions from which this evolution unfolds. Among others, this
would provide important constraints on the physics of the formation of massive
stars, for instance on the role of magnetic fields and the lifetime of accretion disks
(see e.g. Porter & Rivinius 2003).

The distribution of projected rotational velocities vr sin i of Galactic early-type
stars has been studied by Penny (1996) and Howarth et al. (1997). The first ex-
tragalactic studies of rotational velocities have been presented by Keller (2004)
for a sample of Large Magellanic Cloud (LMC) B-type stars in the vicinity of the
main sequence turnoff and by Penny et al. (2004) for predominately giant and su-
pergiant SMC and LMC O-type stars. So far, no systematic study for early main
sequence O-type stars in a low metallicity environment has been attempted.

The young cluster NGC 346 in the Small Magellanic Cloud (SMC) contains a
substantial population of O-type main sequence stars. In the context of the VLT-
FLAMES Survey of Massive Stars (Evans et al. 2005), we have used the Fibre Large
Array Multi-Element Spectrograph at the ESO Very Large Telescope to obtain spectra
of several dozen dwarf O-type stars in this cluster. Our genetic algorithm based
fitting method (Mokiem et al. 2005) is used to perform a homogeneous spectro-
scopic analysis of this set of stars, including the projected rotational velocity as
one of the fitting parameters. The vr sin i information obtained from this analysis
may be compared to models of the present and possibly initial (see above) vr sin i
distribution. This is a main aim of this paper.

The strength of radiatively driven winds is predicted to be reduced for de-
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creasing metal content. In the last two decades this prediction has been quantified
by different groups who found a metallicity dependence of the mass loss rate of
Ṁ(Z) ∝ Z0.5−0.7 (e.g. Kudritzki et al. 1987; Puls et al. 2000; Vink et al. 2001). Qual-
itatively this metallicity dependence has been confirmed by several authors (e.g.
Puls et al. 1996; Bouret et al. 2003; Evans et al. 2004a; Massey et al. 2005). How-
ever, until now a quantitative comparison of the theoretically predicted and the
empirically determined Z dependence is still lacking. The analysis of our SMC
targets will provide insight in the wind characteristics of objects with a metal
content approximately five times lower than in Galactic objects. Consequently,
given the large number of objects that we have analysed in a homogeneous way,
the current study will for the first time be able to provide such a quantitative
comparison.

While comparing mass loss rate predictions with observed values it is im-
portant to realise that recent studies of the wind strengths of not too luminous
(log L?/L¯ . 5.3) Galactic and SMC dwarf O-type stars (Bouret et al. 2003; Mar-
tins et al. 2004, 2005b) seem to indicate that the mass loss rates are significantly
(up to two orders of magnitude) lower than expected from theory (Vink, de Koter,
& Lamers 2001). If this is indeed the case it would imply that our chances of ac-
tually observing a vr pattern that is representative of the initial distribution will
increase, as less angular momentum will be carried away in the stellar wind.
However, from the viewpoint of our understanding of the physics of relatively
weak stellar winds (∼10−8 – 10−6 M¯yr−1) the situation is obviously less desir-
able.

The mass-loss rates reported by Bouret et al. and Martins et al. are based on
an analysis of unsaturated ultraviolet resonance lines. The Ṁ sensitivity that can
be obtained using such lines is ∼10−9 – 10−8M¯yr−1. This is, in principle, much
better than is possible using Hα as the mass loss diagnostic. Using our automated
fitting method and spectra having a signal-to-noise of 50-200 (typical for those
secured within the context of our VLT-FLAMES programme) we can push the
Hα method as low as ∼2 × 10−7 M¯yr−1. This provides some overlap with the
weak wind regime so far reserved for the UV line method. It thus allows for a first
investigation of the question whether the so-called “weak wind problem” points
to missing physics in the theoretical predictions of mass loss or that there may be
problems with the mass loss diagnostic, i.e. that we do not fully understand the
formation of UV resonance lines.

The structure of this paper is as follows: in Sect. 5.2 we describe the data set
that has been analysed using our genetic algorithm based fitting method, which
is discussed in Sect. 5.3. The stellar properties of our sample determined in this
analysis are presented in Sect. 5.4. In sections 5.5, 5.6 and 5.7 we investigate and
discuss, respectively, the underlying rotational velocity distribution of our sam-
ple, the mass loss rates we have determined in the context of weak winds and
the evolutionary status of the cluster NGC 346. Sect. 5.8 summarises and lists the
conclusions of our study. Finally, in the appendix the fits and comments on the
individual objects are provided.
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5.2 DATA DESCRIPTION

The sample considered here is mainly drawn from the targets observed in the
SMC as part of the VLT-FLAMES survey of massive stars (see Evans et al. 2005).
The survey observed two fields in the SMC, centered on the clusters NGC 346
and NGC 330. Here we analyse each of the O-type stars and three luminous B-
type stars observed in the NGC 346 field, and two O-type stars from the older
NGC 330 cluster.

To improve our sampling of luminosity and temperature within the O-type
domain the FLAMES targets were supplemented by eight field stars from the
catalogue of Azzopardi & Vigneau (1975, 1982, hereafter AzV, note that in other
studies these are also often denoted by AV). These stars were observed using
the Ultraviolet and Visual Echelle Spectrograph (UVES) at the VLT as part of the
programs 67.D-0238, 70.D-0164 and 074.D-0109 (P.I. Crowther).

Table 5.1 lists some of the basic observational properties of the programme
stars analysed together with common aliases for the FLAMES targets used in
other studies. Note that four out of eight field stars in this table were recently also
analysed using line blanketed stellar atmosphere models. A comparison with our
findings is presented in the appendix. Each of the FLAMES targets were observed
with the Giraffe spectrograph at least six times, at each of six wavelength settings.
The effective resolving power of the observations is R ' 20 000, full details are
given by Evans et al. (in preparation). The multiple exposures, often at different
epochs, allowed for the detection of variable radial velocities, with a number of
binaries detected (see Evans et al., in prep.). Three of the stars analysed here are
detected as binaries (346-001 & 346-025) or are found to have variable velocities
suggestive of binarity (346-007), as noted in Table 5.1. Note that none of these
appear to have massive companions, which could have a significant effect on the
derived parameters if they were present.

A general description of the reduction of the FLAMES data was given by
Evans et al. (2005). The most pertinent part of the reductions for the current study
is that of sky subtraction. A master sky-spectrum was created from combining the
sky fibres (typically 15), individually scaled by their relative fibre throughput. In
general the sky background is low for our (relatively bright) targets, and this ap-
proach successfully removes the background contribution. However, in regions
such as NGC 346 which has strong nebular emission, accurate subtraction of neb-
ular features in multi-fibre data is notoriously difficult. This does not hamper
our analysis, except in the core of the Hα Balmer line. For most stars the core
nebular emission is well-resolved and we simply only consider the wings of the
profile in the automated line fits. Tests assessing the impact of possible residual
nebular contamination in the line wings or over-subtraction of sky components
are discussed in Sect. 5.3.3.

For each wavelength range the individual sky-subtracted spectra were co-
added, then normalised using a cubic-spline fit to the continuum. These nor-
malised data were finally merged to obtain a final spectrum covering 3850-4750
and 6300-6700 Å. The combined spectra have a typical signal-to-noise ratio of
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Table 5.1: Basic parameters. Identification numbers for NGC 346 and NGC 330 cluster
objects are from Evans et al. (in prep.). Photometric data for these objects is from Mo-
many et al. (2001); for AzV objects these are from Massey (2002) and Massey et al. (2004).
Wind velocities given without brackets are from Garmany & Fitzpatrick (1988); Haser et al.
(1998); Prinja & Crowther (1998); Crowther et al. (2002b); Bouret et al. (2003); Evans et al.
(2004a,b); Massey et al. (2004). Values between brackets are calculated from the escape
velocity at the stellar surface.

ID Spectral V AV MV v∞
Type [km s−1]

346-001a, b) O7 Iaf+ 12.31 0.40 −6.99 1330
346-007c) O4 V((f+)) 14.07 0.12 −4.95 2300
346-010 O7 IIIn((f)) 14.37 0.31 −4.84 [ 1832 ]
346-012 B1 Ib 14.39 0.09 −4.60 [ 1568 ]
346-018 O9.5 IIIe 14.78 0.56 −4.68 [ 1481 ]
346-022 O9 V 14.91 0.16 −4.14 [ 3305 ]
346-025a) O9 V 14.95 0.12 −4.07 [ 2816 ]
346-026d) B0 IV 14.98 0.50 −4.42 [ 2210 ]
346-028e) OC6 Vz 15.01 0.19 −4.08 [ 2369 ]
346-031 O8 Vz 15.02 0.16 −4.04 [ 2461 ]
346-033 O8 V 15.07 0.19 −4.02 [ 4102 ]
346-046 O7 Vn 15.44 0.12 −3.58 [ 2723 ]
346-050 O8 Vn 15.50 0.03 −3.43 [ 2661 ]
346-051 O7 Vz 15.51 0.16 −3.54 [ 3233 ]
346-066 O9.5 V 15.75 0.16 −3.30 [ 2931 ]
346-077 O9 V 15.88 0.40 −3.42 [ 2205 ]
346-090 O9.5 V 15.96 0.37 −3.31 [ 2978 ]
346-093 B0 V 16.01 0.34 −3.23 [ 3516 ]
346-097 O9 V 16.06 0.74 −3.58 [ 4004 ]
346-107 O9.5 V 16.20 0.09 −2.79 [ 2547 ]
346-112 O9.5 V 16.24 0.19 −2.85 [ 2368 ]
330-013 O8.5 III((f)) 14.00 0.56 −5.46 1600
330-052 O8.5 Vn 15.69 0.16 −3.36 [ 2005 ]
AzV 14 O5 V 13.55 0.47 −5.81 2000
AzV 15 O7 II 13.12 0.40 −6.18 2125
AzV 26 O7 III 12.46 0.47 −6.90 2150
AzV 95 O7 III 13.78 0.43 −5.55 1700
AzV 243 O6 V 13.84 0.47 −5.53 2125
AzV 372 O9 Iabw 12.59 0.50 −6.81 1550
AzV 388 O4 V 14.09 0.34 −5.15 1935
AzV 469 O8.5 II((f)) 13.12 0.47 −6.25 1550

a) binary b) aliases: AzV 232, SK 80 c) alias: MPG 324 d) alias: MPG 12 e) alias: MPG 113
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50-200, depending on the magnitude of the target.
Spectral types for the field O-type stars were taken from the catalogues of

Garmany et al. (1987) and Walborn et al. (2002a). The FLAMES spectra were clas-
sified by visual inspection, using published standards, in particular the atlas of
Walborn & Fitzpatrick (1990), with consideration to the lower metallicity environ-
ment of the SMC (e.g. Walborn et al. 2000). The classifications quoted in Table 5.1
are from Evans et al. (in prep.).

The majority of the field stars were observed with the VLT-UVES spectro-
graph during a visitor run on 27-28 September 2001 under program 67.D-0238.
UVES is a two arm cross-dispersed echelle spectrograph, the red arm of which
contains a mosaic of two detectors. A standard blue setting, with central wave-
length 437 nm provided continuous coverage between 3730-5000 Å, recorded on
a single 2×4K EEV CCD. A non-standard red setting with central wavelength
830 nm included an identical EEV CCD covered 6370–8313 Å, whilst a 2×4K
MIT-LL CCD covered 8290–10250 Å. A 1′′ slit was used in variable seeing con-
ditions to provide a spectral resolution of 0.09 Å at Hα. Exposure times ranged
from 1200 to 3000 seconds.

Subsequently, AzV 388 was observed with UVES on 5 Dec. 2002 under ser-
vice program 70.D-0164, using a standard setup with central wavelength 390 nm
(blue, 3300-4500 Å) and 564 nm (red, 4620–5600 and 5675–6650 Å), plus a sec-
ond red setup with central wavelength 520 nm (4170–5160 and 5230–6210 Å). The
exposure time was 2700 s for each setup, with a 1.2′′ slit. Finally, AzV 95 was
observed with UVES under service program 074.D-0109 on Nov. 27 2004, using
standard setups with central wavelengths 390/564 nm and 437/860 nm, with in-
dividual 2200 s exposures, again with a 1.2′′ slit. In all cases, the two-dimensional
CCD frames were transformed to extracted one-dimensional spectra using the
UVES pipeline software. The S/N in individual blue spectra ranged from ∼50 to
∼120.

The quoted photometry for the FLAMES targets in the NGC 346 and NGC 330
fields is taken from the ESO Imaging Survey (EIS) pre-FLAMES release by Mo-
many et al. (2001). Photometric data for the field stars was taken from the UBVR
CCD survey of Massey (2002) and Massey et al. (2004).

The interstellar extinction (AV) listed in Table 5.1 was calculated using in-
trinsic colours from Johnson (1966, and references therein) and by assuming a
ratio of total to selective extinction of RV = 3.1. Using these AV values, extinc-
tion corrected visual magnitudes (V0) were calculated from the observed V-band
magnitudes. Finally, the absolute visual magnitude MV , was calculated taking a
distance modulus of 18.9 magn (Harries et al. 2003; Hilditch et al. 2005).

5.3 ANALYSIS METHOD

To analyse the large number of spectra we use an automated fitting method. This
method was developed by Mokiem et al. (2005, hereafter Paper I) for the fitting of
the profiles of hydrogen and helium lines and provides a means for an unbiased
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and homogeneous analysis of large samples of early type stars. For a detailed
description we refer to this paper. Here we will only give a brief description of
the method and modifications of its implementation.

The automated fitting method consists of two main components. The first
component is the stellar atmosphere code FASTWIND of Puls et al. (2005). This
fast performance code incorporates non-LTE and line blanketing following the
concept of a unified model atmosphere to synthesise hydrogen and helium line
profiles. To optimise the input parameters for FASTWIND, i.e. to determine the
fit parameters for a certain spectrum, the genetic algorithm based optimisation
routine PIKAIA (Charbonneau 1995) is used. This second component is capable of
global optimisation and in combination with FASTWIND provides, as was shown
in Paper I, a robust method for the fitting of the hydrogen and helium spectra for
a broad range of O- and early B-type stars.

In short the automated method determines the best fit by calculating consec-
utive generations of FASTWIND models. In every generation the models which fit
the observed spectrum the best are selected and their parameters are crossbred
and mutated to create new sets of parameters. Using these sets a new genera-
tion of models is calculated. The procedure is repeated until the fit quality of the
best-fitting model is maximised. This fit quality is defined as the inverted sum of
the reduced chi squared, χ2

red, values of the observed hydrogen and helium line
profiles and the synthetic line profiles. In this sum each spectral line has a weight
assigned. These weights are used to express the accuracy with which the model
atmosphere code is believed to be able to reproduce certain lines. For instance,
the He I line at 4471 Å is given a low weight for late type supergiants because of
complications due to the so-called “generalised dilution effect” (Voels et al. 1989)
from which this line suffers. A lower weight is assigned to the neutral helium
singlet lines for early and mid-type because the codes FASTWIND and CMFGEN
(Hillier & Miller 1998) show a discrepancy in the predictions of these diagnostics
(Puls et al. 2005). In Paper I the full weighting scheme is described and discussed.

5.3.1 FIT PARAMETERS

For the fitting of the spectra we allow for seven free parameters. These param-
eters are the effective temperature Teff, the surface gravity g, the helium over
hydrogen number density YHe, the microturbulent velocity vturb, the projected
rotational velocity vr sin i, the mass loss rate Ṁ and the exponent of the beta-type
velocity law describing the supersonic wind regime of the stellar atmosphere. In
contrast to Paper I, vr sin i is now treated as a free parameter. This could be done
because the FLAMES spectra are of sufficiently high resolution to allow for a self
consistent determination of this parameter (see Sect. 5.3.2). Note that this param-
eter can also be determined relatively accurately using alternative methods (see
Sect. 5.4.7). The reason that we still incorporate it as a free parameter is that it al-
lows for a meaningful estimate of the error in this parameter. More importantly,
it allows for the propagation of this uncertainty in the error estimates of the other
fit parameters.
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An important parameter which cannot be determined from the optical spec-
tra of O stars is the terminal velocity of the wind v∞. Therefore, if a value ob-
tained from the analysis of ultraviolet (UV) wind lines is available for a certain
object, we keep v∞ fixed at that value. If no v∞ determination is available, the
scaling relation of v∞ with the escape velocity at the stellar surface (vesc) is used
throughout the fitting process. For early type stars this scaling implies that the
ratio v∞/vesc = 2.6 is adopted (Lamers et al. 1995). In some cases this produced
relatively large wind velocities (see Tab. 5.1). However, these individual cases do
not have a significant impact on our results, as for most of these objects we could
only derive upper limits for the mass loss rate (also see Sect. 5.4.6).

As the current implementation of the fitting method only analyses the hydro-
gen and helium lines, no explicit abundance values other than the ratio of these
two elements can be determined. Therefore, we adopted fixed values for the at-
mospheric abundances of the background metals. For these values we use the
Solar abundances from Grevesse & Sauval (1998, and references therein) scaled
proportionally with respect to mass ratios by the same factor for all elements
heavier than helium. Iron, due to its strong line blanketing effect on the stellar
atmosphere and emergent spectrum, can be considered to be the most important
metal element. Large differences between the abundances of other metals, such
as nitrogen, have been reported for the Galaxy and SMC (e.g. Trundle et al. 2004),
although their effect upon the spectroscopic analysis of the hydrogen and helium
lines are negligible. Consequently, we set the metallicity scaling factor equal to
the iron abundance ratio of the SMC. From the analysis of early type SMC stars
this ratio is found to be 1/5 times Solar (Rolleston et al. 2003).

5.3.2 FORMAL TESTS

As argued in Paper I so-called formal tests, i.e. fitting of synthetic data, are an in-
tegral part of the automated fitting method. First of all such tests are necessary to
assess whether the data quality is sufficient to secure a successful determination
of the global optimum in parameter space, i.e. whether it will recover the global
best fit. Secondly, they are necessary to estimate the minimum number of gener-
ations that have to be calculated in order to find this best fit. Consequently, by
fitting synthetic data with a similar quality as our observed spectra, we can estab-
lish the minimum number of generations that have to be calculated to safeguard
that the best possible fit will be obtained when fitting the real spectra.

Similar to Paper I three data sets were created based on FASTWIND models
with parameters representing different types of early type stars. For these three
data sets, which are denoted by A, B and C, the input parameters of the FASTWIND
models are listed in Tab. 5.2. Set A and set B correspond to bright hot supergiants.
The parameters in set C represent a cooler dwarf O-type star. For the mass loss
rates we adopted values based on the prediction of Vink et al. (2001) assuming
ZSMC = 0.2 Z¯.

Using the line profiles from the FASTWIND models the synthetic data was cre-
ated by first convolving the profiles with a rotational broadening profile. To the
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Table 5.2: Results of the formal tests. Input parameters of the formal test models are given in the “In” column and parameters obtained
with the automated fitting method by fitting synthetic data created from these models are listed in the “Out” column. The results were
obtained by evolving a population of 72 FASTWIND models over a course of 200 generations.

Set A Search Set B Search Set C Search
In range Out In range Out In range Out

Spectral type O3 I O5.5 I O9.5 V
Teff [kK] 47.0 [44, 50] 46.9 40.0 [37, 43] 39.6 33.0 [29, 35] 33.0
log g [cm s−2] 3.80 [3.4, 4.1] 3.82 3.6 [3.3, 4.0] 3.57 4.00 [3.6, 4.3] 3.97
R? [R¯] 18.0 − 20.0 − 8.0 −
log L? [L¯] 6.17 − 5.96 − 4.83 −
vturb [km s−1] 5.0 [0, 20] 8.01 15.0 [0, 20] 12.1 10.0 [0, 20] 14.5
YHe 0.15 [0.05, 0.30] 0.16 0.10 [0.05, 0.30] 0.10 0.10 [0.05, 0.30] 0.09
vr sin i [km s−1] 200 [100, 300] 194 250 [100, 300] 243 300 [200, 400] 302
Ṁ [10−6 M¯yr−1] 2.9 [0.2, 8.0] 3.2 1.9 [0.1, 5.0] 1.5 0.022 [0.001, 0.1] 0.031
β 1.20 [0.5, 1.5] 1.15 1.0 [0.5, 1.5] 1.04 0.80 [0.5, 1.5] 0.98
v∞ [km s−1] 3000 − 2200 − 2000 −
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broadened profiles Gaussian distributed noise corresponding to a signal-to-noise
ratio of 50, was added. This value approximately corresponds to the lowest S/N
in our sample. Finally, as nebular emission requires us to ignore the cores of hy-
drogen and neutral helium lines in the fitting of our target stars, we also removed
these cores from our test data set. In case of the He I lines 2 Å from the central core
was cut out. From the hydrogen lines, with exception of Hα, 3 Å was removed.
Of all observed line profiles Hα exhibits the strongest nebular contamination.
Therefore, a larger region of 5 Å was removed from its core.

The lines from the FLAMES data that will be fitted are the hydrogen Balmer
lines Hα Hγ and Hδ; the He I singlet line at 4387 Å; the He I triplet lines at 4026,
4471 and 4713 Å, where the first line is actually a blend with He II; and the He II
lines at 4200, 4541 and 4686 Å. In the formal test we also fit this set of lines.
Table 5.2 lists, for the above set of lines for the different data sets the final fit
parameters obtained by evolving a population of 72 FASTWIND models over a
course of 200 generations. Also listed in Tab. 5.2 are the parameter ranges for
each parameter in which the fitting method was allowed to search for the best fit.

For all three tests the automated method was able to find the global optimum.
There are some differences between the final fit parameters and the input param-
eters. However, these can be explained by the low quality of the data simulated
and the fact that the sensitivity of some parameters becomes less in certain parts
of parameter space. The latter explains the difference between the wind param-
eters found in case of data set C. As the wind of this object is very weak (order
10−8 M¯yr−1) very little information about it is available in the spectrum. Con-
sequently, the fit parameters describing the wind (β, Ṁ) are relatively poorly
constrained, with the errors in Ṁ becoming as large as the actual Ṁ value.

The low S/N also decreases the sensitivity of the fit parameters. For decreas-
ing S/N the global optimum in parameter space becomes shallower. Conse-
quently, the error on the fit parameters increases, as these are a measure of the
width of this optimum (see Paper I). This explains the differences in the micro-
turbulent velocities (∼45%), as well as the mass loss rate found for data set B.

To locate the best fit, respectively, approximately 100, 50 and 60 generations
were needed in case of data set A, B and C. To obtain robust results we adopt 150
generations as the minimum value in fitting our programme stars.

5.3.3 NEBULAR EMISSION

The subtraction of nebular emission features in multi-fibre data can be problem-
atic. The use of a combined sky-spectrum, for instance, does not always result in
a complete removal of the nebular component and in some cases may result in
an over-subtraction of nebular features. To cope with these potential problems in
the automated fitting method we only consider the wings of the line profiles, ig-
noring any core nebular contamination. As in most cases the core nebular feature
is well resolved and as the removal of the line cores does not hamper an accurate
determination of the fit parameters (see Sect. 5.3.2), this approach seems justified.
Still, to assess to what extent the determination of the fundamental parameters
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might be influenced by residual nebular contamination or subtraction effects in
the line wings we performed two additional tests using non-sky-subtracted data.

To determine if the derived mass loss rates are affected by contamination of
the Hα Balmer line, we refitted the non-sky-subtracted spectrum of the O7 giant
NGC 346-010. From the targets observed with FLAMES this object has the small-
est mass loss rate that we could determine accurately, i.e. with error estimates
smaller than 0.2 dex. Therefore, if incorrect sky-subtractions would be an issue,
the mass loss rate estimate of this object would be affected the most. In com-
parison with the fit parameters determined from the sky-subtracted spectrum,
no significant differences are found for any of the parameters obtained from the
non-sky-subtracted spectrum. In more detail, the mass loss derived from the non-
sky-subtracted spectrum is found to be larger by the small amount of ∼0.07 dex,
and can be attributed to the slightly larger log g (∼0.08 dex). As no UV spectrum
is available for this object, v∞ was scaled with vesc, resulting in an approximately
ten percent higher terminal flow velocity. As Ṁ is connected to v∞ through the
continuity equation, this explains the 0.07 dex increase in the mass loss rate.

The second test we performed was on the spectrum of the O9 dwarf NGC 346-
077. This relatively faint object suffers from quite severe nebular contamination
in its line profiles. We find that the fit parameters obtained from the non-sky-
subtracted spectrum compare well with the values determined from the sky-
subtracted spectrum. Within the error bars the two parameter sets, again, are
in agreement. Only a relatively large difference is found for the microturbulent
velocity. This parameter was found to be reduced by ∼14 km s−1 in the fit of the
non-sky-subtracted spectrum. However, we do not attribute this relatively large
change to issues due to nebular contamination. Instead, as the formal tests have
shown, an accurate determination of this parameter is notoriously difficult for
low signal to noise spectra (see also Sect. 5.4.5).

5.3.4 ERROR ESTIMATES

We define error estimates for the fit parameters by estimating the width of the
optimum in parameter space associated with the global optimum. This width
defines, as was argued in Paper I, the region in parameters space which contains
models with comparable fit quality. Consequently, by determining the maximum
variation of the parameters within this group of models, the error is estimated
(see Paper I).

Table 5.4 contains the optimum width based error estimates of the fit param-
eters for each analysed object. Based on these estimates the errors on the derived
parameters (R?, L?, Ms and Mev) in this table were calculated using the same ap-
proach as was used in Paper I. The single difference is the adopted uncertainty
in the absolute visual magnitude. Here we adopt an uncertainty of 0.14m. This
value is equal to the sum of the statistical and systematic error in the determina-
tion of the SMC distance modules by Harries et al. (2003). The method used to
determine the uncertainty in Q0 is explained in Sect. 5.4.2.
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Table 5.3: Fundamental parameters determined using GA optimised spectral fits, with Teff in kK, log g and log gc in cm s−2, R? in R¯,
L? in L¯, vturb and vr sin i in km s−1, Ṁ in M¯yr−1, Ms and Mev in M¯ and Q0 in number of photons per second. Results were obtained
using a population of 72 FASTWIND models evolved over a minimum of 150 generations. Gravities corrected for centrifugal acceleration
(log gc) were used to calculate the spectroscopic masses (Ms). Evolutionary masses (Mev) were derived from the tracks of Charbonnel
et al. (1993).

ID ST Teff log g log gc R? log L? YHe vturb vr sin i Ṁ β Ms Mev log Q0

346-001 O7 Iaf+ 34.1 3.35 3.36 29.3 6.02 0.24 20.0 74 6.04·10−6 1.15 71.5 65.5 49.60
346-007 O4 V((f+)) 42.8 3.95 3.95 9.7 5.45 0.08 12.0 105 2.30·10−7 0.80 30.9 39.2 49.16
346-010 O7 IIIn((f)) 35.9 3.54 3.69 10.2 5.20 0.12 19.6 313 6.02·10−7 0.80 18.6 27.4 48.76
346-012 B1 Ib 26.3 3.35 3.35 12.1 4.80 0.07 11.1 29 1.24·10−8 0.74 12.0 16.6 46.75
346-018 O9.5 IIIe 32.7 3.33 3.37 11.1 5.10 0.10 0.0 138 9.65·10−8 0.80 10.6 23.6 48.55
346-022 O9 V 36.8 4.20 4.20 7.3 4.95 0.09 8.6 55 1.06·10−7 0.80 31.3 23.5 48.37
346-025 O9 V 36.2 4.07 4.08 7.2 4.90 0.10 6.3 138 1.25·10−7 0.80 23.0 22.6 48.31
346-026 B0 IV 32.6 3.76 3.76 9.2 4.93 0.11 10.6 67 5.25·10−8 0.80 17.7 20.7 48.06
346-028 OC6 Vz 42.9 3.97 3.97 6.5 5.10 0.16 10.3 27 1.00·10−7 0.80 14.3 31.9 48.81
346-031 O8 Vz 39.5 3.99 3.99 6.7 4.99 0.16 3.9 18 5.71·10−8 0.80 15.8 26.7 48.60
346-033 O8 V 39.9 4.44 4.45 6.6 4.99 0.07 17.5 188 7.42·10−7 0.80 44.2 27.1 48.54
346-046 O7 Vn 39.7 4.17 4.25 5.4 4.81 0.12 13.2 340 1.01·10−7 0.80 18.7 24.0 48.39
346-050 O8 Vn 37.2 4.16 4.25 5.2 4.67 0.13 10.2 357 7.30·10−8 0.80 17.9 20.6 48.12
346-051 O7 Vz 41.6 4.33 4.33 5.2 4.87 0.10 6.8 18 1.73·10−7 0.80 21.5 26.5 48.50
346-066 O9.5 V 35.6 4.25 4.26 5.2 4.59 0.09 16.4 129 9.75·10−8 0.80 18.0 18.9 47.88
346-077 O9 V 36.5 3.99 4.03 5.3 4.65 0.09 14.6 177 7.22·10−8 0.80 10.8 19.9 48.09
346-090 O9.5 V 34.9 4.26 4.28 5.3 4.56 0.09 11.3 188 9.82·10−8 0.80 19.4 18.3 47.76
346-093 B0 V 34.4 4.42 4.43 5.2 4.53 0.09 11.2 187 1.49·10−7 0.80 26.3 17.8 47.60
346-097 O9 V 37.5 4.49 4.49 5.6 4.75 0.08 8.5 22 2.03·10−7 0.80 35.5 21.7 48.14
346-107 O9.5 V 35.9 4.23 4.23 4.1 4.40 0.09 5.0 55 4.06·10−8 0.80 10.4 17.9 47.73
346-112 O9.5 V 34.4 4.15 4.17 4.3 4.36 0.10 15.6 143 2.44·10−8 0.80 9.8 16.6 47.53

A value of β = 0.80 corresponds to an assumed fixed value

12
6



M
A

SS
LO

SS
A

N
D

R
O

TA
TIO

N
O

F
EA

R
LY-TYPE

STA
R

S
IN

TH
E

SM
C

Table 5.3: (continued)

ID ST Teff log g log gc R? log L? YHe vturb vr sin i Ṁ β Ms Mev log Q0

330-013 O8.5 III((f)) 34.5 3.40 3.41 14.1 5.40 0.18 19.1 73 2.96·10−7 1.55 18.6 32.2 48.92
330-052 O8.5 Vn 35.7 3.91 4.02 5.2 4.60 0.16 11.3 291 3.66·10−8 0.80 10.5 19.0 48.00
AzV 14 O5 V 45.3 4.10 4.11 13.9 5.86 0.10 18.2 212 2.67·10−7 0.80 90.9 61.7 49.60
AzV 15 O7 II 39.4 3.69 3.70 18.3 5.82 0.10 2.9 135 1.12·10−6 1.12 60.9 53.9 49.53
AzV 26 O7 III 40.1 3.75 3.75 25.2 6.17 0.09 0.9 128 1.71·10−6 1.17 132.0 85.7 49.86
AzV 95 O7 III 38.2 3.66 3.66 13.8 5.56 0.13 13.2 68 3.56·10−7 1.16 32.1 39.3 49.19
AzV 243 O6 V 42.6 3.94 3.94 12.8 5.68 0.12 0.0 59 2.64·10−7 1.37 52.4 49.0 49.39
AzV 372 O9 Iabw 31.0 3.19 3.22 28.7 5.83 0.11 20.0 135 2.04·10−6 1.28 49.3 49.8 49.23
AzV 388 O4 V 43.3 3.95 3.96 10.6 5.55 0.09 13.2 163 3.34·10−7 0.80 37.5 43.4 49.27
AzV 469 O8.5 II((f)) 34.0 3.41 3.42 20.6 5.70 0.17 19.8 81 1.10·10−6 1.16 40.5 43.6 49.20

A value of β = 0.80 corresponds to an assumed fixed value
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Table 5.4: Optimum width based error estimates for the seven fit parameters. The ND entries correspond to error in vturb that reach up
to the maximum allowed value of vturb and, therefore, are formally not defined. See text for details on the calculation of the uncertainties
in the derived parameters. Units: Teff in kK, log g and log gc in cm s−2, R? in R¯, L? in L¯, vturb and vr sin i in km s−1, Ṁ in M¯yr−1, Ms
and Mev in M¯ and Q0 in number of photons per second.

ID ∆Teff ∆log gc ∆R? ∆ log L? ∆YHe ∆vturb ∆vr sin i log ∆Ṁ ∆β ∆Ms ∆Mev ∆ log Q0

346-001 −0.6
+0.6

−0.12
+0.17 ±2.0 ±0.06 −0.03

+0.06
−2.8
+ND

−9
+15

−0.04
+0.05

−0.09
+0.06

−19
+35

−6
+6

−0.17
+0.16

346-007 −0.7
+1.5

−0.04
+0.08 ±0.7 ±0.08 −0.01

+0.01
−8.7
+4.7

−13
+10

−1.30
+0.23 − −4

+8
−3
+5

−0.12
+0.20

346-010 −1.0
+1.3

−0.08
+0.13 ±0.7 ±0.09 −0.03

+0.04
−7.6
+ND

−23
+27

−0.14
+0.09 − −3

+6
−3
+3

−0.23
+0.30

346-012 −0.5
+0.8

−0.05
+0.10 ±0.8 ±0.08 −0.01

+0.01
−1.3
+1.9

−4
+4

−0.20
+0.52

−0.03
+0.41

−2
+4

−1
+1

−0.15
+0.20

346-018 −1.3
+1.1

−0.14
+0.15 ±0.8 ±0.09 −0.03

+0.05
−0.0
+10.5

−30
+38

−1.60
+0.56 − −3

+4
−2
+3

−0.29
+0.25

346-022 −0.8
+0.9

−0.16
+0.20 ±0.5 ±0.07 −0.01

+0.04
−8.4
+5.2

−9
+11

−1.27
+0.50 − −10

+19
−1
+2

−0.13
+0.15

346-025 −0.8
+1.2

−0.08
+0.24 ±0.5 ±0.08 −0.02

+0.03
−6.1
+8.3

−14
+17

−1.39
+0.41 − −5

+17
−2
+2

−0.13
+0.17

346-026 −1.2
+0.4

−0.17
+0.05 ±0.6 ±0.09 −0.01

+0.03
−3.1
+4.4

−5
+9

−1.35
+0.27 − −6

+3
−2
+2

−0.28
+0.13

346-028 −1.4
+1.1

−0.12
+0.17 ±0.4 ±0.08 −0.05

+0.04
−8.7
+6.1

−13
+12

−1.40
+0.44 − −4

+7
−3
+3

−0.19
+0.16

346-031 −1.4
+1.2

−0.18
+0.24 ±0.5 ±0.08 −0.04

+0.06
−3.7
+6.3

−9
+10

−1.70
+0.63 − −6

+12
−3
+3

−0.18
+0.17

346-033 −0.8
+1.6

−0.16
+0.16 ±0.5 ±0.09 −0.01

+0.02
−9.8
+ND

−26
+35

−0.23
+0.15 − −14

+21
−3
+3

−0.13
+0.20

346-046 −1.8
+1.7

−0.29
+0.23 ±0.4 ±0.10 −0.03

+0.06
−13.0
+ND

−27
+45

−1.00
+0.42 − −8

+11
−2
+3

−0.22
+0.21

346-050 −1.0
+1.3

−0.21
+0.20 ±0.4 ±0.08 −0.03

+0.05
−10.0
+ND

−31
+33

−1.85
+0.46 − −6

+9
−1
+2

−0.15
+0.18

346-051 −1.6
+0.9

−0.24
+0.17 ±0.4 ±0.09 −0.02

+0.04
−6.6
+6.4

−9
+14

−1.48
+0.31 − −9

+11
−3
+3

−0.20
+0.15

346-066 −1.4
+1.8

−0.16
+0.25 ±0.4 ±0.10 −0.02

+0.03
−10.8
+ND

−22
+22

−0.99
+0.40 − −6

+14
−2
+2

−0.32
+0.38

346-077 −1.0
+1.3

−0.08
+0.24 ±0.4 ±0.09 −0.01

+0.03
−10.0
+ND

−19
+14

−1.58
+0.40 − −2

+7
−2
+2

−0.15
+0.18

346-090 −1.4
+0.9

−0.20
+0.13 ±0.4 ±0.09 −0.01

+0.03
−11.1
+7.3

−18
+25

−1.98
+0.18 − −7

+7
−1
+2

−0.32
+0.22

346-093 −2.2
+1.0

−0.29
+0.18 ±0.4 ±0.13 −0.03

+0.04
−11.0
+ND

−32
+42

−1.48
+0.26 − −13

+14
−2
+2

−0.46
+0.24

346-097 −1.0
+1.2

−0.18
+0.21 ±0.4 ±0.08 −0.01

+0.03
−8.3
+5.1

−13
+15

−0.99
+0.34 − −12

+24
−2
+2

−0.15
+0.17

346-107 −1.4
+1.1

−0.27
+0.22 ±0.3 ±0.09 −0.01

+0.05
−4.8
+6.6

−13
+18

−1.89
+0.38 − −5

+7
−1
+1

−0.31
+0.26

346-112 −1.3
+1.9

−0.21
+0.29 ±0.3 ±0.11 −0.02

+0.06
−15.4
+ND

−30
+25

−1.28
+0.78 − −4

+9
−2
+2

−0.30
+0.40
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Table 5.4: (continued)

ID ∆Teff ∆log gc ∆R? ∆ log L? ∆YHe ∆vturb ∆vr sin i log ∆Ṁ ∆β ∆Ms ∆Mev ∆ log Q0

330-013 −0.9
+0.8

−0.15
+0.14 ±1.0 ±0.07 −0.03

+0.05
−3.2
+ND

−11
+9

−0.12
+0.20

−0.30
+0.24

−6
+8

−3
+3

−0.23
+0.20

330-052 −1.6
+2.4

−0.20
+0.54 ±0.4 ±0.13 −0.07

+0.06
−11.1
+ND

−43
+37

−1.91
+0.61 − −3

+17
−2
+3

−0.35
+0.50

AzV 14 −1.0
+1.7

−0.10
+0.12 ±1.0 ±0.09 −0.01

+0.03
−12.2
+ND

−22
+26

−1.33
+0.28 − −20

+32
−7
+10

−0.15
+0.21

AzV 15 −1.5
+1.9

−0.14
+0.20 ±1.3 ±0.10 −0.02

+0.03
−2.7
+12.3

−24
+20

−0.32
+0.19

−0.23
+0.53

−17
+37

−7
+8

−0.20
+0.23

AzV 26 −1.0
+1.8

−0.08
+0.15 ±1.8 ±0.10 −0.02

+0.02
−0.7
+12.5

−26
+20

−0.20
+0.14

−0.17
+0.30

−26
+59

−13
+15

−0.15
+0.22

AzV 95 −1.2
+0.6

−0.12
+0.12 ±0.9 ±0.08 −0.02

+0.04
−7.2
+ND

−9
+9

−0.11
+0.17

−0.26
+0.24

−8
+11

−3
+5

−0.17
+0.12

AzV 243 −0.6
+0.8

−0.07
+0.09 ±0.9 ±0.07 −0.02

+0.02
−0.0
+9.2

−6
+8

−0.22
+0.11

−0.16
+0.43

−10
+14

−4
+4

−0.12
+0.13

AzV 372 −1.2
+0.7

−0.17
+0.16 ±2.0 ±0.09 −0.03

+0.04
−4.6
+ND

−16
+20

−0.09
+0.09

−0.15
+0.19

−16
+22

−6
+7

−0.27
+0.18

AzV 388 −0.7
+0.9

−0.03
+0.11 ±0.7 ±0.07 −0.01

+0.01
−9.0
+1.6

−12
+7

−0.31
+0.10 − −5

+11
−4
+4

−0.12
+0.14

AzV 469 −0.5
+0.4

−0.06
+0.09 ±1.4 ±0.06 −0.03

+0.03
−4.6
+ND

−8
+10

−0.12
+0.09

−0.12
+0.21

−7
+11

−3
+4

−0.15
+0.14
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CHAPTER 5

5.4 FUNDAMENTAL PARAMETERS

In this section we will discuss the stellar properties of the investigated sample.
Table 5.3 lists the values determined for the seven free parameters as well as
quantities derived from these. Error estimates on the parameters are given in
Tab. 5.4. The fits of the spectra together with comments on the individual objects
are presented in the appendix.

5.4.1 EFFECTIVE TEMPERATURES

The cumulative opacity of all spectral lines, referred to as line blanketing, has a
strong effect on both the structure and the emergent spectrum of hot star atmo-
spheres. It has been shown by several authors that line blanketing changes the
relation between spectral type (set by the ionisation balance of mainly helium
and/or silicon) and effective temperature (related to the gas temperature of the
line forming layers). As line blanketing enhances the diffuse radiation field, be-
cause lines “trap” the photons and introduce additional back scattering (see e.g.
Schaerer & de Koter 1997; Repolust et al. 2004), models that account for it can
suffice with a lower temperature to match a given spectral type (de Koter et al.
1998; Martins et al. 2002; Crowther et al. 2002b; Herrero et al. 2002). As iron group
lines dominate the line blanketing, the spectral type vs. Teff relation is expected
to depend on metallicity, i.e. SMC stars of given spectral type will have a higher
effective temperature compared to their galactic counterparts.

Figure 5.1 shows the distribution of the effective temperature as a function of
O and early-B spectral sub-type for the investigated sample. The different lumi-
nosity classes are denoted using circles for the dwarfs and subgiants, triangles
for the giants, and squares for the bright giants and supergiants. We now con-
centrate on dwarf stars only, which account for the vast majority in our sample.
For these objects the figure shows a well defined relation, the mean of which is
represented by the solid line. At the earliest spectral types (O4-O6) the relation
seems to flatten out. However, the small number of objects analysed in this range
make this part of the diagram uncertain. Moreover, two of the objects at spec-
tral type O4 and O5 suffer from strong nebular contamination, complicating the
determination of their effective temperature (see the appendix).

Shown with a dashed line in Fig. 5.1 is the Teff “observational” calibration for
Galactic O-type dwarf stars as derived by Martins et al. (2005a). A clear offset is
apparent between this relation and the average calibration for the SMC O dwarfs.
This offset is approximately 3.3 kK for the latest types up to approximately 4.4 kK
for spectral type O5. These differences in Teff correspond to a shift in spectral
sub-type of about 2 for the late type objects and ∼1.5 sub-types for the earliest
types. Mokiem et al. (2004), using CMFGEN (Hillier & Miller 1998) and covering
the metallicity range from 2 times Solar to 1/10 Solar, find typical shifts of one
sub-type, though we should add that this comparison is not as extensive as the
one presented here.

Figure 5.1 also shows a clear separation between objects of different luminos-
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Figure 5.1: Effective temperatures as a function of spectral type for SMC objects studied
in this paper. Dwarfs, giants and supergiants are denoted by, respectively, solid circles,
triangles and squares. Shown with a solid line is the average Teff relation for the dwarfs
with spectral type later than O4. SMC dwarfs are found to be typically 3 to 4 kK hotter than
the Teff calibration for Galactic O-type dwarfs according to Martins et al. (2005a, dashed
line).

ity class. Compared to dwarfs, the giants, bright giants, and supergiants sys-
tematically have lower effective temperatures. The reason for this separation is
twofold. First, the latter group of objects represent more evolved evolutionary
phases. Their lower gravities result in an increased helium ionisation (e.g. Ku-
dritzki et al. 1983), reducing the effective temperature associated with a given
spectral type. Second, these objects are expected to have stronger stellar winds.
This induces an increased line blanketing effect, further reducing the Teff for a
given spectral type. Massey et al. (2005) also report a Sp.Type(Teff) calibration
for SMC stars. Their relation essentially agrees with ours at spectral types earlier
than O8. However, at later types their results suggest a rather sharp turn towards
the Martins et al. relation for Galactic stars which is not observed in our sample.
The reason for this apparent discrepancy is that our calibration employs dwarfs,
whilst Massey et al. had to rely upon giant stars at the latest O subtypes.

5.4.2 IONISING FLUXES

The ionising fluxes of massive stars are important quantities that are used in the
study of, for instance, H II regions and starburst galaxies (e.g. Vacca 1994). The pa-
rameter that is used to characterise the ionising output is the number of photons
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Figure 5.2: Number of Lyman continuum ionising photons Q0 as a function of spectral
type. Different luminosity classes are shown using circles, triangles and squares for, re-
spectively, IV-V, III and I-II class objects. Grey circles correspond to stars located on or
left of the ZAMS. Indicated using a dashed line is the Galactic calibration for dwarfs from
Martins et al. (2005a).

present in the Lyman continuum, Q0. It is defined as

Q0 = 4π2R2
?

Z λ0

0

πλFλ

hc dλ , (5.1)

where Fλ and λ0 are, respectively, the stellar flux in erg s−1 cm−2 Å−1 and the lim-
iting wavelength for photons able to ionise hydrogen, i.e. 912 Å.

Tables 5.3 and 5.4 list the number of ionising photons for the individual ob-
jects and the associated error estimates. These errors are dominated by the uncer-
tainty in stellar radius and effective temperature. To calculate the error estimates
we adopted an uncertainty of 0.03 dex in R?, which is dominated by the estimate
for ∆MV . The error introduced by ∆Teff was estimated from Fig. 16 from Martins
et al. (2005a), which shows the number of ionising Lyman continuum photons
as a function of effective temperature for the line blanketed stellar atmosphere
codes CMFGEN, WM-BASIC and TLUSTY. The difference between the predictions
of these three codes is relatively small and, consequently, we estimated the un-
certainty introduced in Q0 to be 0.09 dex/kK for Teff > 36 kK and 0.18 dex/kK for
Teff < 36 kK.

In Fig. 5.2 the distribution of Q0 as a function of spectral type for our pro-
gramme stars is presented. Different luminosity classes are indicated using cir-
cles, triangles and squares for respectively, IV-V, III and I-II class objects. On
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average the more evolved stars are found to produce more ionising photons for a
given spectral type because of their larger radii, hence higher luminosities. Also
shown in this figure as a dashed line is the “observational” Q0 calibration for
Galactic dwarfs from Martins et al. (2005a). In general we find that the ionising
fluxes of the SMC dwarfs are in good agreement with this calibration (also see
Mokiem et al. 2004). The most pronounced differences are for the O4 and O7
stars. With respect to the earliest spectral type this can be explained by nebular
contamination hampering the Teff determination (see previous section). The low
ionising fluxes of the two O7 dwarfs, however, cannot be explained in this way, as
they are found to follow the Teff trend in Fig. 5.1. Instead, we believe that the dis-
crepancy is related to their location in the HR-diagram, i.e. evolutionary phase.
The two dwarfs are found to locate a position on or to the left of the ZAMS (see
Sect. 5.7.2). As a result of this they are less luminous compared to objects of the
same spectral type that are located to the right of the ZAMS. Consequently, the
total number of ionising photons produced by these objects is smaller than the
average associated with their spectral type.

Apart from the two dwarfs at spectral type O7 three additional stars were
found to lie on or to the left of the ZAMS (see Sect. 5.7.2). As can be seen in
Fig. 5.2, where we have highlighted all ZAMS stars using grey circles, these stars
produce on average less ionising photons. Note that two dwarfs at O8 and O8.5
also seem to lie below the average. The O8.5 star has a below average Teff for
its spectral type (see Fig. 5.1). This explains its somewhat peculiar Q0 behaviour.
The O8 star below the average is NGC 346-050. It also has a temperature that
is lower than the average for its spectral type, though not to the same extent as
NGC 330-052. Interestingly, this object lies closest to the ZAMS (see Fig. 5.13) of
all non-ZAMS stars, and seems to behave in terms of Q0 in a similar manner as
the ZAMS objects. We conclude that the ZAMS stars for given spectral type have
∼0.4 dex lower Lyman continuum photons.

5.4.3 GRAVITIES

In Fig. 5.3 we present the distribution of SMC objects in the log Teff – log gc plane.
The surface gravity corrected for centrifugal acceleration (log gc) was calculated
according to the method discussed by Herrero et al. (1992) and Repolust et al.
(2004). Different luminosity classes are indicated using circles, triangles, and
squares for type IV-V, III, and I-II objects, respectively. With the exception of one
object, the dwarf type objects are all above log gc ' 3.9. The object with a lower
gravity, NGC 346-026 is the only subgiant. The luminosity class I-III objects oc-
cupy a strip below the dwarfs, reflecting the evolutionary path of hot massive
stars in this diagram. Note that no separation between luminosity class III and
I-II objects is visible in this secular behaviour.

A comparison of the masses based on the spectroscopically determined sur-
face gravities and those derived from predictions of massive star evolution is
presented in Fig. 5.4. The different luminosity classes are distinguished using the
same symbols as in Fig. 5.3. To determine the evolutionary masses evolutionary

133



CHAPTER 5

2.80

3.20

3.60

4.00

4.40

4.80

4.40 4.45 4.50 4.55 4.60 4.65 4.70

lo
g 

g c

log Teff

Figure 5.3: Distribution of the analysed SMC objects in the log Teff – log gc plane. Indicated
with different symbols are luminosity class IV-V (circles), III (triangles) and I-II (squares).
With exception of the subgiant NGC 346-026, the first group of objects are clearly separated
from the more evolved objects. These more evolved objects seem to follow a trend of
increasing surface gravity with increasing effective temperature.

tracks from Charbonnel et al. (1993), for Z = 0.2 Z¯ were used. The errors in
evolutionary mass reflect the mass interval allowed within the error box spanned
by the stellar luminosity and effective temperature. As the tracks of Charbonnel
et al. do not account for the effects of rotation, this source of error is not included.
Predictions accounting for vrot show complicated tracks including loops during
the secular redward evolution. Therefore, one can no longer assign an unambigu-
ous M(L, Teff). Still, assessing the impact of rotation using the Maeder & Meynet
(2001) and Meynet & Maeder (2005) computations that adopt an initial rotational
velocity vr = 300 km s−1 shows that the error in the evolutionary mass will not in-
crease by more than ∼13 percent. The errors in the spectroscopic mass are much
larger than those in Mev, and primarily reflect the error in gravity.

Inspection of Fig. 5.4 reveals no convincing systematic discrepancy between
the spectroscopic and evolutionary mass, even though some objects do not agree
within their standard deviation with the one-to-one relation. At the low mass end
there appears to be some tendency for the spectroscopic masses to be less than
those from evolutionary tracks. This behaviour is similar to the “mass discrep-
ancy problem” reported and discussed by e.g. Herrero et al. (2002) and Repolust
et al. (2004). Note that most of this classical problem has been resolved, i.e. it has
been attributed to limitations of the stellar atmosphere models (Herrero 1993) and
biases in the fitting process (see Paper I). With respect to the stars at the low mass
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Figure 5.4: Comparison of spectroscopically determined masses with masses derived from
the evolutionary tracks of Charbonnel et al. (1993) for Z = 0.2 Z¯. Denoted by circles,
triangles and squares are, respectively, luminosity classes IV-V, III and I-II. The dashed
line corresponds to the one-to-one relation between the two mass scales. With exception
of the two most massive objects, no systematic discrepancy between the spectroscopic and
evolutionary masses is observed.

end, we note that star NGC 346-107 occupies a location in the HR-diagram left of
the ZAMS (see Fig. 5.6). As the evolutionary status of this object is formally not
defined, the mass that is given is based on an extrapolation of the tracks. This
could lead to an erroneous value of Mev. Interestingly, for the other stars at the
low mass end the helium abundances listed in Tab. 5.3 seem to correlate with the
mass discrepancy. We will investigate this in detail in the next section.

For the two brightest objects, AzV 14 and AzV 26, the spectroscopic masses
are much larger than the implied evolutionary masses. The profile fits, in par-
ticular those of the gravity sensitive hydrogen Balmer lines, (see the appendix)
are good. So, it is not likely that the reason for the discrepancy is an overesti-
mation of the spectroscopically determined gravity. One could speculate about
a possible binary nature of both stars, as the spectroscopic mass is more sensi-
tive to changes in luminosity. An indication of binarity may be the conspicuously
high luminosities. However, using spectroscopic and spectral morphological ar-
guments, Massey et al. (2004) tentatively rule out a composite explanation for
both objects. In contrast to this we note that the luminosity and derived mass-
loss rate for these two stars (see Sect. 5.4.6) imply a position in the modified wind
momentum vs. luminosity diagram which is well below what is expected from
theory, i.e. the mass loss for these two stars would be in better agreement with
predictions if their luminosity would be lower.
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Figure 5.5: Helium abundances as a function of surface gravity. Luminosity classes IV-V,
III and I-II are denoted using circles, triangles and squares, respectively. Open symbols
correspond to fast rotators (vr sin i > 250 km s−1). The average helium abundance of the
investigated sample is 0.13. Shown with a dashed line is a measure for the initial YHe,
which is taken to be the average of the helium abundances of the dwarfs with a YHe smaller
than the sample average. Compared to this “initial” abundance of 0.09 an increase in YHe
is visible for decreasing surface gravity.

5.4.4 HELIUM ABUNDANCES

The automated method also treats the helium abundance as a continuous free pa-
rameter. Usually, spectroscopic analyses assume an initial Solar value for YHe,
which is only modified when no satisfying fit can be obtained (e.g. Herrero et al.
2002; Repolust et al. 2004; Massey et al. 2004). Because of the automated treatment
and the extent of our sample we can, for the first time rigorously, investigate pos-
sible correlations between the surface helium abundance and other fundamental
parameters.

In Fig. 5.5 we show YHe as a function of surface gravity log gc. The horizon-
tal dashed line represents the initial helium abundance of the SMC stars inves-
tigated. It corresponds to the average of the helium abundances of the dwarf
objects with YHe smaller than the total sample average. Using this “initial” abun-
dance of 0.09+0.009

−0.004 as a reference, the overall trend is that the average YHe in-
creases for decreasing surface gravity. This is consistent with the standard picture
that more evolved objects may have their atmospheres enriched with primary
helium. Interestingly, however, one may immediately spot two deviating objects
from the overall trend. First, the supergiant NGC 346-012 has a helium abun-
dance lower than the “initial” value. This object has log gc = 3.35 and YHe = 0.07.
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Figure 5.6: HR-diagram of the analysed SMC sample. Different luminosity classes are
distinguished using identical symbols as used in Fig. 5.5. Open symbols correspond to
objects with a helium abundance of at least 0.12. Over-plotted in grey are the evolution-
ary tracks of Maeder & Meynet (2001) and Meynet & Maeder (2005) with Z = 0.2 Z¯ and
vr = 300 km s−1. The ZAMS corresponding to these tracks is shown as a black solid line.
The grey area in the top part of the diagram corresponds to the region in which the evo-
lutionary models exhibit an enhancement of the surface helium abundance by ten percent
or more.

The reason for the low surface helium abundance is unclear and we will exclude
this star from the remainder of this discussion.

Second, some of the unevolved objects have enhanced helium abundances. It
can therefore be suspected that more parameters are involved in controlling the
enrichment displayed in Fig. 5.5. One such parameter could be stellar rotation.
Meynet & Maeder (2000), for instance, predicted that extensive mixing in fast
rotators could result in significant surface helium enhancement relatively early
in the evolution. To probe this possibility we have highlighted the fast rotators,
defined as having vr sin i > 250 km s−1, in Fig. 5.5 using open symbols. In case
of all four fast rotators we see that their helium abundances are enhanced with
respect to the “initial” value, suggesting that the helium enhancement may be
(partly) related to fast rotation. This may imply that two other dwarf objects
with a clear helium enhancement (YHe ≈ 0.16) but with low projected rotational
velocity are in fact fast rotators seen pole on.

How well do our spectroscopically derived helium abundances compare to
those predicted by evolutionary models? This is a fundamental but complicated
question. Important to realise is that one of the effects of rotation is that it in-
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troduces a wide bifurcation in the evolutionary tracks. Stars rotating above a
threshold vr of about 30-50 percent of break-up (depending on initial mass; Yoon
& Langer 2005) follow tracks which are essentially those of chemically homo-
geneous evolution. Such tracks do not evolve towards the red in the HRD, but
evolve bluewards (from the zero age main sequence) and upwards until the star
enters the Wolf-Rayet phase (Maeder 1987). Stars rotating below this critical value
evolve along tracks which are about similar to non-rotating ones, though at an
earlier age the surface abundances of helium (and carbon, nitrogen and oxygen)
will be affected by rotation induced mixing.

Let us first compare our results with tracks for rotational velocities below this
critical value. In the HR-diagram shown in Fig. 5.6 the grey lines correspond
to evolutionary predictions by Maeder & Meynet (2001) and Meynet & Maeder
(2005), which were calculated for Z = 0.2 Z¯ and vrot = 300 km s−1. Objects for
which a spectroscopic helium abundance of at least YHe = 0.12 was found are
denoted using open symbols. Note the location of four helium rich dwarf stars
close to or even on the ZAMS. These will be discussed in more detail in Sect. 5.7.
The grey area in the figure corresponds to the region in which the evolutionary
models predict a surface helium enhancement of at least ten percent.

The regime in which the evolved stars showing significant helium surface
enrichment reside roughly coincides with the location of the grey area. Not all
evolved objects show evidence of YHe enrichment. Many exhibit an abundance
about equal to the initial value. None of these stars are fast rotators (they all have
vr sin i . 140km s−1). This can easily be explained using tracks for non-rotating
stars (Meynet & Maeder 2000). The fair consistency between observed and pre-
dicted helium abundance in evolved objects is reassuring, however, a more detailed
comparison requires the availability of tracks for several more values of vrot.

We mentioned above that for modest rotation the tracks do not differ greatly
from non-rotating ones. This is not completely correct as rotation tends to make
the star somewhat more luminous. Langer (1992) proposed that this might ex-
plain the mass discrepancy problem identified by Herrero et al. (1992). Although
recent analyses no longer suggest a convincing systematic discrepancy (see e.g.
Sect. 5.4.3), it is still interesting to look at this idea in some more detail. Langer
connects the apparent mass problem to the helium abundance by showing that
the M/L-ratio is a monotonically decreasing function for increasing helium en-
richment. Consequently, if mixing brings primary helium to the surface one ex-
pects the star to be overluminous, leading to an overestimate of the evolutionary
mass if non-rotating tracks are adopted. If indeed this is the case, then the scatter
around the one-to-one relation in Fig. 5.4 might reveal a trend when plotted against
YHe.

The result of this exercise is shown in Fig. 5.7. On the vertical axis a measure of
the mass discrepancy is given. Note that the mass difference is plotted relative to
the mean of the evolutionary and spectroscopic mass to ensure that positive and
negative discrepancies are shown on the same linear scale. For the evolutionary
masses, tracks that do not account for rotation are used. The circles, triangles,
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Figure 5.7: The mass discrepancy (see also Fig. 5.4) as a function of surface helium abun-
dance. To compute the discrepancy non-rotating tracks of Charbonnel et al. (1993) are
used. Circles, triangles, and squares denote dwarfs, giants, and supergiants, respectively.
The open circles indicate stars on or left of the ZAMS. The bulk of the stars has the initial
helium abundance YHe = 0.09 where the discrepancy seems random and of the order of the
error. For helium enriched stars the discrepancy always favours a higher Mev, qualitatively
consistent with models accounting for mixing increasing the M/L-ratio and bringing he-
lium to the surface. A quantitative prediction (short dashed lines) based on ZAMS stars of
20 (upper curve) and 30 M¯ (lower curve) varying helium abundance shows, however, a
more modest effect than implied by our findings.

and squares denote dwarfs, giants, and supergiants, respectively. The open cir-
cles indicate stars on or left of the ZAMS. At the “initial” helium abundance of
YHe = 0.09 ± 0.01 – where most of the stars reside and dwarfs dominate – the
scatter around the Mev = Ms relation appears random. This essentially reflects
that there is no systematic mass discrepancy. At 0.13 . YHe . 0.19 the scatter is
not random, as all objects show a positive mass discrepancy. In principle this is
qualitatively consistent with the above described idea. However, is it also quan-
titatively consistent? To assess this we have computed the mass discrepancy for
ZAMS stars with a variable helium abundance. This should reflect the maximum
effect of rotation, i.e. such effective mixing that it leads to chemically homoge-
neous evolution. The results for stellar masses of 20 and 30 M¯ – typical for the
bulk of our sample – are shown (short dashed lines). These predictions clearly
show a more modest mass discrepancy, though the error bars on the mass dis-
crepancy for the programme stars do reach these predictions. We conclude that
stars with an enriched helium surface abundance tend to show a systematic mass discrep-
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ancy that is qualitatively consistent with predictions of chemically homogeneous evolu-
tion. We finally note that the supergiants in our sample, which can be explained
using evolutionary models including rotation, show the best agreement between
Mev and Ms (see also Fig. 5.4).

5.4.5 MICROTURBULENCE

Similar to the helium abundance the fact that the microturbulent velocity is
treated as a free parameter allows us for the first time to investigate possible
correlations for this parameters. However, in contrast to the former parameter,
this investigation did not yield any clear relation between vturb and any other
parameter. For each parameter given in Tab. 5.3 a comparison with the microtur-
bulent velocity basically results in a scatter diagram. This null result is similar to
the findings in Paper I and reflects the uncertainty with which vturb can be deter-
mined from the hydrogen and helium spectrum. Apparently the line profiles are
not very sensitive to this parameter.

We should also consider the fact that the error estimates determined for vturb,
as given in Tab. 5.4 are on average considerably large. As a result of this, one
could argue that for many objects it simply was not possible to accurately deter-
mine vturb. Consequently, it is not possible to find any correlation when the total
sample is considered. To avoid this potential problem we also investigated possi-
ble correlations using a subset of 14 objects for which the microturbulent velocity
was determined relatively well. The selection criterion for this subset was that
the vturb error bars should be well confined within the search domain, spanning
the range of 0 up to 20 km s−1. The comparison within the subset again did not
result in a correlation for vturb with any of the other parameters.

5.4.6 WIND PARAMETERS

Our sample is dominated by late O-type dwarf stars, which are expected to have
relatively weak winds. These are so weak that they challenge the sensitivity of
Hα as a mass-loss diagnostic. With nebular contamination as an additional com-
plicating factor, we could not derive reliable Ṁ for all objects. For nineteen stars
(see Tab. 5.3) we can only derive upper limits, i.e. the downward error bars on our
fit extend to the lower limit of the Ṁ regime in which the automated method was
allowed to search for a solution. It happens to be so that these can be identified by
an error bar − log ∆Ṁ & 1.0 dex (see Tab. 5.3). For many stars we could also not
determine the acceleration behaviour of the wind, expressed by the exponent β of
the velocity law. For these objects we adopted β = 0.8 consistent with theoretical
expectations (Pauldrach et al. 1986).

Despite the large number of upper limits, it is still possible to quantitatively
investigate the SMC stellar winds. We do this by studying the distribution of the
analysed objects in the so-called modified stellar wind momentum vs. luminosity
diagram. The modified wind-momentum, which is defined as Dmom ≡ Ṁv∞R1/2

? ,
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is predicted to behave as a power-law as a function of stellar luminosity (Ku-
dritzki et al. 1995; Puls et al. 1996)

log Dmom = x log
(

L?/L¯
)

+ log D◦ . (5.2)

In the above equation x corresponds to the inverse of the slope of the line-strength
distribution function corrected for ionisation effects (Puls et al. 2000) and D◦ is a
measure for the effective number of lines contributing to the acceleration of the
wind.

In Fig. 5.8 we present the distribution of the modified wind momenta of our
sample. The upper dashed curve is the theoretical prediction for a Galactic metal
content; the lower dashed curve is that for an SMC metallicity (Vink et al. 2001;
see also below), which is predicted to be shifted downward by 0.57 dex with
respect to the Galactic relation. Before confronting theory with observations, we
first discuss a few individual objects. The Dmom upper limit at log L?/L¯ ≈ 5.9
corresponds to the object AzV 14. As was argued in Sect. 5.4.3, this object might
be over-luminous because of a binary nature.

The O8 V star NGC 346-033 (at log L?/L¯ ≈ 5.0) is positioned far above the
SMC prediction. We suspect this is connected to the anomalously high termi-
nal velocity of 4100 km s−1, which results from a scaling with vesc as no direct
UV measurement is available. If this v∞ would be overestimated by a factor of
two (for an O8 V star one would expect v∞ ∼ 1900 km s−1, cf. Kudritzki & Puls
2000) the Dmom would be reduced by approximately a factor of six. This is so
because Dmom scales directly with v∞ and indirectly with v∞3/2 through the in-
variant wind-strength parameter (Q ∝ Ṁ/v∞3/2, e.g. see Puls et al. 2005). The
open circle shows the effect of such a decrease in terminal velocity. We decided
to exclude this object from the remainder of this discussion.

The two O-type supergiants in our sample, AzV 372 and NGC 346-001, are the
only two exhibiting an Hα emission profile. Markova et al. (2004) and Repolust
et al. (2004) have argued that for such stars the mass loss may be overestimated
relative to dwarf stars due to wind clumping effects. For dwarf stars the Hα ab-
sorption line is formed relatively close to the stellar surface, where clumping may
be negligible. The Hα emission line is typical for supergiants and in contrast re-
flects that the line is formed over a larger volume, where – they propose – clump-
ing has set in. Indeed, for NGC 346-001 Crowther et al. (2002b) present evidence
for wind clumping based on the analysis of the UV phosphorus lines. Repolust
et al. (2004) derive a correction for this clumping by multiplying the mass loss by
a factor 0.44, which we have applied for the two objects. The corrected modified
wind-momenta are shown in Fig. 5.8 using open squares.

For SMC objects, Fig. 5.8 represents the best populated modified wind-
momentum diagram presented so far (12 mass loss determinations and 19 up-
per limits). In particular at log L?/L¯ & 5.4 we find excellent agreement with
the Vink et al. predictions, establishing that at these luminosities the winds of SMC
stars are weaker, in accord to theoretical expectations. At log L?/L¯ . 5.2 the situation
is less clear as for many stars we could only set upper limits and for those for
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Figure 5.8: Modified wind momentum (Dmom) in units of g cm s−2 R¯ as a function of lu-
minosity for the analysed SMC sample. Luminosity classes are distinguished using iden-
tical symbols as in Fig. 5.5. Indicated using grey inverted triangles are upper limits. At
log L?/L¯ ≈ 5.0 the open symbol indicates the location NGC 346-033 would have if its true
v∞ would be lower by a factor two compared to the adopted value. Using open squares
modified wind momenta corrected for clumping are shown for the two supergiants with
Hα emission profiles. The upper and lower dashed lines correspond to the theoretical
wind-momentum luminosity relations (WLR) as derived by Vink et al. (2000, 2001) for, re-
spectively, Galactic and SMC metallicity. Shown with a dotted line is the empirical WLR
constructed for objects with log L?/L¯ & 5.4.

which Ṁ could be derived the error bars are large. For the weak wind regime we
therefore cannot draw firm conclusions.

We have constructed an empirical WLR by fitting a linear function to the ob-
jects in Fig. 5.8 with log L?/L¯ & 5.4, while accounting for the symmetric errors
in luminosity and the asymmetric errors in Dmom. Using the clumping corrected
Dmom values for AzV 372 and NGC 346-001 this results in the following relation

log Dmom = (1.69 ± 0.34) log
(

L?/L¯
)

+ (18.87 ± 2.00) , (5.3)

which is shown in Fig. 5.8 as a dotted line. Within the error bars the fit parameters
agree with the theoretical calculations of Vink et al. (2001), who predict x = 1.83
and log D◦ = 18.11 for SMC metallicity. To illustrate the agreement we compare
the predicted and fitted wind momenta at the boundaries of the fitting range. For
log L?/L¯ = 5.4 and log L?/L¯ = 6.2 the differences are −0.02 dex and 0.08 dex,
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respectively. Given the fact that the typical uncertainty in Dmom is of the order of
0.2 dex, we find the agreement excellent. We note that the weak wind regime is
discussed in more detail in Sect. 5.6.

5.4.7 PROJECTED ROTATIONAL VELOCITIES

The projected rotational velocities as determined with the automated fitting
method are listed in Tab. 5.3. The associated uncertainties range from approxi-
mately 10 km s−1 for the slow rotators up to about 40 km s−1 for the fast rotators,
indicating that we were able to accurately determine vr sin i with our self consis-
tent method. Note that the low vr sin i of NGC 346-031 and NGC 346-051 are close
to the effective resolution of the FLAMES observation (∼15 km s−1), and should
be interpreted as upper limits.

If a star rotates at more than approximately 80% of critical rotation the as-
sumption of spherical symmetry may break down (e.g. Maeder & Meynet 2000).
Checking the ratio vr sin i/vcrit for all our target stars, we find a maximum of about
∼0.65. We therefore do not expect any significant deviations from sphericity, nor
uncertainties in the derived parameters due to rotational effects.

ROTATION VS. MACROTURBULENCE

In our calculations we consider the possibility of small scale velocity fields. These
thermal and microturbulent motions have a coherence length that is small com-
pared to the line forming region. We do not include the possibility of motions that
have a coherence length that is comparable to or is larger than the line forming
zone. Such motions are denoted with the term macroturbulence (vmac). If a large
macroturbulent velocity field is present, it may be expected that the projected
rotational velocity that we determine from the hydrogen and helium profiles is
overestimated.

To assess the importance of macroturbulence we have also determined vr sin i
by means of a Fourier technique (Simón-Dı́az et al. 2006) using weak metal lines
as an independent diagnostics. The Fourier technique allows to discriminate be-
tween macroturbulence and rotation, as it is sensitive to differences in the ro-
tational and macroturbulent profiles (see e.g. Gray 1978). For details on this
method we refer to Simón-Dı́az et al. In all but one case we get vr sin i values
that are consistent to within the error estimates. As in first order the vr sin i and
vmac broadening should be added quadratically, this does not necessarily imply
that macroturbulent motions are absent. For vr sin i of order 100 to 150 km s−1,
macroturbulent fields with characteristic velocities of up to several tens of kilo-
metres per second, i.e. comparable to the small scale velocity component, remain
a possibility. Obviously, rapid rotators may show larger vmac components.

For the O8.5 bright giant AzV 469 the Fourier method recovers a vr sin i that
is about 30 percent lower than the 81 km s−1 derived from the hydrogen and he-
lium profiles. This could indicate the presence of a macroturbulent velocity field
with vmac ∼ 50 km s−1. Significant macroturbulent fields have been reported for
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Figure 5.9: Comparison of vr sin i distributions. Left panel: cumulative distribution func-
tions (cdf) of vr sin i for unevolved objects, i.e. luminosity class IV and V, and evolved
objects, i.e. luminosity class I, II, III, in the SMC. The group of unevolved SMC objects are
found to contain relatively both more fast rotators (vr sin i & 100 km s−1) as well as more
slow rotators (vr sin i . 50 km s−1) with respect to the group of evolved objects. Right panel:
cdf of unevolved SMC objects and unevolved Galactic objects (Penny 1996). Compared
to the Galactic sample the SMC sample contains a larger fraction of intermediately fast
rotating stars (120 & vr sin i . 190 km s−1).

B supergiants (e.g. Ryans et al. 2002), but not for early O-type stars. The fact that
this star is of relatively late O sub-type seems consistent with these findings. Con-
sequently, in the vr sin i distribution analysis presented below we adopt the pro-
jected rotational velocity for AzV 469 as determined using the Fourier method.

OBSERVED vr sin i DISTRIBUTIONS

For a meaningful comparison of the distribution of the projected rotational veloc-
ities of the SMC objects with other observations and with theory we use cumula-
tive distribution functions (cdfs). The cdf describes the distribution of vr sin i by
simply giving for every observed vr sin i the fraction of objects with lower or equal
velocities. In Fig. 5.9 the cdfs of the SMC sample are presented and compared to
cdfs of Galactic O-type stars.

The left panel in Fig. 5.9 compares the cdfs of unevolved objects, i.e. lumi-
nosity class IV and V, and evolved objects, i.e. luminosity class I, II and III, in
the SMC. This comparison shows that compared to the evolved objects the group
of unevolved objects contain relatively more fast rotators. For instance, approx-
imately ten percent of the evolved objects have a vr sin i in excess of 150 km s−1,
whereas approximately 40 percent of the unevolved objects exhibit velocities
larger than this vr sin i. Note that about 20 percent of the group of unevolved
objects is rotating slowly (vr sin i . 50 km s−1), while this is only 10 percent for the
evolved stars.
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Using the Kolmogorov-Smirnov (K-S) test we have determined that the prob-
ability that the two samples are drawn from the same underlying distribution
is 23 percent. Therefore, it is likely that the differences between the cdfs of the
unevolved and evolved SMC stars are significant and not due to statistical fluc-
tuations. The trend that is found here is also seen in Galactic O-type stars. Using
a similar approach, Howarth et al. (1997) and Penny et al. (2004) also find rel-
atively more slow and fast rotators among the unevolved stars. Howarth et al.
ascribe the reduced number of fast rotators to spin down as a result of an in-
creased radius for the evolved stars, as well as to loss of angular momentum
through the stellar wind. This explanation may also apply to the SMC case. They
further suggest that the apparent lack of slow rotating evolved stars is a spurious
result, caused by erroneously assigning turbulent broadening – which is more
pronounced for evolved stars (Ryans et al. 2002) – to rotational broadening. As a
result, the derived vr sin i are overestimates, therefore some vr sin i larger than 50
km s−1 (causing the steep gradient of the dashed curve in the left panel at about
70 − 80 km s−1) in reality reflect projected rotational velocities below 50 km s−1.
For this to be the correct explanation, the required turbulent velocities should be
large (order 40 − 70 km s−1). Whether such an explanation is valid for our sam-
ple is doubtful, as we have found no indication for the existence of significant
macroturbulent velocities in the objects with vr sin i . 100 km s−1.

In the right panel of Fig. 5.9 the 21 unevolved SMC objects are compared
to 66 unevolved Galactic stars as measured by Penny (1996). Again using the
Kolmogorov-Smirnov test we determined that the probability that the two sam-
ples have the same underlying distribution is 13%. Therefore, we tentatively as-
sume that the SMC distribution of unevolved stars is significantly different from
the Galactic distribution. However, this should be verified using a larger sample
of SMC objects.

A marked difference between the two curves is the behaviour between the
intersection points at ∼90 and ∼190 km s−1. The fact that these curves intersect
at these two points reflects that for both the SMC and Galaxy the same fraction
of stars show projected rotational velocities in this range. However, the fact that
in between 90 and 190 km s−1 the Galactic curve lies above the SMC one im-
plies that the Galactic stars show preferably lower vr sin i (i.e. closer to 90 km s−1)
than in the SMC. This behaviour is consistent with the SMC stars suffering less
from spin down due to mass loss, as the SMC stars are expected to have weaker
winds. The behaviour outside of the above velocity range cannot be understood
within the context of spin down through winds. At vr sin i . 90 km s−1 the SMC
shows preferably larger projected rotational velocities; at vr sin i & 190 km s−1

both galaxies show the same distribution. If the Galactic objects indeed suffer
from a stronger spin down, the latter behaviour could in principle imply that star
formation in a relatively metal rich environment results in larger initial rotational
velocities. However, note that the SMC cdf for vr sin i > 200 km s−1 only contains
four objects, which makes this last statement very uncertain.

The scenario in which SMC stars suffer less from spin down is consistent with
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the recent analysis performed by Dufton et al. (2006) for the young Galactic clus-
ter NGC 6611. They find that the vr distribution of the O-type stars can be char-
acterised by a Gaussian with a mean of ∼125 km s−1. In the next section we will
show that the underlying vr distribution of our SMC stars can be fitted by a Gaus-
sian with a mean of ∼160 km s−1. Consequently, as the age of NGC 6611 (∼2 Myr)
is comparable to the age of NGC 346, it appears that the weaker winds of the SMC
objects result in less spin down in the first few million years of evolution.

It would be interesting to compare the evolved SMC and Galactic cdfs as the
effect metallicity has on stellar rotation would likely be much more pronounced.
However, for our sample this is not possible. The reason is that in the Galactic
sample of Penny (1996) the ratio of luminosity class I-II to class III objects is a
factor two larger compared to our SMC sample. Consequently, when making this
comparison we could be confusing evolutionary effects with metallicity effects.

5.5 PARENT ROTATIONAL VELOCITY DISTRIBUTION

The effect of rotation on the evolution of massive stars has been studied by e.g.
Heger & Langer (2000), Meynet & Maeder (2000) and Maeder & Meynet (2001).
This has shown that rotation may cause extensive mixing, changing the size of
the reservoir of nuclear fuel available for evolution, and thus the lifetimes and
tracks (e.g. Langer & Maeder 1995). The effect of metal content on the time evo-
lution of the surface equatorial velocity as a function of metal content is nicely
illustrated in Figure 10 of Meynet & Maeder (2000) and Figure 3 in Maeder &
Meynet (2001). The first figure shows this evolution for different stellar masses in
a Galactic environment, using an initial surface equatorial velocity of 300 km s−1.
The second figure is identical, but now for a SMC environment. Ignoring the first
∼105 yrs – which show a rapid decrease of veq from ∼300 to ∼250 km s−1, reflect-
ing the initial convergence of the rotation law – the main sequence phase shows
a monotonic decline of the equatorial rotational velocity as a result of an increas-
ing radius and mass loss. Using the 20 M¯ track as an example, veq has reduced
from ∼250 to ∼120 km s−1 at the end of the main sequence phase in the case of
Galactic stars, but to only 200 km s−1 for SMC stars. The main fraction of the
SMC decline occurs near the end of the main sequence phase; halfway the main
sequence, veq ∼ 230 km s−1. The reason for the modest decline of the SMC star is
the fact that its stellar wind is weaker than that of its Galactic counterparts. Note
that for an initially 60 M¯ SMC star, which has a stronger wind than the 20 M¯
star, wind effects do play an important role. Most stars in our unevolved SMC
sample, however, have masses of about ∼15-30 M¯, therefore are representative
for the discussed case. Given that the age of the NGC 346 cluster is about 1–3 Myr
(see Sect. 5.7), we may conclude that – based on the evolution models – the ob-
served cdf of the unevolved SMC objects should lie close to the initial cdf. This
allows to address the interesting question: what is the initial vr sin i distribution?
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Figure 5.10: Left panel: cdfs of observed (solid line) and theoretical initial vr sin i distri-
butions. Dotted and dashed lines, respectively, correspond to a constant vr distribution,
i.e. block function, and a single value vr distribution. Right panel: filled areas indicate the
one σ probability distribution for theoretical vr sin i cdfs for the limited number of 21 ob-
jects calculated from a constant vr distribution with vmin = 0 km s−1 and vmax of 200, 352
or 600 km s−1. Shown with a dotted, dashed and dashed-dotted curve are, respectively,
the best fitting block function, Gaussian and Maxwellian distribution cdf. See text and
Fig. 5.11 for further comments and explanation.

5.5.1 INITIAL vr DISTRIBUTIONS

We compare the cdf of the unevolved SMC objects with the theoretical predic-
tions. To calculate these theoretical cdfs we constructed simple models of the
underlying unprojected rotational velocity distribution. For each distribution
function we synthesised a theoretical distribution using a large number of objects
(N = 104), while assuming randomly oriented rotation axes. The four adopted
models are:

1. a delta function, i.e. one single possible value of vr for all objects;

2. a block function, i.e. a constant distribution of objects between a minimum
velocity vmin and a maximum velocity vmax;

3. a Gaussian distribution, with a mean velocity vG
r and a standard deviation

σ;

4. a Maxwellian distribution, specified by the most likely velocity vM
r ;

The normalised distributions of (best fits of the) latter three models are shown
in the right panel of Fig. 5.10. Results for the delta and block function are pre-
sented in the left panel of Fig. 5.10. The top, middle, and bottom dashed curve
correspond to a population with a single rotational velocity vr = 200, 400, and
600 km s−1, respectively. From a comparison with the SMC distribution, we find
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that models assuming a single valued underlying vr distribution fail to reproduce
the observed cdf. Consequently, it is very unlikely that the velocity distribution
of massive stars in this cluster can be characterised by a single rotational veloc-
ity. This immediately implies that the initial vr distribution of this young cluster is
not such that, for instance, massive stars are all born rotating at critical velocity. Such a
supposition would not be completely unreasonable as the initial angular momen-
tum of Jeans-unstable molecular cloud fragments is so large that – if one assumes
it to remain conserved during collapse leading to the formation of a single object
– all stars would have to rotate super-critical. Such rapid rotation must lead to
the ejection of material and angular momentum, at least until the star is rotating
at break-up velocity. As pointed out, the observed vr sin i distribution does not
support such a scenario (also see Herrero & Najarro 2005).

The dotted curves in the left panel of Fig. 5.10 correspond to the theoretical
cdfs calculated for the second model, i.e. the block function. The best fit to the
observations requires vmin = 0 km s−1 and vmax = 352 km s−1. For comparison, we
also plot the result for vmax = 200 (top curve) and 600 km s−1(bottom curve). We
see that the overall shape of this model is in better agreement with the observed
cdf and that the best fit model gives a good fit to the SMC stars.

Given the fact that the SMC cdf is constructed from a limited number of ob-
jects, we should also try to account for the effect that a small sample size has on
the distribution in the theoretical cdfs. To do this we use the following approach.
Instead of using a large number of simulated objects to calculate the theoretical
cdf, we use a number equal to the amount of observed objects. Using different
sets of random inclination angles we then calculate an ensemble of theoretical
cdfs. The resulting distribution of these cdfs in the ensemble then describes the
effect of statistical fluctuations due to a limited sample size. In the right panel
of Fig. 5.10 the results of this approach are shown for the theoretical cdfs with
underlying constant vr distributions. The filled areas in this panel correspond to
the ranges in the diagram containing one σ, i.e. 68 percent, of the theoretical cdfs.
In other words the surfaces correspond to the area in which one can expect a the-
oretical cdf to be located within a one σ probability. The top, middle and bottom
areas, again, correspond to distributions with vmax equal to, respectively, 200, 352,
and 600 km s−1.

So, may we conclude that the underlying rotational velocity distribution is
indeed a block function? This would be premature. To illustrate this we show
two additional models in the right panel of Fig. 5.10. The dashed curve is the best
fit for a Gaussian vr distribution, with a mean velocity vG

r = 158 km s−1 and σ =

97 km s−1. The dashed-dotted curve is the best fit for a Maxwellian distribution,
characterised by a most likely velocity vM

r = 148 km s−1. For reference, the dotted
line gives the best fit for the constant distribution. The Gaussian and Maxwellian
models have an uncertainty which is similar to that of the block function (the
dotted line, with the middle grey area representing the uncertainty). Given the
modest difference between the block and the Gaussian curves – and in view of
their error bars – it is clear that we cannot distinguish between these two models.

148



MASS LOSS AND ROTATION OF EARLY-TYPE STARS IN THE SMC

0.0

1.0

2.0

3.0

4.0

5.0

6.0

 0  100  200  300  400  500

pr
ob

ab
ili

ty
 d

en
si

ty
 [1

0-3
 s

/k
m

]

vrot [km/s]

Figure 5.11: Best fitting model vr distributions for the vr sin i distribution of the unevolved
SMC objects. Shown with a dotted, dashed and dashed-dotted line are, respectively, the
constant, the Gaussian and the Maxwellian distribution.

The Maxwellian function is also very similar, however, here the agreement with
the observations seems a bit off, in particular at low velocities.

Why are the block and Gaussian distribution so indistinguishable? The reason
must be that the underlying intrinsic distributions are essentially similar. This is
shown in Fig. 5.11. Though the models obviously show differences, they are both
characterised by a mean velocity of about 150 − 180 km s−1 and a comparable
effective half width of roughly 100 − 150 km s−1. Therefore, this is currently the
most meaningful and robust specification we can assign to the underlying rota-
tional velocity distribution. The similarity between the models in the cdf plot
shows that even with a significantly larger set of observed rotational velocities
it will be difficult to better define the exact shape of the parent population of vr.
The Maxwellian distribution is a bit worse, essentially because it is lacking in
stars with low (. 50 km s−1 say) rotational velocities. We conclude that at birth
the massive star population of NGC 346 must have included ∼5–15 percent slow
rotators.

5.6 THE WEAK WIND PROBLEM

The majority of our programme stars have luminosities less than L? ∼ 105.25 L¯.
The winds of these SMC O- and B-type stars are currently at the focus of atten-
tion as they do not appear to agree with theoretical predictions (Bouret et al. 2003;
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Martins et al. 2004). Starting from this luminosity the observed rates rapidly fall
below the predicted ones, leading to a discrepancy of about two orders of mag-
nitude at L? ∼ 105 L¯. The reason for this discrepancy is not understood so far.
The cause may be ill treated or missing physics in the Ṁ predictions, e.g. be-
cause of a break down of the adopted Sobolev approximation for low density
winds (Owocki & Puls 1999) or possibly the neglect of ion-decoupling (Krtička
et al. 2003). Whether the last hypothesis is indeed a viable option seems doubtful.
Computations of Krtička et al. appear to indicate that this effect only starts to play
a role at a metallicity Z . 1/30 Z¯. Moreover, Martins et al. (2005b) also report a
weak wind problem for Galactic stars making ion-decoupling even more unlikely.
The Martins et al. result also suggests that metallicity effects can be excluded. An
alternative explanation may be that the dwarfs showing the weak wind prob-
lem represent an earlier evolutionary state, i.e. a state in which the wind is not
yet “fully developed”. The problem with this hypothesis is that the character-
istic timescale for the wind to develop – of order of the dynamical timescale of
the wind – is very short compared to evolutionary timescales, and that the wind
properties are determined by global and atmospheric properties only.

The cause of the discrepancy may also be connected to a defect in the spec-
troscopic derivation of the mass loss rate. The winds of these SMC dwarf O-type
stars are quite weak (∼10−8 − 10−6 M¯yr−1), and reach the limits of sensitivity
of Hα as a mass loss diagnostic. Therefore, the Bouret et al. and Martins et al.
study use unsaturated ultraviolet resonance lines of carbon, nitrogen, and oxy-
gen, which are much more sensitive mass loss indicators. However, these lines
typically belong to trace ions, for which the ionisation is extremely sensitive to the
local (shock generated) X-ray radiation field. Though significant progress in our
understanding of the processes leading to non-thermal X-rays in stellar winds
has been gained in the last years (e.g. Feldmeier et al. 1997; Pauldrach et al. 2001;
Kramer et al. 2003), we cannot yet exclude problems in the UV based Ṁ determi-
nation as the cause for the weak wind discrepancy.

Our genetic algorithm based fitting method allows to determine the mass loss
at the “upper end” of the weak wind regime. Figure 5.12 shows a comparison of
six O stars for which the UV and, save for NGC 346-026 and NGC 346-028, optical
spectra have been used to determine Ṁ (Crowther et al. 2002b; Bouret et al. 2003)
and which we have analysed here using optical spectra only. The four stars with
the highest mass loss all have a luminosity L > 105.3L¯, i.e. they are in a regime in
which the theory agrees with observations. In these cases the UV+optical studies
all include Hα. The Ṁ results reported in these studies compare very well with
our findings.

The two remaining stars, NGC 346-026 and NGC 346-028 have been anal-
ysed by Bouret et al. (2003). Their luminosities are 104.93 and 105.10 L¯, re-
spectively. This is in the regime where observed and predicted mass loss dis-
agree. Though the Bouret et al. analysis includes part of the optical spectrum
(from 3910 to 5170 Å), it does not include Hα. For NGC 346-026 they derive
Ṁ = 3.2 × 10−9 M¯yr−1; we find a ∼30 times higher rate. For NGC 346-028 they

150



MASS LOSS AND ROTATION OF EARLY-TYPE STARS IN THE SMC

-10.0

-9.0

-8.0

-7.0

-6.0

-5.0

-9.0 -8.0 -7.0 -6.0 -5.0

lo
g 

dM
/d

t (
U

V
)

log dM/dt (Optical) 

Figure 5.12: Comparison of mass loss rates determined in this study using the optical
spectrum with values determined from the UV spectrum. For the three objects with the
lowest mass loss rates the values determined from the optical spectra correspond to upper
limits.

obtain Ṁ = 10−10 M¯yr−1, where we find a ∼500 times larger value. Note, how-
ever, that for both stars the downward error bars on our fit values extend to the
lower limit of the mass loss regime in which the automated method was allowed
to search for a solution. This implies that our results are de facto upper limits.
Therefore, we cannot (yet) conclude whether or not the UV and Hα diagnostic
agree or disagree in weak wind situations.

Note that though we interpret these Ṁ as upper limits, the automated fitting
method did return a best fit value. Figure 5.8 shows the strength of the stel-
lar winds of our entire sample in terms of the modified wind momentum (see
Sect. 5.4.6 for a discussion). The inverted triangles represent upper limits. All
these upper limits are well above (up to two orders of magnitude) the mass loss
rates derived on the basis of UV profile fitting; not a single one “by chance” gives
a value comparable to what is found with the UV method. Why is this so? We
can identify two potential reasons. First, the automated fitting procedure scans
the mass loss dimension in a linear way. For weak wind cases typical lower and
upper bounds of this dimension are 10−9 and 10−7 M¯yr−1. In most cases it is
reasonable to assume that only above 10−7 M¯yr−1 the profile of Hα is sensitive
to mass loss. In that case it is, e.g. nine times as likely that the automated method
more-or-less by chance settles for a mass loss above 10−8 M¯yr−1, and not for
the much lower values indicated by UV analysis. Second, small errors in the
broadening function of Hα may perhaps be “corrected” in the automated fitting
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process by settling for a mass loss which is “as high as possible”. Consequently,
we conclude that we cannot assign any importance to the best fit value returned
by the automated method when the downward errors extend to the lower bound
of Ṁ allowed in the fitting process.

5.7 ON THE EVOLUTIONARY STATUS OF NGC 346

Undoubtedly the large number of early type stars in NGC 346 (Massey et al. 1989)
is indicative for a young age. Further evidence for the youthful nature of this
cluster may be given by the presence of several so-called Vz stars, which are hy-
pothesised to represent the earliest stages of main sequence evolution of massive
stars (e.g. Walborn & Parker 1992; Parker et al. 1992). In this section we will de-
termine an age estimate for NGC 346 and try to quantify the uncertainty rotation
introduces in this estimate. We will also discuss how well the spectroscopic Vz
designation correlates with ZAMS evolution.

5.7.1 THE AGE OF NGC 346

Rotation affects both the lifetimes and the tracks of stellar evolution models. Con-
sequently, before we can estimate the age of NGC 346 we need to assess the sys-
tematic uncertainty rotation will introduce in the age estimate. We do this by
considering the differences between isochrones derived from the non rotating
models of Charbonnel et al. (1993) and those based on the rotating models of
Maeder & Meynet (2001) and Meynet & Maeder (2005) adopting an initial vr of
300 km s−1. In Fig. 5.13 the two sets are shown as, respectively, dashed and dotted
curves for zero age, 1, 2, 3, 4, 5 and 7 Myr. For reference the evolutionary tracks of
the models accounting for rotation are also shown in this figure using grey lines.

Age determinations of individual stars, based on the evolutionary tracks, are
given in Fig. 5.14. The error bars on these life times account for the uncertainties
in temperature and luminosity. Open symbols (see the figure caption for details)
refer to non-rotating tracks; grey symbols for those accounting for rotation. Note
that they differ only very modestly for relatively unevolved objects. For instance,
stars near the main sequence are judged to be ∼105 years younger if rotation is
taken into account. We estimate that for main sequence stars having luminosities
larger than log L?/L¯ ≈ 4.5 this systematic difference may increase up to approx-
imately 0.5 Myr. For the more evolved phases, i.e. approximately giant phase
and later, this systematic discrepancy switches sign and rapidly becomes larger.
Considering the supergiant NGC 346-001 at log L?/L¯ = 6.0 we estimate its age
to be ∼1 Myr more if it is initially rotating with vr ∼ 300km s−1 compared to the
non-rotating case.

Ignoring the supergiant NGC 346-012 at log Teff ≈ 4.4, for which cluster mem-
bership is very uncertain (Evans et al. in prep.), we find that the objects populate
the region between the ZAMS and the 7 Myr isochrone, with typical error bars
(in both directions) of 2–5 Myr.
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Figure 5.13: Comparison of the programme stars located in NGC 346 with isochrones
for zero age, 1, 2, 3, 4, 5 and 7 Myr derived from the non rotating evolutionary models
of Charbonnel et al. (1993) (dashed lines) and models including rotation from Maeder &
Meynet (2001) and Meynet & Maeder (2005) (dotted lines). For reference the tracks of the
rotating models are also shown (grey lines), where for clarity purpose only the blueward
part of the evolution of the most massive tracks is plotted. Shown with identical symbols
as in Fig. 5.5 are our programme stars, which are located in NGC 346. Luminosity class Vz
objects are denoted using grey circles. See text for a discussion.

So, what could explain the apparent age scatter? First, some objects in our
sample might actually not belong to the cluster. In addition to NGC 346-012 this
is, for instance, also suggested by Walborn et al. (2000) for the B0 dwarf NGC 346-
026. Based on its spatial location, discrepant radial velocity and stellar parame-
ters these authors conclude that this object is not a coeval member of the cluster.
Its large age of about 7 Myr seems to support this conclusion. Because of cluster
membership issues we have placed both NGC 346-012 and NGC 346-026 to the
right in Fig. 5.14 and have separated them from the other stars using a vertical
dashed line. For the remainder of the discussion we treat them as not belonging
to the cluster. Second, the Oe star NGC 346-018 is poorly fitted because of con-
tamination by circumstellar material. This implies that the parameters derived
for this star should be taken with considerable care, and therefore also the ap-
parently large age of about 7 Myr that we derive for this object. Ignoring the
above three discussed objects the oldest investigated star in NGC 346 is ∼ 5 Myr
(NGC 346-010).
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Figure 5.14: Age determination of the programme stars in NGC 346 using the non-rotating
SMC models of Charbonnel et al. (1993) (open symbols) and those including rotation
(Maeder & Meynet 2001; Meynet & Maeder 2005) (closed symbols). Circles, triangles, and
squares denote dwarfs, giants, and supergiants, respectively. The horizontal axis gives the
ID number of the star (see e.g. Tab. 5.3); the vertical axis the age in Myr. The lower limits
(upwards pointing arrows) provide age estimates from tracks of chemically homogeneous
evolution (Yoon et al. in preparation); see text for a discussion.

What remains is an age spread of stars from zero to the above motivated
5 Myr. Can such an age spread be explained? We first checked whether there
is a relation between the age of the stars and their distance to the cluster centre.
Though we do see that the oldest stars (NGC 346-001 through NGC 346-025) are
all at some distance from the centre this also holds for some that are assigned
very young ages. Also two relatively old stars (NGC 346-007 and NGC 346-022)
are located relatively close to the cluster core. Therefore, we can not claim such a
relation.

Next we consider the possibility that the adopted tracks are not appropriate
for some stars. As we have explained, when it comes to age determination there
is no fundamental difference between tracks without rotation and those that do
account for it starting the evolution from an initial vr = 300 km s−1. However,
as already discussed in Sect. 5.4.4, if vr exceeds some critical value the evolution
will show a bifurcation behaviour, leading to tracks that evolve bluewards (from
the ZAMS) and upwards. This is the result of such efficient mixing that the HRD
behaviour proceeds as for chemically homogeneous evolution. Adopting such
tracks from Yoon et al. (in prep.) (also see Yoon & Langer 2005) it turned out to
be difficult to derive ages as for near critical rotation the effective temperature
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changes so rapidly (as a function of vr) that one can in practise only rely on lu-
minosity as an age discriminator. Given the error bars on L and Ms this did not
lead to meaningful constraints for most of the objects. Moreover, in a few cases
the mass discrepancy turned out to be so large that the luminosity range implied
by Ms (plus errors) did not coincide with the observed L?. This also prevents one
from deriving an age estimate.

A different approach we tried is based on the fact that for chemically homoge-
neous evolution the surface helium abundance is essentially a measure of stellar
age, for given initial mass. Taking into account the errors on YHe and Ms, this may
yield lower limits to the age of the stars. One derives lower limits because if evo-
lution is not fully chemically homogeneous the measured helium abundance is a
lower limit for the mean stellar YHe. The method will only provide useful results
for those stars that show enhanced helium even when correcting for the negative error
in YHe. This is the case for four objects (NGC 346-001, NGC 346-028, NGC 346-31,
and NGC 346-050). The derived lower age limits are shown in Fig. 5.14 (arrow
symbols). The lower limit of NGC 346-001 (the most massive star) is consistent
with the age as derived using the standard method. Interestingly, the lower lim-
its of the ages of the three remaining stars are all significantly above what we
derived using modestly rotating or non-rotating models. We have no indication
that our YHe determinations are flawed or that these stars had an initial helium
fraction significantly higher than 0.09. Consequently, it is likely that these stars
evolve along chemically homogeneous tracks and have ages comparable to the
oldest stars in the cluster.

In view of the above discussion we have to conclude that we can not derive a
unique age for NGC 346. The distribution of ages seems to indicate two preferred
values: 1–3 Myr and 3–5 Myr. We add that some stars appear to reside on or even
to the left of the ZAMS. Though, it could be that these latter stars evolve along
tracks for rapidly rotating stars (following tracks for chemically homogeneously
evolving stars). If so, we could not constrain their ages from such models. The
ages estimated from modestly rotating or non-rotating evolutionary models of
three helium enriched dwarf objects are so low (less than 2 Myr) that it is not
possible to bring them into agreement with the derived YHe values. Chemically
homogeneous evolutionary models instead predict an age comparible with the
oldest cluster population. Given/assuming that all stars belong to the same com-
pact cluster it seems very unlikely that the range of ages implies that NGC 346
experienced a prolonged burst of star formation, or a series of short bursts result-
ing in multiple coeval populations.

The age of NGC 346 was also estimated by Kudritzki et al. (1983), Massey
et al. (1989), Walborn et al. (2000) and Bouret et al. (2003). In the first, second
and fourth studies ages of 2.6 Myr, 2–4 Myr and 3 Myr were found, which in
principle are consistent with our findings. Walborn et al. estimate an age of
only 1 Myr. This agrees with our lower age limit. The reason for their young age
estimate is that their four star NGC 346 sample predominantly contained the stars
in the cluster closest to the ZAMS. Combined with the Teff calibration from Vacca
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et al. (1996) adopted by these authors, which resulted in relatively high estimates
for this parameter, for instance, compared to the analysis of Bouret et al. (2003),
explains their relatively young age estimate.

5.7.2 ZAMS STARS

The defining characteristic of the luminosity class designation Vz is a very intense
He II λ4686 absorption line that is substantially stronger than any of the other he-
lium absorption lines. The distinct behaviour of this line is believed to be linked
to a luminosity effect connected to an early evolutionary phase. As Vz stars are
hypothesised to lie relatively close to the ZAMS they are anticipated to be less lu-
minous compared to normal dwarf stars. As a result of this, the relatively strong
λ4686 line can be explained as a lack of partial filling in of the line profile due
to (wind) emission which normal dwarf stars do experience (Parker et al. 1992;
Walborn & Blades 1997).

In the HR-diagram shown in Fig. 5.13 we have highlighted the location of the
three NGC 346 Vz stars in our sample using grey circles. From these three objects,
NGC 346-028, NGC 346-031 and NGC 346-051, we find that the first and last are
indeed found to lie on or left of the ZAMS. NGC 346-031 in contrast occupies a
location between the one and two million year isochrones. We suspect that that
the strong He II λ4686 line in the spectrum of this object is in fact related to its
peculiar chemical composition (see Sect. 5.4.4). Moreover, the spatial separation
of NGC 346-031 of ∼5 arcminutes from the cluster centre, makes it unlikely that
this object is formed recently as part of the cluster. Consequently, care should be
taken with the correct interpretation of Vz stars as near-ZAMS objects, based on
optical classification criteria only.

In addition to the two Vz stars Fig. 5.13 reveals the presence of three more
stars located on or left of the ZAMS. Even though the spectra of these objects,
NGC 346-046, NGC 346-107 and NGC 346-112, do not exhibit the Vz characteris-
tics, their location in the HR-diagram clearly suggest an early evolutionary phase.
Why is this so? We suspect that the reason for the lack of a strong He II λ4686 line
in the spectra of these objects is related to their relatively low effective temper-
atures. Compared to the neutral helium lines the relative strength of the He II
lines decreases for decreasing Teff. Consequently, even though its line profile is
not filled in it becomes more unlikely for the He II λ4686 to be stronger than all
the He I lines for relatively low effective temperatures. In Fig. 5.13 we see that
these normal dwarf stars are indeed cooler than the Vz stars at the ZAMS. In-
terestingly, it turns out that in the spectrum of the hottest of these three objects,
NGC 346-046, the He II λ4686 is the strongest He II line, which has a strength that
is approximately equal to the strength of the strongest He I line. We therefore ar-
gue that the effective temperature of this object, i.e. ∼40 kK, corresponds to the
lower limit of Teff for SMC metallicity for which a Vz luminosity class designation
is at all possible.
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5.8 SUMMARY AND CONCLUSIONS

Using the automated fitting method developed by Mokiem et al. (2005), which
combines the stellar atmosphere code FASTWIND with the genetic algorithm
based optimisation routine PIKAIA, we have performed a quantitative analysis of
31 O- and early B-type stars located in the SMC. This sample was mostly drawn
from the targets observed in the SMC clusters NGC 346 and NGC 330 as part
of the VLT-FLAMES survey of massive stars (see Evans et al. 2005), and is the
largest sample of early type SMC stars analysed so far. Even though many of the
observed spectra show nebular contamination and have signal-to-noise ratios as
low as 50, the fitting method did not encounter convergence problems. Instead
we find that the quality of the data is naturally reflected in the errors that are
estimated for the fit parameters using the width of the global optimum.

Concerning the stellar properties of the objects in our sample we can draw the
following conclusions:

i) The average effective temperature for a given spectral type for SMC dwarf
stars is hotter by typically 3 to 4 kK than for their Galactic counterparts
(Martins et al. 2005a). We attribute this hotter temperature scale to a re-
duced line blanketing in the SMC. In contrast to Massey et al. (2005) we
find that this blanketing effect on Teff extends to spectral types as late as B0.

ii) The helium enrichment found in our stars does not appear to be consis-
tent with predictions of the evolution of massive stars ignoring rotation.
Comparison with evolutionary tracks that do account for rotation shows a
qualitative agreement. In the HR-diagram the region in which a helium en-
richment is predicted roughly coincides with the location of evolved objects
showing evidence of YHe enrichment. The actual degree of enrichment is in
many cases still strongly under predicted by the most recent evolutionary
models.

iii) From our three programme stars with a Vz luminosity class designation,
we find that only two are true ZAMS objects. Moreover, three additional
objects, which are not classified as Vz stars, are found to lie on or left of
the ZAMS. We argue that this is related to a temperature effect inhibiting
relatively cool stars located on the ZAMS to exhibit the spectral features
characteristic for the Vz luminosity class.

iv) We find good agreement between our spectroscopically derived masses and
those derived from evolutionary calculations. A mild mass discrepancy is
still found for stars with Ms . 20 M¯. This discrepancy correlates with the
surface helium abundance and is qualitatively consistent with the predic-
tions of chemically homogeneous evolution.

The stars in the young cluster NGC 346 allow to study the role of mass loss and
angular momentum loss during the early evolution of massive stars in a low
metallicity environment. Regarding these issues we can conclude that:
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v) The observed distribution of vr sin i for evolved stars (luminosity classes
I-II) contains relatively less fast rotators and slow rotators compared to
the distribution for unevolved stars (luminosity classes IV-V). These find-
ings are in agreement with analyses of Galactic samples and can be inter-
preted as a spin down due to an increased radius and angular momentum
loss through the stellar wind, and excess turbulent broadening among the
evolved stars (cf. Howarth et al. 1997). We also find that compared to the
velocity distribution of unevolved Galactic objects the distribution for un-
evolved SMC objects shows a relative excess of stars rotating with projected
velocities 120 & vr sin i . 190 km s−1. This excess can be interpreted as evi-
dence of a reduction of dissipation of angular momentum in weaker stellar
winds resulting from the low Z environment of the SMC.

vi) Using a simple modelling approach we have constrained the underlying vr
distribution of the unevolved SMC stars. The exact shape of this underlying
distribution – for which we have tried a block, Gaussian and Maxwellian
shape – is found to be degenerate, however, it can be characterised by a
mean velocity of about 150 − 180 km s−1 and an effective half width of
roughly 100 − 150 km s−1. The Maxwellian distribution appears a some-
what poorer representation of the vr distribution, indicating that 5–15 per-
cent of the stars must be slow rotators (vr . 50 km s−1).

vii) It is not possible to derive a unique age for NGC 346 using moderately ro-
tating or non-rotating evolutionary models. Though the bulk of the stars
indicate a lifetime of 1–3 Myr, part of the investigated stars seem some-
what older (3–5 Myr). Clearly the ages depend on the adopted evolution-
ary tracks. However, we point out that predictions for non-rotating stars
and those accounting for the rotational evolution of stars with an initial
vr = 300 km s−1 essentially give the same result. Three main sequence stars,
all with an age determination of less than 2 Myr, show significant helium
enhancement. Assuming that these stars have the same initial YHe this im-
plies a lower limit to their age of 2 to 3.5 Myr.

viii) Based on the predictions of the time evolution of the equatorial velocity for
low metallicity (Maeder & Meynet 2001) the above age considerations im-
ply that the underlying vr distribution derived for our sample (conclusion
vi) is representative for the initial rotational velocity distribution.

ix) Mass loss rates determined for the SMC objects are found to be systemat-
ically lower than for Galactic objects. For log L?/L¯ & 5.4 we find that the
wind strengths are in excellent agreement with the theoretical predictions of Vink,
de Koter, & Lamers (2001). The empirical modified wind momentum lumi-
nosity relation constructed for this luminosity regime agrees to within the
error bars with the predicted WLR.

x) Down to log L?/L¯ ≈ 5.3 the mass loss rates determined from the optical
spectra are in agreement with UV rates. For luminosities lower than this

158



MASS LOSS AND ROTATION OF EARLY-TYPE STARS IN THE SMC

value the winds become too weak for an accurate determination of Ṁ from
the optical spectrum only. Consequently, we cannot (yet) conclude whether
or not the UV and Hα diagnostics agree or disagree in weak wind situa-
tions.
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APPENDIX: FITS AND COMMENTS ON INDIVIDUAL OBJECTS

The observed spectra shown in this section were corrected for radial velocities. If
not noted differently the lines that were fitted are the hydrogen Balmer lines Hα,
Hγ and Hδ; the He I singlet line at 4387 Å; the He I triplet lines at 4026, 4471 and
4713 Å; and the He II lines at 4200, 4541 and 4686 Å. In general we find that all
lines could be fitted quite accurately including the He I λ4471 for which we only
encountered the “generalised dilution” in one case. This is in accordance with
the fact that the majority of the sample consists of dwarf stars and the single star
where this problem is present, AzV 372 is a late type supergiant.

NGC 346-001 The fit of the spectrum of this O7 supergiant is presented in
Fig.5.15. All lines except He I λ4387 are reproduced well. Note that the nebular
contamination on top of the Hα line core was disregarded in the fit. The inaccu-
rate reproduction of He I λ4387 is the result of the low weight given to this line in
our weighting scheme (see Paper I). For this low weight the quantitative fit qual-
ity of He I λ4387 is comparable to that of He I λ4026. Therefore, the discrepancy
is not significant and merely reflects the uncertainty with which we believe that
the stellar atmosphere code can reproduce this line.

This object was previously studied by Crowther et al. (2002b) using the al-
ternative wind code CMFGEN (Hillier & Miller 1998). We find good agreement
between the photospheric parameters. The largest difference is found for the ef-
fective temperature (2 kK). This difference can be explained by the higher surface
gravity obtained from our fit, which requires a higher Teff to obtain the same he-
lium ionisation equilibrium. Note that the helium abundance YHe = 0.2 adopted
by Crowther et al. is in good agreement with the YHe = 0.24 self consistently
determined here.

The mass loss rate obtained from our fit of the optical spectrum is within the
error bars in agreement with the value that Crowther et al. derived from the
UV spectrum. With respect to the acceleration of the wind we find a large dif-
ference. From the optical spectrum we derive β = 1.15, whereas Crowther et al.
find β = 1.65 based on the UV resonance lines. They do note that from their mod-
elling of Hα they obtain a smaller value for this parameter, indicating a possible
systematic discrepancy between wind accelerations determined from optical and
UV spectra (also see Puls et al. 1996).

NGC 346-007 With exception of the He I line at 4471 Å, which suffers from very
strong nebular contamination, a good fit was obtained for this object. Note that
the fit shown in Fig. 5.15 does not include the He I 4713 line. The nebular contam-
ination in this line proved to be too severe to obtain a reliable fit.

Within the uncertainties the photospheric parameters Teff and log g are in good
agreement with those of Bouret et al. (2003) who used CMFGEN for their analysis.
These authors find Teff = 41.5 kK and log g = 4.0. The automated method was
not able to self consistently derive β. Consequently, a fixed value of β = 0.8 was
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Figure 5.15: Comparison of the observed line profiles of NGC 346-001, -007, -010 and
-012 with best fitting synthetic line profiles obtained using the automated fitting method
(grey lines). Wavelengths are given on the horizontal axis in Å. The vertical axis gives the
normalised flux. Note that this axis is scaled differently for each line.
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used. With this fixed value a mass loss rate of 2.3 × 10−7 M¯yr−1 is found, which
is also in good agreement with the rate derived by Bouret et al. from a fit to the
wind sensitive UV lines.

NGC 346-010 is a fast rotator. To obtain the fit displayed in Fig. 5.15 a projected
rotational velocity of 313 km s−1 was needed. Even though all lines seem to be
fitted correctly we note a slight over prediction of the strength of the wings of
the wind sensitive He II λ4686 and Hα lines. The shape of the former line could
indicate the existence of denser equatorial material or possible the presence of a
disk.

NGC 346-012 As can be seen in Fig. 5.15 the low projected rotational velocity
of this B-supergiant allowed for a nearly perfect fit. Note that given the relative
scaling of the plots in Fig. 5.15 the fit quality of the He II lines is similar to that of
the neutral helium lines, i.e. they are fitted well.

The good fit quality obtained resulted in relatively small error estimates (cf.
Tab. 5.4). Most interestingly, the uncertainties on the wind parameters, consider-
ing the very tenuous wind of this object, are modest as well. This is mostly be-
cause Hα is not affected by nebular contamination. As a result of this the strength
and the shape of this wind sensitive line could be matched very accurately with
little room for error.

NGC 346-018 The line profiles of this object suffer from strong contamination,
making it problematic to obtain a good fit. We believe that this emission is not
only nebular in origin, but, given the breadth in the hydrogen lines, is possibly
also emitted from a circumstellar disk. The contamination in the Hα Balmer line
proved so severe that we did not include it in the fitting process. Our best fitting
model is presented in Fig. 5.16.

NGC 346-022 A good quality fit was obtained for this object. The nebular emis-
sion in the core of the He I 4471 line did not hamper an accurate determination
of the effective temperature, hence the small error given in Tab. 5.4. This Teff is
considerably larger than the effective temperature one would expect for a Galac-
tic O9 dwarf (see Martins et al. 2005a). However, it is in line with the expectation
of a reduced line blanketing effect as a result of a low Z environment, and is in
agreement with the values obtained for the other O9 V stars in our sample (see
Sect. 5.4.1).

NGC 346-025 The parameters obtained for this object are very similar to the
parameters used to fit the previously discussed object. The only difference is in
the projected rotational velocity, which is higher by more than a factor of two.
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Figure 5.16: Same as Fig. 5.15, however, for NGC 346-018, -022, -025 and -026.
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NGC 346-026 All lines, including the weak He II lines, are fitted well for this
object. In the Fig. 5.16 the final fit is presented. The luminosity classification IV
ascribed to this object is reflected in the gravity of log g = 3.76.

NGC 346-028 This object is classified as an OC6 Vz star, indicating that its spec-
trum shows signatures of a relatively low nitrogen abundance and evidence for
an early evolutionary state. Evidence for the latter is provided by the large rela-
tive strength of the He II λ4686 line (also see Sect. 5.7.2). In Fig. 5.17 the best fit is
presented. Note how well the He II blends in the hydrogen lines are reproduced.
The effective temperature and luminosity place this object at a position close to
the ZAMS in the HR-diagram shown in Fig. 5.13, corroborating its young age.

Compared to the analysis Bouret et al. (2003) we find an effective temperature
higher by almost 3 kK. This is likely related to the large helium abundance we
found. In contrast, Bouret et al. adopted the Solar value for this parameter. In
terms of the wind parameters we were only able to determine an upper limit
of 10−7 M¯yr−1 which is at least consistent with the 3 × 10−9 M¯yr−1 derived by
Bouret et al. from the UV spectrum.

NGC 346-031 is also classified as a Vz type object. The fit to its spectrum is
shown in Fig. 5.17. In contrast to NGC 346-028 the location of this object in the
HR-diagram does not corroborate its youthful spectral classification. Instead the
isochrones suggest an age of 1-2 Myr.

NGC 346-033 The fit presented in Fig. 5.17 shows that despite the strong nebu-
lar contamination in the neutral helium lines, a good fit could be obtained for this
O8 dwarf. The best fit mass loss rate of 7.4 × 10−7 M¯yr−1 seems rather high for
its luminosity. The reason for the large Ṁ is likely the anomalously large wind
velocity (∼4100 km s−1), which resulted from a scaling with the escape velocity
at the stellar surface (see Sect. 5.4.6).

NGC 346-046 The shape of the line profiles of this object are indicative for fast
stellar rotation. This is confirmed by the fit shown in Fig. 5.17, for which a vr sin i
of 340 km s−1 was needed, classifying 346-046 as a very fast rotator. The helium
abundance is slightly enhanced, which could be related to the rapid rotation of
this object. However, one has to keep in mind that the error estimate on this pa-
rameter is of the same order of the enrichment, when considering this statement.

NGC 346-050 To fit the line profiles, displayed in Fig. 5.18, a vr sin i of 357 km s−1

was needed. Interestingly, similar to the other fast rotator 346-046 a small helium
enhancement was found.

NGC 346-051 is the final Vz object in our sample. Its spectrum suffers from
strong nebular contamination. Nevertheless a good fit could be obtained, which
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Figure 5.17: Same as Fig. 5.15, however, for NGC 346-028, -031, -033 and -046.
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Figure 5.18: Same as Fig. 5.15, however, for NGC 346-050, -051, -066 and -077.
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is presented in Fig. 5.18. The location of NGC 346-051 in the HR-diagram pre-
sented in Fig. 5.13 points to an early evolutionary phase for this object.

NGC 346-066 The line profiles of this object are matched well by the synthetic
profiles. In the final fit, shown in Fig. 5.18, only the He I line at 4713 Å shows
a slight mismatch due to an apparent over prediction of the width of this line.
Given the signal-to-noise ratio of the spectrum, we do not believe this to be sig-
nificant.

NGC 346-077 A good fit was obtained despite the strong nebular contamina-
tion affecting the hydrogen and neutral helium lines. The final fit is displayed in
Fig. 5.18.

NGC 346-090 Like 346-066 this object is of spectral type O9 V. The fit to its spec-
trum is presented in Fig. 5.19. Compared to 346-066 a Teff lower by ∼800 K was
obtained. This is the result of the weaker He II lines.

NGC 346-093 The fit to the spectrum of the B0 dwarf NGC 346-093 is shown in
Fig. 5.19. This fit shows that the very weak He II lines at 4200 and 4541 Å could
still be fitted using the automated method.

NGC 346-097 The final fit to the spectrum of the O9 dwarf 346-097 is presented
in Fig. 5.19. Even though the nebular emission is quite severe in the hydrogen
lines and in some of the helium lines a good fit was obtained. Its parameters are
in agreement with other O9 V objects in our sample. Note that the gravity of
log g = 4.5 is remarkably high.

NGC 346-107 The nebular contamination, as shown in Fig. 5.19, is severe in the
spectrum of this object. All hydrogen and neutral helium lines suffer from nebu-
lar emission. This did not prevent the automated fitting method from obtaining
a reliable fit. Most importantly, the effective temperature, determined without
information about the cores of the He I lines, is in good agreement with the other
O9.5 V objects studied here.

NGC 346-112 The spectrum of 346-112 is rather noisy, which is the result of its
low luminosity of log L = 4.36 L¯, making it the intrinsically faintest object in our
sample. Also strong nebular contamination is present in the line cores. The fit to
the spectrum is presented in Fig. 5.20. Despite the low quality of the data the fits
of the line profiles are good. The low S/N value does, however, result in large
error bars (cf. Tab. 5.4).
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Figure 5.19: Same as Fig. 5.15, however, for NGC 346-090, -093, -097 and -107.

168



MASS LOSS AND ROTATION OF EARLY-TYPE STARS IN THE SMC

346-112   O9.5 V

0.60

0.80

1.00

 4325  4340  4355

Hγ

346-112   O9.5 V

0.70

0.80

0.90

1.00

 6544  6564  6584

Hα

346-112   O9.5 V

0.70

0.80

0.90

1.00

 4017  4026  4035

HeI + HeII 4026

346-112   O9.5 V

0.84

0.92

1.00

 4381  4388  4395

HeI 4387

346-112   O9.5 V

0.80

0.90

1.00

 4462  4471  4480

HeI 4471

346-112   O9.5 V

0.90

0.95

1.00

1.05

 4709  4713  4717

HeI 4713

346-112   O9.5 V

0.90

0.95

1.00

1.05

 4190  4200  4210

HeII 4200

346-112   O9.5 V

0.90

0.95

1.00

 4533  4541  4549

HeII 4541

346-112   O9.5 V

0.84

0.92

1.00

 4680  4686  4692

HeII 4686

346-112   O9.5 V

330-013   O8.5 III((f))

0.60

0.80

1.00

 4330  4340  4350

Hγ

330-013   O8.5 III((f))

0.70

0.80

0.90

1.00

 6552  6562  6572

Hα

330-013   O8.5 III((f))

0.60

0.80

1.00

 4022  4026  4030

HeI + HeII 4026

330-013   O8.5 III((f))

0.80

0.90

1.00

 4386  4388  4390

HeI 4387

330-013   O8.5 III((f))

0.60

0.80

1.00

 4468  4471  4474

HeI 4471

330-013   O8.5 III((f))

0.80

0.90

1.00

 4711  4713  4715

HeI 4713

330-013   O8.5 III((f))

0.80

0.90

1.00

 4192  4200  4208

HeII 4200

330-013   O8.5 III((f))

0.80

0.90

1.00

 4537  4541  4545

HeII 4541

330-013   O8.5 III((f))

0.80

0.90

1.00

 4682  4686  4690

HeII 4686

330-013   O8.5 III((f))

330-052   O8.5 Vn

0.70

0.80

0.90

1.00

 4326  4340  4354

Hγ

330-052   O8.5 Vn

0.70

0.80

0.90

1.00

 6542  6562  6582

Hα

330-052   O8.5 Vn

0.80

0.90

1.00

1.10

 4017  4026  4035

HeI + HeII 4026

330-052   O8.5 Vn

0.82

0.91

1.00

 4381  4388  4395

HeI 4387

330-052   O8.5 Vn

0.80

0.90

1.00

 4463  4471  4479

HeI 4471

330-052   O8.5 Vn

0.92

0.96

1.00

1.04

1.08

 4705  4713  4721

HeI 4713

330-052   O8.5 Vn

0.90

0.95

1.00

1.05

 4190  4200  4210

HeII 4200

330-052   O8.5 Vn

0.90

0.95

1.00

1.05

 4534  4541  4548

HeII 4541

330-052   O8.5 Vn

0.86

0.93

1.00

 4680  4686  4692

HeII 4686

330-052   O8.5 Vn

Figure 5.20: Same as Fig. 5.15, however, for NGC 346-112, NGC 330-031 and -052.
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NGC 330-013 As can be seen in Fig. 5.20 all lines of this O8.5 giant could be
fitted accurately. In the HR-diagram in Fig. 5.6 this object is found to lie close to
the region in which rotating evolutionary models predict a helium surface enrich-
ment. The relatively high helium abundance of YHe = 0.18, which was needed to
obtain this fit, seems to be in agreement with rotationally enhanced mixing effects
(see Sect. 5.4.4).

NGC 330-052 Presented in Fig. 5.20 is the spectrum of NGC 330-052. The Hδ
Balmer line was not fitted as the spectrum around in that region was of a too
low quality. Despite this missing line and the low signal-to-noise ratio, a good fit
could be obtained. The low quality of the spectrum does result in relatively large
error estimates (cf. Tab. 5.4).

AzV 14 For this object and the remaining objects the hydrogen Balmer line Hβ
was also fitted. The spectrum of the O5 V star suffers from strong nebular con-
tamination in both the He I and He II lines. However, the fit shown in Fig. 5.21,
does seem to reproduce the observed features correctly. A comparison with the
parameters determined by Massey et al. (2004), who also used FASTWIND, con-
firm this. Within the error bars the parameter values are comparable.

AzV 15 The He I λ4471 line in the spectrum shown in Fig. 5.21 is strongly af-
fected by nebular emission. This hampers an accurate determination of the ef-
fective temperature and the surface gravity, which is reflected in relatively large
error estimates listed in Tab. 5.4. Nebular emission can also introduce a system-
atic error in the determination of these parameters. However, the behaviour of
this object in the Teff vs. spectral type diagram and log Teff– log gc plane does not
indicate a problem. Moreover, a “normal” helium abundance of YHe = 0.10 is re-
covered from the spectrum, indicating that the He I line profiles contain enough
information to avoid a degeneracy effect between Teff and YHe (also see Paper I).
All in all, we conclude that despite the strong nebular contamination the param-
eters of AzV 15 are robust. This conclusion is strengthened by the good agree-
ment between the projected rotational velocity we determine from the optical
(135 km s−1) and the value determined by Penny et al. (2004). These authors used
cross-correlation techniques to determine vr sin i = 128 km s−1 from UV spectra.

AzV 26 A good fit was obtained for AzV 26, though in the final fit presented
in Fig. 5.21 there is a small under prediction of the line wings of He II λ4686. A
possible explanation of the latter may be an incorrect projected rotational velocity.
However, the value vr sin i = 132 km s−1 obtained from the automated fit is in per-
fect agreement with the value of vr sin i = 127 km s−1 Penny et al. (2004) derived
from the UV spectrum. Therefore, this small discrepancy remain unexplained.

Compared to the analysis by Massey et al. (2004) the largest differences are
found for Teff and log g, for which the automated method determined values
higher by ∼2 kK and 0.25 dex, respectively, and Ṁ, for which a value lower
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Figure 5.21: Same as Fig. 5.15, however, for AzV 14, 15, 26 and 95.

171



CHAPTER 5

by 0.16 dex was obtained. A small part of the difference in surface gravity can
be explained by the larger vr sin i of 150 km s−1 adopted by these authors. The
largest part of the difference in log g and Teff we believe is the result of a better
multidimensional parameter optimisation by the automated method. This as-
sures that the global optimum in parameter space is found avoiding log g and Teff
values which could correspond to a local optimum (see Sect. 5.2 of Paper I). The
reduced mass loss rate can be explained by the larger value of β found in this
study. Massey et al. assumed a fixed value of β = 0.8, whereas we find β = 1.17.

AzV 95 The best fit obtained for this O7 giant is presented in Fig. 5.21. The ac-
curate reproduction of all lines and the modest error estimates require no further
comments.

AzV 243 In Fig. 5.22 the spectrum of AzV 243 is presented. With the automated
method we were able to obtain a very good fit for all lines. The final parameters
can be compared to the work of Haser et al. (1998). With exception of the effective
temperature that Haser et al. adopted from the analysis of Puls et al. (1996) and β,
there is good agreement. Our effective temperature is lower by ∼1000 K, which
we attribute to the inclusion of line blanketing in our analysis. The acceleration
of the wind was determined by Haser et al. to be β = 0.7, based on UV resonance
lines. Our value of β = 1.4 was derived from the optical spectrum. The reason for
this discrepancy is unclear. However, it could be related to the fact that the wind
is very weak (order 10−7 M¯yr−1), introducing a large error in the determination
of this parameter.

Compared to the study of Penny et al. (2004) we again find good agreement
between our vr sin i determined from the optical (59 km s−1) and their vr sin i de-
rived from a UV analysis (62 km s−1).

AzV 372 Based on its peculiar Hα profile and the fact that they were unable to
simultaneously fit the He I and He II lines Massey et al. (2004) suggest that this
object is a spectroscopic binary. However, the fit presented in Fig. 5.22 shows that
a simultaneous fit of both the He I and He II lines for a single set of parameters
is possible. Therefore, we do not concur with the findings of Massey et al. and
treat AzV 372 as a single star. Note that we did encounter a mild form of the
“generalised dilution” effect in the He I λ4471 line.

Using our fitting method, reproduction of the Hα line still remains difficult.
We are not able to satisfactorily match the absorption and the weak emission
simultaneously. To fit the emission an increase of Ṁ of the same order as the error
estimate of this parameter is necessary. In Fig. 5.22 the effect of an increase of the
mass loss rate with 0.1 dex on the line profiles of Hα and He II λ4686 is shown
using a dotted line. Consequently, given the modest increase in Ṁ required we
regard our determination of the mass loss rate as correct within the given error
estimates.
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Figure 5.22: Same as Fig. 5.15, however, for AzV 243, 372, 388 and 469. Shown with a
dotted line for AzV 372 is the effect of an increase of the mass loss rate by 0.1 dex on the
line profiles of Hα and He II λ4686.
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AzV 372 was also analysed by Evans et al. (2004a). Compared to this study
we find differences for Teff, YHe, Ṁ and β. The effective temperature from the
automated method is larger by approximately 3 kK. This is probably linked to the
reduced helium abundance we find and the improved fit of the He II lines (e.g. see
Fig. 3 of Evans et al.). Our mass loss rate is approximately a factor of two larger
than the Ṁ determined by Evans et al.. We can explain this difference by the large
β these authors derive. To match the Hα profile Evans et al. needed β = 2.25,
whereas we obtained β = 1.27 using the automated method. As a larger value for
β results in a slower accelerating wind and, consequently, in a higher density in
the Hα line forming region, the required mass loss rate to reproduce the Hα line
profile is decreased. Note that our wind parameters, in contrast to Evans et al.,
can reproduce the He II λ4686 line profile correctly. However, one should realise
that in our fitting method this line was given a relatively high weight compared
to the fit of Evans et al. (2004a), who gave priority to Hα. Consequently, the
differences in wind parameters for this object also reflect the particularly peculiar
shape of the wind lines and the difficulties involved in reproducing them.

AzV 388 For the O4 dwarf AzV 388 a good fit was obtained. As is shown in
Fig. 5.22 all line profiles are reproduced accurately. The projected rotational ve-
locity of 163 km s−1 required to fit the profiles is in good agreement with the UV
determination by Penny et al. (2004). They find vr sin i = 179 km s−1.

AzV 469 The fit to the spectrum of AzV 469 is shown in Fig. 5.22. For all lines
a good fit was obtained. Our fit parameters compare well with the results of
Evans et al. (2004a) who studied this object using CMFGEN. In contrast we find
large differences for log g, Teff and Ṁ when comparing our results to the analy-
sis of Massey et al. (2004) who also analysed AzV 469 using FASTWIND. Note,
however, that the differences are likely the result of a not well constrained fit by
Massey et al., as these authors had difficulties matching the Hα core emission
and severely under predicted the strength of the He I λ4471 line.
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WIND PROPERTIES AND EVOLUTION OF HOT
MASSIVE STARS IN THE LMC

M. R. MOKIEM, A. DE KOTER, C. J. EVANS, J. PULS, S. J. SMARTT,
P. A. CROWTHER, A. HERRERO, N. LANGER, D. J. LENNON, F. NAJARRO &
M. R. VILLAMARIZ
TO BE SUBMITTED TO ASTRONOMY & ASTROPHYSICS
ABSTRACT. We have studied the optical spectra of a sample of 28 O- and early B-type stars
in the Large Magellanic Cloud, 22 of which are associated with the young star forming re-
gion N11. Our observations sample the central associations of LH9 and LH10, and the sur-
rounding regions. Stellar parameters are determined using an automated fitting method
(Mokiem et al. 2005), which combines the stellar atmosphere code FASTWIND (Puls et al.
2005) with the genetic algorithm based optimisation routine PIKAIA (Charbonneau 1995).
We derive an age of 7.0 ± 1.0 and 3.0 ± 1.0 Myr for LH9 and LH10, respectively. The
age difference and relative distance of the associations are consistent with a sequential
star formation scenario in which stellar activity in LH9 triggered the formation of LH10.
Our sample contains four stars of spectral type O2. From He II and hydrogen line fitting
we find the hottest three of these stars to be ∼53 − 54 kK (compared to ∼45 − 46 kK for
O3 stars). Detailed determination of the helium mass fraction reveals that the masses for
helium enriched dwarfs and giants derived in our spectroscopic analysis are systemati-
cally lower than those implied by non-rotating evolutionary tracks. We interpret this as
evidence for efficient rotationally enhanced mixing leading to the surfacing of primary
helium and to an increase of the stellar luminosity. This result is consistent with findings
for SMC stars by Mokiem et al. (2006a). For bright giants and supergiants no such mass
discrepancy is found; these stars therefore appear to follow tracks of modestly or non-
rotating objects. The set of programme stars was sufficiently large to establish, for the first
time, the mass loss rates of OB stars in this Z ∼ 1/2 Z¯ environment sufficiently accurate
to allow for a quantitative comparison with similar objects in the Galaxy and the SMC. The
mass loss properties are found to be intermediate to massive stars in the Galactic and SMC.
Comparing the derived modified wind momenta Dmom as a function of luminosity with
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predictions for LMC metallicities by Vink et al. (2001) yields good agreement in the entire
luminosity range that was investigated, i.e. 5.0 < log L/L¯ < 6.1.

6.1 INTRODUCTION

Massive stars play an intricate role in the evolution of galaxies. Because of the
large energies associated with their stellar winds, ionising radiation, and life-
ending supernova explosions, they dictate galactic structuring processes such as
star formation and the creation and evolution of supperbubbles (e.g. Oey 1999).
Mounting evidence also points to a direct link between massive stars and exotic
phenomena such as γ-ray bursts (e.g. Hjorth et al. 2003) and the reionisation of
the early universe (Bromm et al. 2001). Accordingly, understanding the proper-
ties of these stars, both in terms of their fundamental parameters as well as their
evolution, is fundamental.

The initial metal composition (Z) of the gas out of which massive stars form
has a strong impact on their global properties and characteristics. Many stud-
ies have shown that parameters such as the effective temperature and ionising
fluxes are strong functions of Z (e.g. Kudritzki 2002; Mokiem et al. 2004; Massey
et al. 2005; Mokiem et al. 2006a), adding an extra dimension to the conversion
of morphological properties such as spectral type to physical quantities. Theo-
retical and observational arguments (e.g. Kudritzki & Puls 2000; Vink et al. 2001)
also point to a relation between the strengths of the stellar winds of these objects
and metallicity. As wind mass loss leads to partial evaporation of the star (e.g.
Chiosi & Maeder 1986) – with possible consequences for the nature of the com-
pact object that is left behind after the final supernova explosion – and to loss of
angular momentum (e.g. Meynet & Maeder 2000), it also dictates to a large extent
its evolutionary path and fate (e.g. Yoon & Langer 2005; Woosley & Heger 2005).
Quantifying the mass loss versus metallicity dependence Ṁ(Z), therefore, is an
important quest in astrophysics.

Due to their proximity and low metal content the Magellanic Clouds provide
us with unparallelled laboratories to test and enlarge our knowledge of massive
stars. These galaxies, therefore, have been in the focal point of many studies
analysing their massive star content. Early studies (e.g. Conti et al. 1986; Gar-
many et al. 1987; Massey et al. 1989; Parker et al. 1992; Walborn et al. 1999) pre-
dominantly relied on photometric data and spectral type calibrations. Only rela-
tively recent the advent of large telescopes and the development of sophisticated
stellar atmosphere models has allowed for more detailed analyses of individual
stars (e.g. Puls et al. 1996; Hillier & Miller 1999; Crowther et al. 2002b; Bouret
et al. 2003; Martins et al. 2004). Though all these studies have contributed enor-
mously to our understanding of massive stars, the samples analysed so far have
been rather limited in size (a few objects at a time) and have been focused pre-
dominantly on objects in the Small Magellanic Cloud (SMC) – because its metal
deficiency is more extreme than that of the Large Magellanic Cloud (LMC) (but
see Massey et al. 2004, 2005).
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The limited sizes of the samples that have so far been studied are at the root
cause of the perhaps somewhat disheartening conclusion that – in spite of all the
progress that has been made – we still cannot provide robust and sound answers
to simple questions such as: what is the role of metal content, stellar winds and
rotation in the evolution of massive stars?; and, what are the mass loss rates of
massive stars, and how does metal content affect Ṁ? To attack the root problem,
our research group has conducted a VLT-FLAMES Survey of Massive Stars (see
Evans et al. 2005). In this ESO Large Program the Fibre Large Array Multi-Element
Spectrograph at the Very Large Telescope was used to obtain optical spectra of more
than 50 O- and early B-type stars in the Magellanic Clouds.

Here we present the homogeneous analysis, employing automated spectral
fitting methods, of a sample of 28 O-type and early B-type stars in the Large
Magellanic Cloud; 22 targets from the FLAMES survey and 6 from other sources.
This is so far the largest sample of massive stars studied in the LMC and it almost
doubles the amount of massive objects in this galaxy for which parameters have
been derived from quantitative spectroscopy. Specifically, we will try, for the first
time, to establish the mass loss rates of OB stars in this Z ∼ 1/2 Z¯ environment to
a level of precision that allows for a quantitative comparison with similar objects
in the SMC and our Galaxy. This will provide a new Z-point in testing the fun-
damental prediction provided by radiation driven wind theory for the mass-loss
– metallicity dependence: Ṁ(Z) ∝ Z0.5−0.7 (e.g. Kudritzki et al. 1987; Puls et al.
2000; Vink et al. 2001).

The majority of our LMC sample is associated with the spectacular star form-
ing region N11 (Henize 1956). It has a Hα luminosity only surpassed by that
of 30 Doradus (Kennicutt & Hodge 1986), consequently, ranking it as the second
largest H II region in the Magellanic Clouds. N11 is host to several OB associa-
tions of apparently different ages, the formation of which is believed to have been
triggered by stellar activity in the central OB cluster (Parker et al. 1992; Walborn
& Parker 1992; Walborn et al. 1999). Our observations sample both the central
cluster LH9 as well as the younger cluster LH10, allowing for an investigation of
a possible sequential star formation scenario. We will use our N11 stars to test
predictions of massive star evolution, including the role of rotation, and the star
formation history.

This paper is organised as follows: in Sect. 6.2 we describe the LMC data set
that was analysed using our automated genetic algorithm based fitting method.
A short description of this method is given in Sect. 6.3 and the results obtained are
presented in Sect. 6.4, with fits and comments on individual objects given in the
appendix. In Sect. 6.5 we investigate the discrepancy between spectroscopically
determined masses and those derived from evolutionary tracks. The evolution-
ary status of N11 is discussed in Sect. 6.6. Finally, Sect. 6.7 summarises and lists
our most important findings.
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6.2 DATA DESCRIPTION

Our OB-type star sample is mainly drawn from the targets observed in the LMC
within the context of the VLT-FLAMES survey of massive stars (see Evans et al.
2005). Two fields in the LMC centred on the clusters N11 and NGC 2004 were
observed in the survey. Here we analyse a subset of the objects observed in the
N11 field. This set consists of all O-type spectra obtained, excluding those that
correspond to confirmed binaries, and five early B-type spectra of luminous giant
and supergiant stars.

To improve the sampling in luminosity and temperature, we supplemented
the FLAMES targets with six relatively bright O-type field stars. These objects are
part of the Sanduleak (1970, hereafter Sk) and Brunet et al. (1975, hereafter BI)
catalogues, and were observed as part of the programs 67.D-0238, 70.D-0164 and
074.D-0109 (P.I. Crowther) using the Ultraviolet and Visual Echelle Spectrograph
(UVES) at the VLT.

The observations of the FLAMES targets are described extensively by Evans
et al. (2006), to which we refer for full details. Here we only summarise the most
important observational parameters. Basic observational properties of the pro-
gramme stars together with common aliases are given in Tab. 6.1. Note that N11-
031, BI 237, BI 253 and Sk−67 166 were studied recently using line blanketed
stellar atmosphere models. In the appendix a comparison with these analyses
is provided. The FLAMES targets were observed with the Giraffe spectrograph
mounted at UT2. For six wavelength settings a spectrum was acquired six times
for each object with an effective resolving power of R ' 20 000. These multiple
exposures, often at different epochs, allowed for the detection of variable radial
velocities. As a result, a considerable number of binaries could be detected (Evans
et al. 2006), which we subsequently excluded from our analysis.

To allow for a sky subtraction a master sky-spectrum was created from com-
bining the sky fibres in the Giraffe spectrograph (typically 15), individually scaled
by their relative fibre throughput. Even though in general the sky background
is low and this approach successfully removes the background contribution, in
crowded regions such as N11 accurate subtraction of nebular features remains
very difficult. As a result of this, the line profiles of many of our programme
stars still suffer from nebular contamination. This in principle does not hamper
our analysis. For most stars the core nebular emission is well-resolved and we
simply disregard this contaminated part of the profile in the automated line fits.
Mokiem et al. (2006a) showed by performing tests using synthetic data that with
this reduced amount of information, the automated method can still accurately
determine the correct fit parameters. Also tests assessing the impact of possi-
ble residual nebular contamination in the line wings or over-subtraction of sky
components showed that their effect is negligible.

For each wavelength range the individual sky-subtracted spectra were co-
added and then normalised using a cubic-spline fit to the continuum. A final
spectrum covering 3850-4750 and 6300-6700 Å was obtained by merging the nor-
malised data. Depending on the magnitude of the target these combined spectra
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Table 6.1: Basic parameters. Identification numbers for N11 are from Evans et al. (2006).
Photometric data for these objects are from Evans et al. (2006) and Parker et al. (1992),
the latter are flagged with an asterisk. For non-N11 objects these are from Ardeberg et al.
(1972), Issersted (1979) and Massey (2002). Wind velocities given without brackets are
from Crowther et al. (2002b), Massa et al. (2003) and Massey et al. (2005). For Sk −66 18
the wind velocity was measured from O IV (1031-1037 Å) in its FUSE spectrum. Values
between brackets are calculated from the escape velocity at the stellar surface. For N11-
031 the same value of v∞ was used as was adopted by Walborn et al. (2004).

ID Spectral V AV MV v∞
Type [km s−1]

N11-004a) OC9.7 Ib 12.56 0.74 −6.68 [2387]
N11-008b) B0.7 Ia 12.77 0.84 −6.57 [1619]
N11-026 O2 III(f*) 13.51 0.47 −5.46 [3116]
N11-029 O9.7 Ib 13.63 0.56 −5.43 [1576]
N11-031c) ON2 III(f*) 13.68∗ 0.96 −5.78 3200
N11-032d) O7 II(f) 13.68∗ 0.65 −5.47 [1917]
N11-033 B0 IIIn 13.68 0.43 −5.25 [1536]
N11-036 B0.5 Ib 13.72 0.40 −5.18 [1714]
N11-038e) O5 II(f+) 13.81∗ 0.99 −5.68 [2601]
N11-042 B0 III 13.93 0.22 −4.79 [2307]
N11-045 O9 III 13.97 0.50 −5.03 [1548]
N11-048 f ) O6.5 V((f)) 14.02∗ 0.47 −4.95 [3790]
N11-051 O5 Vn((f)) 14.03 0.19 −4.66 [2108]
N11-058 O5.5 V((f)) 14.16 0.28 −4.62 [2472]
N11-060g) O3 V((f*)) 14.24∗ 0.81 −5.07 [2738]
N11-061 O9 V 14.24 0.78 −5.04 [1898]
N11-065h) O6.5 V((f)) 14.40 0.25 −4.35 [2319]
N11-066 O7 V((f)) 14.40 0.25 −4.35 [2315]
N11-068 O7 V((f)) 14.55 0.28 −4.23 [3030]
N11-072 B0.2 III 14.61 0.09 −3.98 [2098]
N11-087i) O9.5 Vn 14.76∗ 0.62 −4.36 [3025]
N11-123 O9.5 V 15.29 0.16 −3.37 [2890]
BI 237 O2 V((f*)) 13.89 0.62 −5.23 3400
BI 253 O2 V((f*)) 13.76 0.71 −5.45 3180
Sk −66 18 O6 V((f)) 13.50 0.37 −5.37 2200
Sk −66 100 O6 II(f) 13.26 0.34 −5.58 2075
Sk −67 166 j) O4 Iaf+ 12.27 0.31 −6.54 1750
Sk −70 69 O5 V 13.95 0.28 −4.83 2750

a) alias: Sk −66 16 b) alias: Sk −66 15 c) alias: LH10 3061 d) alias: PGMW 3168
e) alias: PGMW 3100 f ) alias: PGMW 3204 g) alias: PGMW 3058
h) alias: PGMW 1027 i) alias: PGMW 3042 j) alias: HD 269698
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have typical signal-to-noise ratios of 100-400.

The first four field stars listed in Tab. 6.1 were observed with the VLT-UVES
spectrograph in service mode on 29 and 30 November 2004 under program 74.D-
0109. UVES is a two armed cross-dispersed echelle spectrograph allowing for
simultaneous observations in the blue and red part of the spectrum. In the blue
arm standard settings with central wavelengths of 390 and 437 nm were used to
observe the spectral ranges 3300-4500 and 3730-5000 Å. For the red arm standard
settings with central wavelengths of 564 and 860 nm provided coverage between
4620-5600 and 6600-10400 Å. A 1.2′′ wide slit was used, providing a spectral reso-
lution of 0.1 Å at Hγ, corresponding to an effective resolving power of R ' 40 000,
a value which applies to all UVES setups. Individual exposure times ranged from
1500 to 2200 seconds.

Sk −67 166 was observed on 27 and 29 September 2001 under program 67.D-
0238 with UVES using a 1′′ slit. A standard blue setting with central wavelength
437 nm provided continuous coverage between 3730-5000 Å. A non-standard red
setup with central wavelength 830 nm was used to observe the range between
6370-10250 Å. Three exposures, each of 1000 s were obtained for each setup. Note
that the data for this target was previously presented by Crowther et al. (2002b).
Finally, Sk −70 69 was observed on 1 and 2 December 2002 using UVES under
program 70.D-0164. Standard blue and red settings with central wavelengths 390
and 564 nm were used in simultaneous 2400 s exposures using dichroic. A second
non-standard red setup with central wavelength 520 nm (4170-6210 Å) without
dichroic was used in a 1500 s exposure. The typical two pixel S/N ratios obtained
for all spectra are 80 at Hγ and 60 at Hα.

Spectral types for FLAMES stars were determined by visual inspection of the
spectra, using published standards. In particular the atlas of Walborn & Fitz-
patrick (1990) was used while considering the lower metallicity environment of
the LMC. The classifications given in Tab. 6.1 are from Evans et al. (2006). For the
field stars we adopted the classifications given by Walborn (1977), Walborn et al.
(1995, 2002a) and Massey et al. (1995, 2005).

Photometric data for the FLAMES targets was obtained predominantly from
B and V images of the N11 field taken with the Wide Field Imager at the 2.2-m
Max Planck Gesellschaft/ESO telescope on 2003 April 2004 (Evans et al. 2006).
The photometry for stars flagged with an asterisk was adopted from Parker et al.
(1992). The caption of Tab. 6.1 lists the references to the various sources of the
photometric data of the field stars.

To calculate the interstellar extinction (AV) given in Tab. 6.1 we adopted in-
trinsic colours from Johnson (1966, and references therein) and a ratio of total to
selective extinction of RV = 3.1. With these AV values, extinction corrected visual
magnitudes (V0) were calculated from the observed V-band magnitudes. Finally,
we calculated the absolute visual magnitude MV , while adopting a distance mod-
ulus of 18.5 for the LMC (Panagia et al. 1991; Mitchell et al. 2002).
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6.3 ANALYSIS METHOD

All optical spectra will be analysed using the automated fitting method devel-
oped by Mokiem et al. (2005, hereafter referred to as Paper I). Here we will suffice
with a short description of the method and refer to the before mentioned paper
and to Mokiem et al. (2006a, hereafter Paper II) for the details.

In short the automated fitting method uses the genetic algorithm based op-
timisation routine PIKAIA (Charbonneau 1995) to determine the set of input pa-
rameters for the stellar atmosphere code FASTWIND (Puls et al. 2005) which fit an
observed spectrum the best. This best fitting model is constructed by evolving
a population of FASTWIND models over a course of generations. At the end of
every generation the parameters of the models which relatively fit the observed
spectrum the best are used to construct a new population of models. By repeating
this procedure a natural optimisation is obtained and after a number of genera-
tions (see below) the best fitting model, i.e. global optimum in parameter space,
is found.

Using the concept of a unified model atmosphere the fast performance code
FASTWIND incorporates non-LTE and an approximate approach to line blanketing
to synthesise hydrogen and helium line profiles. Consequently, given the spectral
range of the observed data set in this study we will focus on the modelling of the
optical hydrogen and helium lines. To account for the accuracy with which each
individual line can be reproduced by FASTWIND we adopt the line weighting
scheme as described in Paper I.

In the fitting of the spectra we allow for seven free parameters. These are
the effective temperature Teff, the surface gravity g, the helium number density
defined as YHe ≡ N(He)/N(H), the microturbulent velocity vturb, the projected
rotational velocity vr sin i, the mass loss rate Ṁ and the exponent of the beta-type
velocity law describing the supersonic regime of the stellar wind. For the terminal
velocity of the wind v∞, which cannot be accurately determined from the optical
spectrum, we adopt values determined from the analysis of ultraviolet (UV) wind
lines. If no UV determination of v∞ is available a scaling relation of v∞ with the
escape velocity (vesc) defined at the stellar surface is used throughout the fitting
process. For our programme stars we adopt the ratio as determined by Lamers
et al. (1995) of v∞/vesc = 2.6. Similar as in Paper II we adopt fixed values for
the atmospheric abundances of the background metals. These were scaled with
respect to mass ratios based on the Solar abundances of Grevesse & Sauval (1998,
and references therein). The metallicity scaling factor was set equal to the mean
metal deficiency of 0.5 as found for the LMC (Russell & Bessell 1989; Rolleston
et al. 2002).

For our current data set the spectral range and quality, with exception of the
signal-to-noise ratio, is similar to the set analysed in Paper II. Consequently, we
adopt the same minimum number of generations that have to be calculated to
determine the best fit, i.e. to assure that the global optimum in parameter space
is found. In Paper II, using formal tests that accounted for nebular contamination
of the line profiles and a signal-to-noise ratio of 50, this number was determined
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to be 150.
The uncertainties of the fit parameters are determined using so-called opti-

mum width based error estimates. In Paper I we have argued that an error esti-
mate for a parameter can be defined as the maximum variation of this parameter
within the global optimum in parameter space. By measuring the width of this
optimum in terms of fit quality one can determine which models, based on their
fit quality, are associated with the global optimum. The maximum variation of
the individual fit parameters within this group of models then gives the error
estimates (see Sect. 4 in Paper I).

In Tab. 6.3 the optimum width based error estimates of the fit parameters for
our programme stars are listed. The uncertainties in R?, L?, Ms and Mev, that
are derived from the fit parameters, were calculated using the same approach
as in Paper II. The adopted uncertainty in the visual magnitude is ∆MV = 0.13
(Panagia et al. 1991) for all our programme stars.

6.4 FUNDAMENTAL PARAMETERS

6.4.1 EFFECTIVE TEMPERATURES

In Fig. 6.1 the distribution of the effective temperatures of our programme stars as
a function of spectral type is shown. The different luminosity classes are denoted
using circles, triangles and squares, respectively, for class V, III and I-II objects.
Similar as in Paper II we see that for a given spectral type the dwarfs are sys-
tematically hotter than the giants and supergiants. This separation can be inter-
preted as the result of the reduced surface gravities of the more evolved objects.
A lower surface gravity results in an increased helium ionisation (e.g. Kudritzki
et al. 1983), reducing the Teff needed for a given spectral type (e.g. Mokiem et al.
2004). A second reason is that the more evolved objects have stronger winds.
These denser winds induce an increased line blanketing effect, further reducing
the required temperature (e.g. Schaerer & de Koter 1997). Massey et al. (2005),
who also analysed a sizeable sample of LMC stars, do not find evidence for the
dwarfs being hotter than the giants. Though, we note that their analysis only
contained two giant Teff determinations for spectral type later than O2.

For comparison we also show in Fig. 6.1 as a dashed line the observed Teff vs.
spectral calibration for Galactic O-type dwarfs from Martins et al. (2005a). With
a dotted line the average temperature of the SMC dwarfs studied in Paper II is
shown. The LMC dwarfs are found to occupy the region in between these two
average temperature scales, with an average behaviour intermediate to that of
the Galactic and SMC dwarfs. We interpret this as the result of the metallicity
of the LMC that is lower than the Galactic value and higher than in the SMC.
As the amount of line blanketing in a stellar atmosphere depends on metallicity
the LMC objects have temperatures in between that of objects in the other two
galaxies.

Our sample contains four O2 type stars. This spectral type was introduced
by Walborn et al. (2002b) and is assigned based primarily on the ratios of se-
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Table 6.2: Fundamental parameters of the LMC sample determined using GA optimised spectral fits, with Teff in kK, log g and log gc in
cm s−2, R? in R¯, L? in L¯, vturb and vr sin i in km s−1, Ṁ in M¯yr−1and Ms and Mev in M¯. Results were obtained using a population of
72 FASTWIND models evolved over a minimum of 150 generations. Gravities corrected for centrifugal acceleration (log gc) were used to
calculate the spectroscopic masses (Ms). Evolutionary masses (Mev) were derived from the tracks of Schaerer et al. (1993).

ID ST Teff log g log gc R? log L? YHe vturb vr sin i Ṁ β Ms Mev

N11-004 OC9.7 Ib 31.6 3.36 3.37 26.5 5.80 0.10 5.7 81 1.78·10−6 1.18 59.9 47.5
N11-008 B0.7 Ia 26.0 2.98 2.99 29.6 5.55 0.10 18.0 83 4.96·10−7 1.87 31.4 31.7
N11-026 O2 III(f*) 53.3 4.00 4.00 10.7 5.92 0.11 19.0 109 1.81·10−6 1.08 42.4 81.9
N11-029 O9.7 Ib 29.4 3.23 3.24 15.7 5.21 0.07 19.1 77 1.73·10−7 1.63 15.5 24.9
N11-031 ON2 III(f*) 45.0 3.85 3.86 13.7 5.84 0.10 20.0 116 3.88·10−6 0.89 49.3 60.8
N11-032 O7 II(f) 35.2 3.45 3.46 14.0 5.43 0.09 11.3 96 8.06·10−7 1.03 20.6 33.8
N11-033 B0 IIIn 27.2 3.21 3.35 15.6 5.07 0.08 17.9 256 2.44·10−7 1.03 19.8 21.0
N11-036 B0.5 Ib 26.3 3.31 3.32 15.6 5.02 0.08 13.6 54 1.06·10−7 0.80a) 18.4 20.0
N11-038 O5 II(f+) 41.0 3.72 3.74 14.0 5.69 0.10 9.2 145 1.52·10−6 0.98 38.8 48.3
N11-042 B0 III 30.2 3.69 3.70 11.8 5.01 0.10 4.0 42 1.89·10−7 1.19 25.1 21.4
N11-045 O9 III 32.3 3.32 3.35 12.0 5.15 0.07 16.8 105 5.48·10−7 0.80a) 11.8 24.6
N11-048 O6.5 V((f) 40.7 4.19 4.20 9.9 5.38 0.06 1.0 130 1.67·10−7 0.80a) 56.6 36.6
N11-051 O5 Vn((f)) 42.4 3.75 3.88 8.4 5.31 0.08 19.7 333 1.01·10−6 0.60 19.5 36.4
N11-058 O5.5 V((f) 41.3 3.89 3.90 8.4 5.27 0.10 14.5 85 1.52·10−7 1.42 20.3 34.4
N11-060 O3 V((f*)) 45.7 3.92 3.93 9.7 5.57 0.12 19.3 106 5.22·10−7 1.26 29.2 49.4
N11-061 O9 V 33.6 3.51 3.52 11.7 5.20 0.09 19.8 87 2.14·10−7 1.80 16.7 26.6
N11-065 O6.5 V((f) 41.7 3.89 3.90 7.4 5.17 0.17 9.4 83 3.63·10−7 0.80a) 15.8 32.9
N11-066 O7 V((f)) 39.3 3.87 3.88 7.7 5.10 0.11 4.8 71 4.08·10−7 0.80a) 16.2 29.5
N11-068 O7 V((f)) 39.9 4.13 4.13 7.1 5.06 0.10 15.6 54 3.43·10−7 1.12 25.2 29.2
N11-072 B0.2 III 30.8 3.78 3.78 7.9 4.70 0.12 7.6 14 2.35·10−7 0.84 13.8 17.7
N11-087 O9.5 Vn 32.7 4.04 4.09 8.9 4.91 0.10 15.5 276 1.38·10−7 0.80a) 35.6 20.9
N11-123 O9.5 V 34.8 4.22 4.23 5.4 4.58 0.09 9.0 110 7.62·10−8 0.80a) 17.8 18.8

a) assumed fixed value
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Table 6.2: (continued)

ID ST Teff log g log gc R? log L? YHe vturb vr sin i Ṁ β Ms Mev

BI 237 O2 V((f*)) 53.2 4.11 4.11 9.7 5.83 0.10 12.8 126 7.81·10−7 1.26 44.6 75.0
BI 253 O2 V((f*)) 53.8 4.18 4.19 10.7 5.93 0.09 18.6 191 1.92·10−6 1.21 64.6 84.1
Sk −66 18 O6 V((f)) 40.2 3.76 3.76 12.2 5.55 0.14 10.8 82 1.07·10−6 0.94 31.5 40.7
Sk −66 100 O6 II(f) 39.0 3.70 3.71 13.6 5.58 0.19 8.7 84 8.81·10−7 1.27 34.7 41.4
Sk −67 166 O4 Iaf+ 40.3 3.65 3.66 21.3 6.03 0.28 20.0 97 9.28·10−6 0.94 75.0 70.4
Sk −70 69 O5 V 43.2 3.87 3.88 9.0 5.41 0.17 16.1 131 1.03·10−6 0.78 22.7 39.7
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Table 6.3: Optimum width based error estimates for the seven fit parameters. The ND entries correspond to error in vturb that reach up
to the maximum allowed value of vturb and, therefore, are formally not defined. See text for details on the calculation of the uncertainties
in the derived parameters. Units: Teff in kK, log g and log gc in cm s−2, R? in R¯, L? in L¯, vturb and vr sin i in km s−1, Ṁ in M¯yr−1and Ms
and Mev in M¯.

ID ∆Teff ∆log gc ∆R? ∆ log L? ∆YHe ∆vturb ∆vr sin i log ∆Ṁ ∆β ∆Ms ∆Mev

N11-004 −0.5
+0.5

−0.06
+0.06 ±1.7 ±0.06 −0.01

+0.02
−2.5
+8.2

−6
+7

−0.14
+0.05

−0.00
+0.19

−10
+11

−4
+4

N11-008 −0.6
+0.5

−0.06
+0.05 ±1.9 ±0.07 −0.01

+0.04
−4.2
+ND

−8
+9

−0.20
+0.16

−0.31
+1.08

−5
+8

−2
+2

N11-026 −3.9
+0.8

−0.05
+0.05 ±0.8 ±0.14 −0.01

+0.02
−4.8
+ND

−11
+13

−0.05
+0.10

−0.12
+0.03

−7
+9

−16
+21

N11-029 −0.6
+0.8

−0.05
+0.06 ±1.0 ±0.07 −0.01

+0.02
−3.9
+ND

−6
+7

−0.13
+0.16

−0.42
+0.31

−2
+4

−2
+2

N11-031 −1.6
+2.2

−0.06
+0.07 ±0.9 ±0.10 −0.02

+0.02
−7.6
+ND

−22
+21

−0.05
+0.06

−0.04
+0.06

−9
+13

−8
+11

N11-032 −0.7
+0.4

−0.07
+0.06 ±0.9 ±0.06 −0.02

+0.02
−6.1
+6.6

−8
+11

−0.16
+0.09

−0.11
+0.28

−4
+5

−2
+2

N11-033 −0.9
+1.0

−0.06
+0.09 ±1.0 ±0.08 −0.01

+0.03
−5.9
+ND

−20
+20

−0.26
+0.10

−0.20
+0.74

−3
+5

−2
+2

N11-036 −0.3
+1.1

−0.09
+0.06 ±1.0 ±0.09 −0.01

+0.02
−4.2
+1.4

−4
+6

−1.99
+0.30 − −4

+6
−2
+2

N11-038 −1.0
+0.8

−0.06
+0.07 ±0.9 ±0.07 −0.01

+0.03
−9.0
+8.3

−19
+18

−0.16
+0.10

−0.13
+0.22

−6
+16

−4
+4

N11-042 −0.8
+0.6

−0.07
+0.09 ±0.7 ±0.07 −0.01

+0.03
−3.8
+4.2

−6
+4

−0.47
+0.40

−0.47
+0.77

−5
+14

−1
+2

N11-045 −1.2
+0.6

−0.09
+0.21 ±0.8 ±0.08 −0.02

+0.03
−7.6
+ND

−15
+17

−0.20
+0.14 − −2

+5
−2
+3

N11-048 −2.0
+1.6

−0.21
+0.06 ±0.7 ±0.10 −0.01

+0.02
−0.8
+13.2

−27
+38

−1.48
+0.74 − −22

+30
−4
+5

N11-051 −1.9
+1.1

−0.06
+0.06 ±0.6 ±0.09 −0.02

+0.03
−8.4
+ND

−38
+23

−0.28
+0.11

−0.09
+0.52

−3
+5

−4
+5

N11-058 −0.5
+0.7

−0.06
+0.05 ±0.5 ±0.06 −0.01

+0.01
−5.9
+3.5

−8
+7

−0.36
+0.08

−0.20
+0.60

−3
+4

−2
+2

N11-060 −1.0
+2.3

−0.05
+0.09 ±0.7 ±0.10 −0.02

+0.03
−13.1
+ND

−16
+16

−0.22
+0.06

−0.21
+0.20

−5
+9

−7
+8

N11-061 −0.6
+0.6

−0.09
+0.07 ±0.7 ±0.06 −0.01

+0.03
−5.4
+ND

−9
+11

−0.21
+0.14

−0.49
+0.38

−4
+6

−2
+2

N11-065 −0.9
+0.7

−0.07
+0.15 ±0.5 ±0.06 −0.03

+0.04
−9.2
+6.3

−8
+8

−1.06
+0.14 − −3

+3
−2
+2

N11-066 −1.3
+1.8

−0.15
+0.19 ±0.5 ±0.09 −0.03

+0.05
−4.5
+ND

−15
+22

−0.49
+0.22 − −5

+12
−4
+3

N11-068 −1.0
+0.8

−0.19
+0.07 ±0.4 ±0.07 −0.02

+0.03
−14.8
+ND

−13
+13

−0.79
+0.16

−0.24
+0.36

−9
+14

−2
+2

N11-072 −0.6
+0.6

−0.07
+0.09 ±0.5 ±0.06 −0.02

+0.02
−2.8
+2.5

−6
+8

−1.29
+0.24

−0.32
+0.31

−3
+5

−1
+1

N11-087 −0.6
+1.0

−0.09
+0.11 ±0.6 ±0.07 −0.03

+0.02
−6.7
+ND

−20
+21

−2.82
+0.27 − −8

+14
−1
+2

N11-123 −0.7
+0.6

−0.11
+0.00 ±0.3 ±0.06 −0.01

+0.02
−5.1
+6.6

−11
+13

−2.03
+0.35 − −4

+7
−1
+1
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Table 6.3: (continued)

ID ∆Teff ∆log gc ∆R? ∆ log L? ∆YHe ∆vturb ∆vr sin i log ∆Ṁ ∆β ∆Ms ∆Mev

BI 237 −3.8
+5.2

−0.08
+0.15 ±0.8 ±0.18 −0.01

+0.03
−12.6
+ND

−15
+23

−0.16
+0.12

−0.17
+0.16

−9
+22

−18
+25

BI 253 −5.5
+5.8

−0.15
+0.14 ±0.9 ±0.19 −0.02

+0.03
−18.0
+ND

−21
+18

−0.05
+0.10

−0.21
+0.07

−21
+39

−23
+31

Sk −66 18 −1.1
+0.6

−0.13
+0.09 ±0.8 ±0.07 −0.03

+0.04
−10.4
+6.4

−12
+15

−0.05
+0.06

−0.10
+0.11

−9
+9

−3
+4

Sk −66 100 −1.0
+0.8

−0.09
+0.08 ±0.9 ±0.07 −0.03

+0.05
−8.1
+8.3

−10
+13

−0.12
+0.12

−0.19
+0.18

−8
+12

−3
+4

Sk −67 166 −0.8
+0.9

−0.08
+0.00 ±1.3 ±0.07 −0.04

+0.06
−8.0
+ND

−23
+15

−0.05
+0.02

−0.04
+0.09

−15
+35

−7
+7

Sk −70 69 −1.4
+1.0

−0.14
+0.13 ±0.6 ±0.08 −0.03

+0.05
−13.1
+ND

−15
+22

−0.11
+0.14

−0.25
+0.15

−7
+7

−3
+5
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Figure 6.1: Effective temperatures as a function of spectral type for the investigated LMC
sample. Different luminosity classes are denoted using circles, triangles and squares for
class V, III and I-II objects, respectively. Shown as a dashed line is the Teff calibration
of Martins et al. (2005a) for Galactic O-type dwarfs. The dotted line corresponds to the
average effective temperature of the SMC dwarfs studied in Paper II. The LMC dwarfs are
found to lie in between these two average scales, with a typical ∼2 kK offset from both the
average Galactic and SMC relations.

lective emission lines of N IV and N III. By modelling these lines Walborn et al.
(2004) have shown that indeed, as had been hypothesised, the O2 spectra corre-
spond to higher effective temperatures. However, the correct treatment of nitro-
gen lines in stellar atmosphere models is notoriously difficult. The relevant ion-
isation stages of this atom represent much more complex ion models compared
to the relatively simple hydrogen and helium ions. Moreover, for the higher ions
of nitrogen the ionisation depends on the extreme-UV radiation field, which may
be affected by non-thermal processes, such as shocks. Adding to the complexity
is the fact that the nitrogen abundance has to be treated as a free parameter, as
many early type stars show evidence of atmospheric abundance enhancements
(e.g. Crowther et al. 2002b; Bouret et al. 2003). In our analysis method we solely
model the hydrogen and helium lines and self consistently allow for abundance
enhancements by treating the helium abundance as a free parameter. In principle
our temperature determination should, therefore, not be affected by such prob-
lems. As a result of this our analysis can provide an independent confirmation for the
hot nature of O2 stars.

In Fig. 6.1 we see that the objects with an O2 spectral type indeed correspond
to the hottest stars in our sample. With exception of the giant N11-031 they have
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temperatures in excess of 50 kK and, therefore, are significantly hotter than the
O3 star at Teff = 46 kK. The error bars, though, are considerable. Compared to the
average error of ∼3 percent the O2 effective temperatures have an uncertainty of
5 up to 11 percent. This large uncertainty can be explained by the weak or even
absent neutral helium lines in the spectra of these objects. As a result of this our
fitting method has to predominately rely on the He II line profiles to determine
the correct helium ionisation equilibrium. Based on a single ionisation stage the
determination of this equilibrium is more uncertain, which explains the larger
error bars. One should also be wary for a possible degeneracy effect between Teff
and YHe that can occur as a result of the missing neutral helium lines (see e.g.
Paper I). This, however, is not an issue as the helium abundances derived for all
O2 stars correspond to normal values close to 0.10. Therefore, we feel that the
effective temperatures for the O2 stars are reliable and robust.

Compared to the average effective temperature of 54 kK as determined by
Walborn et al. (2004) for their O2 star sample, our hydrogen/helium based O2
effective temperatures are in good agreement. As we already mentioned the gi-
ant N11-031 with a Teff lower by approximately 8 kK compared to the other O2
stars forms an exception to this. Its effective temperature compares better to the
temperature of the O3 star N11-060. A close inspection of the spectra of the two
stars reveals why this is so. Both stars have exactly the same equivalent width
ratio of the He I λ4471 and He II λ4541 lines, which results in similar values for
Teff. Interestingly, the nitrogen line analysis of Walborn et al. for this object re-
sulted in a higher effective temperature of 55 kK. This discrepancy is probably
not the result of a systematic offset between the nitrogen and helium temperature
scales. Instead, it can likely be attributed to the surface gravity that was adopted
(log g = 4.0) and the mass loss rate that was estimated from the He II λ4686 line
(Ṁ = 1.0 × 10−6 M¯yr−1) by these authors. Our fit indicates that the former pa-
rameter should be lower by 0.15 dex, consequently lowering Teff. With respect to
the mass loss rate we find a value higher by a factor four. An increase in Ṁ of this
magnitude can have a significant effect on the strength of different nitrogen lines
(e.g. Crowther et al. 2002b) and, therefore, on the derived effective temperature.

Massey et al. (2005) analysed a total of 11 O2 stars. They could determine
the effective temperature for three dwarfs and one giant, with 47.0 kK . Teff .

54.5 kK. For the supergiants only lower limits of Teff & 42 kK and higher could
be derived. These results are in agreement with our findings. However, these
authors note that the correlation with Teff for the O2–3.5 spectral types is not tight.
In particular no good agreement was found between the ratios of the N III and
N IV emission lines and the He I and He II lines. Consequently, a more thorough
investigation of the O2 stars based on both the nitrogen and helium spectrum is
necessary to resolve this degenerate class adequately.

6.4.2 GRAVITIES

The distribution of our programme stars in the log Teff – log gc plane is presented
in Fig. 6.2. To calculate the surface gravity corrected for centrifugal acceleration
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Figure 6.2: The log Teff – log gc plane for the analysed LMC objects. Different luminosity
classes are denoted using circles, triangles and squares for dwarfs, giants, and bright gi-
ants and supergiants, respectively. With exception of two objects the dwarfs are clearly
separated from the luminosity class I-II objects. The giants seem to overlap with both the
luminosity class V and I-II objects. Shown as a dotted line is the average log Teff – log gc
relation of the evolved O-type stars SMC stars from Paper II.

(log gc) the method discussed by Herrero et al. (1992) and Repolust et al. (2004)
was adopted. Different luminosity classes are denoted using circles, triangles and
squares for, respectively, class V, III and I-II objects. In this figure we see that the
dwarfs, with exception of two objects, form a group clearly separated from the
latter two groups. In contrast to our findings in Paper II we do not find a clear
separation between the dwarfs and giants. Instead the latter group of objects
shows an overlap with both luminosity class V and I-II objects.

Shown in Fig. 6.2 as a dotted line is the average log Teff – log gc relation of
the evolved O-type SMC stars from Paper II. The majority of the evolved LMC
objects seem to agree with this trend, that illustrates the evolutionary correla-
tion between effective temperature and surface gravity. However, note that some
evolved objects are at considerable distance from the average relation. Thus, a
calibration of the two parameters for a given luminosity class should be taken
with care (see also Repolust et al. 2004).

The comparison of spectroscopically determined masses (Ms) with masses ob-
tained from evolutionary calculations is presented in Fig. 6.3. Using the same
symbols as in Fig. 6.2 dwarfs, giant and supergiants are distinguished. Evolu-
tionary masses (Mev) were derived from the evolutionary tracks calculated for a
metallicity of Z = 0.4 Z¯ from Schaerer et al. (1993). The errors on these masses
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Figure 6.3: Comparison of spectroscopic masses with masses derived from the evolution-
ary tracks of Schaerer et al. (1993). The one-to-one correlation between the two mass scales
is given by the dashed line. Symbols have the same meaning as in Fig. 6.2. The objects with
the highest evolutionary masses exhibiting a mass discrepancy correspond to the four O2
stars in our sample.

correspond to the maximum mass interval in the error box spanned by the uncer-
tainties in luminosity and effective temperature.

The tracks from Schaerer et al. do not include the effects of rotation. Con-
sequently, this additional source of error is not included. Calculations including
vrot show that in some cases one can no longer assign an unambiguous M(L, Teff).
This as a result of rotationally enhanced mixing resulting in complicated tracks
including loops during the secular redward evolution (Meynet & Maeder 2005).
Assessing the impact of vrot on the Mev determination we showed in Paper II from
a comparison of masses derived from non rotating tracks to those obtained from
tracks calculated for vrot = 300 km s−1 that the error in Mev will not increase by
more than approximately ten percent.

In Fig. 6.3 we see that the majority of the objects are located left of the one-
to-one correlation, given by the dashed line. The error bars of twelve objects do
not even touch this correlation. Consequently, we find a significant mass discrep-
ancy. Similar mass discrepancy problems have been discussed by e.g. Herrero
et al. (1992) and Repolust et al. (2004). Most of these classical problems were
attributed to limitations in the stellar atmosphere models (Herrero 1993) and to
potential biases in the fitting process (see Paper I). Here we cannot explain the
found discrepancy in such a manner. We will provide a more thorough investi-
gation and discussion in Sect. 6.5.
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Figure 6.4: Helium abundances as a function of surface gravity. Symbols have the same
meaning as in Fig. 6.2. The dashed line at YHe = 0.09 is a measure for the initial helium
abundance and corresponds to the mean of the helium abundances of the dwarfs with YHe
smaller than the sample average. Starting at the highest gravities an increase of the helium
fraction is seen down to log gc ≈ 3.6.

6.4.3 HELIUM ABUNDANCES

For the SMC sample that we analysed in Paper II we found a correlation between
the helium surface abundance and surface gravity. This could partly be explained
by evolutionary effects. As the surface gravity decreases when a star evolves
away from the ZAMS, objects with lower gravities would correspond to more
evolved objects and are more likely to have atmospheres enriched with primary
helium.

To investigate whether the scenario discussed above also applies to the cur-
rent LMC sample, we plot the helium abundance as determined with the auto-
mated method as a function of log gc in Fig. 6.4. Also shown as a dashed line
is a measure of the initial helium abundance. This value of YHe = 0.09 was cal-
culated by averaging the surface helium abundances of the dwarf type objects
with a helium abundance smaller than the total sample average. Compared to
this measure for the initial helium abundance a correlation between the surface
gravity and helium enrichment can be observed. Starting at the highest gravities,
we find an increase in the average helium abundance towards lower log gc. Note
that the two objects exhibiting the largest helium fractions are supergiants. The
increase can again be partially explained as an evolutionary effect. In Paper II a
similar correlation between average helium abundance and gravity was found to
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Figure 6.5: Hertzsprung-Russell diagram for the LMC sample. Symbols have the same
meaning as in Fig. 6.2. Over plotted as grey lines are the evolutionary tracks of Schaerer
et al. (1993) for Z = 0.4 Z¯, with a black line representing the ZAMS. Open symbols indi-
cate objects with YHe ≥ 0.12. The grey area correspond to the region in which the rotating
evolutionary models of Meynet & Maeder (2005) predict a relative helium enhancement
of at least 0.01.

exist down to the lowest gravities investigated.
Interestingly, in Fig. 6.4 we see that for our LMC sample no helium enrichment

is found at log g . 3.6. Not even the supergiants show evidence of enrichment be-
low this gravity. Why is this so? In Fig. 6.5, where we present the HR-diagram for
our sample, the answer to this question is given. Shown as a grey area in this fig-
ure is the region in which the rotating evolutionary models of Meynet & Maeder
(2005) predict a helium surface enrichment of at least ten percent. The majority
of the evolved objects are located outside this region. Consequently, based on
their specific evolutionary phase these objects are not expected to show any en-
richment. Also important is the fact that we have selected the hottest objects from
the N11 cluster. As a result of this our sample is biased and does not contain the
low gravity objects with a high luminosity, i.e. those more likely to be enriched,
as these have evolved into cool B-type stars.

Apart from the supergiants also four dwarfs are found to be enriched. Fig-
ure 6.5, in which we have highlighted stars with a helium abundance of at least
0.12 using open symbols, shows that one these dwarfs, Sk −66 18, is located rel-
atively close to the region in which enrichment is predicted. Consequently, rota-
tionally enhanced mixing is a possible explanation. The three remaining dwarfs,
N11-60, N11-065 and Sk −70 69, in contrast lie relatively close to the ZAMS.
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Figure 6.6: Microturbulent velocities determined using line profile fits as a function of
surface gravity. Symbols have the same meaning as in Fig. 6.2. For log g . 3.6 a trend of
increasing vturb with increasing log g is visible. For larger gravities the uncertainties in the
vturb determinations are too large to discern any possible relation.

Therefore, “normal” mixing cannot explain their enrichment. Instead, a possi-
ble explanation is given by chemically homogeneous evolution. As this may also
be linked to the mass discrepancy, we will return to it in Sect. 6.5.

6.4.4 MICROTURBULENCE

The microturbulent velocities determined with the automated fitting method are
also given in Tab. 6.2. Though the error estimates are relatively large (see Tab. 6.3),
we find that for the current data set the vturb determinations were sufficiently ac-
curate to find a correlation in the values determined for this parameter and the
surface gravity. This is shown in Fig. 6.6. For log g . 3.6 the average microturbu-
lence recovered from the line profiles increases systematically. The situation for
log g & 3.6 is less clear. In this part of the diagram the error bars are on average
larger and the values for vturb are more or less randomly distributed between 0
and 20 km s−1. The reason for this is that the line profiles for larger values of the
surface gravity become intrinsically broader due to the increased Stark broad-
ening, making it more difficult to accurately recover vturb from the line profiles
only.

Other authors have also found a relation between microturbulence and sur-
face gravity, e.g. Kilian et al. (1991), Gies & Lambert (1992) and Daflon et al.
(2004). These studies were based on samples predominantly consisting of un-
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Figure 6.7: Microturbulent velocity as a function of the location of the line forming region
of He I λ4471, which is defined as the location where the radial optical depth in the line
core reaches a value of τ = 2/3. A weak trend is visible that suggests that for increasing
extension of the atmosphere larger values of vturb are necessary to fit the line profiles.

evolved early B-type Galactic stars. More recently Hunter et al. (2006) analysed
a sample of early B-type stars in the Magellanic clouds and also found a trend of
increasing vturb for decreasing log g. To derive the values for vturb all these authors
relied on curve-of-growth techniques, which were applied to metal lines such as
those of Si III and O III calculated using plane parallel models. Consequently, our
line profile based analysis is an independent confirmation of the existence (or
requirement by lack of a physical explanation) of microturbulence in the atmo-
spheres of these type of stars.

The physical mechanism explaining the observed microturbulence or its re-
lation to the surface gravity is still poorly understood. Kudritzki (1992) and
Lamers & Achmad (1994) have argued that the observed microturbulence might
be the result of a stellar outflow. According to these authors the outflow im-
plies the existence of a velocity gradient in the photospheric layers, which can
mimic microturbulence-like desaturation effects. However, Smith & Howarth
(1998) showed by applying a simple core-halo model to the Galactic O9.7 super-
giant HD 152003 that this effect would not be sufficient to explain the observed
vturb. Indeed, our analysis that employs a unified photosphere and wind model
confirms the fact that the microturbulence cannot be explained as an artifact of a
transonic velocity field.

A possible explanation for the gravity dependence could be related to instabil-
ities in the wind. These instabilities are reflected in the large turbulent velocities
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(∼100–200 km s−1) that are necessary to to fit stellar wind lines (e.g. Groenewe-
gen & Lamers 1989; Haser et al. 1998; Evans et al. 2004b) and could be related to
shocks due to the intrinsic line-driven instability (Lucy 1983; Owocki et al. 1988;
Owocki & Puls 1999). For low gravity the wind starts at larger Rosseland opti-
cal depth compared to the high gravity case. As a result of this the line forming
region of low gravity objects contains a relatively large contribution originating
from (the base of) the wind. Consequently, this region could be affected by the
onset of the line-driven instability introducing wind-turbulence into the line pro-
files.

Tentative support for the above described scenario may be implied by Fig. 6.7,
where we show vturb as function of the line forming region of He I λ4471 in units
of the stellar radius. The location of the line forming region is defined as the posi-
tion at which the radial optical depth in the line core reaches a value of 2/3. This
figure shows that when the radial distance to this position increases also the av-
erage microturbulent velocity increases. Though the trend is weak, it does seem
to indicate that when the atmosphere becomes more extended, higher values of
vturb are necessary to reproduce the line profiles. It may appear that this implies
that the line forming region enters in to the regime where wind turbulence de-
velops. However, for this statement no compelling evidence is available, as we
do not find any correlation between vturb and the distance between line forming
region and (for instance) sonic point. Therefore, we can only conclude that our
analysis points towards a gradient in the turbulent velocity, possibly connected
to a link between microturbulence and wind instabilities, and suggest further in-
vestigation in this direction.

6.4.5 WIND PARAMETERS

The wind parameters and their uncertainties determined using the automated
method are listed in Tabs. 6.2 and 6.3. Compared to our SMC analysis we find that
we were able to accurately determine these parameters for a significantly larger
number of objects. This is mainly the result of an on average higher signal-to-
noise ratio of the spectra as well as of denser winds for the LMC objects compared
to their SMC counterparts. In total we determined 22 mass loss rates and 6 upper
limits. The upper limits are defined (and can be identified in Tab. 6.3) by an error
bar − log Ṁ > 1.0 dex.

To provide a meaningful comparison of the mass loss rates we place the LMC
objects in the modified wind momentum luminosity diagram. This diagram
shows as function of stellar luminosity the distribution of the so-called modi-
fied wind momentum, which is defined as Dmom ≡ Ṁv∞R1/2

? . Not only does this
allow for an assessment of the behaviour of Ṁ within our sample, it also provides
a convenient method to compare the observed wind strengths to the predictions
of line driven wind theory. According to this theory Dmom is predicted to behave
as

log Dmom = x log
(

L?/L¯
)

+ log D◦ , (6.1)
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Figure 6.8: Modified wind momentum (Dmom) in units of g cm s−2 R¯ vs. luminosity. Sym-
bols have the same meaning as in Fig. 6.2. Upper limits are shown as inverted triangles.
Dashed lines correspond to the predicted wind-momentum luminosity relations (WLR)
from Vink et al. (2000, 2001). The upper, middle and lower relation, respectively, corre-
spond to predictions for Galactic, LMC and SMC metallicity. The observed modified wind
momenta show a strong correlation with luminosity with an average relation that lies in
between the predicted Galactic and SMC WLR. This is quantified by the empirical WLR
that was constructed for the LMC objects and that is shown by the dotted line. The open
square corresponds to the wind momentum corrected for clumping of the supergiant Sk
−67 166. Shown as a dashed-dotted is the empirical WLR obtained using this corrected
Dmom.

where L? is the stellar luminosity (Kudritzki et al. 1995; Puls et al. 1996). In this
equation x is the inverse of the slope of the line-strength distribution function cor-
rected for ionisation effects (Puls et al. 2000). The vertical offset D◦ is a measure
for the effective number of lines contributing to the acceleration of the outflow.

In Fig. 6.8 the distribution of the modified wind-momenta for our programme
stars are presented. Indicated using circles, triangles and squares are objects of,
respectively, luminosity class V, III and I-II. Upper limits are shown as grey in-
verted triangles. A clear correlation between L? and Dmom can be observed in this
figure. Over an order of magnitude in L? the average modified wind-momentum
decreases by approximately 1.5 dex. A comparison of the behaviour of Dmom
with predictions is facilitated by the theoretical WLRs calculated by Vink et al.
(2000, 2001) that are shown as a set of dashed lines. The upper, middle and lower
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of these predicted power laws were calculated for, respectively, Solar, LMC and
SMC metallicity. Compared to these predictions we find that the LMC wind-
momenta are approximately confined between the theoretical WLR for Galactic
and SMC metallicity. In other words, compared to the Galactic and SMC case,
stars in the LMC have intermediate wind strengths.

To further quantify the behaviour of LMC winds relative to that of Galactic
and SMC outflows we have fitted a power law to the observed modified wind-
momentum distribution, consistently accounting for both the symmetric errors in
L? and the asymmetric errors in Dmom, This yielded the following empirical WLR

log Dmom = (1.81 ± 0.18) log
(

L?/L¯
)

+ (18.67 ± 1.01) . (6.2)

The theoretical LMC relation from Vink et al. is given by x = 1.83 and Dmom =

18.43. The error bars of the theoretical and empirical relations are in agreement.
More importantly, in Fig. 6.8 the empirical relation, shown as a dotted line, is
found to lie between the predicted Galactic and SMC relations. These predictions
have been found to be in good agreement with the observed Galactic WLR (Re-
polust et al. 2004, Paper I) and observed SMC WLR (Paper II). Consequently, our
empirical LMC WLR is quantitative evidence for the fact that massive stars in this system
have mass loss rates intermediate between those of massive stars in the Galaxy and SMC.

The differences between the empirical and theoretical LMC WLR at the start
and end of the observed luminosity range are, respectively, 0.17 and 0.16 dex. In
Fig. 6.8 this seems to imply a systematic offset between the two relations. How-
ever, we note that these differences are still smaller than the typical uncertainty
in Dmom of 0.2 dex. More importantly, no correction for wind clumping was ap-
plied. Markova et al. (2004) and Repolust et al. (2004) have argued that the mass
loss rates of stars with Hα in emission could be overestimated as a result of wind
clumping effects. For stars with Hα in absorption the line is formed relatively
close to the stellar surface, where clumping effects are negligible. An Hα emis-
sion line in contrast is formed over a larger volume, where clumping might have
set in. Based on the comparison of dwarfs and supergiants in their Galactic sam-
ple Repolust et al. derived a numerical correction factor for the mass loss rates of
supergiants with Hα in emission of 0.44.

We have applied the clumping correction to the super giant Sk −67 166, which
has a Hα emission profile. In Fig. 6.8 its new wind momentum is indicated using
an open symbol. Using this value the following empirical WLR is obtained

log Dmom = (1.43 ± 0.17) log
(

L?/L¯
)

+ (20.77 ± 0.97) . (6.3)

In Fig. 6.8 we see that for log L?/L¯ & 5.3 the new WLR compares better to the
Vink et al. relation. For lower luminosities the situation is less clear. Due to the
large uncertainties, this range has a relatively low weight in the fit. Consequently,
a discrepancy for low L? is less significant than the good agreement obtained for
the higher luminosities. For this reason it is difficult to investigate the existence
of a “weak wind problem” for stars at log L?/L¯ . 5.3, first reported by Bouret
et al. (2003). This study, as well as later studies (Hillier et al. 2003; Evans et al.
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2004a; Martins et al. 2004, 2005b) report a steepening in the WLR relation relative
to predictions starting at about the above mentioned L?, leading to an over pre-
diction of the wind strength by up to a factor 100 at log L?/L¯ ∼ 4.5. Our LMC
results do not appear to confirm this break between observations and seem to
follow the predictions down to log L?/L¯ ≈ 5.0. In a forthcoming paper we will
present a comprehensive overview of the observed WLR relations in our Galaxy
and the Magellanic Clouds as well as a thorough discussion of the successes and
failures of the theory of radiation driven winds in predicting the WLR, including
possible causes for the weak wind problem (Mokiem et al. in preparation).

6.5 THE MASS DISCREPANCY

In Fig. 6.9 we investigate the mass discrepancy of our LMC targets as a function of
the helium surface abundance. On the vertical axis a measure for this discrepancy
is shown, which is scaled to the mean of the evolutionary and spectroscopic mass.
This ensures that positive and negative discrepancies follow the same linear scale.
For non-enriched stars, i.e. YHe . 0.10, approximately three times as many objects
lie above the one-to-one correlation than below it. Therefore, in contrast to our
finding for the equivalent SMC case (Paper II) a significant mass discrepancy is found
for our sample of non-enriched LMC stars. The reason for this is unclear. As we
stated before our analysis employs state-of-the-art atmosphere models, and is in
principle not hampered, as were previous studies, by potentially unoptimised
fits. As stated, in our SMC dataset, analysed in an identical manner, no evidence
was found for a mass discrepancy for YHe < 0.10.

Massey et al. (2005) also study the Ms vs. Mev problem in a set of LMC
stars. For objects hotter than 45 kK they find a mass discrepancy that is even
stronger than what we find. This behaviour could be the result of an underes-
timation of the photospheric line pressure in this high temperature regime. In
Fig. 6.9 we have highlighted the objects with Teff ≥ 45 kK using open symbols.
Although their mass discrepancy is considerable they do not stand out as a sepa-
rate group.To further illustrate this, note that the hottest supergiant in our sample
Sk −67 166 (Teff = 40 kK) at YHe = 0.28 has a Ms of 75 M¯ which is in very good
agreement with its Mev of 70 M¯. Consequently, though we can not explain the
mass discrepancy we do not anticipate that it is connected to a flawed treatment
of the photospheric radiation pressure that manifests itself at metallicities as high
as that of the LMC environment (but not yet at values typical for the SMC).

If we accept the analysis of stellar and photospheric parameters, the presence
of a mass discrepancy may point to an oversimplified picture of the evolution-
ary behaviour of massive stars used to determine Mev. One obvious simplifica-
tion may be that we have used tracks for non-rotating stars. One of the effects
introduced by rotation is a wide bifurcation in the evolutionary tracks (Maeder
1987). Stars rotating faster than roughly half the surface break-up velocity will es-
sentially follow tracks representative of homogeneous evolution. Langer (1992)
showed that as a result of this the M/L-ratio will be a monotonically decreasing
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Figure 6.9: Mass discrepancy as a function of helium abundance for the LMC sample.
Evolutionary masses used to calculate the discrepancy were derived from the non-rotating
tracks of Schaerer et al. (1993). Symbols have the same meaning as in Fig. 6.2. The open
symbols correspond to stars with Teff ≥ 45 kK.

function for increasing helium enrichment. Consequently, stars evolving along
homogeneous tracks are expected to be increasingly under-massive for increas-
ing helium abundance. One would therefore derive a positive mass discrepancy
if the evolution of a rapidly rotating star was incorrectly described using non-
rotating or modestly rotating model tracks.

So, can rapid rotation be used to explain the observed mass discrepancy? Let
us first focus on the supergiants. For these stars the mass discrepancy problem
appears absent, though we note two exceptions at YHe = 0.07 and YHe = 0.09. This
absence of signs of a distinct mass discrepancy was also found in our study of
SMC bright giants and supergiants (Paper II). The conclusion seems to be that the
supergiants follow non-rotating or modestly rotating evolutionary tracks. This
implies that, apparently, all supergiant targets that we have selected in both the
SMC (Paper II) and LMC happen to have started out their evolution with low or
modest initial rotational velocities. As the initial rotational velocity distribution
derived in Paper II for the NGC 346 cluster implies that only some 5 − 15 per-
cent of stars are expected to evolve along homogeneous tracks this should not be
alarming.

Now let us turn to the dwarfs and giants. For our SMC sample we found a
correlation between the helium surface enrichment and the mass discrepancy for
class V and III stars, with Ms being systematically smaller than Mev for YHe & 0.11.
Interestingly, this dependence was only found for dwarfs and giants (see above).
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It was suggested that this behaviour was the result of rotationally enhanced mix-
ing, enriching the atmospheres with primary helium. The dwarfs and giants at
YHe > 0.11 displayed in Fig. 6.9 also systematically suffer from a positive mass
discrepancy. Consequently, this scenario also seems to be a good explanation for
the situation in the LMC sample. However, we realise that these seven objects are
a relatively small sample and that the typical uncertainties in YHe are 0.03. This
statement should therefore be seen as a working hypothesis.

For helium enriched dwarfs and giants the above scenario seems a logical one,
as helium enrichment early on in the evolution must imply efficient mixing. For
the dwarfs and giants that do not show excess helium in their surface layers such
a clue or indication is not present (unless they evolve left of the main sequence as
do homogeneous stars, see Sect.6.5.1). In principle these non YHe-enriched stars
could rotate sufficiently rapid to cause a mass discrepancy, but not to the extent
of homogeneous evolution. However, if so, a very significant fraction of the stars
should have started their evolution at super-critical rotation. At least for the stars
studied in the SMC cluster NGC 346 (Paper II) this is not the case.

6.5.1 CHEMICALLY HOMOGENEOUSLY EVOLVING O2 STARS

Three out of the four O2 stars are found to lie to the left of the ZAMS in Fig. 6.5
and exhibit relatively large mass discrepancies (see open symbols in Fig. 6.9).
These are N11-026, BI 237 and BI 253. For a discussion of the effective tempera-
ture of the fourth O2 object, N11-031 (Teff ∼ 45 kK), we refer to Sect. 6.4.1. Even
though the hottest three (Teff ∼ 53 − 54 kK) are not significantly enriched in he-
lium it is tempting to speculate on a possible (near) homogeneous evolution of
these objects. This would not only provide an explanation for their mass discrep-
ancy, it would also explain their peculiar location in the HRD. The possibility that
these are true ZAMS stars is very exciting. However, due to the short evolution-
ary time scales in this part of the HR-diagram, it would also be unlikely. Based on
the non-rotating model tracks of Schaerer et al. (1993) we estimate that a 60 M¯
star will within 2 Myr evolve away from the ZAMS to a location in the HRD at
Teff ≈ 45 kK. This is well beyond the error bars on the parameters of these ob-
jects. Given the fact that N11-026 and BI 253 are thought to be associated with the
LH 10 and 30 Doradus clusters, respectively, which have ages of approximately 3
(see Sect. 6.6.2) and 2 Myr (de Koter et al. 1998), a normal evolutionary scenario
appears unlikely. Based on its large radial velocity the field star BI 237 probably
is a runaway star (Massey et al. 2005), therefore it is also likely to be relatively
old.

The problems with a reconciliation of the hottest three O2 stars with fully ho-
mogeneous evolution and an age of at least 2 Myr, is i) that their surface helium
abundances are not significantly enriched, and ii) that their rotational velocities
are not extreme. The latter issue need not be “a smoking gun” considering the
possibility that we may see them relatively pole-on and the fact that their vr sin i
values, ranging between 110-190 km s−1, are above the sample average. Con-
cerning the first point, it appears that we must concede to the possibility that
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Figure 6.10: Mass discrepancy as a function of helium abundance for the combined sam-
ples from Paper I (Galactic), Paper II (SMC) and the current LMC sample. Symbols have
the same meaning as in Fig. 6.2. Note the good correspondence between Ms and Mev for
the bright giants and supergiants (square symbols).

stars may evolve along tracks similar to those for homogeneous evolution while
in fact they are not fully homogeneous – i.e. the near surface layers are not yet
strongly affected by the mixing that must occur deeper in. Having said this, we
do point to the fact that the error bars on YHe do allow for relatively large ages
even within the hypothesis of fully homogeneous evolution. Within the error bars the
maximum YHe is ∼ 0.13 for all three stars. It takes fully homogeneously evolving
stars of 60 and 40 M¯ about ∼ 1.5 and ∼2.0 Myr, respectively, to build up this
amount of helium enrichment (S. -C. Yoon, private communication). This is close
to the derived cluster ages of LH 10 and 30 Doradus. For reference, if the star
would evolve along near-homogeneous tracks they would be older.

We tentatively conclude that the HRD position, helium abundance, and rota-
tional velocity of the three hottest O2 stars in our sample could be consistent with
(near-)homogeneous evolution.

6.5.2 LARGE SAMPLE TRENDS

To firmly establish our findings with respect to the mass discrepancy problems,
we compare in Fig. 6.10 spectroscopic and evolutionary masses for all stars that
have been analysed using our automated fitting method so far. Presented in this
figure are the combined Galactic (Paper I), SMC (Paper II) and the current LMC
samples, corresponding to a total of 71 O- and early B-type stars.
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The figure confirms our two main findings. First, the good agreement be-
tween Ms and Mev for the supergiants is clearly visible. This is an encouraging
finding and we believe that this means that the improvements in the stellar atmo-
sphere models, evolutionary calculations and spectral analysis techniques have
finally resolved the long standing mass discrepancy as found by Herrero et al.
(1992). The correspondence between the spectroscopic and evolutionary mass
scale, in particular for increasing helium enrichment is striking. The reason for
this is probably related to the fact that the class I-II objects are found in the region
of the HR-diagram in which stars are not expected to undergo extreme evolution-
ary phases, such as homogeneous evolution. Consequently, the enriched bright
giants and supergiants have evolved along relatively simple evolutionary tracks,
which (in this respect) appear well understood.

Our second finding, i.e. that of a correlation of mass discrepancy with the
helium abundance, is also corroborated by the large sample in Fig. 6.10. For
YHe > 0.10 all dwarfs and giants, except for one dwarf, are found above the
Ms = Mev line. In all fairness, given the typical uncertainty of 0.03 in YHe, from
a statistical point of view the region 0.09 < YHe < 0.12 should be regarded with
care. For larger helium abundance, however, the correlation can be regarded to
be statistically significant. A total of 11 objects show a positive mass discrepancy,
with only a single counter example. Moreover, the magnitude of the discrepancy
seems to be related to the amount of enrichment. This strongly points to efficient
mixing in the main sequence phase, leading to (near-)chemically homogeneous
evolution.

6.6 THE EVOLUTIONARY STATUS OF N11
In this section we explore the evolutionary status of the N11 field. We will first
briefly outline the current understanding of N11 with respect to the OB associa-
tions LH9 and LH10 and in particular the sequential evolutionary link between
the two. Based on the analysis of the 22 stars in our sample associated with these
clusters we will then estimate their ages and discuss whether they are compatible
with a sequential star formation scenario.

6.6.1 LH9 AND LH10 IN N11

N11 is an intricate giant H II region containing several massive star forming com-
plexes. The largest of these are the OB associations LH9 and LH10 (Lucke &
Hodge 1970). Several studies have suggested that the star forming activity in
these associations are linked. In particular the study by Parker et al. (1992) has
provided a key understanding of the structure and formation of LH9 and LH10.
Their analysis of the stellar content of N11 revealed the presence of several O3-
O5 stars and possible ZAMS stars in LH10. In contrast the earliest spectral type
associated with LH9 was found to be O6. They also found the slope of the ini-
tial mass function of LH10 to be significantly flatter than that of LH9, indicating
that the former contains a higher ratio of high mass to low mass stars. Combined
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with the fact that the reddening of LH10 is larger than that of LH9, it was con-
cluded that LH10 is the younger of the two clusters. Based on these findings the
authors propose an evolutionary link between the two, where star formation in
LH10 could possibly be triggered by the stellar winds and supernovae of massive
stars in LH9.

Further evidence for a sequential star formation scenario was given by Wal-
born & Parker (1992), who find a dual structural morphology of N11 analogous to
that of the 30 Doradus H II region. In the latter substantial evidence suggests the
presence of current star formation in regions surrounding the central star cluster
(e.g. Walborn & Blades 1987; Hyland et al. 1992, also see Walborn & Blades 1997).
This secondary burst seems to be set off approximately 2 Myr after the initial star
formation took place, possibly initiated by the energetic activity of the evolving
cluster core. Walborn & Parker argue that this is very similar to N11 where the
stellar content of LH9 and LH10 also suggests an age difference of ∼2 Myr (also
see Walborn et al. 1999). The process in N11, however, would be advanced by
∼2 Myr, classifying it as an evolved 30 Doradus analogue, though less massive.

More recently, several bright IR sources showing characteristics of young stel-
lar objects were discovered in the N11B nebula surrounding LH10 by Barbá et al.
(2003). These objects are probably intermediate mass (pre-)main-sequence Her-
big Ae/Be stars belonging to the same generation as do the LH10 objects (the pre-
main-sequence evolutionary timescales of intermediate mass stars being longer
than that of massive OB stars). Barbá et al. also found that the massive stars in
LH10 have blown away their ambient molecular material and are currently dis-
rupting the surface of the parental molecular cloud material surrounding LH10
(i.e. the material in N11B).

6.6.2 THE AGES OF LH9 AND LH10

To estimate the ages of our programme stars we compare their location in the HR-
diagram to theoretical isochrones in Fig. 6.11. The luminosity classes V, III and I-II
are represented using, respectively, circles, triangles and squares. To differentiate
between stars associated with LH9 and LH10, respectively, filled and open sym-
bols are used. Membership is defined on the basis of minimum distance to either
the LH9 or LH10 cluster core. This, therefore, should be taken with some care: the
cores are about 4 arcmin or 60 parsec apart, which can be traversed in 2 Myr if the
proper motion of the star is some 30 km s−1. Runaway O- and B-type stars have
typical velocities of 50–100 km s−1, therefore, it is entirely possibly that (a few)
individual objects are assigned to the wrong association. For position reference
we show the N11 field in Fig. 6.12 (Evans et al. 2006), including star identification.
Isochrones in Fig. 6.11 are shown as dashed lines for one up to ten million years
with 1 Myr intervals and were derived from the evolutionary tracks of Schaerer
et al. (1993). Note that these tracks do not account for the effects of rotation.

The distribution of the stars in Fig. 6.11 is such that they can be separated in
a group of objects younger than three million years and a group of objects older
than this age. We also see that the oldest objects are predominantly found in LH9,
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Figure 6.11: Comparison of the programme stars located in N11 with isochrones derived
from the evolutionary tracks of Schaerer et al. (1993). The symbols used to denote dwarf,
giants and bright- and supergiants are, respectively, circles, triangles and squares. Filled
and open symbols are used to distinguish stars associated with LH9 and LH10, respec-
tively. Black symbols refer to objects located within a radius of two arc minutes of the LH9
and LH10 core, whereas the grey symbols correspond to stars found outside this radius.
Labels correspond to the N11 identification numbers given in Tab. 6.1. Isochrones (dashed
lines) are shown from one up to ten million years with 1 Myr intervals. For reference
evolutionary tracks from Schaerer et al. (1993) are drawn as grey lines, where for clarity
purpose only the blueward part of the evolution for the most massive tracks is shown. The
ZAMS corresponding to these tracks is given by the black solid line.

whereas LH10 contains the largest fraction of young objects, suggesting that the
clusters can indeed be separated in terms of age. At first sight it seems that they
can be characterised by an age of ∼7 Myr and ∼2 Myr, respectively. However,
a significant number of objects in both clusters are found to be several million
years younger and older than these preliminary ages. A possible explanation
for this large age scatter could be “contamination” by field stars. To assess this
possibility we have assigned grey symbols to all objects outside a radius of two
arc minutes from the cluster cores. Disregarding these objects reduces the age
scatter significantly; still a number of stars appear to contradict with the notion
of two coeval populations.

To investigate the age distributions in more detail the individual age estimates
are shown in Fig. 6.13. LH9 and LH10 objects, which are shown using the iden-
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Figure 6.12: The FLAMES field for the star forming region N11 with the associations LH9
(south of centre) and LH10 (north of centre). The FLAMES targets are identified using
circles and their star identification is given. From Evans et al. (2006).

tical symbols as in Fig. 6.11, are placed in, respectively, the left and right part of
the diagram and are separated using a dashed line. First concentrating on the
LH9 objects we see that they are near-coeval with exception of four dwarfs. Of
these the two non-core members are located at a distance of approximately six
arc minutes from the central concentration. Therefore, it is probable that they are
either spatially not related to N11 or that possibly their formation was triggered
more recently by the stellar activity in LH9. The third dwarf N11-065 occupies a
location very close to the ZAMS and in principle would be the youngest member
of LH9. However, we also find a considerable helium enrichment for this object
(YHe= 0.17). Combined with the fact that N11-065 has a large mass discrepancy,
this suggests that it might be evolving chemically homogeneously. Consequently,
a more appropriate age estimate should be derived from tracks appropriate for
this kind of evolution. Adopting such tracks from Yoon et al. (in prep.; see also
Yoon & Langer 2005) we derive a lower limit of 6 Myr for the age of N11-065
based on the surface helium abundance. In Fig. 6.13 this estimate is indicated
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Figure 6.13: Individual age estimates for stars in N11 based on the non-rotating tracks of
Schaerer et al. (1993). Symbols have the same meaning as in Fig. 6.11. The left and right
part of the diagram, respectively, contain stars associated with LH9 and LH10 and are
separated using a dashed line. The upward pointing arrow denotes a lower age limit for
N11-065 determined from its surface helium abundance using chemically homogeneous
evolutionary models (Yoon et al. in prep., Yoon & Langer 2005).

using an upward pointing arrow, and is in good agreement with the bulk of the
LH9 stars.

The dwarf N11-123 exhibits no chemical peculiarities and its location on the
sky places it in the central concentration of LH9, suggesting that it should have
been formed in the burst of star formation that formed the cluster. However,
given the fact that N11-123 is in principle the only star deviating from the coeval
nature of LH9 we suspect that it is like N11-058 and N11-066 part of the periphery
of the cluster and that its relatively close position to the core is due to a projection
effect. Consequently, we conclude that the central concentration of LH9 is coeval
with an age of ∼7.0 ±1.0 Myr. The error bar is of the same order of magnitude
as the 0.5–1.0 Myr introduced by uncertainties in the evolutionary tracks due to
effects of (relatively modest) rotation (see Paper II).

The right part of Fig. 6.13 shows that the stars in the central concentration of
LH10 have ages ranging from one up to approximately six million years. Despite
this large scatter it is clear that the majority of the stars is younger than 4.5 Myr
and that only one object (N11-087) in the cluster core is older than this age. An ex-
planation for the large age of the latter object might be that it formed in LH9 and,
over time, migrated towards LH10. As explained at the start of this section, this is
a possibility given that the distance from the centre of LH9 to the current position
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of N11-087 is only three arc minutes. Considering the error bars on the age deter-
minations and the additional uncertainty of 0.5–1.0 Myr introduced by rotation
(see Paper II), we finally estimate an age best describing LH10 of ∼3.0 ±1.0 Myr.

6.6.3 SEQUENTIAL STAR FORMATION?

If the starbursts in N11 are sequential the formation of LH10 should be induced
by supernova explosions and/or stellar winds in LH9. Given the age difference
and distance between the two clusters we find that both means of triggering are
possible. In the first case the age difference of approximately four million years
is compatible with the time of ∼3 Myr it takes before the most massive stars end
their life in a supernova (e.g. Schaller et al. 1992). The time needed for the su-
pernova shock to cross the distance of ∼3 arc minutes between LH9 and LH10,
corresponding to approximately 40 parsec at the distance of the LMC, is only
∼105 years (see e.g. Falle 1981); hence it is a possible scenario. If we consider trig-
gering through stellar winds, the time scales are also compatible. Garcia-Segura
et al. (1996), for instance, using hydrodynamical simulations have shown that a
60 M¯ star can create a wind-driven bubble in the interstellar medium of ∼50 pc
during its main sequence lifetime of 3 Myr. Consequently, this scenario seems to
be appropriate as well and in agreement with the determined time scales.

In view of the above we conclude that a sequential scenario for LH9 and LH10
seems very likely. A combination of supernovae and stellar winds from stars in
LH9 may have initiated star formation in LH10.

6.7 SUMMARY AND CONCLUSIONS

We have analysed a sample of 28 massive OB-type stars located in the LMC. For a
homogeneous and consistent treatment of the data we employed the automated
fitting method developed by Mokiem et al. (2006a), which combines the genetic
algorithm based optimisation routine PIKAIA (Charbonneau 1995) with the fast
non-LTE unified stellar atmosphere code FASTWIND (Puls et al. 2005). The sample
is mostly drawn from the targets observed within the context of the VLT-FLAMES
survey of massive stars (Evans et al. 2005). In total 22 of these stars are located
in the LH9 and LH10 clusters within the giant H II region N11. This region is be-
lieved to have been the scene of sequential star formation, with the stellar activity
in LH9 igniting secondary starbursts in different associations in N11. Our main
findings are summarised below.

i) The effective temperature per spectral sub-type of the LMC stars is found
to be intermediate between that of Galactic and SMC O- and early B-type
stars, with the LMC objects being, respectively, cooler and hotter by typi-
cally ∼2 kK.

ii) Based on the helium and hydrogen lines it was possible to determine the
effective temperatures, though with relatively large error bars, of the four
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O2 stars in our sample. Three of these are found to be hotter by more than
7 kK compared to the O3 star in our sample, suggesting that O2 stars indeed
represent a hotter subgroup within the O-type class. However, we note
that for one O2 star a relatively low Teff of 45 kK was obtained, indicating
that the N IV and N III classification lines (Walborn et al. 2002b) are not fully
compatible with the helium lines traditionally used for classification.

iii) The spectroscopically determined masses of the dwarf and giant stars in our
set of programme stars are found to be systematically smaller than those de-
rived from non-rotating evolutionary tracks. For helium enriched dwarfs
and giants, i.e. those having YHe > 0.11, we find that all show this mass dis-
crepancy. The same was found in an analysis of SMC stars using the same
methods (Mokiem et al. 2006a). We interpret this as evidence for efficient
rotationally enhanced mixing leading to the surfacing of primary helium
and to an increase of the stellar luminosity.

iv) The bright giants and supergiants do not show any mass discrepancy, re-
gardless of the surface helium abundance. This also is consistent with
the finding for Galactic and SMC class I-II objects studied with the same
methodology (Mokiem et al. 2005, 2006a). This implies that these stars
must all have rotated at birth at less than about 30 to 40 percent of the sur-
face break-up velocity. It also implies that the classical mass discrepancy
problem for supergiants as first identified by Herrero et al. (1992) has been
resolved.

v) A weak correlation is found between microturbulent velocity and surface
gravity. More extended atmospheres (i.e. lower gravity stars) require a rel-
atively large vturb to fit the lines. The reason for this relation is unclear,
however, it does not seem to be connected to the lines being formed closer
to the sonic point of the wind flow in low gravity stars.

vi) From a comparison of modified wind momenta Dmom we find that the
wind strengths of LMC stars are weaker compared to Galactic stars, and
stronger compared to SMC stars. Comparing the derived Dmom as a func-
tion of luminosity with predictions for LMC metallicities by Vink et al.
(2001) yields good agreement in the entire luminosity range that was in-
vestigated (5.0 < L/L¯ < 6.1).

vii) We have determined an age of, respectively, ∼7.0±1.0 Myr and
∼3.0±1.0 Myr for the clusters LH9 and LH10. The age difference and rel-
ative distances are in good agreement with a sequential star formation sce-
nario, in which stellar activity in LH9 triggered the formation of LH10.
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APPENDIX: FITS AND COMMENTS ON INDIVIDUAL OBJECTS

The observed spectra shown in this section were corrected for radial velocities. If
not noted differently the lines that were fitted are the hydrogen Balmer lines Hα,
Hγ and Hδ; the He I singlet line at 4387 Å; the He I triplet lines at 4026, 4471 and
4713 Å; and the He II lines at 4200, 4541 and 4686 Å. Over plotted are the best fit
spectra, unless noted differently.

N11-004 (Fig. 6.14) With exception of He I λ4471 good fits for all lines of this
OC9.7 supergiant were obtained. The under prediction of the He I λ4471 line is
possibly connected to the so-called generalised dilution effect (Voels et al. 1989,
see also Repolust et al. 2004).

N11-008 (Fig. 6.14) All lines are reproduced well. Note that given the weak-
ness of He II λ4686 and lower weight assigned to this line, the reproduction of its
profile can be considered good.

N11-026 (Fig. 6.14) A high effective temperature of 53 kK was needed to fit the
spectrum of this O2 giant. The very small He I λ4471 strength resulted in rela-
tively large lower error estimate for Teff of 3.9 kK (cf. Tab. 6.3). The dotted profiles
show the effect a decrease of Teff by this amount has on the line profiles.

N11-029 (Fig. 6.14) A good fit was obtained. The slight underestimation of the
core strength of the He II λ4200 and He II λ4541 lines is, given the relative weak-
ness of these lines, not significant.

N11-031 (Fig. 6.15) To fit the spectrum of this O2 star a relatively low effective
temperature of 45 kK was necessary. Walborn et al. (2004) derived a Teff of 55 kK
for this object. However, their determination of this parameter was based on the
analysis of the N IV-V ionisation balance using plane parallel models while adopt-
ing a fixed gravity of log g = 4.0. Based on the analysis of the helium ionisation
we exclude a Teff higher than ∼47 kK. This is illustrated by the dotted lines, which
correspond to a model calculated for an effective temperature higher by the upper
error estimate we derived for Teff. For even higher temperatures the He I λ4471
would, in contradiction to the observations, disappear completely.

N11-032 (Fig. 6.15) The He I and He II blend at 4026 Å was not observed for this
object. In the final fit, therefore, also the Hδ Balmer line is shown.

N11-033 (Fig. 6.15) This B0 giant is fast rotator. To reproduce the observed line
profiles a projected rotational velocity of 256 km s−1 was necessary. In the pre-
sented fit the strength of He II λ4541 seems to be under predicted. However,
given the relative weakness of this line this small discrepancy is negligible. Note
that the sharp of the absorption in the line profile of Hα is the result of an over
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subtraction of the core nebular feature and was not taken into account in the fit-
ting procedure.

N11-036 (Fig. 6.15) The line profiles of N11-036 could be reproduced quite ac-
curately because of its relatively slow rotation.

N11-038 (Fig. 6.16) The relatively poor reproduction of He I λ4388 in this O5
bright giant is the result of the low weight assigned to this line based on the
spectral type of N11-038. A good fit to the He I λ4471 could not be obtained
due to its peculiar line profile shape. Possibly this triangular profile is related to
macroturbulence.

N11-042 (Fig. 6.16) A relatively low projected rotational velocity was found for
this B0 giant allowing for a nearly perfect fit.

N11-045 (Fig. 6.16) A good fit was obtained for this O9 giant. Despite the good
fit quality a problem is apparent when Ms and Mev are compared in Tab. 6.2. The
spectroscopic mass is found to be less than half its evolutionary equivalent.

N11-048 (Fig. 6.16) Based on the fact that the He II λ4686 is the strongest line in
its spectrum Parker et al. (1992) classified this star as a Vz star. The fit parameters,
however, place this object at a considerable distance from the theoretical ZAMS
in Fig. 6.5. We also find that the spectrum can not be reproduced accurately.
The width of the neutral helium lines is systematically unpredicted, whereas the
width of the He II is over predicted. This and the fact that the helium abundance
that is recovered from the spectrum is rather low (YHe = 0.06) are indicative of a
possible binary nature.

N11-051 (Fig. 6.17) The spectrum of the O5 dwarf N11-051 shows very broad
lines, indicating fast stellar rotation. To obtain the final fit a projected rotational
velocity of 333 km s−1 was required.

N11-058 (Fig. 6.17) A good fit was obtained for all lines of this O5.5 dwarf. The
small under prediction of the He I4387 line strength is the result of the relatively
low weight assigned to this line for the spectral type of this star.

N11-060 (Fig. 6.17) Note that the He I λ4471 line of this O3 dwarf has a strength
that is comparable to the strength of this line in the spectrum of the O2 giant
N11-031. As the effective temperature we find for these two objects are also com-
parable, the helium spectrum suggest a spectral type of O3 for both objects.
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N11-061 (Fig. 6.17) All lines of this O9 dwarf are reproduced correctly. The mass
loss could be reliably determined using the automated method at a rate of 2.1 ×
10−7 M¯. Note that the value of 1.8 obtained for the wind acceleration parameter
β is rather high for a dwarf type object.

N11-065 (Fig. 6.18) A relatively high helium abundance of 0.17 was recovered
from the spectrum. The good fit quality obtained for all lines, however, does not
indicate an overestimation of this parameter. A strong mass discrepancy is found
with Ms being smaller than Mev by approximately a factor of two.

N11-066 (Fig. 6.18) Apart from a slight under prediction of the width of
He II λ4686 all lines of this O7 dwarf could be fitted with good accuracy. Like
the previously discussed object, again a large mass discrepancy is found with a
ratio of Mev to Ms of 1.8.

N11-068 (Fig. 6.18) The final fit reproduces the observed line profiles very accu-
rately. No further comments are required.

N11-072 (Fig. 6.18) The star has a very sharp lined spectrum. The best fit re-
quired a vr sin i of 14 km s−1. Note that given the lower error estimate, given in
Tab. 6.3, and the spectral resolution of the data this value can also be interpreted
as an upper limit.

N11-087 (Fig. 6.19) To fit the spectrum of N11-087 a vr sin i of 276 km s−1 was
needed. The final fit shows a good reproduction of the line profiles with a slight
under prediction of the He II λ4541 line. Given the signal-to-noise ratio of the
spectrum and the relative strength of this line, we do not believe this to be signif-
icant.

N11-123 (Fig. 6.19) Like the previously discussed object N11-123 is also classi-
fied as an O9.5 dwarf. The effective temperature needed to fit the spectrum is,
however, higher by more than 2 kK. This is the result of a log g that is higher by
∼0.2 dex.

BI 237 (Fig. 6.20) A good fit was obtained for this O2 dwarf star. The He I λ4471
line is hardly visible. Fortunately, the hydrogen and He II lines provide the au-
tomated fitting method with enough information to determine an effective tem-
perature. The error estimates on this parameter, however, are considerable (see
Tab. 6.3). The effect of lowering Teff to the lower error estimate of 49 kK is illus-
trated by the dotted profiles.

BI 237 was recently also analysed by Massey et al. (2005). Compared to this
study we find large differences for Teff (+5 kK), log g (+0.2 dex) and Ṁ (−0.4 dex).
Our solution for higher effective temperature and surface gravity can be ex-
plained by the fact that the ionisation structure of the atmosphere is set by both
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these parameters (also see Paper I). The reduced mass loss rate we find is the
result of the increased value for β (+0.4) obtained by the automated method.

BI 253 (Fig. 6.20) The star has as an identical spectral type as the previously
discussed object. The photospheric parameters determined from the spectrum
are also very similar to the parameters of BI 237. Note that in contrast to this
agreement BI 253 is found to have a much denser wind. Its mass loss rate is
larger by a factor 2.5 and reflects the fact that compared to BI 237 the wind lines
Hα and He II λ4686 are more filled in. In their analysis Massey et al. (2005) could
only determine a lower estimate for Teff of 48 kK, which is consistent with our
lower error estimate. The other parameters determined by these authors are in
fair agreement with our analysis. An exception to this is the surface gravity for
which Massey et al. estimate a value lower by 0.3 dex, which is the result of the
lower Teff used for their fit.

Sk −66 18 (Fig. 6.20) With exception of the He II lines at 4541 Å and 4686 Å
we obtained a near perfect fit. The helium abundance YHe = 0.14 indicates an
enriched atmosphere.

Sk −66 100 (Fig. 6.20) was previously analysed by Puls et al. (1996). Compared
to this study we find similar parameters with exception of a lower Teff which
is the result of the inclusion of blanketing and an increased helium abundance
of YHe = 0.19. The final fit shows that with this large value all lines could be
reproduced quite accurately. The slight mismatch of the He II λ4686 line can be
improved by increasing Ṁ to its upper error estimate. The effect of this increase
of 0.12 dex on the line profiles is shown using dotted lines.

Sk −67 166 (Fig. 6.21) This supergiant has both Hα and He II λ4686 in emission
indicating the presence of a dense stellar outflow. To correctly reproduce the line
profiles a very high mass loss rate of 9.3× 10−6 M¯yr−1 was required. This value
is in good agreement with the findings of Crowther et al. (2002b) who studied this
objects using the model atmosphere code CMFGEN (Hillier & Miller 1998) in the
optical, UV and far-UV. Compared to these authors we also find that the other fit
parameters are in good agreement. An exception to this is the helium abundance.
Crowther et al. (2002b) adopted a fixed value of YHe = 0.2 whereas our automated
fitting method was able to self consistently determine a value of YHe = 0.28.

Sk −70 69 (Fig. 6.21) To fit the spectrum of this O5 dwarf Sk −70 69 a helium
abundance of YHe = 0.17 was required. Note that, similar to N11-065, which is
also strongly enriched with helium, the spectroscopic mass is found to be much
smaller than the evolutionary mass.
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Figure 6.14: Comparison of the observed line profiles of N11-004, -008, -026 and -028 with
best fitting synthetic line profiles obtained using the automated fitting method (grey lines).
Wavelengths are given on the horizontal axis in Å. The vertical axis gives the normalised
flux. Note that this axis is scaled differently for each line. The dotted line profiles for
N11-026 correspond to a model calculated with a Teff lower by 4 kK.
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Figure 6.15: Same as Fig. 6.14, however, for N11-031, -032, -033 and -036. Shown as dotted
profiles for N11-031 is the effect of and a 2.2 kK increase in Teff.
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Figure 6.16: Same as Fig. 6.14, however, for N11-038, -042, -045 and -048.
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Figure 6.17: Same as Fig. 6.14, however, for N11-051, -058, -060 and -061.
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Figure 6.18: Same as Fig. 6.14, however, for N11-065, -066, -068 and -072.
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Figure 6.19: Same as Fig. 6.14, however, for N11-087 and -123.
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Figure 6.20: Same as Fig. 6.14, however, for BI 237, BI 253, Sk −66 18 and Sk −66 100. The
dotted profiles for BI 237 correspond to a model calculated with a Teff reduced by 3.8 kK
compared to the best fit value. For Sk −66 100 the dotted profiles show the effect of an
increase in Ṁ by 0.12.
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Figure 6.21: Same as Fig. 6.14, however, for Sk −67 166 and Sk −70 69.
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THE OBSERVED METALLICITY DEPENDENCE OF THE
MASS LOSS RATE OF O- AND EARLY B-TYPE STARS

M. R. MOKIEM & A. DE KOTER
TO BE SUBMITTED TO ASTRONOMY & ASTROPHYSICS
ABSTRACT. We present a comprehensive investigation of the observational evidence for a
dependence of the mass loss in stationary stellar winds of hot massive stars on the metal
content of their atmospheres. The metal content of stars in the Magellanic Clouds is dis-
cussed, and a comprehensive overview is given of state-of-the-art mass-loss determina-
tions of OB stars in these two satellite systems as well as in the Milky-Way. Assuming
a power law dependence of mass loss on metal content, Ṁ ∝ Zm, and adopting the the-
oretical result v∞ ∝ Z0.13 (Leitherer et al. 1992) for the relation between wind terminal
flow velocity and metal content, we find from an analysis of the wind momentum lu-
minosity relation (WLR) that m = 0.78 ± 0.17 for non-clumped outflows of stars brighter
than 105.2L¯. If we adopt a generic clumping correction for stars showing Hα emission
profiles following Markova et al. (2004) and Repolust et al. (2004) the metallicity depen-
dence is given by m = 0.62 ± 0.15. These results compare very well with the prediction
m = 0.69 ± 0.10 by Vink et al. (2001). Analyses based on ultraviolet (UV) wind lines and
analyses based on Hα are in agreement with the observed relation for stars in this luminos-
ity regime. For lower luminosity the winds are so weak that for most stars their strengths
can no longer be derived from optical spectral lines (essentially Hα) and one must rely
on the analysis of UV lines only. In this regime the observed Galactic WLR as suggested
by the UV analyses appears much steeper than expected from theory, leading to an over
prediction of the wind strength by a factor 100 at L ∼ 104.75L¯. The reason for this weak
wind problem is currently unknown. The UV analysis also suggests that about half of the
stars brighter than ∼ 105.15 show clumped winds. If so, the winds strengths may have to
be scaled down by factors 3 to 10, also implying a break with theory for the most luminous
stars.
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7.1 INTRODUCTION

Understanding the properties and evolution of massive stars in low metallicity
environments is of fundamental importance in astrophysics. This is amply illus-
trated by referring to the anticipated role of massive stars in the early universe,
where they are thought to be responsible for its re-ionisation (e.g. Haehnelt et al.
2001; Wyithe & Loeb 2003), galaxy formation, and chemical evolution of young
galaxies and of the intra-galaxy medium. Strong indications of gamma ray bursts
occurring primarily at low metallicity (e.g. Gorosabel et al. 2005) and massive
stars being progenitors (e.g. Hjorth et al. 2003), adds to the point. The evolution of
massive stars is essentially controlled by the effects of mass-loss, therefore mass
loss has a direct and/or indirect impact on all the processes and phenomenon
mentioned above. This makes a quantitative handle on the dependence of mass
loss on the metal content of the environment out of which these early stars form
so vital. Obviously this argument also applies to massive stars in the local uni-
verse.

In the last decade the development of realistic stellar atmosphere models has
allowed for an accurate determination of the wind parameters of a sizeable sam-
ple of early-type Galactic stars (e.g. Puls et al. 1996; Herrero et al. 2002; Repo-
lust et al. 2004; Crowther et al. 2006). This, in turn, has allowed us to test our
understanding of aspects of stellar wind hydrodynamics, including its driving
mechanism, to an unprecedented level. The same time period has shown the
fortunate development that the Galactic sample could be supplemented with sig-
nificant numbers of extragalactic stars. Here we mention explicitly the work of
Massey et al. (2004, 2005) and of Evans et al. (2005). The latter program is the VLT-
FLAMES Survey of Massive Stars, in which close to 100 O- and early B-type stars
were observed in the Magellanic clouds. The implementation of line blanketing
in the description of hot star atmospheres (e.g. Hubeny & Lanz 1995; Hillier &
Miller 1998) allows for a consistent and detailed treatment of the effects of chem-
ical composition and has paved the way for a robust quantitative comparison of
the wind strengths of hot massive stars in different metallicity environments. The
most recent step forward in the modelling technique has been the development
of an automated fitting method, opening up a means to analyse large samples in
a homogeneous way (Mokiem et al. 2005).

This paper provides an overview of the current standing of mass loss determi-
nations in the Galaxy and the Large and Small Magellanic Clouds, and is specif-
ically aimed at establishing the dependence of mass loss on chemical abundance
pattern, notably metal content Z. The Small Magellanic Cloud (SMC) with Z at
about 1/5th of the Galactic value is the lowest metallicity we can so far probe in
reasonable detail. The Large Magellanic Cloud (LMC) with approximately half
the metal content of the Galaxy provides an intermediate environment.

As we have no observational means to establish the Ṁ(Z) dependence for
lower metal environments we must rely on predictions to access this interesting
part of parameter space. Though here we do not deal with the theory of wind
driving mechanism, we will compare predicted and observed wind strengths to
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establish successes and failures of the theory such that we may identify aspect of
the Ṁ(Z) problem that require further study, and regimes in parameter space that
seem sufficiently under control to allow us to venture out to the early universe.

In Sect. 7.2 we first briefly review the mass loss mechanism of early-type stars.
The present day chemical composition of the Galaxy and Magellanic Clouds is
discussed in Sect. 7.3. Sections 7.4 and 7.5 deal with the methodology used to
determine mass loss rates and how to compare these for different environments.
The observed mass loss relations are presented in Sect. 7.6. Based on these rela-
tions the global metallicity dependence of Ṁ is determined in Sect. 7.7. Finally,
in Sect. 7.8 we discuss the observed mass loss relations in terms of the so-called
weak wind problem and wind clumping, and end with concluding remarks.

7.2 THE MASS LOSS MECHANISM OF EARLY-TYPE STARS

We briefly review those aspects of the wind driving mechanism of massive early-
type stars that are relevant in the context of establishing an observational relation
between mass loss and chemical composition. For a more in-depth treatment of
the physics of mass loss, see e.g. Kudritzki & Puls (2000) and Vink et al. (2001).
The basic mechanism driving the winds of hot massive stars is the transfer of
momentum from photons to the atmospheric gas by line interactions. The driv-
ing mechanism implies that the properties of the stellar wind will depend on
the number of photons per second streaming through the photospheric layers
(reflecting the stellar luminosity), and on the number and ability of lines being
available – in particular at wavelengths around the photospheric flux maximum
– to absorb these photons.

The dependence of the wind driving on the number of lines present suggests
that mass loss is a function of elemental abundance. Whether this is indeed the
case formally depends on the nature of the driving lines. In the hypothetical
case that one would be in a regime of abundances for which all lines effectively
contributing to the line force are optically thick, mass loss would not be a function
of elemental abundance. This regime is not encountered in even the most metal
rich environments known (Vink et al. 2001); realistically what is found is that the
lines driving the wind are a mixture of optically thin and optically thick lines.
Representing the distribution of line strengths by a power law (see Puls et al.
2000), one predicts for Galactic O stars an index of this power law α ∼ 2/3 (α = 0
corresponds to the optically thin case; α = 1 to the optically thick case). This
ensures a dependence of mass loss on elemental abundance.

Which elements dominate the line force? The answer depends to some extent
on the effective temperature of the star begin considered (see Tab.7.1). Though
hydrogen and helium are by far the most abundant elements, their impact on
the wind driving is modest. Decisive for whether or not a species is a significant
contributor to the line driving is the product: abundance × ionization fraction
× number of effective lines. Essentially, the elemental abundance times the ion-
ization fraction of hydrogen and helium are similar to that of metals that are in
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Table 7.1: Overview of the ions that dominate the line driving in early-type stars. All
results are for solar metallicity stars with L? = 105 L¯. The way in which the relative
contributions are derived is as follows: following the method of de Koter et al. (1993,
1997) the total momentum transfered from the radiation field to the gas is computed by
means of a Monte Carlo simulation in a unified stellar atmosphere. By registering the
atomic number of the elements with which the photons interact all throughout the wind,
the contribution to the kinetic energy of the outflow due to each element can be derived.

Teff= 20 kK Teff= 25 kK Teff= 30 kK Teff= 40 kK
Atom Contr. % Contr. % Contr. % Contr. %
H 19.53 14.84 12.82 14.11
He 0.01 0.03 0.05 0.05
C 2.61 12.28 14.43 24.03
N 0.49 1.09 1.76 7.19
O 0.65 0.14 1.87 4.64
Mg 2.07 0.46 3.08 –
Al 2.17 3.21 12.61 –
Si 7.95 10.01 20.34 13.16
P 6.56 9.46 0.93 1.13
S 4.51 6.52 4.55 16.51
Cl 0.30 1.57 1.05 0.91
Ar 0.11 0.24 0.33 1.87
Cr 2.36 1.98 0.78 0.48
Mn 1.10 0.92 1.07 0.34
Fe 39.00 32.29 23.07 10.51
Ni 6.40 4.03 0.65 2.40

the dominant stage of ionization. It is therefore the number of driving lines that
is makes the difference. As H and He – due to their simple atomic structure –
have only few lines that can effectively contribute to the line force, it is relatively
abundant complex atoms that are the main contributors. Though hydrogen and
helium are by far the most abundant elements, their impact on the wind driving
is modest. Decisive for whether or not a species is a significant contributor to the
line driving is the product: abundance × ionisation fraction × number of effec-
tive lines. Essentially, the elemental abundance times the ionisation fraction of
hydrogen and helium are similar to that of metals that are in the dominant stage
of ionisation. It is therefore the number of driving lines that is makes the differ-
ence. As H and He – due to their simple atomic structure – have only few lines
that can effectively contribute to the line force, it is relatively abundant complex
atoms that are the main contributors. For a late-O dwarf of solar composition,
CNO accounts for some 15 percent; iron contributes some 25 percent. Other iron-
group elements (for instance Cr, Mn, Co, Ni) add a few percent. α-elements, such
as Ne, Mg, Si, S, Ar, and Ca account for about 30 %, with Si being the main con-
tributor with ∼ 20 %. We mention a decomposition of the line force in terms of
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iron group and α elements as the nucleosynthetic origin of the two is different.
The former are mostly produced in Type Ia supernovae, the latter predominantly
in Type II.

Mixing of CNO-cycled material to the surface during the supergiant phase
may affect the relative abundances of these three elements. However, in terms of
their contribution to the line force not much will change when this happens, as
these three elements have more or less equal numbers of effective driving lines
near the photospheric flux maximum and the C+N+O abundance remains unaf-
fected by the CNO-cycle.

We conclude that a straight mean of C+N+O, α-elements, and iron-group elements
is an appropriate abundance value to use as a Z measure for O stars. For stars of spectral
type B and A the weight of iron increases to up to 50 percent (see Tab.7.1).

7.3 METALLICITY DETERMINATIONS OF EARLY-TYPE STARS

Having identified the elements that dominate the line force, we now address the
present-day chemical composition of hot massive stars in the Galaxy and the
Magellanic Clouds.

Spectroscopy of H II regions and supernova remnants has been used to probe
the gas phase composition of the Magellanic Clouds (for reviews see for instance
Pagel et al. 1978; Dufour 1990; Russell & Dopita 1990; Garnett 1999). The re-
sults derived from these studies do not necessarily represent the initial chemical
composition of the stars in these environments because of fractionation of some
elements from the gas phase onto solid state particles (or “dust”). Also, emission
line studies may be affected by spatial inhomogeneities in the nebula. So, to ob-
tain the chemical composition it appears best to study the stars themselves. As
the comparison between theoretical and observed wind strength is usually not
done on an individual basis (but see de Koter et al. 1997) it is relevant to know
how the observed metal abundance Z – so far the abundance input parameter for
mass loss predictions – is derived. If Z is derived from CNO abundances in ei-
ther evolved or rapidly rotating objects one should be careful. In supergiants and
even giants (Korn et al. 2000; Lennon et al. 2003) rotational mixing and ejection of
the outermost envelope by mass loss may bring CNO equilibrium material to the
surface. In stars rotating at least about half of break-up at the surface abundance
alterations due to rotational mixing may already occur very early on in the stars
evolution (Yoon & Langer 2005).

The optical spectra of O stars show few spectral lines of heavy elements. B
stars are relatively rich in absorption features due to C, N, O, Mg, Si, S, and Fe
providing a sound basis for establishing the metallicity. It has to be added that for
iron the adjective “sound” is perhaps somewhat too optimistic in case of early-B
stars as in those stars the optical spectrum of this element in is intrinsically weak
(especially so in the SMC; Rolleston et al. 2003). The advantage of B and later-
type stars is also that they may be analysed accurately using LTE line-blanketed
hydrostatic atmospheres, though non-LTE effects appear relevant for some diag-
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nostic lines, for instance C II λ4267 (Rolleston et al. 2003; Dufton et al. 2005).
The SMC abundance of AV 304 has been studied in detail by several groups

using state-of-the-art methods. Relative to a similar Galactic star Rolleston et al.
(2003) finds an α element abundance ∆[α/H] = −0.44 ± 0.06 dex. We mention
this star explicitly as (to the best of our knowledge) this is the only SMC O
or B star analysis reporting an iron abundance: ∆[Fe/H] = −0.50 ± 0.19 dex.
Combining the results for 14 B supergiants by Trundle et al. (2004) and Dufton
et al. (2005) gives an almost similar mean result for Magnesium and Silicon,
∆[Mg/H] = −0.56 ± 0.03 and ∆[Si/H] = −0.47 ± 0.04 dex.

So it appears that B star studies converge on a mean metallicity ∆[Z/H] ∼
−0.5 dex for the SMC. Studies using AFGK supergiants – which have more and
stronger metal lines in their spectra – tend towards the somewhat lower value of
∼ −0.7 dex. Rolleston et al. (2003), providing a compilation of these results sug-
gest that differences in modelling techniques/codes, diagnostic lines, and atomic
data may lead to systematic differences between the sets of results. This illus-
trates that the question of the SMC metallicity is not yet resolved. We adopt
∆[Z/H] ∼ −0.7.

A recent overview of abundance determinations in the LMC is given by
Rolleston et al. (2002). Reasonable agreement is found between six indepen-
dent studies of the overall metallicity of the LMC – irrespective of the class of
object used to trace the chemical composition or the spatial location of the inves-
tigated stars. The mean metallicity, based on O and Si, is (∆[O/H] + ∆[Si/H)/2 =

−0.30± 0.08 dex. Interestingly, analysis using OB stars seem to indicate that iron
is less deficient than the α-elements O, Mg, and Si. Rolleston et al. (2002) report
an α to iron ratio ∆[α/Fe] ∼ −0.14 dex for main sequence OB stars, consistent
with that obtained for evolved B-stars (Korn et al. 2000). Studies using F su-
pergiants and Cepheids, however, report iron abundances representative of the
mean metallicity (Hill et al. 1995; Luck et al. 1998). We adopt ∆[Z/H] ∼ −0.3.

7.4 MASS LOSS DETERMINATIONS OF EARLY-TYPE STARS

There are three basic diagnostics of the mass-loss rate of early-type stars. These
are: (a) infrared, millimetre and radio excess due to free-free processes; (b) ultra-
violet resonance lines, and (c) optical lines, notably Hα, but for the hottest stars
also He II λ4686. For a didactical explanation of the way in which Ṁ can be de-
rived from these diagnostics, see Lamers & Cassinelli (1999). In the context of the
dependence of mass loss on metal content, millimetre and radio excess emission
in early-type stars is (at this moment) impracticable as the flux levels are weak
and can only be measured for not to distant Galactic stars (up to a few kilopar-
sec), i.e. the method can not be applied to Magellanic Cloud stars.

UV resonance lines of relatively abundant elements such as C, N, O and Si
are the most sensitive probes of mass loss, allowing detection of rates as low as
∼ 10−9 M¯yr−1. The lines typically saturate at about ∼ 10−7 M¯yr−1, therefore
for strong winds they only provide lower limits to Ṁ. Because of the ease with
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which the lines saturate, unsaturated lines often relate to minor ionisation stages
(and/or, obviously, to weak winds). The ionisation of these trace ions may de-
pend rather critically on the treatment of line-blanketing, clumping, and shocks.
Over the past decade, line-blanketing has been incorporated into model atmo-
sphere codes for hot stars with winds. In a detailed comparison of three of these
codes, Puls et al. (2005) conclude that the flux levels at λ & 400 Å agree very well.
Below 400 Å discrepancies are found, implying that the population of species
such as N IV, C IV, and O VI should be taken with some care – therefore also the
mass loss rates that are derived using lines of these ions. One of the most impor-
tant current challenges in model atmospheres treating outflows is to implement
the direct and indirect effects of the line-driven instability (see e.g. Owocki 1994).
This instability causes the formation of small scale density and velocity gradients
in the wind flow, creating “clumps” of gas and shocks leading to X-ray emission
and enhanced EUV-flux. We will discuss clumping in more detail in Sect. 7.8.2.
Shocks may also impact on the ionisation of the species mentioned above. This
presents a second reason for being cautious with the Ṁ values derived from UV
resonance lines of which the ionisation relies on EUV and/or X-ray photons. A
third reason is that the abundances of C, N, and O may be affected by the surfac-
ing of nuclear processed material (see Sect. 7.3).

The third approach to derive the rate of mass loss is by fitting the Hα profile,
and, for stars of roughly spectral type O5 or earlier, He II λ4686. The advantages
of fitting these lines relative to ultraviolet resonance lines are that i) the abun-
dance determination is robust (for the most detailed approach, see Mokiem et al.
2005, 2006a); ii) the ionisation balance is well known, i.e. it is not affected by
shock processes. On the down side, the Hα diagnostic is not as sensitive as are
the UV lines: only for rates in excess of ∼ 10−7 M¯yr−1 can the filling in of the Hα
line core be used to settle on Ṁ. This poses a problem: the Hα and UV resonance
line diagnostics have only a small mass-loss regime in common in which both can be
applied. This is unfortunate, especially in view of resolving the weak wind prob-
lem (see Sect. 7.8.1), though there may be ways out. First, the Brα line at 4.05 µm
is intrinsically stronger than Hα and could push the sensitivity of the hydrogen
line Ṁ-diagnostic by perhaps a factor two to three (Schaerer et al. 1996; Lenorzer
et al. 2004; Repolust et al. 2005) providing sufficient overlap to derive Ṁ from
both methods for a reasonable number of stars. Second, the P V resonance dou-
blet at λλ1118,1128 Å. The abundance of phosphorus is about a factor of 102 − 103

less than that of C, N, O, and Si. As a result of this the line does not saturate as
easily. Consequently, it can be applied for stars with Ṁ in excess of 10−7 M¯yr−1.
Moreover, for a range of O subtypes P V is expected to be the dominant ionisation
stage, making it less susceptible to shocks. Access to the far-ultraviolet region of
the spectrum is provided by, for instance, the Far Ultraviolet Spectroscopic Explorer.
Analysis of spectra obtained with this instrument strongly points to discrepant
P V and Hα based mass-loss rates, pointing towards clumped winds (Massa et al.
2003; Fullerton et al. 2006).
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7.5 COMPARING Ṁ IN DIFFERENT ENVIRONMENTS

How to compare the mass loss of stars in different galaxies? It may seem that the
most straightforward way of doing this is by taking two stars with identical (or
at least very similar) parameters, one in each galaxy, and directly compare the Ṁ
values. For essentially two reasons, this is not a good way of doing this. First, the
number of O and early-B stars studied in the Galaxy and the Magellanic Clouds
is so far too limited to identify a significant number of stars with “identical” lumi-
nosity, temperature (therefore radius), mass, and – though less critical – rotational
velocity and terminal wind-flow velocity. The impact of stellar rotation on mass
loss appears important only for stars close to the Ω-Γ limit (see e.g. van Boekel
et al. 2003, for an extreme situation), therefore, for relatively “normal” early-
type stars one may consider it less critical. Terminal velocity differences due to
metallicity effects are found to be minor, both from observational (e.g. Evans et al.
2004b) and theoretical (e.g. Puls et al. 2000; Krtička 2006) considerations.

Even if for a few cases one could do a direct comparison it would still not be
an appealing approach, as in principle the Ṁ(Z) relation might not be the same
for all hot massive stars. Consequently the result might not be applicable to all
early-type stars. This introduces the second reason: a direct comparison ignores
possible physical arguments that – in some way – would allow all hot massive
stars to be used to establish the sought-after mass loss versus metallicity relation
and that adds (at least some) predictive power to the derived Ṁ(Z).

Indeed the theory of line driven winds makes such a prediction, termed the
modified wind momentum – luminosity relation, (WLR; e.g. Kudritzki et al. 1995; Ku-
dritzki & Puls 2000)

log Dmom ≡ log
(

Ṁv∞
√

R
)

= x log(L/L¯) + logD◦ . (7.1)

The slope x and the constant D◦ are expected to vary as a function of spectral type
and metal content (Kudritzki et al. 1999; Puls et al. 2000). This equation expresses
that the mechanical momentum of the stellar wind flow is mostly a function of
photon momentum. It is perhaps surprising that the stellar mass does not feature
in this dependence. This is so because log D ∝ (3/2− x) log M and x happens to be
∼ 3/2 for O-stars and early B-supergiants (Puls et al. 2000). It is thus conveniently
left out of the equation. The modified wind momentum is considered to be one
of the most important results of the theory of radiation driven winds and the
uniqueness of the relation has been confirmed by independent investigations (e.g
Vink et al. 2000; Puls et al. 2003). In Tab. 7.2 coefficients for the WLR as predicted
by Vink et al. (2000, 2001) are given for the Galactic, LMC and SMC metallicities.

Assuming the mass loss and terminal velocity are power laws of metallicity,
i.e.

Ṁ ∝ Zm (7.2)

and
v∞ ∝ Zn , (7.3)
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it follows that
(m + n) = ∆ logD◦/∆ log Z (7.4)

The index m may now be derived from a comparison of the modified wind
momentum for different galaxies, adopting for instance the theoretical result
n = 0.13 from Leitherer et al. (1992) to describe the v∞(Z) dependence.

7.6 OBSERVED MASS LOSS RELATIONS

To determine the empirical mass loss versus metallicity dependence we compiled
from the literature mass-loss and terminal flow velocity determinations, limiting
ourselves to results obtained using state-of-the-art modelling techniques using
unified non-LTE line-blanketed stellar atmosphere models. Initially, we collected
results obtained with four such codes, i.e. FASTWIND of Puls et al. (2005), CMFGEN
of Hillier & Miller (1998), WM-BASIC of Pauldrach et al. (2001), and ISA-WIND of
de Koter et al. (1993, 1997). We decided not to use studies performed with the
latter two computer programmes (e.g. de Koter et al. 1994, 1998; Bianchi & Garcia
2002; Garcia & Bianchi 2004) as these account for only a relatively minor fraction
of the total number of stars investigated (some 20 percent) of which some have
been reanalysed with either FASTWIND or CMFGEN. This approach assures an
extensive and relatively homogeneous dataset, but not to the limit that only one
code is used. In this way we can still investigate potential (systematic) differences
between at least two methods. Objects for which in the FASTWIND and CMFGEN
studies only an upper limit of the mass loss rate was determined, are not included
in the determination of the empirical WLRs. They are included in the figures
for reference and comparison purposes. We also limit the sample to stars with
Teff > 24 kK. For lower effective temperatures a steep decrease in the terminal
wind velocity is observed that is anticipated to be accompanied by an increase in
the mass loss rate due to a change in the nature of the iron lines that dominate the
line force, potentially leading to a different WLR for such relatively cool stars (e.g.
Lamers et al. 1995; Vink et al. 1999). This excludes some targets from the studies
by Trundle et al. (2004); Trundle & Lennon (2005); Crowther et al. (2006). Finally,
the comprehensive study of Markova et al. (2004) was excluded simply because
the stellar parameters used, except mass loss rate, were based on calibrations.
Note however that the stellar parameters derived by these authors compare well
with other studies.

7.6.1 GALAXY

For the Galaxy we consider a sample based on the analyses performed by Repo-
lust et al. (2004), Mokiem et al. (2005), Martins et al. (2005b) and Crowther et al.
(2006). Note that the second study includes a reanalysis of the Cyg OB2 stars
analysed by Herrero et al. (2002), and HD 15629 and ζ Oph studied by Repo-
lust et al. The relevant atmospheric parameters adopting non-clumped mass loss
rates, are listed in Tab. 7.3. Two entries are given for HD 15629 and HD 93250,
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Table 7.2: Coefficients describing empirical modified-wind momentum relations. Slope and vertical offset are given as x and D◦, re-
spectively. Power Law indexes for the metallicity dependence of the mass loss rates (m) were derived from the relative offset between
Galactic and Magellanic Cloud relations at log L?/L¯ = 5.75. Parameters denoted with an apostrophe are derived from the wind mo-
mentum distributions including clumping corrected Dmom values. For comparison the coefficients of the theoretically predicted relations
of Vink et al. (2000, 2001) are given.

Galaxy sample x log D0 x′ log D′
0 m m′

MWG Mokiem et al. (2005) 1.86 ± 0.20 18.71 ± 1.16 1.58 ± 0.19 20.16 ± 1.11
Total 1.84 ± 0.17 18.87 ± 0.98 1.56 ± 0.16 20.23 ± 0.91
Martins et al. (2005b) 3.15 ± 0.95 10.29 ± 5.08

LMC Mokiem et al. (2006b) 1.87 ± 0.19 18.30 ± 1.04 1.49 ± 0.18 20.40 ± 1.00 1.07 ± 0.40 0.77 ± 0.36
Total 1.96 ± 0.16 17.88 ± 0.91 1.57 ± 0.15 20.02 ± 0.84 0.80 ± 0.32 0.52 ± 0.27

SMC Mokiem et al. (2006a) 2.00 ± 0.27 17.31 ± 1.52 1.50 ± 0.23 20.03 ± 1.32 0.73± 0.20 0.70 ± 0.17
Total 1.84 ± 0.19 18.20 ± 1.09 1.62 ± 0.19 19.26 ± 1.10 0.76 ± 0.15 0.73 ± 0.13

Vink et al. (2000, 2001)
Metallicity x log D0

Z¯ 1.826 ± 0.044 18.68 ± 0.26

1/2 Z¯ 1.826 ± 0.044 18.43 ± 0.26

1/5 Z¯ 1.826 ± 0.044 18.11 ± 0.26
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Figure 7.1: Modified wind-momentum – luminosity distribution of Galactic stars. Differ-
ent luminosity classes are shown using circles, triangles and squares for, respectively, V, III
and I-II class objects. Upper limits are shown as inverted triangles. Black/grey symbols
refer to FASTWIND/CMFGEN analyses. Clumping corrected Dmom values, using a generic
scaling of −0.37 dex for objects with a Hα emission line profile, are shown with open
symbols. Top: stars analysed by Mokiem et al. (2005) using an automated fitting method.
The solid line correspond to the empirical wind-momentum luminosity relation (WLR)
for rates not corrected for clumping. A dotted line is the WLR for clumping corrected
values. Bottom: total Galactic sample. Black solid and dotted lines, respectively, corre-
spond to WLRs fitted to the complete sample using uncorrected and clumping corrected
rates. The grey dashed line is the WLR obtained from fitting only the dwarfs analysed by
Martins et al. (2005b), adopting their rates for f = 1 (grey circles). Upper limits were not
considered in determining any of the best fits.
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as they were analysed separately using FASTWIND and CMFGEN. In the following
determination of the Galactic WLR we adopt the results of the FASTWIND studies.

In Fig. 7.1 the distribution of the Galactic stars in the modified wind-
momentum vs. luminosity diagram is presented, where black/grey symbols refer
to FASTWIND/CMFGEN analyses. Different luminosity classes are distinguished
using circles, triangles and squares for, respectively, class V, III and I-II objects.
The open symbols show Dmom values resulting from scaling the Ṁ by a factor of
0.44 for supergiants exhibiting Hα emission line profiles. This reduction was pro-
posed by Repolust et al. (2004) to correct for the fact that these stars have a system-
atically higher wind momentum compared to O dwarfs (also see Markova et al.
2004). The physical interpretation for this systematic offset proposed by these
authors is connected to wind clumping. Because Hα is a recombination line, its
strength scales with the (wind)density ρ squared. In a uniformly clumped wind,
the emission will increase by a factor f =< ρ2 > / < ρ >2, where f is referred to as
the clumping factor. As the wind region in which Hα is formed in stars in which
this line is in emission is more extended compared to stars in which the profile
is seen in absorption, the more extended regions must be more clumped. In this
interpretation, therefore, the observed offset suggests a gradient in the clumping
factor. The (differential) clumping factor that corresponds to the applied scaling
is f = 1/0.442

= 5. We will return to the issue of clumping in Sect.7.8.2.
The top part of Fig. 7.1 compares the stars that have been analysed by Mok-

iem et al. (2005) in a homogeneous way by using an automated fitting method.
We have constructed a WLR by fitting a power law, while accounting for both
the symmetric errors in L? and the asymmetric errors in Dmom, to the observed
distribution. This empirical WLR is shown as a solid and dotted black line for
uncorrected and clumping corrected wind momenta, respectively. The clumping
corrected relation is found to be flatter because the clumping corrections only af-
fected the two of the brightest objects. In Sect. 7.7 we will compare the empirical
and theoretical WLRs in the observed L? range.

In the bottom part of Fig. 7.1 the observed Dmom distribution for the complete
Galactic sample is shown. The empirical WLRs determined for this sample are
again shown as a black solid and dotted line for the uncorrected and clumping
corrected rates. As can be seen in Tab. 7.2 the fit coefficients for both relations are
in very good agreement with those derived from the homogeneously analysed
sample.

The Galactic sample comprises results from both CMFGEN and FASTWIND
studies. This makes it important to realise that FASTWIND is so far limited to
studies of the visual spectral region – therefore Hα is the most important Ṁ di-
agnostics – while CMFGEN (also) uses the optical and ultraviolet regime. In the
latter approach the UV lines are given more weight in the mass-loss determina-
tion. In the case of weak winds (. 10−7M¯yr−1) the Ṁ determinations rely almost
exclusively on fits to C IV λλ1548,1551 (Martins et al. 2005b). In Fig. 7.1 this re-
sults in a good agreement between CMFGEN and FASTWIND studies for relatively
high luminosities (log L?/L¯ & 5.5), consequently high wind densities. For lower

232



OBSERVED METALLICITY DEPENDENCE OF OB STAR MASS LOSS RATES

luminosities the UV analyses show a systematic discrepancy with the average re-
lations. This is emphasised by the grey dashed line, which shows the average
relation for the dwarfs stars analysed by Martins et al. (2005b). The fit coefficients
listed in Tab. 7.2 clearly signal a problem between UV based mass loss determina-
tions and theoretical expectations. This is referred to as the “weak wind problem”
(see e.g. Bouret et al. 2003). We will discuss this further in Sect. 7.8.1.

7.6.2 LMC

The studies from which we have drawn the LMC sample are those of Crowther
et al. (2002b), Massey et al. (2004, 2005), Evans et al. (2004a) and Mokiem et al.
(2006b). In Tab. 7.4 the relevant atmospheric parameters are listed. Note that
some of the objects in this table have been analysed in more than one study. In
those cases we adopted the results from studies using the automated fitting pro-
cedure developed by Mokiem et al. (2005); if these were not available we pre-
ferred results from studies that used lines both the optical and UV spectral over
results that consider only the optical regime. For a number of stars analysed
by Mokiem et al. (2006b) no UV measurement of the wind velocity was avail-
able. Consequently, these authors estimated v∞ by scaling the escape velocity at
the stellar surface (vesc) with a constant factor of 2.6 (cf. Lamers et al. 1995). To
account for the metallicity dependence and to facilitate a comparison with theo-
retical predictions, we accordingly rescaled this v∞ using Eq. 7.3 with Z = 0.5 Z¯
and n = 0.13 (cf. Leitherer et al. 1992). In Tab. 7.4 the rescaled values are given
between brackets. As v∞ also influences the density in the line forming region of
wind sensitive lines (because of the requirement of mass continuity), also a rescal-
ing of Ṁ was required. For this we used the invariant wind-strength parameter
Q (de Koter et al. 1997)

Q =
Ṁ

R3/2
? v∞

. (7.5)

The combined effect of these re-scalings is a reduction of the modified-wind mo-
mentum by 0.08 dex.

The distribution of the modified-wind momenta as a function of stellar lu-
minosity for the LMC stars is shown in Fig. 7.2 using the same symbols as in
Fig. 7.1. In the top part of the figure we (again) only consider objects that have
been analysed by Mokiem et al. (2006b) using an automated fitting method. The
solid and dotted lines give the mean relations for uncorrected and clumping cor-
rected rates. The correction applied was the same as for the Galactic stars. We
note however that the metallicity dependence of this correction is unknown.

For the total sample, shown in the bottom part of the Fig. 7.2, the scatter is
slightly larger. In particular the bright supergiants Sk −67 22 at log L?/L¯ ≈ 5.7
seems to stand out. Probably its discrepant position can be explained by the fact
that Massey et al. (2005) could only determine a lower limit for its effective tem-
perature, hence it could be intrinsically brighter. Despite the increased scatter
the obtained WLRs are in good agreement with the relations determined from
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Figure 7.2: Modified wind momentum – luminosity distribution for LMC stars. Symbols
have the same meaning as in Fig. 7.1. Top: stars analysed by Mokiem et al. (2006b) using
an automated fitting method. Dotted and dashed lines are empirical WLRs fitted to un-
corrected and clumping corrected Dmom values, respectively. Bottom: total LMC sample.
Fitted empirical WLRs are shown as a solid and dashed line for uncorrected and clumping
corrected wind momentum rates. The fit coefficients for the different WLR relations are
given in Tab. 7.2. Upper limits were not considered in determining any of the best fits.
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the homogeneously analysed sample. This can be seen from the fit coefficients
given in Tab. 7.2. For a confrontation of the empirical behaviour of the WLR with
predictions we refer to Sect. 7.7.

7.6.3 SMC

In Tab. 7.5 atmospheric parameters are given for the SMC sample that was com-
piled from the studies of Crowther et al. (2002b), Hillier et al. (2003), Bouret et al.
(2003), Trundle et al. (2004), Massey et al. (2004), Evans et al. (2004a), Trundle &
Lennon (2005), Massey et al. (2005) and Mokiem et al. (2006a). For objects that
were fitted in multiple studies we adopted result of one of these investigations
following the same rules as applied for the LMC stars. Wind velocities given
between brackets correspond to values that were calculated from the escape ve-
locity at the stellar surface. These velocities and the associated mass loss rates
were scaled in a similar manner as was done for the LMC. Adopting Z = 0.2 Z¯,
the Dmom values were scaled down by 0.18 dex.

Figure 7.3 shows the distribution of the SMC stars in the Dmom vs. L? diagram.
The symbols used are the same as in Fig. 7.1. In the top part of the figure only
the objects that have been analysed using an automated fitting method by Mok-
iem et al. (2006a) are shown. For log L?/L¯ . 5.3 the majority of the mass loss
determinations are upper limits. The empirical WLRs are shown using a solid
and dotted line for uncorrected and clumping corrected wind momenta. Note
the position of the dwarf NGC346-033 at log L?/L¯ ≈ 5.0. We did not include this
object in the fits as its high wind momentum is the result of an anomalously high
wind velocity resulting from the scaling with vesc (also see Mokiem et al. 2006a).

The bottom part of Fig. 7.3 shows the wind momentum distribution for the
total SMC sample. For this large sample the low luminosity part of the diagram
still remains scarcely populated. Also note the upper limits determined using
CMFGEN for log L?/L¯ < 5.2. This could point to a steeper WLR relation for UV
based mass loss estimates compared to those obtained from Hα, as was found for
the galactic case. However, this is not a firm statement as by far the bulk of the
SMC targets in this luminosity range only show upper limits.

The empirical WLRs for the total sample are shown in the bottom part Fig. 7.3
as a black solid for uncorrected wind momenta and as a dotted line for clump-
ing corrected values. We find that these relations are strongly influenced by the
objects with log L?/L¯ < 5.3. This is shown by the grey solid and dashed lines,
which correspond to the respective WLRs calculated ignoring these objects. As
the low luminosity part of the SMC diagram is rather uncertain, we opted to use
this latter set of relations. Note that this choice will not influence our determina-
tion of the metallicity dependence of Ṁ, as this will be based on the stars brighter
than L?/L¯= 5.3. In this range the fit uncertainties are small (see Sect. 7.7).
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Figure 7.3: Modified wind momentum – luminosity distribution for SMC stars. The sym-
bols have the same meaning as in Fig. 7.1. To construct the uncorrected and clumping cor-
rected empirical WLR (solid and dashed line) the dwarf NGC346 033 at log L?/L¯ ≈ 5.0
was not taken into account as the scaling of the escape velocity resulted in an anoma-
lously high wind velocity. In Tab. 7.2 the fit coefficients for the individual relations are
listed. Top: stars analysed by Mokiem et al. (2006a) an automated fitting method. Bot-
tom: total SMC sample. It turns out that the WLR is strongly influenced by the objects
with log L?/L¯ < 5.3. This is shown by the grey lines, which correspond to the empirical
WLRs calculated ignoring these objects. For establishing the empirical Ṁ(Z) as well as
for the comparison with theory we will use the latter set of WLRs. Upper limits were not
considered in determining any of the best fits.
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7.7 MASS LOSS VERSUS METALLICITY

Now that we have established the observed modified-wind momentum luminos-
ity relation for the three galaxies, we can in principle determine the Ṁ(Z) relation.
Before we do so we first inter compare the results for these three environments,
and confront them with predictions.

7.7.1 GLOBAL COMPARISON

In Fig. 7.4 the empirical modified-wind momentum relations determined for the
total observed samples (solid lines) are shown alongside with the predicted rela-
tions of Vink et al. (2000, 2001) (dotted lines). The top, middle and bottom lines of
each line style, respectively, correspond to the Galactic, LMC and SMC observed
and predicted relations. To facilitate a meaningful comparison one sigma confi-
dence intervals for the observed WLRs are shown as grey areas. First focusing
on the top part, showing the relations without a clumping correction, we see that
the observed relations are clearly separated from each other beyond the fitting
uncertainties. We interpret this as quantitative evidence for a successive decrease of the
mass-loss rates of massive stars in the Galactic, LMC, and SMC environment.

For all of the investigated luminosity range the relative separations of the ob-
served WLRs agree well with the separations predicted by Vink et al. (2001),
though the observed WLRs do show a systematic offset compared to the theo-
retical results. Focusing for a moment on the relative separations only: measured
at log L?/L¯ = 5.75, which coincides with region where the fit uncertainties are
the smallest, these offsets for the empirical and theoretical relations relative to the
Galaxy are 0.28 and 0.25 for the LMC and 0.62 and 0.57 for the SMC.

The systematic offset between observations and theory is approximately
0.2 dex. When the clumping corrected empirical relations are considered this rel-
ative offset almost disappears. This is shown in the bottom part of Fig. 7.4, where
we show the wind momentum relations obtained from the total observed sam-
ples accounting for this correction. Note that, strictly speaking, this agreement
pertains only to stars not showing Hα in emission, as the clumping corrections is
designed such as to scale the ones that do show Hα emission to those that do not
(see Sect. 7.6.1). The slopes of the observed relations, however, are slightly flatter,
as the clumping correction preferentially affects the high luminosity objects.

7.7.2 THE OBSERVED Ṁ(Z) RELATION

To calculate the mass loss metallicity dependence we use the relative separation
between the empirical modified-wind momentum relations at log L?/L¯ = 5.75,
for which the fit uncertainty in all three relations is at its minimum. Note that the
differential slopes also allow for a luminosity dependent Z-dependence, how-
ever, based on the uncertainties we doubt whether this would be meaningful.
Moreover, for the SMC it was shown that this slope is very sensitive to the rather
uncertain low luminosity domain. In Tab. 7.2 the power law indices for the ob-
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Figure 7.4: Comparison of the observed wind momentum – luminosity relations (solid
lines) with the predicted relations of Vink et al. (2000, 2001) (dotted lines). Top, middle
and bottom lines of each line style, respectively, correspond to Galactic, LMC and SMC
observed and predicted WLRs. Top and bottom plots show, respectively, empirical WLRs
including uncorrected and clumping corrected wind momentum rates. One sigma confi-
dence intervals for the empirical relations are shown as grey areas.
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served Ṁ(Z) dependence for the LMC and SMC relative to the Galaxy are listed.
These were calculated using Eq. 7.4 assuming n = 0.13. The indices determined
from the homogeneously analysed sample are in good agreement with those de-
termined for the total sample. For the LMC relatively larger differences are found
compared to the SMC, which is a result of the smaller metallicity difference of this
system relative to our galaxy. This also explains the larger error bars.

To determine the global metallicity dependence we average the power law in-
dices recovered from the total LMC and SMC samples. Assuming smooth winds
this results in

Ṁ ∝ Z0.78±0.17 . (7.6)

For the adopted generic clumping correction the metallicity dependence is

Ṁ ∝ Z0.62±0.15 . (7.7)

These relations are very much consistent with the theoretical prediction mpred =

0.69 ± 0.10 (Vink et al. 2001).
Three remarks need to be made. First, we can only state for certain that this

Ṁ(Z) relation holds for stars more luminous than ∼105.2 L¯. The reasons for it
are the lack of firm Ṁ determinations for stars less luminous than this number
and the inconsistency between the Hα and UV wind lines mass loss diagnostics
(see below). Second, the absolute agreement in wind momentum only holds if the
winds of the O dwarfs are not clumped. If they are, the predictions (which do not
account for clumping) will overestimate the mass loss, therefore Dmom. Third, if
O dwarf winds are clumped, but the clumping does not depend on metal content
or mass-loss (i.e. f 6= f (Z, Ṁ(Z))) then the derived m will not be affected, and,
therefore, the agreement in the observed and predicted mass loss – metallicity
scaling will remain preserved. To rephrase this last point: irrespective of what the
actual Ṁ values are, if clumping does not depend on wind-density and strength,
then the derived scaling is correct and independent of the clumping.

7.8 DISCUSSION

7.8.1 THE WEAK WIND PROBLEM

As mentioned, for stars with relatively weak winds the ultraviolet resonance lines
based mass loss rates are in strong disagreement with both Hα based rates and
theoretical predictions. Going from high to low luminosity, figures 7.1 and 7.3
show that this discrepancy appears at L? ≈ 105.25 L¯. The dwarf star sample re-
cently analysed by Martins et al. (2005b) using CMFGEN suggests a steepening
of the wind momentum luminosity relation, implying an over prediction of the
wind strength relative to current theory by a factor 100 at L ∼ 104.75L¯. Note that
given the still limited number of stars investigated at relatively low luminosity
alternative descriptions (compared to a steeper slope) of the WLR might also be
appropriate. For instance, the WLR may retain the same slope but jumps to a two
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order of magnitudes lower value of Dmom at L . 105.25 L¯ compared to the pre-
dictions. In the SMC the discrepancy could be even worse as UV analyses only
yield upper limits. Note that also the Hα analyses of SMC objects at L . 105.25 L¯
yield almost exclusively result in upper limits. So, in principle, these need not be
contradictory to the UV based Ṁ.

What could be the reason for this “weak wind problem”? There are three
directions in which one might look for causes: first, errors in the Hα and/or UV
analysis; second, missing physics or invalid assumptions in the wind predictions,
or, third, the nature of the stars showing the weak wind problem is different from
that of normal OB stars (that do appear to follow theory).

Two important advantages of the Hα method are that the ionisation and abun-
dance of hydrogen are thought to be reliably predicted by model atmospheres.
One cannot make this statement with similar confidence for the elements respon-
sible for the UV resonance lines. For the weak wind stars, the prime Ṁ diagnostic
– C IV as mentioned – is only a trace ion, i.e. it does not represent the dominant
ionisation stage. Because of the low wind density and the trace nature of the ion-
isation it is susceptible to X-ray emission, thought to originate from shocks that
may develop in the wind outflow. Martins et al. (2005b) present test calculations
estimating that X-rays may decrease the carbon ionisation by an order of mag-
nitude, requiring an increase of the mass loss by the same amount to preserve
the line fit. With typical uncertainties in the carbon abundance of a factor of two,
this shows that the UV method is much more prone to errors than Hα. This is
not to say that Hα does not suffer from uncertainties. Continuum rectification is-
sues and potential nebular emission limit the applicability of the Hα diagnostic to
stars with Ṁ & 10−7 M¯yr−1. To reach this limit requires high signal-to-noise data
of stars with no appreciable nebular emission, such as is the case for three of the
five Galactic stars at L . 105.15 L¯ – i.e. in the (UV identified) weak wind regime.
These galactic stars are ζ Oph, Cyg OB#2, HD 217086. For two other stars at these
low luminosities, τ Sco and 10 Lac, we also established the mass loss, however,
the error bars on these determinations are large. For the three stars mentioned the
Hα derived rates do appear to be more or less consistent with predictions. So, this possi-
ble cause of the weak wind problem certainly needs a better investigation. Note
that some of the C IV analyses account for (canonical) X-ray emission suggesting
that the problem may not be fully explainable by uncertainties in the UV method.

The weak wind problem may also reflect missing physics in the mass loss pre-
dictions. One such possibility is the neglect of diffuse, scattered radiation in the
Sobolev approach that is used to compute the line force (Owocki & Puls 1999). If
accounted for, scattering near the sonic point (where the line force is strong) may
lead to an inward directed diffuse line force counteracting the outward directed
force by direct stellar light. It is anticipated that stars of relatively high luminosity
and/or low gravity are not so much affected by this diffuse term as in these cases
line thermalisation may suppress the above effect. One may also envision that
the neglect of X-rays in the Ṁ predictions has an impact. Drew et al. (1994) point
out that X-rays emitted in the outer parts of weak wind stars may effectively heat
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the local medium (due to long cooling times). This yields a strongly modified
ionisation structure compared to the inner wind, and a strong reduction in the
line force (as higher iron atoms have fewer lines near the stellar flux maximum).
If indeed this effect occurs, one anticipates relatively low terminal flow veloci-
ties because of the lack of acceleration in the outer wind. Interestingly, a trend of
lower v∞ in lower density winds is found by Martins et al. (2005b). A third possi-
bility may be the neglect of ion-decoupling in the results of Vink et al. (2001). At
very low densities the driving ions in the outflow will no longer be able to share
their momentum with the passive hydrogen and helium gas through Coulomb
interactions. If so, the bulk of the gas is no longer dragged out – and, in extreme
conditions, may even fall back. Owocki & Puls (2002) have derived a criterion
for this decoupling to occur. It is found that even for the weak winds discussed
here the effect should not be relevant. This result is corroborated by Krtička et al.
(2003) and Krtička (2006) for the SMC case.

The final direction in which to search for causes of the weak wind problem is
that the stars showing weak winds are in some way intrinsically different from
“normal” OB stars. What comes to mind is that the weak wind stars might be
very young, i.e. near the zero age main sequence. It is indeed so, that a sizable
fraction of the weak wind objects is found in young star forming regions, includ-
ing the High Excitation Blob N81 and the young cluster NGC 346, both in the
SMC, and LH10 in the LMC. For Galactic objects it is more difficult to establish
the age, as these stars can not easily be identified with a star forming region and
the error bars defining their position in the Hertzsprung-Russell diagram do not
allow to really pinpoint how old they are. Though we can not fully exclude a
young nature of the weak wind objects, it does not seem a likely explanation.
As the dynamical timescale of these winds is of the order of days, evolutionary
changes in stellar (and surface) parameters should have an immediate effect on
the wind properties. In other words, one may expect that they already have fully
developed winds in, say, the Ultra Compact H II phase of evolution – where their
stellar parameters (in particular their luminosities) are essentially what they will
be on arrival on the main sequence.

We conclude that the origin of the weak wind problem is not yet identified.
We stress that because of the poor overlap between the Hα and UV diagnostics,
it is at present difficult to exclude the possibility that the (major) cause is sim-
ply connected with uncertainties in the wind structure predicted by the model
atmospheres that are needed to derive the observed Ṁ– notably the ionisation of
species responsible for the UV resonance lines.

7.8.2 SMALL SCALE CLUMPING

So far, we have not discussed the physical reality of the “clumping” correction
applied in Sect. 7.6 to bring the WLR relation of the supergiants with Hα emis-
sion line profiles in accord with those of dwarfs. Is wind clumping observed in O
stars? And, is clumping more important in the winds of supergiants? Clumping
was first studied in detail by Hillier (1991) to explain the incoherent scattering
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wings of He II lines of Wolf-Rayet stars. Though these stars are known to have
very dense winds, their He II scattering wings are weak features. Consequently,
for the much weaker O stars winds this diagnostics can not be applied. Still, ob-
servational evidence that O stars may also have clumped outflow was provided
by Eversberg et al. (1998) from time series spectroscopy of He II λ4686 in ζ Pup,
and by Crowther et al. (2002b); Hillier et al. (2003); Bouret et al. (2003); Martins
et al. (2004, 2005b); Bouret et al. (2005) from analysis of UV (resonance) lines.

The fitting of the ultraviolet lines, notably P v λλ1118,1128, O V λ1371, and
N IV λ1718, is found to be improved if a distance dependent clumping is intro-
duced – with clumps starting to form above the sonic point and reaching maxi-
mum clumping in the outer wind, where the flow velocity approaches v∞– and
a void interclump medium is assumed. In the above listed studies a total of 25
stars have been analysed. Clumped winds are found in about half of this sam-
ple, in both dwarfs and supergiants, but only in those brighter than 105.15L¯. The
maximum clumping factors are in the range 10 – 100. Why some stars do show
clumping, while others do not is not yet clear. In this respect it may be interesting
to note that the average projected rotational velocity of the Galactic subsample
is about twice as large in the case of clumped winds, relative to the stars that
have homogeneous winds. So, perhaps rotation plays a role in this. The fact that
clumping is not found in stars dimmer than 105.15L¯ is likely connected with the
weakness of the UV profiles (due to low mass loss). In that case, the lines are
formed relatively close to the star where clumping may not yet have fully devel-
oped.

Surprisingly, these UV clumping studies do not point to a systematic differ-
ence in clumping between supergiants and dwarfs, though it needs to be said
that out of these 25 investigated stars only two are of luminosity class I (both
show clumping). As pointed out above, this seems implied from a comparison
of WLR relations for dwarfs and supergiants by Repolust et al. (2004). In any
case, the important conclusion is that clumping is found in about half of the stars
brighter than ∼ 105.15L¯ and that for these stars the mass-loss rates as discussed
in this paper may be overestimated by factors

√

f ∼ 3 to 10.

7.8.3 CONCLUDING REMARKS

The most striking results are that, first, the observed Ṁ(Z) relation is in good
agreement with theoretical predictions for luminosities larger than ∼105.2 L¯.
Second, for lower luminosities UV based Ṁ determinations seem to indicate a
break with theory, leading to discrepancies of up to a factor 102 for the lowest
luminosity stars with a measurable mass loss. Mass loss determinations based
on Hα in contrast are found to follow the predictions down to log L?/L¯ ≈ 5.0
where this diagnostic looses its sensitivity.

To further probe the cause of the possible break down at low luminosity, it
is necessary to study in detail those stars for which both the Hα and UV line
indicators of mass loss can be applied – though unfortunately there is only a
very limited mass-loss regime for which this is possible. Still, this is important as
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it may help eliminate one potential cause, i.e. that of errors in the spectroscopic
analysis. To this end the use of Brα as a mass loss diagnostic (Lenorzer et al. 2004;
Repolust et al. 2005) may also prove to be fruitful as it will broaden the overlap
between hydrogen and UV line analysis. Regarding clumping, the P V resonance
line seems a powerful diagnostics (Massa et al. 2003; Fullerton et al. 2006). Also,
it may be fruitful to focus on the question whether or not all O-type stars suffer
from clumping. Concerning the effect of clumping on the mass loss vs. metallicity
relation, the following important remark can be made: regardless what the actual
Ṁ values are, if clumping is universal in O-type stars, and if it does not depend on wind
properties such as strength or wind-density, then the derived scaling (i.e. the power law
index m) remains correct.

Finally, let us briefly contemplate some implications of O-type star mass-loss
rates that are lower by factors of 3 to 100 than so far assumed. These implica-
tions branch out into at least two directions: wind hydrodynamics and stellar
evolution. For our understanding of the intrinsic instabilities associated with
the wind driving mechanism (Owocki 1994) the requirement of clumping fac-
tors f ∼ 10 − 100 in the Hα line forming regions of dwarf O-type stars implies
that these density inhomogeneities must have well developed already in the sub-
sonic part of the flow. As an example, the O5 V star N11-051 in the LMC has an
Hα line forming regions that extends to a velocity of 13 km s−1 or about 0.6 times
the sonic velocity. For other O-type dwarfs similar results are found. This is not
anticipated by theory, which predicts that the onset of line-driven instabilities is
only at about the sonic velocity. Implications for the wind driving mechanism
may also be severe, though it should be noted that clumping has not yet been
incorporated in mass-loss rate predictions.

Clumping will also impact our understanding of the evolution of massive
stars. Weaker stellar winds will cause less loss of angular momentum. Conse-
quently the stars will not spin down as rapidly as currently thought. It may even
be expected that most Galactic massive stars retain their initial rotational velocity
properties during the entire main sequence (Meynet & Maeder 2000; Maeder &
Meynet 2001). In this respect it seems surprising that only very few Oe stars are
found (N. Langer, private communication). For the very brightest stars – corre-
sponding to initial masses of 60 M¯ or more – the integrated main-sequence mass
loss will drop dramatically. With the current rates they are expected to loose 20
to 40 percent of their mass in the H-burning phase. This may drop by a factor of
three, requiring these objects to loose ten to tens of solar masses by other means in
order to evolve towards hot Wolf-Rayet stars. This must lead to an increase of the
duration of the Luminous Blue Variable phase by a factor of two, assuming that
the (unknown) mechanism thought to be responsible for the eruptive mass loss
in this phase is unaffected by clumping issues (see e.g. Humphreys & Davidson
1994).
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7.9 PARAMETERS ANALYSED SAMPLES

Table 7.3: Wind parameters of Galactic O- and early B-type stars.

Star ST Teff R? log L? Ṁ v∞ log Dmom Ref.
[kK] [R¯] [L¯] [M¯yr−1] [km s−1] [g cm s−2 R¯]

Cyg OB2 #7 O3 If∗ 45.8 14.2 5.91 9.98 · 10−6 3080 29.867 2
Cyg OB2 #11 O5 If+ 36.5 21.9 5.89 7.36 · 10−6 2300 29.700 2
Cyg OB2 #8C O5 If 41.8 13.1 5.69 3.37 · 10−6 2650 29.313 2
Cyg OB2 #8A O5.5 I(f) 38.2 25.5 6.10 1.04 · 10−5 2650 29.943 2
Cyg OB2 #4 O7 III((f)) 34.9 13.8 5.40 8.39 · 10−7 2550 28.698 2
Cyg OB2 #10 O9.5 I 29.7 30.1 5.79 2.63 · 10−6 1650 29.175 2
Cyg OB2 #2 B1 I 28.7 11.1 4.88 1.63 · 10−7 1250 27.635 2
10 Lac O9 V 36.0 8.4 5.01 6.06 · 10−8 1140 27.098 2
ζ Oph O9 V 32.1 8.9 4.88 1.43 · 10−7 1550 27.621 2
τ Sco B0.2 V 31.9 5.0 4.39 6.14 · 10−8 2000 27.245 2
HD 115842 B0.5Ia 25.5 34.2 5.65 2.00 · 10−6 1180 28.940 4
HD 122879 B0Ia 28.0 24.4 5.52 3.00 · 10−6 1620 29.180 4
HD 14947 O5 If+ 37.5 16.8 5.70 8.52 · 10−6 2350 29.710 1
HD 152234 B0.5Ia(Nwk) 26.0 42.4 5.87 2.70 · 10−6 1450 29.210 4
HD 15558 O5 III(f) 41.0 18.2 5.93 5.58 · 10−6 2800 29.620 1
HD 15629 O5 V((f)) 42.0 12.4 5.64 9.28 · 10−7 3200 28.822 2
HD 15629 O5 V((f)) 41.0 12.0 5.56 3.16 · 10−7 2800 28.290 3
HD 18409 O9.7 Ib 30.0 16.3 5.29 1.02 · 10−6 1750 28.660 1
HD 190864 O6.5 III(f) 37.0 12.3 5.41 1.39 · 10−6 2500 28.890 1
HD 192639 O7 Ib(f) 35.0 18.7 5.68 6.32 · 10−6 2150 29.570 1
HD 193514 O7 Ib(f) 34.5 19.3 5.68 3.48 · 10−6 2200 29.330 1
HD 193682 O5 III(f) 40.0 13.1 5.60 1.73 · 10−6 2800 29.040 1
HD 203064 O7.5 III:n((f)) 34.5 15.7 5.50 1.41 · 10−6 2550 28.950 1
HD 207198 O9 Ib 33.0 16.6 5.47 1.79 · 10−6 2150 28.990 1
HD 209975 O9.5 Ib 32.0 22.9 5.69 2.15 · 10−6 2050 29.120 1
HD 210809 O9 Iab 31.5 21.2 5.60 5.30 · 10−6 2100 29.510 1
HD 210839 O6 I(n)fp 36.0 21.1 5.83 6.85 · 10−6 2250 29.650 1
HD 217086 O7 Vn 38.1 8.4 5.11 2.13 · 10−7 2550 27.995 2
HD 24912 O7.5 III(n)((f)) 35.0 14.0 5.42 1.08 · 10−6 2450 28.800 1
HD 303308 O4 V((f+)) 41.0 11.5 5.53 1.63 · 10−6 3100 29.030 1
HD 30614 O9.5 Ia 29.0 32.5 5.83 6.04 · 10−6 1550 29.530 1
HD 34078 O9.5 V 33.0 7.5 4.77 3.00 · 10−10 800 24.640 3
HD 37128 B0Ia 27.0 24.0 5.44 2.25 · 10−6 1910 29.120 4
HD 38666 O9.5 V 33.0 6.6 4.66 3.00 · 10−10 1200 24.790 3
HD 38771 B0.5Ia 26.5 22.2 5.35 9.00 · 10−7 1525 28.610 4
HD 42088 O6.5 Vz 38.0 9.6 5.23 1.00 · 10−8 1900 26.570 3
HD 46202 O9 V 33.0 8.4 4.87 1.30 · 10−9 1200 25.440 3
HD 46223 O4 V((f+)) 41.5 11.9 5.57 3.16 · 10−7 2800 28.280 3
HD 66811 O4 I(f) 39.0 19.4 5.90 8.80 · 10−6 2250 29.740 1
HD 91943 B0.7Ia 24.5 26.3 5.35 7.50 · 10−7 1470 28.550 4
HD 91969 B0Ia 27.5 25.3 5.52 1.00 · 10−6 1470 28.670 4
HD 93028 O9 V 34.0 9.7 5.05 1.00 · 10−9 1300 25.410 3
HD 93128 O3 V((f)) 46.5 10.4 5.66 2.64 · 10−6 3100 29.220 1
HD 93129A O2 If* 42.5 22.5 6.17 2.63 · 10−5 3200 30.400 1
HD 93146 O6.5 V((f)) 37.0 10.0 5.22 5.62 · 10−8 2800 27.500 3
HD 93204 O5 V((f)) 40.0 11.9 5.51 1.78 · 10−7 2900 28.050 3
HD 93250 O3.5 V((f+)) 46.0 15.9 6.01 3.45 · 10−6 3250 29.450 1
HD 93250 O3.5 V((f+)) 44.0 19.9 6.12 5.62 · 10−7 3000 28.680 3
HD 94909 B0Ia 27.0 25.5 5.49 2.00 · 10−6 1050 28.620 4

References: (1) Repolust et al. (2004); (2) Mokiem et al. (2005); (3) Martins et al. (2005b); (4) Crowther et al. (2006)
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Table 7.4: Wind parameters of O- and early B-type stars in the LMC. Wind velocities given
between brackets are calculated from the escape velocity at the stellar surface. Identifica-
tions: “BI” from Brunet et al. (1975), “LH” from Lucke (1972), except LH 51-496, which is
identified by Garmany et al. (1994), “N11” from Evans et al. (2006), “R136” from Hunter
et al. (1997) and Massey & Hunter (1998) and “Sk” from Sanduleak (1970).

Star ST Teff R? log L? Ṁ v∞ log Dmom Ref.
[kK] [R¯] [L¯] [M¯yr−1] [km s−1] [g cm s−2 R¯]

BI 237 O2 V((f*)) 53.2 9.7 5.83 7.81 · 10−7 3400 28.717 1
BI 253 O2 V((f*)) 53.8 10.7 5.93 1.92 · 10−6 3180 29.100 1
HD 2670952 O6 Iaf+ 33.5 25.0 5.86 1.10 · 10−5 1520 29.720 4
HD 269050 B0 Ia 24.5 42.2 5.76 3.20 · 10−6 1400 29.260 5
HD 269896 ON9.7 Ia+ 27.5 42.3 5.97 7.50 · 10−6 1350 29.620 5
Lh101:W3-24 O3 V((f)) 48.0 8.1 5.50 5.00 · 10−7 2400 28.330 3
LH58-496 O5 V(f) 42.0 10.5 5.49 6.00 · 10−7 2400 28.470 2
LH64-16 ON2 III(f*) 54.5 9.4 5.85 4.00 · 10−6 3250 29.400 2
LH81:W28-23 O3.5 V((f+)) 47.5 10.0 5.66 2.50 · 10−6 3050 29.180 2
LH81:W28-5 O4 V((f+)) 46.0 9.6 5.57 1.20 · 10−6 2700 28.800 3
LH90:ST2-22 O3.5 III(f+) 44.0 18.9 6.08 4.50 · 10−6 2560 29.500 2
N11-004 OC9.7 Ib 31.6 26.5 5.80 1.62 · 10−6 [2182] 29.061 1
N11-008 B0.7 Ia 26.0 29.6 5.55 4.53 · 10−7 [1480] 28.362 1
N11-026 O2 III(f*) 53.3 10.7 5.92 1.66 · 10−6 [2848] 28.989 1
N11-029 O9.7 Ib 29.4 15.7 5.21 1.58 · 10−7 [1440] 27.754 1
N11-031 ON2 III(f*) 45.0 13.7 5.84 3.88 · 10−6 3200 29.462 1
N11-032 O7 II(f) 35.2 14.0 5.43 7.37 · 10−7 [1752] 28.483 1
N11-033 B0 IIIn 27.2 15.6 5.07 2.23 · 10−7 [1404] 27.891 1
N11-038 O5 II(f+) 41.0 14.0 5.69 1.38 · 10−6 [2377] 28.890 1
N11-042 B0 III 30.2 11.8 5.01 1.73 · 10−7 [2108] 27.896 1
N11-045 O9 III 32.3 12.0 5.15 5.01 · 10−7 [1415] 28.191 1
N11-051 O5 Vn((f)) 42.4 8.4 5.31 9.27 · 10−7 [1927] 28.515 1
N11-058 O5.5 V((f)) 41.3 8.4 5.27 1.39 · 10−7 [2259] 27.758 1
N11-060 O3 V((f*)) 45.7 9.7 5.57 4.77 · 10−7 [2502] 28.371 1
N11-061 O9 V 33.6 11.7 5.20 1.96 · 10−7 [1734] 27.865 1
N11-066 O7 V((f)) 39.3 7.7 5.10 3.73 · 10−7 [2116] 28.140 1
N11-068 O7 V((f)) 39.9 7.1 5.06 3.13 · 10−7 [2769] 28.164 1
R136-014 O3.5 If* 38.0 21.1 5.90 2.30 · 10−5 2000 30.120 2
R136-018 O3 III 45.0 14.7 5.90 2.00 · 10−6 3200 29.190 2
R136-033 O3 V 47.0 9.8 5.62 2.00 · 10−6 3250 29.110 2
R136-055 O3 V 47.5 9.4 5.62 9.00 · 10−7 3250 28.750 3
Sk −65 47 O4 If 40.0 20.1 5.97 1.20 · 10−5 2100 29.850 2
Sk −66 169 O9.7 Ia+ 26.0 40.0 5.82 6.00 · 10−6 1000 29.380 4
Sk −67 22 O2 If* 42.0 13.2 5.69 1.50 · 10−5 2650 29.960 2
Sk −66 100 O6 II(f) 39.0 13.6 5.58 8.81 · 10−7 2075 28.629 1
Sk −66 18 O6 V((f)) 40.2 12.2 5.55 1.07 · 10−6 2200 28.714 1
Sk −67 166 O4 Iaf+ 40.3 21.3 6.03 9.28 · 10−6 1750 29.675 1
Sk −70 69 O5 V 43.2 9.0 5.41 1.03 · 10−6 2750 28.728 1

References: (1) Mokiem et al. (2006b), (2) Massey et al. (2005), (3) Massey et al. (2004), (4) Crowther et al. (2002b),
(5) Evans et al. (2004a)
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Table 7.5: Wind parameters of O- and early B-type stars in the SMC. Wind velocities given
between brackets are calculated from the escape velocity at the stellar surface. Identifica-
tions: “AzV” from Azzopardi & Vigneau (1975, 1982), “MPG” from Massey et al. (1989)
and “NGC330” and “NGC346” from Evans et al. (2006).

Star ST Teff R? log L? Ṁ v∞ log Dmom Ref.
[kK] [R¯] [L¯] [M¯yr−1] [km s−1] [g cm s−2 R¯]

NGC346-001 O7 Iaf+ 34.1 29.3 6.02 6.04 · 10−6 1330 29.438 1
NGC346-007 O4 V((f)) 41.5 11.1 5.52 2.70 · 10−7 2300 28.120 3
NGC346-010 O7 IIIn((f)) 35.9 10.2 5.20 4.88 · 10−7 [1486] 28.166 1
NGC346-012 B1 Ib 26.3 12.1 4.80 1.01 · 10−8 [1272] 26.450 1
NGC346-033 O8 V 39.9 6.6 4.99 6.02 · 10−7 [3328] 28.510 1
NGC330-013 O8.5 III((f)) 34.5 14.1 5.40 2.96 · 10−7 1600 28.049 1
AzV 15 O7 II 39.4 18.3 5.82 1.12 · 10−6 2125 28.791 1
AzV 26 O7 III 40.1 25.2 6.17 1.71 · 10−6 2150 29.066 1
AzV 69 OC7.5 III((f)) 33.9 18.6 5.61 9.20 · 10−7 1800 28.650 5
AzV 70 O9.5 Ibw 28.5 28.4 5.68 1.50 · 10−6 1450 28.860 2
AzV 75 O5.5 I(f) 40.0 25.4 6.17 3.50 · 10−6 2100 29.370 4
AzV 83 O7 Iaf+ 32.8 18.3 5.54 2.00 · 10−6 940 28.270 5
AzV 95 O7 III 38.2 13.8 5.56 3.56 · 10−7 1700 28.151 1
AzV 104 B0.5 Ia 27.5 20.0 5.31 3.24 · 10−7 [1087] 27.998 6
AzV 215 BN0 Ia 27.0 30.0 5.63 1.35 · 10−6 1400 28.810 6
AzV 235 B0 Iaw 24.5 36.2 5.63 5.80 · 10−6 1400 29.490 2
AzV 242 B1 Ia 25.0 36.6 5.67 8.40 · 10−7 950 28.480 7
AzV 243 O6 V 42.6 12.8 5.68 2.64 · 10−7 2125 28.102 1
AzV 296 O7.5 V((f)) 35.0 11.9 5.28 5.00 · 10−7 2000 28.340 4
AzV 372 O9 Iabw 31.0 28.7 5.83 2.04 · 10−6 1550 29.028 1
AzV 388 O4 V 43.3 10.6 5.55 3.34 · 10−7 1935 28.122 1
AzV 420 B0.5 Ia 27.0 21.7 5.35 2.76 · 10−7 [1063] 27.928 7
AzV 435 O3 V((f*)) 45.0 14.2 5.87 5.00 · 10−7 1500 28.250 8
AzV 456 O9.5 Ibw 29.5 30.6 5.81 7.00 · 10−7 1450 28.550 2
AzV 469 O8.5 II((f)) 34.0 20.6 5.70 1.10 · 10−6 1550 28.688 1
AzV 488 B0.5 Iaw 27.5 32.6 5.74 1.20 · 10−6 1250 28.730 2
MPG 355 O2 III(f*) 52.5 12.7 6.04 2.50 · 10−6 2800 29.200 3
MPG 368 O4-5 V((f)) 40.0 10.6 5.41 1.50 · 10−7 2100 27.810 3

References: (1) Mokiem et al. (2006a), (2) Evans et al. (2004a), (3) Bouret et al. (2003), (4) Massey et al. (2004),
(5) Hillier et al. (2003), (6) Trundle et al. (2004), (7) Trundle & Lennon (2005), (8) Massey et al. (2005)
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Krtička, J., Owocki, S. P., Kubát, J., Galloway, R. K., & Brown, J. C. 2003, On
multicomponent effects in stellar winds of stars at extremely low metallicity. A&A,
402, 713

Kudritzki, R. & Puls, J. 2000, Winds from Hot Stars. Annual Reviews, 38, 613
Kudritzki, R. P. 1979, Non-LTE effects and abundances in atmospheres of hot stars -

Introductory report. in The Elements and their Isotopes in the Universe, 295–318
Kudritzki, R.-P. 1980, Non-LTE analysis of the O 3-star HD 93250. A&A, 85, 174
Kudritzki, R. P. 1992, The formation of weak metal lines in the atmosphere of O-stars -

The role of microturbulence and transonic matter outflow. A&A, 266, 395
Kudritzki, R. P. 2002, Line-driven Winds, Ionizing Fluxes, and Ultraviolet Spectra of

Hot Stars at Extremely Low Metallicity. I. Very Massive O Stars. ApJ, 577, 389

253



BIBLIOGRAPHY

Kudritzki, R.-P., Lennon, D. J., & Puls, J. 1995, Quantitative Spectroscopy of Lumi-
nous Blue Stars in Distant Galaxies. in Science with the VLT, 246–255

Kudritzki, R. P., Pauldrach, A., & Puls, J. 1987, Radiation driven winds of hot lumi-
nous stars. II - Wind models for O-stars in the Magellanic Clouds. A&A, 173, 293

Kudritzki, R. P., Puls, J., Lennon, D. J., et al. 1999, The wind momentum-luminosity
relationship of galactic A- and B-supergiants. A&A, 350, 970

Kudritzki, R. P. & Simon, K. P. 1978, Non-LTE analysis of subluminous O-stars the
hydrogen-deficient subdwarf O-binary HD 49798. A&A, 70, 653

Kudritzki, R. P., Simon, K. P., & Hamann, W.-R. 1983, Non-LTE analysis of massive
O-stars. II - The O4 star Zeta Puppis. A&A, 118, 245

Lamers, H. J. G. L. M. & Achmad, L. 1994, The relation between microturbulence and
mass loss from supergiants. A&A, 291, 856

Lamers, H. J. G. L. M. & Cassinelli, J. P. 1999, Introduction to Stellar Winds (Intro-
duction to Stellar Winds, by Henny J. G. L. M. Lamers and Joseph P. Cassinelli,
pp. 452. ISBN 0521593980. Cambridge, UK: Cambridge University Press, June
1999.)

Lamers, H. J. G. L. M., Haser, S., de Koter, A., & Leitherer, C. 1999, The Ionization
in the Winds of O Stars and the Determination of Mass-Loss Rates from Ultraviolet
Lines. ApJ, 516, 872

Lamers, H. J. G. L. M. & Nugis, T. 2002, An explanation for the curious mass loss
history of massive stars: From OB stars, through Luminous Blue Variables to Wolf-
Rayet stars. A&A, 395, L1

Lamers, H. J. G. L. M. & Pauldrach, A. W. A. 1991, The formation of outflowing disks
around early-type stars by bi-stable radiation-driven winds. A&A, 244, L5

Lamers, H. J. G. L. M., Snow, T. P., & Lindholm, D. M. 1995, Terminal Velocities and
the Bistability of Stellar Winds. ApJ, 455, 269

Langer, N. 1992, Helium enrichment in massive early type stars. A&A, 265, L17
Langer, N. 1998, Coupled mass and angular momentum loss of massive main sequence

stars. A&A, 329, 551
Langer, N. & Maeder, A. 1995, The problem of the blue-to-red supergiant ratio in

galaxies. A&A, 295, 685
Lanz, T., de Koter, A., Hubeny, I., & Heap, S. R. 1996, Toward Resolving the “Mass

Discrepancy” in O-Type Stars. ApJ, 465, 359
Lanz, T. & Hubeny, I. 2003, A Grid of Non-LTE Line-blanketed Model Atmospheres of

O-Type Stars. ApJS, 146, 417
Leitherer, C. 1988, H-alpha as a tracer of mass loss from OB stars. ApJ, 326, 356
Leitherer, C., Robert, C., & Drissen, L. 1992, Deposition of mass, momentum, and

energy by massive stars into the interstellar medium. ApJ, 401, 596
Lennon, D. J., Dufton, P. L., & Crowley, C. 2003, More nitrogen rich B-type stars in

the SMC cluster, NGC 330. A&A, 398, 455
Lenorzer, A., de Koter, A., & Waters, L. B. F. M. 2002a, Hydrogen infrared recom-

bination lines as a diagnostic tool for the geometry of the circumstellar material of hot
stars. A&A, 386, L5

Lenorzer, A., Mokiem, M. R., de Koter, A., & Puls, J. 2004, Modeling the near-

254



BIBLIOGRAPHY

infrared lines of O-type stars (Chapter 3). A&A, 422, 275
Lenorzer, A., Vandenbussche, B., Morris, P., et al. 2002b, An atlas of 2.4 to 4.1 mu

m ISO/SWS spectra of early-type stars. A&A, 384, 473
Luck, R. E., Moffett, T. J., Barnes, T. G., & Gieren, W. P. 1998, Magellanic Cloud

Cepheids - Abundances. AJ, 115, 605
Lucke, P. B. 1972, The OB Stellar Associations in the Large Magellanic Cloud.

Ph.D. Thesis, Univ. Washington
Lucke, P. B. & Hodge, P. W. 1970, A Catalogue of Stellar Associations in the Large

Magellanic Cloud. AJ, 75, 171
Lucy, L. B. 1976, Mass Loss by Cool Carbon Stars. ApJ, 205, 482
Lucy, L. B. 1983, The formation of resonance lines in locally nonmonotonic winds. II -

an amplitude diagnostic. ApJ, 274, 372
MacFarlane, J. J., Cohen, D. H., & Wang, P. 1994, X-ray induced ionization in the

winds of near-main-sequence O and B stars. ApJ, 437, 351
Maeder, A. 1987, Evidences for a bifurcation in massive star evolution. The ON-blue

stragglers. A&A, 178, 159
Maeder, A. 1999, Stellar evolution with rotation IV: von Zeipel’s theorem and

anisotropic losses of mass and angular momentum. A&A, 347, 185
Maeder, A. & Meynet, G. 2000, Stellar evolution with rotation. VI. The Eddington and

Omega -limits, the rotational mass loss for OB and LBV stars. A&A, 361, 159
Maeder, A. & Meynet, G. 2001, Stellar evolution with rotation. VII. Low metallicity

models and the blue to red supergiant ratio in the SMC. A&A, 373, 555
Markova, N., Puls, J., Repolust, T., & Markov, H. 2004, Bright OB stars in the

Galaxy. I. Mass-loss and wind-momentum rates of O-type stars: A pure H\alpha anal-
ysis accounting for line-blanketing. A&A, 413, 693

Martı́n-Hernández, N. L., Bik, A., Kaper, L., Tielens, A. G. G. M., & Hanson, M. M.
2003, A VLT spectroscopic study of the ultracompact H II region G29.96-0.02. A&A,
405, 175

Martı́n-Hernández, N. L., Peeters, E., Morisset, C., et al. 2002a, ISO spectroscopy of
compact H II regions in the Galaxy. II. Ionization and elemental abundances. A&A,
381, 606

Martı́n-Hernández, N. L., Vermeij, R., Tielens, A. G. G. M., van der Hulst, J. M.,
& Peeters, E. 2002b, The stellar content, metallicity and ionization structure of H II
regions. A&A, 389, 286

Martins, F., Schaerer, D., & Hiller, D. J. 2002, On the effective temperature scale of O
stars. A&A, 382, 999

Martins, F., Schaerer, D., & Hillier, D. J. 2005a, A new calibration of stellar parameters
of Galactic O stars. A&A, 436, 1049

Martins, F., Schaerer, D., Hillier, D. J., & Heydari-Malayeri, M. 2004, Puzzling wind
properties of young massive stars in SMC-N81. A&A, 420, 1087

Martins, F., Schaerer, D., Hillier, D. J., et al. 2005b, O stars with weak winds: the
Galactic case. A&A, 441, 735

Massa, D., Fullerton, A. W., Sonneborn, G., & Hutchings, J. B. 2003, Constraints on
the Ionization Balance of Hot-Star Winds from FUSE Observations of O Stars in the

255



BIBLIOGRAPHY

Large Magellanic Cloud. ApJ, 586, 996
Massey, P. 2002, A UBVR CCD Survey of the Magellanic Clouds. ApJS, 141, 81
Massey, P., Bresolin, F., Kudritzki, R. P., Puls, J., & Pauldrach, A. W. A. 2004, The

Physical Properties and Effective Temperature Scale of O-Type Stars as a Function of
Metallicity. I. A Sample of 20 Stars in the Magellanic Clouds. ApJ, 608, 1001

Massey, P. & Hunter, D. A. 1998, Star Formation in R136: A Cluster of O3 Stars
Revealed by Hubble Space Telescope Spectroscopy. ApJ, 493, 180

Massey, P., Lang, C. C., Degioia-Eastwood, K., & Garmany, C. D. 1995, Massive
stars in the field and associations of the magellanic clouds: The upper mass limit, the
initial mass function, and a critical test of main-sequence stellar evolutionary theory.
ApJ, 438, 188

Massey, P., Parker, J. W., & Garmany, C. D. 1989, The stellar content of NGC 346 -
A plethora of O stars in the SMC. AJ, 98, 1305

Massey, P., Puls, J., Pauldrach, A. W. A., et al. 2005, The Physical Properties and
Effective Temperature Scale of O-Type Stars as a Function of Metallicity. II. Analysis
of 20 More Magellanic Cloud Stars and Results from the Complete Sample. ApJ, 627,
477

Massey, P. & Thompson, A. B. 1991, Massive stars in CYG OB2. AJ, 101, 1408
Mathys, G. 1988, The upper main sequence of OB associations. I - Spectral types and

lines of C and N of southern single-lined O stars. A&AS, 76, 427
Mathys, G. 1989, The upper main sequence of OB associations. II - The single-lined O

stars: Spectral classification of northern stars and lines of C and N. A&AS, 81, 237
Matthews, T. A. & Sandage, A. R. 1963, Optical Identification of 3c 48, 3c 196, and 3c

286 with Stellar Objects. ApJ, 138, 30
McCarthy, J. K., Kudritzki, R., Lennon, D. J., Venn, K. A., & Puls, J. 1997, Mass-

Loss Rates and Stellar Wind Momenta of A-Supergiants in M31: First Results from
the Keck HIRES Spectrograph. ApJ, 482, 757

McErlean, N. D., Lennon, D. J., & Dufton, P. L. 1998, Helium enhancements in lumi-
nous OB-type stars: the effect of microturbulence. A&A, 329, 613

Metcalfe, T. S. & Charbonneau, P. 2003, Stellar structure modeling using a parallel ge-
netic algorithm for objective global optimization. Journal of Computational Physics,
185, 176

Metcalfe, T. S., Nather, R. E., & Winget, D. E. 2000, Genetic-Algorithm-based Aster-
oseismological Analysis of the DBV White Dwarf GD 358. ApJ, 545, 974

Meyer, M. R., Edwards, S., Hinkle, K. H., & Strom, S. E. 1998, Near-Infrared Clas-
sification Spectroscopy: H-Band Spectra of Fundamental MK Standards. ApJ, 508,
397

Meynet, G. & Maeder, A. 1997, Stellar evolution with rotation. I. The computational
method and the inhibiting effect of the µ-gradient. A&A, 321, 465

Meynet, G. & Maeder, A. 2000, Stellar evolution with rotation. V. Changes in all the
outputs of massive star models. A&A, 361, 101

Meynet, G. & Maeder, A. 2005, Stellar evolution with rotation. XI. Wolf-Rayet star
populations at different metallicities. A&A, 429, 581

Mihalas, D. 1978, Stellar atmospheres /2nd edition/ (San Francisco, W. H. Free-

256



BIBLIOGRAPHY

man and Co., 1978. 650 p.)
Mitchell, R. C., Baron, E., Branch, D., et al. 2002, Detailed Spectroscopic Analysis

of SN 1987A: The Distance to the Large Magellanic Cloud Using the Spectral-fitting
Expanding Atmosphere Method. ApJ, 574, 293

Moffat, A. F. J., Lepine, S., Henriksen, R. N., & Robert, C. 1994, First wavelet anal-
ysis of emission line variations in Wolf-Rayet stars. Ap&SS, 216, 55

Mokiem, M. R., de Koter, A., Evans, C. J., et al. 2006a, The VLT-FLAMES survey
of massive stars: Mass loss and rotation of early type stars in the SMC (Chapter 5).
A&A, submitted

Mokiem, M. R., de Koter, A., Evans, C. J., et al. 2006b, The VLT-FLAMES survey of
massive stars: Wind properties and evolution of hot massive stars in the LMC (Chap-
ter 6). A&A, submitted

Mokiem, M. R., de Koter, A., Puls, J., et al. 2005, Spectral analysis of early-type stars
using a genetic algorithm based fitting method (Chapter 4). A&A, 441, 711

Mokiem, M. R., Martı́n-Hernández, N. L., Lenorzer, A., de Koter, A., & Tielens,
A. G. G. M. 2004, Metallicity and the spectral energy distribution and spectral types
of dwarf O-stars (Chapter 2). A&A, 419, 319

Momany, Y., Vandame, B., Zaggia, S., et al. 2001, ESO imaging survey. Pre-FLAMES
survey: Observations of selected stellar fields. A&A, 379, 436

Morgan, W. W. & Keenan, P. C. 1973, Spectral Classification. Annual Reviews, 11,
29

Morisset, C., Schaerer, D., Bouret, J.-C., & Martins, F. 2004, Mid-IR observations of
Galactic H II regions: Constraining ionizing spectra of massive stars and the nature of
the observed excitation sequences. A&A, 415, 577

Morisset, C., Schaerer, D., Martı́n-Hernández, N. L., et al. 2002, A photoionization
model of the compact H II region G29.96-0.02. A&A, 386, 558

Morton, D. C. 1967, The Far-Ultraviolet Spectra of Six Stars in Orion. ApJ, 147, 1017
Najarro, F., Hillier, D. J., Kudritzki, R. P., et al. 1994, The nature of the brightest

galactic center HeI emission line star. A&A, 285, 573
Najarro, F., Hillier, D. J., Kudritzki, R. P., & Morris, P. W. 1999, Model atmospheres

of early type stars. in ESA SP-427: The Universe as Seen by ISO, 377–+
Najarro, F., Hillier, D. J., & Stahl, O. 1997, A spectroscopic investigation of P Cygni. I.

H and HeI lines. A&A, 326, 1117
Najarro, F., Kudritzki, R.-P., Hillier, D. J., et al. 1998, Quantitative IR Spectroscopy

of Hot Stars Observed by ISO. in ASP Conf. Ser. 131: Properties of Hot Luminous
Stars, 57–+

Nota, A., Clampin, M., Gallagher, J. S., et al. 2004, Deep HST/ACS Photometry of
the Young Cluster NGC 346 in the SMC. American Astronomical Society Meeting
Abstracts, 205

Oey, M. S. 1999, Superbubbles in the Magellanic Clouds. in IAU Symp. 190: New
Views of the Magellanic Clouds, 78

Oey, M. S., Dopita, M. A., Shields, J. C., & Smith, R. C. 2000, Calibration of Nebular
Emission-Line Diagnostics. I. Stellar Effective Temperatures. ApJS, 128, 511

Okamoto, Y. K., Kataza, H., Yamashita, T., Miyata, T., & Onaka, T. 2001, High-

257



BIBLIOGRAPHY

Resolution Mid-Infrared Imaging and Spectroscopic Observations of a Massive Star
Forming Region W51 IRS 2. ApJ, 553, 254

Owocki, S. P. 1994, Theory review: Line-driven instability and other causes of structure
and variability in hot-star winds. Ap&SS, 221, 3

Owocki, S. P., Castor, J. I., & Rybicki, G. B. 1988, Time-dependent models of radiatively
driven stellar winds. I - Nonlinear evolution of instabilities for a pure absorption model.
ApJ, 335, 914

Owocki, S. P. & Puls, J. 1999, Line-driven Stellar Winds: The Dynamical Role of Diffuse
Radiation Gradients and Limitations to the Sobolev Approach. ApJ, 510, 355

Owocki, S. P. & Puls, J. 2002, Ion Runaway Instability in Low-Density, Line-driven
Stellar Winds. ApJ, 568, 965

Pagel, B. E. J. 1992, Chemical Evolution of Stellar Populations. in IAU Symp. 149:
The Stellar Populations of Galaxies, Vol. 149, 133

Pagel, B. E. J., Edmunds, M. G., Fosbury, R. A. E., & Webster, B. L. 1978, A survey
of chemical compositions of H II regions in the Magellanic Clouds. MNRAS, 184, 569

Panagia, N., Gilmozzi, R., Macchetto, F., Adorf, H.-M., & Kirshner, R. P. 1991,
Properties of the SN 1987A circumstellar ring and the distance to the Large Magellanic
Cloud. ApJ, 380, L23

Parker, J. W., Garmany, C. D., Massey, P., & Walborn, N. R. 1992, The stellar content
of LH 9 and 10 (N11) in the LMC - A case for sequential star formation. AJ, 103, 1205

Pauldrach, A., Puls, J., & Kudritzki, R. P. 1986, Radiation-driven winds of hot lumi-
nous stars - Improvements of the theory and first results. A&A, 164, 86

Pauldrach, A. W. A., Hoffmann, T. L., & Lennon, M. 2001, Radiation-driven winds of
hot luminous stars. XIII. A description of NLTE line blocking and blanketing towards
realistic models for expanding atmospheres. A&A, 375, 161

Pedoussaut, A., Capdeville, A., Ginestet, N., & Carquillat, J. M. 1996, List of Spec-
troscopic Binaries (Pedoussaut+ 1985). VizieR Online Data Catalog, 4016

Peeters, E., Martı́n-Hernández, N. L., Damour, F., et al. 2002, ISO spectroscopy of
compact H II regions in the Galaxy. I The catalogue. A&A, 381, 571

Penny, L. R. 1996, Projected Rotational Velocities of O-Type Stars. ApJ, 463, 737
Penny, L. R., Sprague, A. J., Seago, G., & Gies, D. R. 2004, Effects of Metallicity on

the Rotational Velocities of Massive Stars. ApJ, 617, 1316
Porter, J. M. & Rivinius, T. 2003, Classical Be Stars. PASP, 115, 1153
Prinja, R. K. & Crowther, P. A. 1998, HST UV measurements of wind structure and

velocities in Local Group OB stars. MNRAS, 300, 828
Puls, J., Kudritzki, R.-P., Herrero, A., et al. 1996, O-star mass-loss and wind mo-

mentum rates in the Galaxy and the Magellanic Clouds Observations and theoretical
predictions. A&A, 305, 171

Puls, J., Repolust, T., Hoffmann, T. L., Jokuthy, A., & Venero, R. O. J. 2003, Ad-
vances in radiatively driven wind models. in IAU Symp. 212: A Massive Star
Odyssey: From Main Sequence to Supernova, 61

Puls, J., Springmann, U., & Lennon, M. 2000, Radiation driven winds of hot luminous
stars. XIV. Line statistics and radiative driving. A&AS, 141, 23

Puls, J., Urbaneja, M. A., Venero, R., et al. 2005, Atmospheric NLTE-models for the

258



BIBLIOGRAPHY

spectroscopic analysis of blue stars with winds. II. Line-blanketed models. A&A, 435,
669

Repolust, T., Puls, J., Hanson, M. M., Kudritzki, R.-P., & Mokiem, M. R. 2005,
Quantitative H and K band spectroscopy of Galactic OB-stars at medium resolution.
A&A, 440, 261

Repolust, T., Puls, J., & Herrero, A. 2004, Stellar and wind parameters of Galactic
O-stars. The influence of line-blocking/blanketing. A&A, 415, 349

Robert, C. 1994, Optical spectroscopy of inhomogeneities in the winds of Wolf-Rayet
stars. Ap&SS, 221, 137

Rolleston, W. R. J., Trundle, C., & Dufton, P. L. 2002, The present-day chemical com-
position of the LMC. A&A, 396, 53

Rolleston, W. R. J., Venn, K., Tolstoy, E., & Dufton, P. L. 2003, The present-day
chemical composition of the SMC from UVES spectra of the sharp-lined, B-type dwarf
AV 304. A&A, 400, 21

Russell, S. C. & Bessell, M. S. 1989, Abundances of the heavy elements in the Magel-
lanic Clouds. I - Metal abundances of F-type supergiants. ApJS, 70, 865

Russell, S. C. & Dopita, M. A. 1990, Abundances of the heavy elements in the Magel-
lanic Clouds. II - H II regions and supernova remnants. ApJS, 74, 93

Ryans, R. S. I., Dufton, P. L., Rolleston, W. R. J., et al. 2002, Macroturbulent and
rotational broadening in the spectra of B-type supergiants. MNRAS, 336, 577

Sanduleak, N. 1970, A deep objective-prism survey for Large Magellanic Cloud mem-
bers. Contributions from the Cerro Tololo Inter-American Observatory, 89

Schaerer, D. 2000, Massive Star Forming Regions: From Diagnostic Tools to Derived
Properties. in ASP Conf. Ser. 221: Stars, Gas and Dust in Galaxies: Exploring the
Links, 99

Schaerer, D. & de Koter, A. 1997, Combined stellar structure and atmosphere models
for massive stars. III. Spectral evolution and revised ionizing fluxes of O3-B0 stars.
A&A, 322, 598

Schaerer, D., de Koter, A., Schmutz, W., & Maeder, A. 1996, Combined stellar struc-
ture and atmosphere models for massive stars. II. Spectral evolution on the main se-
quence. A&A, 312, 475

Schaerer, D., Meynet, G., Maeder, A., & Schaller, G. 1993, Grids of stellar models. II
- From 0.8 to 120 solar masses at Z = 0.008. A&AS, 98, 523

Schaller, G., Schaerer, D., Meynet, G., & Maeder, A. 1992, New grids of stellar
models from 0.8 to 120 solar masses at Z = 0.020 and Z = 0.001. A&AS, 96, 269

Schmutz, W., Hamann, W.-R., & Wessolowski, U. 1989, Spectral analysis of 30 Wolf-
Rayet stars. A&A, 210, 236

Schönberner, D., Herrero, A., Becker, S., et al. 1988, A non-LTE stellar atmosphere
study of nitrogen-rich early-type stars. A&A, 197, 209
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SAMENVATTING IN HET NEDERLANDS

ZWARE STERREN

Ons melkwegstelsel bevat naast de zon ongeveer honderd miljard andere sterren.
Omdat de meest nabije ster al meer dan 250 000 keer verder weg staat dan de zon
is de sterrenhemel niet oogverblindend. Veel verschil zien we met ons blote oog
niet tussen de vele lichtpuntjes, en je zou kunnen denken dat sterren erg op el-
kaar lijken. Niets is minder waar. Er is een enorme variatie in de eigenschappen
van sterren en sterrenkundigen brengen dit scala aan stereigenschappen in kaart
om zich vervolgens af te vragen waarom er zo veel verschillen tussen sterren
zijn. Voorbeelden van eigenschappen waarin sterren verschillen zijn hun afme-
ting, helderheid, massa, en temperatuur aan het oppervlak. Zo hebben dwergs-
terren slechts een duizendste van het volume van onze zon, terwijl superreuzen
in termen van volume wel een miljard maal groter kunnen zijn. De oppervlakte
temperatuur van sterren varieert over een veel kleiner bereik, tussen ongeveer
2 000 en 50 000 graden Celsius. De zon is met zijn 5 500 graden ietwat aan de koe-
le kant. De massa van sterren loopt uiteen van 0.08 keer de massa van de zon tot
zo’n 100 keer de zonsmassa voor de zwaarste sterren. De zwaarste sterren zijn
ook het lichtkrachtigst. Ze kunnen per seconde wel een miljoen keer zoveel licht
uitstralen dan de zon, en kunnen dus gezien worden tot op zeer grote afstand. De
lichtste sterren schijnen het zwakst. Tienduizend van dit soort sterren zijn nodig
om de zon in lichtkracht te evenaren.

Een slimme manier om sterren te categoriseren is aan de hand van hun mas-
sa. Het is namelijk deze massa, beter gezegd hun initiële massa of “geboortege-
wicht”, die voor een belangrijk deel bepaalt hoe de bovengenoemde stereigen-
schappen veranderen in de tijd en hoe lang typische stadia van deze “evolutie”
duren. Een ster zoals onze zon bijvoorbeeld, leeft ongeveer tien miljard jaar ter-
wijl hij langzaam de waterstof voorraad in zijn centrum door middel van kernfu-
sie “verbrandt” tot helium. Aan het eind van zijn leven, wanneer deze voorraad
volledig is omgezet, zwelt hij op tot een rode reus om uiteindelijk zijn buitenste
lagen de ruimte in te blazen. De compacte kern die achterblijft is een witte dwerg
ster. Zwaardere sterren, daarentegen, hebben veel kortere levensduren. Vanwege
de grotere massa zijn de druk en temperatuur in de kernen van deze sterren ho-
ger. Als gevolg hiervan wordt de waterstof voorraad sneller “verbrand”. Een ster
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met een initiële massa van ongeveer vijftig keer die van de zon heeft bijvoorbeeld
een levensduur van slechts enkele miljoenen jaren. Ook zorgen de hoge druk en
temperatuur er voor dat, wanneer de waterstof voorraad uitgeput is, de ster ook
in staat is om een groot aantal andere elementen door middel van kernfusie te
verbranden. Aan het eind van zijn leven heeft een zware ster een kern die zelfs
ijzer bevat. Wanneer de ster sterft, stort deze kern in tot een supercompact object,
een neutronen ster of een zwart gat, terwijl de buitenste lagen afgestoten worden
in een supernova explosie.

Als we naar de daadwerkelijke verdeling van stermassa’s in ons melkweg-
stelsel kijken, zien we dat de natuur bij voorkeur lichte sterren vormt. Waarne-
mingen en berekeningen laten zien dat slechts eenduizendste promille van alle
sterren een massa heeft die groter is dan ongeveer tien keer die van de zon. In
eerste instantie zou je verwachten dat voor deze kleine massieve subgroep slechts
een ondergeschikte rol is weggelegd. Het tegendeel is echter waar. Zware ster-
ren, zoals we ze vanaf nu zullen noemen, blijken een dominante rol te spelen in
ons heelal. Ik noem een viertal redenen die hier aan ten grondslag liggen.

Ten eerste stralen zware sterren enorme hoeveelheden licht uit. De zwaarste
en heetste sterren kunnen, zoals al eerder genoemd werd, wel een miljoen keer
zo lichtkrachtig zijn als de zon. Hierdoor zijn ze bijvoorbeeld te onderscheiden
in sterrenstelsels ver verwijderd van ons eigen melkwegstelsel. Ook bestaat de
straling die ze uitzenden voornamelijk uit fotonen die zo energierijk zijn dat ze
het waterstof in grote in sterrenstelsels aanwezige gaswolken kunnen ioniseren.

Ten tweede leveren zware sterren een belangrijke bijdrage aan het energie-
budget van sterrenstelsels. Bij de supernova explosie komt bijvoorbeeld zeer
veel energie vrij. In een veel geleidelijker proces doen ze dit ook gedurende hun
voorafgaande leven. Zware sterren zijn namelijk zo lichtkrachtig dat door de
druk uitgeoefend door de uitgestraalde fotonen materiaal van het steroppervlak
wordt weggeblazen. Dit wordt sterwind genoemd. Deze is zo krachtig dat de
totale energie die een zware ster hiermee gedurende zijn leven het interstellair
medium inpompt, vergelijkbaar is met de hoeveelheid energie die vrijkomt bij
een supernova explosie. Ook zijn de sterwinden en supernova explosies verant-
woordelijk voor de vorming van drukgolven die de vorming van nieuwe sterren
uit het interstellair gas kunnen initiëren.

De derde reden waarom zware sterren zo belangrijk zijn, is vanwege hun rol
in de verrijking van het heelal met elementen zwaarder dan waterstof en helium.
Zoals eerder besproken worden in de kernen van zware sterren lichte elementen
door middel van kernfusie processen omgezet in zwaardere elementen. Deze
elementen kunnen uit de ster “weglekken” doordat mengprocessen ze naar het
steroppervlak brengen waarna ze door sterwind de ruimte ingeblazen worden.
De grootste hoeveelheid zware elementen komt overigens vrij wanneer de ster
sterft in een supernova explosie.

Tenslotte wil ik nog noemen dat zware sterren een erg belangrijke rol gespeeld
hebben in het vroege heelal. De verwachting is dat de eerste sterren die ontstond
na de oerknal zeer zwaar waren. Deze objecten bestonden enkel uit waterstof en
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helium. Dit zijn namelijk de enige twee elementen die in de oerknal gevormd
werden (de 9% waterstof dat ons lichaam bevat, is toen ook gevormd). De ele-
menten zwaarder dan waterstof en helium, in de sterrenkunde aangeduid met de
term “metalen”, worden door sterren geproduceerd (91% van ons lichaam bestaat
dus uit “sterrenstof”). Voor de vorming en verspreiding van de eerste metalen in
ons heelal zijn dus de eerste zware sterren verantwoordelijk geweest.

Kortom, voor een goed begrip van ons heelal is het van vitaal belang dat we
zware sterren tot in het kleinste detail begrijpen.

DIT PROEFSCHRIFT

Teneinde de rol van zware sterren in ons heelal te kunnen kwantificeren, wor-
den in dit proefschrift hun fysische eigenschappen onderzocht. Centraal staat de
vraag hoe deze eigenschappen, zoals oppervlaktetemperatuur, aantal uitgestraal-
de ioniserende fotonen en windsterkte, verschillen als functie van de chemische
samenstellingen van het gas waaruit de sterren zijn ontstaan. In het bijzonder
wordt onderzocht hoe het massaverlies, dus het “verdampen” van de ster als ge-
volg van de sterwind, afhangt van het metaalgehalte van deze sterren. Om deze
vragen te beantwoorden worden zowel theoretische als empirische studies ge-
daan. De theoretische studies geven inzicht in hoe deze fysische eigenschappen
het waargenomen licht van een ster beı̈nvloeden en hoe hieruit informatie over
de ster geëxtraheerd kan worden. Met deze kennis worden empirische studies
uitgevoerd om te bepalen wat de fysische eigenschappen zijn van zware sterren
in ons melkwegstelsel en sterren in andere sterrenstelsels die een andere chemi-
sche samenstelling hebben.

Hoofdstuk 2 beschrijft de resultaten van een theoretische studie naar het ge-
drag van het spectrum van licht uitgezonden door zware sterren als functie van
de chemische samenstelling van deze sterren. Eén van de belangrijkste bevindin-
gen is dat het aantal per seconde uitgezonden fotonen dat voldoende energierijk
is om waterstof te ioniseren onafhankelijk is van deze chemische samenstelling.
De exacte verdeling van deze fotononen in het spectrum is echter wel sterk af-
hankelijk van de chemische samenstelling, hetgeen van groot belang is voor de
fysische interpretatie van de door zware sterren geı̈oniseerde gaswolken.

In hoofdstuk 3 wordt een theoretische studie naar de nabij-infrarood spectra
van zware sterren uitgevoerd. Dit heeft als doel om te onderzoeken welke diag-
nostieken aanwezig en bruikbaar zijn om sterren te kunnen onderzoeken waar-
van het optisch spectrum niet waargenomen kan worden.

Eén van de grootste struikelblokken die het analyseren van grote aantallen
van zware sterren verhindert, is het ontbreken van een automatische analyse me-
thode. Om dit probleem op te lossen, hebben wij voor het eerst een dergelijke
methode geconstrueerd door een genetisch algoritme te combineren met een ste-
ratmosfeer model. Hoofdstuk 4 laat zien dat deze implementatie in staat is om
automatisch spectra van zware sterren te reconstrueren met bovendien een nauw-
keurigheid die ver uitstijgt boven die van conventionele technieken.
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Met behulp van de automatische analyse methode wordt in hoofdstuk 5 een
groep zware sterren geanalyseerd die zich in de Kleine Magelhaense Wolk be-
vinden. De Kleine Magelhaense Wolk is een satelliet sterrenstelsel van ons melk-
wegstelsel en bevat sterren met een relatief laag metaalgehalte. Dit laatste stelt
ons in staat om te onderzoeken hoe fundamentele sterparameters zoals bijvoor-
beeld temperatuur en massaverlies zich gedragen als functie van dit metaalgehal-
te. Ook onderzoeken we in dit hoofdstuk de verdeling van de rotatiesnelheden
van zware sterren en bepalen voor de eerste keer wat de verdeling van deze ro-
tatiesnelheden ten tijde van de geboorte van zware sterren is.

In hoofdstuk 6 wordt een groep zware sterren geanalyseerd die zich in de Gro-
te Magelhaense Wolk bevinden, welke een ander satelliet sterrenstelsel van ons
melkwegstelsel is. Het metaalgehalte van de sterren in dit stelsel ligt tussen dat
van de sterren in de Kleine Magelhaense Wolk en ons melkwegstelsel in. Be-
studering van deze sterren biedt dus een mogelijkheid om waardevol vergelij-
kingsmateriaal te verzamelen waarmee we de huidige kennis van de fysische
eigenschappen van zware sterren in verschillende omgevingen kunnen testen en
uitbreiden. Hiernaast wordt er in dit hoofdstuk onderzoek gedaan naar de ster-
vormingsactiviteit in het stervormingsgebied N11.

In dit proefschrift zijn van een groot aantal sterren in sterrenstelsels met ver-
schillende metaalgehaltes de windsterktes nauwkeurig bepaald. Dit maakt het
mogelijk om de relatie tussen het waargenomen massaverlies van zware sterren
en hun metaalgehalte te kalibreren. In hoofdstuk 7 wordt voor de eerste keer deze
relatie gekwantificeerd en vergeleken met theoretische voorspellingen.
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